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1. Overview

This report summarizes the technical progress made during all three years of the contract

“Understanding Heliospheric CMEs using a Robust, Event-Based MHD Model,” (Contract

NNH11CC42C) between NASA and Predictive Science, and covers the period from March 3,

2011 to March 2, 2014. Under this contract, Predictive Science Inc. (PSI) has conducted nu-

merical and data analysis related to issues concerning the eruption and evolution of coronal

mass ejections (CMEs) and the development of a semi-empirical, event-based CME genera-

tor, resulting in 18 peer-reviewed publications and over 20 presentations by team members

at scientific meetings and/or workshops. During this investigation our team focused on: (1)

Development of a robust, semi-empirical model for generating CMEs in the solar corona; (2)

Analysis of the relationship between magnetic clouds and interplanetary coronal mass ejec-

tions (ICMEs) in the solar wind; (3) Investigation of the probability of occurrence of extreme

solar events; (4) The development of an ion-kinetic code for studying CME-driven shocks;

(5) The development and testing of a heliospheric MHD code with the capability of being

driven by a range of CME inputs; (6) Investigation of the Bastille-day event; (7) cone-model

simulations of ICMEs; (8) Simulations of extreme ICMEs; (9) The coupling of our global

MHD CME code with University of New Hampshire’s energetic particle code (EPREM);

and (9) Miscellaneous studies, in collaboration with other institutions, applying our CME

models to study a variety of phenomena related to CME initiation and evolution. We also

list the main presentations made and publications resulting from this effort. Appendix A

provides copies of all significant peer-reviewed papers that resulted from this investigation.

2. Summary of Work

2.1. Development of a robust CME Generator

We began our first year of investigation by completing the development of a kinematically-

initiated CME (KIC) model for solar eruptions. The underlying motivation for this approach

was to bridge the gap between purely ad-hoc methods and fully self-consistent techniques.

The former have the advantage that they are relatively easy to implement and can be ad-

justed (through various parameters) so as to produce an eruption with the desired properties.

However, they suffer from the fact that as a superposition of two magnetic fields, the initial

conditions are never physically realized by the Sun. Moreover, the actual explosive phase of

the eruption is driven by the superposition process. Self-consistent methods, while of more

fundamental scientific value, are considerably more challenging to implement, and sometimes

produce results that do not match observations well. The KIC model was intended to pro-
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vide a sufficient level of realism to an otherwise simple approach: An initially in-equilibrium

solution was kinematically-evolved by winding up the footprints of field lines connecting two

polarities of a bipole. Although the resulting structure was not dynamically-evolved to a

non-equilibrium state, the field itself was well-defined.

In an effort to further develop the KIC CME generator, we realized that a more

physically-defensible approach was to adopt the Titov-Demoullin flux rope (TDFR) pre-

scription and insert an in-equilibrium flux rope in the solar corona. We began by developing

a TDFR model within a Cartesian geometry. Our technique differs from other approaches

in that the flux rope is allowed to relax to an equilibrium prior to eruption. Thus, the initial

conditions are considerably more self-consistent than these “superposition” models, which

produce ejecta simply by being out of equilibrium initially.

Following this, we began exploring the properties of the new TDFR model. We imple-

mented the TDFR model in our global spherical model and conducted several tests inves-

tigating the stability of the structure within within a zero-beta approximation. We found

that, in general, the flux rope was very stable; however, we were able to cause it to erupt

under certain conditions.

During this second year of investigation, we focused our efforts on developing a robust

CME generator using the “modified Titov-Demoullin” (mTD) flux rope method. Our goal

is to use this approach to produce fast CMEs that would otherwise be difficult to initiate

from first principles. While our previous calculations relied on a zero-beta approximation, in

our first set of thermodynamic MHD simulations, we were also able to successfully generate

a fast CME. The CME, which propagated through a quadrupolar magnetic field geometry

generated a fast-mode shock wave by ∼ 2RS, but slowed substantially as it plowed through

the ambient plasma above.

To understand why the CME appears to strongly decelerate in the model corona, we hy-

pothesized that it might be due to the influence of the spatial grid resolution. We performed

a series of zero beta simulations using the same model parameters, but varying the numerical

grid in the radial direction, along which the main propagation takes place. While the results

so far indicate that the resolution indeed plays an important role, they are unfortunately

not yet conclusive. The reason for this is that we used different resolutions along the whole

radial mesh, in particular at low heights. As a result, we found very different onset times

and strengths of reconnection below the respective rising flux ropes, leading to very different

acceleration profiles of the ropes; thus, making a proper comparison difficult.

We also tested whether a density cavitation, created at the onset of strong reconnection

in the wake of the expanding CME, can be avoided using improved spatial grid resolution.
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We found that the cavitation is delayed, but still occurs and therefore leads to numerical

problems in many of our runs. This delay, we believe, is due to the fact that the current layer

below the CME is captured by a higher-resolution grid for a longer period of time, which, in

turn, delays the onset of reconnection. Although this is an improvement, it did not resolve

the problem.

To address this, we implemented a density truncation routine, whereby, on each grid

point, the mass density is prevented from falling below a certain value during the integration.

These values are set to a certain fraction (typically 10−3) of the initial density (i.e., after

the system has been thermodynamically relaxed to a steady-state solar wind solution and

before the mTD flux rope is inserted). Using this density truncation routine, we performed

the first CME simulation in which the eruption is started from a fully relaxed and stable

flux rope. After being inserted into the relaxed solar wind solution, the rope is further

relaxed for 20 Alfven times (corresponding to eight hours of real time). While the rope itself

achieves a magnetic equilibrium relatively quickly, the system must relax further to allow

the relatively strong, wave-like perturbation caused by the insertion of the rope to travel

out to sufficiently large heights prior to the eruption of the CME. The initiation is then

accomplished by imposing photospheric converging flows toward the polarity inversion line

along which the rope is located.

We also modified the boundary conditions so that the initial wave-like perturbation of

the system (caused by the insertion of the rope into the global MHD solution) travels out

of the simulation domain during the relaxation, so that the subsequent eruption provides

a clear, unambiguous picture of the global impact that the CME has on the corona. In

particular, we were able to follow the global MHD wave triggered by the eruption (a so-

called EUV wave) and analyze its relationship to the CME driving it. For example, the

simulation succinctly shows the de-coupling of the wave and the CME after the eruption has

reached a certain height in the corona.

We also ran similar cases in which the eruption originated from a significantly stronger

active region, with peak field strengths of about 1000 Gauss. Previously, attempts to simulate

CMEs from such strong fields always led to numerical instabilities. Using our new “density

cavitation limitation” method, the simulation remained stable for a longer period of time.

However, eventually, it too terminated when the (flare) reconnection in the wake of the CME

became too violent.

Figure 1 summarizes the main aspects of the mTD model prior to eruption. The top

two panels show the configuration of the CME structure after insertion of the flux rope,

while the bottom panels show the configuration after it has relaxed.
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Fig. 1.—: Insertion of the mTD flux rope. The top panels show the configuration after insertion,

while the bottom panels show the configuration after relaxation. Alternating rows show Log(T) and

log(Density).

To resolve the issues of the density cavitation when strong fields are involved, we added

the capability of arbitrarily enhancing the resistivity (and viscosity) in a specified localized

region, while keeping the resistivity low in the rest of the simulation domain. In preliminary

tests, the code now survives the critical time period of reconnection, so that we can, in

principle, model CMEs from active regions with kilogauss fields. We note, however, that the

current method of setting the enhanced resistivity within a specific region is achieved in an

ad hoc fashion.

Using these techniques for ensuring numerical stability, we completed a CME simulation

in which the eruption: (a) originates within a source region containing kilogauss fields and;

(b) starts from a flux rope configuration that is in magnetic equilibrium. We consider these

crucial steps towards realistic simulations of extreme CMEs. During the relaxation of the

system we observed the accumulation of cold and dense plasma within the flux rope, which
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strongly resembled actual prominences on the Sun. While we have yet to investigate how

this ‘prominence’ forms in the simulation, and so cannot claim that the formation process

is realistic, it is nevertheless a useful proxy for studying how the presence of dense material

within the pre-eruption rope influences the final speed and morphology of the CME as seen

in white-light observations.

We continued to increase the spatial resolution of the numerical grid in the radial direc-

tion with each subsequent simulation. Our main motivation was to check whether improved

resolution helps to decrease, or even suppress, the relatively strong deceleration of the CME

observed in earlier runs. This experiment was only partially successful: the deceleration is

less pronounced than in earlier runs, but still persists and is significant. Thus, this remains

an ongoing question. Alternatively, it may well be that impulsively accelerated fast CMEs,

in contrast to gradually-accelerated slow and average speed CMEs, undergo a significant

deceleration low in the corona (i.e., prior to their further deceleration high in the corona and

solar wind). If so, it would suggest the need for even stronger model active region fields to

produce CMEs with final (coronal) propagation speeds of 1500 km/s or more. Indeed, two

out of the three fast CMEs reported by Temmer et al. (2010) showed a strong deceleration

(a reduction in speed by a factor of approximately 2) at relatively low coronal heights.

We also explored an additional aspect of these simulations: the connection between

CMEs and their related EUV signatures in the low corona, such as EUV waves and coronal

dimming regions. The framework we use in our simulations allows us to explore the full

non-linear response of the corona to an eruption, while also retaining configurations that are

simple enough to allow clear comparisons between runs. For example, when comparing a

fast CME run with large energy release to a weaker one produced from a similar region with

lower field strength, we noticed important qualitative differences between both the initial

speed of the EUV front and the points at which it no longer appeared to be driven by the

CME shock. In both simulations, we also identified fine scale oscillations developing just

behind the outward propagating front, reminiscent of features discovered recently by AIA

observations. By studying such features in detail and contrasting them between runs, we

hope to gain insight into how EUV waves are driven in the low corona, and why they might

appear different depending on the nature of the CME itself. Concerning coronal dimming

regions, we are now able to explore how the changing magnetic field due to a CME relates

to regions of transient density depletion in the low corona (dimming). Although it is clear

that some coronal mass will be lost during a CME eruption, why adjacent coronal regions

sometimes display strong or asymmetric dimming regions is not yet fully understood, and

suggested observational mechanisms need to be tested. By following how portions of nearby

closed flux systems became effectively open in one of our quadrupolar active region runs, we

developed a relatively simple picture for how such extended dimming regions might occur
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Fig. 2.—: Evolution of a CME initiated using the mTD technique (left) close to the Sun and

(right) higher in the corona.

away from the flare site. We hope to explore this in more detail in forthcoming simulations

with asymmetric initial configurations.

In collaboration with Kathy Reeves from CFA, we investigated plasma heating during

the eruption of a CME. Recent studies have shown that, in addition to the material observed

in post-flare loops, the plasma that escapes from the Sun as the CME is heated during the

eruption. At present, it is unclear which is (are) the most important mechanism(s) for heating

the CME plasma(e.g. Murphy et al. 2011). Our analysis suggests that heating of the plasma

due to compression from the upward-directed flare reconnection jet below the erupting CME

is significantly stronger than joule heating and may be the dominant mechanism. This result

is consistent with earlier theoretical suggestions by Longcope et al. (2009), and, to the best

of our knowledge, represents the first time it has been verified with simulations. Caution

is required, however, when undertaking these simulations because both the strength of the

reconnection jets and the amount of joule heating depend (at least to some extent) on the

values of viscosity and resistivity in the simulations. Therefore, it is important to explore

the parameter space by varying viscosity and resistivity and assessing their impact on the

model results.

We also produced a series of synthetic polarization brightness images of the solar corona

from several of our recent CME simulations, as well as corresponding running difference

and running ratio images. These synthetic data will allow us to study various aspects
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like the CME white-light morphology (which can be viewed from an arbitrary angle) and

the evolution of large-scale CME-related features, such as global waves and shocks. We

also developed a semi-automatic tool to generate height-time profiles from the images. A

preliminary analysis of these profiles, in combination with the simulation data, suggests that

the deceleration of our model CMEs reported earlier may be in fact related to unrealistically

large reconnection jets in some of the runs. It appears that if reconnection occurs while the

rising CME flux rope has not yet reached a sufficient height, a reconnection outflow, which

is significantly faster than the CME velocity, can temporarily accelerate the CME to a speed

that it would not otherwise reach. Following this short, but strong perturbation, the CME

appears to “fall back” to the speed governed by the large-scale forces acting on the flux rope.

This effect may be present in observed events (see, e.g., Fig. 8 in Temmer et al. (2010)).

We plan to investigate this in more detail by repeating selected runs, where we attempt to

damp the reconnection outflows by imposing a sufficiently large localized viscosity around

the reconnection region.

Figure 2 shows a running-ratio polarization brightness image from one of the mTD

simulations. The “coronagraph” FOV has been set to mimic observations, although in

reality, of course, the model ran from the surface marked with the green line. Close to the

Sun, the strong eruption has driven a wave, which has likely steepened into a shock by a

few solar radii. Within the cavity defined as the region within the bright front, there is a

considerable amount of structure. Further away from the Sun (right panel), one can see

(albeit only faintly) that the eruption-driven wave has decoupled from the ejecta and has

“interfered with itself” at the opposite side of the Sun. We are continuing to investigate

these results.

Based on evidence that suggests quiescent prominences outside active regions may have

a hollow core current profile, while active region filaments may instead be dominated by

currents concentrated within the flux rope, we generalized the TDm model to account for

these two possibilities. Until recently, the so-called “hollow core” current profiles in the

model allowed specification of current densities concentrated in an annulus at the edge of

the flux rope. With the new option, we can now prescribe a parabolic radial current profile

within the flux rope. With these two options, we should have sufficient flexibility to build a

wide range of pre-eruptive coronal configurations.

During our third year, we continued to refine the TDm model. While our previous

efforts focused on generating faster eruptions by experimenting with different flux rope con-

figurations, we began a complementary effort to investigate the effects of different large-scale

coronal magnetic configurations on the solutions. This was motivated in part by observations

that line-of-sight magnetic field strengths in the Kitt Peak magnetograms are significantly
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weaker than those obtained by MDI. Moreover, magnetograms may be produced at signifi-

cantly different times, with respect to the time of eruption. Initially, we focused on zero-beta

solutions. Our tests thus far indicated that stronger fields will yield more powerful and faster

eruptions.

In the TDmmodel, the electric currents are located at the surface of the flux rope, within

a layer of finite thickness. Up until now, this layer had not been not force-free, leading to

a violent reconfiguration of the flux rope when the analytical model is used as an initial

condition in an MHD simulation. While the rope quickly found a new equilibrium state,

which could then be employed as a pre-eruption configuration for CME modeling, this initial

reconfiguration triggered a strong perturbation of the global configuration. We developed a

new analytical version of the mTD model in which the current layer is approximately force-

free, and we experimented with this new version to find the parameters that yield a solution

best matching a fully force-free state.

We also constructed a new flux rope configuration using fields derived from MDI mag-

netograms. MDI fields appear to be significantly stronger, allowing us to construct a sub-

stantially more compact flux rope, containing stronger fields. We performed a variety of

zero-beta test runs with the new flux rope and were able to generate notably more powerful

eruptions. We also experimented with different converging-flow profiles, aimed at mimicking

the temporal evolution of the active region, and ultimately triggering the eruption.

We defined and ran a series of test simulations for our new, force-free description of

the TDm model. The simulations showed that numerical equilibria can be achieved for the

new model version for different ambient magnetic fields and for flux ropes that are tilted

with respect to the vertical direction. The latter are useful for asymmetric CME source

regions, where one magnetic polarity is stronger than the other. The runs with tilted flux

ropes revealed that current concentrations are present in a localized area surrounding the

symmetry axis of the TDm current ring, which are not visible in non-tilted cases, since the

symmetry axis is then located fully below the photospheric plane.

Based on evidence that suggests quiescent prominences outside active regions may have

a hollow core current profile, while active region filaments may instead be dominated by

currents concentrated within the flux rope, we generalized the TDm model to account for

these two possibilities. Until recently, the so-called “hollow core” current profiles in the

model allowed specification of current densities concentrated in an annulus at the edge of

the flux rope. With the new option, we can now prescribe a parabolic radial current profile

within the flux rope. With these two options, we should have sufficient flexibility to build a

wide range of pre-eruptive coronal configurations.
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We also generalized our global MHD code, MAS, to allow specification of a TDm flux

rope at some arbitrary height above the surface. Previously, the simulation domain was

required to begin at 1Rs. With this new capability, we are able to study eruptions from,

say, 20Rs, which will avoid having the sometimes unnecessary expense of having to compute

computationally intensive solutions, particularly if we are more interested in the heliospheric

evolution of such structures. Ultimately, we plan to incorporate this into the heliospheric

version of the MAS code, which will allow us to directly simulate flux-rope-like ejecta from

20Rs to say 1-5 AU. This model approach should complement our recently developed “sphero-

mak” ejecta (see below), and provide an alternative, simple ICME generator, which includes

magnetic structure.

2.2. On the Relationship between Magnetic Clouds and ICMEs

In-situ measurements of interplanetary coronal mass ejecta (ICMEs) display a wide

range of properties. A distinct subset of them, “magnetic clouds” (MCs), are readily iden-

tifiable by a smooth rotation in an enhanced magnetic field, together with an unusually low

solar wind proton temperature. In this part of the investigation, we analyzed Ulysses space-

craft measurements to systematically investigate five possible explanations for why some

ICMEs are observed to be MCs and others are not: (1) An observational selection effect,

that is, all ICMEs do in fact contain MCs, but the trajectory of the spacecraft through the

ICME determines whether the MC is actually encountered; (2) Interactions of an erupting

flux rope (FR) with itself or between neighboring FRs, which produce complex structures

in which the coherent magnetic structure has been destroyed; (3) An evolutionary process,

such as relaxation to a low plasma-β state that leads to the formation of a MC; (4) The

existence of two (or more) intrinsic initiation mechanisms, some of which produce MCs and

some that do not; or (5) MCs are just an easily identifiable limit on in an otherwise con-

tinuous spectrum of structures. We applied quantitative statistical models to assess these

ideas. In particular, we used the Akaike Information Criterion (AIC) to rank the candidate

models and a Gaussian Mixture Model (GMM) to uncover any intrinsic clustering of the

data. Using a logistic regression, we found that plasma-beta, CME width, and the ratio

O7/O6 are the most significant predictor variables for the presence of a MC. Moreover, the

propensity for an event to be identified as a MC decreases with heliocentric distance. These

results tend to refute ideas (2) and (3). GMM clustering analysis further identified three

distinct groups of ICMEs; two of which match (at the 86% level) with events independently

identified as MCs, and a third that matches with non-MCs (68% overlap). Thus, idea (5)

is not supported. Choosing between ideas (1) and (4) is more challenging since they may

effectively be indistinguishable from one another by a single in-situ spacecraft. This study
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is described in more detail in the Appendix, where we also offer some suggestions on how

future studies may address this.

2.3. On the Probability of Occurrence of Extreme Space Weather Events

By virtue of their rarity, extreme space weather events, such as the Carrington event of

1859, are difficult to study, their rates of occurrence are difficult to estimate, and prediction

of a specific future event is virtually impossible. Additionally, events may be extreme relative

to one parameter but normal relative to others. In portion of the study, we analyzed several

measures of the severity of space weather events (flare intensity, CME speeds, Dst, and

>30 MeV proton fluences as inferred from nitrate records) to estimate the probability of

occurrence of extreme events. By showing that the frequency of occurrence scales as an

inverse power of the severity of the event, and assuming that this relationship holds at

higher magnitudes, we were able to estimate the probability that an event larger than some

criteria will occur within a certain interval of time in the future. For example, the probability

of another Carrington event (based on Dst < −850 nT) occurring within the next decade is

∼12%. We also identified and addressed several limitations with this approach. In particular,

we assumed time stationarity and, thus, the effects of long-term space climate change were

not considered. While this technique cannot be used to predict specific events, it may

ultimately be useful for probabilistic forecasting. This work is described in more detail in

the Appendix.

2.4. A Hybrid Model for ICMEs

During the previous year, we explored a novel approach to modeling CMEs using a hy-

brid code. In these so-called ion-kinetic techniques, the ions are treated as “macro-particles”

while the electrons are treated as a fluid. Such models have never been applied globally to

CMEs in the past because the the size of a CME in the solar wind far exceeds the spatial

scales that can be captured by hybrid simulations. (Previous attempts, dating back 13 years,

relied on “scaled down” models of ICMEs). However, we believe that by parallelizing the

code, restricting the analysis to two dimensions, and using the fastest supercomputers avail-

able, we can simultaneously model both fine-scale, and global shock structure associated

with fast CMEs. This will allow us to investigate: field-line draping, magnetic reconnec-

tion, back-streaming ions upstream of quasi-parallel shocks, and mirror-mode waves behind

quasi-perpendicular shocks. Our preliminary results suggest a rich set of solutions, which

are driven substantially by the incident angle of the IMF into which the CME propagates.
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Fig. 3.—: Hybrid CME solutions for a fast, elliptically-shaped CME propagating through the solar

wind at ∼ 1 AU. (a) The x-component of the magnetic field. (b) The plasma density. (c) The

plasma temperature. (d) The z-component of the vector potential (contours of Az trace along field

lines for these 2.5-D solutions).

We successfully simulated several 2-D cases with a spatial scale of 1200 × 4800c/Wpi

grid points. Although this is still smaller than the true scale size of ICMEs, it is 10 times

larger (in each dimension) than we had previously been able to achieve. We also developed

a parallel (OpenMP) version of the code, which allowed us to run these cases locally on

12-processor desktop computers. We are currently installing the code on NASA’s Pleiades

and Endeavor systems, with the hope of scaling to near-ICME sizes.

Figure 3 illustrates one of the solutions. In it, the ICME is treated as an immovable

elliptical flux rope. (In future simulations, we may allow the flux rope to dynamically interact

with the flow). Thus, the simulation is taking place in the rest frame of the flux rope. The

solar wind flows from the left to the right with typical solar wind values. The interplanetary

magnetic field is oriented at a 45◦ angle from the upper left to the lower right. This can be

seen in the panel showing contours of the z-component of the vector potential, Az, which, in

2.5-D acts as a fiduciary of the magnetic field. In an analogous way that bow shocks are set up
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Fig. 4.—: Traces through the simulation summarized in Figure 3. From top to bottom, the traces

show: the three components of the magnetic field, plasma density and temperature, and the three

components of the bulk plasma velocity. The shock crossing can be seen at ∼ 500c/Wpi.

at planets, a CME-driven shock forms ahead of the flux rope. The northern hemisphere is a

quasi-parallel shock, while the southern hemisphere is a quasi-perpendicular shock. Although

we are still investigating the richness of these solutions, we note the presence of upstream

streaming of particles and ion-cyclotron waves, both of which would not be produced using

the MHD formalism.

We believe that these model results will allow us to better interpret in-situ measure-

ments, which, compared to the hybrid results, are significantly under-sampled. Figure 4

summarizes a trace through the quasi-perpendicular portion of the shock, and contains a

rich set of ion-kinetic features that we are currently investigating.
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2.5. Development of a Heliospheric MHD code for simulating ICMEs

During our second year of investigation, we developed a version of our fully-parallel,

resistive MHD code suitable for inner heliospheric calculations. We have found it computa-

tionally efficient to separate the solar corona from the inner heliosphere, running the latter

model with output from the former. The new code, MAS-H, retains all of the features of

the coronal code, but in addition, can be run in either the inertial reference frame or the

corotating frame. The model can also be run with boundary conditions based in either frame

of reference and will translate accordingly, inserting fictitious forces, if necessary.

We tested the model by running several mTD solutions through the inner boundary,

whilst at the same time, running the solution further out in the coronal model. Comparisons

of the model results in this overlapping region of the inner heliosphere demonstrated that the

two models had been joined seamlessly. Figure 5 illustrates one such solution. The left-most

column summarizes the eruption of a mTD flux rope above an active region. Field lines

associated with the flux rope are colored arbitrarily. Open background field lines are colored

purple. In the middle panel, the flux rope evolution is shown in the upper corona. Note the

kinks in the purple field lines marking the position of the shock wave propagating ahead of

the ejecta. Finally, in the right-most panels, the flux rope is shown as it approaches 1 AU

(3rd panel down).

During the third year, we tested MAS-H extensively using a range of inputs. Because

it was developed very generally, MAS-H can accept a wide range of possible inputs. These

tests included the use of a cone-model generator (see below), the output from a TDm flux

rope, and even a self-consistent coronal solution. We studied one of the TDm simulations

in detail, and, in particular, compared the model results at 1 AU with typical spacecraft

measurements of ICMEs and magnetic clouds. The analysis revealed that: (i) the CME flux

rope is transformed to a “blob”-like magnetic field structure; and (ii) this blob seems to

strongly rotate out of the “plane” of CME propagation, so that upon arrival at 1 AU the ax-

ial field of the blob appears to be directed almost perpendicular to that plane. If such “blob”

formation and subsequent rotation indeed occurs in observed events, this result would have

significant implications for magnetic cloud and ICME models, which tacitly assume that the

CME flux rope axis at 1 AU lies within the plane of propagation. Initial comparisons with

observed events suggest that this model solutions are roughly consistent with some cases,

but cannot obviously explain the propensity for rotations to be seen in the z-component of

the magnetic field. Additionally, the extensive reconnection and reconfiguration of the field

lines in the model leaves very few, if any, closed loops, which is in conflict with observa-

tions, which suggest - via the signature of counter streaming supra thermal electrons - the

ubiquitous presence of closed fields within ICMEs. We have begun investigating potential
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Fig. 5.—: Evolution of a CME from the solar surface (left column), through the boundary between

the two codes (middle column), and out to 1 AU (right column). In each panel, the purple lines trace

open magnetic field lines, and the colored-field lines mark the location of the CME. The white circle

in the middle panel indicates 20RS, which is the boundary between the coronal and heliospheric

codes, while the white circle in the right panels marks 1 AU. The grey spherical surface in the

left-most panels marks the location of the solar surface.

effects that could cause such a rotation. The most promising candidate at present is the

JxB force due to the interaction of the flux rope (blob) current and the open magnetic field

into which it propagates. This force should lead to a rotation perpendicular to the plane of

propagation. To test this, we performed a set of idealized test simulations, with the simplest,

relevant configuration, namely a freely expanding three-dimensional current ring (flux rope)

in cartesian geometry. We found that if the ring is placed into a magnetic-free environ-

ment, it continuously expands without any rotation. If, however, a uniform field running

perpendicular to the symmetry axis of the ring is added, the ring indeed rotates out of its

plane of propagation. We have begun writing up the results and anticipate submitting the

manuscript for peer review.
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2.6. Investigation of the Bastille-day event

We applied our modified Titov-Demoulin (mTD) model to the so-called Bastille-day

event. A particularly difficult aspect of this event is that the pre-eruptive, non-potential

magnetic field ran along a highly curved polarity inversion line. A limitation of our mTD

model is that the analytical model flux rope has no writhe, that is, the flux rope axis is

straight in projection on the solar disk, which renders a single mTD rope inappropriate

for modeling eruptions that originate from highly curved inversion lines. To overcome this

difficulty, we implemented a capability of inserting more than one mTD rope into a given

source region potential field, while still preserving the original magnetogram. For the Bastille-

day event, we placed three mTD ropes with carefully chosen, overlapping foot-points along

the inversion line of the potential field and numerically relaxed the system. Remarkably,

the three ropes merged at their common foot-points, creating a single, well-connected and

curved flux rope that winds along the inversion line.

In a further refinement to the model of the Bastille-day event, we applied localized

converging flows toward the main polarity inversion line (PIL) of the active region, which

serve to slowly lift the pre-eruptive flux rope to a critical height at which point it becomes

unstable and erupts. As a first test, we applied ad-hoc flows only within a relatively small

area, located where the first observed flare signatures were visible. We obtained an eruption,

however, only a fraction of the flux rope erupted. We then repeated the experiment by

imposing additional converging flows at several other locations along the PIL and found

that, in this case, the whole rope erupted, in better agreement with observations. This

demonstrated that the choice of the imposed converging flow pattern plays a strong role in

influencing how much of the pre-eruptive flux rope actually erupts, even though the rope

appears to be a coherent entity.

Next, began development of a thermodynamic (full MHD) simulation for the Bastille

Day Event. We experimented with the coronal heating parameters to find the most appro-

priate heating model for the configuration and computed a thermodynamic relaxation of the

global configuration on a grid with good spatial resolution within the erupting active region

and moderate resolution elsewhere. We found that while a relatively large number of grid

points was used (251 x 200 x 310), the resolution outside the main active region was unable

to produce a smooth calculation, resulting in numerical difficulties that required a relatively

large viscosity to counteract. By increasing the spatial resolution, we were able to complete a

thermodynamic MHD relaxation run of the Bastille Day event corona with improved spatial

resolution and insert a pre-relaxed flux rope into the solution. While a significant amount

of magnetic energy was still released as the system adjusted to the inserted, strong-field flux

rope, the rope now retained its coherence much better. Moreover, the improved resolution
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greatly improved the quality of synthetic satellite images in the sense that spurious oscilla-

tions and disturbances that we had previously seen in the images are now almost completely

absent within the active region.

2.7. Cone Model Simulations of ICMEs

At the start of the third year of investigation, we developed a cone model CME generator

for our recently completed global heliospheric MHD code. Our approach is based on the

empirical formulation driven by white-light observations of ejecta close to the Sun, similar

to Enlil. Additionally, we have developed a magnetic component to the ejecta based on a

magnetic spheromak topology. Although the dynamics of the eruption are still primarily

controlled by the plasma properties of the ejecta (speed and density primarily), initial tests

suggest that even a modest magnetic field modifies the profiles of the disturbance at 1 AU. We

will investigate these results in more detail, and, in particular, assess the effects of different

field strengths within the ejecta.

2.8. Cone-Model Simulations of Extreme Events

For our initial case study of the cone-model CME generator, we are modeling the July

23, 2012 event, which was well observed in situ by STEREO A. We also derived a spheromak-

like magnetic field solution that bore many similarities to global solutions produced using the

coupled mTD model. To test the new code, we initiated six CMEs (without a magnetic field)

from the inner boundary, each with a progressively faster initial speed (up to 4,000 km/s).

The resulting solutions compare favorably with previous ICME calculations undertaken by

our group and others. In particular, we find that fast ICMEs: (1) produce a strong shock

ahead of the ejecta; (2) are significantly distorted by the ambient solar wind; (3) generate

strong low density regions within them; (4) produce radial magnetic fields behind them; (5)

broaden significantly in the transverse direction; and (6) compress the the upstream magnetic

field significantly within a sheath region. For each solution, we computed deceleration profiles

for the ejecta as it moved from 30Rs to 1 AU. In conjunction with the available, but limited

STEREO measurements (magnetic field, bulk solar wind speed, and plasma parameters

upstream and downstream, but not within the ejecta), we used these simulations to attempt

to reconstruct the properties of the July 23, 2013 ICME, which has been likened to a modern

day equivalent of the Carrington event.

The July 23, 2012 CME had an average transit speed from the Sun to 1 AU of 2780
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km/s, and the speed of the leading portion at 1 AU was still over 2,000 km/s. We found

that an ejecta with an initial speed of 3950 km/s produced the best match with the velocity

profile at 1 AU. However, this may be an overestimate as there was evidence of a precursor

CME that may have preconditioned the ambient solar wind. In that case, it may have been

possible for an initially-slower ejecta to still maintain a speed in excess of 2,000 km/s at 1

AU.

As the study progressed, we continued to compute more realizations of the July 23,

2012 extreme ICME, each differing slightly from one another, but within the uncertainties

for the initial conditions for this event, ultimately resulting in ∼ 100 cases. These explored

a variety of input parameters, including the shape, duration, amplitude, and speed of the

main CME as well as whether or not a precursor CME was first launched. We found that the

addition of the precursor event sufficiently preconditioned the ambient solar wind such that

we could launch the main CME with speeds comparable to those observed by LASCO for

this event. In contrast, previous modeling by other groups had required unrealistically large

initial CME speeds to match the speeds observed at 1 AU. Although promising, our results

point to the intrinsic non-uniqueness of these simulations: It is possible to reproduce ICME

observations at STEREO-A using a variety of combinations of input parameters. We will

attempt to identify other constraints that will limit the flexibility in the input parameters.

2.9. Coupling of Global MHD CME Code with University of New

Hampshire’s Energetic Particle Code

In preparation for two presentations at the Fall AGU, 2013, one of the promising model

solutions for the July 23, 2012 CME was chosen to provide the background plasma and mag-

netic field parameters to accelerate protons using the EPREM code suite at the University

of New Hampshire (UNH). We provided the ICME solutions as high-temporal snapshots of

speed, density, and magnetic field, and using their fully parallelized energetic particle trans-

port and acceleration algorithm EPREM, the UNH team were able to accelerate protons and

produce particle spectra with properties that matched the essential features observed. The

results suggest that the included particle acceleration mechanisms can more than adequately

produce distributions like those observed. However, these ’coupled’ simulations are limited

in the sense that there is no feedback: the energetic particles are treated as test particles

and the pressure is unbounded. For the July 23, 2012 event in particular, and, as pointed

out by Russell et al. (2013), the intense flux of energetic particles may have substantially

modified the plasma conditions. This level of coupling is significantly more challenging than

the ’one-way’ methodology currently employed. Nevertheless, it is likely to be a crucial
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component of any robust and accurate model in the future. Thus, we are developing plans,

in collaboration with UNH, to ultimately produce a coupled MHD/particle code that can

self-consistently model the plasma, magnetic, and energetic particle properties of fast, and

even extreme CMEs.

2.10. Miscellaneous other studies related to modeling CMEs

We conducted several other studies with colleagues from other institutions. Here, we

briefly summarize three of them. Details of the remaining ones can be found in the Appendix.

Although sympathetic CMEs have been observed for many years, the mechanisms by

which one eruption can trigger another remain poorly known. We have studied two possible

mechanisms using 3-D MHD simulations that could account for sympathetic eruptions. The

geometry consists of two flux ropes, embedded within a unipolar streamer (pseudostreamer)

and a flux rope positioned next to it. By initiating the eruption of the flux rope next to the

unipolar streamer, the two flux ropes within it can be incited to erupt. While this is only

strictly applicable to the configuration modeled, we suggest that it may also apply in a range

of magnetic configurations. We applied the results of the model to interpret the August 1,

2010 eruptions, and found that the model results, at least qualitatively, reproduced the main

features of the observations. Moreover, it provided a natural explanation for the so-called

twin filament eruptions. This work is described in more detail in the Appendix.

In collaboration with W.T. Thompson (Adnet Systems Inc.; NASA GSFC) and B. Kliem

(MSSL/UCL, UK; Potsdam University, Germany; NRL), we performed a 3D reconstruction

of an erupting prominence associated with a CME that took place on 9 April 2008 (the so-

called “cartwheel CME”), using EUVI and COR data from STEREO. The 3D reconstruction

allowed us to obtain a height-rotation profile of an erupting prominence/CME for the first

time. Understanding the mechanisms that cause CME rotation is important, since a strong

rotation already in the low corona will influence the final magnetic orientation of the CME

(magnetic cloud) when it arrives at Earth. This orientation is one of the two main parameters

that determines the geo-effectiveness of CMEs. This study is summarized in two papers

reproduced in the Appendix.

Finally, we initiated a project (in collaboration with Dr. Rui Liu from the Space Weather

Research Laboratory at the New Jersey Institute of Technology) to study an active-region

filament with a “double-decker” configuration, that is, a filament composed of two bifurcated

branches sharing the same ends. We triggered the eruption flare heating near one end of

the filament and the eruption was driven by the kink instability. Below, a sigmoid structure
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formed quickly in the gap between the two original branches. Again, this study is described

in detail in the Appendix.

2.11. Presentations and Publications

The work performed as part of this investigation were presented at a number of confer-

ences and workshops. These included:

1. P. Riley, “Modeling CMEs using the KIC model”, CME Workshop, 2011 November,

San Diego, CA.

2. P. Riley, “First steps in modeling extreme CMEs”, CME Workshop, 2011 November,

San Diego, CA.

3. P. Riley, “Summary of group’s modeling effort both for CMEs and CIRs”, Seminar at

the Universidad National Autonoma de Mexico, 2011 August, Morelia, Mexico.

4. P. Riley, “Understanding the relationship between magnetic flux ropes and ICMEs

through global MHD simulations”, CAWSES Flux Rope Workshop, 2011 September,

Alcala, Spain.

5. P. Riley, “Relationship between flux ropes and ICMEs”, Fall AGU, San Francisco, CA.

6. P. Riley, “Global MHD modeling of CMEs”, Fall AGU, San Francisco, CA.

7. T. Török, “Modeling sympathetic eruptions”, Seminar at Potsdam University, 2011

May, Potsdam, NY.

8. T. Török, “Numerical Modeling of Fast CMEs”, Hinode 6 meeting, held 2012, August

14-17 in St. Andrews, Scotland.

9. T. Török, “Sympathetic Eruptions on 2010 August 1”, EGU General Assembly, 2012

April 22-27, Vienna, Austria.

10. T. Török, “What Determines CME Velocities?”, ESWE Workshop, 2012 May 14-17,

Boulder, CO.

11. T. Török, “The Slow Rise Phase in Solar Eruptions”, SHINE Conference, 2012 June

25-29, Wailea Maui, HI (Invited).

12. T. Török, “Using Multi-wavelength Observations to Constrain CME Simulations”,

AGU Fall meeting, 2012 December 3-7, San Francisco, CA (Invited).
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13. T. Török, “Harvey prize plenary talk on eruptions and their modeling”, AAS meeting,

2013 June 4, Indianapolis.

14. V. Titov, “The impact of the magnetic topology of pseudo-streamers on the particle

acceleration during eruptions”, SHINE Workshop, 2013 June 26, Buford, Georgia.

15. T. Török, “Summary of our efforts to model the Bastille day fast CME event”, Collo-

quium at the High Altitude Observatory (HAO), 2013 November 6, Boulder, CO.

16. T. Török, “Simulations of the Bastille Day event”, Seminar Talk at George Mason

University, 2013 November 27, Fairfax, VA.

17. P. Riley, T. Török, Z. Mikic, and M. Gorby, “Global MHD modeling of the July 23,

2012 extreme CME and the distribution of particles accelerated by it”, Fall AGU, 2013

December, San Francisco, CA.

The following manuscripts were either accepted for publication, or published during the

course of this investigation:

1. Riley, P., & Richardson, I. G. (2013). Using Statistical Multivariable Models to Un-

derstand the Relationship Between Interplanetary Coronal Mass Ejecta and Magnetic

Flux Ropes. Solar Physics, 284(1), 217-233.

2. Riley, P. (2012). On the probability of occurrence of extreme space weather events.

Space Weather, 10(2).

3. Török, T., Panasenco, O., Titov, V. S., Mikic, Z., Reeves, K. K., Velli, M., ... &

De Toma, G. (2011). A model for magnetically coupled sympathetic eruptions. The

Astrophysical Journal Letters, 739(2), L63.

4. Thompson, W. T., Kliem, B., & Török, T. (2012). 3D reconstruction of a rotating

erupting prominence. Solar Physics, 276(1-2), 241-259.

5. Kliem, B., Török, T., & Thompson, W. T. (2012). A Parametric Study of Erupting

Flux Rope Rotation. Solar Physics, 281(1), 137-166.

6. Török, T., Temmer, M., Valori, G., Veronig, A. M., van Driel-Gesztelyi, L., & Vrsnak,

B. (2013). Initiation of Coronal Mass Ejections by Sunspot Rotation. Solar Physics,

286(2), 453-477.
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7. Titov, V. S., Mikic, Z., Török, T., Linker, J. A., & Panasenco, O. (2012). 2010 August

1-2 Sympathetic Eruptions. I. Magnetic Topology of the Source-surface Background

Field. The Astrophysical Journal, 759(1), 70.

8. Bernhard Kliem, Tibor Török, Viacheslav S. Titov, Roberto Lionello, Jon A. Linker,

Rui Liu, Chang Liu, and Haimin Wang, Slow Rise and Partial Eruption of a Double-

Decker Filament. II Modeling by a Double Flux Rope Equilibrium, submitted to Ap.

J., 2012.

9. Gosain, S., Schmieder, B., Artzner, G., Bogachev, S., & Török, T. (2012). A multi-

spacecraft view of a giant filament eruption during 2009 September 26/27. The Astro-

physical Journal, 761(1), 25.

10. Liu, R., Liu, C., Török, T., Wang, Y., & Wang, H. (2012). Contracting and Erupting

Components of Sigmoidal Active Regions. The Astrophysical Journal, 757(2), 150.

11. Liu, R., Kliem, B., Török, T., Liu, C., Titov, V. S., Lionello, R., ... & Wang, H.

(2012). Slow rise and partial eruption of a double-decker filament. I. Observations and

interpretation. The Astrophysical Journal, 756(1), 59.

12. Mikic, Z., Török, T., Titov, V., Linker, J. A., Lionello, R., Downs, C., & Riley, P.

(2013, June). The challenge in making models of fast CMEs. In SOLAR WIND 13:

Proceedings of the Thirteenth International Solar Wind Conference (Vol. 1539, No. 1,

pp. 42-45). AIP Publishing.

13. Valori, G., Török, T., Temmer, M., Veronig, A. M., van Driel-Gesztelyi, L., & Vrsnak,

B. (2013). Initiation of Coronal Mass Ejections by Sunspot Rotation. Proceedings of

the International Astronomical Union, 8(S300), 201-208.

14. Török, T., Kliem, B., Berger, M. A., Linton, M. G., Demoulin, P., & van Driel-

Gesztelyi, L. (2014). The Evolution of Writhe in Kink-Unstable Flux Ropes and

Erupting Filaments. arXiv preprint arXiv:1403.1565.

15. Török, T., Leake, J. E., Titov, V. S., Archontis, V., Mikic, Z., Linton, M. G., ...

& Kliem, B. (2014). Distribution of Electric Currents in Solar Active Regions. The

Astrophysical Journal Letters, 782(1), L10.

16. Lionello, R., Downs, C., Linker, J. A., Török, T., Riley, P., & Mikic, Z. (2013). Mag-

netohydrodynamic Simulations of Interplanetary Coronal Mass Ejections. The Astro-

physical Journal, 777(1), 76.
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1410



Appendix



The Astrophysical Journal Letters, 739:L63 (5pp), 2011 October 1 doi:10.1088/2041-8205/739/2/L63
C© 2011. The American Astronomical Society. All rights reserved. Printed in the U.S.A.

A MODEL FOR MAGNETICALLY COUPLED SYMPATHETIC ERUPTIONS
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ABSTRACT

Sympathetic eruptions on the Sun have been observed for several decades, but the mechanisms by which one
eruption can trigger another remain poorly understood. We present a three-dimensional MHD simulation that
suggests two possible magnetic trigger mechanisms for sympathetic eruptions. We consider a configuration that
contains two coronal flux ropes located within a pseudo-streamer and one rope located next to it. A sequence of
eruptions is initiated by triggering the eruption of the flux rope next to the streamer. The expansion of the rope leads
to two consecutive reconnection events, each of which triggers the eruption of a flux rope by removing a sufficient
amount of overlying flux. The simulation qualitatively reproduces important aspects of the global sympathetic event
on 2010 August 1 and provides a scenario for the so-called twin filament eruptions. The suggested mechanisms are
also applicable for sympathetic eruptions occurring in other magnetic configurations.

Key words: methods: numerical – Sun: corona – Sun: coronal mass ejections (CMEs) – Sun: filaments,
prominences – Sun: flares – Sun: magnetic topology

Online-only material: animations, color figures

1. INTRODUCTION

Solar eruptions are observed as filament (or prominence)
eruptions, flares, and coronal mass ejections (CMEs). It is
now well established that these three phenomena are different
observational manifestations of a single eruption, which is
caused by the destabilization of a localized volume of the coronal
magnetic field. The detailed mechanisms that trigger and drive
eruptions are still under debate, and a large number of theoretical
models have been developed (e.g., Forbes 2010).

Virtually all existing models consider single eruptions. The
Sun, however, also produces sympathetic eruptions, which occur
within a relatively short period of time—either in one, typically
complex, active region (e.g., Liu et al. 2009) or in different
source regions, which occasionally cover a full hemisphere (the
so-called global eruptions; Zhukov & Veselovsky 2007). It has
been debated whether the close temporal correlation between
sympathetic eruptions is purely coincidental, or whether they
are causally linked (e.g., Biesecker & Thompson 2000). Both
statistical investigations (e.g., Moon et al. 2002; Wheatland &
Craig 2006) and detailed case studies (e.g., Wang et al. 2001)
indicate that physical connections between them exist.6

The exact nature of these connections has yet to be estab-
lished. They have been attributed, for instance, to convective
motions or destabilization by large-scale waves (e.g., Ramsey
& Smith 1966; Bumba & Klvana 1993). At present, it seems
most likely that the mechanisms by which one eruption can
trigger another act in the corona and are of a magnetic
nature. Perturbations traveling along field lines that connect
source regions of eruptions (e.g., Jiang et al. 2008) and changes
in the background field due to reconnection (e.g., Ding et al.
2006; Zuccarello et al. 2009) have been considered. In an anal-
ysis of a global sympathetic event (see Section 2), Schrijver

6 We do not distinguish here between sympathetic flares and sympathetic
CMEs, since both are part of the same eruption process.

& Title (2011) found evidence for connections between all in-
volved source regions via structural features like separators and
quasi-separatrix layers (QSLs; Priest & Forbes 1992; Démoulin
et al. 1996), suggesting the importance of the structural proper-
ties of the large-scale coronal field in the genesis of sympathetic
eruptions.

A magnetic configuration that appears to be prone to pro-
ducing sympathetic eruptions is a unipolar streamer or pseudo-
streamer (PS; e.g., Hundhausen 1972; Wang et al. 2007). A PS is
morphologically similar to a helmet streamer, but divides open
fields of like polarity and contains an even number (typically
two) of closed flux lobes below its cusp. PSs are quite common
in the corona (e.g., Eselevich et al. 1999; Riley & Luhmann
2011) and occasionally harbor two filaments. It seems that if
one of these erupts, the other one follows shortly thereafter (the
so-called twin filament eruptions; Panasenco & Velli 2010).

Here, we present a numerical simulation that suggests two
possible magnetic trigger mechanisms for sympathetic erup-
tions. It was inspired by the global sympathetic event on 2010
August 1, which involved a twin filament eruption in a PS.

2. THE SYMPATHETIC ERUPTIONS ON 2010 AUGUST 1

A detailed account of the individual eruptions that occurred
in this global event can be found in Schrijver & Title (2011).
Here we focus on a subset of three consecutive filament
eruptions, all of which evolved into a separate CME.
Figures 1(a), (b), and (c) show, respectively, the eruptions as
seen by STEREO/EUVI (Howard et al. 2008), the pre-eruptive
filaments, and a synoptic magnetogram obtained from the
Solar and Heliospheric Observatory/Michelson Doppler Im-
ager (SOHO/MDI; Scherrer et al. 1995) data. The large fila-
ments 2 and 3 were located along the inversion lines dividing an
elongated positive polarity and two bracketing negative polari-
ties; the small filament 1 was located at the edge of the southern
negative polarity. A potential field source surface extrapolation

1



The Astrophysical Journal Letters, 739:L63 (5pp), 2011 October 1 Török et al.

(a)

(b) (c) (e)(d)

Figure 1. (a) STEREO-Ahead/EUVI 304 Å observations of three subsequent prominence eruptions (marked by their order of eruption) on 2010 August 1, shown at
02:56, 09:16, and 22:06 UT (from left to right). (b) Big Bear Observatory Hα observation on 2010 July 30, showing the corresponding pre-eruptive filaments. (c)
Filament contours (drawn by eye) overlaid on a synoptic magnetogram for Carrington rotation 2099, with red (blue) showing positive (negative) radial fields. (d)
Magnetic field lines from a corresponding PFSS extrapolation, revealing a pseudo-streamer. Green lines outline the lobes in which filaments 2 and 3 were located,
pink lines show adjacent coronal holes. (e) Coronal distribution of Q (gray scale) and photospheric distribution of slog Q, where red (blue) outlines positive (negative)
magnetic fluxes.

(A color version of this figure is available in the online journal.)

(PFSS; e.g., Schatten et al. 1969) for Carrington rotation 2099
reveals that filaments 2 and 3 were located in the lobes of a PS
(Figure 1(d); see also Panasenco & Velli 2010).

Figure 1(e) shows a cut through the coronal distribution of
the squashing factor Q (Titov et al. 2002) above filaments 2
and 3. The dark lines of high Q outline structural features
and exhibit here a shape characteristic for a PS (compare
with Figure 3(b) below). The photospheric distribution shows
slog Q (Titov et al. 2011), depicting the footprints of (quasi-)
separatrix surfaces. The structural skeleton of a PS consists
of two separatrix surfaces, one vertical and one dome-like,
which are both surrounded by a thin QSL (Masson et al. 2009)
and intersect at a separator (Titov et al. 2011). It has been
demonstrated that current sheet formation and reconnection
occur preferably at such separators (e.g., Baum & Bratenahl
1980; Lau & Finn 1990).

The presence of the PS above filaments 2 and 3 suggests that
the CME associated with filament eruption 1 may have triggered
the subsequent eruptions by destabilizing the PS, presumably
by inducing reconnection at its separator. We now describe an
MHD simulation that enabled us to test this scenario using an
idealized model.

3. NUMERICAL SIMULATION

The basic simulation setup is as in Török et al. (2011),
where two instances of the coronal flux rope model by Titov
& Démoulin (1999, hereafter TD) were used to simulate the
interaction of two flux ropes in a PS. Here we add a TD
configuration on each side of the PS (Figure 2(a)). The new
configuration on the left is used to model the CME associated
with filament eruption 1, while the new one on the right is
merely used to obtain a (line-)symmetric initial configuration,
which facilitates the construction of a numerical equilibrium.
It does not significantly participate in the dynamic evolution
described below. The flux ropes FR1-3 are intended to model
filaments 1–3.

We integrate the zero β compressible ideal MHD equa-
tions, neglecting thermal pressure and gravity. The equations
are normalized by the initial TD torus axis apex height, R−d
(see TD), the maximum initial magnetic field strength and
Alfvén velocity, B0max and va0max, and derived quantities.
The Alfvén time is τa = (R − d)/va0max. We use a nonuni-
form Cartesian grid of size [−25, 25] × [−25, 25] × [0, 50]
with resolution ≃0.04 in the flux rope area. The initial den-
sity distribution is ρ0(x) = |B0 (x)|3/2, such that va(x) de-
creases slowly with distance from the flux concentrations.
For further numerical details we refer to Török & Kliem
(2003).

The model parameters are chosen such that all flux ropes are
initially stable with respect to the helical kink (Török et al. 2004)
and torus instabilities (TI; Kliem & Török 2006). The ropes are
placed along the y-direction, at x = ±1.5 and ± 5.5, and have
identical parameters (R = 2.75, a = 0.8, d = 1.75, L = 0.5,
q = 4.64; see TD). The signs of the sub-photospheric point
charges, ±q, are set according to the signs of the polarities
surrounding filaments 1–3 (Figure 1(c)). The half-distance
between the charges, L, is such that the TI can be triggered
by a relatively weak perturbation (Schrijver et al. 2008). To
obtain a numerically stable initial configuration that contains
(semi-)open field above the PS lobes, the two charges associated
with each flux rope are adjusted to −0.55 q/0.65 q (for FR1
and FR4) and to −0.34 q/0.24 q (for FR2 and FR3). The twist
is chosen to be left-handed for all ropes to account for the
observed dextral chirality of filaments 2 and 3 (Panasenco &
Velli 2010).

We first relax the system for 85 τa and reset the time to zero.
Then we trigger the eruption of FR1 by imposing localized
converging flows at the bottom plane (as in Török et al. 2011),
which slowly drive the polarities surrounding FR1 toward the
local inversion line, yielding a quasi-static expansion of the
rope’s ambient field. The flows are imposed for 25 τa (including
phases of linear increase (decrease) to a maximum velocity of
0.02 va0max (to zero), each lasting 5 τa).

2



The Astrophysical Journal Letters, 739:L63 (5pp), 2011 October 1 Török et al.

(a) (b)

(c) (d)

Figure 2. Snapshots from the simulation, showing magnetic field lines with fixed footpoints and the normal component of the magnetic field at the bottom plane,
where red (blue) depicts positive (negative) fields. Orange lines belong to the flux ropes, green ones to the initial pseudo-streamer lobes, and pink ones to initially
closed or (semi-)open overlying flux. Panel (a) shows the configuration after initial relaxation and panels (b)–(d) show the successive flux rope eruptions and ambient
field evolution at t = 85, 126, and 181 τa , respectively. “Already erupted” flux ropes are omitted for clarity.

(An animation and a color version of this figure are available in the online journal.)

Though we solve the ideal MHD equations, extra diffusion
is introduced by numerical differencing (as in every MHD code
that models solar magnetic fields). This numerical diffusion is
localized in regions where the current density is largest and
leads to reconnection of magnetic field lines. Although it is
much larger than the diffusion expected on the Sun, experience
has shown that simulations produce solutions with physically
expected behavior, as long as the numerical diffusion is suffi-
ciently small. We therefore expect that our simulation indicates
the true evolution of the system, but that the reconnection rates
might differ from those present on the Sun.

4. RESULTS

Figures 2 and 3 summarize the main dynamics and reconnec-
tion occurring in the simulation. Figure 3(a) shows the initial
configuration and Figures 2(a) and 3(b) show the system after
relaxation, during which weak current layers form at the PS
separatrix surfaces, but no noticeable reconnection occurs. Note
the correspondence between the current layer pattern and the
Q-distribution shown in Figure 1(e).

As the converging flows are applied, FR1 starts to rise slowly,
in response to the quasi-static expansion of its ambient field.
In contrast to other simulations, where such flows have been
used to create a flux rope from a sheared arcade (e.g., Amari
et al. 2000), here they do not lead to noticeable reconnection.
The slow rise lasts until the rope reaches the critical height for
TI onset at t ≈ 40 τa , after which it rapidly accelerates upward
driven by the instability (Török & Kliem 2007; Fan & Gibson
2007; Schrijver et al. 2008; Aulanier et al. 2010). FR1 attains a
maximum velocity of ≈0.45 va0max at t ≈ 90 τa before it slowly
decelerates. Figure 2(b) shows the system in the course of this
eruption. The rise of the rope is slightly inclined, due to the
asymmetry of its ambient field (e.g., Filippov et al. 2001). The
rope rotates counterclockwise about its rise direction (as seen
from above), due to the conversion of its twist into a writhe (e.g.,
Green et al. 2007).

The expansion of FR1’s ambient field compresses the field
between FR1 and the PS, particularly at larger heights where
it is weak (see online animations). As a result, a tilted arc-
shaped current layer forms around the PS separator (Figures 3(c)
and 4). Further compression by the eruption steepens the current
densities until reconnection (R1) between the open flux to the
left of the PS and the closed flux in the right PS lobe sets in.
The lobe flux then starts to open up, while the open flux starts to
close down above the left PS lobe (Figures 2(b) and 3(c)). This
successively decreases (increases) the magnetic tension above
FR2 (FR3), so that FR2 rises slowly, while FR3 is slowly pushed
downward. At t ≈ 95 τa FR2 reaches the critical height for TI
onset and erupts, attaining a maximum velocity of ≈0.60 va0max
at t ≈ 120 τa . Figure 2(c) shows that FR2 also rises non-radially,
but rotates less than FR1. The apparently smaller rotation of FR2
is due to the faster decay of its overlying field with height, which
leads to a distribution of the total rotation over a larger height
range than for FR1 (Török et al. 2010). By the time shown, FR1
has fully erupted, an elongated vertical current layer has formed
in its wake (Figure 3(d)), and reconnection therein has produced
cusp-shaped field lines below it. As FR2 erupts, it rapidly pushes
the arc-shaped current layer to large heights (Figure 3(d)). While
R1 still commences for some time, it does not anymore play a
significant role in the following evolution.

A vertical current layer also forms below FR2. The subse-
quent reconnection (R2) initially involves the very same flux
systems that took part in R1. The flux previously closed down
by R1 opens up again, and the flux previously opened up by
R1—and by the expansion of FR2—closes down to form cusp-
shaped field lines below the current layer (Figure 3(e)). After
these fluxes are exhausted, R2 continues, now involving the left
PS lobe and the open flux to the right of the PS. While the
former opens up, the latter closes down as part of the growing
cusp (Figure 3(f)). Thus, R2 continuously removes closed flux
above FR3. As before, this progressive weakening of magnetic
tension leads to a slow rise of the rope, followed by its erup-
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(a) (b) (c)

(d) (e) (f)

Figure 3. Illustration of the two reconnection phases that trigger the successive flux rope eruptions in the pseudo-streamer. Field lines are colored the same as in
Figure 2. The transparent inverted gray scale in the central plane, {y = 0}, shows the logarithmic distribution of |j|/|B|, where j is the electric current density, outlining
flux rope currents and thin current layers. Fainter field line segments are located behind the transparent layer. Panel (a) shows the initial configuration, panel (b) the
system after relaxation, and panels (c)–(f) show the dynamic evolution, at t = 85, 126, 142, and 158 τa , respectively. Panels (a) and (b) and (c)–(f) use a different
scaling of |j|/|B|, respectively. Panel (c) shows reconnection R1, which triggers the eruption of FR2, and panels (e) and (f) show reconnection R2, which triggers the
eruption of FR3. Panel (d) shows a state between the two reconnection phases.

(An animation and a color version of this figure are available in the online journal.)

tion (Figures 3(f) and 2(d)). The rapid acceleration of FR3 by
the TI starts at t ≈ 138 τa , yielding a maximum velocity of
≈0.35 va0max at t ≈ 175 τa . The rope shows a significant rota-
tion and an inclined rise which is now mainly directed toward
the positive x-direction.

5. DISCUSSION

The eruptions of FR2 and FR3 are initiated by the removal
of a sufficient amount of stabilizing flux above the flux ropes
via reconnection. R1 is similar to quadrupolar “breakthrough”
or “breakout” reconnection (Syrovatskii 1982; Antiochos et al.
1999). Here it is driven by a nearby CME rather than by an
expanding arcade and, in contrast to the breakout model, a
flux rope is present prior to eruption. R2, on the other hand,
corresponds to standard flare reconnection in the wake of a
CME. Here it removes flux from the adjacent PS lobe, thereby
triggering the eruption of FR3. A similar mechanism for the
initiation of a second eruption in a PS was suggested by Cheng
et al. (2005), who, however, attributed it to reconnection inflows
rather than to flux removal. We emphasize that R1 and R2
merely trigger the eruptions, which are driven by the TI and
supported by the associated flare reconnection (e.g., Vršnak
2008). Thus, in the system studied here, both PS eruptions
require the presence of a pre-eruptive flux rope. We further note
that the reconnections do not have to commence for the whole
time period until the TI sets in. It is sufficient if they remove
enough flux for the subsequently slowly rising flux ropes to
reach the critical height for TI onset.

R1 is driven by a perturbation of limited duration—the lateral
expansion of a nearby CME—and is slow since it involves only
weak fields, around a separator at a significant height in the
corona. Therefore, its success in triggering an eruption depends
on parameters like the distance of the CME from the PS and the

Figure 4. Volume rendering of |j|/|B| in the pseudo-streamer area at the same
time as in Figures 2(b) and 3(c), outlining the tilted arc-shaped current layer
that forms around the separator.

(A color version of this figure is available in the online journal.)

amount of pre-eruptive flux within the PS lobes. Indeed, if we
sufficiently increase these parameters in the simulation we find
that R1 still commences, but does not last long enough to trigger
an eruption. In contrast, R2 is driven by the rise of FR2 and
involves strong fields. It is therefore faster and more efficient,
which supports the finding by Panasenco & Velli (2010) that an
eruption in one lobe of a PS is often followed by an eruption in
the neighboring lobe.

Figure 2 shows that the simulation correctly reproduces the
order of the eruptions shown in Figure 1(a) and yields a good
match of their inclinations and rotations. Assuming that the first
eruption indeed triggered the subsequent ones, it is surprising
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that the filament located further away from it went off first.
While filament 2 may simply have been closer to its stability
limit than filament 3 (as indicated by its larger height; see
Figure 1(a)), the simulation provides an alternative explanation:
the perturbation of the separator yields an orientation of the
current layer that leads to a removal of closed flux only in the
right PS lobe (Figure 3(c)), thus enforcing the eruption of FR2.
Hence, although we could not find observational signatures of
R1 (presumably because the involved fields were too weak),
the observed eruption sequence supports its occurrence. The
time intervals between the simulated eruptions exhibit a ratio
different to the observed ones. Matching the observed ratio
requires a search for the appropriate model parameters and a
more realistic modeling of reconnection, which are beyond the
scope of this work.

FR2 reaches a velocity about 35% larger than that of FR1,
which is in line with Liu (2007) and Fainshtein & Ivanov (2010),
who found that CMEs associated with PSs are, on average,
faster than those associated with helmet streamers. Liu (2007)
suggested that this difference is due to the typically smaller
amount of closed flux the former have to overcome. Indeed,
FR1 has to pass through flux that is closed at all heights above
it, while FR2 faces much less closed flux, a significant fraction of
which is, moreover, removed by R1. FR3 remains significantly
slower than FR2, most likely because it encounters more closed
flux at eruption onset, and only partially opened flux later on
(Figures 3(e) and (f)).

6. CONCLUSIONS

We present an MHD simulation of two successive flux rope
eruptions in a PS, and we demonstrate how they can be trig-
gered by a preceding nearby eruption. The simulation suggests
a mechanism for twin filament eruptions and provides a sce-
nario for a subset of the sympathetic eruptions on 2010 August
1. More realistic initial configurations and a more sophisticated
treatment of reconnection are needed for a quantitative compar-
ison with observations.

Our results support the conjecture that the trigger mecha-
nisms of sympathetic eruptions can be related to the structural
properties of the large-scale coronal field. However, while struc-
tural features are present in our model configuration, they do not
connect the source region of the first eruption with the source
regions of the subsequent ones. Moreover, the mere presence
of such features in a source region is not a sufficient criterion
for the occurrence of a sympathetic event, even if reconnec-
tion at structural features is triggered by a distant eruption. The
conditions in the source region must be such that the resulting
perturbation forces the region to cross the stability boundary.

The two trigger mechanisms presented here are independent
and applicable also to other magnetic configurations. Trigger-
ing a sympathetic eruption by R1 requires the presence of a
separator (or null point) above closed flux that stabilizes a pre-
eruptive flux rope, which can be realized, in the simplest case,
in a so-called fan-spine configuration (e.g., Antiochos 1998;
Pariat et al. 2009; Török et al. 2009). Triggering a sympathetic
eruption by R2 requires the presence of an adjacent closed flux
system overlying a flux rope, which can exist, for example, in
quadrupolar configurations.
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Abstract A bright prominence associated with a coronal mass ejection (CME) was seen
erupting from the Sun on 9 April 2008. This prominence was tracked by both the Solar

Terrestrial Relations Observatory (STEREO) EUVI and COR1 telescopes, and was seen
to rotate about the line of sight as it erupted; therefore, the event has been nicknamed the
“Cartwheel CME.” The threads of the prominence in the core of the CME quite clearly
indicate the structure of a weakly to moderately twisted flux rope throughout the field of
view, up to heliocentric heights of 4 solar radii. Although the STEREO separation was 48°,
it was possible to match some sharp features in the later part of the eruption as seen in the
304 Å line in EUVI and in the Hα-sensitive bandpass of COR1 by both STEREO Ahead and
Behind. These features could then be traced out in three-dimensional space, and reprojected
into a view in which the eruption is directed toward the observer. The reconstructed view
shows that the alignment of the prominence to the vertical axis rotates as it rises up to
a leading-edge height of ≈2.5 solar radii, and then remains approximately constant. The
alignment at 2.5 solar radii differs by about 115° from the original filament orientation
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inferred from Hα and EUV data, and the height profile of the rotation, obtained here for
the first time, shows that two thirds of the total rotation are reached within ≈0.5 solar radii
above the photosphere. These features are well reproduced by numerical simulations of an
unstable moderately twisted flux rope embedded in external flux with a relatively strong
shear field component.

Keywords Corona, active · Prominences, active · Coronal mass ejections · Initiation and
propagation · Magnetic fields, corona

1. Introduction

The bandpass of the inner coronagraph (COR1) telescopes on the two Solar Terrestrial Re-

lations Observatory (STEREO) spacecraft runs from 650 – 670 nm (Howard et al., 2008).
This range was selected to include the hydrogen Hα line at 656 nm, so as to be sensi-
tive to erupting prominences associated with coronal mass ejections (CMEs). A particularly
bright prominence eruption was observed by both COR1 telescopes on 9 April 2008. Al-
though the relative contributions of Hα emissions and Thomson-scattered light cannot be
derived from the COR1 observations alone, it is presumed that Hα is a significant con-
tributor for the extremely bright parts of the prominence early in the eruption. This CME
and prominence eruption was also observed by the STEREO Extreme Ultraviolet Imager

(EUVI) telescopes (Howard et al., 2008) before entering the COR1 field of view, as well as
by TRACE at 171 Å (Handy et al., 1999), and by the Hinode XRT telescope (Golub et al.,
2007) and EIS spectrometer (Culhane et al., 2007). Landi et al. (2010) analyze this event,
combining Hinode/XRT and EIS data, together with Solar and Heliospheric Observatory

(SOHO)/UVCS/EIT/LASCO and STEREO/EUVI/COR1/COR2 images, to characterize the
thermal properties of the ejected plasma, and constrain the heating rate. The post-CME cur-
rent sheet following this event is analyzed by Savage et al. (2010) and Ko et al. (2010).
Patsourakos and Vourlidas (2011) determine the geometrical parameters of the CME and
post-CME current sheet in the field of view of the outer coronagraph (COR2) on STEREO.
This event has become known as the “Cartwheel CME” because of the highly visible ro-
tation around the line of sight seen during the initial stages of the eruption. Rotation about
the vertical direction can also be observed through triangulation as the prominence material
rises through the EUVI and COR1 height ranges. The plane-of-sky motions which give this
event its “Cartwheel” name is actually a combination of the rotation about the vertical axis
together with a deflection of the prominence in latitude and longitude during the initial rise
phase. A rotation around the axis of the prominence, known as “roll effect” (Martin, 2003),
may have contributed as well. Further rotation about the vertical direction is indicated by the
CME orientation in the COR2 data. This paper presents an exploration of the rotation about
the vertical direction in the EUVI and COR1 height ranges, using triangulation from the two
STEREO viewpoints. The height profile of the rotation angle for the erupting prominence is
obtained, which could not be done prior to the STEREO mission.

The separation of the two STEREO spacecraft at this time was 48°. Co-identification of
features in both views is quite difficult with such a large separation. However, it was possible
to match some sharp features in the later part of the eruption as seen by EUVI in the He II

line at 304 Å. Features were also tracked in white light (with a possible Hα component) as
seen by COR1, although not necessarily the same features seen at 304 Å.

The derived height profile of prominence rotation is compared with the orientation of
the polarity inversion line of the radial field component (PIL) at various heights, to check
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whether the rotation is simply the result of alignment with the PIL. The radial field com-
ponent is obtained from a potential-field source-surface (PFSS) extrapolation. Additionally,
the rotation and rise profiles of the prominence, as well as the STEREO images, are com-
pared with the corresponding data obtained in a series of CME simulations in a companion
paper (Kliem, Török, and Thompson, 2011; in the following Paper II), in order to explore a
broader range of possible origins of the large total rotation observed. The comparisons sug-
gest that the major part of the rotation was due to the presence of a shear field component
of considerable strength in the source region (Isenberg and Forbes, 2007) and that the weak
helical kink instability of a moderately twisted flux rope (Török, Kliem, and Titov, 2004)
contributed as well. Field line plots of the best-matching case are included here to demon-
strate the correspondence with the observed overall shape and helical threads of the rising
prominence.

2. Data Analysis

2.1. Source Region

The eruption on 9 April 2008 occurred in the remnants of NOAA active region (AR) 10989,
located about 23° behind the west limb as seen from Earth, and had an onset time near
09 UT. The filament had been visible nearly throughout the disk passage of the active re-
gion, which was in its decaying stage and spotless after 31 March. The filament erupted
twice on 5 April 2008, reforming afterwards. These eruptions were visible on disk to EUVI
on STEREO Ahead. Both eruptions appeared to propagate inclined from the radial direction
toward higher southern latitudes, similar to the eruption on 9 April. The inclination made it
difficult to discern rotational motions based on images from only a single viewpoint. How-
ever, a stereoscopic reconstruction of the second eruption revealed a considerable rotation
of about 90° (Bi et al., 2011). Interestingly, the rotation was in the clockwise direction,
opposite to that of the eruption on 9 April.

As with most filaments, it is difficult to discern the magnetic connections at its ends.
However, both eruptions on 5 April produced a dimming and endpoint brightenings in the
EUV (Wang, Muglach, and Kliem, 2009) near the southeastern end of the filament, which
were located in negative polarity, the polarity which dominated the southwestern side of the
filament channel, so that the filament was dextral according to the classification of Martin
(1998). This is further supported by the right-bearing orientation of the filament barbs (see
Figure 1). Dextral filaments are embedded in field of left-handed chirality, as indicated by
the typical skew of the overlying arcade of coronal loops (Martin, 1998). If the assump-
tion of flux rope topology holds for the filament, then the filament itself is also threaded by
left-handed field. Otherwise, it may have the opposite chirality (see Martin and McAllister,
1997; Ruzmaikin, Martin, and Hu, 2003; Muglach, Wang, and Kliem, 2009). If a filament in
dominantly left-handed helical field rotates upon eruption, the direction of rotation is gener-
ally found to be in the counter-clockwise direction, as expected from helicity conservation
(Rust and LaBonte, 2005; Green et al., 2007).

Note that the dextral chirality of the filament is an exception to the usual hemispheric rule
(Martin, Bilimoria, and Tracadas, 1994). However, Pevtsov, Balasubramaniam, and Rogers
(2003) show that 16 – 25% of filaments do not follow the hemispheric rule, and that the rule
is weaker for filaments in active regions.

On 5 April, the filament was oriented at an inclination of ≈24° to the east–west direction
on the Sun and had a length of ≈135 Mm in the image shown in Figure 1 (top). However,
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Figure 1 Hα image of the
filament as seen on the disk on
5 April 2008, 01:51 UT, before
the first eruption on that day, and
on 6 April, 02:44 UT (circled),
reformed after the two eruptions
on 5 April (from the Yunnan
Astronomical Observatory in
Kunming, China).

Figure 2 STEREO Ahead EUVI 195 Å images of AR 10989 before and after the second filament eruption
on 5 April 2008, displaying an area of 640′′ on a side. The image on the left at 19:45:30 UT shows the full
extent of the filament on the south-eastern end at the onset of the eruption (up to the middle of the circle),
and the image on the right at 21:05:30 UT (with the circle plotted at the same position) shows that a dimming
has developed at this location. Therefore, the erupting flux should be rooted in this area. Comparison with
Figure 1 shows that only the upper branch of the filament is visible in Hα. Overplotted grid lines represent
Carrington longitude and latitude.

the dimmings and endpoint brightenings formed in the eruptions later on the same day sug-
gest that the true extent of the flux in the filament channel was larger by about one third,
≈175 Mm, see Figure 2.

Due to foreshortening, the Hα images on the following day show the filament, its mag-
netic connections and barbs far less clearly, but it can be seen that the filament reformed
in a similar location (Figure 1, bottom). The better perspective of the EUVI-Ahead images
indicates that the main body of the reformed filament was nearly straight, oriented at a tilt



3D Reconstruction of a Rotating Erupting Prominence 245

Figure 3 STEREO Ahead EUVI
171 Å image of the reformed
filament on 6 April 2008,
15:01 UT. The area shown is
320′′ on a side. The circles mark
the ends of the filament material
visible at this wavelength. Their
distance is ≈175 Mm. The main
body of the filament as seen in
this line is oriented at an
inclination of ≈26° to the
east–west direction on the Sun.

Figure 4 Magnetogram of AR 10989 on 31 March (left) and on 4 April 2008 (right) taken by SOHO/MDI.
The overplotted bars indicate rough estimates of the distance between the center of each polarity (in a cen-
ter-of-gravity sense), which is an important input parameter for the numerical modeling of the event in Pa-
per II.

angle of ≈26° to the east–west direction, and extended across a similar length as on 5 April
(Figure 3). This is most clear if the 171 Å and 304 Å images are viewed in animated for-
mat. As far as the increasing foreshortening allows a judgment, the filament appeared to
keep its orientation and shape through the subsequent days until a new eruption launched
the Cartwheel CME.

Since the numerical modeling in Paper II reveals a strong influence of the distance be-
tween the polarities in the source region on the rotation of the ejected flux rope, we attempt
to estimate this parameter. Figure 4 shows magnetograms of the region from the SOHO
Michelson Doppler Imager (MDI) on 31 March and 4 April 2008. The overplotted bars
run through the middle of each polarity in a one-dimensional center-of-gravity sense, pro-
viding an indication of the distance between the main polarities. This value increases from
∼40 Mm to a range of ∼ (40 – 75) Mm over the four-day time span. A range twice as wide
may have been characteristic of the configuration after the similar time span to the eruption
on 9 April. It appears impossible to estimate a single relevant value. We will adopt a distance
of 90 Mm as a base value in most simulations in Paper II, but also study the influence of its
variation. This base value lies in the middle of the estimated range, so it is consistent with
the fact that much of the rotation occurred in the course of the radial ascent above the south-
east edge of the remnant active region, which is characterized by a considerable distance
between the polarities (see Section 2.3).
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The magnetograms in Figure 4 show an overall displacement of the two polarities in the
direction of the PIL. While the negative flux is more or less uniformly distributed along the
filament channel, the positive flux is more concentrated near the northern end. This results
in a net shear field component pointing along the filament channel in the southeastward
direction. Coronal field lines that arch above the filament thus possess a skew corresponding
to the upper part of a left-handed helix, in agreement with the implication made above that
the filament was dextral.

We have also estimated the height of the prominence from data taken by the EUV Imag-
ing Telescope (EIT) (Delaboudinière et al., 1995) onboard SOHO on 8 April, when the
prominence was close to the limb. The material seen at that time in the 304 Å line extended
up to a height of ≈ 0.04 R⊙ above the photosphere, and the absorbing material seen at 171
and 195 Å extended up to ≈0.033 R⊙. From EUVI 304 Å data about an hour before the
eruption, we estimate the height to lie in the range ≈0.05 – 0.06 R⊙, so it is clear that the
prominence experienced a slow rise before the eruption.

Motions along the prominence could be seen in the 171 Å channel of EUVI-Ahead on
9 April from about 08:20 UT onward. The first upward motions of prominence material
along the CME path can be discerned by comparing the images at 08:48:30 and 08:51 UT.
Landi et al. (2010) give a rather conservative estimate of the CME start time, 09:10 UT,
but the 171 Å images, taken at 2.5 min cadence, show that most of the prominence body
visible to EUVI-Ahead was already moving by 08:53:30 UT, the start time quoted in Savage
et al. (2010). Since the event commenced in the absence of a strong perturbation (no signs
of a significant brightening, of a jet, or of perturbations resulting from nearby activity were
seen), it must have developed from a small perturbation when the configuration was near the
boundary between stable and unstable states. In such cases the initial motion of the unstable
flux is expected to behave exponentially, which requires some time to develop to a level that
causes visible changes. Rapid changes in the vertical position were first seen between the
EUVI-Ahead images at 08:48:30 and 08:51 UT. Therefore, the actual start time should lie
before 08:51 UT.

A helmet streamer, best seen in the COR2-Ahead images, extended above AR 10989 in
the plane-of-sky projection. In order to estimate the orientation of the heliospheric current
sheet above the streamer, and whether it was magnetically connected with the PIL in the
active region, we ran a PFSS extrapolation and a Wang–Sheeley–Arge model for Carrington
Rotation 2068 at the Community Coordinated Modeling Center (CCMC), using a source-
surface location at 2.5 solar radii for both models. Figure 5 shows the PIL and corresponding
field lines originating at the 2.5 R⊙ source surface of the PFSS model, which yields a nearly
east–west orientation of the heliospheric current sheet at the longitude of radial CME prop-
agation estimated in Section 2.3. The Wang–Sheeley–Arge model gives the same result. It
is clearly seen that the field at large heights above the active region is dominated by the
large-scale field of the Sun, which points essentially opposite to the shear field component
in the active region at small heights.

A similar representation of the radial field component of the PFSS model at several rep-
resentative heights is given in Figure 6. The PIL above AR 10989 is part of a magnetic
structure which is distinct from the PIL at the base of the heliospheric current sheet, and
which is seen as a separate ring in the low corona (e.g. at 1.15 R⊙). With increasing height,
the ring-shaped PIL disappears (between 1.2 and 1.3 solar radii), and the PIL associated with
the heliospheric current sheet gradually approaches the equator at the estimated longitude
of the CME.
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Figure 5 Location of the heliospheric current sheet for Carrington Rotation 2068 from a potential-field
source-surface extrapolation. The current sheet runs nearly east–west above the estimated CME direction of
propagation as indicated by the vertical bar. The green and red regions represent open field regions of negative
and positive polarity, respectively.

Figure 6 Polarity inversion line of the radial field component in the PFSS model, (a) in the photosphere, (b)
at the estimated initial height of the prominence, (c) at the largest height that shows an orientation of the PIL
above AR 10989 relatively clearly, and (d) at 1.3 R⊙ where the PIL above AR 10989 is completely gone.
Dots in panel (a) mark the end points of the prominence shown in Figure 3, and the vertical line in panel (d)
marks the estimated longitude of the CME, as in Figure 5.

2.2. 3D Reconstruction

The SolarSoft routine scc_measure was used to measure the three-dimensional loca-
tion of features in the STEREO EUVI and COR1 images. The action of this program is
as follows: The user is presented with two side-by-side images, one from each of the two
STEREO spacecraft. The images are selected so that they represent the same observation
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time, with a slight offset to account for the difference in light travel time from the Sun. The
user can zoom in on the region of interest in the two images, and adjust the color table and
data range to optimize the appearance of the feature being measured. A point is selected
on one image with the cursor. The program calculates the three-dimensional line of sight
represented by this point, and then overplots the projection of this line onto the image from
the other satellite. This is known as an epipolar line. Since both the EUVI and COR1 optics
produce a gnomonic projection on the CCD detector, straight lines in space will always ap-
pear as straight lines in the image. The feature selected by the user in the first image must
appear along the epipolar line drawn by the program in the second image. The correct loca-
tion along this line is selected by the user, which leads to another line of sight calculation
which intersects the original line of sight. The intersection of these two lines determines the
three-dimensional (3D) location of the feature. In this investigation, we use this technique
to find the 3D locations of multiple points along prominence threads.

The main difficulty in applying this technique to the prominence eruption is source confu-
sion. On 9 April 2008, the two STEREO spacecraft were separated by 48° along the ecliptic
plane. Thus, the appearance seen by STEREO Ahead was quite different from that seen by
STEREO Behind. This made it very difficult to locate features which could be positively
identified to be the same in both images. Another goal was to identify features which could
be tracked through several frames. (However, no attempt was made to match identifications
between EUVI and COR1.) In spite of these difficulties, it was possible to identify several
features which could be identified in both views, and which could be tracked through several
frames.

2.3. EUVI and COR Measurements

Figures 7 and 8 show the tracked features as seen in the 304 Å channel of EUVI-Ahead. The
colored lines represent the filamentary features that were measured at each time step. Each
line has a different color, and a dot at one end, to better show the relationship with the repro-
jected graphs along the right side. The different colors do not necessarily represent the same
threads at each time step. The He II 304 Å channel was chosen as being most representative
of the cool prominence material seen later in a combination of Hα and Thomson-scattered
light by COR1. Although the eruption is clearly seen by Ahead at 9:06 UT, and by Behind

at 9:36 UT, source confusion made it impossible to track features earlier than 10:06 UT.
Initially, little sense could be made from an examination of these data viewed in 3D (e.g.,
through an anaglyph representation). However, because the measurements are made in 3D,
they can be reprojected to another viewpoint. By selecting the proper viewpoint, it is possi-
ble to see aspects of the data that are not evident in the frame in which the data are taken.
The plots to the right in Figures 7 and 8 show the same data as in the images, but from a
viewpoint at Stonyhurst longitude 98° west (relative to Earth), and 24° south. It is estimated
that from this viewpoint, the CME is traveling straight toward the observer.

From this perspective, a certain organization can be perceived. The primary alignment in
the 10:06 UT data is vertical, i.e. aligned north–south, with the upper prominence threads
lying almost directly over the lower threads in the frame of the figure. However, in the later
images the primary alignment is distinctly sloped, with the upper threads lying toward the
east, and the lower ones toward the west. This is particularly well seen in the image at
10:46 UT in Figure 8, where the data display an overall slope of −50°. As one goes through
the time steps, a counter-clockwise rotation can be perceived as one steps from 10:06 to
10:46 UT.

The prominence structure must have rotated through ≈65° from its original orientation to
achieve the nearly north–south structure seen at 10:06 UT, followed by an additional ≈50°



3D Reconstruction of a Rotating Erupting Prominence 249

Figure 7 Images and plots of the prominence eruption from 10:06 to 10:26 UT, as seen in the 304 Å channel
of the STEREO EUVI telescopes. Subsequent frames are shown in Figure 8. Along the left are shown the
EUVI-Ahead images with the tracked features overplotted. The lower-right corner of each image is outside
the EUVI field of view, causing the threads to appear truncated in height at 10:26 UT and subsequent times.
The plots along the right show the same data reprojected to a viewpoint at Stonyhurst longitude 98° west
(relative to Earth) and latitude 24° south. Axes are in units of solar radii.

to reach the maximum rotation at 10:46 UT. Thus, the full amount of rotation experienced
by the prominence in the EUVI height range was on the order of 115°.

The EUV observations of the early part of the eruption also show a shift of the entire
prominence structure southward, from about −14° to −24° latitude. Compared with the
earlier Hα observations (Figure 1), the prominence must have also shifted ∼15° eastward
in the early phase of the eruption. These initial motions were followed by radial propagation
at the new latitude and longitude, ≈98W24S. This is consistent with the analysis of Savage
et al. (2010) and Patsourakos and Vourlidas (2011). The latter authors fitted a croissant-
shaped flux rope model to COR2 images from both STEREO satellites and found that the
radial propagation of the CME projects back to a position 11° ± 5° behind the limb, as seen
from Earth, and 17° ± 3° south. Savage et al. (2010) quote a heliographic position of 113°
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Figure 8 Continuation of Figure 7 for time steps 10:36 to 10:56 UT.

for the associated active region at the time of the eruption, and describe the initial motion of
the prominence as being toward the observer. The measurements shown in Figures 7 and 8
were derived from the radial phase of the eruption.

The same analysis performed on EUVI was also performed on the COR1 images. At
the location of the eruption, the COR1-Ahead occulter edge is at 1.37 solar radii, and the
COR1-Behind edge is at 1.59 solar radii. The features seen by COR1 are a continuation to
higher radial distances of the truncated 304 Å features seen by EUVI. There is a small region
of overlap between EUVI and COR1 on both spacecraft, and the observations agree within
this region. The COR1 results are shown in Figure 9. The prominence is seen to maintain
the orientation seen in the final EUVI images. There is a slight indication of a shift back in
the clockwise direction. However, the orientations for the final two time steps at 11:15 and
11:25 UT are based on only parts of the prominence legs, so the apparent reverse rotation
may not truly represent the behavior of the loop as a whole.

Patsourakos and Vourlidas (2011) estimated the orientation of the CME flux rope from
their croissant model fit at a leading-edge heliocentric distance of about 13 R⊙. They found
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Figure 9 Images and plots of the prominence eruption from 10:45 to 11:25 UT, as seen in the COR1 tele-
scopes. Along the left are shown the COR1-Ahead images with the tracked features overplotted. The plots
along the right show the same data reprojected to a viewpoint at Stonyhurst longitude 98° west (relative to
Earth) and latitude 24° south. Axes are in units of solar radii.
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that the flux rope (croissant) axis was inclined to the east–west direction on the Sun by a
tilt angle of −4° ± 7°. This indicates a further counter-clockwise rotation to a total value
of 150° ± 7° from the original orientation estimated in Section 2.1. (The other possible
interpretation of a clockwise rotation by ≈−145° following the counter-clockwise rotation
in the EUVI height range appears far less likely.) It should be noted that the croissant model
does not include any writhe of its axis, so that the uncertainties may be higher; however,
this is not expected to change the result by a large amount. The rotation angle at large
heights represents a close alignment of the CME flux rope with the heliospheric current sheet
(Figure 5), which corresponds to the suggestion in Yurchyshyn (2008) and Yurchyshyn,
Abramenko, and Tripathi (2009).

To our knowledge, the rotation of the prominence by ≈115° in the corona and by ≈150°
up to 13 R⊙ belongs to the largest ever inferred in this height range. Yurchyshyn, Abra-
menko, and Tripathi (2009) report one case of rotation by ≈ 143° and six cases in the range
80° – 100° out of a sample of 101 halo CMEs observed by SOHO/LASCO, i.e., up to a dis-
tance of 30 R⊙. The largest rotation found at 1 AU is on the order of 160° (Dasso et al., 2007;
Harra et al., 2007).

It is also of interest to note that the COR1 images resolve the basic structure of the dense
prominence material in the core of the CME out to a heliocentric distance of four solar radii.
The CME core has the structure of a weakly to moderately twisted flux rope: a single flux
loop with threads that are systematically but only weakly to moderately inclined to the axis
of the loop. These indications of twist prove to be the primary observational finding that
sets a preference for a slightly kink-unstable flux rope above a kink-stable flux rope, which
match the observed rise and rotation characteristics to a comparable degree in the numerical
modeling of the event in Paper II. Only few observations have revealed a flux rope structure
for an erupting prominence so clearly in this height range (see, e.g., Plunkett et al., 2000).
The images also indicate a nearly self-similar evolution of the flux rope throughout the
instrument’s field of view of (1.5 – 4) R⊙. The outer coronagraph COR2 imaged the CME
core as well but did not resolve the details of its structure.

2.4. Rotation and Rise Profile

Figure 10 summarizes the rotation of the erupting prominence as a function of time from
both EUVI and COR1. The values plotted were obtained by averaging the orientations of
the individual threads whose 3D positions could be reconstructed. The values obtained at
10:16 and 10:26 UT are considered to be less reliable than the others in the figure, since
at these times the threads which could be located in 3D do not appear to be organized in
a well defined structure, as, for example, flux rope legs (see the right panels in Figure 7).
It was not possible to derive the 3D prominence orientation for times before 10:06 UT
due to source confusion. However, the visible appearance of the prominence as seen from
STEREO Ahead between 9 – 10 UT is consistent with considerable rotation throughout this
time period, leading to the conclusion that most of the rotation occurred during the initial
phase of the eruption.

We also used scc_measure to derive a time–height curve for the prominence eruption.
This was done by matching points at the leading edge of the prominence in both images.
Since these points in the two images are not guaranteed to represent exactly the same point
in 3D space, the results can only be treated as an approximation. However, since the extent
of the prominence material is relatively small, the approximation is quite valid. The resulting
time–height curve for the top of the prominence is shown in Figure 11. The COR1 values
appear to be a bit higher than one would expect from an extrapolation of the EUVI data. That
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Figure 10 Orientation of the
prominence body as a function of
time. The dashed line represents
the original orientation as
estimated from the EUVI-Ahead

171 Å image on 6 April in
Figure 3. The points at 10:16 and
10:26 UT are considered to be
less reliable than the others – see
text.

Figure 11 Heliocentric heights
of the prominence leading edge
vs. time. The value for 10:26 UT
is shown as a lower limit, since
the prominence is right at the
edge of the EUVI-Ahead field of
view at this time.

may represent a difference between the appearance of the prominence at 304 Å versus white
light. In addition, the heights derived from EUVI data after 9:56 UT may systematically fall
short of the true heights. It is possible that the traceable threads did not extend up to the true
top of the structure in these images, since an upward extension of the loop-shaped structure
in the image at 9:56 UT had faded by 10:06 UT. The estimated height at 10:26 UT is only a
lower limit given by the edge of the EUVI-Ahead field of view.

A quadratic fit to the EUVI data gives an initial speed of 67 km s−1, accelerating to
173 km s−1 as the prominence leaves the EUVI field of view. A quadratic fit to the heights
measured by COR1 gives a velocity starting at 206 km s−1, and accelerating to 379 km s−1

by the end of the COR1 data. There is some evidence from the COR1 quadratic fit that
the acceleration strongly decreased when the leading edge of the prominence reached a
heliocentric height of 3 solar radii. This is borne out by a linear fit to the COR1 data points
above 3 solar radii, which gives a slightly lower velocity of 327 ±9.2 km s−1. The combined
EUVI and COR1 data in Figure 11 give the visual impression that much of the acceleration
actually occurred up to ≈2.5 solar radii. The COR2 data give a speed close to 400 km s−1.
All of these values refer to estimated positions of the apex point of the visible flux rope
structure in the core of the CME.
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Figure 12 Prominence rotation
vs. heliocentric height of its
leading edge. The diamond
symbols represent EUVI and
COR1 height data from Figure 11
interpolated to the times of EUVI
orientation measurements in
Figure 10.

Landi et al. (2010) also derive a time–height profile for the leading edge of the promi-
nence material, using a combination of STEREO Ahead and SOHO data. Their results are
very close to those presented here, with the possible exception of the amount of acceleration.
Landi et al. quote an acceleration of 59.6 m s−2, while our results are more consistent with a
smaller value of 37.9 ± 4.0 m s−2 over the time range covered by Figure 11. They also give
the projected velocity of the CME leading edge in the plane of the sky of STEREO Ahead,
which approaches 700 km s−1, still rising, at a heliocentric height of 3 R⊙.

Combining the information in Figures 10 and 11, we obtain the rotation of the promi-
nence as a function of its leading-edge height; see Figure 12. (As there are only three time
steps in common between the EUVI data sets, we have interpolated the EUVI and COR1
height data from Figure 11 to the times of the EUVI measurements in Figure 10 to better
show the trend.) These data emphasize again that much of the rotation is acquired in the
height range h ! R⊙/2, or ∼2 initial footpoint separations, above the photosphere.

2.5. Comparison with the Orientation of the PIL

The comparison of the PFSS extrapolation with the orientation of the prominence at large
distances from the Sun obtained in Patsourakos and Vourlidas (2011) shows that the promi-
nence has approached a close alignment with the heliospheric current sheet (Section 2.3).
An obvious question is whether such alignment could also lead to the rotation in the coronal
height range studied here. We will see in Paper II that the rotation of erupting flux ropes
and the change of the PIL orientation with height always point in opposite directions if the
eruption originates in a simple bipolar region. However, Figure 6 shows that the topology
of the field above AR 10989 is more complex. In particular, the field component along the
filament channel, which influences the rotation of erupting flux (Isenberg and Forbes, 2007),
changes sign with increasing height. In Figure 6, it is clearly seen that the relevant section
of the PIL keeps a nearly constant orientation up to about 1.15 R⊙, above which it starts
to shrink noticeably, disappearing completely by 1.3 R⊙. Thus, any rotation in the height
range up to about 1.15 R⊙ could not be caused by a changing PIL direction. In the height
range ≈ (1.15 – 1.3) R⊙ the prominence did not see a PIL with a well defined direction.
Above 1.3 R⊙, the prominence entered the large-scale field structure defined by the polar
fields and the heliospheric current sheet. The PIL direction in this range is relatively similar
to the direction of the photospheric PIL in the active region and the original orientation of
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the prominence. Hence, throughout the height range of strong initial prominence rotation,
∼ (1 – 1.5) R⊙, the assumption of rotation by alignment with the relevant PIL is inconsistent
with the structure of the field. The prominence actually rotated away from the PIL in this
height range.

The situation changed when the initial prominence rotation began to level off at a large
angle. The subsequent rotation up to the height considered in Patsourakos and Vourlidas
(2011) is consistent with an alignment with the PIL in the heliospheric current sheet. From
the orientation reached in the initial phase, it was favorable for the prominence to continue
the rotation to align with the PIL nearly antiparallel to the original orientation.

These conclusions are robust against the limitations of the PFSS model, which reflects
the magnetic structure in and around AR 10989 primarily at the time of central meridian
passage, since the region did not show any strong magnetic changes in the time before
the eruption on 9 April. The orientation of the PIL in the photosphere, as outlined by the
prominence in the EUV, changed by about 20°, much smaller than the observed prominence
rotation in the low corona. No signs were seen of any major flux emergence which might
have altered the topology of the ring-shaped PIL seen at low coronal heights.

Generally, one expects a dominance of the Lorentz force in driving any rotation of erupt-
ing flux at low coronal heights, where the plasma beta is small. As summarized in the fol-
lowing section and detailed in Paper II, the Lorentz force due to both the tension of twisted
field lines and the presence of a shear field component in the ambient field causes a rotation
away from the PIL, along which the rising flux is originally oriented. As larger heights are
reached, the currents and Lorentz forces in the erupting flux decrease, while the influence
of the pressure gradient force increases with the increasing plasma beta in the ambient field.
The alignment with the heliospheric current sheet then reaches an increasing importance
in the dynamics of the eruption. The transition is expected to occur when the plasma beta
approaches unity.

A difference between the PIL in AR 10989 and the large-scale PIL in the streamer should
be noted. While the PILs are nearly parallel to each other, the field direction across them is
reversed (Figure 6). The horizontal field component across the PIL in the streamer exerted a
Lorentz force on the prominence legs according to the mechanism proposed in Isenberg and
Forbes (2007), because the prominence was directed approximately along this field compo-
nent (perpendicular to the PIL) after the initial rotation had leveled off, i.e., in the whole
COR1 height range. With the current flowing opposite to the axial field of the dextral promi-
nence, the direction of this force on the legs of the prominence is such that the top part
rotates in the clockwise direction. This might explain the slight backward rotation indicated
by the COR1 data. If this were the dominant effect in the subsequent evolution, the initial
rotation would be reversed until the prominence aligns with the heliospheric current sheet
in the direction parallel to its original orientation. Since the transition to high-beta condi-
tions occurs in the COR1–COR2 height range, it is unlikely that the Lorentz force could
dominate the subsequent rotation. Consequently, antiparallel alignment with the PIL in the
heliospheric current sheet due to the pressure gradient force, which drives such alignment
on the shortest possible path, independent of the field direction, appears to be the most likely
evolution in the COR2 height range.

3. Numerical Modeling

Paper II presents a parametric study of various effects which lead to, or influence, the ro-
tation of ejected flux ropes in low-beta plasma. The initial flux rope twist, the strength of
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the external shear field component, and the height profile of the overlying potential field
are varied. The latter is related to the distance between the main polarities in the photo-
sphere. Figure 13 shows field line plots from the numerical model that best fits the obser-
vations in their entirety (rise and rotation profiles and the STEREO images). In this model,
a moderate initial twist of ! = 3.5π triggers a weak helical kink instability, which lifts
the initially force-free, toroidal flux rope into the torus-unstable range of heights and also
contributes to the rotation. The ejection is primarily driven by the torus instability (Kliem
and Török, 2006), so that the model belongs to the loss-of-equilibrium category (Priest and
Forbes, 2002). The major part of the rotation in this run is due to the presence of an external
shear field component (pointing along the prominence and polarity inversion line and due to
sources outside the flux rope), as first suggested in Isenberg and Forbes (2007). The strength
of the shear field at the initial flux rope apex is 2/3 of the external poloidal field which holds
the rope in equilibrium. The value is consistent with a very rough estimate of this ratio from
the structure of the active region. The ratio of the distances between the main polarities along
and across the PIL is about 1/2 in the PFSS field, and the shear should slightly increase with
the gradual change of the PIL direction in the time till the eruption.

The overall shapes of the flux rope in the considerable height range included in Figure 13,
as well as the inclination of the still weakly twisted field lines to the axis of the rope at the
largest height, match the observations reasonably well. (Note that the rope has acquired
a large part of its total rotation already at the first time selected; see Figure 10.) Similar
agreement is demonstrated in Paper II for the height–rotation and time–height profiles.

A model with subcritical initial twist, ! = 2.5π , which allows only for the development
of the torus instability, reproduces the rise profile similarly well, while the match with the
rotation profile is somewhat worse. The field lines at the strongly expanded stage of the final
COR1 image in Figure 13 are rather straight and hardly show any indication of the observed
twist. Moreover, this flux rope requires a considerable initial perturbation to reach the torus-
unstable range of heights, which is not supported by the pre-eruption height estimate and
the initial dynamics of the prominence described in Section 2 (see Paper II).

4. Summary and Conclusions

The images of the STEREO EUVI and COR1 telescopes resolve the basic structure of the
erupting prominence in the core of the “Cartwheel CME” on 9 April 2008 out to helio-
centric distances of 4 R⊙. A single flux rope with indications of weak to moderate twist is
revealed. The flux rope expands approximately self-similarly in the COR1 field of view of
(1.5 – 4) R⊙.

The true path of the prominence could be reconstructed from stereoscopic observations
even when the angular separation between the STEREO spacecraft was as much as 48°.
The reconstruction reveals that the dextral prominence rotated counter-clockwise by a large
angle of ≈115° up to a heliocentric height of 2.5 R⊙, where the rotation leveled off. A gentle
backward rotation by ≈15° may have followed in the height range up to 3.3 R⊙. Two thirds
of the rotation were acquired within 0.5 R⊙ from the photosphere. The coronal height profile
of the rotation angle in a CME is thus derived for the first time. To our knowledge, this ranks
as one of the largest rotations so far measured in the corona.

Taken jointly with recent results about the orientation of the CME at a heliocentric dis-
tance of ≈13 R⊙, obtained from fitting a croissant-shaped flux rope model to stereoscopic
images from COR2 (Patsourakos and Vourlidas, 2011), a further counter-clockwise rotation
by ≈35° from the value at 2.5 R⊙ is indicated. This aligned the erupted flux closely with
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Figure 13 Shape of the erupting flux in the best-matching numerical model – a weakly kink-unstable flux
rope of initial twist 3.5π – at various stages of the rise, compared with STEREO Ahead images at 10:16,
10:26, 10:55, and 11:25 UT. A set of field lines enclosing the magnetic axis of the simulated flux rope is plot-
ted at the times the rope apex has reached the corresponding heights, h = 7.3, 9.6, 20, and 30 h0 (h0: initial
apex height), which are obtained from the scaling of the footpoint distance, 3.3 h0, to the value of 175 Mm
estimated in Section 2.1. The observed and simulated flux ropes are displayed at the same perspective: the
line connecting the footpoints of the rope makes an angle of 26° with the line of sight and the vertical axis in
the simulation is tilted away from the observer by 8° (so that the magnetogram, Bz(x, y,0, t), is seen from
the bottom side). The dotted line indicates the edge of the COR1 occulting disk. Since the visible threads
in the EUVI images do not outline the complete shape of the flux rope, sections of the field lines in the
corresponding simulation snapshots are highlighted for better visual correspondence. For each field line, 200
segments at the top and 150 segments at each bottom end are plotted with reduced line width. The segments
are obtained from a numerical integration along the field line with adaptive step size and are all different,
resulting in different lengths of the highlighted sections, analogous to the observations.



258 W.T. Thompson et al.

the heliospheric current sheet above the active region. However, the structure of the field
within the first ∼0.5 R⊙ above the original location of the prominence, obtained from a
PFSS extrapolation, precludes alignment with the PIL as mechanism for the initial rotation.

The rotation and rise profiles of the prominence in the EUVI-COR1 height range are
reproduced by a numerical model that follows the evolution of an unstable force-free flux
rope. A parametric study of flux rope rotation in this model, detailed in Paper II, suggests
that the main part of the rotation in this height range was caused by the shear field in the
source volume. While the rotation and rise profiles can be modeled nearly equally well by a
weakly kink-unstable flux rope of 3.5π initial twist and by a kink-stable flux rope of 2.5π

initial twist, the indications of twist in the COR1 images and the absence of a strong initial
perturbation in the EUVI-Ahead data favor the 3.5π model, suggesting that the helical kink
instability did occur and contributed the remaining part of the rotation.

In summary, the large total rotation of the erupting flux rope in the Cartwheel CME is
due to a combination of three effects. The internal Lorentz forces associated with the shear
field and with the tension of twisted field lines caused a strong rotation in the inner corona.
The resulting orientation relative to the heliospheric current sheet was favorable for the
subsequent alignment with the sheet in the outer corona and inner solar wind to proceed with
the same sense of rotation. Since the heliospheric current sheet had an orientation relatively
near the original direction of the erupting flux, a very large final rotation angle was reached.
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[1] By virtue of their rarity, extreme space weather events, such as the Carrington event of 1859, are

difficult to study, their rates of occurrence are difficult to estimate, and prediction of a specific future

event is virtually impossible. Additionally, events may be extreme relative to one parameter but normal

relative to others. In this study, we analyze several measures of the severity of space weather events

(flare intensity, coronal mass ejection speeds, Dst, and >30 MeV proton fluences as inferred from nitrate

records) to estimate the probability of occurrence of extreme events. By showing that the frequency of

occurrence scales as an inverse power of the severity of the event, and assuming that this relationship

holds at higher magnitudes, we are able to estimate the probability that an event larger than some

criteria will occur within a certain interval of time in the future. For example, the probability of another

Carrington event (based on Dst < �850 nT) occurring within the next decade is �12%. We also

identify and address several limitations with this approach. In particular, we assume time stationarity,

and thus, the effects of long-term space climate change are not considered. While this technique

cannot be used to predict specific events, it may ultimately be useful for probabilistic forecasting.

Citation: Riley, P. (2012), On the probability of occurrence of extreme space weather events, Space Weather, 10,
S02012, doi:10.1029/2011SW000734.

1. Introduction

[2] In analogy with terrestrial weather, “space weather”
is the state or condition of the space environment sur-
rounding and within the Earth’s magnetosphere. And, just
as terrestrial events such as tornados and hurricanes can
have devastating effects on Earth, severe space weather
events can produce a host of consequences that impact
society, including the disruption or loss of space-based
assets, such as spacecraft [e.g., Reeves et al., 1998], and
terrestrial assets, such as electric power transmission net-
works [e.g., Bolduc, 2002]. As our society becomes pro-
gressively more dependent on technology, assessing the
impact of, and ultimately predicting space weather events,
and particularly the most extreme ones, will become ever
more crucial. In this study, we seek to answer, or at least
address the question: What is the probability of such an
extreme event occurring within the next decade, or 100
years?
[3] “Extreme”means that which is far removed from the

mean or average. But, while an event might be extreme
with regard to one parameter, it might only be average
relative to others. Moreover, there are an almost limitless
number of parameters that can be used to describe the
severity of a solar event. Beginning at the Sun and moving
toward the Earth, these include, but are certainly not lim-

ited to: (1) soft and hard X-ray flares; (2) coronal mass
ejection (CME) speed; (3) shock strength; (4) Solar Ener-
getic Particle (SEP) fluxes, including Solar Proton Events
(SPEs); (5) Dst, Kp, aa, and other geomagnetic indices;
(6) the equatorward edge of the diffuse or discrete aurora;
(7) sudden ionospheric disturbances (as inferred from
Solar Flare Effects (SFEs); and (8) nitrate deposition in ice.
As we move through these parameters, we shift from
causes to consequences, and, from a societal point of view,
it is those parameters affecting the near-Earth environ-
ment that have the most impact. The connection between
different parameters also drops significantly as they
become further removed from one another. A massive
flare on the backside of the Sun, for example, will not
likely leave a record in Earth’s ice. Additionally, the rela-
tionship between parameters need not be linear. Fast
CMEs, for example, may not drive an intense geomagnetic
storm unless there is a strong negative interplanetary
magnetic field (IMF) associated with it.
[4] The term “extreme” is also time scale-dependent.

An event might be extreme on the time scale of a year,
or decade, but only moderately severe on the scale of
100 years. Here, we invoke a working definition that
“extreme” is something we have not experienced within
the space era. That is, an event that we have not yet
observed during the time our society has become depen-
dent on technology, and which could result in significant
adverse consequences affecting a significant fraction of the1Predictive Science, San Diego, California, USA.
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Earth’s population. The Carrington event of 1859
[Carrington, 1859] is perhaps the largest known example of
this.
[5] On the morning of 1 September 1859, as Richard C.

Carrington was observing sunspots on the solar disk, a
particularly large and complex active region destabilized,
launching an extremely fast coronal mass ejection toward
Earth. A large solar flare ensued, its optical brightness
lasting some 5 min and equaling that of the background
Sun. Extrapolating knowledge from less severe events
observed during the space age, we can infer some of the
likely properties of the so-called “Carrington” event. In
soft X-rays, the flare has been estimated to be >X10 [Cliver
and Svalgaard, 2004]. The ejecta propagated rapidly away
from the Sun, generating a fast-mode wave ahead of it,
which rapidly steepened into a fast-mode forward shock.
The shock, traveling in excess of 2000 km s�1 [Cliver et al.,
1990] accelerated suprathermal ions in the ambient solar
wind to high energies. As these accelerated particles
streamed away from the shock, they excited plasma waves
that pitch angle scattered the ions, further accelerating the
particles. Some of these energetic ions escaped, traveling
ahead of the shock. As they streamed through the helio-
sphere, they amplified the ambient resonant plasma
waves, simultaneously undergoing pitch angle scattering
by them. Propagating through an ever-weakening mag-
netic field, the particles were focused and decelerated. The
first particles arrived at the Earth within an hour, although
the peak intensity of the particle distribution arrived with
the shock, some 17.6 h later [Cliver and Svalgaard, 2004].
The CME and its associated disturbance rammed into the
Earth’s magnetosphere, generating one of the largest
magnetic storms in recorded history [Tsurutani et al., 2003].
Meanwhile, the energetic particles entered the Earth’s
magnetospheric environment directly through the polar
cap region. The most energetic particles penetrated to the
stratosphere and produced nitrogen oxides (NOx) via
impacts with molecular nitrogen and oxygen. The lower-
energy particles, on the other hand generated NOx in the
mesosphere and thermosphere. NOx, acting as a catalyst,
destroys ozone in the stratosphere, while HOx rapidly
destroys ozone in the mesosphere, and levels decreased
substantially immediately following the arrival of the
energetic particles. However, more remarkably, over a
period of 4 months, vertical winds enhanced by the polar
vortex transported the remaining NOx from the middle
and upper atmosphere into the stratosphere, leading to a
second significant depletion in the main ozone layer. Ice
core measurements indicated that most of the nitrates
were deposited within weeks of production, suggesting
that gravitational precipitation (i.e., snow) must have
played a key role in its downward transport [McCracken
et al., 2001]. While this only partially substantiated
description of the Carrington event of 1859 sounds plau-
sible, it is not without controversy. The connection
between ice core records and SPEs, for example, is cur-
rently under debate [Wolff et al., 2008].

[6] Occurring after important advances in observing
techniques and theory had occurred, but before the advent
of many more, the 1859 storm holds the record as the lar-
gest space weather event in over 400 years [McCracken et
al., 2001]. Additionally, since the event occurred only
�150 years ago, it is a constant reminder that a similar
event could reoccur any day. But how probable is such an
event? With only one such case in the historical records, it
cannot be readily predicted from simple “time to event”
calculations.
[7] Several recent studies have begun to address the

probability of extreme space weather events. Ruzmaikin
et al. [2011] studied the power law distribution of coronal
mass ejection (CME) speeds, which are an integral com-
ponent of space weather phenomena. They found that,
within the range of 700–2000 km s�1, the speeds were
distributed according to a power law with exponent, a =
�3.4. They argued that the existence of such a self-similar
distribution suggests a single physical process for their
generation (at least within this speed range). Additionally,
they noted that the time intervals between the events
are not independent: Fast CMEs are produced in clusters
(a result previously inferred from observations by Feynman
[1997]).
[8] Barnard et al. [2011] inferred a rate for major SEP

events of PSEP = 5.2 per century, based on nitrate mea-
surements from ice cores that contained 15 major events
between 1700 and 1970 [Shea et al., 2006]. Restricting their
interval to the space era, however, which has thus far
produced only one major event led to a probability of
occurrence, PSEP = 2.6 per century. McCracken and Beer
[2007] also commented on this apparent decline using
ground-level event (GLE) data. However, whether this
represents an underlying trend, or merely the result of
low-number statistics remains to be determined.
[9] A number of techniques can, in principle, be applied

for estimating the likelihood of a rare event. These include:
event trees, similarity judgments, “time to event,” and
extrapolation from more frequent events. Event trees rely
on breaking up a chain of smaller events that lead to the
catastrophic event being studied, with each smaller event
being connected to another either by an “and” or “or” gate
[Wang and Roush, 2000]. The probability of the main event
is then determined by a combination of the probabilities of
the smaller events. The inquiry into the Challenger acci-
dent represents perhaps the best known example of this
type of analysis [Stamatelatos, 2002]. Unfortunately, for
space weather applications we do not know the prob-
abilities of the smaller events or their relationship to one
another any better than for the main event. Similarity
judgements [e.g., Bordley, 2011] extend the probability of
known rare events to new situations, such as estimating
the probability of an earthquake on the east coast based on
more available data from earthquakes on the west coast,
say. Again, however, for space weather situations, there
are no obvious known events that can be linked to the one
under study. “Time to event” techniques use the time
between the occurrence of two or more rare events to
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estimate the probability of an event happening. Unfortu-
nately, for events that are rarely, if ever observed, esti-
mating this time may not be possible. Even so, such
calculations may provide a useful basic check on results
obtained from other approaches.
[10] Extrapolation techniques, unlike event trees or

similarity judgments, do not rely on knowing any under-
lying physical processes giving rise to the rare event, or the
availability of two or more case studies. Instead, they rely
on the assumption that the range over which the events
are well observed can be reliably extended to regimes
where they are rarely, if ever observed. In this study, we
will argue that many space weather parameters exhibit a
power law distribution that can be extrapolated to extreme
regimes. With this assumption, it is straightforward to
estimate probabilities.
[11] Finally, we note that there is a useful distinction

worth making between predicting specific rare events and
assessing the probability that one will occur within a cer-
tain period of time. For the types of space weather phe-
nomena that concern us here, the former task is incredibly
more complex and we will focus on probabilistic assess-
ments from hereon.

2. Methodology

[12] Here we outline the basic tools we will employ to
compute the probability of occurrence of an extreme space
weather event. A set of events, x, is said to follow a power
law distribution if the probability of occurrence, p(x), obeys
the following relationship:

p xð Þ ¼ Cx�a ð1Þ

where the exponent, a, is some fixed value, and C is a
constant determined from where the power law intercepts
the y axis. Known as Zipf’s law or the Pareto distribution,
power law distributions, which relate the magnitude of an
event to its frequency, appear remarkably frequently
throughout all areas of science, including earthquake
magnitudes [Christensen et al., 2002] and solar flare size [Lu
and Hamilton, 1991]. It is worth emphasizing that power
laws fall off much less rapidly than the more often
encountered Gaussian distribution. Thus, extreme events
following a power law tend to occur far more frequently
than we might intuitively expect [Newman, 2005].
[13] Following McMorrow [2009], a more useful quantity

for our study, however, is the complementary cumulative
distribution function (CCDF), P(x), which is defined as the
probability of an event of magnitude equal to or greater
than some critical value xcrit:

P x ≥ xcritð Þ ¼

Z

∞

xcrit

p x′ð Þdx′ ð2Þ

which, using equation (1) becomes

P x ≥ xcritð Þ ¼
C

a� 1
x�aþ1

crit
ð3Þ

Thus, the CCDF also follows a power law with a reduced
exponent (a � 1).
[14] There are several advantages in using CCDFs over

the original power law distributions. First, they avoid the
problem noisy tails. Unless p(x) is computed from bins of
data that are logarithmically spaced, the ever-smaller
number of events landing in the largest event bins drives
the errors associated with those estimates up [Newman,
2005]. On the other hand, when the data are summed in
a complementary manner as with the CCDF, the noise is
minimized. In fact, the data need (and should) not be
binned at all; the CCDF at some value x is just the sum of
the number of events where x ≥ xcrit. Second, computing
the slope of the power law distribution (which is the single
most important parameter describing the data) from a
least squares fit is prone to systematic biases [Goldstein
et al., 2004]. Instead, the maximum likelihood estimate
(MLE) is a significantly more accurate method for
computing the slope:

a� 1 ¼ N
X

N

i¼1

ln
xi

xmin

" #�1

; ð4Þ

where xi are the measured values of x, N is the number
of events in the data set, and xmin is some appropriate
minimum value of x, below which the power law rela-
tionship breaks down [Newman, 2005].
[15] A third advantage of the CCDF relates to its appli-

cation. When considering extreme space weather events,
we would usually like to know the probability of occur-
rence of some event of a particular strength or greater.
That is, the consequences of an event larger than a certain
threshold, such as the Carrington event, are what concern
us from a societal view, rather than the probability of an
event say between x and x + Dx.
[16] Given the probability of an event as large as or lar-

ger than xcrit it is simple to compute the number of events
expected to occur during the period covered by the data
set:

E x ≥ xcritð Þ ¼ NP x ≥ xcritð Þ; ð5Þ

where N is the total number of events in the data set.
Moreover, again, assuming the events occur indepen-
dently of one another, we can use the Poisson distribution
to infer the probability of one or more events greater than
xcrit occurring during some time Dt:

P x ≥ xcrit; t ¼ Dtð Þ ¼ 1� e�NDt
t
P x≥xcritð Þ

; ð6Þ

where t is the total time span of the data set. Equations (3)–
(6) thus give us a robust method for computing the
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probability that an event of severity exceeding xcrit will
occur some time within the nextDt years, subject to several
assumptions.
[17] The assumption that the data follow a power law,

both within the regime where measurements are made
and into the region of rare and, for the most part, unseen
events must be carefully considered. Typically, the power
law relationship must break down at both low- and high-
frequency events. In the high-frequency portion of the
spectrum, the curve usually flattens often due to the fact
that smaller events are less easily measured or identified.
At the low-frequency portion of the spectrum, several
factors could play a role. First, the statistics of small
numbers may lead to the curve deviating from what might
otherwise be a straight line. Second, and particularly when
the power law distribution falls off more rapidly than
higher-frequency rates would suggest, the cutoff may be a
real physical limitation. For example, there is undoubtedly
a limit to the speed of CMEs, related to the maximum
kinetic energy that can be derived from the finite magnetic
fields within an active region. Even if arguments could be
made to circumvent this, as an absolute limit, CMEs cer-
tainly cannot travel faster than the speed of light. Third,
the distribution may be composed of distinct parts, each
governed by different physical processes, such that the
curve becomes either steeper or more shallow than the
main portion that is measured. The initiation of coronal
mass ejections, for example, may occur through flux can-
celation, “break out,” the kink instability, flux emergence,
or some other mechanism [Forbes, 2000], each of which
could produce CMEs with different distributions of
speeds. Similarly, energetic particles are thought to be
produced either through an impulsive mechanism or a
gradual one [e.g., Lin, 2011].
[18] A second implicit assumption in our analysis is that

of time stationarity; both during the time of the measured
data, and over the time in the future over which we aim to
extrapolate. For the Sun, this is clearly an approximation
that requires careful assessment. On the scale of a decade
or so, the solar activity cycle modulates many solar para-
meters [e.g., Riley et al., 2000]. The largest 2% of geomag-
netic storms (the so-called “super storms”), for example,

tend to occur shortly after the maxima of the decadal-scale
solar activity cycles, occurring most often near the equi-
noxes [Bell et al., 1997]. Thus, the data used to construct the
power law should have a duration at least as long as this.
By extension, we must also recognize that any predictions
made over say the next decade would necessarily be solar
cycle-averaged predictions, and the actual probability of
an extreme space weather event at some point in the cycle
may be different.
[19] A final tool that will be useful for our analysis relies

on the average time to the next event to compute a prob-
ability of occurrence. For Bernoulli distributions, that is,
independent events that either happen or do not, with a
constant probability of occurrence, it can be shown that
the probability of occurrence is given by

P xð Þ ¼
1

1þ t

; ð7Þ

where t is the average time to the event. Thus, an event
that occurs once every 100 years would have a probability,
P = 1/(1 + 100/10) = 0.09, or 9% of occurring during the next
decade.

3. Analysis of the Data Sets

[20] Although there is an almost endless list of candi-
dates, we have chosen four space physics data sets from
which to assess the likelihood of an extreme event with
respect to those measurements: Peak rates from solar
flares; the speeds of CMEs; the strength of geomagnetic
storms, as determined from Dst; and nitrate spikes in ice
cores, arguably capturing large SPEs. These choices
encompass a range of “causes” and “consequences” along
the chain from the solar surface to the polar ice. And, while
their relationship has not been well established, flares and
CMEs are clearly related to the same explosive release of
magnetic energy in the corona [Gosling et al., 1993]. Simi-
larly, SPEs likely represent a subset of SEPs. Our final
motivation for choosing this subset of parameters was to
highlight both the power and the limitations in applying
this power law extrapolation technique.

3.1. Solar Flares

[21] X-ray fluxes from solar flares represent a natural
starting point for analyzing the probability of occurrence
of extreme space weather events since it has been firmly
established that they follow a power law distribution in
peak photon flux over many orders of magnitude [Lin et al.,
1984; Dennis, 1985; Lu and Hamilton, 1991].
[22] For our analysis, we use the hard X-ray measure-

ments from the BATSE instrument on board CGRO (ftp://
umbra.nascom.nasa.gov/pub/batse/), which recorded
solar flare data continually for almost a full decade. In
Figure 1 we show the peak count rates (proportional to
flux) of all 7236 BATSE X-ray flares observed from April
1991 through May 2000. We note several points. First,
the time series is clearly nonstationary: During the

Figure 1. Hard X-ray data from the BATSE spacecraft
covering the time period from April 1991 through
May 2000. The data were obtained from ftp://umbra.
nascom.nasa.gov/pub/batse.
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approximately solar cycle duration of the data, the peak
rate decreases to a minimum in mid/late 1996 and then
rises, in phase with sunspot number. Second, the events
are strongly biased toward low peak rates, with only a tiny
fraction exceeding 105 counts/s/2000 cm2.
[23] Figure 2a shows a histogram of the number of

events as a function of peak rate. Several points are worth
noting. First, the noise increases as the peak rate increases.
These data were binned in intervals separated equally in
linear, not logarithmic space, and thus the number of
events at high values of peak rate becomes extremely
small (→ 0). Although this could have been partially rec-
tified by binning the data in logarithmic space, it serves to
highlight one of the advantages of computing the CCDF:
The noise does not increase with increasing peak rate
since all of the data at a particular peak rate and above are
summed to compute that value. Second, although the
histogram shows a clear power law distribution over sev-
eral orders of magnitude, at lower values (<104 counts/s/
2000 cm2) the slope becomes shallower. Furthermore,
below a peak rate of �5 � 102 counts/s/2000 cm2, the
number of events drops quickly to zero.
[24] In Figure 2b we show the CCDF, i.e., the probability

of an event occurring that exceeds some critical peak rate,
as a function of peak rate. The noise is significantly
reduced. Here, the change in slope is also apparent, as is
the rollover at 102 s/2000 cm2, which appears here as a
flattening in the curve. We note that the slope of the event-
frequency plot is ��1.8, in agreement with previous stu-
dies [Lin et al., 1984; Dennis, 1985], while the slope

(computed using MLE) for the CCDF is �0.84. Theoreti-
cally, we would expect the latter to be one less than the
former, which, given the errors associated with computing
the former, is relatively consistent. More importantly,
however, for slopes where (a � 1) < 1 (or a < 2), the mean
value of the peak rate becomes infinite [Newman, 2005]. Of
course the BATSE data contains a finite number of sam-
ples, and the mean peak rate must therefore remain finite.
In practical terms, this suggests that mean values com-
puted from a number of subsets within the BATSE data set
would not converge.
[25] The slope of the CCDF has two major issues for

predicting future extreme events. First, there appears to be
either two slopes or a general curve from a more shallow
to steeper slope over the well-populated portion of the
data (from 103 to 3 � 105 counts/s/2000 cm2). We used the
second portion of the distribution to fit a straight line
(using both least squares (dashed) and MLE (solid).
However, more significantly, the data drop sharply at
higher peak rates, suggesting a saturation in flare peak
rate at �2 � 106 counts/s/2000 cm2. While the theoretical
implications of this are interesting to consider, for our
purposes, this proves to be a significant hinderance for
estimating the probability of extreme events. Although it is
possible that this is the result of errors stemming from
low-number statistics (which we will argue is likely the
case for another data set later), here, the deviation from the
power law line begins while there are still a reasonably
large number of events and the profile is smooth.
[26] The next issue we encounter lies in our choice of a

critical peak rate from which to compute a probability of
occurrence. For the 1859 event, we have only indirect evi-
dence about the size of the solar flare observed by Lord
Carrington. In fact, he is credited with the first observation
of a solar flare. Unfortunately, Carrington observed it in
white light and described it only in qualitative terms
[Carrington, 1859]. And, although it must have been extre-
mely strong to have been visible to the naked eye, Cliver
and Svalgaard [2004] estimated that it was only among the
top �100 flares of the last century and a half, undoubtedly
exceeding X10.
[27] Ideally, we would like to use measurements of

brightening in visible light, which is what Lord Carrington
observed [Carrington, 1859]. However, so-called “white
light” flares are too rare to generate accurate distributions.
Hard X-ray emissions, on the other hand, have been reg-
ularly observed for decades. This emission, though, is
produced by nonthermal electrons in the chromosphere,
as opposed to the white light emission, which originates
near the photosphere. Watanabe et al. [2010] found that the
energy in white light emission was equivalent to the
energy supplied by all electrons accelerated above 40 keV,
suggesting that the electrons are responsible for the white
light emission. However, beyond this, translating what
Carrington qualitatively described into a robust peak flux
rate in X-rays is challenging, if not impossible.
[28] Although we could apply equations (3)–(6) to esti-

mate the probability of a large event occurring, given that

Figure 2. (a) Histogram of number of hard X-ray solar
flares as a function of peak size, as measured by the
BATSE instrument on board Compton Gamma Ray
Observatory (100 bins were equally spaced in peak rate
between 102 and 108 counts�s per 2000 cm2). (b) Com-
plementary cumulative distribution function (CCDF)
for the same events. The vertical dashed lines in both
Figures 2a and 2b mark the interval over which the least
squares fit (dashed line) to the data was produced. The
solid straight line in Figure 2b is a MLE fit to the data
above the lower threshold indicated by the left-most
vertical dashed line.
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(1) we have no reliable “yardstick” for how big the Car-
rington event would have been in hard X-ray emission and
(2) the power law relationship appears to break down at
peak rates exceeding 2 � 106 counts/s/2000 cm2, any
probabilities derived would be dominated by uncertainty.

3.2. Speeds of Coronal Mass Ejections

[29] The strongest geomagnetic storms are produced by
fast CMEs, and faster CMEs produce more severe effects
[Gosling et al., 1990]. Thus, a next logical stop in the Sun-to-
Earth chain is to consider the distribution of CME speeds.
For this, we have extracted speeds from the LASCO CME
database (http://cdaw.gsfc.nasa.gov/CME_list/), which
contains plane-of-sky speeds for 14,735 CMEs observed
over the lifetime of the SOHO mission (1996–2010). For
this study, we use the quadratic speeds, which are com-
puted by fitting a second-order polynomial fit to the
height-time measurements and estimating the speed at
the time of the highest measurement possible. In Figure 3
we show CME speeds as a function of time. As with the
X-ray flare data, we note the strong clustering at low
speeds. Additionally, there is a trend for the number and
speed of the fast CMEs to increase from 1996 (solar mini-
mum) to 2002–2004 (2 years after solar maximum) return-
ing to a relative minimum again in 2008–2009 [Riley et al.,
2006].
[30] Cliver et al. [1990] estimated that the 1859 event took

17.6 h to travel the distance from the Sun to Earth, sug-
gesting an average speed of �1.5 � 108 km/(17.6 h �
3600 s/h) = 2400 km s�1. In comparison, from the LASCO
database, two of the fastest CMEs of solar cycle 23 (on
10 April 2001 and 24 September 2001) had travel times of
�32.5 h. Since both of these events had observed plane-
of-sky speeds of �2400 km s�1, to a first approximation,
we might estimate an initial speed of �2400 � 32.5/17.6 =
4500 km s�1 for the 1859 CME. Since an initially faster
CME will undoubtedly display a stronger declaration
profile than this linear extrapolation presupposes, we
could reasonably round our guess for the Carrington
CME’s initial speed to 5,000 km s�1.

[31] In Figures 4a and 4b we show a histogram and
CCDF of CME speeds. We note the relatively good power
law distribution in speeds in Figure 4a as well as the roll-
over, marking the median speed of events, at �350 km s�1.
In agreement with the study by Ruzmaikin et al. [2011], we
find power law spectra both in the histogram and CCDF
over a relatively broad range between 700 km s�1 and 2,000
km s�1. Using this slope (�3.2), for a critical CME speed,
vCME � 5,000 km s�1, this would suggest a probability of
observing such an event, or greater, over the next decade
as 85%. However, the fastest CME observed by LASCO in
15 years of operation was only 3500 km s�1, and thus, we
believe this estimate is not credible.
[32] We suggest that the reason for this artificially high

probability is that above 2000 km s�1 there appears to be a
well-defined “knee” in the distribution. Therefore, to
address this, in Figure 5, we have replotted the CCDF for
the highest speeds and computed a MLE fit to only the
distribution above 2000 km s�1. Thus, using the more
restricted fit to the tail of the CME speed data, the same
extreme event, (i.e., vCME > 5,000 km s�1) would only have

Figure 4. As Figure 2 except that the variable is the
number of CMEs as a function of speed. In Figure 4a
100 bins were equally spaced in Dst between 102 and
104 km s�1.

Figure 3. CME speeds derived from the LASCO instrument onboard the SOHO spacecraft
from 1996 through 2010. The data were obtained from http://cdaw.gsfc.nasa.gov/CME_list/.
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a probability of 12%, based on a revised slope of �6.1. (For
reference, we note that the least squares fit to these data
produced a slope of �6.5, the most significant difference of
all four data sets, leading to a probability estimate of 8.5%).

3.3. Geomagnetic Storms

[33] In general terms, a geomagnetic storm is a dis-
turbance in the Earth’s magnetosphere driven by changes
in the solar wind. Both high-speed streams as well as
CMEs can drive such storms, with the latter typically
leading to more significant effects. Different components
in the solar wind produce different consequences in the
magnetosphere. Fast-mode shocks and their following
sheath, for example, compress the magnetosphere, while
pronounced intervals of southward interplanetary mag-
netic field can transfer energy from the solar wind to the
magnetosphere [Kivelson and Russell, 1995].

[34] Although there are a number of indices that capture
various aspects of geomagnetic activity, large negative
excursions of the “disturbance–storm time” index, or Dst,
perhaps best describes the main phases of a magnetic
storm [Gonzalez et al., 1994]. Moreover, it is arguably the
best “societal impact” parameter. Although anecdotal, we
remark that while the 13 March 1989 event, with a peak
Dst < �600 nT, caused the collapse of the Hydro-Québec
power grid, and a resulting loss of electrical power to six
million people [Bolduc, 2002], the so-called “Bastille Day”
event of 14 July 2000 which was associated with a peak Dst
of �300 nT, caused no power failures or other significant
terrestrial effects. Tsubouchi and Omura [2007] used Dst
measurements between 1957 and 2001 to estimate the
probability of occurrence of intense geomagnetic storms,
finding that a storm on the scale of the 1989 event was
likely to occur every 60 years or so.
[35] A “storm” can be arbitrarily defined when the main

phase falls below some value, typically �50 nT. Addition-
ally, we can classify storms as moderate (�50 nT > Dst >
�100 nT), intense (�100 nT > Dst > �250 nT), and severe
(�250 nT > Dst > �600 nT). The Carrington event of 1859
was initially estimated to have a peak negative Dst of
�1760 nT [Lakhina et al., 2005], although this was later
revised, and reduced by a factor of two to �850 nT [Siscoe
et al., 2006]. Since the beginning of the space age (1958),
only one storm has exceeded �600 nT, the 1989 storm for
which Dst � �640 nT [Gonzalez et al., 1994].
[36] In Figure 6 we show a 46 year time series of Dst.

Several points warrant comment. First, Dst is strongly
asymmetric: storms reveal themselves as sharp negative
excursions lasting a few days at most, and hence, on this
scale, a single vertical line. This allows us to relax the need
to track the sign of Dst since whenever |Dst| exceeds, say,
100 nT, it must be a negative quantity. Second, Dst’s
envelope is clearly modulated on a time scale of �11 years,
with minima (maxima) in the amplitude coinciding with
solar minima (maxima).
[37] To generate an event-based data set, we arbitrarily

define a “significant” magnetic storm to be one for which
|Dst| exceeds 100 nT. In principle, we could define an

Figure 6. Time series of Dst from 1964 through early 2010. The data were obtained from
NASA’s COHOWEB.

Figure 5. As Figure 4, showing a close-up of the CCDF
for CME speeds between 1000 and 3500 km s�1. The
vertical dashed lines mark the interval over which the
least-squares fit to the data was produced.
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“event” as the hourly value of Dst and compute our
probabilities based on that. However, this might impact
the results in two negative ways. First, we are not con-
cerned with the slope of the CCDF for small values of Dst.
Therefore, this portion of the parameter space is not
relevant for computing the slope. Second, we are inter-
ested in predicting the probability of events, where one
event is when Dst exceeds a threshold for some period of
hours or days. Thus, we would rather identify a con-
tiguous range of data that all exceeds some criteria as a
single event, rather than a set of events. In Figure 7, we
show the occurrence of these significant storms as a
function of time. Again, their density distribution changes
in phase with the solar cycle. We note that only one event
exceeds 600 nT, and, moreover, only two events exceed
400 nT. Another potentially important trend is the ten-
dency for the strongest storms to become stronger over
the last four solar cycle maxima. Whereas the top 5
storms around 1970 lay between 200 and 300 nT, by 2005,
the five most intense storms lay between 350 and 450 nT.
If such a trend is real it suggests a basic nonstationarity in
the data on the same scale as the duration of the data set,
and that predictions of future events may underestimate
their true probability.

[38] In Figure 8a, we show a histogram of events as a
function of the severity of the storm. The data appear to
follow a power law distribution, as indicated by the least
squares fit to the data. In Figure 8b the power law rela-
tionship of the CCDF is considerably better: Only the last
3 points (which are made up of only 1, 2, and 3 events,
respectively) deviate. The slope of the MLE fit is �3.2.
Again, we note the clear advantage in using the CCDF as
computed here, rather than a histogram approach. The
histogram was computed using 100 bins equally spaced in
linear Dst space, while the CCDF on the left was created
by cumulatively summing points from the right. There-
fore, the CCDF contains all original 746 geomagnetic
storms that were identified in the data set, whereas the
histogram contains only 100 points.
[39] Using equation (3), we compute the probability of an

event of magnitude equal to, or greater than a threshold
value of Dstcrit = �850 nT to be 0.001. And, using equations
(5) and (6) we estimate the probability of such an event
occurring over the next decade to be 12%. If we require an
event to exceed a threshold of �1700 nT, the probability of
it occurring over the next decade reduces to 1.5%.

3.4. Extreme Space Weather Events From Nitrate
Records

[40] Finally, in the chain of space weather parameters
from the Sun to the Earth, we arrive at space weather
records potentially contained within ice cores. The value of
these data lies in their long time span, going back more
than 400 years; however, they are not without caveats.
First, while the nitrate spikes are generally believed by
space physicists to be a record of large, historical space
weather events [McCracken et al., 2001], ice core chemists
are skeptical [Wolff et al., 2008]. They posit that no viable
mechanism exists by which Solar Proton Events could be
imprinted within the ice, suggesting instead that high
concentrations of sea salt provide a simpler and more
consistent explanation for the deposition of aerosol
nitrates. Second, there are only 70 events spanning the
450 years for which we have data. The largest event in the
data set, with a fluence of 18.8 � 109 cm�1, occurred in
1859. That is, the largest event in the last 400 years was the
Carrington event. More importantly, however, with such a

Figure 9. Time series of >30 MeV proton fluences
inferred from nitrate records from 1562 through 1944.
The data were obtained from McCracken et al. [2001].

Figure 7. Geomagnetic storms (identified as intervals
where Dst < �100 nT) as a function of time from 1964
through early 2010.

Figure 8. As Figure 2 except that the variable is the
number of geomagnetic storms as a function of storm
size, as measured by Dst. In Figure 8a, 100 bins were
equally spaced in Dst between |Dst| = 100 and |Dst| =
102.7.
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limited number of events, the statistics of the fit and the
resulting probability estimates will be more prone to error.
[41] Figure 9 shows all >30 MeV proton events with flu-

ences exceeding 109 pr cm�2 as a function of time between
1562 and 1944. Although it is not possible to show rigor-
ously, because of the limited sample size, there is no
obvious trend in the distribution of event sizes or temporal
clustering to suggest that the time series is obviously
nontime stationary. Of note is that the Carrington event is
substantially larger than the other events in the data set,
with the second largest event producing a fluence of only
59% of the value of the 1859 event.
[42] Figure 10a shows a histogram of events versus event

size and Figure 10b shows the CCDF as a function of event
size. Comparison of the two distributions emphasizes the
strength of the CCDF approach. Whereas 70 events con-
tributed to the plot on the right, the plot on the left was
made up of only 9 bins, a number large enough to see a
trend in the data, but small enough that a sufficient num-
ber of points would fall into most of the bins. The MLE fit
to the line in Figure 10b gives a slope of �2.0. Using
equations (3)–(6) we estimate the probability of an event
of, or exceeding 18.8 � 109 cm�1 occurring over the next
decade to be 3.0%.

4. Summary and Discussion

[43] In this study, we have applied a power law prob-
abilistic analysis to assess the likelihood of a space weather
event on the scale of, or larger than the Carrington event of
1859. Based on Dst variations over the last 45 years or so,
we inferred a probability of�12% that an event with |Dst| >
850 nT would occur over the next decade. By requiring a
more significant threshold of 1700 nT, the estimate
reduced to 1.1%. Similar analysis of CME speeds also
yielded a probability of 12%. For nitrate records, for which
the Carrington event is believed to be contained within, a
probability estimate of 3.0% was found. We also investi-
gated hard X-ray flare data, but, because of several

significant limitations, we were unable to obtain a reliable
estimate.
[44] Although it is tempting to ascribe extra significance

to the matching probabilities we obtained from Dst and
CME speeds (12%), we stress that this may be more of a
coincidence than any underlying truth. It is possible, for
example, that the CME responsible for the Carrington
event was only traveling at 4,500 km s�1 and that Dst �
�1000 nT, in which case the probabilities would have
become 21% and 7.3%, respectively. Nevertheless, based
on our initial estimates for Dst and CME speed, a prob-
ability of �12% remains our best estimate.
[45] Our analysis has relied on several important

assumptions, the most significant of which is that the data
are time stationary. On the shortest time scales of a decade
or so, the solar cycle drives important variations in most, if
not all of the quantities we studied here. Over longer time
scales, there is ample evidence for nonstationarity. Solanki
et al. [2004], for example, argued that compared to activity
over the last 11,000 years, the last 70 years have been a
time of exceptional activity. Steinhilber et al. [2008] also
found that solar activity now is stronger than 85% of the
time over the last 9,300 years. Nonstationarity can also be
seen ‘directly’ in ancient proxy sunspot number catalogues
[Wittmann and Xu, 1987]. If the time series were not sta-
tionary in the past, they are no more likely to be stationary
in the future. With a consensus beginning to emerge
between various reconstructions of the heliospheric field
on the time scale of several centuries [Svalgaard and Cliver,
2010; Lockwood and Owens, 2011], it may be possible to
predict the future large-scale behavior of solar activity.
Abreu et al. [2008], for example, estimated that the current
grand maximum is only likely to persist for another 15–
36 years. Similarly, Lockwood et al. [2009] argued that solar
activity rose during the first half of the 20th century,
peaking in years 1955 and 1986, and subsequently
declined, with the grand maximum ending within the next
20 years or so. Lockwood et al. [2009] further estimated that
there is a 10% probability that activity on the Sun will
decrease producing grandminimum conditions during the
next 40 years. Obviously, if such conditions do ensue,
probabilistic forecasts based more active solar conditions
may be less accurate. However, not necessarily for society’s
benefit: During periods of very low activity, for example,
radiation from galactic cosmic rays (GCRs) will be higher,
posing larger risks for passengers and airline crew, as well
as avionics. And, while SEP events themselves may
decrease, the consequences from the ones that are pro-
duced may be more severe [e.g., Barnard et al., 2011].
[46] A related but distinct effect is clustering. CMEs have

been shown to occur in groups [Feynman, 1997; Ruzmaikin
et al., 2011], which, to some degree, violates the assump-
tion of time stationarity. Moreover, from a physical per-
spective, the clustering of events may lead to interactions
between them as one CME overtakes another ahead of it.
This may destroy or dampen a previously extreme event,
or, conversely, lead to a nonlinear amplification, promot-
ing a large event to an extreme one.

Figure 10. As Figure 2 except that the variable is the
number of large proton events as a function of proton
fluences (>30 MeV). In Figure 10a, 9 bins were equally
spaced between 100.3 and 101.3 � 109 cm�3.
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[47] A second important assumption for our analysis is
that the power law relationship extends beyond the mea-
surements, that is, that events more extreme than have
been observed continue to fall along a straight line in
log-log space. We argued that the flare data (Figure 2)
deviates significantly from the power law relationship that
holds for lower peak rates, and, thus, cannot be reliably
extrapolated beyond observed events. In contrast, the
remaining quantities could, arguably, be considered to lie
on power law lines up to the most severe observed case.
Moreover, the solar proton events, which are the only
measurements that captured an extreme event (the Car-
rington event), displayed power law characteristics at all
fluences.
[48] Each of the parameters we chose to analyze in this

study displayed unique strengths and weaknesses for the
purpose of computing a probability estimate of extreme
space weather events. The nitrate record, which is the only
one that actually purports to have captured the Carrington
event is limited to a small number of events, making sta-
tistical inferences the most dubious. However, issues have
been raised about whether the ice core record is actually
measuring events from space [Wolff et al., 2008]. In con-
trast, the hard X-ray data from CGRO’s BATSE instrument
are abundant, but the resulting power law distribution is
not of a single slope, making extrapolation dubious. CME
speeds, as determined from the SOHO/LASCO database,
appear to show two distinct power law distributions,
joined at a “knee.” While this may be hinting at the pos-
sibility of two classes of CMEs (“fast” and “very fast”), it is
also possible that the fastest events are merely an asymp-
totic falloff. We currently lack the understanding of CME
initiation and acceleration to be able to place robust limits
on initial CME speeds. Finally, analysis of Dst perhaps
yields the best estimate for the prediction of the likelihood
of an extreme event. It is global in scope, contains a large
number of events, spans four solar cycles, and appears to
follow a single power law distribution. However, even
here, we must reiterate one of the primary assumptions of
this analysis; that the power law can be reliably extra-
polated beyond known events. However, here, we also
have indirect estimates of Dst during the Carrington event
that provide at least a qualitative check on our results.
[49] It is also not surprising that the probabilities we

have estimated for another Carrington event occurring
within the next decade based on Dst and nitrate records
do not match: In addition to the aforementioned con-
troversy about whether the nitrates records even capture
space weather events, they are predictions of different
consequences.
[50] Our choice of data sets and the probabilities deter-

mined should not be construed as definitive, in any way.
The parameters were chosen to illustrate a range of dis-
tributions, features, and limitations. Instead, we could
have analyzed soft X-ray data from GOES [e.g., Feldman
et al., 1997], the Solar Proton Event (SPE) list maintained
by NOAA (http://www.swpc.noaa.gov/ftpdir/indices/SPE.
txt), or the equatorward edge of the auroral oval [e.g.,

Newell and Meng, 1988]. For each data set, we would have
identified similar, but unique artifacts and derived simi-
lar, but distinct probabilities.
[51] The choice of the best parameter from which to

compute these probabilistic predictions depends on sev-
eral factors. First, they should be closely related to the
effect one is trying to predict. SPEs, for example, would be
an appropriate parameter for estimating radiation doses of
astronauts, while localized measurements of the hor-
izontal component of the magnetic field might be more
suited for ground induced currents (GICs) and their effects
on the power grid. Second, the parameter should be dis-
tributed according to a power law. Although solar flares
are perhaps the best known example of a power law dis-
tribution in space physics, we showed that at least the peak
rate from BATSE measurements is not ideal. Third, one
should not be able to present a credible argument that the
power law relationship breaks down before the critical
value to be predicted. It may be that the best parameter is
not something that is usually studied. For example, it is
well known that geomagnetic activity is sensitive to the
speed of the CME, but also the magnitude and sense of Bz,
i.e., the dawn-dusk electric field across the magneto-
sphere. Therefore, an alternative, and arguably better
parameter that could be studied and predicted would be
‘events’ where the average solar wind electric field drops
below some threshold for some minimum period of time,
provided that these ‘electric field events’ follow a power
law distribution.
[52] Risk analysis involves balancing the probability of a

particular event occurring with the consequences of that
event. While we have focused on the first part of this
relationship, others have speculated on the consequences
that an event at least as large as the Carrington event could
have on society [Schieb, 2011]. Unfortunately, the predicted
effects are at least as poorly known as the probability of
occurrence, thus limiting the ability of decision makers to
use these results to guide policy. Nevertheless, it may be
worth putting the probabilities computed here into per-
spective. Consider, for example, the probability that an
asteroid (of sufficient size that it would cause substantial
damage to a localized region of the globe) will hit the Earth
in the next decade. It has been estimated that objects as
large as, or larger than 50 m hit the Earth roughly once
every thousand years [Chapman, 1994]. The Tunguska
event of 1908, for example, was about this size, and would
have been capable of destroying a large metropolitan area
[Longo, 2007]. Of course, the average effect of such an event
is considerably lower since there is a much larger prob-
ability of it hitting an ocean where the death toll could
easily be zero. On the other hand, a space weather event
will always be global in nature (although its effects would
be amplified in certain areas). While global satellite mon-
itoring can now rule out potential impacts in the near
future, using equation (7), we can estimate the probability
of such an impact over the next decade to be �1%,
which is an order of magnitude smaller than our esti-
mate for a Carrington event based on Dst and CME

RILEY: PROBABILITY OF EXTREME EVENTS S02012S02012

10 of 12



speed considerations. The two scenarios become com-
parable from a risk analysis perspective if the con-
sequences of a Carrington event are even one tenth those
of a meteor impact. If financial resources are limited,
such knowledge could be used to allocate funds more
effectively. Moreover, if better mitigation strategies exist
for one scenario than another, they could be more
aggressively pursued. For example, if major, prolonged
power outages, which could, in turn, result in food and
water shortages, potentially over many months, are rea-
listic consequences of a Carrington event [Schieb, 2011],
effort should be expended into building infrastructure
that can withstand such an event. In contrast, there
appears little that can be done, at least in the near term,
to mitigate a meteor impact, beyond effective evacuation
measures.
[53] Computing probabilities for extreme space weather

events may ultimately be useful in shaping policy deci-
sions. One of the problems with extreme events is that
prior to their occurrence, their perceived risk is effectively
zero, yet following it, the risk rises to nearly 100%. Thus, it
is important to develop objective estimates for these
probabilities, which can serve as a starting point for risk
analysis, even if the errors associated with them are larger
than we might like. Thus, if the results presented here are
further substantiated, are there measures that could, or
should be enacted to minimize damage from an extreme
solar event?
[54] In closing, we reiterate that our primary aim in this

study was to introduce a technique for estimating the
probability of occurrence of extreme space weather events.
Additionally, our analysis has shown that a relatively rich
subset of space physics data can be approximated by
power law distributions. Our results allowed us to answer
a basic question, at least in an approximate way: How
likely are such events? The answer of course depends on
what you mean by “event” and how severe you define
“extreme” to be. Nevertheless, our results overall suggest
that the likelihood of another Carrington event occurring
within the next decade is �12%.
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Abstract. During an unusually massive filament eruption on 7 June 2011, SDO/AIA imaged
for the first time significant EUV emission around a magnetic reconnection region in the solar
corona. The reconnection occurred between magnetic fields of the laterally expanding CME
and a neighbouring active region. A pre-existing quasi-separatrix layer was activated in the
process. This scenario is supported by data-constrained numerical simulations of the eruption.
Observations show that dense cool filament plasma was re-directed and heated in situ, producing
coronal-temperature emission around the reconnection region. These results provide the first
direct observational evidence, supported by MHD simulations and magnetic modelling, that a
large-scale re-configuration of the coronal magnetic field takes place during solar eruptions via
the process of magnetic reconnection.

Keywords. MHD, instabilities, Sun: activity, magnetic fields, coronal mass ejections (CMEs),
filaments, methods: numerical, data analysis

A spectacular solar eruption occurred on 7 June 2011 observed by the Solar Dynamic
Observatory’s Atmospheric Imaging Assembly (SDO/AIA: Lemen et al. 2012). The CME
originated in a complex of three adjacent active regions (ARs, see Figure 1) in the south-
western quadrant and carried an unusually massive erupting filament in its core. We
carried out a multiwavelength analysis of the event. Using SDO/HMI data we computed
the magnetic topology, determining the locations of quasi-separatrix layers in the three-
AR complex. We also carried out data-constrained MHD simulations of the eruption.

We found that the strong lateral expansion of the erupting magnetic structure led to
flux pile-up, current sheet formation/intensification, and magnetic reconnection along a
pre-existing quasi-separatrix layer in the three-AR complex. The onset of reconnection
first became apparent in the SDO/AIA images when downward flowing dense, cool fila-
ment plasma, originally contained within the erupting flux rope, was re-directed towards
a neighbouring active region, tracing the change of large-scale magnetic connectivity.
Williams et al. (2013) estimated a lower limit of the electron density of the redirected
plasma to be 1010 cm−3 , at least one order of magnitude larger than the typical coronal
density. As a result of this unusually high density around the reconnection region, direct
plasma heating took place there. The most prominent brightening was seen in the AIA
171 Å waveband (6.3 × 105 K).

These SDO observations provide one of the first direct imaging observations of mag-
netic reconnection in the solar atmosphere. Furthermore, a combination of observations,
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Figure 1. Observations and MHD numerical simulation of the magnetic configuration and the
eruption. (a) SDO/AIA 171 Å reverse colour scale image over a co-aligned SDO/HMI mag-
netic field map of the three neighbouring active regions on 3 June 2011 and (b) corresponding
magnetic configuration in the simulation. Black/white indicate negative/positive magnetic po-
larity, the pre-eruption magnetic flux rope in the rightmost active region is shown in gold. (c)
SDO/AIA 171 Å reversed-colour image and (d) a simulation snapshot during the CME eruption
on 7 June, by when the active regions have rotated close to the solar limb. The new connections,
formed by magnetic reconnection between the magnetic flux rope erupting from AR 11226 and
magnetic field lines of AR 11227, are indicated by white arrows in (c) and (d). The inset in (c)
is a magnification of the in-situ heated bright reconnection region.

magnetic modelling, and MHD simulations (Figure 1) provides evidence that, during the
expansion of a CME’s magnetic structure, instantaneous magnetic reconnection can oc-
cur with ambient magnetic field leading to large-scale restructuring. For more details see
van Driel-Gesztelyi et al. (2013).
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Abstract. We report observations of a filament eruption, two-ribbon flare, and coronal mass
ejection (CME) that occurred in Active Region NOAA 10898 on 6 July 2006. The filament was
located South of a strong sunspot that dominated the region. In the evolution leading up to
the eruption, and for some time after it, a counter-clockwise rotation of the sunspot of about
30 degrees was observed. We suggest that the rotation triggered the eruption by progressively
expanding the magnetic field above the filament. To test this scenario, we study the effect of
twisting the initially potential field overlying a pre-existing flux rope, using three-dimensional
zero–β MHD simulations. We consider a magnetic configuration whose photospheric flux distri-
bution and coronal structure is guided by the observations and a potential field extrapolation.
We find that the twisting leads to the expansion of the overlying field. As a consequence of the
progressively reduced magnetic tension, the flux rope quasi-statically adapts to the changed en-
vironmental field, rising slowly. Once the tension is sufficiently reduced, a distinct second phase
of evolution occurs where the flux rope enters an unstable regime characterized by a strong
acceleration. Our simulation thus suggests a new mechanism for the triggering of eruptions in
the vicinity of rotating sunspots.

Keywords. MHD, instabilities, Sun: activity, magnetic fields, sunspots, coronal mass ejections
(CMEs), filaments, methods: numerical, data analysis

1. Introduction

The eruption on 6 July 2006 in active region NOAA 10898 was a two-ribbon flare
accompanied by a filament eruption and a halo CME, the latter being most prominent
in the southwest quadrant and reaching a linear plane-of-sky velocity of ≈900 km s−1

(Temmer et al. 2008). The event was associated with an EIT wave, a type II burst, and
very distinct coronal dimming regions. The flare was of class M2.5/2N, located at the
heliographic position S9◦, W34◦. It was observed in soft X-rays (SXR) by GOES (peak
time at ≈08:37 UT) as well as in hard-X rays (HXR) with RHESSI, with the two highest
peaks of nonthermal HXR emission occurring during 08:20 – 08:24 UT.

The morphology and evolution of the bipolar active region in the days preceding the
eruption were studied using photospheric line-of-sight magnetograms obtained by the
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Figure 1. (a) Representative MDI
longitudinal magnetic-field maps of
the sunspot evolution during 4 – 6
July 2006: The dashed yellow line
outlines the major axis of the sunspot
that was used to measure the sunspot
rotation. The images are all differ-
entially rotated to the first image
of the series, when the sunspot was
closer to disk centre. (b) Sunspot
rotation determined from the MDI
magnetic-field maps over the period
3 July 2006, 22:00 UT, to 7 July
2006, 8:00 UT, showing the orien-
tation of the sunspot’s major axis,
measured clockwise from solar East.
(c) Sunspot rotation rate in degrees
per day, determined as the tempo-
ral derivative of the rotation measure-
ments.

MDI instrument (Scherrer et al. 1995). The region consisted of a compact negative polar-
ity (the sunspot) surrounded by a dispersed positive polarity, most of which was extending
eastwards (Fig. 1a). The two polarities were surrounded by a large, “inverse C-shaped”
area of dispersed negative flux to the west of the region (Fig. 2a). The magnetic-flux mea-
surements indicate a mere 5% negative surplus flux in this major bipolar active region
of 2.1× 1022 Mx total flux and maximum-field strengths (negative:positive) in a roughly
10:1 ratio. The sequence in Fig. 1a shows that the sunspot is rotating counter-clockwise
during the considered period. The total rotation observed over the three days preceding
the eruption is about 30◦, with sunspot’s rotation rate of about 10◦ day−1 (Fig. 1b,c).

The flare and the filament eruption were observed in full-disk Hα filtergrams by the
Kanzelhöhe Observatory and, over a smaller field-of-view around the active region, by
the Hvar Observatory. These observations reveal that the filament consisted of a dou-
ble structure before and during the eruption. Significant rising motions of the filament
could be seen from about 08:23 UT. The Hα flare started by the appearance of very
weak double-footpoint brightening at 08:15 UT. We also estimated the kinematics of the
filament and the CME front from a time sequence of running-difference images obtained
from TRACE, EIT, and LASCO C2/C3 observations. We obtain that the coronal loops
overlying the filament started their slow rising phase at 08:15 UT, i.e., about five – ten
minutes before the filament. Similarly, the CME front reached its final, almost constant
velocity a few minutes before the filament. More details about the methods employed to
obtain the above results can be found in Török et al. (2013), hereafter Paper I. We refer
to that article and to the references therein for further details on the eruption.

Guo et al. (2010) suggested that the eruption was triggered by recurrent chromospheric
mass injection in the form of surges or jets into the filament channel. Here we propose
a different mechanism: Assuming that the filament was suspended in the corona by a
magnetic flux rope, we suggest that the continuous rotation of the sunspot led to a slow
expansion of the arcade-like magnetic field overlying the filament, i.e., to a continuous
weakening of its stabilizing tension, until a critical point was reached at which equilibrium
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Figure 2. (a) Full-disk MDI magnetogram on 6 July 2006, 07:59 UT. AR10898 is marked by
the white box. (b) PFSS magnetic field lines in the AR calculated for 6 July 2006, 06:04 UT,
overlaid on a synoptic MDI magnetogram. Pink (white) field lines depict open (closed) fields.
The outer contours of the filament, based on Hα data taken at 07:59 UT on 6 July 2006, are
outlined with black lines. (c) Magnetic configuration used in the simulation, after the initial
relaxation of the system, showing the core of the TD flux rope (orange field lines) and the
ambient potential field (green field lines). Bz (z = 0) is shown, with red (blue) corresponding to
positive (negative) values, and is saturated at 4% max(Bz ) to depict weaker flux distributions.

could not be maintained and the flux rope erupted. We note that we do not claim that the
eruption was triggered exclusively by this mechanism. Filaments are often observed to
spiral into the periphery of sunspots (see,e.g., Green et al. 2007), and also in our case an
inspection of the TRACE and Hα images during the early phase of the eruption suggests
a possible magnetic connection between the western extension of the filament-carrying
core field and the sunspot area. Thus, the sunspot rotation may have added stress to this
field, thereby possibly contributing to drive it towards eruption. On the other hand, for
an injection of twist to occur, the core field must be rooted in the centre of the sunspot,
not just in its periphery, which is difficult to establish from observations. It appears
reasonable to assume that a clear connection between core field and sunspot centre is not
always present, and that the stressing of the overlying ambient field by sunspot rotation
may be more relevant for the destabilization of the system in such cases. In order to
test this scenario, we perform a three-dimensional (3D) MHD simulation in which we
twist the stabilizing potential field overlying a stable coronal flux rope. Differently from
previous works (e.g., Amari et al. 1996), the photospheric vortex motions we use do not
directly affect the flux rope, but solely the field surrounding it.

2. Numerical simulation setup

As in previously published simulations (e.g., Török, Kliem, and Titov 2004; Kliem,
Titov, and Török 2004), we integrate the β = 0 compressible ideal MHD equations,
ignoring the effects of thermal pressure and gravity, and we employ the coronal flux rope
model of Titov and Démoulin (1999), hereafter TD, to construct the initial magnetic
field. The main ingredient of the TD model is a current ring of major radius [R] and
minor radius [a] that is placed such that its symmetry axis is located at a depth [d]
below a photospheric plane. The outwardly directed Lorentz self-force (or “hoop force”)
of the ring is balanced by a potential field created by a pair of sub-photospheric point
sources ±q that are placed at the symmetry axis, at distances ±L from the ring centre.
The resulting coronal field consists of an arched and line-tied flux rope embedded in an
arcade-like potential field.
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We normalize lengths by l = R − d and use a Cartesian grid discretizing the volume
[−40, 40]× [−30, 30]× [0, 60], resolved by 307× 257× 156 points. The grid is nonuniform
in all directions, with an almost uniform resolution ∆ = 0.05 in the area mimicking the
active region. The top and lateral boundaries are closed, which is justified given the large
size of the simulation box. Below the photospheric plane, the tangential components of
the magnetic field [Bx,y ] are extrapolated from the integration domain, and the normal
component [Bz ] is set such that ∇ · B = 0 in z = 0 at all times. The vertical velocities
are zero there at all times, and the mass density is fixed at its initial values.

Fig. 2b shows a coronal potential-field source-surface model (Schatten, Wilcox, and
Ness 1969, PFSS), obtained from a synoptic MDI magnetogram for Carrington Rotation
2045. It can be seen that the field lines rooted in the main polarity (the sunspot) form
a fan-like structure, which partly overlies the pre-eruption filament. In order to build an
initial magnetic configuration that resembles this coronal field and the underlying highly
asymmetric magnetic flux distribution (Sect. 1), we modify the standard TD model by re-
placing the pair of sub-photospheric point charges by an ensemble of ten sub-photospheric
sources. These are adjusted in order to mimic: the approximate flux balance between the
concentrated leading negative polarity and the dispersed following positive polarity; the
ratio of approximately 10:1 between the peak field strengths in the leading polarity and
the following polarity; the size ratio between these polarities; the presence of an “inverse
C-shaped” area of dispersed negative flux to the West of the leading polarity; the fan-like
shape of the coronal field rooted in the leading polarity. Since the model is still relatively
idealized, all these features can be matched only approximately. We then add a TD flux
rope, setting R = 2.75, a = 0.8, and d = 1.75. The position of the rope within the ambient
field is guided by the observed location of the filament (Fig. 2b), and its magnetic field
strength is chosen such that it is in approximate equilibrium with the ambient potential
field. We use an initial density distribution ρ0(x) = |B0 (x)|2 , corresponding to a uniform
initial Alfvén velocity. In order to obtain a numerical equilibrium as a starting point, we
first perform a numerical relaxation for 75 τa , after which the time is reset to zero.

In order to mimic the observed sunspot rotation, we then twist the main negative flux
concentration by imposing tangential velocities at the bottom boundary. They produce a
horizontal counterclockwise rotation, chosen such that the velocity vectors always point
along the contours of Bz (x, y, 0, t = 0), which assures that the distribution of Bz (x, y, 0, t)
is conserved to a very good approximation. The velocities are zero at the polarity centre,
located at (x, y, z) = (−2, 0, 0), and decrease towards its edge from their maximum value,
equal to 0.005 times the initial Alfvén velocity [va0 ]. The equations and parameters used
to compute the tangential velocities at each time are given in Paper I. The twist injected
by such motions is nearly uniform close to the polarity centre and decreases monotonically
towards its edge, such that it does not directly affect the flux rope field.

3. Results

The magnetic configuration resulting after the initial numerical relaxation is shown in
Fig. 2c and in Fig. 4a. The fan-structure inferred from the PFSS extrapolation is qualita-
tively well reproduced. The TD flux rope is stabilized by flux rooted towards the southern
edge of the main polarity, and the rope is inclined with respect to the vertical, which is
due to the asymmetry of the potential field surrounding it.

Figure 4a shows that electric currents are present in the ambient field volume. The
strongest current concentrations are located in the front of the flux rope and exhibit an
X-shaped pattern in the vertical cut shown. This pattern outlines the locations of quasi-
separatrix layers (QSL, see, e.g., Démoulin et al. 1996) that separate different connectivity
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Figure 3. Logarithmic pre-
sentation of the velocity of
the axis apex of the TD
flux rope during the twisting
phase, as a function of time.
The dashed lines show linear
fits, obtained within the time
periods marked by the verti-
cal dotted lines of the same
color. Thick arrows mark dif-
ferent evolution phases de-
scribed in the text.

domains. The QSLs are present in the configuration from the very beginning and arise
from the complexity of the potential field. Their presence is evident also in the left panel
of Fig. 4a: the green field lines show strong connectivity gradients in the northern part
of the main polarity and in the vicinity of the western flux rope footpoint. It has been
demonstrated that current concentrations form preferably at the locations of QSLs as a
system containing such structures is dynamically perturbed (see, e.g., Aulanier, Pariat,
and Démoulin 2005). In our case the perturbation results from the – relatively modest –
dynamics during the initial relaxation of the system.

After the relaxation, at t = 0, we start twisting the main negative polarity, and we
quantify the evolution of the TD flux rope by monitoring the velocity at the axis apex
of the rope (Fig. 3). Due to the pronounced fan-structure of the field rooted in the main
polarity, the photospheric twisting does not lead to the formation of a single twisted flux
tube that rises exactly in vertical direction above the TD rope, as it was the case earlier
studies (Amari et al. 1996; Török and Kliem 2003; Aulanier, Démoulin, and Grappin
2005). Rather, the twisting leads to a slow, global expansion of the fan-shaped field lines,
as shown in Fig. 4. Since we are mainly interested in the destabilization of the flux rope,
we did not study the detailed evolution of the large-scale field. We expect it to be very
similar to the one described in Santos, Büchner, and Otto (2011), since the active region
those authors simulated was also dominated by one main polarity, and the field rooted
therein had a very similar fan-shaped structure (cf. our Fig. 4 with their Fig.1).

Important for our purpose is the evolution of the arcade-like part of the initial potential
field that directly overlies the TD flux rope. Those field lines are directly affected only by
a fraction of the boundary flows and therefore get merely sheared (rather than twisted),
which still leads to their slow expansion. As a result, the TD rope starts to rise, adapting
to the successively decreasing magnetic tension of the overlying field (phase I in Fig. 3).
This initial phase of the evolution is depicted in Fig. 4b. Note that some of the flux at
the front of the expanding arcade reconnects at the QSL current layer, which can be
expected to aid the arcade expansion to some degree. As can be seen in Fig. 3, the TD
rope rises, after some initial adjustment, exponentially during this slow initial phase.

As the twisting continues, a transition to a rapid acceleration takes place after t ≈
100 τa , when the rise curve leaves the quasi-static regime. After the transition phase,
the TD rope again rises exponentially, but now with a significantly larger growth rate
than during the slow rise phase (phase II in Fig. 3). Such a slow (quasi-static) rise phase,
followed by a rapid acceleration, is a well-observed property of many filament eruptions
in the early evolution of CMEs (see, e.g., Schrijver et al. 2008, and references therein),
and is also seen for the event studied here (see also Paper I). The evolution of the TD
rope after t ≈ 100 τa can be associated with the development of the torus instability
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Figure 4. Magnetic configuration after initial relaxation (a), during slow rise phase (b), at
time of peak flux rope velocity (c), and during flux rope deceleration (d). The flux rope core is
depicted by orange field lines; ambient field lines are green. Bz (z = 0) is shown, with red (blue)
corresponding to positive (negative) values. Left panels use a view similar to the observations
(see paper I); right panels show a side view. The transparent grey-scales show a logarithmic
distribution of |j|/|B| in the plane x = 0, outlining the locations of strongest currents. The
sub-volume [−10, 16] × [−11, 11] × [0, 18] is used for all panels.

(Kliem and Török 2006; Démoulin and Aulanier 2010), as has been shown under similar
conditions in various simulations of erupting flux ropes (Török and Kliem 2007; Fan and
Gibson 2007; Schrijver et al. 2008; Aulanier et al. 2010; Török et al. 2011). The right
panels in Fig. 4 show that the trajectory of the flux rope is far from being vertical. Such
lateral eruptions have been reported frequently in both observations and simulations
(see, e.g., Williams et al. 2005; Panasenco et al. 2011; Yang et al. 2012), and are usually
attributed to an asymmetric structure of the field overlying the erupting core flux. We
believe that this causes the lateral rise also in our case.

As the eruption continues, the trajectory of the flux rope becomes increasingly hori-
zontal, resembling the so-called “roll effect” (Panasenco et al. 2011) and indicating that
the rope cannot overcome the tension of the large-scale overlying field. Moreover, as a
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consequence of its increasing expansion, the flux rope strongly pushes against the QSL
current layer, which results in reconnection between the front of the rope and the ambient
field. Eventually, the rope splits into two parts, similar to what has been found in sim-
ulations of confined eruptions (Amari and Luciani 1999; Török and Kliem 2005). These
two effects slow down the rise of the rope after t ≈ 175 τa and inhibit its full eruption,
i.e., the development of a CME in our simulation (phase III in Fig. 3).

Since QSLs can affect the evolution of an eruption, but are not expected to play a sig-
nificant role for its initiation, we did not investigate in detail whether or not QSLs were
present in the pre-eruption configuration of the 6 July 2006 event. The PFSS extrapola-
tion indicates the presence of a QSL to the North and the West of the main polarity (see
the field-line connectivities in Fig. 2b), but less clearly so to its South. Since we merely
aim to model the initiation of the eruption rather than its full evolution into a CME, we
refrained from further improving our model to obtain a configuration without a strong
QSL in front of the flux rope.

4. Summary and Conclusions

We presented a 3D MHD simulation that was designed to test a possible scenario for
the initiation and early evolution of the filament eruption and CME that occurred on 6
July 2006 in active region NOAA 10898. Our conjecture was that the slow rotation of
the sunspot that dominated the active region progressively reduced the tension of the
magnetic field overlying the pre-eruption filament, until the latter could not be stabilized
anymore and erupted, resulting in the CME. Using the TD coronal flux rope model as a
starting point, we constructed an initial magnetic field that resembles the photospheric
flux distribution and coronal magnetic field structure of the active region around the
time of the event. In particular, the highly asymmetric flux density and the resulting
overall fan-shape of the coronal magnetic field are well captured by the model, while the
approximative flux balance of the region is kept. We then mimicked the observed sunspot
rotation by imposing photospheric vortex flows localized at the main magnetic polarity
of the model. The flows were chosen such that they do not directly affect the flux rope.

As a result of this twisting, the field lines overlying the flux rope start to expand
and the rope undergoes a quasi-static adaptation to the changing surrounding field in
the simulation, which manifests in a slow rise phase. As the weakening of the overlying
field reaches an appropriate level, the torus instability sets in and rapidly accelerates the
rope upwards, leading to a second, fast rise phase and eruption. The asymmetry of the
ambient field leads to a markedly lateral eruption. This evolution in two phases resembles
the often observed slow rise phase and subsequent strong acceleration of filaments in the
course of their eruption. However, the presence of a QSL-related current layer in the
front of the erupting flux rope in the simulation results in magnetic reconnection which
eventually splits the rope before it can evolve into a CME, in contrast to the observations.
Although we are not able to follow the expansion of the flux rope beyond this phase, the
simulation successfully models the early phases of the eruption (the slow rise and the
initial rapid acceleration of the flux rope) in a setting that is qualitatively similar to the
observed magnetic configuration around the time of the eruption.

Our simulation thus demonstrates that the continuous expansion due to sunspot rota-
tion of the magnetic field that stabilizes the current-carrying core flux, i.e., the progressive
decrease of magnetic tension, can lead to filament eruptions and CMEs.
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Abstract The rotation of erupting filaments in the solar corona is addressed
through a parametric simulation study of unstable, rotating flux ropes in bipo-
lar force-free initial equilibrium. The Lorentz force due to the external shear
field component and the relaxation of tension in the twisted field are the major
contributors to the rotation in this model, while reconnection with the ambient
field is of minor importance, due to the field’s simple structure. In the low-beta
corona, the rotation is not guided by the changing orientation of the vertical
field component’s polarity inversion line with height. The model yields strong
initial rotations which saturate in the corona and differ qualitatively from the
profile of rotation vs. height obtained in a recent simulation of an eruption
without preexisting flux rope. Both major mechanisms writhe the flux rope
axis, converting part of the initial twist helicity, and produce rotation profiles
which, to a large part, are very similar in a range of shear-twist combinations.
A difference lies in the tendency of twist-driven rotation to saturate at lower
heights than shear-driven rotation. For parameters characteristic of the source
regions of erupting filaments and coronal mass ejections, the shear field is found
to be the dominant origin of rotations in the corona and to be required if the
rotation reaches angles of order 90 degrees and higher; it dominates even if
the twist exceeds the threshold of the helical kink instability. The contributions
by shear and twist to the total rotation can be disentangled in the analysis of
observations if the rotation and rise profiles are simultaneously compared with
model calculations. The resulting twist estimate allows one to judge whether the
helical kink instability occurred. This is demonstrated for the erupting promi-
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nence in the “Cartwheel CME” on 9 April 2008, which has shown a rotation
of ≈ 115◦ up to a height of 1.5 R⊙ above the photosphere. Out of a range of
initial equilibria which include strongly kink-unstable (twist Φ = 5π), weakly
kink-unstable (Φ = 3.5π), and kink-stable (Φ = 2.5π) configurations, only the
evolution of the weakly kink-unstable flux rope matches the observations in their
entirety.

Keywords: Corona, Active; Prominences, Dynamics; Coronal Mass Ejections,
Initiation and Propagation; Magnetic fields, Corona; Magnetohydrodynamics

1. Introduction

The geoeffectiveness of solar coronal mass ejections (CMEs) depends primarily
on two parameters, the velocity and the magnetic orientation of the CME at
the impact on the Earth’s magnetosphere. The higher the CME velocity and
the closer its front side magnetic field to a southward orientation, the more
intense the interaction will typically be. Therefore, understanding the physics
that determines these CME parameters at 1 AU is one of the key issues in space
weather research. This involves the formation and main acceleration of the CME
in the solar corona, as well as its propagation through the interplanetary space.
The particulars of the trigger process also play a role in some events. It appears
that typically the corona is the place where the basic decisions are made: will
the CME be fast or slow, and will it keep the orientation given by the source,
i.e., will its magnetic axis remain oriented nearly parallel to the photospheric
polarity inversion line (PIL), or will it rotate substantially?

In the present paper we employ the technique of MHD simulation to carry out
a first systematic, but in view of the problem’s complexity necessarily incomplete
investigation of a number of processes that cause and influence changes of CME
orientation in the corona. Such changes can be described as a rotation of the
CME volume, more specifically of the magnetic axis of the flux rope in the
CME, about the direction of ascent. This rotation should be distinguished from
the possible rotation of the flux rope about its own axis, referred to as the roll
effect (Martin, 2003; Panasenco et al., 2011), which we do not address here.

Understanding the rotation of erupting flux ropes in the corona is also rel-
evant for the question which processes trigger the eruptions, as a substantial
rotation may indicate the occurrence of the helical kink instability (KI); see,
e.g., Rust and Kumar (1996), Romano, Contarino, and Zuccarello (2003), and
Rust and LaBonte (2005). This instability is one of the candidate mechanisms for
the initiation of CMEs (Sakurai, 1976; Fan and Gibson, 2003; Kliem, Titov, and Török, 2004).
It commences when the twist of the rope exceeds a critical value, Φ = 2πN > Φcr,
where N is the winding number of the field lines about the rope’s magnetic
axis. The dynamical evolution of the instability has shown very good quantita-
tive agreement with a number of well observed events, which range from con-
fined filament eruptions to the fastest CME on record (Török and Kliem, 2005;
Williams et al., 2005). However, Isenberg and Forbes (2007) have pointed out
an alternative mechanism for the rotation of line-tied flux ropes, which relies
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on the presence of an external toroidal field component, Bet, due to sources
external to the current in the flux rope and pointing along the rope, i.e., an
external shear field component. The mechanism can easily be understood in the
simplified picture of a current loop in vacuum field. When the loop legs move out
of their equilibrium position to a more vertical orientation, the cross product of
the loop current with the shear field component yields a sideways Lorentz force
on the legs, which is antisymmetric with respect to the vertical line that passes
through the apex of the loop. This torque forces the rising top part of the loop
to rotate. The effect is also found in a full fluid description (Lynch et al., 2009).
For a given chirality of the erupting field, it yields the same direction of rotation
as the helical kink. Hence, a comparative study of these two mechanisms is
required before firm conclusions about the occurrence of the KI can be drawn
from observations of flux rope rotations, which is a further main objective of this
paper.

Since the rotations caused by the KI and by the external shear field point in
the same direction, they are difficult to disentangle. In fact, from a more general
perspective, they are of similar nature. Both cause a writhing of the flux rope
which, by conservation of magnetic helicity, reduces the twist of the rope field
lines about the writhing axis. Consequently, one can expect that observed flux
rope rotations are often consistent with a range of Φ–Bet parameter combinations
which give the writhing of the flux rope by the helical kink and by the shear
field different individual but similar combined strengths.

Other causes of flux rope rotation include magnetic reconnection with the am-
bient field (Jacobs et al., 2009; Shiota et al., 2010; Cohen et al., 2010; Thompson, 2011;
Vourlidas et al., 2011) and the propagation through the overlying field. The lat-
ter comprises any asymmetric deflection of the rising flux from radial ascent, e.g.,
by adjacent coronal holes (see, e.g., Panasenco et al., 2011), and the interaction
with the heliospheric current sheet (Yurchyshyn, 2008; Yurchyshyn, Abramenko, and Tripathi, 2009).

One may conjecture that the generally changing orientation of the PIL with
height in the corona acts similarly to the heliospheric current sheet at larger
heights, i.e., that the upper part of the rising flux continuously adjusts its
orientation to align with the PIL. If this were the dominant effect, the rotation
of erupting flux could be predicted rather straightforwardly from extrapolation
of the photospheric field, since the overlying field is often close to the potential
field. However, this conjecture is not valid in the lower corona where β ≪ 1, and
where the main part of the total rotation often occurs. We demonstrate this in
the Appendix.

The amount of rotation depends on the individual strengths of the four po-
tentially contributing processes. Each of them is controlled by more than a single
parameter. This is immediately obvious for the torque by the shear field, which
must depend on the height profile Bet(z), and for the reconnection, which is
sensitive to the structure of the ambient field, i.e., whether the field is bipolar,
quadrupolar, or multipolar and whether the orientation of the line between the
resulting new footpoints of the erupting flux differs strongly from the original
orientation. The rotation by the KI does not only depend on the initial flux rope
twist, Φ− Φcr, but also on the strength and height profile of the overlying field
(Török, Berger, and Kliem, 2010). If the overlying field decreases only slowly
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with height, then the upward expansion develops slowly and, accordingly, its
contribution to the relaxation of the field line tension is initially weak. The relax-
ation is then primarily accomplished by a strong rotation at small heights. In the
opposite case of very strong upward expansion, the rotation is distributed across
a large height range, which also increases the likelihood of further changes by the
onset of reconnection (see Lugaz et al., 2011 for an example). The effect of the
heliospheric current sheet can be expected to depend on the angle with the top
section of the flux rope’s axis, on the horizontal elongation of the CME (whether
its horizontal cross section is very elliptical or more nearly circular), and on the
magnetic pressure of the CME relative to the pressure of the interplanetary
plasma.

Moreover, the total rotation experienced by an erupting flux rope likely de-
pends also on the dynamics of its evolution. For example, a torque strongly
localized at low heights, operating on a still small loop, may hurl the flux around
more efficiently than a torque which is distributed across a large height range. As
another example, in a complex (multipolar) coronal environment the sequence
and strength of reconnection with the ambient field may strongly depend upon
the height profiles of the rope’s angular and rise velocities caused by other
processes, e.g., by an ideal MHD instability. The relative velocity between recon-
necting flux systems controls how strongly the reconnection with the ambient
field is driven. Hence, quantitative studies of flux rope rotation face a very high
degree of complexity.

Here we focus on two mechanisms that can cause strong rotations in the
corona, the helical kink instability and the torque exerted by an external shear
field component. By comparing a parametric study of both mechanisms in a
force-free, line-tied flux rope equilibrium with the data of a well observed, strong-
ly rotating erupting prominence, we demonstrate that their contributions can be
disentangled to some degree. We also demonstrate the very strong influence of
the ambient potential field’s height profile on the amount of rotation by the KI,
and briefly address the influence of reconnection between the CME flux rope
and the ambient field on the rotation.

This investigation was stimulated by the analysis of the strong rotation in
a prominence eruption and CME on 9 April 2008, occasionally referred to as
the “Cartwheel CME”, in Thompson, Kliem, and Török (2011, in the following
Paper I). Their stereoscopic reconstruction revealed the height-rotation pro-
file of the erupting filament/prominence in the core of a CME for the first
time (Thompson, Kliem, and Toeroek, 2009). This profile provides a strong con-
straint for the numerical modeling. In combination with the further observations
of the event, it allows us to infer the major causes of the rotation and the
range of source parameters compatible with the data. The analysis of Paper I
has given the following results relevant for the present study. The prominence
erupted from the remnants of NOAA active region (AR) 10989 close to the
west limb and appeared as a flux rope – a single, weakly to moderately twisted
loop – throughout the height range covered by the STEREO EUVI and COR1
telescopes (Howard et al., 2008), i.e., up to 4 R⊙ from Sun center. It rotated
counterclockwise by ≈ 115◦ up to a heliocentric height of 2.5 R⊙, where the
rotation leveled off. Two thirds of this rotation were acquired within 0.5 R⊙
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Figure 1. Images and plots of the prominence eruption at 10:16 UT, as seen by the EU-

VI-Ahead telescope in the 304 Å channel, and at 10:55 and 11:25 UT, as seen in white light

by COR1-Ahead. The prominence apex has reached heights of 0.56, 1.6, and 2.3 R⊙ above

the photosphere at these times. The right panels display the reconstructed three-dimensional

position of the marked prominence threads, using a reprojection to a viewpoint at the position

of radial CME propagation, Stonyhurst longitude 98
◦
west (relative to Earth) and latitude 24

◦

south, where the counterclockwise rotation is apparent. The axes are in units of solar radii.

from the photosphere. The data indicate a subsequent gentle backward rotation
by ≈15◦ in the height range up to 3.3 R⊙. In addition, the analysis of STEREO
COR2 data in Patsourakos and Vourlidas (2011) demonstrated that a flux rope
structure is consistent also with the three-dimensional shape of the CME at a
heliocentric distance of 13 R⊙, where it had changed its orientation by a total of
150◦±7◦ from the original one, most likely by further counterclockwise rotation.
At this stage the erupting flux was very closely aligned with the heliospheric
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current sheet above the active region. The prominence was initially accelerated

mainly horizontally along the filament channel. This gradually turned into a

radial propagation at a position ≈ 98W24S as seen from Earth, 15◦–20◦ away

from the original location. The prominence experienced most of its upward ac-

celeration in the heliocentric height range up to ∼2.5 R⊙ and reached a velocity

of ∼ 400 km s−1 in the COR2 field of view. At the same time, the leading edge

of the CME accelerated to over 700 km s−1 (Landi et al., 2010). Representative

images of the prominence from STEREO Ahead, which had the best perspec-

tive at the structure, and the corresponding three-dimensional reconstructions

of the location of several prominence threads are compiled in Figure 1 (from

Paper I). The rotation (height-rotation) profile and the rise (time-height) profile

are included below in the observation-simulation comparisons (Figures 6 and 8,

respectively).

As already noted above, we focus our attention here on the coronal evolution of

this event, leaving the interaction with the heliospheric current sheet for future

investigation. Moreover, we exclude the possible slight backward rotation by

≈ 15◦ in the COR1 height range from our modeling, since we are interested in

the generally important effects which cause significant rotations in the corona.

This part of the rotation is not fully certain, and, if real, it was likely caused by

the particular structure of the large-scale coronal field above the active region,

which nearly reversed its horizontal direction at heights &0.3 R⊙ above the pho-

tosphere (Paper I). Thus, we will consider a saturation of the modeled rotation

at angles near 115◦ and heights h ≈ (1.5–2.3) R⊙ above the photosphere to be in

agreement with the observation data. Furthermore, we will disregard the initial

nearly horizontal motion of the prominence along the PIL.

The combined effects of flux dispersal and foreshortening in the course of

the source region’s rotation to the solar limb made it impossible to obtain a

well-defined estimate of the distance between the main flux concentrations in

the bipolar region at the time of the eruption, which is a parameter of strong

influence on the height profile of the ambient potential field. Only a relatively

wide range of ∼ (40–150) Mm could be estimated by extrapolating the region’s

evolution in the course of its disk passage through the final three days before

the event. It will be seen that this range still sets a useful constraint on the

modeling.

In the following we model the radial propagation of the prominence in the

Cartwheel CME in the coronal range of heights as the MHD evolution of an

unstable force-free and line-tied flux rope (Section 2). A parametric study of the

resulting rotation and rise, focusing on the rotation caused by the helical kink

instability and by the external shear field, is compared with the observation data,

to constrain the parameters in the source of the event and to study whether the

relative importance of these mechanisms can be disentangled and individually

estimated (Section 3). The discussion in Section 4 addresses the simplifying

assumptions made in the modeling and differences to earlier relevant work.

Section 5 gives our conclusions. The Appendix relates the rotation of erupting

flux ropes in low-beta plasma to the changing orientation of the PIL with height.
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2. Numerical Model

We carry out a series of MHD simulations similar to the CME simulation in
Török and Kliem (2005). The prominence is modeled as a section of an approx-
imately force-free toroidal current channel embedded in external current-free
(potential) field, which represents a modification of the approximate force-free
equilibrium by Titov and Démoulin (1999). The current channel creates a flux
rope structure of the magnetic field which has a somewhat larger cross section
than the channel and is enclosed by a quasi-separatrix layer in the interface to the
surrounding field of arcade structure. The chirality of the flux rope is chosen to
be left handed, so that the rotation will be counterclockwise (Green et al., 2007).
The poloidal component of the external field, Bep, is due to a pair of subpho-
tospheric magnetic point sources, which produce a pair of flux concentrations
(“sunspots”) to the sides of the flux rope (the “prominence”) in the mag-
netogram. This field component holds the current channel in equilibrium; its
strength at the position of the rope is exactly proportional to the current in the
rope. Consequently, only its spatial profile, determined by the spacing between
its sources, can be freely varied. The toroidal component of the external field,
Bet, is due to a pair of subphotospheric dipoles, positioned under the footpoints
of the flux rope such that the field lines of Bet run parallel to the magnetic
axis of the rope to a very good approximation. Therefore, Bet introduces only
very minor Lorentz forces in the initial configuration, which quickly decrease by
numerical relaxation at the beginning of each run, so that the strength of Bet

can be chosen freely within a wide range. We will refer to the external toroidal
field also as the shear field component. Here it decreases faster with height
than the external toroidal field in the original Titov-Démoulin equilibrium. A
visualization of the configuration is shown in Figure 2.

We integrate the ideal MHD equations but neglect pressure, as appropriate
in the active-region corona, and gravity, because the hydrostatic pressure profile
along the field is not essential for the flux rope rotation, which is driven by the
Lorentz force. These simplifications yield maximum freedom in the scalability of
the simulation results to the data. Magnetic reconnection can occur due to the
numerical diffusion of the field in regions of strong gradients. The initial density
is specified as ρ0(x) = |B0(x)|

3/2, where B0(x) is the initial magnetic field. This
yields a slow decrease of the Alfvén velocity with height, as in the corona. The
box is a cube 64 units long on each side, significantly larger than in our previous
simulations and in each direction at least twice as large as the biggest size of the
structures that will be compared to the data. It is resolved by a nonuniform, fixed
Cartesian grid with a resolution of 0.04 units in the central part of the box (a
factor of 2 coarser than in Török and Kliem, 2005). Rigid boundary conditions
are implemented at the top and side boundaries, while very small velocities are
permitted in the bottom boundary. Initially the torus lies in the plane {x = 0}.
The MHD variables are normalized by the initial apex height of the flux rope
axis, h0, by the initial field strength B0, density ρ0, and Alfvén velocity VA0 at
this point, and by the corresponding quantities derived thereof, e.g., the Alfvén
time τA = h0/VA0. Thus, the initial apex height of the axis of the current channel
and flux rope serves as the length unit.
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The parameters of the initial configuration are largely chosen as in Török and Kliem
(2005). We fix the major radius of the torus at R = 1.83, the depth of the torus
center at d = 0.83 and the pre-normalization strength of the point sources at
q = 1014 Tm2 in all runs. For a base set of the simulation series, discussed below
in Figures 3–6 and 8–9, we further fix the distance of the point sources from
the z axis at L = 0.83 (in units normalized such that h0 is unity). This value
lies in the middle of the estimated range for the corresponding distance of the
flux concentrations in AR 10989, given above, when the scaling h0 = 0.077 R⊙

adopted in Section 3.1 is applied. It also agrees with the settings in several
previous investigations (e.g., Török and Kliem, 2005; Török, Berger, and Kliem,
2010), facilitating comparisons. Variations of this parameter will be considered in
the range L = 0.42–2.5. We vary the minor radius of the toroidal current channel,
a = 0.32–0.62, and the strength of the external toroidal field, Bet/Bep = 0–1.06
at the flux rope apex x = (0, 0, 1), to obtain a range of values for the average
twist of the current channel, Φ = (2.5–5.0)π, and for the strength of the shear
field component. The twist is influenced by both a and Bet, with a having the
stronger influence within the considered range of parameters. The twist values
quoted in this paper represent the initial twist averaged over the cross section of
the current channel in the manner described in Török, Kliem, and Titov (2004).

The range of the initial average twist is chosen such that unstable and stable
configurations with respect to the helical kink mode are included. The first
group is unstable from the beginning of the simulation. Nevertheless, a small
upward initial velocity perturbation is applied in the vicinity of the flux rope
apex (typically ramped up to 0.05 VA0 over 5 τA and then switched off), to
ensure that the instability displaces the apex upwards, i.e., downward kinking
is excluded in these runs which are intended to model CMEs.

For the geometric parameters of the system specified above, the flux rope
is initially stable with respect to the torus instability (Kliem and Török, 2006;
Török and Kliem, 2007). However, the helical kink instability lifts the rope into
the torus-unstable range of heights (h & 2 h0), from where the torus instability
accelerates its top part further upwards.1 The kink-stable cases require that
the upward velocity perturbation is applied for a longer time, lifting the apex
into the torus-unstable range. This allows us to study the influence of the shear
field on the rotation in the absence of the helical kink instability, using uniform
geometrical parameters of the initial flux rope (except for the minor flux rope
radius a) in all runs. An initial velocity perturbation very close to the required
minimum value is applied in each of these cases, to ensure nearly uniform con-
ditions at the onset of the instability throughout the series. The values at the
end of the ramp phase stay below 0.12 VA0 for all runs. The flux rope velocity
falls back to a much smaller value (typically ≈ 0.01 VA0) immediately after the
perturbation is switched off. The growing instabilities then accelerate the apex
to peak upward velocities in the range max{ua} ≈ (0.4–0.7) VA0, far higher than
the initial perturbation.

1
The torus instability can be considered as a lateral kink of the current channel. However, we

choose “kink” and “KI” to refer exclusively to the helical kink mode in this paper.
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Figure 2. Visualization of the modified Titov-Démoulin flux rope equilibrium used as the

initial condition in the simulation runs of this paper; here with an average twist Φ = 3.5π as

in Figure 4. The current channel is rendered as a yellow transparent volume. Blue field lines

run near the magnetic axis of the flux rope (where the local twist is 2π), red field lines lie

in the flux surface at a distance to the axis where the local twist equals the average twist.

Green and olive field lines show the ambient potential field. Contours of the magnetogram,

Bz(x, y, 0), are shown in the bottom plane. The torus of major radius R and minor radius a

is submerged by a distance d, resulting in the apex height h0 = R − d and the distance of

each flux rope footpoint from the origin Df = (R2
− d2)1/2. A bipole, whose components are

located at (±L, 0,−d), is the source of the external poloidal field component Bep; see Figure 2

in Titov and Démoulin (1999) for its visualization. A pair of antiparallel, vertically oriented

dipoles, placed under the footpoints of the flux rope at (0,±Df ,−5h0), provides the source of

the external toroidal (shear) field component Bet.

On the Sun, the initial lifting of the flux can occur by a variety of effects in
addition to the helical kink mode, as has been demonstrated by numerical simula-
tions. These include the shearing and twisting of the coronal field by photospheric
flows (e.g., Mikic and Linker, 1994; Török and Kliem, 2003), reconnection as-
sociated with flux cancellation in the photosphere (e.g., Aulanier et al., 2010;
Amari et al., 2010), and reconnection with newly emerging flux (Chen and Shibata, 2000).

The observations of the Cartwheel event indicate a gradual doubling of the
prominence height prior to the eruption (Paper I). The initial lifting of the flux
rope apex in the simulations due to the applied perturbation is much smaller for
all kink-unstable runs and stays in the range up to this value for the kink-stable
cases, except for the run with the highest shear field (Φ = 2.5π, Bet/Bep = 1.06),
which requires a lifting to 2.6 h0.

3. Comparison Simulations-Observations

3.1. Dependence of Flux Rope Rotation on Twist and Shear

We begin with a case that involves a clear helical kink instability, as one would ex-
pect at first sight from the considerable rotation observed in the Cartwheel event.
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The initial average twist is chosen to be Φ = 5π, a value used previously in the
successful modeling of several filament/prominence eruptions (Williams et al., 2005;
Török and Kliem, 2005). Even with this considerable amount of twist (and with
the sunspot semi-distance L = 0.83), we find that a shear field is required to
reach the observed rotation. Figure 3 shows the resulting rotation of the flux
rope, which reaches the observed value of 115◦ and is a combined effect of the
helical kink instability and the shear field. The field lines visualize a flux bundle in
the core of the rope which runs slightly (≈5%) under the rope axis in its top part.
This is a likely location for prominence material within a flux rope. Moreover,
this is the only selection that allows a favorable comparison with the observed
flux rope shape for the weakly twisted case shown below in Figure 5, while the
more strongly twisted cases are less sensitive to this vertical offset. Therefore,
we adopt this selection as a uniform choice for Figures 3-5 which compare the
flux rope rotation for different twist values. The field lines are displayed from
perspectives identical to the STEREO images and reconstructions in Figure 1.

Two characteristic morphological features apparent in the COR1 data in Fig-
ure 1 are weakly indicated in the simulation: the initial teardrop-like appearance
and the elongated shape at large heights (relatively narrow in the horizontal
direction). The right panels show that the teardrop shape is a projection effect.
The legs of the erupting rope approach each other near the edge of the occulting
disk only in projection; they are displaced along the line of sight and actually
moving away from each other. The elongated shape is largely also due to the
strong rotation.

The legs of the rope appear “wiggly”, which results from two effects. First,
they reconnect with the ambient field in the vertical current sheet under the
flux rope apex in the interval t ≈ (32–65) τA, which corresponds to apex heights
h ≈ (5–21) h0; with the reconnection proceeding at much lower heights inside
the edge of the COR1 occulting disk. This leads to a bend in the reconnected
flux rope: the field lines have relatively small curvature within the legs of the
expanded original rope above the reconnection point but run along a more helical
path in the ambient field just outside the original rope below the reconnection
point. This bend and the more helical shape of the field lines below it relax
upward, along with the overall upward expansion of the reconnected flux rope.
Since the flux rope apex has reached a considerable upward velocity, ua . 0.5 VA,
the bend needs a large height range for its propagation to the top of the rope. It
is located slightly above the dotted line in the third snapshot pair of Figure 3 and
at h & 15 h0 in the final snapshot pair. The plots on the right hand side show
that the new footpoints of the rope are displaced in counterclockwise direction
from the original ones, thus contributing to the overall counterclockwise rotation
of the rope. However, this contribution is only a minor one; the major part of
the total rotation occurs before the flux rope legs reconnect (which can be seen
by comparison with Figure 6 below). This reconnection is similar to the second
and third reconnections described in Gibson and Fan (2008, their Section 4.1)
and will be addressed in more detail in a future investigation. Second, at the
given relatively high value of the twist, the dominant wavelength of the helical
kink mode is considerably shorter than the flux rope, so that the characteristic
helical shape develops clearly.
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Figure 3. Snapshots of an erupting and rotating, strongly kink-unstable flux rope. The initial

average twist is Φ = 5π and the shear field component at the initial flux rope apex position

is given by Bet/Bep = 0.42. Field lines in the core of the rope, traced downward from the

apex, are shown in the height range 0 ≤ z . 30, using the same two perspectives as for the

observation data in Figure 1 (in the left panels the line of sight makes an angle of 26
◦
with

the y axis, and the z axis is tilted away from the observer by 8
◦
, while the right panels present

a vertical view with an initial angle between the flux rope axis and the east-west direction of

26
◦
). The magnetogram, Bz(x, y, 0, t), is displayed in grayscale (seen from below in the left

panels). The dotted line indicates where the edge of the COR1 occulting disk is located if the

distance between the flux rope footpoints in the simulation, 2Df = 3.3 h0, is scaled to the

value of 175 Mm estimated in Paper I. Using this scaling, the simulated heights of h = 1, 7.3,

21, and 30 h0 (at t = 0, 36, 64, and 84 τA) translate to heights of 0.077, 0.56, 1.6, and 2.3 R⊙

above the photosphere, reached at 10:16, 10:55, and 11:25 UT (for rows 2–4), respectively.
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Figure 4. Same as Figure 3 for a weakly kink-unstable case with initial avarage twist Φ = 3.5π

and shear field Bet/Bep = 0.67. The flux rope is shown at the simulation times t = 0, 50, 80,

and 97 τA which yield the same heights as the snapshots in Figure 3, corresponding to the

same observation times.
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Figure 5. Same as Figure 3 for a kink-stable case with initial avarage twist Φ = 2.5π and

shear field Bet/Bep = 1.06. The flux rope is shown at the simulation times t = 0, 77, 109, and

128 τA which yield the same heights as the snapshots in Figure 3, corresponding to the same

observation times.

SOLA: prominence_v4.2.tex; 16 December 2011; 1:11; p. 13



Figure 4 shows the evolution in a second run where the KI develops only
weakly, using a moderate, only slightly supercritical value of the initial aver-
age twist, Φ = 3.5π. A stronger shear field is chosen, so that the same total
rotation is achieved. The overall properties – accelerated rise into an ejection
(CME) and very strong rotation – are identical to the run shown in Figure 3.
The morphological details, such as the teardrop shape at small heights and the
elongated shape at large heights, match the data slightly better. The indications
of wiggly shape at large heights remain weak. Reconnection of the flux rope
legs with the ambient field occurs here as well, but the resulting changes in the
shape of the flux rope are weaker, since not only the field lines in the rope are
less twisted but also the ambient field is less helical, due to the larger Bet. This
morphological difference to the strongly twisted flux rope is one aspect that may
allow to distinguish between rotations with strong and weak involvement of the
helical kink in observed events. The field line shapes in the present case conform
slightly better to the inclination of the prominence threads with respect to the
axis of the flux rope in the COR1 data in Figure 1, but this difference is not
sufficiently clear to be decisive by itself. Moreover, it depends to a considerable
degree upon which part of the erupting flux was outlined by prominence material
in the considered event and on the selection of field lines in the plots.

Figure 5 presents a case with subcritical flux rope twist, Φ = 2.5π, where
the kink instability cannot develop and an even stronger shear field is needed
to achieve a similar rotation. Here the parameters were chosen such that the
rotation matches the observations as well as the other two runs in the height
range h . 20 h0, with the total rotation of the rope’s magnetic axis at h = 30 h0

exceeding the rotation in those runs by 20–25 degrees. The elongated teardrop
shape at intermediate and large heights yields the best match of the three runs
shown in Figures 3–5. However, this is only the case because a flux bundle
slightly under the magnetic axis of the flux rope is selected in the visualization.
If instead a set of field lines encircling the flux rope axis is chosen, then the high
total rotation at the apex height h = 30 h0 leads to an inverse teardrop shape
(narrow at the apex, because at this point the view is nearly along the axis of
the rotated flux rope), which is inconsistent with the observations. Again, since
it is not known which parts of the erupting flux (rope) were filled with promi-
nence material in the event to be modeled, these morphological comparisons, by
themselves, do not allow to rule out the kink-stable run shown in Figure 5.

The similar total rotations in the three simulations confirm that both twist
and shear belong to the key parameters which determine the amount of rotation
in erupting flux ropes. To analyze this further, we consider a set of characteristic
cases from our series of simulation runs with varying strength of the two effects.
For each of the twist values Φ = 5.0, 3.5, and 2.5π, we vary the shear field Bet

from the respective best fitting value used in Figures 3–5. All runs use the same
sunspot semi-distance L = 0.83 and, hence, the same external poloidal field Bep.
The variation of L will be considered in Section 3.2.

The rotation of the flux rope in the simulations is measured in two ways. At
low heights it is taken from the changing orientation of the magnetic axis at
the apex of the flux rope. As the flux rope rises, the apex orientation oscillates
increasingly, due to the upward propagation of Alfvénic perturbations which

SOLA: prominence_v4.2.tex; 16 December 2011; 1:11; p. 14



result from the dynamic onset of reconnection in the vertical current sheet under
the rope (the relaxation of the bend in the reconnected field lines mentioned
above). The right panels at the two final heights in Figures 4–5 indicate the
resulting oscillations of the field orientation at the apex with respect to the bulk
orientation of the flux rope’s upper part. Therefore, at larger heights we simply
use the direction of the horizontal line connecting the flux rope legs at the height
where they are most distant from each other. This measurement filters away most
of the oscillating variations, which are also not captured by the observed rotation
data derived in Paper I and replotted in Figure 6. The difference between the
two measurements remains less than 5 percent in a height range ∆h ∼ (3–6) h0

around h ∼ 10 h0, except for the most strongly rotating and oscillating case
in the series (Φ = 5π, Bet/Bep = 0.63) where it reaches ≈ 10 percent. Linear
interpolation between the two measurements for each simulation run is applied in
the appropriate range of small difference to match them smoothly. (The method
to estimate the rotation angle at large heights fails for one of the runs in Figure 6
(Φ = 2.5π, Bet = 0), where reconnection of the flux rope legs with the ambient
field leads to jumps that are larger than the oscillations of the magnetic axis at
the apex. For this run, whose rotation profile differs strongly from the observed
one, we include the rotation angle only at low heights, to show the trend.)

In order to compare the simulated rotation profiles with the observations, a
scaling of the length unit in the simulations to distances on the Sun is required.
For this purpose, we set the distance between the footpoints of the flux rope in
the simulation, 2Df = 3.3 h0, equal to the estimated length of the flux which
holds the prominence, 175 Mm (Paper I). This is independent of the actual
prominence shape. The apex height of the toroidal Titov-Démoulin flux rope,
our length unit, tends to be somewhat high in comparison to solar prominences,
which are often quite flat. Here we obtain h0 = 0.077 R⊙, relatively close to
the estimated initial prominence height of ≈ (0.05–0.06) R⊙ (Paper I). If we
would instead choose to compare the simulations to the temporal profile of the
prominence rotation, then each change of the twist, which implies a change of
the KI growth rate, would require a rescaling of the time unit in the simulations,
τA. The comparison of the simulated rotation profiles with the observed profile
is displayed in Figure 6. As discussed in Sections 1 and 4, we disregard the slight
backward rotation at h & 1.5 R⊙ above the photosphere in the comparison
and assume that the tendency of the rotation to level off at this height would
have continued in the absence of the specific complex structure of the large-scale
coronal field above AR 10989 and in the absence of the heliospheric current
sheet, which are not included in our model. Several conclusions can be drawn
from this set of simulations.

(1) Similar height-rotation profiles (not only a similar total rotation) are
obtained in a range of Φ-Bet combinations. The profiles for (Φ, Bet/Bep) =
(5π, 0.42), (3.5π, 0.67), and (2.5π, 1.06) all match the observed profile very well
up to a height h ∼ 20 h0 ≈ 1.5 R⊙ above the photosphere, where a total rotation
of ≈115◦ is observed. These runs include a strongly and a weakly kink-unstable
and a kink-stable case. Hence, even such a strong rotation does not by itself
imply the occurrence of the helical kink instability. Further arguments, such as
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those given below, are required to draw conclusions about the occurrence of the
instability in the modeled event.

(2) To reach the observed total rotation of≈115◦ with the initial configuration
and parameter settings chosen in this series, in particular with the chosen value
of the sunspot semi-distance L, the shear must contribute. The strongly twisted
configuration (Φ = 5π) yields only little more than one third of the observed
rotation in the absence of shear (Bet = 0). Therefore, the shear contributes the
main part of the total rotation even in this strongly kink-unstable case. Note
that this conclusion changes if the sunspot distance is set to larger (however,
unrealistic) values, so that the overlying field decreases less steeply with height
(see Section 3.2).

(3) The twist also contributes in all runs. The tension of the twisted field
relaxes in any case when the flux rope is driven upward out of its initial equi-
librium, be it by the helical kink instability, by the torus instability, or by any
other process (e.g., by so-called tether-cutting reconnection). This relaxation
contributes to the writhing of the flux rope axis regardless of whether or not the
helical kink instability is triggered. As a consequence, we do not observe a jump
in the achieved rotation as the twist of the initial equilibrium is varied between
kink-stable and kink-unstable values. This is most obvious from the runs with
Bet = 0.

(4) The higher the relative contribution of the twist, the lower the height
range where most of the rotation is reached. This reflects the fact that the KI
tends to reach saturation quickly, often already when the flux rope has risen to
a height comparable to the footpoint distance (e.g., Török, Kliem, and Titov,
2004). This property corresponds well to the tendency of the rotation to level off
at the relatively low height of ≈ 1.5 R⊙ (≈ 20 h0) above the photosphere. The
rotation by the shear field acts in a larger height range. The different behavior
can be made plausible from the fact that the Lorentz force due to the shear field
depends on the current through the rope and on the angle between the flux rope
legs and the shear field. While the current decreases as the rope ascends (similar
to the twist), the angle rises until the legs approach a vertical position, which
corresponds to bigger apex heights than the saturation height of the helical kink
mode. Hence, the Lorentz force due to the shear field acts strongly in a larger
height range than the tension force associated with the twist.

As a consequence, the Titov-Démoulin flux rope with sub-critical twist for
KI onset does not allow to match the entire observed rotation profile of the
9 April 2008 event. We have performed considerable numerical experimenting in
this range of twists [Φ = (2.5–3)π], including modifications of the height profiles
Bet(z) and Bep(z) and of the flux rope shape (by varying its major radius R
but not the apex height h0) from the uniform settings for the runs in Figure 6.
Either the rotation in the height range h . 20 h0 was found to be too small,
or the total rotation at h = 30 h0 was too large. Although the shape of the
prominence in the plane of the sky can still be met by the special selection of
the field lines in Figure 5, the saturation of the rotation at h ≈ 1.5 R⊙, revealed
by the stereoscopic reconstruction, cannot be reproduced. This suggests that at
least a weak helical kink instability must have been triggered in this event.
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Figure 6. Comparison of flux rope rotation as a function of normalized apex height above the

photosphere with the observation data obtained in Paper I. Crosses and diamonds are EUVI

data, with the final cross representing a lower limit for the height and the diamonds representing

interpolated heights. Plus symbols are COR1 data. The distance between the footpoints of the

flux rope in the simulation is scaled to the value of 175 Mm estimated in Paper I, resulting

in h0 = 0.077 R⊙. The initial average twist, Φ, and the strength of the shear field component

(external toroidal field), Bet, given by its ratio to the external poloidal field component Bep

at the initial flux rope apex, are varied, while the geometrical parameters of the initial flux

rope (except the minor radius a) and the spatial structure of the external field components

Bet and Bep are uniformly chosen throughout the series of runs (see Section 2 for detail). The

optimum values for the shear field strength, which yield the best match with the observed

rotation profile up to h ≈ 20 h0, found through parametric search, are Bet, opt/Bep = 0.42,

0.67, and 1.06 for Φ = 5.0π, 3.5π, and 2.5π, respectively. Changes of Bet by a factor 3/2 and

the case Bet = 0 are included.

(5) The range of twist-shear combinations that reproduce the observed ro-
tation profile is bounded not only from below, as outlined in (2) and (4), but
also from above. Average twists significantly exceeding 5π are not only unlikely
to occur in the corona but also lead to increasingly strong helical deformations
of the flux rope, which are favorable for the onset of magnetic reconnection
with the overlying field or between the flux rope legs. Such reconnection can
strongly distort the rotation profile and can even stop the rise of the flux rope
(Török and Kliem, 2005; Shiota et al., 2010). Reconnection with the overlying
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field does indeed lead to a confined (failed) eruption in the present simulation
series when the initial twist is raised to 6π. Reconnection between the legs of the
rope occurs if Φ ≥ 7π, also leading to confined eruptions. (A detailed description
of such reconnection can be found in Kliem et al., 2010.)

Increasing the shear field tends to stabilize the flux rope because any displace-
ment then requires an increasing amount of energy to push the ambient field
aside. The low-twist case (Φ = 2.5π) with the strongest shear field included in
Figure 6 requires a considerable initial perturbation to reach the torus-unstable
range of heights (h > 2.6 h0 = 0.2 R⊙ for these parameters); it is completely
stable to small perturbations. Similarly, while the 3.5π run with Bet = 0 is
clearly kink-unstable, the corresponding sheared case (Bet/Bep = 0.67) exceeds
the instability threshold only slightly. The initial lifting of the flux rope required
in the low-twist case strongly exceeds the observed rise of the prominence to
≈ 0.06 R⊙ prior to the onset of the eruption. This represents a further strong
indication against this configuration.

The upper limit for the shear field is not a universal number but depends on
other parameters of the system, which include the thickness of the flux rope, the
strength of the line tying, and the height profile of the external poloidal field,
Bep(z). A systematic study of these dependencies would be beyond the scope of
the present investigation. However, we have considered a change of the height
profile Bep(z), which is the key parameter for the onset of the torus instability
in the absence of shear and significant line tying (Kliem and Török, 2006). In an
attempt to ease the occurrence of the instability in the low-twist case (Φ = 2.5π,
Bet/Bep = 1.06), the sunspot semi-distance was reduced to the minimum value
of the possible range estimated from the observations, L = 0.4, leaving the other
parameters of the equilibrium unchanged. No reduction of the minimum height
for instability was found, which must be due to the strong stabilizing effect by
the chosen shear field.

(6) Reconnection of the flux rope legs with the ambient field contributes only
a minor part of the total rotation in our simulation series. It appears to remain
weaker than the twist-driven rotation, or at most comparable, i.e., considerably
weaker than the shear-driven rotation. This can be seen most clearly in the 5π
run with Bet = 0. Here the reconnection of the flux rope legs with the ambient
field proceeds while the rope apex rises from ≈2 h0 to ≈16 h0, with the flux in
the core of the rope being involved in the range of apex heights h ∼ (4–16) h0.
However, the major part of the total rotation of ≈40◦ is already reached at low
apex heights, h . 5 h0, i.e., due to the helical kink mode. The apex height range
during the reconnection of the flux rope legs in the shear-free 3.5π run is similar
to the 5π run. The rotation profile of this run in Figure 6 shows about equal
amounts of rotation in the height ranges h . 5 h0 and h ∼ (5–16) h0, indicating
that the reconnection-driven rotation could here be comparable to the twist-
driven rotation. Again, both remain considerably smaller than the rotation due
to the shear in the 3.5π run that best fits the observation data.

These conclusions are also supported by the fact that the angular distance
between the initial and new footpoints of the flux rope’s magnetic axis, measured
from x = 0, remains far smaller than the total rotation of the rope (see the right
panels in Figures 3–5).
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Figure 7. Dependence of flux rope rotation vs. height upon the distance L of the main flux

concentrations in the source region from the PIL. Kink-unstable flux ropes (Φ = 5π and 3.5π)

are considered for vanishing external shear field component, Bet = 0.

3.2. Influence of the External Poloidal Field

The height profile of the poloidal field which is due to sources external to the
flux rope, Bep, is a further factor of potentially strong influence on the rotation.
Erupting flux ropes rotate more strongly at low heights if the external field
initially overlying the flux rope decreases more gradually with increasing height
(Török, Berger, and Kliem, 2010). The relaxation of the magnetic tension in the
erupting flux rope by rotation is then more pronounced because the relaxation
by upward expansion is hindered, at least initially. The relevant length scale,
lz = −[d(logBep)/dz]

−1, increases with increasing distance between the sources
of Bep, i.e., between the main flux concentrations to the sides of the PIL. This
can easily be seen for the Titov-Démoulin equilibrium, where this scale height
is lz = (z + d)[1 + L2/(z + d)2]/3.

Figure 7 shows that this effect remains weak as long as the distance between
the sources of Bep, 2L, is smaller than distance between the footpoints of the
erupting flux rope, 2Df , but that it becomes very strong when the reverse relation
holds. Here the sunspot semi-distance L is varied for the 5π and 3.5π runs
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with no external shear field, Bet = 0, to be 0.5, 1, 2, and 3 times the value
estimated from the observations and used in Section 3.1 (Figures 3–6). The two
distances are nearly equal if L is set to twice the estimated value. This is larger
than the maximum of the range for L compatible with the observations (see
the Introduction). Hence, the conclusions drawn from the series of simulations
shown in Figure 6 are not sensitive to the actual value of the parameter L as long
as it remains within this range. In particular, an external shear field component
of strength close to the optimum values given in this figure is then required to
reach the observed rotation.

Rotations even exceeding those produced mainly by the shear field in Figure 6
are achieved in the absence of a shear field for both twists if L exceeds Df

by a factor & 1.5. A similar situation was realized in simulations of erupting
flux ropes in Fan and Gibson (2003) and Gibson and Fan (2008), which showed
strong rotations of 115–120 degrees with Bet = 0. However, such large distances
of the main polarities, relative to the length of the PIL and a filament channel
between them, do not typically occur in fully developed active regions. Hence,
the effect of a shear field (Isenberg and Forbes, 2007) will typically be involved
if erupting flux rotates by large angles of order 90◦ and more.

3.3. Rise Profile

The results of Sections 3.1–3.2 lead to the question whether the initial twist
and the shear field in the source volume of the eruption can be further con-
strained individually, although their combined effect on the rotation is similar.
The rotation profile obviously is a powerful new diagnostic of the evolution
of flux ropes in CMEs, however, for the considered event it does not allow
to discriminate between the strongly and weakly kink-unstable cases shown
in Figures 3 and 4, respectively. Therefore, we now consider the rise (time-
height) profile of the erupting flux. This function reflects the growth rate of
the instability driving the eruption. The growth rate varies strongly with the
twist if this parameter exceeds the threshold of the helical kink mode (see, e.g.,
Figure 5 in Török, Kliem, and Titov, 2004). When the variation of the twist is
combined with a variation of the shear field strength in the opposite direction
(one increasing, the other decreasing), such that the rotation profile stays nearly
unchanged, then the rise profile will change even stronger: decreasing (increasing)
shear field strength leads to higher (lower) KI growth rate. Thus, the combined
comparison can constrain these parameters individually.

In order to compare the simulated rise profiles with the observed one, the
time unit in the simulations, τA, must also be scaled to a dimensional value.
Since τA = h0/VA0 and h0 is already scaled, this is equivalent to adopting a
value for the initial Alfvén velocity VA0 in the body of the prominence. So far,
this parameter can hardly be derived from observations, since both the field and
density structure of prominences are generally only poorly known. Therefore,
here we work backwards by first finding the best match between the simulated
and observed rise profiles and then checking whether the implied Alfvén velocity
falls within an acceptable range. Lower bounds on the Alfvén velocity in filaments
have been obtained through the application of seismological techniques to six

SOLA: prominence_v4.2.tex; 16 December 2011; 1:11; p. 20



09:40 10:00 10:20 10:40 11:00 11:20 11:40
Time (UT on 9-Apr-2008)

1.0

1.5

2.0

2.5

3.0

3.5

4.0

F
lu

x 
ro

pe
 h

ei
gh

t (
so

la
r 

ra
di

i)

Φ = 5.0π,  Bet /Bep = 0.42

Φ = 3.5π,  Bet /Bep = 0.67

Φ = 2.5π,  Bet /Bep = 1.06

Figure 8. Comparison of the observed and simulated rise profiles of the flux rope apex, using

the same scaling of lengths in the simulations as in Figure 6 and a start time of the eruption

at 08:48:00 UT. EUVI and COR1 data from Paper I are plotted using the same symbols as in

Figure 6. The 5π, 3.5π, and 2.5π runs of Figures 3–5 are scaled to these data assuming Alfvén

velocities VA0 = 420 km s
−1

, 550 kms
−1

, and 560 kms
−1

, respectively.

cases of oscillating filament threads (Terradas et al., 2008). Five of these lie in
the range ∼ (300–600) km s−1 if the length of the field lines that pass through
the threads is assumed to be ∼ 175 Mm, the length of the erupting structure
estimated in Paper I. An upper bound of order 1000 km s−1 is widely accepted
for old, dispersed active regions like the one considered here.

The rise profiles of the simulation runs shown in Figures 3–5 are scaled and
matched to the observed profile in Figure 8. In selecting the scaling parameters
for the best match, we adopt a start time of the eruption a couple of minutes
before 08:51 UT, as estimated in Paper I. The conclusions drawn from the
comparison do not depend upon the particular start time if chosen in this range.
The value 08:48 UT used in Figure 8 yields the best match of the 3.5π and 2.5π
runs with the observations and lies very close to (30 sec before) the last EUVI
image prior to the occurrence of motions in the prominence along the path of
the CME. Also, we give relatively low priority to the EUVI height data after
10 UT, since these may be smaller than the true heights, as discussed in Paper I.
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The scaled rise profile of the simulation with Φ = 3.5π is found to fit the data
quite well if the Alfvén velocity is chosen in the range VA0 = (540–560) km s−1

and the start time of the simulation is placed in the range 08:45–08:50 UT
(with the earlier time corresponding to the lower VA0). These values appear
very plausible.

We did not succeed to find a satisfactory fit by the higher twisted case. The
corresponding curve in Figure 8 demonstrates this, using the same start time as
for the 3.5π run and VA0 = 420 km s−1. Increasing (decreasing) VA0 leads to a
steeper (flatter) fit curve, i.e., to a better fit at the larger (smaller) heights (if
the start time is adjusted simultaneously), but it is obvious that the curve can
never fit the combined EUVI and COR1 time-height data. Here the phase of
accelerated rise ends too early because the instability grows and saturates too
quickly. The rise profile of this simulation can be stretched on the time axis and
formally be fit to the data if in addition to an unrealistically low Alfvén velocity
of 300 km s−1 (lower than the terminal speed of the CME core) an unrealistically
large extension of the prominence flux of 360 Mm (twice as large as the estimate
in Paper I) are assumed. Both are not acceptable. This comparison with the
data thus argues clearly against the occurrence of high twist and a strong helical
kink instability in the considered event, in spite of the high total rotation.

Assuming the same start time as for the other two runs, the kink-stable low-
twist case (Φ = 2.5π) allows an acceptable approximation of the observed rise
profile, which yields a plausible value of 560 km s−1 for the Alfvén velocity. The
match is slightly worse in comparison to the 3.5π run because the curve does
not reach the height of the first COR1 data point. Reducing VA0, and adjusting
the start time, allows for a nearly perfect match of the COR1 data, similar to
the 3.5π run, but this moves the simulation curve, which already runs above all
EUVI data points, further away from the measurements in this height range, so
that the overall match is degraded.

The origin of the difference lies in the tendency of the torus instability to
spread the main upward acceleration of the flux across a larger height range
than the helical kink instability, which can be clearly seen in Figure 8. The
height range for the torus instability is small only if the field in the source
volume of the eruption decreases very rapidly with distance from the flux rope
position (see Figure 1 in Kliem and Török, 2006), i.e., in very compact active
regions of high field strength, especially in quadrupolar ones. Since AR 10989
was already rather diffuse by the time of the eruption, there is no justification
to make the initial configuration in the simulations more compact for a better
fit of the rise profile by the kink-stable configuration.

3.4. Implications for the 9 April 2008 Eruption

Based on the good quantitative agreement of the simulated rotation and rise
profiles with the observations, Sections 3.1–3.3 yield the following picture. The
rotation profile in the height range h . 20 h0 ≈ 1.5 R⊙ above the photosphere
is well matched by a strongly kink-unstable case (Φ = 5π), a weakly kink-
unstable case (Φ = 3.5π), and a kink-stable case (Φ = 2.5π) if a shear field
of appropriate strength is included in each of them. At greater heights, h ≈
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Figure 9. Comparison of simulated and observed flux rope shape for the kink-stable run

(Φ = 2.5π, Bet/Bep = 1.06; left panels) and the weakly kink-unstable run (Φ = 3.5π,

Bet/Bep = 0.67; right panels) in our parametric search which best match the observed rotation

and rise profiles in their entirety. The STEREO images from Figure 1 are supplemented by an

additional image at 10:26 UT from Paper I. For both runs, some experimenting with the field

line selection was performed until also the observed shape was matched best. This yielded a

flux bundle running slightly under the apex point of the rope’s magnetic axis for the kink-stable

run, as in Figure 5, and a flux bundle enclosing the axis for the kink-unstable run.

(20–30) h0 ≈ (1.5–2.3) R⊙, the comparison yields a clear indication against the

kink-stable case, which enters this range with an accelerated rotation, while the

observed rotation levels off. The kink-stable case also requires a considerably

stronger initial perturbation, lifting the flux rope apex into the torus-unstable

range of heights, i.e., to h & 2.6 h0 = 0.2 R⊙, a value not supported by the

observations. In comparison, the accelerated rise of the kink-unstable cases in
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our simulation series starts essentially from h0 = 0.077 R⊙, relatively close to
the observed onset height of (0.05–0.06) R⊙. The shear field required by the
kink-stable case is comparable to the external poloidal field, Bet/Bep = 1.06.
In a bipolar region, this corresponds to a similar distance between the main
polarities along and across the PIL, which is not supported by AR 10989 as long
as its magnetic structure could be discerned in the approach to the limb (see
Figure 4 in Paper I). The rise profile rules out the strongly kink-unstable case
and yields a further indication against the kink-stable case, albeit only a weak
one. Both the observed shape of the flux rope as a whole and the observed angles
between individual threads and the rope axis can be approximately reproduced
by all three model systems, but the overall match is best for the weakly kink-
unstable case (Figures 3–5). This is substantiated by Figure 9, where we plot
the sets of field lines for this and for the kink-stable case which were found to
match the observations closest, out of many different sets that were considered.

The shape of the erupting flux rope’s magnetic axis in the considered event is
not sufficiently well defined by the observations to allow a clear discrimination
between the three considered cases based on this property alone. Note that for
other events it has proven to be decisive. For example, the shape of the two
erupting filaments modeled in Török and Kliem (2005) could be matched only
if an initial average twist of 5π was assumed, not with a twist of 4π.

Overall, we conclude that both strongly kink-unstable and kink-stable con-
figurations can be excluded with a high degree of certainty, leaving a weakly
kink-unstable initial configuration as the most likely source of the Cartwheel
event. This configuration allows to reproduce the event with observationally
supported values for several key parameters (flux rope length, distance of the
main flux concentrations, initial orientation) and with plausible assumptions for
the magnetic structure (flux rope in a simple bipolar active region) and for the
remaining free parameters (twist and shear field strength).

Regardless of how definite the rejection of the other two cases is considered
to be, the rotation of the erupting flux was primarily caused by a shear field
(Isenberg and Forbes, 2007). Weaker contributions came from the relaxation of
twist (most likely by a weak helical kink instability) and from reconnection with
the ambient field.

4. Discussion

The major simplifying assumptions adopted for the modeling in this paper in-
clude (1) the neglect of the initial mainly axial propagation of the prominence,
(2) the neglect of any asymmetry and complexity introduced by the large-scale
overlying field, and (3) the assumption of a well defined, coherent flux rope
(i.e., the Titov-Démoulin model). We discuss these here to assess their potential
influence on the results.

While the initial propagation of the prominence introduced an asymmetry
and, therefore, definitely had the potential to produce some rotation, we expect
that it could not contribute strongly because the propagation was approximately
along the flux holding the prominence. This does not principally change the
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magnetic configuration and the Lorentz forces which dominate the acceleration
of plasma in the low-beta corona.

The effects belonging to category (2) are likely to be relevant primarily at
considerable heights. AR 10989 was a relatively isolated region of simple, bipolar
structure, and this holds also for its dispersed phase as long as it could be followed
in the approach to the limb. The potential-field source-surface extrapolation
of the photospheric field in Paper I shows that the large-scale coronal field
associated with the polar fields and the heliospheric current sheet began to
dominate already at heights h & 0.3 R⊙ above the photosphere, where the
horizontal field direction nearly reversed. The force by the field component
along the line between the flux rope legs pointed in the direction of a clockwise
rotation above this height, opposite to the force low in the corona. However, the
shear field above ∼ 0.3 R⊙ was weaker than the shear field in the core of the
active region by more than an order of magnitude, so that it could efficiently
counteract the continuing, oppositely directed force by the shear field at low
heights, and the angular momentum of the already rotating flux rope, only by
acting across a considerably larger height range. This is consistent with the fact
that the possible weak reverse rotation occurred only at h > 1.5 R⊙ above the
photosphere. Thus, the rotation caused by the shear field and twist inside the
bipolar active region (at h < 0.3 R⊙) must have been dominant factors for the
rotation in the height range up to ∼ 1.5 R⊙ modeled here. We cannot exclude
that the saturation of the rotation would have occurred at a greater height
if the horizontal field had not changed its direction above the active region,
however, this weakens only one of the three main arguments against the kink-
stable configuration summarized in Section 3.4. The saturation of the rotation
profile, at a very similar height, was also seen in another erupting quiescent
filament (Bemporad, Mierla, and Tripathi, 2011; see their Figure 5).

The effect of the heliospheric current sheet is expected to become important
only at even larger heights. Otherwise, the rotation would not have shown the
saturation near h ∼ 1.5 R⊙ and the possible subsequent slight reverse rotation;
rather the continuation of the rotation to the value of ≈ 150◦ found at 13 R⊙

would have proceeded already in the COR1 height range.
The assumption that erupting flux in CMEs takes the structure of a flux rope

is strongly supported by all available observations. Quantitative differences to
our modeling must occur when initial flux ropes of different structure are used.
These are not likely to be substantial if only details of the structure differ. The he-
lical kink mode is known to not overly depend on the details of the current chan-
nel’s radial structure. This can be seen, for example, from the similar instability
thresholds found in Mikic, Schnack, and van Hoven (1990), Baty and Heyvaerts
(1996), Török, Kliem, and Titov (2004), and Fan and Gibson (2003) although
flux ropes with and without a net current and with straight and arched geome-
tries were investigated. Flux ropes with hollow current channels have recently
been found to be representative of filament channels which have undergone sub-
stantial amounts of flux cancelation (e.g., Su et al., 2011). It is conceivable that
their less compact current distribution leads to smaller rotations than the Titov-
Démoulin equilibrium with the same twist. This will be a subject of future study.
On the other hand, we believe that a strongly kink-unstable configuration of this
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type would likely still not match the observed rise profile. The structure and
strength of the external poloidal and toroidal field components do not depend
upon the details of the flux rope structure, so that two aguments against the
kink-stable configuration, which are based on the required initial lifting and on
the ratio of Bet and Bep, would likely still apply.

An overlying current sheet (Birn, Forbes, and Schindler, 2003) may be of
stronger influence, but we have argued above that this was not the case for
the considered event at the low coronal heights modeled in this paper.

The situation likely changes if the flux rope is far less coherent than the
Titov-Démoulin configuration (Green, Kliem, and Wallace, 2011), especially if
it is split (Bobra, van Ballegooijen, and DeLuca, 2008). The investigation how
such complex cases might change our conclusions must be left for future work.

The comparison of the flux rope rotations found in this paper with the rotation
in the simulation of a breakout CME by Lynch et al. (2009) suggests a strong
dependence upon the existence of a flux rope at the onset of the eruption. In
that simulation, the inflating flux of a continuously sheared arcade did not show
any significant rotation up to a heliocentric height of ≈2 R⊙. Flare reconnection
commenced at this point, which progressively transformed the inner part of the
arcade into a growing flux rope. The flux rope immediately began to rotate. This
process was monitored until the core of the rope reached a heliocentric height
of ≈ 3.5 R⊙. Throughout this range, the rope showed a linear increase of its
rotation angle with height, and the twist in the rope stayed below the threshold
of the helical kink mode. The addition of poloidal flux by flare reconnection was
largely complete in the middle of the height interval. The rotation profile in this
model differs principally from the data presented here, even if only the height
range >2 R⊙ is considered, where a flux rope did exist. This suggests that the
presence of a flux rope at the onset of the eruption was a key feature of the
Cartwheel event.

An interesting result of our parametric study is that the erupting flux rope
did always show some amount of rotation, even in the shear-free, kink-stable
case included in Figure 6. We expect this to be generally valid if coherent force-
free flux ropes are considered as the initial condition, because such ropes always
possess twist. An untwisted flux tube, known as a Theta pinch, requires a radial
pressure gradient to attain equilibrium. This is not available if the plasma beta
is very small, as expected for the lower coronal part of active regions. Whether
the observations support the occurrence of rotation in essentially all events does
not yet seem to be clear. For example, Muglach, Wang, and Kliem (2009) report
that only about 10 cases of unambiguous rotation in erupting filaments not very
far from Sun center could be identified in the EUV observations by the EIT
instrument (Delaboudinière et al., 1995) for the whole solar cycle 23. However,
many cases of only moderate rotation may remain undetected in such data, due
to the projection in the plane of the sky. Yurchyshyn, Abramenko, and Tripathi
(2009) report 101 partial and full halo CMEs which show a very broad distri-
bution of the difference between the estimated initial and final orientations at
distances up to 30 R⊙; these angles do not show a clustering at zero degrees.
However, they represent the net effect of rotation in the corona and in the inner
solar wind where the heliospheric current sheet likely dominates. If the fraction of
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non-rotating events is relatively small, then a plausible explanation is that other
processes counteract the rotation by twist relaxation and the shear field in these
cases, for example reconnection with the ambient field. If the fraction is large,
then such nearly exact cancelation of rotations is unlikely to be the primary
explanation. The implication would then be that the current distribution in the
erupting field is often less compact or less coherent than in the Titov-Démoulin
flux rope, including the possibility that a flux rope does not yet exist at the
onset of the eruption.

5. Conclusions

Our parametric study of force-free flux ropes which erupt from simple bipolar
source regions with no overlying current sheet and rotate about the direction of
ascent yields the following conclusions.

1) Both the force by an external shear field componentBet (Isenberg and Forbes, 2007)
and the relaxation of twist Φ (e.g., Török, Berger, and Kliem, 2010), are poten-
tially very significant contributors to the rotation.

2) For parameters typical of CME source regions, in particular if the sources
of the external stabilizing field (usually the main flux concentrations next to
the PIL) have a smaller distance than the footpoints of the erupting flux, the
shear field yields the dominant contribution to the rotation for a wide range
of shear field strengths. The relaxation of twist remains the weaker contributor
under these conditions, even if it is sufficiently high to trigger the helical kink
instability. However, since twist always exists in force-free flux ropes, it always
causes at least some rotation. Strong rotations (& 90◦) can be produced by the
twist alone, but only for considerably larger distances between the sources of the
external stabilizing field than typically observed.

3) The rotation in low-beta plasma is not guided by the changing orientation
of the PIL with height. For the geometrical conditions typical of CME source
regions, it is opposite in direction (see the Appendix).

4) For a given chirality of the configuration, the external shear field and
the twist cause flux rope rotation in the same direction, which is clockwise for
right-handed field and counterclockwise for left-handed field if seen from above.

5) The two processes are related to each other when considered in terms of
magnetic helicity. Both convert initial twist helicity of the flux rope into writhe
helicity. The same total rotation, and rotation profiles which are very similar
in a substantial part of the total height range of rotation, result in a range of
Bet–Φ combinations.

6) The rotation due to twist relaxation tends to act mainly low in the corona,
in a height range up to only a few times the distance between the footpoints of
the erupting flux. The rotation by the shear field tends to be distributed across
a larger height range.

7) The mere fact that erupting flux rotates does not by itself imply that the
helical kink instability occurred.

8) The relative contributions to the total rotation by the shear field and by
the twist can be disentangled by comparing both the observed rotation and rise
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profiles with the corresponding curves from a model, since these profiles possess
a different dependence upon the Bet–Φ parameter combination. The resulting
estimate for the twist allows one to judge the occurrence of the helical kink
instability.

9) Magnetic reconnection contributes only weakly (much less than the shear
field) to the total rotation in the simple bipolar source regions considered.

From the comparison with the simulation of rotating flux in Lynch et al.
(2009) we conclude:

10) The rotation profile differs strongly between configurations with and
without a flux rope at the onset of the eruption.

The comparison with the stereoscopic observations and three-dimensional
reconstruction of the erupting prominence in the 9 April 2008 “Cartwheel CME”
additionally shows the following.

11) The rotation profile obtained in Paper I from the stereoscopic reconstruc-
tion of STEREO data is equally well reproduced by our model up to heights
≈ 1.5 R⊙ above the photosphere for a range of Φ–Bet combinations which
include a strongly kink-unstable case (Φ = 5π, Bet/Bep = 0.42), a weakly kink-
unstable case (Φ = 3.5π, Bet/Bep = 0.67), and a kink-stable case (Φ = 2.5π,
Bet/Bep = 1.06). However, the strongly kink-unstable configuration is ruled out
by the simultaneous consideration of the rise profile, and several features of
the kink-stable model argue strongly against this configuration. These are the
implied high value of the shear field, the rotation profile at greater heights, and
the unrealistic start height of the unstable rise of≈0.2R⊙. Hence, the occurrence
of a weak helical kink instability in the Cartwheel event is very likely.

Our results add to the complexity of the phenomenon of flux rope rotation in
eruptions which is already known from investigations that focused on the influ-
ence of reconnection (e.g., Jacobs et al., 2009; Shiota et al., 2010; Cohen et al.,
2010; Thompson, 2011; Lugaz et al., 2011). An overall very complicated de-
pendence on several parameters and on the structure of the ambient field is
revealed. Thus, the quantitative prediction of the rotation is a difficult task.
The parametric study performed here indicates for simple bipolar source regions
that the strength of the external shear field is the primary parameter determining
the total rotation. The twist and the height profile of the external poloidal field
are of relatively minor importance as long as they stay in the typical ranges
indicated by the observations. We did not yet study a possible influence of the
height profile of the external shear field. The external shear field of filament
channels may be estimated to sufficient precision from a simple linear force-
free field extrapolation. It will be worth testing whether numerical modeling
starting from such fields, embedded in current-free outer field, yields rotations
in agreement with observations of eruptions from bipolar source regions.

Several investigations indicate that erupting flux ropes align with the he-
liospheric current sheet in the course of their interplanetary propagation (e.g.,
Bothmer and Schwenn, 1998; Yurchyshyn, 2008; Paper I). This suggests that the
coronal rotation merely decides whether a parallel or an antiparallel alignment
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Figure 10. Visualization of the weakly kink-unstable modified Titov-Démoulin equilibrium

(Φ = 3.5π, Bet/Bep = 0.67; Figures 2 and 4) whose eruption characteristics match the

observations of the Cartwheel CME best (top panel) and of the corresponding external field

(bottom left) and potential field (bottom right). The magnetogram and field lines starting in

the photospheric flux concentrations are shown.

will result at 1 AU. However, since complex physics is involved and since rota-
tions on the order of 90◦ may not be rare, the quantitative study of the effects
that determine the rotation in the corona remains of high scientific and practical
interest.

Appendix

There are quite strong indications that CMEs align with the heliospheric current
sheet in the course of their propagation, i.e., with the PIL in the solar wind (see
references in Section 5). This leads to the question whether the PIL guides the
rotation of erupting flux ropes also in the corona. Here the PIL formed by the
external field, due to sources outside the flux rope, must be considered. We use
“CPIL” to denote this structure in the corona, where β < 1. The heliospheric
current sheet and the CPIL differ in two properties of relevance here. First, in
the solar wind β > 1, so that the pressure gradient is generally dominant over the
Lorentz force, while the opposite is true in the corona. Second, the heliospheric
current sheet is the location of pressure gradients and Lorentz forces, while
the CPIL generally lacks both. In the low-beta corona, currents are induced at
separatrix surfaces, or at quasi separatrix layers, if the equilibrium is perturbed
or lost. The CPIL generally does not coincide with these structures. Therefore,
the CPIL should not influence the rotation of erupting flux ropes in this height
range.

Figure 10 shows the initial equilibrium of the weakly kink-unstable run which
matches the Cartwheel event best, the corresponding external field, and the
potential field that results when the full magnetogram of the vertical field com-
ponent of the equilibrium, Bz(x, y, 0), is extrapolated into the volume above. The
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Figure 11. Orientation of the PIL in the external field of the configuration shown in Figure 10

at the position of the flux rope and different heights. The orientation is indicated by a black

line.

Figure 12. Same as Figure 11 for the potential field of the configuration shown in Figure 10.

full magnetogram includes the contributions from the flux rope, which are ex-
cluded from the external field. The CPIL of this configuration at the photospheric
and three coronal levels is shown in Figure 11. The CPIL changes its orientation
in a clockwise sense if one goes upward, but the unstable flux rope rotates in a
counterclockwise direction, since it is left handed. The clockwise changing CPIL
orientation results from the dominance of the external toroidal field, Bet, over
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the external poloidal field, Bep, at great heights. This situation can typically be
expected to occur because Bet typically has a larger spatial scale than Bep (set
by the distance between the sources in the photosphere). The important fact
here is that the CPIL does not appear to have any significant influence on the
rotation of the flux rope in the zero-beta simulations performed in this paper.
For the reasons given above, this is valid also if other height profiles of Bet or
Bep lead to a different profile of the CPIL orientation with height.

Finally, we consider the approximation of the true CPIL by the PIL in a
potential-field extrapolation of the full photospheric magnetogram, Bz(x, y, 0).
In practice, it is difficult or even impossible to determine the external field. This
requires the determination of the coronal currents through a nonlinear force-
free extrapolation from a vector magnetogram. The former is still difficult to
carry out and the latter may not be available. The PIL in the potential field
extrapolated from the magnetogram of the weakly kink-unstable configuration
in Figure 10 is shown in Figure 12. Its orientation vs. height is very similar to
the behavior of the true CPIL. This supports the conclusions drawn in Paper I
from a potential-field source-surface extrapolation for the source region of the
Cartwheel CME.
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Reconciling the electron counterstreaming and
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budget

M. J. Owens1 and N. U. Crooker1

Received 4 November 2006; revised 29 January 2007; accepted 8 February 2007; published 5 June 2007.

[1] Counterstreaming electrons (CSEs) are treated as signatures of closed magnetic flux,
i.e., loops connected to the Sun at both ends. However, CSEs at 1 AU likely fade as the
apex of a closed loop passes beyond some distance R, owing to scattering of the
sunward beam along its continually increasing path length. The remaining antisunward
beam at 1 AU would then give a false signature of open flux. Subsequent opening of a
loop at the Sun by interchange reconnection with an open field line would produce an
electron dropout (ED) at 1 AU, as if two open field lines were reconnecting to completely
disconnect from the Sun. Thus EDs can be signatures of interchange reconnection as
well as the commonly attributed disconnection. We incorporate CSE fadeout into a model
that matches time-varying closed flux from interplanetary coronal mass ejections (ICMEs)
to the solar cycle variation in heliospheric flux. Using the observed occurrence rate of
CSEs at solar maximum, the model estimates R � 8–10 AU. Hence we demonstrate that
EDs should be much rarer than CSEs at 1 AU, as EDs can only be detected when the
juncture points of reconnected field lines lie sunward of the detector, whereas CSEs
continue to be detected in the legs of all loops that have expanded beyond the detector, out
to R. We also demonstrate that if closed flux added to the heliosphere by ICMEs is instead
balanced by disconnection elsewhere, then ED occurrence at 1 AU would still be rare,
contrary to earlier expectations.

Citation: Owens, M. J., and N. U. Crooker (2007), Reconciling the electron counterstreaming and dropout occurrence rates with the

heliospheric flux budget, J. Geophys. Res., 112, A06106, doi:10.1029/2006JA012159.

1. Introduction

[2] Suprathermal electrons have long been used as tracers
of the topology of the heliospheric magnetic field (HMF),
with a single field-aligned beam (or ‘‘strahl’’) being indica-
tive of open magnetic flux and counterstreaming electron
(CSE) beams signifying flux with both foot points rooted at
the Sun (the energization of electrons far from the Sun, such
as at corotating shocks and planetary sources, is likely to
produce a negligible contribution to the total CSE rate
observed at 1 AU [e.g., Wimmer-Schweingruber et al.,
2006, and references therein]). The closed flux topologies
indicated by CSEs are strongly associated with interplanetary
coronal mass ejections (ICMEs) [Gosling et al., 1987].
Periods when no field-aligned suprathermal electron beams
are observed, termed ‘‘heat flux dropouts’’ (HFDs), were
initially thought to be signatures of reconnection between
open field lines resulting in flux completely disconnected
from the Sun (see also the bottom panels of Figure 1
[McComas et al., 1989]).McComas et al. [1989] argued that
disconnection must be the means of balancing the closed flux

introduced to the heliosphere from CMEs. A balance is
required to avoid any buildup over the solar cycle. They also
noted, however, that the scarcity of HFDs observed in the
solar wind at 1 AU seemed inconsistent with this view.
Following Gosling et al. [1995], Crooker et al. [2002]
pointed out that there is no inconsistency if ICME fields
open via ‘‘interchange reconnection’’ between the legs of the
closed loops and open fields close to the Sun (illustrated in
the top panels of Figure 1), in which case no disconnection is
required.
[3] Owens and Crooker [2006] (hereafter ‘‘Paper 1’’)

expanded on the ideas of Crooker et al. [2002] to show that
if the closed fields in ICMEs open slowly (over many tens of
days), their flux contribution is sufficient to explain the solar
cycle doubling in HMF intensity observed at 1 AU. They
developed a quantitative model of the heliospheric flux
consisting of two components: constant open flux from
large-scale coronal holes and time-varying closed flux accu-
mulated fromCMEs. Here we further develop themodel so as
to predict suprathermal electron signatures of heliospheric
flux buildup from long-lived ICME closed flux. We demon-
strate how HFDs can result from interchange reconnection as
well as disconnection, and we conclude that the HFD
occurrence rate at 1 AU for either process should be much
lower than the occurrence rate of CSEs, in agreement with
observations.
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[4] Throughout the rest of this paper, we use the more
specific ‘‘electron dropout’’ (ED) in place of HFD to
designate a drop in total electron number density in the
suprathermal energy range, since heat flux can drop through
a redistribution in pitch angle as well as through discon-
nection [e.g., Pagel et al., 2005].

2. Heliospheric Flux From CMEs

[5] To calculate the expected suprathermal electron signa-
tures of long-lived ICME closed flux, we must adapt the
model of heliospheric flux outlined in Paper 1 to account for
the effects of nonzero propagation time of both the ICME
closed loops and newly opened flux. Figure 1 shows an
overview of two possible types of heliospheric flux evolu-
tion: The top panels show how flux added by ICMEs is
removed by opening the ICME flux via interchange recon-
nection, and the bottom panels show how the ICME-added
flux can be balanced by disconnecting the same amount of
open flux. Each line represents a flux tube containing flux
Df. We first consider the interchange reconnection scenario.
The open flux (black lines) contributesF0 (=6Df as shown in
the figure) to the total flux threading a sphere at a heliocentric
distance r, denoted Fr. Although the topology of open flux
changes with the evolving ICME flux, F0 remains constant
with time.
[6] At time t0, the CME erupts and carries a posteruption

axial flux of f0 (=4Df as shown in the figure), where f0 =

(1 � D)fA, D being the fraction of flux that opens during
CME formation and fA the total axial flux content of the
CME. This new flux system can only contribute to Fr once
the loops reach r, i.e., when t� t0 + v/r, where v is the transit
speed of the ICME. (We do not consider the time required for
an ICME to move past an observer at r, which depends upon
both the ICME radial width and expansion speed.) The closed
flux contribution (blue lines) FC at t � t0 + r/v is 2f0, since
each flux tube intersects the sphere of radius r twice, minus
any opened flux. Newly opened ICME flux (red lines) takes a
time r/v to propagate to r, during which it will continue to
contribute to Fr as if it were closed. We refer to this flux
system as the ‘‘inverted flux’’ FI.
[7] For disconnection, in contrast to interchange recon-

nection, the closed flux contribution of a CME f is
constant. The open flux contribution decays at the exact
same rate at which ICME flux opens in the interchange
reconnection scenario, since the same amount of flux added
to the heliosphere by CMEs must be removed over the solar
cycle. Consequently, the instantaneous value of Fr is the
same for disconnection and interchange reconnection, but
the contributing flux systems are different, as shown
Figure 1. The disconnected flux contribution (FD, solid
red lines) to Fr is equal to the inverted flux contribution
FI.
[8] Thus Fr, the flux threading a heliocentric sphere of

radius r, can be considered to consist of three components:

Figure 1. A sketch of the various flux systems that contribute to the total heliospheric flux at a distance
r (Fr). Each line represents a flux tube containing flux Df. The top panels show interchange
reconnection: The total open flux contribution (F0, shown as black lines) is constant with time. Blue lines
indicate closed flux: Initially the CME contributes 2f0 (where f0 is the total posteruption axial flux), as
each flux tube intersects the sphere of radius r twice. In a time Dt, Df of this closed flux will open via
interchange reconnection close to the Sun, or Df of open flux will disconnect. There is also a
contribution to Fr from ‘‘inverted’’ flux for interchange reconnection, shown as red lines: This is the
result of newly reconnected field lines yet to propagate to r. The bottom panels show disconnection: The
injected closed flux is balanced by a reduction in the open flux. Solid red lines show the disconnected
flux yet to propagate to r.
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[9] Interchange reconnection:

Fr ¼ F0 þ FC þ FI

¼ F0 þ 2 f0 �
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[10] Disconnection:

Fr ¼ F0 þ FC þ FD
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where fC is the instantaneous ICME closed flux. The rate of
reconnection, involving either open flux disconnection or
closed ICME flux opening, is determined by the heliospheric
flux budget and must therefore be equal. As in Paper 1, we
consider two forms for the reconnection rate: (1) a constant
k and (2) proportional to the amount of closed flux. Thus
for t � t0 + f/k:
[11] (1) Constant reconnection rate:
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[12] (2) Reconnection rate proportional to f:
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 ð2Þ

For t > t0 + f/k, all the closed flux has opened in the
constant flux-opening rate model, and thus k becomes zero.
[13] Combining equations (1) and (2) yields the same

equations for Fr for both disconnection and interchange
reconnection:
[14] (1) Constant reconnection rate:

Fr ¼ F0 þ 2 f0 � k t � t0ð Þ½ 
 þ 2kr=v

[15] (2) Reconnection rate proportional to f:

Fr ¼ F0 þ 2f0 exp �l t � t0ð Þ½ 


þ 2f0 exp �l t � t0ð Þ½ 
 exp
rl

v

� 	

� 1


 �

ð3Þ

[16] The black lines in Figure 2 show the total flux
contribution of a single ICME to a sphere of radius r =
1 AU (i.e.,F1AU) as a function of time past the CME eruption
time. Solid (dashed) lines show the exponential (constant)
flux-opening model. The top-left panel gives results for
ICME opening via interchange reconnection. There is no
contribution toF1AU until�3–4 days, when the leading edge
of the ICME reaches 1 AU. (An ICME transit speed of
450 km/s is assumed.) The blue and red lines show the
contributions from closed and inverted flux, respectively.
[17] The bottom-left panel of Figure 2 gives results for

disconnection. The increase in heliospheric flux at r is

shown by the black lines and is identical to that of
interchange reconnection. The closed flux contribution
(blue lines) is constant, but the overall flux decreases
because of a decrease in the open flux (not shown).
[18] To estimate the total ICME contribution to the helio-

spheric flux, it is necessary to sum over all ICMEs in the
heliosphere that have both propagated to r and that still
contain some closed flux. Assuming there are N such ejecta
at time t, the total flux for both disconnection and inter-
change reconnection is given by:
[19] (1) Constant reconnection rate:

Fr tð Þ ¼ F0 þ
X

N

n¼1

2 f
n
0 � kn t � tn0

 �� �

þ
X

N

n¼1

2knr=vn

[20] (2) Reconnection rate proportional to f:

Fr tð Þ ¼ F0 þ
X

N

n¼1

2fn
0 exp �l

n t � tn0
 �� �

þ
X

N

n¼1

2fn
0 exp �l

n t � tn0
 �� �

exp
rln

vn

� 	

� 1


 �

ð4Þ

where the superscript n is used to index the ICMEs (and
their properties) in the heliosphere.

3. Implications for Electron Observations

[21] In this section we consider the implications of inter-
change reconnection and disconnection on observable in situ
electron signatures. Figure 3 shows the suprathermal electron
strahl direction (red arrows) along magnetic field lines (black
lines) for various heliospheric flux systems. The top two sets
of panels show ICME flux opening by interchange recon-
nection. In a ‘‘fast’’ ICME flux-opening scenario (Figure 3a),
closed loops always exhibit a CSE signature, whereas open
field lines (including the inverted flux) always exhibit a
single strahl. For the ‘‘slow’’ ICME flux-opening scenario
(Figure 3b), we consider the consequences of suprathermal
electron scattering. The blue shaded region shows the helio-
centric distance beyond which we assume that sunward
electron beams can no longer reach the observing site, having
scattered in some unspecified way along the long path from
the far foot point. For clarity, the substantial increase in field-
line length owing to solar rotation (illustrated in Figure 6) has
been ignored here. If ICMEs remain closed for long periods,
their CSE signatures will fade when their leading edges reach
such distances. When interchange reconnection eventually
opens the ICME flux, the remaining antisunward electron
beam will be cut off, leaving the inverted flux devoid of
suprathermal electrons. This electron dropout was originally
thought to signify only flux completely disconnected from
the Sun [McComas et al. [1989], as discussed below]. In our
interpretation, EDs could also be signatures of ICME closed
loops opening over very long timescales.
[22] Thus for t � t0 + R/v, where R is the distance from

the Sun where the field lines are sufficiently long that the
sunward electron strahl scatters, the signature of closed flux
switches from a CSE signature to a single antisunward
strahl (and thus is indistinguishable from open flux), and the
signature of inverted flux switches from a sunward single
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strahl to an ED. The signature of true open flux remains
unchanged as a single strahl throughout this process. The
top-right panel of Figure 2 shows the total flux contribution
to Fr from an ICME as a function of time past CME
eruption (black dashed lines), and the fractions of that flux
displaying CSEs (red) and EDs (blue), assuming the supra-
thermal electron strahl scatters at a distance R = 10 AU.
[23] Despite disconnection and interchange reconnec-

tion producing the same values for the magnitude of the
heliospheric magnetic flux, they may produce different
suprathermal electron signatures: Disconnection involves
destruction and creation of open flux, which are topologically
different from the conservation of open flux that occurs with
interchange reconnection. The bottom-right panel of Figure 2
shows the electron signatures for disconnection, with red
lines showing EDs resulting from true disconnection. Unlike
interchange reconnection, these ED signatures are present
both before and after the ICME leading edge reaches the
suprathermal electron fadeout distance. The closed field

contribution will display CSEs until the ICME leading edge
reaches R (blue lines).
[24] In the following sections we use these heliospheric

flux models to quantitatively estimate how frequently CSE
and ED signatures should be observed at 1 AU.

4. Static Equilibrium

[25] As in Paper 1, it is instructive first to investigate a
static equilibrium wherein CMEs are injected into the
heliosphere at a constant frequency f. Thus Dt, the time
between consecutive CMEs, is simply 1/f.
[26] At a time t, the last ICME contributing to Fr (i.e., the

Nth ICME) is the last ejection to reach just to the height of
observation (r). Hence N = 1 + (t � r/v)/Dt. The injection
time of the nth CME is then given by:

tn0 ¼ tN0 �
r

v
�Dt N � nð Þ ¼

n� 1

f
ð5Þ

Figure 2. Flux contribution from a single ICME to the total flux threading a heliocentric sphere of
radius 1 AU (F1AU) as a function of time past CME launch. The top (bottom) two panels show ICME
fields opening via interchange reconnection (being balanced by open flux disconnection). Solid (dashed)
lines show the exponential (constant) flux-opening model. The left panels show the total contribution of
the ICME to F1AU (black lines), along with the individual contributions from closed (blue) and inverted/
disconnected (red) flux systems. The right panel again shows the total contribution of a single CME to
F1AU (black lines), but with the fraction of that flux exhibiting counterstreaming electrons (blue) and
electron dropouts (red), assuming suprathermal electrons scatter when the leading edge of the CME
reaches 10 AU. See also Figure 3.
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For the constant reconnection rate mode, there is a limit to
the number of ICMEs that can contribute to the heliospheric
flux: For the interchange reconnection scenario, an ICME
has no closed flux after a time tC = f0/k and will not
contribute to the inverted flux after a time tF = f0/k + r/v.
Thus the earliest ICME that can still contribute to the closed
(inverted) flux system is n = f [t � tC] (n = f [t � tF]),
rounded up to the nearest positive integer.
[27] Assuming all CMEs have the same properties (i.e.,

f0
n, ln, and vn can be represented by average values f0, l,

and v, respectively), we express the flux at r resulting from
both disconnection and interchange reconnection as:
[28] (1) Constant reconnection rate:

Fr tð Þ ¼ F0 þ
X

N

n¼f t�tCð Þ

2 F0 � k t �
n� 1

f


 �� 	

þ
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2
kr

v

¼ F0 þ
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f
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[29] (2) Reconnection rate proportional to f:

Fr tð Þ ¼ F0 þ
X
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f
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[30] As an equilibrium is attained (i.e., as t ! 1), these
expressions simplify to:
[31] (1) Constant reconnection rate:

Fr tð Þ ¼ F0 þ f0 1þ
f f0

k


 �

þ
kfr2 þ krv

v2

[32] (2) Reconnection rate proportional to f:

Fr tð Þ ¼ F0 þ
2f0

1� exp l=f½ 

ð7Þ

[33] By considering solar minimum and maximum con-
ditions separately (see Table 1 and Paper 1), and assuming
radial flux is constant over the heliocentric sphere (i.e., Fr =
4pr2jBRADj, where jBRADj is the radial magnetic field
strength at r), we find the following: (1) k = 1.4 Wb/day,
which translates to half the posteruption flux opening (or the
equivalent open flux disconnecting) in 55 days, and F0 =
9.3 � 1014 Wb, and (2) l = 2.1 � 10�7 days, which
translates to a closed flux half-life (or timescale for discon-
nection of open flux) of �38 days, and F0 = 9.4 � 1014 Wb.
These estimates of the reconnection rates are the same as in
Paper 1 because the additional inverted/disconnected flux
contributions are negligible. This implies that EDs should
only comprise a tiny fraction of the total flux, since in the
interchange reconnection (disconnection) scenario, EDs can
only be produced on this inverted (disconnected) flux system.

Figure 3. Suprathermal electron signatures of heliospheric flux buildup. Magnetic field lines are shown as
solid black lines/arrows and electron beams by red arrows. The dashed line represents a surface at the
heliocentric distance at which flux is observed. The top two panels show interchange reconnection: In the case
of (a) ‘‘fast’’ ICME flux-opening, closed flux is identifiable by a counterstreaming electron (CSE) signature,
which is removed once interchange reconnection opens the loop. However, for (b) ‘‘slow’’ flux-opening, it is
necessary to consider the effect of suprathermal electron scattering due to the length of field lines. This can
result in no CSE signature on closed loops, and electron dropouts on inverted flux systems. The bottom panel
shows ICME flux balanced by disconnection of open flux, which immediately results in ED signatures.
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[34] As in Paper 1, we note that because the axial flux of
magnetic clouds is being used as the value for all CMEs, f is
probably being overestimated. Hence the derived ICME flux-
opening (open flux disconnection) times are best regarded as
lower limits. On the other hand, Figure 2 shows that even
for a constant (exponential) reconnection half-life as low
as 55 (38) days, around a sixth (third) of the CME
posteruption flux, which is a 12th (sixth) of the total axial
flux, still remains closed after 100 days.

[35] Figure 4 shows the percentage flux at 1 AU expected
to exhibit CSE (blue) and ED (red) signatures for CME
frequencies at solar minimum (left panel) and solar maxi-
mum (right panel) over a range of values for R (the ICME
distance beyond which the sunward suprathermal electron
strahl at 1 AU fades out). Dashed (solid) lines show
constant (exponential) reconnection times with a half-life
of (55) 38 days and a background open flux of 9.3 � 1014

(9.4 � 1014) Wb. The percentage of total flux displaying
CSE and ED signatures in Figure 4 directly translates to the
percentage of time CSE and ED signatures are expected at
1 AU (i.e., the rate of occurrence). The top panels show
the results for interchange reconnection: Our model of
heliospheric flux evolution with best observation estimates
for the required parameters predicts that ED signatures
should be rare (i.e., limited to �5%), even at solar
maximum. CSE signatures are predicted to show a strong
solar cycle variation, although the exact numbers depend
strongly on the distance at which the strahl scatters.
[36] Ulysses observations have shown that CSEs persist

to at least to 5 AU [Crooker et al., 2004; Riley et al., 2004],

Table 1. Observational Estimates for the Parameters of the

Heliospheric Flux Budget Calculation

Parameter Symbol Value

Average Solar Maximum jBj at 1 AU jBMAXj 8 nT
Average Solar Minimum jBj at 1 AU jBMINj 5 nT
Average Solar Maximum CME Rate fMAX 4 day�1

Average Solar Minimum CME Rate fMIN 1/3 day�1

Typical Axial Flux in an ICME fA
3 � 1012 Wb

Typical Fraction of f that Opens at Formation D 0.5

Figure 4. Predicted percentages of CSE (blue) and ED (red) signatures for CME frequencies at solar
minimum (left) and maximum (right) at 1 AU, for a range of R, the distance at which the suprathermal
electron strahl scatters. Top (bottom) panels show the interchange reconnection (disconnection) methods
of reducing heliospheric flux. Dashed (solid) lines show constant (exponential) ICME flux opening with
a half-life of (55) 38 days and a background open flux of 9.3 � 1014 (9.4 � 1014) Wb is used. Note the
logarithmic scale on both axes.
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which means that a lower bound of 5 AU can be placed on
R. This limits the predicted occurrence rate of CSEs to �1–
6% at solar minimum, rising to �8–40% at solar maximum.
Gosling et al. [1992] examined the ISEE 3 electron data and
observed counterstreaming 15% of the time near maximum
of solar cycle 22. From this value we obtain an estimate for
R of 8 AU, as indicated by where the black line intersects
the blue curves in the top-right panel of Figure 4.
[37] The bottom panels of Figure 4 show the equivalent

results for disconnection: Contrary to McComas et al.
[1992], we find that disconnection should not produce an
abundance of ED signatures at 1 AU. However, the discon-
nection scenario produces more CSE signatures than the
interchange reconnection scenario, with the observations of
Gosling et al. [1992] best matched by R = 6 AU.

5. Dynamic Simulations

[38] In this section, the models are driven using the CME
eruption times listed in the LASCO CME catalogue

[Yashiro et al., 2004], following an initiation period with
a constant rate of 0.5 day�1. At each time step, equation (4)
is solved. Figure 5 shows the simulated magnetic flux and
suprathermal electron signatures at 1 AU. Gray panels show
times when LASCO observations were unavailable. Solid
(dashed) lines show the exponential (constant) reconnection
model with a half-life of 38 (55) days. The red plots in the
top panel show the model-predicted magnetic field intensi-
ties at 1 AU, while the black line shows the observed value
taken from the National Space Science Center (OMNI) data,
averaged over 50 days (this long timescale is required for
the observed magnetic field strength to be representative of
the heliospheric flux [Lockwood et al., 2004]). As in Paper 1,
we find good agreement with the overall solar cycle variation
of jBj at 1 AU.
[39] The bottom-left (bottom-right) panel of Figure 5

shows the model-predicted occurrence of CSE and ED
signatures at 1 AU for the interchange reconnection (discon-
nection) process, assuming the strahl scatters at 8 AU (6 AU).
It is immediately obvious that interchange reconnection and

Figure 5. Magnetic flux and suprathermal electron signatures for simulations driven with LASCO-
observed CME eruption times. Gray-shaded regions are times when LASCO observations were
unavailable. Solid (dashed) lines show the exponential (constant) flux-opening model with a half-life of
38 (55) days. The top panel shows the model-predicted (red) and observed (black) magnetic field
intensity at 1 AU: As in Paper 1, a good agreement is found. The bottom-left (bottom-right) panel shows
the model-predicted occurrence of CSE and ED signatures at 1 AU for the interchange reconnection
(disconnection) process, assuming the strahl scatters at 8 AU (6 AU). Observed occurrence rates of CSEs
(EDs) are shown as black lines with blue (red) circles.
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disconnection can produce very similar electron signatures at
1 AU, although different values of R were used. Since here
we do not model the latitudinal confinement of CME sig-
natures at solar minimum, the CSE and ED signatures are
probably underestimated at this time. At solar maximum, the
occurrence of CSEs is highly variable, with a mean value of
�25%, slightly higher than Gosling et al.’s [1992] estimate
for the previous cycle. Atminimum of cycle 22,Gosling et al.
[1992] found very few periods with CSE signatures (�1%),
although the total data coverage at that time was poor
(20%). This is also lower than the model prediction for
cycle 23. Using data from the ACE spacecraft, Skoug et al.
[2000] reported a slightly higher occurrence rate for CSEs
of �16% on the rise to the maximum of cycle 23 (shown as
black line with blue circles in Figure 5), in close agreement
with the model. For both interchange reconnection and
disconnection, the occurrence of EDs remains below the
5–7% level throughout the simulation, which is roughly a
factor 4–5 lower than the CSE occurrence rate. These low
ED percentages suggest consistency with their perceived
rarity in the heliosphere [Pagel et al., 2005]. What is new is
the model demonstration that this rarity does not imply an
imbalance in the heliospheric flux budget. Thus the available
suprathermal electron observations for the modeled solar
cycle are in general agreement with the model of heliospheric
flux evolution via interchange reconnection with R � 8 AU
and via disconnection with R � 6 AU.

6. Discussion

[40] We have extended the heliospheric flux model of
Owens and Crooker [2006] to predict the suprathermal
electron signatures of heliospheric flux buildup from coronal
mass ejections. We assume that either the closed fields of the
ejecta open via interchange reconnection or disconnection
occurs elsewhere: Both methods produce similar electron
signatures at 1 AU.We find that the distance R beyond which
suprathermal electrons fail to return to the observing point as
sunward counterstreaming beams on closed loops owing to
scattering is a critical parameter in determining the predicted
occurrence rate of counterstreaming electrons and electron
dropouts at 1 AU. Indeed, R may provide a means to
differentiate between interchange reconnection and discon-
nection. CSE observations are best matched when R� 8 AU
for interchange reconnection and when R � 6 AU for
disconnection. The former seems to be the more reasonable
value since counterstreaming is commonly observed at 5 AU
[e.g., Crooker et al., 2004]. The spiral nature of the field lines
means that these R values are equivalent to a scattering
distance �30–40 AU, as illustrated in Figure 6.
[41] Our model assumes only that the sunward supra-

thermal electron strahl scatters once field lines reach a
certain length. Adiabatic effects must also play a role.
Figure 6 shows an ICME field line when the leading edge
of the ejecta is at 8 AU. Suprathermal electrons must travel
�40 AU to provide the counterstreaming signature at 1 AU.
Note that the antisunward (sunward) traveling electrons are
moving into weaker (stronger) magnetic fields and therefore
will be adiabatically focused (defocused). However, rather
than focussing with distance from the Sun, electron beams
are observed to broaden owing to scattering [Hammond
et al., 1996;Maksimovic et al., 2005]. An adiabatic sunward

return of these broadened strahls will then further defocus
them. Hence a field line may exhibit CSEs at 8 AU but only a
single strahl at 1 AU. This effect implies a slight over-
prediction of CSE and underprediction of ED occurrence
rates over the solar cycle.
[42] Assuming the counterstreaming electron beam at

1 AU fades when the ICME leading edge is at 6–8 AU, the
simulation with LASCO-observed CME times predicts the
following 1-AU occurrence rates: CSEs are expected to be
observed�5% of the time at solar minimum, rising to�25–
30% of the time at solar maximum. These numbers are
slightly higher than those reported by Gosling et al. [1992]
for the previous solar cycle but in agreement with those
reported by Skoug et al. [2000] for the modeled solar cycle.
EDs are expected to be rare throughout the solar cycle,
varying from �1% at solar minimum to �5% at solar
maximum. Although ED occurrence rates are difficult to
determine, the HFD rate of 6% during the rising phase of
solar cycle 23 minus the �1% rate of those HFDs that are
clearly cases of pitch angle scattering gives�5% as an upper
limit [Pagel et al., 2005]. Further analysis is underway to
provide a more accurate estimate of the ED occurrence rate.
[43] This prediction of negligible ED occurrence rates

compared to CSE rates at 1 AU is one of the most important
findings of the model. These contrast with the expectations
of McComas et al. [1992]. They estimated that during the
18 months leading to the maximum of solar cycle 22, the
amount of closed flux introduced by CMEs was four times
the amount of disconnected flux created elsewhere, based
upon HFD observations, and implied that these should be
the same to achieve flux balance. In our models, the amount
of closed flux introduced by CMEs is fully balanced by the
amount of flux that interchange reconnects or disconnects to
produce EDs, as it must be; but the long timescale over
which the balancing process occurs compared to the 1-AU

Figure 6. An illustration of the effect of solar rotation on
the magnetic field line (black lines) length of ICMEs. When
the leading edge of an ICME is at 8 AU, suprathermal
electrons (red arrows) must travel �40 AU to provide the
counterstreaming signature at 1 AU. Note also that outward
streaming electrons (black outline) are adiabatically focused
by moving into weaker magnetic fields, whereas the inward
streaming electrons (no outline) are defocused by traveling
into stronger fields.
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distance of the observing point from the Sun makes a
considerable difference in CSE and ED occurrence rates
there. EDs can only be observed when the inverted/discon-
nected fields that carry them lie sunward of 1 AU, whereas
CSEs continue to be observed when the leading edges of the
loops that carry them lie well beyond 1 AU.
[44] In view of the fact that ultimately all magnetic field

lines close somewhere, one might argue that the two
scenarios modeled here, one with interchange reconnection
opening ICME fields and the other with disconnection
elsewhere, could be construed as the same process. An
advantage of the former, in addition to providing a possible
mechanism for the heliospheric polarity reversal over the
solar cycle [Owens et al., 2007] is that open flux is conserved,
while the latter requires some unspecified mechanism for
balancing the closed flux in ICMEs with the same amount of
disconnected flux elsewhere. Once fields have passed far out
into the heliosphere, however, keeping track of whether
reconnection at the Sun is occurring between the leg of a
loop and an open field or between two open fields seems
unimportant, since all of the field lines, if followed out far
enough, are loops. What is important is that the flux from
CMEs does not continue to build, and either interchange
reconnection or disconnection can prevent that buildup.
[45] In conclusion, we have proposed that the supra-

thermal electron signature of the interchange reconnection
that opens ICME field-line loops long after their leading
edges have passed beyond 1 AU is identical to the signature
of disconnection, i.e., a dropout of the electron flux. We
have used an analytical model to calculate its occurrence
rate at 1 AU, under the assumption that all closed ICME
fields eventually open, and find that it should be far less
than the occurrence rate of the closed-field signature, in
general agreement with observations. The same result holds
under the alternative, earlier assumption that closed ICME
flux is balanced by true disconnection elsewhere.
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Remote sensing of the solar site of interchange reconnection associated

with the May 1997 magnetic cloud

N. U. Crooker1 and D. F. Webb2

Received 3 February 2006; revised 19 April 2006; accepted 2 May 2006; published 30 August 2006.

[1] The direction of suprathermal electron flux on open magnetic field lines in the 15 May
1997 magnetic cloud is used to predict the solar location of the interchange reconnection
that released one end of what presumably were doubly connected field lines in the coronal
mass ejection (CME) of origin on 12 May. A search for an X-ray signature of the
interchange reconnection in the predicted location reveals a long-lasting arched structure
stretching from high above the CME site to the northern polar coronal hole. At the edge of
the coronal hole, coincident with the X-ray feature, are previously reported extreme
ultraviolet brightenings (‘‘crinkles’’). The observations are consistent with a CME flux
rope forming in a near-quadrupolar configuration while overhead open field lines
reconnect with the rising, closed, rope fields to open one leg of the rope loop. The pattern
is similar to the breakout model except there are no closed overhead field lines through
which the rising flux rope must break out. The near-quadrupolar source appears to be
responsible for the mismatch between the polarity of the flux rope observed at 1 AU
and the sector in which it was embedded. Spacecraft interception of the leg rather than the
apex of the flux rope loop may be responsible for the mismatch between the low
inclination of the cloud axis and the high inclination predicted from the preexisting
filament and magnetic configuration at the source.

Citation: Crooker, N. U., and D. F. Webb (2006), Remote sensing of the solar site of interchange reconnection associated with the

May 1997 magnetic cloud, J. Geophys. Res., 111, A08108, doi:10.1029/2006JA011649.

1. Introduction

[2] Because of its spatial and temporal isolation from
similar events, the magnetic cloud that engulfed Earth on
15 May 1997 and its eruption from the Sun in a coronal
mass ejection (CME) on 12 May have been the subject of
many coordinated studies and publications [e.g., Plunkett et
al., 1998; Thompson et al., 1998; Webb et al., 2000; Arge
et al., 2004; Liu, 2004; Odstrcil et al., 2004, 2005; Linker et
al., 2005]. While the event’s isolation provided an oppor-
tunity to make clear associations between solar and in situ
signatures, many aspects of the erupting CME remain
poorly understood. Here we add to the body of knowledge
about the May 1997 event some new information from in
situ suprathermal electron measurements (E > 80 eV) that
bear upon models of the configuration of magnetic recon-
nection back at the Sun.
[3] Since suprathermal electrons continually stream out

from the Sun along magnetic field lines, they are commonly
used as sensors of whether field lines are connected to the
Sun at one or both ends, that is, whether field lines are open
or closed. If connected at both ends, the electron distribu-
tions are bidirectional, or counterstreaming. While counter-

streaming electrons were one of the first signatures used to
identify interplanetary coronal mass ejections (ICMEs) on a
routine basis [e.g., Gosling et al., 1987, 1990], it was soon
recognized that not all fields in ICMEs are connected to the
Sun at both ends. In particular, in those ICMEs classified as
magnetic clouds [e.g., Burlaga, 1991], Shodhan et al.
[2000] found that fields range from 100% open to 100%
closed.
[4] Under the assumption that all field lines in CMEs are

originally closed loops, the means by which they open is
thought to be interchange reconnection, where an open field
line reconnects with one leg of a large CME loop that is
expanding into the heliosphere, thereby interchanging it for
a small loop at the solar surface [Gosling et al., 1995;
Crooker et al., 2002]. Which leg is the site of this inter-
change reconnection can be determined remotely from the
direction of suprathermal electron flow relative to the
magnetic field direction on any open field line in an ICME,
since the electrons must be flowing from the leg that
remains attached to the Sun. We apply this concept for
the first time to the 15 May 1997 cloud. We predict where
interchange reconnection occurred and find evidence in
solar data that both support the prediction and provide
information about the large-scale magnetic configuration
of the CME site.

2. Analysis

[5] Wind data from the 15 May 1997 cloud were ana-
lyzed by Webb et al. [2000] and Arge et al. [2004]. Of
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particular relevance here, they showed that the suprathermal
electrons were unidirectional and streaming parallel to the
magnetic field. Figure 1 illustrates these features in time
variations of color-coded 260-eV electron pitch angle dis-

tributions from the 3DP instrument [Lin et al., 1995] and of
magnetic field parameters from the MFI magnetometer
[Lepping et al., 1995]. Between the dashed vertical lines
marking the boundaries of the flux rope model fit to the
cloud data by Webb et al. [2000], there is only a single red-
yellow band of streaming electrons at 0� pitch angle, that is,
parallel to the magnetic field. The lack of an accompanying
band of counterstreaming electrons antiparallel to the field,
at 180�, implies that all of the field lines in the cloud were
open at 1 AU.
[6] The fact that the suprathermal electrons within the

cloud were streaming parallel to the magnetic field means
that the field lines on which they resided left the Sun with
positive polarity, pointing away from the Sun, independent
of any local inversions encountered by the spacecraft. In
this case, Figure 1 shows that the magnetic field was not
locally inverted, as it might be in some locations within the
flux-rope structure of a magnetic cloud [e.g., Crooker et al.,
1998]. The magnetic longitude angle within the cloud
pointed steadily away from the Sun at �110�, close to the
positive-polarity Parker spiral direction of �135�, consis-
tent with the positive polarity determined from the electron
data.
[7] In the context of the large-scale magnetic sector

structure in the heliosphere, the positive polarity of the
cloud fields was opposite to the polarity of the sector in
which the cloud was immersed, as pointed out by Arge et al.
[2004]. This is contrary to the pattern in most interplanetary
CMEs (ICMEs). Using the direction of the dominant

Figure 1. Time variations of color-coded (red is high
intensity) electron pitch-angle distributions and magnetic
field strength B, latitude angle qB, and longitude angle fB
(GSE coordinates) from the Wind spacecraft as it passed
through a magnetic cloud bounded by the red dashed
vertical lines.

Figure 2. Time variations of color-coded electron pitch-angle distributions plotted from right to left to
match the projected spacecraft passage across the potential field source surface map for Carrington
Rotation 1922. The map was generated at the Wilcox Solar Observatory using the classic line-of-sight
boundary condition and a source surface height of 2.5 solar radii. The contours of magnetic field strength
lie at 0 (black curve), ±1, ±2, ±5, and ±10 mT. Dashed vertical lines extending from trajectory
intersections with the projected HCS at 0 mT mark predicted polarity changes.
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electron intensity in a counterstreaming event as an indica-
tor of the polarity of which of the two legs of a closed ICME
a spacecraft encounters, Kahler et al. [1999] showed that
ICME legs are ten times more likely to match the polarity of
the sector in which they are encountered than not. Although
the study was confined to ICMEs with closed fields,
presumably similar statistics apply to open-field ICMEs
like the one of concern here. This polarity-matching prop-
erty reflects the imprint of the dipolar component of the
solar magnetic field [Crooker, 2000, 2005].
[8] Figure 2 illustrates how this polarity imprint was

lacking for the May 1997 cloud. In the top panel, the
color-coded electron pitch angle distribution plot for Car-
rington Rotation 1922 is shown with time running from
right to left to match the pattern on the potential field source
surface (PFSS) coronal map below it. To help compensate
for the variable solar wind transit time from the Sun to the
spacecraft in a simple, linear way, the pitch angle plot was
displaced and uniformly stretched to maximize the match
with polarity change predictions from the coronal map. The
pitch angle plot covers �26.6 days, beginning midday on
1 May and ending around 0200 UT on 28 May. Compared
to the dates on the 28.4-day-long map, beginning on
26 April, the time lag of the pitch angle plot ranges from
5.5 days at the beginning to 3.7 days at the end,
corresponding to transit speeds of 314 km/s and 466 km/s,
respectively. The average observed speed of 361 km/s during
the interval lies within that range, as expected. The predicted
polarity changes lie at the vertical dashed lines marking the
intersections of the projected trajectory of the Wind space-
craft with the heavy curve outlining the heliomagnetic
equator, which traces the predicted projection of the helio-
spheric current sheet (HCS). These predicted polarity
changes match the observed changes in the adjusted pitch

angle plot through most of the solar rotation. Where the
satellite trajectory runs south of the HCS, starting from the
right, the electron beam lies along the top of the plot, at 180�
pitch angle, consistent with the predicted immersion in fields
with toward polarity. As the trajectory crosses the HCS and
passes above it at 210� longitude, the electron beam switches
to 0� pitch angle, consistent with the predicted immersion in
fields with away polarity. A similar match is present on the
left end of the plot, even for the minor excursions above and
beneath the predicted HCS. The only exceptions to the
pattern lie within the sector containing the magnetic cloud,
in the heliographic longitude interval �80�–170�. The
electrons in two segments of that interval, the first containing
the cloud itself, indicate polarity mismatches, as marked.
They indicate away polarity in what is clearly predicted to be
a toward sector. The mismatch within the cloud provides a
clue about the magnetic configuration of the source CME, as
discussed in section 3.2.
[9] The primary focus of this paper concerns another clue

about the magnetic configuration of the source CME.
Suprathermal electrons streaming only parallel and not
antiparallel to the magnetic field within the cloud give
unequivocal evidence that the positive leg of the structure
was connected to the Sun and that the negative leg was not.
If the negative leg was originally connected and then lost its
connection through interchange reconnection, the data im-
ply that open field lines reconnected with the negative leg
back at the Sun. The configuration for this interchange
reconnection from the interplanetary point of view is
illustrated schematically in Figure 3.
[10] The nested cylindrical coils in Figure 3 represent the

flux rope structure of the magnetic cloud. The cylindrical
force-free model fit by Webb et al. [2000] yields a left-
handed twist, a leading magnetic field pointing southward,
and an axis that tips below the ecliptic plane at an angle qc =
�11� at magnetic longitude fc = 108�, where fc = 0� points
toward the Sun. Other force-free cylindrical model fits give
the same twist and similar angular values of qc = 0�, fc =
108� (R. P. Lepping, private communication, 2005) and qc =
�13�, fc = 93� [Lynch et al., 2005]. A dynamic cylindrical
model gives the same twist and a similar axis elevation angle
of qc = �10� but a different axis longitude of fc = 162� (K.
Marubashi, private communication, 2006), discussed further
in section 3.2. Although a cylinder is not a realistic shape for
a magnetic cloud [e.g., Suess, 1988; Riley and Crooker,
2004], most of these cloud properties are probably not highly
dependent upon shape and are used here to gain large-scale
perspective [cf. McAllister et al., 2001]. The axis tilt comes
within at least 23� of matching the �10�-upward tilt of the
predicted HCS on the coronal map in Figure 2, measured at
the heliographic longitude of the cloud (�145�). This
approximate match and the southward leading field appear
to reflect the large-scale dipolar properties of the solar field,
consistent with earlier studies [Bothmer and Rust, 1997;
Mulligan et al., 1998; Crooker, 2000, and references there-
in]. This match contrasts with the polarity mismatch de-
scribed above and is discussed further in section 3.2, along
with the differences in model values of fc.
[11] The solar surface in Figure 3 is represented by a

photospheric field map from the Wilcox Solar Observatory.
Although this kind of map lacks the more accurate details
that can be provided by magnetograms from space-based

Figure 3. Schematic drawing of a magnetic cloud at 1 AU
and its connection back to the solar surface, represented by
a section of a photospheric field map from the Wilcox Solar
Observatory for Carrington Rotation 1922 covering long-
itude 90� to 180� and latitude �70� to +70�. The contours
of magnetic field strength lie at 0 (black), ±100, and
±200 mT, where the positive contours are blue and the
negative red. The gray shapes approximate projected
dimmings from EUV observations, and the vertical arrow
represents the axis of the associated filament.
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measurements, it is suitable for the large-scale analysis
discussed here. At this rising phase of solar cycle 23, the
northern polar fields were positive (blue contours), and the
southern polar fields were negative (red contours). Above
the heliographic equator, the map shows the strong bipolar
field contours of the active region from which the 12 May
CME emerged. The bipolar fields together with the large-
scale dipolar fields created a near-quadrupolar structure at
the source. The north-pointing arrow between the bipolar
contours indicates the preevent orientation of fields in a
filament that erupted with the CME. They lay orthogonal to
the model cloud axis, in contrast to a statistical tendency
toward alignment [e.g., Zhao and Hoeksema, 1997], al-
though the left-handed filament chirality matches the cloud
twist, as reported by Webb et al. [2000]. These parameters
are discussed further in section 3.2.
[12] Superposed on the active-region contours in Figure 3

are two shaded areas representing the double-dimming
signature seen in images from the Extreme ultraviolet
Imaging Telescope (EIT) on the SOHO spacecraft
[Thompson et al., 1998]. Following Webb et al. [2000],
these are treated as the two footpoints of the originally
closed flux rope loop comprising the magnetic cloud.
Kahler and Hudson [2001] raise questions about this kind
of association, among them asking why dimmings disappear
well before the associated clouds reach 1 AU, where
presumably the clouds are still rooted in the Sun. The
proposed interchange reconnection, at least in this case,
however, may account for the disappearance of the dim-
ming, a possibility foreseen by Kahler and Hudson [2001]
and discussed further in section 3.1.
[13] The heavy curve in Figure 3 connecting the cylinder

to the solar surface represents the core field of the flux rope
loop after it lost its connection to the negative footpoint
through interchange reconnection with a positive open field
line, consistent with the electron data. The field line in what
was originally the negative (unsampled) leg of the flux rope
acquired positive polarity through the interchange recon-

nection process, even though it locally points toward the
Sun, while the field line in the positive (sampled) leg
maintained its original polarity and merely became open.
[14] The configuration in Figure 3 immediately raises the

question of the source of open field lines feeding into the
interchange reconnection site. Although sometimes PFSS
models indicate that open fields stem from active regions
[e.g., Neugebauer et al., 2002; Schrijver and DeRosa, 2003;
Wang and Sheeley, 2003a], in this case none was apparent
(in three-dimensional (3-D) maps provided by Z. Mikic
(private communication, 2004)). The nearest available
source of open fields with the required positive polarity
was the large reservoir in the northern polar coronal hole,
and we assume it was these that fed into the reconnection
site.
[15] Figure 4 shows a schematic drawing of the proposed

configuration in the corona. Because it is a 2-D rendering of
a process with essential 3-D aspects, it fails to show the
nonalignment of the active-region bipolar and large-scale
dipolar fields, and the implied sequence of reconnection at
low and high altitudes should not be treated literally.
Nevertheless, the figure captures the essence of the pro-
posed topology. It shows the quadrupolar structure depicted
in the well-known breakout model of CME initiation
[Antiochos et al., 1999], with a flux rope forming through
reconnection under the rising CME [e.g., Lynch et al.,
2004]. In 3-D, however, the structure is not the true
quadrupole required by the model dynamics because the
neutral line on high-resolution magnetograms forms a
peninsula rather than an island (J. A. Linker, private
communication, 2005). Moreover, nothing breaks out be-
cause there is no overlying dipolar field line confining the
emerging flux rope. The field line that reconnects at high
altitude is open rather than closed, and its reconnection
opens the negative leg of the rising CME.
[16] X-ray images from the Yohkoh Soft X-ray telescope

(SXT) show a long-lasting feature that may be a signature of
the proposed interchange reconnection. To emphasize
its longevity, Figure 5 shows three of these images spaced
�3 hours apart. Focused on the upper right-hand (north-
western) quadrant of the Sun, the images prominently
display a time sequence of the cusped arcade event associ-
ated with the 12 May CME. Cusped arcade events are
interpreted as signatures of the reconnection that creates
the flux rope, that is, the lower-altitude reconnection illus-
trated in Figure 4 [e.g., Shibata et al., 1995; Hundhausen,
1997]. Fainter but clearly visible in Figure 5 is an arched
shape, marked by an arrow in the middle frame, that appears
to be at high altitude and extends toward the northern polar
region. It is this feature which we interpret as a signature of
the higher-altitude interchange reconnection in Figure 4,
where the newly closed segment of the originally open field
line sunward of the reconnection point represents the illu-
minated arch. The feature first appeared in an earlier image at
0653 UT and lasted in faint form into the early hours of the
next day, consistent with long-lasting interchange reconnec-
tion accompanying the flux-rope formation.
[17] We note that the proposed signature of interchange

reconnection in Figure 5 is not an uncommon feature.
Bright arches that extend from CME sites to coronal hole
boundaries have been noted for some time [e.g., Rust and

Figure 4. Schematic drawing of the magnetic configura-
tion and reconnection sites (red) of the 12 May 1997 CME.
Interchange reconnection high in the corona between open
field lines from the northern coronal hole (CH) and closed
field lines in the CME acts to open the CME field lines.
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Webb, 1977]. Here we offer a plausible explanation for their
occurrence.

3. Discussion

3.1. Interchange Reconnection

[18] The proposed configuration for interchange recon-
nection in the 12 May event is topologically similar to
configurations proposed for two other processes which may
be intimately related. The first is interchange reconnection
that facilitates the reversal of the solar magnetic field in the
course of the solar cycle. Wang and Sheeley [2003b] derive
nearly the same pattern for the rising phase of the cycle, the
same phase in which the May event occurred. The differ-
ence between their model and the proposed configuration is
that their closed fields are generated by emerging bipoles
rather than CMEs, since their model cannot accommodate
CME dynamics. Nevertheless, our replication of their topo-
logical configuration suggests that their model captures
what may be a common reconnection pattern in CMEs.
[19] The second similar configuration is that deduced by

Sterling and Moore [2001a, 2001b] for what they call ‘‘EIT
crinkles,’’ bright patterns that intrude into coronal holes in
EIT images. Sterling and Moore [2001a, 2001b] identified
these patterns in a series of CMEs that occurred on 1–2 May
1998. On the basis of an earlier concept called ‘‘tether
cutting’’ [Sturrock, 1989; Moore and Roumeliotis, 1992],
they ascribed the crinkles to ‘‘external reconnection’’ be-
tween open and closed field lines at the apex of a rising
CME, equivalent to the interchange reconnection described
here. In their case the open field lines emerged from a low-
latitude coronal hole rather than the polar coronal hole.
Because the proposed reconnection site was at the outer
boundary of the CME, Sterling and Moore [2001a, 2001b]
cited EIT crinkles as evidence for the breakout model. Here
we suggest that EIT crinkles are just evidence of inter-
change reconnection and not the breakout model, since any
overlying fields that are open do not create a barrier from
which a CME must break out, as already mentioned in
section 2.
[20] Sterling and Moore [2001a, 2001b] also analyzed

X-ray images of the 1–2 May 1998 events and showed that
the EIT crinkles occurred at the extremities of bright X-ray
regions that extended back to the active regions from which
the CMEs arose. We suggest that these bright regions, aptly
named ‘‘anemones’’ by Shibata et al. [1994], can thus be
treated as the X-ray signature of interchange reconnection.
The X-ray signature, reflecting hotter plasma, would appear
along the same magnetic field lines at altitudes higher than
the EIT signature. For the 12 May 1997 event, the arched

X-ray feature in Figure 5 may be a perspective view of an
anemone, since it occurred at considerably higher latitudes
than the 1–2 May 1998 events. Its lower-altitude EUV
counterpart appears to have been already identified by
Thompson et al. [1998]. They show EIT images with
brightening at the edge of the northern coronal hole,
presumably the legs of loops rooted in what Sterling and
Moore [2001a, 2001b] would identify as EIT crinkles.
These lasted for more than 7 hours, consistent with our
supposition that long-lasting interchange reconnection re-
leased the negative leg of the CME. EIT brightenings along
coronal hole boundaries, like the X-ray features that extend
to the boundaries, are not uncommon accompaniments to
CMEs (L. Harra, private communication, 2005) and thus
comprise likely signatures of frequently associated inter-
change reconnection.
[21] Regarding the disappearance of the dimming signa-

tures mentioned in section 2, Figure 3 and Figure 4 illustrate
how the proposed interchange reconnection may have
eliminated the northern dimming region by filling the
footprint of the northern leg of the CME with closed field
lines. This process meets the expectations of Kahler and
Hudson [2001] for reconnection of fields outside the CME
and contraction of the outer dimming boundary (in addition
to the expected contraction of the inner boundary as the
arcade under the CME reformed). Dimming in the presumed
footprint of the southern leg may have disappeared owing to
interchange reconnection, as well, but in a considerably
different way, as proposed by Attrill et al. [2006]. These
authors recently performed a comprehensive study of the
dimming and X-ray signatures of the May 1997 event and
independently came to the same conclusions regarding the
proposed interchange reconnection configuration in
Figure 4. They show that dimming in the two regions
disappeared at different rates and suggest that the open field
lines rooted in the southern region diffused out of the
dimming region through interchange reconnection low in
the solar atmosphere with small loops in the magnetic
carpet. Thus interchange reconnection may be responsible
for the disappearance of dimmings either through a return of
closed flux or through a dispersal of open flux. These kinds
of interchange reconnection may be part of a larger process
of global magnetic footpoint circulation as discussed, for
example, by Fisk and Schwadron [2001].

3.2. Solar Magnetic Field Imprint and Model
Implications

[22] Section 2 notes two ways in which the 15 May 1997
ICME appeared to carry the imprint of the dipolar compo-
nent of the solar magnetic field (a southward leading field

Figure 5. Yohkoh X ray images from three times on 12 May 1997, as marked. The arrow in the middle
frame points to the proposed signature of interchange reconnection.
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and cloud axis alignment with the HCS) and one way in
which it did not (the mismatch of the polarity of the cloud
leg with the sector polarity). Moreover, the cloud did not
appear to carry the imprint of the higher-order filament
fields, since its axis was orthogonal to the filament axis.
These mixed signals may reflect a mix of elements from the
breakout model of CMEs, with its focus on quadrupolar
structure, as discussed in section 2, and models which focus
on the dipolar structure of flux-rope formation through
reconnection of helmet streamer field lines [e.g., Lin and
Forbes, 2000; Low and Zhang, 2002; Linker et al., 2003],
especially because all of these models, including tether
cutting, are closely related [e.g., Isenberg et al., 1993; Lin
et al., 2001; Lynch et al., 2004]. On the other hand, Figure 3
suggests a more specific geometrical explanation described
below in terms of where the spacecraft intersected the flux
rope loop.
[23] The configuration of the magnetic field, of the

dimmings, and of the preeruption filament axis at the
CME site in Figure 3 and the orientation of the bright
arcade in Figure 5 consistently predict the formation of a
left-handed flux rope with a north-pointing axis, tilted
slightly to the east, and with predominantly eastward
leading fields. Studies that use this kind of prediction and
assume little change in flux rope orientation as the CME
moves out into the heliosphere have been reasonably
successful in matching magnetic cloud properties [e.g.,
Bothmer and Rust, 1997; Zhao and Hoeksema, 1997;
Crooker et al., 1998; McAllister et al., 2001]. In this case,
however, the observed cloud, with its southward leading
fields and east-pointing axis, lay essentially orthogonal to
the predicted one. The only match with a predictive param-
eter was the near-alignment of the cloud axis with the HCS,
and this parameter is an outlier in the sense that it does not
agree with those listed above. Webb et al. [2000] point out
that the flux rope may have rotated counterclockwise as it
rose, since the erupting filament, presumably threading the
rope [e.g., Lin and Forbes, 2000; Low and Zhang, 2002],
was observed to do so.
[24] An alternative possibility is that the flux rope axis

maintained a north-south orientation, reflecting a match
with the filament axis rather than the HCS, but that the
spacecraft encountered its southern leg rather than the apex
of the loop. For flux rope loops that leave the Sun with
north-south axes, that orientation can be maintained only at
the apex of the loop, while the legs will tend to stretch out
along the Parker spiral. Figure 3 attempts to convey this
geometry, where the position of the cylindrical form illus-
trating the flux rope structure, along the southern leg of the
loop, sunward of the loop’s apex, indicates the proposed site
of spacecraft encounter. Consistent with this view, the cloud
axis longitude fc in the leg location agrees better with the
more realistic dynamic model fit (162�) compared to
the force-free fits (93�, 108�) discussed in section 2, where
the latter seem to mistakenly imply encounter with the apex.
Even better agreement (fc = 139� (K. Marubashi, private
communication, 2006)), in the sense of being closer to the
Parker spiral, is obtained with the dynamic curved cylin-
drical model of Marubashi [1997, 2002], approximated by a
torus. Encounter with the southern leg is also consistent
with the observed mismatch between the polarity of the
cloud leg and the polarity of the sector in which it was

imbedded. This mismatch reflects the near-quadrupolar
structure at the source, where the footpoint of the southern
leg has a polarity opposite that of the southern dipolar field
(Figure 3).

4. Conclusions

[25] Using observations of suprathermal electrons in the
15 May 1997 magnetic cloud at 1 AU, we have remotely
identified what appear to be signatures of CME-associated
interchange reconnection on the Sun in X-ray and EUV
observations. These signatures are global in nature, span-
ning from the active-region source to the polar coronal hole.
Since global-scale coronal activity is commonly noted in
association with CMEs, it may be that signatures of inter-
change reconnection are commonly observed but until now
have not been recognized as such. Further case studies are
needed to test this possibility.
[26] The mixed signatures of the imprint of the solar

magnetic field on the 15 May 1997 magnetic cloud were
at first surprising in view of the isolation and relative
simplicity of the event. Analysis of the cloud parameters
in the context of the heliospheric magnetic field and
the configuration of the source region, however, suggest
that the mixed signatures arose from straightforward
geometrical constraints.
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Abstract Interchange reconnection at the Sun, that is, reconnection between a doubly-
connected field loop and singly-connected or open field line that extends to infinity, has
important implications for the heliospheric magnetic flux budget. Recent work on the topic
is reviewed, with emphasis on two aspects. The first is a possible heliospheric signature of
interchange reconnection at the coronal hole boundary, where open fields meet closed loops.
The second aspect concerns the means by which the heliospheric magnetic field strength
reached record-lows during the recent solar minimum period. A new implication of this
work is that interchange reconnection may be responsible for the puzzling, occasional coin-
cidence of the heliospheric current sheet and the interface between fast and slow flow in the
solar wind.

Keywords Coronal hole boundary · Reconnection · Stream interface · Heliospheric
magnetic field

1 Introduction

In space physics applications, it is useful to describe magnetic field lines as either open
or closed. Open field lines have one end rooted in the magnetized body and the other end
extending out to infinity. Closed field lines form loops that have both ends rooted in the
magnetized body. Since ultimately all field lines are closed, how infinity is defined for open
fields can lead to misconceptions, as will be discussed in the last section. The subject of this
paper, interchange reconnection, occurs when an open field line reconnects with a closed
field line.

Although the term “interchange reconnection” is relatively new (Crooker et al. 2002),
as a concept it has been invoked for some time to account for solar and solar wind
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phenomena and, more recently, for magnetospheric phenomena (see review in Merkin
and Crooker 2008). Two properties of interchange reconnection are particularly relevant
to this paper. First, interchange reconnection transports the foot of the open field line
to the far footpoint of the closed loop. This transport has been invoked to explain the
rigid rotation of coronal holes, the domain of open field lines on the Sun, in the face
of differential rotation (e.g., Nash et al. 1988; Wang and Sheeley 2004). It has also
been invoked to effect a global circulation of open flux on the Sun when the Sun’s di-
pole axis is tilted with respect to the pattern of differential rotation (e.g., Fisk 1996;
Fisk et al. 1999). The second property involves the exchange of flux between the Sun and the
heliosphere. When the apex of the loop that participates in interchange reconnection at the
Sun extends out into the heliosphere, the act of reconnection reduces the heliospheric flux
from the two legs of the loop to one leg, and a new loop forms on the Sun (e.g., Gosling et
al. 1995). The next section addresses the possibility of observing signatures of flux transport
across the coronal hole boundary, and the following section addresses whether or not inter-
change reconnection can account for the dearth of magnetic flux in the heliosphere during
the recent solar minimum.

2 Flux Transport at the Coronal Hole Boundary

Crooker et al. (2010) have recently reported on a possible remote signature of interchange
reconnection on the Sun at the boundary between open field lines, which are concentrated
in coronal holes, and closed field lines comprising the streamer belt that straddles the he-
liomagnetic equator. Here we review that work and suggest how it may support new ideas
about the topology of the boundary as discussed in another paper in this volume.

If interchange reconnection occurs on the Sun across some boundary marked by a change
in plasma characteristics, its signature at a spacecraft at 1 AU will be a separation between
the plasma and suprathermal electron signatures of that boundary, as noted by Borovsky
(2008). The reason for the separation is that suprathermal electrons streaming out from the
Sun along magnetic field lines reach 1 AU within a matter of hours compared to days for
solar wind plasma convecting radially outward. Crooker et al. (2010) applied that argument
to the coronal hole boundary under the assumption (consistent, for example, with Fisk et al.
1999) that its signature in the heliosphere is the stream interface, the boundary between
the fast flow emanating from coronal holes and the slow flow emanating from the streamer
belt. With superposed epoch analysis they identified a suprathermal electron signature at the
interface at 1 AU consisting of a strong peak in 250-eV flux integrated over pitch angle.
In individual cases, however, this electron peak was often displaced from the well-known
plasma signatures of the interface stemming from the pressure ridge there, where fast flow
runs into slow flow. The displacements indicate that the electron flux peaks are not caused
by local compression. Whatever the cause of the peaks (see discussion in Crooker et al. 2010
of relevant work by Gosling et al. 1978), the displacements may be signatures of interchange
reconnection, as proposed by Borovsky (2008).

Figure 1 illustrates the process of signature displacement at the stream interface before
and after interchange reconnection occurs. To understand the diagram, it is best to focus first
on the magnetic field lines emanating from the solar surface: They are the same in number
and polarity in both views, but their connections change. The field line that has its origin at
the coronal hole boundary, that is, the boundary between open field lines in the coronal hole
and closed field lines in the streamer belt, is marked with a heavy curve in both views. In
Fig. 1a it forms the stream interface between fast flow from the coronal hole, shaded gray,



Interchange Reconnection: Remote Sensing of Solar Signature 203

Fig. 1 Schematic illustration of the magnetic configuration (a) before and (b) after displacement of
suprathermal electron and plasma signatures of the stream interface between fast and slow flow resulting
from flux transport by interchange reconnection at the coronal hole boundary on the Sun (adapted from
Crooker et al. 2010)

and slow flow from the streamer belt surrounding the heliospheric current sheet (HCS).
Although with distance from the sun the fast flow slows and the slow flow speeds up near
the interface owing to the dynamic interaction, in steady state the interface remains as the
boundary between what was originally slow and fast flow.

Figure 1b illustrates a transitional state some time after interchange reconnection acts to
displace the coronal hole boundary. In this case the heavy field line marking the coronal
hole boundary maps out to the location of the peak suprathermal electron flux, which serves
as a nearly instantaneous field-line tracer of the new coronal hole boundary location. The
pressure ridge that forms the plasma signature of the stream interface in the heliosphere,
however, remains at the original location of the interface, displaced from the electron sig-
nature. The field line threading the pressure ridge in the heliosphere is now marked by a
heavy dashed curve instead of a solid curve because, closer to the Sun, it diverges from the
boundary of the gray area marking the pressure ridge and, thus, no longer connects to the
coronal hole boundary. Eventually the plasma at the newly displaced coronal hole boundary
convects out into the heliosphere, and a steady state is reached in which a single field line
lies along the interface between fast and slow flow, as in Fig. 1a.

The interchange reconnection in Fig. 1 takes place at the encircled reconnection site in
Fig. 1a between the outer two of the three nested loops and the two open field lines adjacent
to the helmet streamer. (The presence of these open field lines in the purportedly closed-field
region of the streamer belt is an approximation that is fully discussed below.) As a result of
the reconnection, the footpoints of the two open field lines saltate (leap abruptly) eastward,
across the distance originally spanned by the loops, and join the open fields in the coronal
hole. To accommodate the transported flux, the coronal hole boundary shifts westward, al-
though by a much smaller distance. The reverse sense of open-field-line transport, from the
coronal hole to the streamer belt, is illustrated in Crooker et al. (2010). Their observational



204 N.U. Crooker, M.J. Owens

results, which apply only to those sections of the coronal hole boundary where the streamer
belt lies west of the coronal hole, as in Fig. 1, suggest that flux transport can be in either
direction there.

The lack of evidence for any systematic westward flux transport reported by Crooker
et al. (2010) was surprising in view of predictions for the rigid rotation of equatorward
extensions of coronal holes, illustrated by Wang and Sheeley (2004), and for the pattern
of global footpoint circulation proposed by Fisk et al. (1999). Both of these concepts are
specific about the direction of flux transport depending upon whether the coronal hole lies
to the east or west of its boundary with the streamer belt. The most intriguing explanation
for the lack of systematic transport lies in the recent work by S. Antiochos, J. Linker, and
colleagues (e.g., Antiochos et al. 2011; Edmondson et al. 2010), as discussed in another
paper in this volume. They propose that the coronal hole boundary can be highly irregular,
with deep corrugations. Under these conditions, it seems reasonable to expect that while
systematic flux transport may occur on a global scale, its signature may be overcome by the
random signature of transport across the locally ragged boundary.

The concept of an irregular coronal hole boundary can be used to explain the presence of
open field lines in the streamer belt in Fig. 1a. Strictly speaking, open field lines cannot exist
in isolated islands separate from areas of other open field lines of the same polarity (Crooker
and Siscoe 1990; Antiochos et al. 2007). If the coronal hole boundary is irregular, however,
a cross-section passing from one side to the other may cut through a mix of volumes of open
and closed fields, as in Fig. 1a. On the other hand, if we maintain the definition of the coronal
hole boundary as the boundary between open and closed fields, then the configuration in
Fig. 1 loosens the connection between the coronal hole boundary and the boundary between
fast and slow flow. It suggests that the latter lies at the outer envelope of the irregular coronal
hole boundary, consistent with the conclusions of the latest version of the Fisk model of
global footpoint circulation (Zhao and Fisk 2010).

3 Heliospheric Flux Balance

Interchange reconnection may play a major role in the heliospheric magnetic flux budget.
As solar activity increases during the rising phase of the solar cycle, magnetic loops ex-
pand into the heliosphere and increase the amount of flux there. Although from the perspec-
tive of potential field source surface modeling these loops merely become open flux, from
the heliospheric perspective the loops are closed flux that can be detected by the presence
of counterstreaming suprathermal electrons emanating from both footpoints on the Sun.
Moreover, the loops are nearly always located within interplanetary coronal mass ejections
(ICMEs) (e.g., Wimmer-Schweingruber et al. 2006), which implies that coronal mass ejec-
tions (CMEs) are nearly the sole source of flux added to the heliosphere. Since flux in the
heliosphere does not continue to increase but waxes and wanes with the solar cycle, there
must also be some mechanism for losing flux. Two possibilities have been proposed. One
is interchange reconnection at the Sun, whereby a loop in an ICME opens through recon-
nection between one of its legs and an open field line (Gosling et al. 1995; Crooker et al.
2002). The other is disconnection at the Sun, whereby two open field lines reconnect to form
a completely disconnected U-shaped field line (e.g., McComas et al. 1989). In both cases
flux is returned to the Sun by the formation of a small loop there.

The recent, deep, extended solar minimum has prompted much discussion about whether
interchange reconnection or disconnection is responsible for the record-breaking low values
of interplanetary field strength (Owens et al. 2008; Connick et al. 2011; Schwadron et al.
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Fig. 2 Scatter plots of Carrington-Rotation averaged CME rate against magnetic field strength in the he-
liosphere at 1 AU, updated from Crooker and Owens (2010) to include points through the end of 2009. In
the left panel, points from the recent solar minimum are red and points from the previous solar minimum are
blue. In the right panel, points are binned by CME rate. The solid curves are tanh fits bracketed by dashed

curves at the 95% confidence level

2010; Crooker and Owens 2010; Zhao and Fisk 2010). While interchange reconnection has
the attractive property of conserving open flux, since reconnection with loops transports
but does not destroy the participating open flux, disconnection can proceed ad infinitum,
independent of the presence of closed loops. Disconnection is thus capable of reducing
the flux to zero, whereas interchange reconnection can proceed only until all of the closed
flux opens, leaving the conserved open flux to supply a floor value to heliospheric field
strength.

Possible evidence for a floor value to heliospheric field strength has been presented by
Svalgaard and Cliver (2007, 2010) using long-term historical records and by Owens et al.
(2008) and Crooker and Owens (2010) using measured CME rates over the past solar cycle.
An update of the results presented in the latter two papers is shown in Fig. 2. Carrington-
Rotation-averages of CME rate and heliospheric field strength are plotted against each other
covering the period from the last solar minimum in blue to the recent minimum in red in
the left panel. If the loss of flux is accomplished by opening closed loops in ICMEs through
interchange reconnection, then the heliospheric field strength should depend upon how many
CMEs are fed into the heliosphere. The points in the left panel of Fig. 2 are consistent
with this view, although the scatter is broad. When binned by CME rate, in the right panel,
a clearer pattern emerges. Evidence for a floor value to the heliospheric field strength is the
fact that the hyperbolic tangent curve fit to the points intersects the B axis at a finite value
for zero CME rate. That value is ∼3.8 nT, comparable to the lowest averages plotted in the
left panel.

The origin has been included in this updated version of the plots in order to obtain a
sense of the likelihood that a fitted curve could pass through it, as it would if there were
no floor value to the field. While the curve on the right clearly could not pass through the
origin, one can imagine a curve with some functional form other than tanh running up from
the origin through the unbinned values on the left, owing to the large degree of scatter.
Thus at most one can say that the data do not preclude the possibility that interchange re-
connection is the primary means of reducing flux in the heliosphere and that open flux is
conserved. On the other hand, making this statement may come as a surprise to those who
have noted the steady, prolonged decline in heliospheric field strength during the recent
minimum.
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4 Discussion and Conclusions

Two aspects of interchange reconnection have been addressed primarily from an observa-
tional point of view—its possible signature at the coronal hole boundary and its role in the
heliospheric flux budget. Here we discuss some relevant points about flux budget models,
the expected locations of source and loss processes on the Sun, and how those locations
might map to the heliosphere.

Models of the heliospheric flux budget that assume interchange reconnection as the sole
means of flux loss (e.g., Owens and Crooker 2006), or, more generally, that flux loss depends
upon the amount of closed flux, overestimate the heliospheric field strength during the recent
minimum (Owens et al. 2011). The reason may be owing to the simplifying assumption that
the rate of interchange reconnection is constant. If it varies, instead, with the degree to
which higher order fields dominate the solar configuration, as they did during the recent
minimum compared to the previous minimum, then the model can provide a good fit to
the observations (Owens et al. 2011). Why the reconnection rate should vary in this way is
discussed further below.

Whether it is interchange reconnection or disconnection that reduces flux in the he-
liosphere once loops have passed beyond about 10 AU is a question that cannot be ad-
dressed by suprathermal electron observations (Owens and Crooker 2007; Connick et al.
2011). The counterstreaming signature of a loop is lost at 1 AU once the apex of the
loop is so far out that electrons cannot stream out from the Sun and back to the ob-
server along the far leg owing to scattering. All that remains is unidirectional stream-
ing from the Sun along the leg encountered by the observer. Any interchange reconnec-
tion between that loop and an open field line will give the signature of disconnection,
which is a dropout of electrons, called a “heat flux dropout” (McComas et al. 1989;
Crooker and Pagel 2008). These are observed frequently enough that flux budget models
can accommodate either interchange reconnection or disconnection as a loss mechanism
(Owens and Crooker 2007). Owens et al. (2011) use the term “pinching” for either process
at the Sun and generalize the models so that the distinction between the processes is not
important, aside from the issue of whether or not open flux is conserved.

Evidence for pinching can be found in white light observations at the Sun and plasma
observations in the heliosphere. The location of pinching for disconnection is expected to
be at the base of the heliospheric current sheet, where open fields of opposite polarity meet
at the tips of helmet streamers, and the location of pinching for interchange reconnection is
expected to be at the coronal hole boundary, which can be in the same vicinity. For exam-
ple, Wang et al. (2000) ascribe the release of blobs from the tips of coronal streamers, as
seen in white light images, to either process. Also seen in white light near the current sheet
are downflows ascribed to loops returning to the Sun as the result of disconnection (e.g.,
Sheeley and Wang 2001), although these could as well result from pinching by interchange
reconnection. The downflows occur preferentially where the current sheet is highly inclined
to the heliographic equator, that is, when the dipole component of the field is strong and
tilted or when higher order fields dominate the configuration and produce a highly warped
current sheet. Presumably the preferred site for downflows reflects higher rates of reconnec-
tion there, driven by differential rotation. It is this property of downflows which motivated
Owens et al. (2011) to vary the flux loss rate with the degree of current sheet tilt/warp in
the flux budget model. In the heliosphere, the expected site for signatures of interchange
reconnection on the Sun is at the stream interface, as illustrated in Fig. 1, and the expected
site for signatures of disconnection on the Sun is at the heliospheric current sheet. Heat
flux dropouts, which take the form of high-beta plasma sheets, are a likely signature of ei-
ther, and these occur at and near the heliospheric current sheet, possibly the heliospheric
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counterpart of the blobs observed near the Sun (Crooker et al. 2004a). The high degree of
variability in measurements of plasma sheets near and at the heliospheric current sheet is
consistent with the new concept of a ragged coronal hole boundary that continually changes
its configuration through reconnection, as Fig. 1 illustrates.

The Fig. 1 view also offers an explanation for a longstanding question regarding the
position of the stream interface relative to the heliospheric current sheet. While at 1 AU it
usually takes about 10 hours for a spacecraft to pass from the heliospheric current sheet to
the stream interface (Gosling et al. 1978), that distance is highly variable, and sometimes
the two features coincide (e.g., Siscoe and Intriligator 1993; Crooker et al. 1999). Antiochos
et al. (2011) point out similar variability in related MHD model parameters. Figure 1 shows
how the variability could be the result of interchange reconnection, which, at times, might
locally remove all open flux between the interface and the current sheet. The view in the
right panel shows a reduced space between the features, implying some remaining open flux
between them, but the features could as well have been drawn as coincident.

Finally, we consider the question of whether the sources and losses in the flux budget are
related, as assumed for the model invoking interchange reconnection to open all of the loops
added by CMEs, or not, as assumed for disconnection. Recent findings that bear upon this
question concern how CMES, which commonly arise near active regions, can be related to
losses at the distant coronal hole boundary. Cohen et al. (2009, 2010) have simulated CME
events that are accompanied by coronal waves and confirm the view of Attrill et al. (2007)
that the footpoints of these CME loops rapidly saltate laterally through reconnection with
other loops until they reach the coronal hole boundary. Thus the loops are rapidly exposed
to the site of flux loss by interchange reconnection. Suprathermal electron data suggest that
about half of the loops in CMEs open in this manner shortly after ejection (Shodhan et
al. 2000; Crooker et al. 2004b). The remaining loops are expected to open over timescales
on the order of 40 days (Owens and Crooker 2006). Over these long timescales, however,
the observational distinction between interchange reconnection and disconnection becomes
moot, as discussed above. Loss by either process might cease when the dominance of higher
order fields disappears and the heliospheric current sheet aligns with the heliographic equa-
tor, as noted by Owens et al. (2011), in which case it is not clear how the amount of flux
lost might match the amount that was added. It is also important to note that interchange
reconnection with loops that have not left the solar atmosphere, as pictured in Fig. 1, act
only to transport open field lines and does not reduce the flux in the heliosphere.

In conclusion, interchange reconnection may be responsible for a ragged coronal hole
boundary, a variable distance between stream interfaces and the heliospheric current sheet,
and reducing flux in the heliosphere.
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Abstract. Interplanetary outflows from coronal mass ejections (ICMEs) are structures shaped by
their magnetic fields. Sometimes these fields are highly ordered and reflect properties of the solar
magnetic field. Field lines emerging in CMEs are presumably connected to the Sun at both ends,
but about half lose their connection at one end by the time they are observed in ICMEs. All must
eventually lose one connection in order to prevent a build-up of flux in the heliosphere; but since little
change is observed between 1 AU and 5 AU, this process may take months to years to complete. As
ICMEs propagate out into the heliosphere, they kinematically elongate in angular extent, expand from
higher pressure within, distort owing to inhomogeneous solar wind structure, and can compress the
ambient solar wind, depending upon their relative speed. Their magnetic fields may reconnect with
solar wind fields or those of other ICMEs with which they interact, creating complicated signatures
in spacecraft data.

1. Introduction

How do the properties of interplanetary coronal mass ejections (ICMEs) relate to
their origins on the Sun, and how do the kinematics and dynamics of propagation
into the heliosphere affect ICMEs and their environment? These two questions
structure the content of this paper. The first concerns internal structure and magnetic
connection to the Sun and is addressed in Section 2. The second concerns external
processes and is addressed in Section 3.

2. Internal Structure and Connectivity

As reviewed by Zurbuchen and Richardson (2006, this volume), ICMEs range in
complexity from fairly simple magnetic clouds characterized by smooth field ro-
tations, high magnetic field strength, and low temperature (e.g., Burlaga, 1988) to
complicated, compound structures with signatures that have non-matching bound-
aries. This section focuses on the simple structures, magnetic clouds, whose mag-
netic parameters, usually calculated from flux rope model fits, can be classified
and related to solar parameters. Sections 2.1, 2.2, and 2.3, respectively, address
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the imprint of solar magnetic fields on clouds, the remote connections of magnetic
field lines in clouds, and the relation between cloud properties and solar features
observed in coronagraphs.

2.1. SOLAR MAGNETIC FIELD IMPRINT

Various aspects of solar magnetic structures are reflected in the structure of magnetic
clouds. Section 2.1.1 discusses how CME formation under the helmet streamer belt
can create ICMEs that blend into the heliospheric sector structure, and Section 2.1.2
discusses how the chirality, leading magnetic field orientation, and axis orientation
of magnetic clouds reflects magnetic properties of filaments and the helmet streamer
belt.

2.1.1. ICMEs and Sector Boundaries

Coronagraphs have long shown that CMEs arise from the predominantly closed
field line regions of the Sun under the umbrella of the helmet streamer belt (e.g.,
Hundhausen, 1993). The helmet streamer belt, in turn, forms the base from which
stems the boundary between sectors of oppositely directed magnetic fields in the
heliosphere, or the heliospheric current sheet (HCS) (Figure 1a).If field lines from
the arcade of loops comprising the streamer belt rise, shear, and reconnect to form
a CME flux rope, as pictured in Figure 1a and commonly modeled (e.g., Mikic

Figure 1. Relationship between magnetic clouds and sector boundaries. (a) A CME flux rope forms
from the helmet arcade at the base of the heliospheric current sheet (HCS) separating sectors of
opposite magnetic polarity (Crooker et al., 1998). (b) Fields in flux rope legs match away and toward
polarity of adjacent sectors. (c) Magnetic azimuth angle measured by Ulysses rotates from away to
toward polarity across a magnetic cloud (flux rope) at a sector boundary (Forsyth et al., 1997).



SOLAR IMPRINT ON ICMES 95

and Lee, 2006, this volume), it follows that the field lines comprising the flux rope
will match the surrounding sector structure. Further into the heliosphere, Figure 1b
illustrates how the fields in the legs of the flux rope and the sides of its loops will
have the same local polarity as the true polarity of the adjacent open field lines on
either side. Moreover, the current that creates the flux rope configuration embeds
itself in the HCS so that the CME constitutes a bulge of distributed current in what
is otherwise a current sheet.

Some observations clearly support the Figures 1a and 1b views (e.g., Crooker
et al., 1998). Figure 1c gives an example of the time variation of the magnetic
azimuth angle across a magnetic cloud at a sector boundary encountered by Ulysses
at 4.4 AU (Forsyth et al., 1997). Instead of a sharp change from 270◦ marking
polarity away from the Sun to 90◦ marking polarity toward the Sun, as expected
for an HCS crossing, the polarity change is accomplished through the days-long
field rotation intrinsic to the cloud. As noted by Forsyth et al. (1997), ”The HCS
is neither pushed aside nor draped around the CME but is replaced locally by the
CME.”

Many ICMEs are not encountered at sector boundaries, presumably because
ICMEs are large and orbits through them skim the vicinity of the HCS rather than
pass through it. Supporting this view, Kahler et al. (1999) found that the ”polarity”
of ICMEs, assuming passage through one leg rather than the apex of an ICME loop
(cf. Figure 1b), is 10 times more likely to match than not to match the surrounding
sector polarity. In their study, ICME leg ”polarity” was determined not from local
magnetic fields, which can turn back on themselves, but from the direction of the
strongest counterstreaming suprathermal electron beam relative to the magnetic
field direction (see Section 2.2). The fact that one beam is usually stronger supports
the assumption that passage is through one leg, since the stronger beam presumably
comes from the nearest solar connection point (Pilipp et al., 1987). The Kahler et al.
(1999) study is the most thorough confirmation to date that ICMEs blend into the
sector structure, consistent with the expected solar imprint.

2.1.2. Magnetic Cloud Flux Rope Parameters, Filaments,

and the Heliomagnetic Equator

A magnetic flux rope expanding into the heliosphere as a loop of nested coils
connected to the Sun at both ends (Figure 2 in Zurbuchen and Richardson, 2006,
this volume) can be characterized by the directions of its axial and leading fields at
the apex of the loop, which together determine the handedness of the twist (Bothmer
and Schwenn, 1998). These parameters carry the imprint of both high- and low-
altitude solar features (see review by Crooker (2000) and references therein).

From Figure 1a one might expect the direction of the magnetic field at the leading
edge of an ICME flux rope or magnetic cloud to reflect the dipole component of
the solar magnetic field inherent in the helmet streamer belt, pointing south (north)
from the maximum of an even (odd) cycle to the maximum of an odd (even)
cycle. Observations show this to be true for 77% of a total of 79 clouds tested
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Figure 2. Schematic diagram of solar magnetic features that control magnetic cloud parameters.
The direction of the field line distorted by differential rotation gives the direction of the cloud axis,
depending upon its hemisphere of origin, and the direction of the dipole component (with a phase lag,
see text) gives the direction of the leading field.

in the period spanning 1974 to 1991 (Bothmer and Rust, 1997; Mulligan et al.,
1998), with the caveat that the sign change expected at solar maximum shifts to
the declining phase. This phase shift may reflect higher-order field components
lower in the solar atmosphere, where arcades over filaments retain the old cycle
polarity until presumably they are shed as CMEs (cf. Gopalswamy et al., 2003).
Although (Leamon et al., 2002) report no correspondence between the solar dipolar
component and the leading field direction in magnetic clouds arising from sigmoids
in active regions, when the phase shift is taken into account, 65% of their 34 cases
fit the pattern.

With the possible exception of the early declining phase, magnetic fields high in
the solar atmosphere appear to be systematically related to those in the lower atmo-
sphere (Martin and McAllister, 1997; McAllister et al., 2002), with the result that
magnetic cloud parameters reflect filament as well as streamer belt characteristics.
Filaments align with neutral lines which are convoluted at low altitudes owing to the
influence of higher-order fields but map up to the smoother HCS, which serves as
the heliomagnetic equator (Figure 1a). Thus there is some correspondence between
the tilts of cloud axes and HCS tilt with respect to the ecliptic plane (Mulligan et al.,
1998) as well as the tilts of filament axes (Marubashi, 1997). Zhao and Hoeksema
(1997) have shown that on average cloud axes are less tilted than filament axes by
a factor of 0.7, consistent with the influence of higher-order fields on filaments (cf.
Section 2 of Forsyth et al. (2006, this volume)).

In addition to tilt angle, the handedness of twist determined from filament struc-
ture is reflected in magnetic clouds. Although filaments may not be flux ropes them-
selves (Martin and McAllister, 1997), the pattern of magnetic fields surrounding



SOLAR IMPRINT ON ICMES 97

filaments, consisting of barbs and fibrils, displays a skew. Martin et al. (1994) found
the skew to be dextral in the northern hemisphere and sinistral in the southern hemi-
sphere for 89% of 73 quiescent filaments, independent of solar cycle, although no
pattern was found for 31 active-region filaments. At higher altitudes, the coronal ar-
cades overlying quiescent filaments have the opposite skew (Martin and McAllister,
1997). When these arcade fields reconnect to form a CME flux rope, the rope will
tend to have left-handed twist if it emerges from the northern hemisphere and right-
handed twist if it emerges from the southern hemisphere. Rust (1994) found this
to be true for 13 out of 16 magnetic clouds. Somewhat surprisingly, for 36 clouds
arising from active regions, (Leamon et al., 2002) found the same hemispheric
pattern for 75% of them.

Figure 2 summarizes the solar magnetic imprint patterns on magnetic clouds.
The predicted direction of the axial field of a cloud, marked by a short gray arrow
in each hemisphere, is the direction of a field line distorted by differential rotation,
as in the Babcock model and in the filament pattern low in the solar atmosphere
(cf. Bothmer and Schwenn, 1998). At higher altitudes, one can imagine the tilt of
the axis lowering toward the dotted line representing the heliomagnetic equator
as the neutral line of the filament channel maps up to the HCS. The bipolar field
line arched over each filament axis, as in the Babcock view of sunspot formation,
represents a low-level arcade. At higher altitudes, the skew of the arcade fields
increases until they point in the direction of the solar dipole component, at least until
solar maximum. This is the predicted direction of the leading field of a magnetic
cloud, as indicated. For the subsequent cycle, when the dipolar fields have the
opposite sign, the directions of both the cloud axes and their leading fields will be
reversed, which maintains the observed hemispheric pattern of handedness. While
the Figure 2 sketch does not capture the lag between filament and polar fields during
the declining phase that can account for the phase shift in the sign change of leading
fields, it is physically accurate for the ascending phase and serves as a mnemonic
device for most of the solar cycle between maxima.

2.2. MAGNETIC CONNECTIVITY TO THE SUN

Sketches of ICMEs usually show their magnetic field lines connected to the Sun
at both ends, as in Figure 1b. The degree to which this is true, our understanding
of how connections change, and implications for the heliospheric magnetic flux
budget are the respective topics of Sections 2.2.1, 2.2.2, and 2.2.3.

2.2.1. Tracing ICME Field Connections

Particles with energies higher than those that constitute the core of solar wind dis-
tributions act as field line tracers. Like core particles, they are confined to gyrating
motions about field lines; but their considerably higher velocity components result
not only in larger gyroradii but in high field-aligned speeds that create particle beams
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that give nearly instant information about solar connections. For example, solar en-
ergetic particle (SEP) events observed inside magnetic clouds give incontrovertible
evidence of field lines connected to the Sun at least on one end, as opposed to field
lines detached at both ends or closing upon themselves in plasmoids (e.g., Richard-
son, 1997; Malandraki et al., 2003; and references therein). Further discussion of
ICME tracing with particles in the SEP energy range can be found in Section 4.6 of
Wimmer-Schweingruber et al. (2006, this volume). This section focuses primarily
on the lower-energy suprathermal electrons (E�80 eV) as ICME field-line tracers.

Because fluxes are higher at lower energies, suprathermal electrons constitute a
continuous source of field-aligned particles from the Sun. They focus into beams
as their pitch angles decrease owing to decreasing magnetic field strength with dis-
tance from the Sun. While scattering processes, shocks, and other inhomogeneities
in the heliospheric magnetic field alter these beams as they propagate outward
(Wimmer-Schweingruber et al., 2006, this volume), informed use of suprather-
mal electron data have yielded a large body of information about ICME connec-
tions. Counterstreaming beams, used as one of the first widely-accepted signa-
tures of ICMEs (Gosling et al., 1987), are interpreted as a signature of closed
field lines, connected to the Sun at both ends. Unidirectional beams signal open
field lines, connected at only one end. The lack of beams, called a “heat flux
dropout” (HFD) because suprathermal electrons carry heat flux away from the
Sun, is a necessary but unfortunately not sufficient signature of field lines discon-
nected from the Sun at both ends (Crooker et al., 2002; Crooker et al., 2003; Pagel
et al., 2005; and references therein). Studies of counterstreaming suprathermal
electrons as well as higher-energy particles conclude that ICMEs contain a mixture
of open, closed, and, on rare occasions, disconnected field lines (Bothmer et al.,
1996; Larson et al., 1997, 2000; Malandraki et al., 2003; Crooker et al., 2004).
For example, in a study of 48 magnetic clouds at 1 AU, Shodhan et al. (2000)
found counterstreaming only 59% of the time, on average, leaving the clouds 41%
open.

2.2.2. Conceptual Modeling of ICME Connections

An explanation for how a coherent flux rope in the solar wind can contain a mix
of open and closed field lines, as pictured in Figure 3a, has been provided by
Gosling et al. (1995). The conceptual model is based upon an MHD simulation
of flux rope release in Earth’s magnetosphere (Hesse and Birn, 1991) in which
reconnection between differently-connected field lines occurs seemingly randomly
yet progressively disconnects closed field lines. The steps leading to disconnection
are illustrated in Figure 3b: (1) closed loops with sheared footpoints reconnect to
form a flux rope that is still connected to the Sun at both ends (i.e., closed); (2)
an open field line reconnects with a field line in one leg of the flux rope to form
an open coil; (3) an open field line reconnects with a field line in the other leg
of the flux rope to form a disconnected coil; (4) two open field lines reconnect
to form a U-shaped disconnected field line encasing the disconnected coil. Since



SOLAR IMPRINT ON ICMES 99

Figure 3. Schematic drawings of magnetic field lines in CME flux rope (Gosling et al., 1995). (a)
Coherent flux rope with open coil nested in a closed coil. (b) Four steps to disconnection: 1. partial
disconnection, two closed loops reconnect to form coil; 2. interchange reconnection, open field line
reconnects with closed coil to form open coil; 3. open field line reconnects with open coil to disconnect
coil; 4. two open field lines reconnect to form U-shaped disconnected field line.

Figure 4. Before (t1) and after (t2) solutions to the problem of magnetic flux build-up from CMEs:
(a) disconnection and (b) interchange reconnection (Crooker et al., 2002).

observations show that disconnected field lines in ICMEs are rare, steps 3 and 4 are
not important for CMEs. Steps 1 and 2, respectively called ”partial disconnection”
and ”interchange reconnection,” result in the configuration in Figure 3a and play
an important role in the heliospheric magnetic flux budget (Crooker et al., 2002),
discussed in the following section.

2.2.3. Heliospheric Magnetic Flux Budget

Without some mitigating process, the closed flux that CMEs introduce to the he-
liosphere would result in a continuous build-up of magnetic flux, which is not
observed. McComas (1995) argues that the only means of preventing flux build-up
from CMEs is to disconnect fields elsewhere through reconnection of open field
lines back at the Sun. Figure 4a illustrates the resulting U-shaped field with no
connection to the Sun (cf. step 4 in Figure 3b). The problem with this solution is
that true signatures of disconnection are rare, as mentioned in Section 2.2.1, not
only within ICMEs but throughout the solar wind. About 90% of HFDs at time
scales > 1 hr show electrons with reduced intensities and/or at higher energies still
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streaming from the Sun along what must be connected field lines (Lin and Kahler,
1992; Pagel et al., 2005).

An alternative solution to the problem of magnetic flux build-up is that the closed
field lines within ICMEs open through interchange reconnection (Gosling et al.,
1995; Crooker et al., 2002). As illustrated in Figure 4b (cf. step 2 in Figure 3b), an
open field line can reconnect with a closed field line in one leg of an ICME back
at the Sun with the result that the closed loop in the heliosphere is exchanged for a
closed loop in the solar atmosphere. This alternative solution is attractive because
interchange reconnection generates no disconnected field lines, in agreement with
the observation that they are rare, and it can continue to open CMEs well after they
have left the Sun, until they are completely open and add no flux to the heliosphere.

If interchange reconnection is the means by which the flux budget is balanced,
one might expect that ICMEs observed by Ulysses beyond 1 AU would be more
open than those at 1 AU, but this seems not to be the case. Using counterstreaming
electrons as a signature of closed fields, Riley et al. (2004) could detect no radial
trend in the degree of openness in ICMEs encountered on the way to Jupiter, and
(Crooker et al., 2004) found that magnetic clouds near 5 AU were not significantly
more open on average than those at 1 AU. Both papers conclude that the rate at
which a CME opens by interchange reconnection must slow significantly as its
leading edge moves out into the heliosphere and that it may take months to years
rather than days to open completely, leading to a temporary flux build-up that is
consistent with the factor of two solar cycle variation in heliospheric magnetic flux
(e.g., Wang et al., 2000). On the other hand, as discussed in detail by Crooker (2005),
after months to years, closed loops moving out into the heliosphere will likely lose
their counterstreaming signature and be indistinguishable from open field lines
in spacecraft measurements. The interchange reconnection that eventually opens
them will then give the signature of open field lines reconnecting, or disconnection,
which reopens the problem of finding sufficient disconnection signatures. A dif-
ferent problem arises if one argues that ICMEs should be completely open by the
time they reach 5 AU based upon estimates of the rate of interchange reconnection
at the Sun (Reinard and Fisk, 2004). Although this eliminates the need for discon-
nection signatures, it casts doubt upon the relatively robust and widely-used inter-
pretation of counterstreaming suprathermal electrons as signatures of closed fields.
Clearly current understanding of these issues leads to dilemmas that remain to be
resolved.

2.3. IMPRINT OF PLASMA ORIGINS

Progress in understanding plasma characteristics of ICMEs in terms of what we
know about CMEs has been limited owing to a number of constraints on obser-
vations. Two topics of interest concern the interpretation of elemental and ionic
composition data from ICMEs and ICME manifestations of the three-part structure
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of CMEs observed in coronagraphs. The first is treated by Wimmer-Schweingruber
et al. (2006, this volume), von Steiger and Richardson (2006, this volume), and
Gazis et al. (2006, this volume). Here, relevant to the discussion in section 2.2.2,
we note that the high charge state of heavy ions characteristic of ICMEs and in-
dicative of high-temperature origins may well be a signature of magnetic fields
reconnecting during CME liftoff, as argued by Lepri and Zurbuchen (2004).

The second topic, ICME manifestations of CME three-part structure, still raises
more questions than it answers. The classic three parts are the bright outer rim,
the dark cavity, and the bright core (see, e.g., Schwenn et al., 2006, this volume).
These have been loosely associated with the pile-up of plasma or streamer ma-
terial at the leading edge, the flux rope, and the filament, respectively, but these
associations raise unsettled issues, particularly about flux rope formation and fil-
ament structure. What is assumed to be evidence of cool filament material from
low in the solar atmosphere, for example, the presence of He+, is only rarely
found in the solar wind (Zurbuchen and Richardson, 2006, this volume; Wimmer-
Schweingruber et al., 2006, this volume), yet sometimes the bright core is a sub-
stantial fraction of the volume of an ICME. Suleiman et al. (2005) illustrate such
a case and argue that although the bright core may be filament material, it may
no longer reside on filament field lines. Through partial disconnection the fila-
ment material may gain access to the much larger flux rope formed by that pro-
cess and thus lose both its magnetic coherence and the imprint of its cold origins
(Crooker, 2005).

3. External Forces and Structures

The interaction of ICMEs with the ambient solar wind through which they prop-
agate can significantly alter their properties as well as change the solar wind
plasma itself. These interactions need to be understood in order to relate ICME
properties to properties at their solar origins and thereby learn about what causes
their generation and ejection. These interactions also tend to make ICMEs harder
to identify and study. Significant additional effects of solar wind/ICME interac-
tions include the energisation of particles by shocks (e.g., Reames, 1999), in-
creased geoeffectiveness (e.g., Webb et al., 2000; Siscoe and Schwenn, 2006,
this volume), and the enhanced blocking of energetic particle propagation (e.g.,
Ifedili, 2004).

The study of ICMEs over the last few decades has led to an increasing apprecia-
tion of the complexity that can arise from the dynamics of ICME interactions. These
interactions result in extremely structured objects which are highly undersampled
with in situ spacecraft data, and it is therefore challenging to deduce their 3D struc-
ture. Nevertheless, considerable progress has been made. Increasingly sophisticated
simulations of ICME dynamics have shown what behaviours are possible and help
interpret in situ data (see Forsyth et al., 2006, this volume). Advances have also
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been made in analytical models of magnetic flux ropes to take into account the
effects of dynamical deformation.

We consider some of the most important consequences of dynamics in this
paper. A number of related issues such as ICME deceleration and multi-spacecraft
observations are discussed by Forsyth et al. (2006, this volume).

3.1. KINEMATIC EVOLUTION

Kinematic aspects of the propagation of an ICME into interplanetary space result
in changes to its shape, independent of any interaction with the ambient plasma.
ICMEs are typically extended objects and cover a finite solid angle near the Sun.
The propagation of the ICME plasma radially away from the Sun results in a
preservation of this solid angle and a consequent increase in the extent of the ejecta
perpendicular to the radial direction. Therefore, if the ICME retains its radial extent,
it will expand into a “pancake” shape far from the Sun. This kinematic effect is
shown schematically in Figure 5(a). Riley and Crooker (2004) show that this effect
is significant by 1 AU for typical ICMEs. Radial expansion and the interaction with
the ambient solar wind will obviously also alter the ICME shape, but this simple

Figure 5. (a) Schematic of the kinematic effects of the radial expansion of ICMEs, leading to a
“pancake” shape. (b) Results of a 3D simulation of an ICME propagating through a structured solar
wind: the ICME is greatly distorted by its interaction with slow solar wind at low latitudes (after
Odstrčil and Pizzo, 1999b).
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geometrical effect implies that it is never possible to assume that ICMEs propagate
unchanged into interplanetary space.

3.2. DYNAMIC EVOLUTION

3.2.1. Overexpanding ICMEs

The simplest interplanetary signatures of ICMEs were in fact the last to be identified.
Ulysses observations within steady, high-speed solar wind at high latitudes at several
AU revealed (e.g., Gosling et al., 1998) a class of transients lasting a few days,
bounded by a forward and reverse shock, the latter being uncommon for low-latitude
ICMEs. Their internal structure was remarkably uniform, and all the events were
similar in their gross form. As with low-latitude ICMEs, around 1/3 contained
magnetic flux ropes. Perhaps most surprisingly, these events tended to have a lower
pressure inside than the ambient wind, although they were bounded by compressions
and shocks. Gosling et al. (1998) showed that these signatures were consistent with
ejecta with an initial overpressure relative to the ambient solar wind: this pressure
drives the expansion of the ICME, producing a lower density cavity. In addition,
simulations (e.g., Schmidt and Cargill, 2001) show that at least parts of ICMEs can
propagate in latitude from the streamer belt into polar solar wind (see Section 3.2.3),
so the observation of overexpanded ICMEs in high-speed wind does not imply that
they originate in coronal holes. The magnetic field of flux rope ICMEs can act to
prevent disruption of the large scale ICME structure (Cargill et al., 2000).

The remarkable similarity of the observed events implies that, in the presence of
uniform solar wind conditions, many or all ICMEs will exhibit this profile. Some
events exhibit less symmetric time profiles than others: Gosling et al. (1998) showed
that this was due to differences in the relative speeds of the solar wind and ejecta.

3.2.2. Interaction with the Ambient Solar Wind

While overexpanded ICMEs represent a particularly simple and regular class of
ejecta signatures, most observed events are more complex. This is largely due to
the complicated interactions between the ejecta and the ambient solar wind plasma.
Since many ICMEs do not travel at the same speed as the solar wind in which
they are embedded, compressions and rarefactions develop at the edges of the
events. Even simple 1D simulations (e.g., Gosling and Riley, 1996) of solar wind
dynamics show some of the possible consequences of these interactions, such as
shocks and the acceleration or deceleration of ICMEs. The ICME shape can also
be greatly distorted. Some of the consequences of these interactions are discussed
in the remainder of this paper.

3.2.3. Low- and High-Latitude Manifestations of the Same ICME

The observation of relatively simple overexpanded ICMEs in high-latitude fast
wind and much more complex structures at low latitudes raises the question as to
whether these are two different classes of events or simply different manifestations
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of the same phenomenon. Observations of the same ICME at high and low latitudes
(Hammond et al., 1995) show that these can be the same phenomenon, highlighting
the importance of the ambient solar wind in determining the in situ signature of
an ICME. As mentioned in Section 3.2.1, simulations (Riley et al., 1997; Schmidt
and Cargill, 2001) show that ICMEs launched from within the streamer belt can
partially penetrate the stream interface and enter high-speed polar wind, resulting in
an ICME with different signatures in fast and slow wind, as observed (see Section
4.3 of Forsyth et al., 2006, this volume). When an ICME propagates within streams
of different speeds, shear of the structure results from the effect of drag to bring
speeds closer to that of the ambient solar wind.

The complexity that can arise from ICME-solar wind interactions, and the differ-
ent character of a single ICME at different locations, is shown in the 3D simulation
result in Figure 5(b), taken from Odstrčil and Pizzo (1999b). At high latitudes,
the ICME resembles the kinematic ICME in Figure 5(a), although with a larger
extent due to expansion caused by internal overpressure. At lower latitudes, the
ICME is heavily distorted by solar wind interactions. Such simulations highlight
the difficulties in interpreting in situ ICME data.

3.2.4. Folded Flux Ropes

If the footpoints of an ICME flux rope are rooted in the Sun, as sketched in Figure 2
of Zurbuchen and Richardson (2006, this volume), then solar rotation would be
expected to cause distortion in the structure, just as the large scale magnetic field
tends to form Archimedean (Parker) spirals. Such effects are seen in 3D simulations
(Vandas et al., 2002). Consistent with this view, Owens et al. (2004) suggested
that west flank passages through ICMEs were around twice as common as east
flank. In principle, it could be possible for a single spacecraft to pass through both
legs of the same magnetic cloud, as suggested by Crooker et al. (1998) on the
basis of mirror symmetric patterns in magnetic field elevation angle coincident
with counterstreaming electrons trailing magnetic clouds. However, since several
ICMEs often exist close to each other, it is difficult unambiguously to distinguish
two encounters with one cloud from two separate events. A necessary but not
sufficient test is for both events to exhibit the same handedness. Rees and Forsyth
(2004) describe two such examples in Ulysses data, while Kahler et al. (1999)
found only one in 8 possible cases in ISEE 3 data.

3.2.5. Modelling Dynamic Effects: Non-Circular Flux Rope Models

Analysis of ICMEs has often concentrated on magnetic flux ropes, despite their
occurrence in only around 1/3 to 1/2 of apparent events, for a number of reasons:
the relative simplicity of identifying flux ropes; their presumed relation to magnetic
structures at the Sun; and because by fitting analytical models to their profiles, it is
possible to estimate parameters such as the location and orientation of the rope’s
axis. The earliest models of flux ropes (e.g., Burlag, 1988) assumed circular cross
sections: these often result in good agreement with observations, but deformation
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from this shape will occur as a result of both kinematics and dynamics. There is
evidence that this deformation can lead to systematic errors in estimates of flux rope
parameters derived from circular cross section models. As a result, considerable
efforts have been made to extend models to include elliptical cross sections (e.g.,
Mulligan et al., 2001; Hidalgo et al., 2002). A more generalised fitting method (Hu
and Sonnerup, 2002), assuming 2 1

2 D variations, has recently been developed and
shows considerable promise. These models are discussed further by Forbes et al.
(2006, this volume).

3.3. SHEATHS AND SHOCKS

Both ICME propagation at a speed different from the ambient solar wind and
elevated internal pressure result in compressions and rarefactions. Passage of com-
pressed solar wind plasma and magnetic field in sheath regions upstream of ICMEs
at 1 AU can last for many hours. If this compression is strong, the magnetic field can
be much larger than typical and, hence, geoeffective (e.g., Tsurutani et al., 1999;
Siscoe and Schwenn, 2006, this volume). The orientation of the plane of compres-
sion in which the magnetic field in the sheath is forced to lie can be determined by
minimum variance analysis and used to estimate the local orientation of the leading
edge of an ICME (Jones et al., 2002; Section 4.3 of Wimmer-Schweingruber et al.,
2006, this volume).

The shocks driven by speed and pressure differences between the ICME and the
surrounding solar wind can propagate significant distances away from the ejecta
itself, both radially and perpendicular to the flow. Simulations (e.g., Odstrčil and
Pizzo, 1999a) show that the shock and resulting compression can result in profiles
in the solar wind which might be mistaken for passage through the ejecta itself.
This may explain events such as that reported by Richardson et al. (1994) when two
spacecraft encountered a shock but only one entered ejecta material. In principle,
composition signatures can help to distinguish these cases, since the sheath, being
compressed solar wind, should retain solar wind composition. For example, Borrini
et al. (1982) used enhancements of He/H to identifiy ejecta following shocks and
explained the large number of shocks without this marker (48 out of 91) in terms
of the much larger extent of shocks compared to ejecta. It is highly likely, however,
that some ejecta went undetected owing to the variability of composition patterns
in ICMEs (Wimmer-Schweingruber et al., 2006, this volume; Crooker, 2005).

3.4. RECONNECTION

Both simulations and some limited observations suggest that reconnection occurs
around and within ICMEs. The large compression ahead of some ICMEs would
be expected to trigger reconnection between ICME and sheath magnetic field if
their orientations were favourable. McComas et al. (1994) presented suprathermal
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electron data which could be interpreted as signatures of reconnection ahead of an
ICME. Simulations (Cargill and Schmidt, 2002) show that reconnection can occur
at the flanks of ICMEs, particularly if they are traveling through the streamer belt.
Simulations also imply that reconnection can occur within ICMEs owing to shear by
background solar wind inhomogeneity (Schmidt and Cargill, 2001). (See Sections
4.2 and 4.3 of Forsyth et al. (2006, this volume) for examples of simulation results.)
Farrugia et al. (2001) have discussed one possible signature of such an event, and
more direct evidence has been reported recently by Gosling et al. (2005). Behind
ICMEs, simulations by Riley et al. (2002) indicate that the in situ signatures of
partial reconnection back at the Sun (section 2.2.2) would be a slight velocity and
density increase trailing an ICME as a result of an outward reconnection jet. Such
signatures have been seen in spacecraft data, but only rarely (Riley et al., 2002).

3.5. INTERACTIONS OF MULTIPLE ICMES

The ejection of multiple CMEs from the vicinity of individual active regions over
several days, combined with their variable velocities and large angular extent, makes
it inevitable that ICMEs will sometimes interact. Indeed, as ICMEs propagate into
the outer heliosphere, they merge and interact with CIRs and other ICMEs to
form global merged interaction regions (GMIRs) – these effects are discussed by
Gazis et al. (2006, this volume). Like ICME/solar wind interactions, ICME/ICME
interactions can also result in complicated structures and spacecraft signatures. For
example, Kahler et al. (1999) used bidirectional electron fluxes to argue that some
magnetic clouds are in fact multiple events. Hu et al. (2003) used the reconstruction
technique of Hu and Sonnerup (2002) to infer a double rope structure of a magnetic
cloud at 1 AU.

Burlaga et al. (2002) discussed three sets of multiple halo CMEs and their
associated ejecta at 1 AU. They showed that the ejecta were “complex,” being
fast (> 600 km/s) events that were not magnetic clouds. These events typically
showed substructure in parameters such as composition and density, suggesting
that they were formed from several structures. They emphasised the challenges in
quantitatively describing such events.

Simulations, again, reveal some of the possible consequences of multiple ICME
interactions, such as shocks propagating through ejecta (Odstrčil et al., 2003) – and,
if two flux ropes are of the same chirality and polarity, the merging and reconnection
of ICMEs (Schmidt and Cargill, 2004).

3.5.1. Interacting ICMEs as Particle Accelerators

Gopalswamy et al. (2002a) showed that radio emission occurred at around 10 solar
radii when two CMEs came into contact and argued that this was due to either re-
connection or the formation of a shock at this location. Gopalswamy et al. (2002b)
argued that when one CME overtakes a second, slower event, solar energetic particle
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acceleration is significantly increased. However, this conclusion was recently dis-
puted by Richardson et al. (2003) and remains controversial.

4. Conclusion

There is little question that ICMEs are the interplanetary manifestations of CMEs,
but both simulations of their propagation and observations of their complicated
signatures indicate that they evolve substantially as they move out into the helio-
sphere. Magnetic field lines change their connections, the imprint of the magnetic
field at their source weakens, shapes and structures distort, and particles accelerate.
It appears that many aspects of that evolution can be understood in terms of phe-
nomenological models – a first step toward the long-term goal of understanding in
terms of fundamental physical processes – but a number of basic questions remain.
Some of the more important of these questions concern how long field lines remain
connected to the Sun at both ends, the fate of filament plasma, and the degree to
which simulations represent the actual distortion of ICMEs.
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The authors thank D. Odstrčil for providing Figure 5(b) and the International Space
Science Institute, Bern, for their support of this work. T. Horbury is supported by a
PPARC (UK) Fellowship and N. Crooker by the (US) National Science Foundation
grant ATM-0119700.

References

Borrini, G., Gosling, J. T., Bame, S. J., and Feldman, W. C.: 1982, J. Geophys. Res. 87(16), 4365.
Bothmer, V., Desai, M. I., Marsden, R. G., Sanderson, T. R., Trattner, K. J., Wenzel, K.-P., et al.:

1996, Astron. Astrophys. 316, 493.
Bothmer, V. and Rust, D. M.: 1997, In: Crooker, N. U., Joselyn, J. A., and Feynman, J. (eds.): Coronal

Mass Ejections, Geophys. Monogr. Ser., Vol. 99. Washington, D. C.: AGU, pp. 137.
Bothmer, V. and Schwenn, R.: 1998, Ann. Geophys. 16, 1.
Burlaga, L. F.: 1988, J. Geophys. Res. 93(12), 7217.
Burlaga, L. F., Plunkett, S. P., and St. Cyr, O. C.: 2002, J. Geophys. Res. 107(A10),

10.1029/2001JA000255.
Cargill, P. J., Schmidt, J., Spicer, D. S., and Zalesak, S. T.: 2000, J. Geophys. Res. 105(A4), 7509.
Cargill, P. J. and Schmidt, J. M.: 2002, Ann. Geophys. 20, 879.
Crooker, N. U.: 2000, J. Atmos. Sol. Terr. Phys. 62, 1071.
Crooker, N. U.: 2005, In: Solar Wind Eleven. ESA Spac. Publ. 592, pp 289–295.
Crooker, N. U., Forsyth, R., Rees, A., Gosling, J. T., and Kahler, S. W.: 2004, J. Geophys. Res.

109(A18), 10.1029/2004JA010426.
Crooker, N. U., Gosling, J. T., and Kahler, S. W.: 1998, J. Geophys. Res. 103(12), 301.



108 N. U. CROOKER AND T. S. HORBURY

Crooker, N. U., Gosling, J. T., and Kahler, S. W.: 2002, J. Geophys. Res. 107(A2),
10.1029/2001JA000236.

Crooker, N. U., Larson, D. E., Kahler, S. W., Lamassa, S. M., and Spence, H. E.: 2003, Geophys. Res.

Lett. 30, 10.1029/2003GL017036.
Farrugia, C. J., Vasquez, B., Richardson, I. G., Torbert, R. B., Burlaga, L. F., Biernat, H. K., et al.:

2001, Adv. Space. Res. 28, 759.
Forbes, T. G., Linker, J. A., et al.: 2006, Space Sci. Rev., this volume, 10.1007/s11214-006-9019-8.
Forsyth, R. J., Balogh, A., Smith, E. J., and Gosling, J. T.: 1997, Geophys. Res. Lett. 24, 3101.
Forsyth, R. J., Bothmer, V., et al.: 2006, Space Sci. Rev., this volume, 10.1007/s11214-006-9022-0.
Gazis, P. R., Balogh, A., et al.: 2006, Space Sci. Rev., this volume, 10.1007/s11214-006-9023-z.
Gopalswamy, N., Lara, A., Yashiro, S., and Howard, R. A.: 2003, Astrophys. J. 598, L63.
Gopalswamy, N., Yashiro, S., Kaiser, M. L., Howard, R. A., and Bougeret, J.-L.: 2002a, Geophys.

Res. Lett. 29, 10.1029/2001GL013606.
Gopalswamy, N., Yashiro, S., Michalek, G., Kaiser, M. L., Howard, R. A., Reames, D. V., et al.:

2002b, Astrophys. J. 572, L103.
Gosling, J. T., Baker, D. N., Bame, S. J., Feldman, W. C., Zwickl, R. D., and Smith, E. J.: 1987, J.

Geophys. Res. 92(11), 8519.
Gosling, J. T., Birn, J., and Hesse, M.: 1995, Geophys. Res. Lett. 22, 869.
Gosling, J. T. and Riley, P.: 1996, Geophys. Res. Lett. 23, 2867.
Gosling, J. T., Riley, P., McComas, D. J., and Pizzo, V. J.: 1998, J. Geophys. Res. 103(12), 1941
Gosling, J. T., Skoug, R. M., McComas, D. J., and Smith, C. W.: 2005, J. Geophys. Res. 110(A9),

10.1029/2004JA010809.
Hammond, C. M., Crawford, G. K., Gosling, J. T., Kojima, H., Phillips, J. L., Matsumoto, H., et al.:

1995, Geophys. Res. Lett. 22, 11690
Hesse, M. and Birn, J.: 1991, J. Geophys. Res. 96(15), 5683.
Hidalgo, M. A., Nieves-Chinchilla, T., and Cid, C.: 2002, Geophys. Res. Lett. 29,

10.1029/2001GL013875.
Hu, Q., Smith, C. W., Ness, N. F., and Skoug, R. M.: 2003, Geophys. Res. Lett. 30,

10.1029/2002GL016653.
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September in Alcala, Spain). The primary purpose of the CDAWs was to address the ques-
tion whether all CMEs have a flux rope structure. Each CDAW was attended by about 50
scientists interested in the origin, propagation, and interplanetary manifestation of CME
phenomena.

The backbone of the workshop was a set of 59 interplanetary CMEs (ICMEs) that were
driving shocks at Sun–Earth L1 as detected by one or more of the Solar Heliospheric Ob-

servatory (SOHO), Wind, and the Advanced Composition Explorer (ACE). The CME-ICME
pairs were selected from a set identified by Gopalswamy et al. (2010) based on the criterion
that the source location should be within ±15◦ longitude from the disk center. Many of
the papers in this TI used these CME-ICME pairs, referred to as CDAW Events. A revision
of the source locations made during the CDAWs reduced the list to 54 events. According
to the classical definition of Burlaga et al. (1981), 23 ICMEs were classified as magnetic
clouds (MCs), the remaining 31 were non-MCs. The reason for limiting the longitude range
to ±15◦ is that disk-center CMEs are more likely to be identified as MCs according to the
geometrical hypothesis that all ICMEs are flux ropes but appear as non-ropes because of
observational limitations. The events all occurred during Solar Cycle 23 (bounded by the
launch of SOHO to the end of 2005) with exceptional in-situ measurements and remote-
sensing observations for each. The remote-sensing observations include Hα, EUV, white-
light, microwave, and X-ray images from ground- and space-based instruments.

Yashiro et al. (2013) focused on the structure of post-eruption arcades (PEAs) associ-
ated with MC and non-MC CMEs and found that one cannot distinguish between these
two classes of events based on flare data. Gopalswamy et al. (2013) compared the Fe and
O charge states in MCs and non-MCs and found that an enhanced charge state is a com-
mon characteristic of both types of ICMEs. They also concluded that the non-rope models
involving magnetic loop expansion are inconsistent with non-MCs because the observed
charge state and CME kinematics do not support such a model. Xie, Gopalswamy, and
St. Cyr (2013) were able to fit a flux rope to CMEs associated with MCs as well as non-
MCs and showed evidence that the propagation effects might turn them into MCs and non-
MCs; specifically, that CMEs associated with non-MCs are generally deflected away from
the Sun–Earth line, while those associated with MCs were unaffected or were deflected to-
ward the Sun–Earth line (Mäkelä et al., 2013). This result was also supported by the fact
that the direction parameter is larger for CMEs associated with MCs than for the non-MC
CMEs (Kim et al., 2013). Zhang, Hess, and Poomvises (2013) presented a case study of
two ICMEs and also concluded that the difference between the two events observed in situ

can be explained by the deflection of flux ropes en route to Earth. Cho et al. (2013) deter-
mined the helicity signs in the source active regions of the CDAW events by estimating the
cumulative magnetic helicity injected through the photosphere. They found that in 88 % of
the cases, the ICME helicity signs are consistent with those of the solar source regions. The
authors also suggested that one or more of the following could have caused the deviation in
the remaining cases: incorrect identification of the CME source region, a local helicity sign
opposite to that of the entire active region, and the helicity sign of the pre-existing coronal
magnetic field opposite to the sign of the photospheric helicity injection.

All CDAW events were analyzed using four different magnetic field models and recon-
struction techniques: force-free fitting, magnetostatic reconstruction using a numerical so-
lution to the Grad–Shafranov equation, fitting to a self-similarly expanding cylindrical con-
figuration, and elliptical, non-force-free fitting (Al-Haddad et al., 2013). Hidalgo, Nieves-
Chinchilla, and Blanco (2013) used an analytical flux rope model to fit the observations and
found that the majority of CDAW events contain flux ropes. They also found that the flux-
rope noses are generally oriented along the Sun–Earth line. Blanco et al. (2013) studied the
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Forbush decrease in cosmic rays triggered by the passage of the CDAW events at Earth and
found that only 25 % displayed a noticeable decrease. They also found that MCs are more
effective in causing Forbush decreases.

The TI also includes papers that expand the context of the CDAW events: Vourlidas et al.

(2013) presented a statistical analysis of all white-light CMEs observed by SOHO, assisted
by 3D MHD simulations. They suggested that a flux rope can be defined as a coherent
magnetic twist-carrying coronal structure with angular width of at least 40◦, which is able
to reach beyond 10 Rs. Isavnin, Vourlidas, and Kilpua (2013) studied 15 ICMEs in Solar
Cycle 24, comparing the three-dimensional parameters of CMEs from imaging and in situ

reconstructions, and focusing on propagation effects. They were able to confirm the flux-
rope deflection toward the equator and its rotation. Riley and Richardson (2013) analyzed
Ulysses spacecraft measurements to assess five possible explanations for why some ICMEs
are observed to be MCs and others are not. They concluded that it is difficult to choose
between the geometrical hypothesis discussed above and the possibility that there are two
distinct initiation mechanisms – one producing MCs, the other non-MCs. Romashets and
Vandas (2013) considered a linear force-free configuration consisting of a cylindrical flux
rope combined with a compact toroid. This model can be applied for the interpretation of
some features observed in solar flux ropes, including prominences. Berdichevsky (2013)
studied the isotropic evolution of flux ropes and attempted to estimate the mass of ICMEs.
Osherovich, Fainberg, and Webb (2013) provided observational support for a double helix
structure within CMEs and MCs. Hu et al. (2013) examined the effect of electron pressure
on the Grad–Shafranov reconstruction of ICMEs and found that it contributes to a 10 – 20 %
discrepancy in the derived physical quantities, such as the magnetic flux content of the ICME
flux rope observed at 1 AU.

As in the cases of previous CDAWs, the data collected for the Flux Rope CDAWs
are available online: http://cdaw.gsfc.nasa.gov/meetings/2010_fluxrope/LWS_CDAW2010_

ICMEtbl.html.
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Abstract We compare recent observations of a solar eruptive prominence as seen in
extreme-UV light on 30 March 2010 by the Solar Dynamics Observatory (SDO) with the
multi-tube model for interplanetary magnetic clouds (Osherovich, Fainberg, Stone, Geo-

phys. Res. Lett. 26, 2597, 1999). Our model is based on an exact analytical solution of
the plasma equilibrium with magnetic force balanced by a gradient of scalar gas pressure.
Topologically, this solution describes two magnetic helices with opposite magnetic polarity
embedded in a cylindrical magnetic flux tube that creates magnetic flux inequality between
the two helices by enhancing one helix and suppressing the other. The magnetic field in
this model is continuous everywhere and has a finite magnetic energy per unit length of the
tube. These configurations have been introduced as MHD bounded states (Osherovich, Soln.

Dannye 5, 70, 1975). Apparently, the SDO observations depict two non-equal magnetically
interacting helices described by this analytical model. We consider magnetic and thermo-
dynamic signatures of multiple magnetic flux ropes inside the same magnetic cloud, using
in situ observations. The ratio of magnetic energy density to bulk speed solar wind energy
density has been defined as a solar wind quasi-invariant (QI). We analyze the structure of
the QI profile to probe the topology of the internal structure of magnetic clouds. From the
superposition of 12 magnetically isolated clouds observed by Ulysses, we have found that
the corresponding QI is consistent with our double helix model.
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1. Introduction

This paper invokes a particular double-helix bounded state solution to an MHD force balance
equation (Krat and Osherovich, 1978; Osherovich, Fainberg, and Stone, 1999) and shows
that this solution’s multi-tube magnetic topology explains a number of plasma, magnetic
field, and radio wave signatures observed in some coronal mass ejections (CMEs) and mag-
netic clouds. After a detailed review of the double helix solution (Section 2), we consider
the first observational example: extreme UV observations from SDO on 30 March 2010
of erupting solar prominence material that shows a winding double helix structure (Sec-
tion 3). As a second example, we consider the 10 – 13 June 1993 magnetic cloud observed
by Ulysses at 4.6 AU out of the ecliptic plane (Section 4). Fainberg et al. (1996) have shown
that inside this cloud there are two regions each with a polytropic relation between electron
temperature Te and density Ne. The presence of two polytropes with the first polytrope ob-
servations lasting about two days and the second polytrope lasting about one day has been
interpreted as a signature of two magnetic flux tubes inside the same cloud with an order-of-
magnitude increase of density on the magnetic separatrix situated on the boundary between
the tubes (which we call a divider). Magnetic boundaries (defined by the smooth rotation of
vector B) coincide with the boundaries of the two polytropes. The same boundaries can be
seen both in the ratio of electron temperature Te to proton temperature Tp (Te/Tp > 1 inside
the cloud except at the divider) and in the sharp interruption of ion-acoustic waves in the
sheath of the magnetic cloud where Te/Tp < 1. Landau damping suppresses ion-acoustic
waves inside the sheath on both sides of the cloud (Stone et al., 1995). In addition to con-
sidering separately the magnetic field and thermodynamic signatures of the two tubes inside
the 10 – 13 June 1993 Ulysses magnetic cloud, we also look at the solar wind quasi-invariant
(QI) defined as a ratio of the magnetic energy density to the energy density of the bulk flow
of the solar wind (Osherovich, Fainberg, and Stone, 1999). The profile of QI for this cloud
is consistent with the two-tube interpretation. As a third example of observational evidence
of the double-helix topology of some magnetic clouds, we consider the superposition of QI
for 12 magnetic clouds observed by Ulysses. The double-peak structure of the resulting QI
profile we interpret as statistical evidence of the two-magnetic-tube topology with one tube
twice as large in diameter as the other. The relation of our double-helix model with other
models as well as possible directions for future research are discussed in Section 5.

2. Double-Helix Solution as an MHD Bounded State

Applying MHD equations in solar and heliospheric physics as well as in astrophysics in
general does require some discussion. The equilibrium between the magnetic force and gra-
dient of gas pressure P is described by a nonlinear system of partial differential equations
for three components of magnetic field B (vector) and the scalar pressure function P :

1

4π
(∇ × B) × B = ∇P (cgs units), (1)

∇ · B = 0. (2)
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This system of four equations for four functions is applied to magnetically confined plasma
in laboratory experiments. For axially symmetric configurations, it has been found (Chan-
drasekhar and Prendergast, 1956) that the system, Equations (1) – (2), has two integrals that
must be defined before attempting to solve these equations. After defining these two inte-
grals, we have to define the boundary conditions. In laboratory experiments, metal walls
confine the magnetic structure. By truncating the magnetic field on those conducting sur-
faces, surface currents are introduced. Effectively, this approach guarantees a finite magnetic
energy of the whole configuration, but it introduces some elastic forces defined by the shape
of the metal container. These forces are difficult to identify in space plasmas. This problem
is known from modeling quiescent prominences. Locally, the magnetic force supports the
heavy prominence. But one must introduce forces different from gravity, gradient of gas
pressure, and magnetic force to support the whole configuration if one chooses to truncate
the magnetic field on some surface that surrounds the prominence.

To avoid the truncation of B, different boundary conditions have been put forward (Os-
herovich, 1975). By requiring B to be continuous everywhere, but yet having finite magnetic
energy, this approach has led to MHD bounded states as a new type of exact MHD solutions.
For a cylindrical magnetic flux rope (coordinate z along the axis) the finite energy require-
ment reduces to the requirement of finite magnetic energy per unit length in the z-direction.
The equilibrium system, Equations (1) – (2), with these boundary conditions and the spe-
cific choice of two integrals mentioned above has been reduced to a Schrödinger-type equa-
tion for an oscillator. The ground-state solution describes a single magnetic toroid; the first
excited-state solution describes two interacting toroids with application to sunspot groups
(Krat and Osherovich, 1976).

Several models in solar physics and astrophysics have been developed based on MHD
bounded state solutions. These are

i) sunspot models, including the return-flux sunspot model (Osherovich, 1975, 1982a; Krat
and Osherovich, 1978; Osherovich and Lawrence, 1983);

ii) the solar prominence model based on eigenvalue solutions that describe single and mul-
tiple flux ropes in Cartesian coordinates with one ignorable coordinate in constant grav-
itational field (Osherovich, 1985, 1989);

iii) the multi-toroidal model for coronal loops and transients [coronal mass ejections
(CMEs)], which used a similarity assumption for time-dependent solutions (Osherovich,
1982b);

iv) the solar flare model with helicity conservation (Gliner and Osherovich, 1995); and
v) the multi-tube model for interplanetary magnetic clouds (Osherovich, Fainberg, and

Stone, 1999).

Gliner (1984) has also used MHD bounded states in a study of the combined effect of po-
tential and non-potential magnetic fields on equilibrium in stellar atmospheres.

We briefly review this multi-tube model based on the MHD ground-state solution with
helical symmetry, which we apply below to optical observations of a CME and heliospheric
in situ observations of magnetic clouds. It is known that not all CMEs become magnetic
clouds; however, most of the strong magnetic storms (Dst < −100 nT) are associated with
magnetic clouds, which makes them particularly interesting for us.

Introducing a helical variable

ξ ≡ κz − mφ, (3)

where κ is constant, m is an integer = 1,2, . . . and φ is the azimuthal angle in the cylindri-
cal coordinate system, Johnson et al. (1958) reduced Equations (1) – (2) to a single partial
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differential equation for a magnetic flux function ψ

1

R

∂2ψ

∂ζ 2
+

1

R

∂

∂R

[

R

κ2R3 + m2

∂ψ

∂R

]

+ 4π
dP

dψ
+

J

κ2R2 + m2

dJ

dψ

+
2κmJ

(κ2R2 + m2)2
= 0 (4)

where P (ψ) and J (ψ) are the two integrals that must be chosen together with the boundary
conditions to search for solutions of the initial system of Equations (1) – (2). The compo-
nents of B can be found from ψ using three equations:

BR =
1

R

∂ψ

∂ξ
, (5)

m
Bϕ

R
− κBz =

1

R

∂ψ

∂R
, (6)

and

mBz + κRBϕ = J. (7)

For the choice (Krat and Osherovich, 1978)

P = P0 −
κ2

32π
ψ2, (8)

J =
3

2κ
ψ, (9)

where P0 is constant, Equation (4) has been reduced to a Schrödinger-type linear partial
differential equation and solved analytically. The ground-state solution is

ψ

ψ0
=

[

(κR)2 − 1 + x0
κR cos ξ

√
2

]

exp

(

−(κR)2

4

)

, (10)

where ψ0 and x0 are constants. The corresponding magnetic field components are

Bz

B0
=

[

−1.5
(κR)2

2
+

x0(κR) cos ξ

2
√

2

]

exp

(

−(κR)2

4

)

, (11)

Bϕ

B0
=

[

κR +
x0 cos ξ

√
2

]

exp

(

−(κR)2

4

)

, (12)

BR

B0
= −x0

√
2 sin ξ exp

(

−(κR)2

4

)

, (13)

where B0 is constant. More general analytical solutions of Equation (4) can be found in
Woolley (1975).

With Equations (10) – (13) for the magnetic field and Equation (8) for gas pressure, we
can compare our double helix model with observations. In Figures 1 and 2 we show dif-
ferent elements of our double-helix model. In this model, magnetic surfaces can be found
when the magnetic flux function ψ is kept constant. For x0 = 0, ψ depends on R only and
the magnetic surfaces are cylindrical. The corresponding non-zero components of magnetic
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Figure 1 (a, b, c) Two
non-equal helical tubes. (a) Large
helix represented by the first
magnetic surface formed by
magnetic lines. (b) Small helix
represented by another magnetic
surface. (c) Combination of the
two helices.

field strength Bz(R) and Bϕ(R) are given by Equations (11) – (12). Thus, for x0 = 0, we
have a cylindrical flux rope with a deficit of gas pressure described by Equation (8). For
x0 �= 0, Equation (10) describes a double-helix magnetic structure embedded in a cylindri-
cal flux rope that enhances one helix and reduces the other. This is how the two non-equal
helices shown in Figure 1 are formed. The corresponding cross section (perpendicular to
the z-axis) in Figure 2b shows the results for the magnetic field surfaces. The numbers in
Figures 1a, b, c and 2b represent values of ψ/ψ0 of Equation (10). In Figure 1, adapted
from Osherovich, Fainberg, and Stone (1999), x0 is chosen to be five. The magnetic and
thermodynamic structures have the same double-helix topology. According to Equation (4),
magnetic surfaces coincide with isobaric (constant P ) surfaces. The profiles of pressure
deficit 
P (Figure 2a) for our solution with x0 = 5 show two non-equal minima of gas
pressure


P ≡ −
κ2

32π
ψ2 (14)

for two helices separated by a gas pressure increase (pressure “pulse”).

3. Extreme UV Observations from SDO on 30 March 2010

The Solar Dynamics Observatory (SDO: Pesnell, Thompson, and Chamberlin, 2012) has
been launched in February 2010. Figure 3 shows an extreme UV picture of an eruptive
prominence taken by the SDO Atmospheric Imaging Assembly (AIA: Lemen et al., 2012)
on 30 March 2010. This image of an eruptive prominence (which we consider to be a CME)
does not represent the magnetic measurements of the structure, but rather the thermody-
namic consequences of the double-helix magnetic field, i.e., the variations of temperature
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Figure 2 Two-helix
magnetostatic solution:
(a) Pressure deficit for the
solution that describes two
non-equal helices of opposite
polarity embedded in a
cylindrical flux rope.
(b) Contours of the magnetic flux
function for the cross section in
the plane perpendicular to the
axis of the cylinder. A cylindrical
flux rope wraps around the two
helices (adapted from
Osherovich, Benson, and
Fainberg, 2005).

Figure 3 A solar eruptive
prominence, with double helix
appearance, as seen in extreme
UV light (304 Å) on 30 March
2010 by SDO/AIA (with Earth
superimposed for a sense of
scale; source NASA website,
http://sdo.gsfc.nasa.gov/

firstlight).

and density in the corona associated with the eruption. It is also true that the filamentary
structure and the overall shape and location of the prominence material is related to the
magnetic structure in some way. We believe that the double-helix structure of the extreme
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UV emission in Figure 3 is consistent with the magnetic field topology of our model for a
CME.

4. Possible Double-Helix Topology of Isolated Magnetic Clouds Observed by Ulysses

Most of the research for CMEs and ICMEs has been performed for a single magnetic flux
rope (Lepping, Jones, and Burlaga, 1990; Marubashi, 1996; Shimazu and Vandas, 2002;
Berdichevsky, Lepping, and Farrugia, 2003, and references in a review by Osherovich and
Burlaga, 1997). Farrugia, Osherovich, and Burlaga (1995) effectively ended the long com-
petition between the spheromak and magnetic flux tube topology in favor of the latter. Even
within the concept of a single flux rope (not necessarily cylindrical and possibly curved as
part of a large toroidal structure), determining the tube boundaries from the in situ plasma
and magnetic field measurements is a difficult task. Our suggestion of a double-helix topol-
ogy for some magnetic clouds requires that we identify the boundaries for each helix. Sec-
tions 4.1 and 4.2 are devoted to this problem.

4.1. Multiple Polytropes and Tubes Within a Magnetic Cloud

The first observational evidence that there are two interacting magnetic tubes within a
magnetic cloud (possibly two helices, according to the multi-tube model of Osherovich,
Fainberg, and Stone, 1999) came from measurements of the electron temperature Te and
the proton temperature Tp in the 10 – 13 June 1993 cloud observed by Ulysses at 4.6 AU.
Fainberg et al. (1996) have found that the log–log plot of Te vs. Ne for this Ulysses

magnetic cloud has two straight lines (Figure 4a). Previous observations at 1 AU (Os-
herovich et al., 1993) had only one straight line, which was interpreted as a consequence
of a polytropic relation Pe ∝ N

γe
e with the polytropic index γe < 1 where Pe is the to-

tal electron pressure and Te is the total moment electron temperature. The theoretical in-
terpretation with γe < 1 in turn has been drawn from a self-similar model based on an
exact MHD solution for magnetic flux ropes (Farrugia, Osherovich, and Burlaga, 1995;
Osherovich and Burlaga, 1997 and references therein) Fainberg et al. (1996) have found
that for the first two days inside the cloud

Pe1 = F1N
γ1
e1 , (15)

and for the last day

Pe2 = F2N
γ2
e2 , (16)

where γ1 = 0.35 was close to γ2 = 0.37. However, the entropy coefficient F1 was found
to be 60 % higher than F2. This is why the two suggested polytropes in Figure 4a ap-
pear as two parallel straight lines. Fainberg et al. (1996) pointed out the non-Maxwellian
nature of the electron distribution as a possible reason for γe < 1 and the unusual anti-
correlation of Te and Ne. Indeed, the dominant component of pressure is from the electrons
where for this cloud Te/Tp ∼ 20 (see Figure 5A); also, the electrons gain 50 % of their
pressure from the core distribution (Maxwellian portion) and 50 % from the halo distribu-
tion (non-Maxwellian portion). Because CMEs and their interplanetary counterparts ICMEs
(with magnetic clouds among them) all have a coronal origin, our results are related to
the fundamental work of Scudder (1992) concerning non-Maxwellian distributions as an
explanation of the inverse temperature density relation in stellar coronas. Further analy-
sis reported by Sittler and Burlaga (1998) for electrons in magnetic clouds observed by
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Figure 4 Magnetic cloud
observed by Ulysses on 10 – 13
June 1993. (a) Log–log plot of Te
vs. Ne shows two polytropes: the
first for the period 10 – 11 June
1993, the second for 11 – 13 June
1993 (after Fainberg et al., 1996).
(b) Total magnetic field of the
cloud (after Osherovich,
Fainberg, and Stone, 1999).
(c) Radial, tangential and normal
components of the magnetic field
in the heliospheric system of
coordinates. The position of the
suggested separatrix is marked
by fast rotation of B. (d) The
proton density.

Voyager 2 has confirmed γe < 1 as a consequence of the non-Maxwellian energy distri-
bution. Later, for Wind spacecraft observations of magnetic clouds, Nieves-Chinchilla and
Viñas (2008) have arrived at the same conclusion, and they refer to attempts to explain the
Te vs. Ne anti-correlation without invoking non-Maxwellian distributions. For most of the
above research, γe was found to be about 0.5. The discovery of two polytropes inside the
same magnetic cloud opened up a new opportunity to study the topology of these objects.
Not only the existence of multiple magnetic tubes inside the same cloud, but also their
boundaries have been determined from the log–log plot of Te vs. Ne. Fainberg et al. (1996)
have found that the beginning of the first polytrope marks the beginning of the magnetic
cloud as determined from the sharp decrease of Tp (usual method of determining magnetic
cloud boundaries). Burlaga et al. (1981) defined magnetic clouds and included i) a magnetic
field enhancement, ii) smooth rotation of B, and iii) a low proton temperature Tp. An en-
hancement of B began one day before Ulysses entered the magnetic cloud of 10 – 13 June
1993 and this enhancement lasts for five days (Figure 4b). From the beginning of the B

enhancement to the Tp drop (one-day interval) there is a sheath that is dominated by pro-
tons (Te/Tp < 1), as shown in Figure 5A. A similar one-day sheath follows the back of
this cloud. Fainberg et al. (1996) showed that from the beginning of the sheath, B rotates,
but the rotation is not smooth. The beginning of smooth rotation marks the front boundary
of the cloud, which coincides with drop of Tp. These two definitions of a magnetic cloud
front boundary correspond remarkably well to the beginning of the first tube polytrope in
Figure 4a. Effectively, the beginning of the polytrope with γe < 1 presents a third method
for determining the front boundary of a magnetic cloud. The end of the first polytrope is
marked by the loss of smooth rotation for approximately 40 minutes. This large non-smooth
rotation of B shown in Figure 4c was interpreted by Fainberg et al. (1996) as an indica-
tion of a magnetic separatrix that is also marked by an order-of-magnitude increase of Np
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Figure 5 (A) Electron–ion
temperature ratio (Te/Tp) during
the interval June 1993 (day 159
to 165), provided by the Ulysses

solar wind plasma instrument.
(B) Dynamic spectrum of electric
field data from 0.5 to 10 kHz
during the same interval showing
intense wave activity occurring
throughout the interval that the
spacecraft was inside the
magnetic cloud. The magnetic
boundaries of the cloud and the
arrival times of the associated
forward and reverse shocks are
indicated by vertical bars
(adapted from Stone et al., 1995).
Top panel shows the QI of this
cloud; each point is a five-hour
average.

(Figure 4d) and a related increase in proton pressure. This divider, which lasted 40 minutes
between the first and second tube, is also shown in our model in Figure 2a as a pressure
pulse. Consistent with the two-helix topology in our model, the second polytrope starts af-
ter the divider and ends at the back boundary of the magnetic cloud. The back boundary is
again marked by an increase in Tp along with the loss of smooth rotation of B – all charac-
teristics of the one-day back sheath. In the sheath on both sides of the magnetic cloud, the
proton component was found to be close to adiabatic with γp ≈ 5/3 (Fainberg et al., 1996;
Osherovich and Burlaga, 1997). Inside the cloud the proton component was closer to isother-
mal with observations of γp ≈ 1.1 – 1.2. The expansion of a magnetic cloud with time leads
to an increase of Te/Tp from 6 – 7 at 1 AU to 10 – 20 for the Ulysses magnetic cloud of 10 –
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13 June 1993 at 4.6 AU. The high Te/Tp value creates favorable conditions for ion-acoustic
waves, which were indeed observed in this cloud (Figure 5B adapted from Stone et al.,
1995). In the sheath Te/Tp < 1 (as shown in Figure 5A as Te/Ti), which satisfies conditions
where Landau damping decreases the intensity of ion-acoustic waves. The boundaries of the
Te/Tp increase and the intensity of the ion-acoustic waves are sharp and can be used as a
proxy for the magnetic cloud boundary. On the divider, where the first polytrope ends and
the second one starts, there is a significant decrease of wave activity because of the low value
of Te/Tp. Thus the ion-acoustic waves also show two parts in this magnetic cloud, consistent
with the double-helix model (Figure 5B).

4.2. Probing the Multi-Tube Topology of Magnetic Clouds Using the Solar Wind
Quasi-Invariant

Magnetic cloud boundaries and the topology of their internal structure can be determined
using a non-dimensional parameter called the solar wind quasi-invariant (QI),

QI ≡
B2

8π

/ρv2

2
= M−2

A , (17)

(cgs system) where MA is the magnetic Mach number, v is the solar wind speed and ρ is
the solar wind density. QI was introduced as a new index of solar wind activity (Osherovich,
Fainberg, and Stone, 1999). This ratio of magnetic energy density to the energy density of
the solar wind flow on a yearly basis has a high correlation (∼0.98) for 28 years with sunspot
numbers. For short time scales (days, hours, minutes), QI provides a useful measure of the
short-term deviation of the solar wind from its normal state caused by interplanetary distur-
bances. For magnetic clouds, QI is 10 – 100 times higher than QI of the undisturbed solar
wind. This QI anomaly was studied for three magnetic clouds associated with three strong
magnetic storms (Dst < −100 nT) in Osherovich et al. (2007). Recently, Webb, Fainberg,
and Osherovich (2012) investigated QI for fast and slow isolated magnetic clouds from the
Richardson and Cane (2010) catalog of interplanetary disturbances observed by the Wind

spacecraft. Webb, Fainberg and Osherovich found that the boundaries of the QI anomaly
taken at 20 % of QI maximum in the magnetic cloud are quite close to the traditional mag-
netic cloud boundaries determined by plasma and magnetic data by Richardson and Cane.
The possibility that QI might characterize the internal structure of a magnetic cloud and its
boundaries was also examined. For the Ulysses 10 – 13 June 1993 magnetic cloud, average
(longer than five hours) values of QI are shown in the upper panel of Figure 5, where the
error bars result from the averaging of five successive hourly observations. We compared
the front and back boundaries of the cloud based on the 20 % of QImax with boundaries
determined from the Te/Tp ratio (Figure 5A) as well as from the start and end of the two
polytropes in Figure 4a. The above results for the 10 – 13 June 1993 magnetic cloud are con-
sistent with traditionally determined boundaries (Fainberg et al., 1996), and also consistent
with results in a recent paper (Webb, Fainberg, and Osherovich, 2012). The profile of QI
for this cloud has two main peaks (much larger than the error bars) with a deep minimum
at the divider between the two tubes, which we have discussed in Section 4.1 of this paper.
The time of the deep narrow QI minimum coincides with the time of the narrow depression
in the intensity of ion-acoustic waves in Figure 5B. The agreement of boundaries derived
from different instruments reinforces their physical nature. There is also a third somewhat
smaller narrow peak with a counterpart in the Te/Tp profile, which may be suggestive of a
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Table 1 List of isolated magnetic clouds observed by Ulysses at distances of 3.8 AU to 5.4 AU used in
Figure 6.

Cloud
No.

Year Start time (day of the
year at QImax 20 %)

QImax Average distance
R (AU)

Mean
latitude

Mean v

(km s−1)

1 1991 213.92 0.44631 3.8 −5.3 412.87

2 1991 239.17 0.2479 4 −5.5 517.21

3 1991 263.75 0.091842 4.2 −5.6 457.35

4 1991 293.17 0.15449 4.5 −5.7 435.3

5 1992 7.4167 0.56615 5.1 −6 526.77

6 1992 307.58 0.1 5.2 −19.4 529.07

7 1992 319.42 0.32718 5.2 −20.1 612.64

8 1992 92.667 0.17718 5.4 −8.6 458.35

9 1992 143.67 0.096644 5.4 −11.1 435.44

10 1993 161 0.18456 4.6 −32.2 736.19

11 1993 202.92 0.095638 4.5 −35.2 608.34

12 1993 72.375 0.1396 4.9 −26.7 536.92

third narrow tube in the Ulysses cloud. Our ground-state solution (Equation (10)) describes
two non-equal helices embedded in a cylindrical flux rope. Excited states of this model have
more than two helices. A cloud observed by Wind on 18 October 1995 was found to have
eight magnetic tubes based on the analysis of the log–log Te vs. Ne relation (Osherovich
et al., 2002). These tubes had polytropic indices below unity except for a few non-coherent
structures for which the polytropic relation was not valid.

Table 1 presents a list of the 12 isolated magnetic clouds observed by Ulysses at distances
between 3.8 and 5.4 AU. For each magnetic cloud in Table 1, the QI profile was calculated
(with the density of the proton component only as in Figure 5 for QI of the 10 – 13 June
1993 cloud, which is number 10 in the table). The selection criteria for isolated clouds
in Table 1 are the same as in Webb, Fainberg, and Osherovich (2012). At large distances
magnetic clouds are very large due to expansion. It took three days for Ulysses to cross
cloud number 10, whereas a typical cloud at 1 AU is observed within a single day. The
sheaths of the clouds in this table are observed typically for one day before and after the
cloud. The very large size of these distant clouds helps in studying their internal structure.
For the 12 clouds in Table 1, the superposition (average) of QI profiles (where the clouds
are lined up at the time of a 20 % of QI maximum) is presented in Figure 6, where the
error bars are for the 12 hourly values comprising the average. This combined QI profile
is similar to that of cloud number 10 in that there is an order-of-magnitude enhancement
(QI anomaly) above the background lasting for about three days. The boundaries shown in
Figure 6 correspond to the times when QI is 20 % of maximum. This QI superposition also
reveals a two-part structure similar to that of cloud number 10. The first part (first helix in
our model) is twice as large (lasting for two days) as the second part (second helix, which
in Figure 6 is designated as the second tube), which lasts about one day. A deep minimum
of QI separates the two tubes with significance justified by the small error bars. Mostly, the
increase in density ρ in the divider is responsible for the minimum in QI in Figure 6, as is
the case cloud number 10 alone. The asymmetry by a factor of two in the size of the helices
seems to be a characteristic of this group of distant clouds.
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Figure 6 Solar wind
quasi-invariant superposition of
12 isolated magnetic clouds
(denoted by MC) observed by
Ulysses between 1991 and 1993,
at distances of 3.8 AU to 5.4 AU.

5. Summary and Discussion

The multiple-tube geometry for a magnetic structure can be explained naturally as MHD-
excited states in a multi-toroidal axisymmetric model (Osherovich, 1975) of sunspots, in
the solar prominence model with one ignorable coordinate (Osherovich, 1985, 1989), and in
the time-dependent multi-toroidal self-similar model for CMEs (Osherovich, 1982b). The
MHD ground-states in the above models represent a single toroid and single infinite flux
rope. For MHD-bounded states with helical symmetry (Equations (10) – (13)), the ground
state already has two magnetic tubes – two helices with opposite magnetic polarity. These
two helices are not equal since they are embedded in a cylindrical flux rope of one polar-
ity along the z-axis. The transition from a cylindrical rope model to a double helix model
with two equal helices is controlled by a non-dimensional parameter x0. For x0 = 0 there
are no helices. For x0 = 5 in Figures 1 and 2 there are two non-equal helices embedded in
a cylindrical magnetic container. These two helices magnetically interact with each other
and also with the cylindrical magnetic flux rope that surrounds them. Any attempt to de-
scribe two magnetic tubes as force-free magnetic flux ropes effectively excludes magnetic
interaction. The observed divider between two helices that we identified for the 12 Ulysses

clouds is evidence of such interaction. Vandas, Fischer, and Geranios (1999) have reported
that the double-peak magnetic profile in some magnetic clouds is suggestive of a double
flux rope structure of these objects, which would exclude the previous spheromak inter-
pretation. Without a specific MHD solution, it is unclear what prevents the collapse of the
two flux ropes. The self-similar evolution of a single cylindrical magnetic flux rope (Os-
herovich, Farrugia, and Burlaga, 1993) leads to the flattening of the B profile and eventually
develops into two humps in the profile for old clouds. This pattern is observed for cases
where the same cloud was intercepted by two spacecraft at different heliospheric distances
(Osherovich, 1998). For such a single flux rope to expand, the polytropic index γ must be
below unity, which we have found to be the case for all clouds studied. Thus, two humps
in the B profile do not necessarily mean two flux ropes inside the same cloud. In contrast,
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for the self-similar spherical expansion model of a cylindrical tube of Berdichevsky, Lep-
ping, and Farrugia (2003) and Shimazu and Vandas (2002), the B profile does not change
in time (no flattening) and γ < 1 is not required. The two magnetic flux ropes within the
same magnetic cloud identified by Hu et al. (2003) from the reconstruction procedure based
on numerical solutions of the Grad–Shafranov equation provides additional evidence of the
multi-tube nature of magnetic clouds. In this model two flux ropes have the same orien-
tation as their magnetic axes. Geometrically, these solutions are similar to the prominence
solutions mentioned in Section 2. The difference is twofold: i) the prominence model (Os-
herovich, 1985, 1989) is based on MHD-bounded state configurations and contains a con-
stant gravitational field, and ii) Hu et al. (2003) took only proton pressure as input. All our
modeling of magnetic clouds (reviewed in Osherovich and Burlaga, 1997) recognizes that at
1 AU the contribution of the electrons to the total gas pressure is 6 – 7 times higher than the
contribution of protons. For distant clouds like cloud no. 10 in Table 1, it is about 20 times
higher. Profiles for Pe and Pp are quite different. Thus, solving the Grad–Shafranov equation
with proton pressure only does not do justice to the force balance inside the magnetic cloud.

The double-helix model comes from more general symmetry than axial symmetry and
therefore is more complex geometrically. But so are the new extreme UV light images pro-
vided by the Solar Dynamics Observatory like the one shown in Figure 3 for an eruptive
prominence. In the view of formulas for magnetic field B components for our double-helix
model, two spacecraft like STEREO A and STEREO B, when suitably separated, may cross
two different helices of the same magnetic cloud. In such a case the orientation of the mag-
netic axes for the two flux ropes may differ significantly since they belong to two different
helices. Even for single-spacecraft observations, different trajectories through the double-
helix model suggest the possible existence of a quasi-periodic structure where the period-
icity is due to the helical symmetry. The static double helix model should be considered
as a starting point for a self-similar time-dependent MHD model with the same magnetic
topology. These topics concern the direction of future work and are beyond the scope of this
paper.
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Abstract We study a filament eruption, two-ribbon flare, and coronal mass ejection (CME)
that occurred in NOAA Active Region 10898 on 6 July 2006. The filament was located South
of a strong sunspot that dominated the region. In the evolution leading up to the eruption, and
for some time after it, a counter-clockwise rotation of the sunspot of about 30 degrees was
observed. We suggest that the rotation triggered the eruption by progressively expanding
the magnetic field above the filament. To test this scenario, we study the effect of twist-
ing the initially potential field overlying a pre-existing flux-rope, using three-dimensional
zero-β MHD simulations. We first consider a relatively simple and symmetric system, and
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then study a more complex and asymmetric magnetic configuration, whose photospheric-
flux distribution and coronal structure are guided by the observations and a potential field
extrapolation. In both cases, we find that the twisting leads to the expansion of the over-
lying field. As a consequence of the progressively reduced magnetic tension, the flux-rope
quasi-statically adapts to the changed environmental field, rising slowly. Once the tension is
sufficiently reduced, a distinct second phase of evolution occurs where the flux-rope enters
an unstable regime characterised by a strong acceleration. Our simulations thus suggest a
new mechanism for the triggering of eruptions in the vicinity of rotating sunspots.

Keywords Magnetic fields, corona · Active regions, models · Coronal mass ejections,
initiation and propagation · Sunspots, velocity

1. Introduction

Filament (or prominence) eruptions, flares, and coronal mass ejections (CMEs) are the three
large-scale eruptive events on the Sun. It has become clear in recent years that they are
not independent phenomena, but different observational manifestations of a more general
process, namely the sudden and violent disruption and dynamic reconfiguration of a lo-
calised volume of the coronal magnetic field (e.g. Forbes, 2000). Whether or not all three
phenomena occur together appears to depend mainly on the properties of the pre-eruptive
configuration. For example, CMEs can occur without a filament eruption (if no filament has
formed in the source region of the erupting flux prior to its eruption) and without signif-
icant flaring (if the magnetic field in the source region is too weak; e.g. Zirin, 1998) or,
in extreme cases, even without any low-coronal or chromospheric signature (Robbrecht,
Patsourakos, and Vourlidas, 2009). On the other hand, both flares and filament eruptions
are not always accompanied by a CME (if, for instance, the magnetic field above the
source region is too strong; see, e.g., Moore et al., 2001; Nindos and Andrews, 2004;
Török and Kliem, 2005). In large events such as the one studied in this article, however,
all three phenomena are observed almost always. Such events typically start with the slow
rise of a filament and/or overlying loops (e.g. Maričić et al., 2004; Schrijver et al., 2008;
Maričić, Vršnak, and Roša, 2009), which is often accompanied by weak pre-flare signa-
tures in EUV or X-rays (e.g. Maričić et al., 2004; Chifor et al., 2007). The slow rise is
followed by a rapid acceleration and a huge expansion of the eruptive structure, which is
then observed as a CME. The rapid acceleration has been found in most cases to be very
closely correlated with the flare impulsive phase (e.g. Kahler et al., 1988; Zhang et al., 2001;
Maričić et al., 2007; Temmer et al., 2008).

Although it is now widely accepted that solar eruptions are magnetically driven, the de-
tailed physical mechanisms that initiate and drive eruptions are still controversial. Accord-
ingly, a large number of theoretical models have been proposed in the past decades (for a
recent review see, e.g., Forbes, 2010). Virtually all of these models consider as pre-eruptive
configuration a sheared or twisted core field low in the corona, which stores the free mag-
netic energy required for eruption and is stabilised by the ambient coronal field. The choice
of such a configuration is supported by observations of active regions, which often dis-
play sheared structures (filaments and soft X-ray sigmoids) surrounded by less sheared, tall
loops. An eruption is triggered if the force balance between the core field and the ambient
field is destroyed, either by increasing the shear or twist in the core field or by weakening
the stabilizing restoring force of the ambient field (see, e.g., Aulanier et al., 2010).

One of the many mechanisms that has been suggested to trigger eruptions is the rotation
of sunspots. The idea was put forward by Stenflo (1969), who showed that the order of
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magnitude of the energy deposition into coronal structures by sunspot rotations is sufficient
to produce flaring activity (see also Kazachenko et al., 2009).

Sunspot rotations have been known for a long time – the first evidence, based on spec-
tral observations, was presented one century ago by Evershed (1910) – and since then they
have been the subject of numerous analyses. Still, measurements of sunspot rotation are not
straightforward, and, depending on the method employed, can give quite different results
(see, e.g., Min and Chae, 2009). Meticulous case studies (e.g. Zhang, Li, and Song, 2007;
Min and Chae, 2009; Yan et al., 2009), as well as detailed statistical analyses (e.g. Brown
et al., 2003; Yan and Qu, 2007; Zhang, Liu, and Zhang, 2008; Li and Zhang, 2009;
Suryanarayana, 2010) showed that sunspots can rotate significantly, up to several hun-
dreds of degrees over a period of a few days. Interestingly, sunspots do not necessarily
rotate as a rigid body: Brown et al. (2003) and Yan and Qu (2007) showed that the rota-
tion rate often changes with the distance from the sunspot centre. The rotation of sunspots
is commonly interpreted as an observational signature of the emergence of a flux-rope
through the photosphere (e.g. Gibson et al., 2004) or, more generally, as the transport of
helicity from the convection zone into the corona (see, e.g., Longcope and Welsch, 2000;
Tian and Alexander, 2006; Tian, Alexander, and Nightingale, 2008; Fan, 2009). On the other
hand, observations of strong sunspot rotation without signs of significant flux emergence
have been reported (e.g. Tian and Alexander, 2006, and references therein), suggesting that
intrinsic sunspot rotation of sub-photospheric origin exists. In such cases the rotation rate
tends to be smaller than for sunspot rotations associated with flux emergence (e.g. Zhu,
Alexander, and Tian, 2012).

A number of studies have shown a direct cause–consequence relationship between
higher-than-average sunspot rotation and enhanced eruptive activity. For example, Brown
et al. (2003), Hiremath and Suryanarayana (2003), Hiremath, Lovely, and Kariyappa (2006),
Tian and Alexander (2006), Yan and Qu (2007), Zhang, Liu, and Zhang (2008), Li and
Zhang (2009), Yan et al. (2009, 2012), and Suryanarayana (2010) reported an apparent
connection between rotating sunspots (with total rotation angles of up to 200◦ and more)
and eruptive events. In particular, Yan and Qu (2007) attributed eruptive activity in an ac-
tive region to different rotation speeds in different parts of a sunspot, whereas Yan, Qu,
and Kong (2008) found indications that active regions with sunspots rotating opposite to
the differential-rotation shear are characterised by high X-class-flare productivity. Romano,
Contarino, and Zuccarello (2005) reported a filament eruption that was apparently triggered
by photospheric vortex motions at both footpoints of the filament, without any sign of sig-
nificant flux emergence.

Besides purely observational studies of the relationship between sunspot rotation and
eruptive activity, some authors presented a combination of observations and modelling. For
example, Régnier and Canfield (2006) utilised multi-wavelength observations and modelling
of the coronal magnetic field of the highly flare-productive NOAA Active Region 8210
to show that slow sunspot rotations enabled flaring, whereas fast motions associated with
emerging flux did not result in any detectable flaring activity. Moreover, they also showed
that the deposition of magnetic energy by photospheric motions is correlated with the en-
ergy storage in the corona, which is then released by flaring. Similarly, Kazachenko et al.

(2009) analysed detailed observations of an M8 flare–CME event and the associated rotating
sunspot, and combined them in a minimum-current-corona model. They found that the ob-
served rotation of 34◦ over 40 hours led to a triplication of the energy content and flux-rope
self-helicity, sufficient to power the M8 flare.

Numerical MHD investigations of the relationship between sunspot rotation and eruptive
activity started with Barnes and Sturrock (1972), who modelled the coronal magnetic field of
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a rotating sunspot surrounded by a region of opposite polarity. They found that the rotation
causes an inflation of the magnetic field, and that its energy increases with the rotation angle
until, when the rotation angle exceeds ≈ 180◦, it becomes larger than that of the open-field
configuration with the same boundary conditions, presumably leading to an eruption.

MHD simulations of the formation and evolution of flux-ropes by twisting line-tied po-
tential fields have been widely performed since then. Calculations were done by either twist-
ing uniform fields in straight, cylindrically symmetric configurations (e.g. Mikic, Schnack,
and van Hoven, 1990; Galsgaard and Nordlund, 1997; Gerrard, Arber, and Hood, 2002;
Gerrard et al., 2003) or by twisting bipolar potential fields; the latter yielding arched
flux-ropes anchored at both ends in the same plane (e.g. Amari and Luciani, 1999;
Gerrard, Hood, and Brown, 2004). Most of these simulations focused on the helical kink
instability and its possible role in producing compact flares and confined eruptions. Klim-
chuk, Antiochos, and Norton (2000) studied the twisting of a bipole with emphasis on the
apparently uniform cross-section of coronal loops. Very recently, Santos, Büchner, and Otto
(2011) simulated the energy storage for the active region that was studied earlier by Régnier
and Canfield (2006). They imposed photospheric flows on an extrapolated potential field
and found the formation of pronounced electric currents at the locations of the observed
flare sites. The authors concluded that the main flare activity in the active region was caused
by the slow rotation of the sunspot that dominated the region.

However, none of the above studies were directly related to CMEs. Amari et al. (1996)
were the first to show that the formation and continuous twisting of an arched flux-rope in a
bipolar potential field can lead to a strong dynamic expansion of the rope, resembling what
is observed in CMEs. Later, Török and Kliem (2003) and Aulanier, Démoulin, and Grap-
pin (2005) extended this work by studying in detail the stability properties and dynamic
evolution of such a system. The underlying idea of these simulations is that slow photo-
spheric vortex motions can twist the core magnetic field in an active region up to the point
where equilibrium cannot be longer maintained, and the twisted core field, i.e. a flux-rope,
erupts (for the role of increasing twist in triggering a flux-rope eruption see also Chen, 1989;
Vršnak, 1990; Fan and Gibson, 2003; Isenberg and Forbes, 2007). What has not been studied
yet is whether a twisting of the field overlying an existing flux-rope can lead to the eruption
of the rope.

In this article, we present observations of a large solar eruption that took place in the
vicinity of a rotating sunspot. We suggest that the continuous rotation of the spot triggered
the eruption by successively weakening the stabilizing coronal field until the low-lying core
field erupted. We support our suggestion by MHD simulations that qualitatively model this
scenario.

The remaining part of this article is organised as follows: In Section 2 we describe the
observations, focusing on the initial evolution of the eruption and on the rotation of the
sunspot. In Section 3 we describe the numerical simulations, the results of which are pre-
sented in Section 4. We finally discuss our results in Section 5.

2. Observations

The eruption on 6 July 2006 in NOAA Active Region 10898 was a textbook two-ribbon flare
accompanied by a filament eruption and a halo CME, the latter being most prominent in the
southwest quadrant and reaching a linear plane-of-sky velocity of ≈900 km s−1 (Temmer
et al., 2008). The event was associated with an EIT wave, a type II burst, and very distinct
coronal dimming regions. The flare was of class M2.5/2N, located at the heliographic posi-
tion S9◦, W34◦. It was observed in soft X-rays (SXR) by GOES (peak time at ≈ 08:37 UT)
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Figure 1 Full-disk line-of-sight
SOHO/MDI magnetogram
recorded on 6 July 2006, 07:59
UT. The active region under
study is marked by the white box.

as well as in hard-X rays (HXR) with RHESSI, with the two highest peaks of nonthermal
HXR emission occurring during 08:20 – 08:24 UT.

The evolution of the active region in the days preceding the eruption, and in particular
the rotation of the leading sunspot, can be studied using its photospheric signatures. Pho-
tospheric line-of-sight magnetograms of the region were obtained by the MDI instrument
(Scherrer et al., 1995) onboard the Solar and Heliospheric Observatory (SOHO). The ac-
tive region was a bipolar region of Hale type β , consisting of a compact negative polarity
(the sunspot) that was surrounded by a dispersed positive polarity, most of which was ex-
tending eastwards (see Figure 1). The maximum of the magnetic-field flux density in the
sunspot was about nine times larger than in the dispersed positive polarity. The two polar-
ities were surrounded by a large, “inverse C-shaped” area of dispersed negative flux to the
west of the region.

We measured the magnetic flux of the concentrated leading (negative) and dispersed
following (positive) polarities using a (re-calibrated) SOHO/MDI synoptic map, which pre-
serves the resolution of the original observation. The map includes magnetic features close
to the time of their central meridian passage, when projection effects of the line-of-sight
magnetic fields are at minimum. The total magnetic flux (half of the total unsigned flux) was
found to be (2.1±0.2)×1022 Mx, with the two polarities nearly balanced [(2.0±0.2)×1022

and (−2.2 ± 0.2) × 1022 Mx for the positive and negative flux, respectively]. The error esti-
mates reflect the uncertainty in determining how much of the dispersed positive and negative
polarities belonged to the active region. The leading spot, including the penumbral area, had
a mean magnetic-field strength (magnetic-flux density over 2340 pixels) of 390 G, reaching
1820 G when a smaller, purely umbral, area was considered (240 pixels). However, since
the MDI response becomes non-linear in such a strong, and therefore dark, umbra, the core
field strength there was probably higher (≥ 2000 G) (see, e.g., Green et al., 2003). The pos-
itive dispersed plage had a much lower mean magnetic-field strength of about 50 ± 10 G,
depending on the extent of dispersed positive field measured (magnetic-flux density over
13 060 – 24 600 pixels). Positive flux concentrations (measured over 600 pixels) within the
plage had a characteristic field strength of 220 ± 20 G. In summary, magnetic-flux mea-
surements indicate a mere 5 % negative surplus flux in this major bipolar active region of
2.1×1022 Mx total flux and maximum-field strengths (negative : positive) in a roughly 10 : 1
ratio.
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Figure 2 (a) Representative
images of the sunspot evolution
during 4 – 6 July 2006: MDI
longitudinal magnetic-field maps
(left column); TRACE
white-light images (right
column). The TRACE image in
the bottom panels corresponds to
the time of the M2 flare (starting
in soft X-rays at 8:20 UT). The
dashed yellow line outlines the
major axis of the sunspot that
was used to measure the sunspot
rotation. The corresponding
SOHO/MDI movie is available in
the electronic version of the
article. (b) Sunspot rotation
determined from the MDI
magnetic-field maps over the
period 3 July 2006, 22:00 UT, to
7 July 2006, 8:00 UT, showing
the orientation of the sunspot’s
major axis, measured clockwise
from solar East. (c) Sunspot
rotation rate in degrees per day.

In Figure 2(a) we show snapshots of the sunspot evolution as observed by MDI and
the Transition Region and Coronal Explorer (TRACE: Handy et al., 1999), ranging from
two days before the eruption to one day after it. The images are all differentially rotated
to the first image of the series, when the sunspot was closer to disk centre. The sequence
shows that the sunspot is rotating counter-clockwise during the considered period (see the
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Figure 3 Hα filtergram sequence observed before and during the flare on 6 July 2006 by the Kanzelhöhe
(full disk) and Hvar (active region area) Observatories. An apparent double structure of the filament is visible
South of the sunspot. Contour levels of 100 G from an MDI magnetogram taken at 07:59 UT are added in the
top right panel, with white (black) lines corresponding to positive (negative) values.

Electronic Supplementary Material). From the evolution of the MDI magnetic-field maps, we
geometrically determined the major axis of the sunspot and followed its evolution in time.
In Figure 2(b) we plot the sunspot’s rotation angle over the period 3 July 2006, 22:00 UT,
to 7 July 2006, 8:00 UT. The total rotation observed over these three days is about 30◦. The
sunspot’s rotation rate, determined as the temporal derivative of the rotation measurements,
yields a mean value of about 10◦ day−1 during the considered time span (Figure 2(c)). For
comparison, we determined the rotation also from the TRACE white-light images and found
no significant differences.

The flare and the filament eruption were observed in full-disk Hα filtergrams by the
Kanzelhöhe Observatory and, over a smaller field-of-view around the active region, by the
Hvar Observatory (Figure 3). These observations reveal that the filament consisted of a dou-
ble structure before and during the eruption (for a similar case of such a double-structured
filament, see Liu et al., 2012). Significant rising motions of the filament could be seen from
about 08:23 UT on. The Hα flare started by the appearance of very weak double-footpoint
brightening at 08:15 UT.
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Figure 4 (a) TRACE
171 Å running-difference image
showing the erupting filament
and the overlying CME front.
Distances are measured at
crossings of the respective
leading edges (red solid lines)
with the dashed line, starting
from the point marked by [x].
(b) Distance–time plot showing
the kinematics of the filament
and the CME front for the entire
distance range. (c) Distance–time
plot for the distance range up to
1.8 R⊙ . The distance between [x]
and the disk centre is added to all
TRACE and EIT data points.
(d) Velocity–time plot over the
distance range up to 1.8 R⊙ . See
text for further details.

Figure 4(a) shows a running-difference image from TRACE 171 Å in which the erupt-
ing filament (the CME core) and the preceding CME front can be identified. From a time
sequence of similar images by TRACE, EIT, and LASCO C2/C3 we estimated the kinemat-
ics of the filament and the CME front, which are shown in Figure 4(b), (c). The distances
were measured in the plane of the sky, from disk centre in the LASCO images and from the
midpoint of the line connecting the pre-eruption filament footpoints in the TRACE and EIT
images. In order to approximately compensate for this discrepancy, we added to the TRACE
and EIT measurements the distance between this point and the disk centre, which corre-
sponds to ≈ 400 Mm. The resulting distances are plotted in Figure 4(b), (c), together with
spline-smoothed curves. We did not correct for foreshortening effects, as projection effects
only result in a multiplication factor and do not alter the profile of the derived kinematical
curves (see, e.g., Vršnak et al., 2007). Additionally, Figure 4(d) gives the velocity profiles
for the filament and the CME front, as derived from the first derivative of the distance–time
measurements and spline-smoothed curves. From these plots we obtain the result that the
coronal loops overlying the filament started their slow rising phase at 08:15 UT, i.e. about
five – ten minutes before the filament. Similarly, the CME front reached its final, almost
constant, velocity a few minutes before the filament.
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Various other aspects of the event (flare, CME, EIT wave, dimming) were studied by
Jiang et al. (2007), McIntosh et al. (2007), Attrill et al. (2008), Temmer et al. (2008), Mik-
lenic, Veronig, and Vršnak (2009), Veronig et al. (2010), and Guo et al. (2010a). We refer
to this work for further details as regards the eruption. Guo et al. (2010a) suggested that the
eruption was triggered by recurrent chromospheric mass injection in the form of surges or
jets into the filament channel. Here we propose a different mechanism, assuming that the fila-
ment was suspended in the corona by a magnetic flux-rope, a picture that is supported by var-
ious magnetic-field models of active regions containing filaments (e.g. Lionello et al., 2002;
van Ballegooijen, 2004; Guo et al., 2010b; Canou and Amari, 2010). We suggest that the
continuous rotation of the sunspot led to a slow expansion of the arcade-like magnetic field
overlying the filament (i.e. to a continuous weakening of its stabilizing tension), until a
critical point was reached at which equilibrium could not be maintained and the flux-rope
erupted. We note that we do not claim that the eruption was triggered exclusively by this
mechanism. Filaments are often observed to spiral into the periphery of sunspots (e.g. Green
et al., 2007), and also in our case an inspection of the TRACE and Hα images during the
early phase of the eruption suggests a possible magnetic connection between the western
extension of the filament-carrying core field and the sunspot area. Thus, the sunspot rotation
may have added stress to this field, thereby possibly contributing to drive it towards erup-
tion. On the other hand, for an injection of twist as suggested by the simulations mentioned
above to occur, the core field must be rooted in the centre of the sunspot, not just in its
periphery, which is difficult to establish from observations. It appears reasonable to assume
that a clear connection between core field and sunspot centre is not always present, and that
the stressing of the overlying ambient field by sunspot rotation may be more relevant for the
destabilisation of the system in such cases. In order to test this scenario, we perform a series
of three-dimensional (3D) MHD simulations, which are described in the following sections.

3. Numerical Simulations

The purpose of the numerical simulations presented in this article is to show that the rotation
of photospheric-flux concentrations can trigger the eruption of an initially stable flux-rope
that is embedded in their fields. Differently from previous work (e.g. Amari et al., 1996;
Török and Kliem, 2003; Aulanier, Démoulin, and Grappin, 2005), the photospheric vortex
motions do not directly affect the flux-rope in our simulations, but solely the field surround-
ing it.

The first simulation (hereafter run 1) involves a relatively simple magnetic configuration,
consisting of a flux-rope embedded in a bipolar potential field (see Figure 5(c)). The initially
potential field gets twisted at its photospheric-flux concentrations on both sides of the flux-
rope in the same manner. This simulation is very idealised with respect to the observations
presented in Section 2, in particular because both the initial magnetic configuration and the
imposed driving possess a high degree of symmetry.

We then consider a more complex initial magnetic field (hereafter run 2), which is chosen
such that it resembles the magnetic-field structure prior to the eruption described in Section 2
(see Figure 5(d)). As in run 1, this configuration contains a flux-rope embedded in a potential
field, but the latter is now constructed by a significantly larger number of sub-photospheric
sources, in order to mimic the main features of the observed photospheric flux distribution
and the extrapolated coronal magnetic field (see Figure 5(c)). Differently from run 1, only
one flux concentration is twisted in this case, as suggested by the observations. The purpose
of run 2 is to verify that the mechanism studied in run 1 also works in a highly asymmetric
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configuration. We do not attempt here to model the full eruption and evolution of the CME,
for reasons that are specified below.

To construct our magnetic configurations, we employ the coronal flux-rope model of
Titov and Démoulin (1999, hereafter TD). Its main ingredient is a current ring of major
radius [R] and minor radius [a] that is placed such that its symmetry axis is located at a
depth [d] below a photospheric plane. The outward-directed Lorentz self-force (or “hoop
force”) of the ring is balanced by a potential field created by a pair of sub-photospheric
point sources [±q] that are placed at the symmetry axis, at distances ±L from the ring
centre. The resulting coronal field consists of an arched and line-tied flux-rope embedded
in an arcade-like potential field. In order to create a shear component of the ambient field,
TD added a sub-photospheric line current to the system. Since the latter is not required for
equilibrium, we do not use it for our configurations (see also Roussev et al., 2003; Török
and Kliem, 2007).

Previous simulations (e.g. Török and Kliem, 2005; Schrijver et al., 2008) and analytical
calculations (Isenberg and Forbes, 2007) have shown that the TD flux-rope can be subject to
the ideal-MHD helical kink and torus instabilities. Therefore, we adjust the model param-
eters such that the flux-rope twist stays below the typical threshold of the kink instability
for the TD flux-rope (see Török, Kliem, and Titov, 2004). To inhibit the occurrence of the
torus instability in the initial configurations, we further adjust the locations and magnitude
of the potential field sources such that the field drops sufficiently slowly with height above
the flux-rope (see Kliem and Török, 2006; Török and Kliem, 2007; Fan and Gibson, 2007;
Aulanier et al., 2010). While this is a relatively easy task for the standard TD configuration
used in run 1, an extended parameter search was required for the complex configuration used
in run 2, until an appropriate numerical equilibrium to start with could be found.

3.1. Numerical Setup

As in our previous simulations of the TD model (e.g. Török, Kliem, and Titov, 2004; Kliem,
Titov, and Török, 2004), we integrate the β = 0 compressible ideal-MHD equations:

∂tρ = −∇ · (ρu), (1)

ρ∂tu = −ρ(u · ∇)u + j × B + ∇ · T , (2)

∂tB = ∇ × (u × B), (3)

where B, u, and ρ are the magnetic field, velocity, and mass density, respectively. The cur-
rent density is given by j = μ

−1
0 ∇ × B. T denotes the viscous stress tensor, included to im-

prove numerical stability (Török and Kliem, 2003). We neglect thermal pressure and gravity,
which is justified for the low corona where the Lorentz force dominates.

The MHD equations are normalised by quantities derived from a characteristic length
[l] taken here to be the initial apex height of the axis of the TD current ring above the
photospheric plane [l = R−d], the maximum magnetic-field strength in the domain [B0 max],
and the Alfvén velocity [va0]. The Alfvén time is given by [τa = l/va0]. We use a Cartesian
grid of size [−40,40] × [−40,40] × [0,80] for run 1 and [−40,40] × [−30,30] × [0,60]

for run 2, resolved by 247 × 247 × 146 and 307 × 257 × 156 grid points, respectively. The
grids are non-uniform in all directions, with an almost uniform resolution � = 0.04 (run 1)
and � = 0.05 (run 2) in the box centre, where the TD flux-rope and the main polarities
are located. The plane z = 0 corresponds to the photosphere. The TD flux-rope is oriented
along the y-direction in all runs, with its positive-polarity footpoint rooted in the half-plane
y < 0. We employ a modified two-step Lax–Wendroff method for the integration, and we
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additionally stabilise the calculation by artificial smoothing of all integration variables (Sato
and Hayashi, 1979; Török and Kliem, 2003).

The boundary conditions are implemented in the ghost layers. The top and lateral bound-
aries are closed, which is justified given the large size of the simulation box. Below the
photospheric plane, the tangential velocities are imposed as described in Section 3.3. The
vertical velocities are zero there at all times, and the mass density is fixed at its initial values.
The latter condition is not consistent with the imposed vortex flows, but is chosen to ensure
numerical stability (see Török and Kliem, 2003). Since we use the β = 0 approximation,
and since the evolution is driven quasi-statically at the bottom plane, fixing the density in
z = −�z is tolerable. The tangential components of the magnetic field [Bx,y ] are extrapo-
lated from the integration domain, and the normal component [Bz] is set such that ∇ · B = 0

in z = 0 at all times (see Török and Kliem, 2003). Since our code does not ensure ∇ · B = 0

to rounding error in the rest of the domain, we use a diffusive ∇ · B cleaner (Keppens et al.,
2003), as well as Powell’s source-term method (Gombosi, Powell, and de Zeeuw, 1994), to
minimise unphysical effects resulting from ∇ · B errors.

3.2. Initial Conditions

The parameters of the TD equilibrium employed in run 1 are (in normalised units): R = 2.2,
a = 0.7, d = 1.2, L = 1.2, and q = 1.27. The magnetic axis of the TD flux-rope (which is
located above the geometrical axis of the current ring, see Valori et al., 2010) has an apex
height z = 1.09. The potential field connects two fully symmetric flux concentrations and
runs essentially perpendicular above the TD flux-rope. The apex of the central field line, i.e.

the field line connecting the centres of the potential-field polarities, is located at z = 3.40.
After the initial relaxation of the system (see below), these heights become z = 1.22 and
z = 3.62, respectively. Figures 5(c) and 6(a) show the configuration after the relaxation.

The magnetic configuration used in run 2 is a step towards a more realistic modelling
of the coronal field during the 6 July 2006 eruption. Figure 5(b) shows a coronal potential-
field source-surface (PFSS) model (Schatten, Wilcox, and Ness, 1969), obtained from a
synoptic MDI magnetogram for Carrington Rotation 2045, using the SolarSoft package pfss

provided by LMSAL (http://www.lmsal.com/~derosa/pfsspack/). It can be seen that the field
lines rooted in the main polarity (the sunspot) form a fan-like structure, which partly over-
lies the filament. We again consider a standard TD flux-rope, with R = 2.75, a = 0.8, and
d = 1.75, but now we use an ensemble of ten sub-photospheric sources (five point sources,
and five vertically oriented dipoles like the ones used by Török and Kliem, 2003) for the
construction of the ambient field, in order to resemble the main properties of the observed
photospheric flux distribution and the corresponding PFSS field. By adjusting the positions
and strengths of the sources, we tried to mimic the approximate flux balance between the
concentrated leading negative polarity and the dispersed following positive polarity, the ra-
tio of approximately 10:1 between the peak field strengths in the leading polarity and the
following polarity, the size ratio between these polarities, the presence of an “inverse C-
shaped” area of dispersed negative flux to the West of the leading polarity (see Section 2), as
well as the fan-like shape of the coronal field rooted in the leading polarity. The position of
the flux-rope within the ambient field is guided by the observed location of the filament (Fig-
ure 5(b)). Since the model is still relatively idealised, all of these features can be matched
only approximately. The resulting configuration (after initial relaxation) is shown in Fig-
ure 5(d) and in Figure 8(a) below. It can be seen that the TD flux-rope is stabilised by flux
rooted towards the southern edge of the main polarity. The rope is inclined with respect to
the vertical, which is due to the asymmetry of the potential field surrounding it.
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Figure 5 (a) Same as Figure 1. (b) Magnetic-field lines in the active-region area (marked by the white square
in panel a) from a potential field source surface (PFSS) model that was calculated for 6 July 2006, 06:04 UT,
overlaid on a synoptic MDI magnetogram for the corresponding Carrington Rotation 2045. The model corona
is a spherical shell extending from 1.0 to 2.5 R⊙. Pink (white) field lines depict open (closed) fields. The outer
contours of the filament, based on Hα data taken at 07:59 UT on 6 July 2006, are outlined with black lines.
For better illustration, the area is rotated to disk centre. (c), (d): Top view on the magnetic configurations
used in runs 1 and 2, respectively, after the initial relaxation of the system (see Section 3 for details). The
core of the TD flux-rope is shown by orange field lines, green field lines depict the ambient potential field.
Bz is shown in the bottom plane, where red (blue) colours corresponds to positive (negative) values. The
colour scale in panel d) is saturated at about 4 % of the maximum Bz , in order to depict also weaker flux
distributions.

In contrast to the configuration used in run 1, the magnetic field in run 2 is dominated by
one main polarity. Rather than closing down to an equally strong polarity of opposite sign,
the flux emanating from the main polarity now spreads out in all directions, resembling a
so-called fan–spine configuration (e.g. Pariat, Antiochos, and DeVore, 2009; Masson et al.,
2009; Török et al., 2009). Note that this flux does not contain fully open field lines, as was
presumably the case during the 6 July 2006 eruption (see Figure 5(b)). This is due to the fact
that the flux distribution shown in Figure 5(d) is fully surrounded by weak positive flux in
the model (imposed to mimic the isolated “inverse C-shaped” weak negative polarity to the
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Figure 6 Magnetic-field lines outlining the evolution of the TD flux-rope (orange) and the twisted overlying
field (green) for run 1, at t = 0,204,239,244τA , respectively; panel (a) shows the system after the initial
numerical relaxation. The normal component of the magnetic field [Bz] is shown at the bottom plane z = 0,
with red (blue) corresponding to positive (negative) values. The transparent grey-scale shows the logarithmic
distribution of the current densities divided by the magnetic field strength [|J|/|B|] in the plane x = 0. The
sub-volume [−8.5,8.5] × [−8,8] × [0,16] is shown in all panels. An animation of this figure is available in
the electronic version of this article.

West of the main polarity), so that the positive flux in the total simulation domain exceeds
the negative flux shown in Figure 5(b). Note that this “total” flux ratio shall not be confused
with the flux ratio between the main polarity and the dispersed positive polarity to its East,
which is approximately balanced in the model, in line with the observations.

As in Amari et al. (1996), Török and Kliem (2003) and Aulanier, Démoulin, and Grappin
(2005), we use an initial density distribution ρ0(x) = |B0(x)|

2 corresponding to a uniform
initial Alfvén velocity. For the configuration used in run 2 we also ran a calculation with
ρ0(x) = |B0(x)|

3/2, i.e. with a more realistic Alfvén velocity that decreases with distance
from the flux concentrations. We found that the evolution was qualitatively equivalent, but
somewhat less dynamic.
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In order to obtain a numerical equilibrium as a starting point of the twisting phase, we
first performed a numerical relaxation of the two configurations used. This is done for 54τa

for the system used in run 1, and for 75τa for the system used in run 2, after which the time
is reset to zero in both cases.

3.3. Photospheric Driving

The velocity field used to twist the potential fields is prescribed in the plane z = −�z and lo-
cated at their main flux concentrations. It produces a horizontal counter-clockwise rotation,
chosen such that the velocity vectors always point along the contours of Bz(x, y,0, t = 0),
which ensures that the distribution of Bz(x, y,0, t) is conserved to a very good approxima-
tion. The flows are given by

ux,y(x, y,−�z, t) = v0f (t)∇
⊥
{

ζ
[

B0z(x, y,0,0)
]}

, (4)

uz(x, y,−�z, t) = 0, (5)

with ∇
⊥

:= (∂y,−∂x). A smooth function

ζ = B
2
z

exp
((

B
2
z
− B

2
zmax

)

/δB
2
)

, (6)

chosen as by Amari et al. (1996), defines the vortex profile. The parameter δB determines the
vortex width (see Figure 3 in Aulanier, Démoulin, and Grappin, 2005). We use δB = 0.7 for
run 1 and δB = 2 for run 2. The parameter v0 determines the maximum driving velocity. We
choose v0 = 0.005vA for both runs to ensure that the driving is slow compared to the Alfvén
velocity. The velocities are zero at the polarity centre and decrease towards its edge from
their maximum value to zero (see Figure 2 in Török and Kliem, 2003). The twist injected
by such motions is nearly uniform close to the polarity centre and decreases monotonically
towards its edge (see Figure 10 below and Figure 9 in Török and Kliem, 2003). The polarity
centres are located at (±1.2,0,0) for the configuration used in run 1 and the vortex flows
are applied at both flux concentrations. In run 2, we twist the potential field only in the main
negative polarity, the centre of which is located at (−2,0,0). The function f (t) describes
the temporal profile of the imposed twisting. The twisting phase starts with a linear ramp
(0 ≤ t ≤ tr) from f (0) = 0 to f (tr) = 1, which is then held fixed. If a final relaxation phase
is added, f (t) is analogously linearly reduced to zero and held fixed. In all simulations in
this article tr = 10τa .

In contrast to the symmetric configuration used in run 1, where most of the flux emanat-
ing from the main polarities arches over the flux-rope, the flux that initially stabilises the
rope in run 2 is concentrated towards the southern edge of the polarity, where the imposed
vortex velocities are relatively small. In order to obtain the eruption of the TD rope within a
reasonable computational time in run 2, we therefore use a δB that is larger than in run 1.

4. Simulation Results

4.1. Run 1

We first consider the more idealised and symmetric case, in which the vortices are applied
at both photospheric polarities of the potential field. As a result of the imposed motions, the
field lines rooted in the polarities become increasingly twisted and a relatively wide twisted
flux-tube is formed, which expands and rises with increasing velocity (Figure 6).
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Figure 7 Kinematics of the TD flux-rope (thick blue lines) and of the overlying twisted flux-tube (solid red
lines) during the twisting phase in run 1. (a) Height of the axis apex as a function of time. The initial heights
are 1.22 for the TD rope and 3.62 for the twisted flux-tube. (b) Logarithmic presentation of the corresponding
vertical velocities. The dashed lines show linear fits, obtained within the time periods marked by the vertical
dotted lines of the same colour.

Detailed descriptions on the evolution of such twisted fields have been given by Amari
et al. (1996), Török and Kliem (2003), and Aulanier, Démoulin, and Grappin (2005). Since
here we are merely interested in how the rising flux affects the stability of the TD flux-rope,
we only note that the rise follows the exponential behaviour found in this earlier work. This
is shown in Figure 7, where the kinematics of the two flux systems (the twisted flux-tube
and the TD flux-rope) are followed in time by tracking the position of the respective central
field-line apex. The exponential rise phase of the twisted flux-tube, preceded by a slower
transition, can be clearly seen between t ≈ 80τa and t ≈ 180τa .

The slow rise of the flux-tube successively weakens the stabilizing magnetic tension on
the TD rope, so that the latter starts to ascend as well. As can be seen in Figure 7(b), the
rise of the TD rope also follows an exponential behaviour up to t ≈ 130τa . While its growth
rate is slightly larger than for the twisted flux-tube, its velocity remains about one order
of magnitude smaller. In order to check that this slow exponential rise of the TD rope is
indeed an adaptation to the changing ambient field, rather than a slowly growing instability,
we performed a relaxation run by ramping down the photospheric driving velocities to zero
between t = 100τa and t = 110τa and following the evolution of the system until t = 181τa .
Both the twisted flux-tube and the TD rope relax towards a numerical equilibrium in this run,
without any indication of instability or eruption. Hence, during its slow rise phase until t ≈

130τa , the TD rope experiences a quasi-static evolution along a sequence of approximately
force-free equilibria, generated by the slowly changing boundary conditions (in particular,
the changing tangential components of the magnetic field at the bottom plane).

Starting at t ≈ 130τa , the TD rope undergoes a successively growing acceleration which
ends in a rapid exponential acceleration phase between t ≈ 220τa and t ≈ 250τa that is
characterised by a growth rate significantly larger than during the quasi-static phase (see
also the bottom panels of Figure 6). The rope finally reaches a maximum velocity of 0.45va0

at t = 252τa , after which it starts to decelerate. Such a slow rise phase, followed by a rapid
acceleration, is a well-observed property of many filament eruptions in the early evolution
of CMEs (see, e.g., Schrijver et al., 2008, and references therein), and is also seen for the
event studied in this article (see Figure 4(d)). The evolution of the TD rope after t ≈ 130τa

can be associated with the development of the torus instability (Bateman, 1978; Kliem and
Török, 2006; Démoulin and Aulanier, 2010), as has been shown under similar conditions in
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various simulations of erupting flux-ropes (Török and Kliem, 2007; Fan and Gibson, 2007;
Schrijver et al., 2008; Aulanier et al., 2010; Török et al., 2011).

During the transition of the TD rope to the torus-unstable regime, the overlying twisted
flux-tube continues its slow exponential rise at almost the same growth rate for about 100
Alfvén times, which excludes the possibility that the additional acceleration of the TD rope
after t ≈ 130τa is due to an adaptation to the evolving environment field. At t ≈ 230τa , how-
ever, the rise speed of the TD rope begins to exceed the rise speed of the flux-tube, and the
latter gets significantly accelerated from below by the strongly expanding rope. The over-
taking of the twisted flux-tube by the faster TD rope, and the resulting interaction between
the two, is reminiscent of the so-called CME cannibalism phenomenon (e.g. Gopalswamy
et al., 2001; Lugaz, Manchester, and Gombosi, 2005). The investigation of this interaction
is, however, beyond the scope of the present article, so that we stopped the simulation at this
point.

Run 1 shows that the rotation of the footpoints of a flux system overlying a stable flux-
rope can lead to the eruption of the rope, by progressively lowering the threshold for the
torus instability. We suggest that this mechanism may have been at the origin of the CME
event described in Section 2.

The numerical experiment presented here has a high degree of symmetry, with respect to
both the initial magnetic-field configuration and the driving photospheric motions. A practi-
cally identical result is obtained if only one of the polarities of the overlying field is twisted,
as long as the driving velocity is clearly sub-Alfvénic. In particular, we found that twisting
only one flux concentration does not significantly affect the rise direction of the TD rope,
indicating that slow asymmetric twisting does not necessarily lead to a non-radial rise of the
erupting flux-rope if the overlying field is symmetric. A more general case, which exhibits
a strongly non-radial rise, is presented in the following section.

4.2. Run 2

We now consider a much less symmetric initial condition for the magnetic field, together
with a driving that is applied to one polarity only. The configuration is still idealised, but
closer to the observations (see Sections 2 and 3.2). The purpose of run 2 is to verify that the
CME initiation mechanism suggested in Section 4.1 can work also in a more realistic and
general setting.

The fan-like structure of the ambient field makes it difficult to follow its evolution during
the twisting phase using a single point as a tracer of the whole three-dimensional structure,
as was done for run 1. We therefore follow here only the apex of the TD rope axis in time.
The inclination of the rope makes it complicated to find the exact position of the axis apex,
so we determined it only approximately. Consequently, the trajectories presented in Figure 9
below are somewhat less precise than for run 1.

Figure 8(a) shows that electric currents are formed in the ambient field volume during
the initial relaxation of the system. The strongest current concentrations are located in the
front of the flux-rope and exhibit an X-shaped pattern in the vertical cut shown. This pat-
tern outlines the locations of quasi-separatrix layers (QSLs: e.g. Priest and Forbes, 1992;
Démoulin et al., 1996) that separate different flux systems. The QSLs are present in the
configuration from the very beginning and arise from the complexity of the potential
field (see Section 3.2). Their presence is evident also in the left panel of Figure 8(a):
the green field lines show strong connectivity gradients in the northern part of the main
polarity and in the vicinity of the western flux-rope footpoint. It has been demonstrated
that current concentrations form preferably at the locations of QSLs and other structural
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Figure 8 Snapshots of run 2 at times t = 0, 90, 174, 211τa , respectively, showing the same features as in
Figure 5(d). The system is shown after the initial relaxation (a), during the slow rise phase (b), at the time
of the peak flux-rope velocity (c), and during the deceleration of the flux-rope (d). The left panels use a
view similar to the observations presented in Section 2, the right panels show a side view. The transparent
grey-scale in the right panels depicts the logarithmic distribution of |j|/|B| in the plane x = 0, outlining the
locations of strong current concentrations. The sub-volume [−10,16] × [−11,11] × [0,18] is used for all
panels. An animation of this figure is available in the electronic version of this article.

features like null points, separatrix surfaces, and separators, if a system containing such
structures is dynamically perturbed (e.g. Baum and Bratenahl, 1980; Lau and Finn, 1990;
Aulanier, Pariat, and Démoulin, 2005). In our case the perturbation results from the – rela-
tively modest – dynamics during the initial relaxation of the system.
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Figure 9 Kinematics of the TD flux-rope in run 2. (a) Red lines show the distances of the axis apex from
its initial position, (x0, y0, z0) = (0.075,0,1.076), for all three spatial dimensions as a function of time. The
solid line shows x − x0 , the dashed one y − y0, and the dotted one z − z0 . The thick blue line shows the
total deviation from the initial position. (b) Logarithmic presentation of the total velocity of the axis apex as
a function of time (solid blue line). As in Figure 7, the dashed lines show linear fits obtained for the time
periods marked by dotted lines of the same colour.

After the relaxation, at t = 0, we start twisting the main negative polarity. Due to the
pronounced fan-structure of the field rooted in the main polarity, the photospheric twisting
does not lead to the formation of a single twisted flux tube that rises exactly in vertical
direction above the TD rope, as was the case in run 1. Rather, the twisting leads to a slow,
global expansion of the fan-shaped field lines (see Figure 8 and the corresponding online
animations). Since we are mainly interested in the destabilisation of the flux-rope, we did
not study the detailed evolution of the large-scale field. We expect it to be very similar
to the one described by Santos, Büchner, and Otto (2011), since the active region those
authors simulated was also dominated by one main polarity (sunspot), and the field rooted
therein had a very similar fan-shaped structure (compare, for example, our Figure 8 with
their Figure 1).

Important for our purpose is the evolution of the arcade-like part of the initial potential
field that directly overlies the TD flux-rope. Those field lines are directly affected only by a
fraction of the boundary flows and therefore get merely sheared (rather than twisted), which
still leads to their slow expansion. As was the case for run 1, the TD rope starts to expand as
well, adapting to the successively decreasing magnetic tension of the overlying field. This
initial phase of the evolution is depicted in Figure 8b. Note that some of the flux at the front
of the expanding arcade reconnects at the QSL current layer (see the online animation),
which can be expected to aid the arcade expansion to some degree. As in run 1, the TD rope
rises, after some initial adjustment, exponentially during this slow initial phase (Figure 9).

As the twisting continues, a transition to a rapid acceleration takes place, which can be
seen in Figure 9b after t ≈ 100τa , when the rise curve leaves the quasi-static regime. After
the transition phase, the TD rope again rises exponentially, but now with a significantly
larger growth rate than during the slow rise phase. As for run 1, we attribute this transition
and rapid acceleration to the occurrence of the torus instability.

The right panels in Figure 8 show that the trajectory of the flux-rope is far from
being vertical. As can be seen in Figure 9, the rope axis has reached an inclination
of about 45 degrees at the time of its peak rise velocity. Such lateral eruptions have
been reported frequently in both observations and simulations (Williams et al., 2005;
Aulanier et al., 2010; Bi et al., 2011; Panasenco et al., 2011; Zuccarello et al., 2012;
Yang et al., 2012, and references therein), and are usually attributed to an asymmetric
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structure of the field overlying the erupting core flux. We believe that this causes the lat-
eral rise also in our case, in particular since we found that asymmetric twisting of a sym-
metric configuration does not lead to a non-vertical trajectory of the flux-rope (see Sec-
tion 4.1). We note that such a lateral rise during the very early phase of a CME is dif-
ferent from the often observed deflection of CMEs at coronal holes, where the ejecta is
channelled by the structure of the coronal field at larger heights (Kahler, Akiyama, and
Gopalswamy, 2012, and references therein). As the eruption continues, the trajectory of
the flux-rope becomes increasingly horizontal, resembling the so-called “roll effect” (e.g.

Panasenco et al., 2011) and indicating that the rope cannot overcome the tension of the
large-scale overlying field. Moreover, as a consequence of its increasing expansion, the flux-
rope strongly pushes against the QSL current layer, which results in reconnection between
the front of the rope and the ambient field. Eventually, the rope splits into two parts, simi-
lar to what has been found in simulations of confined eruptions (Amari and Luciani, 1999;
Török and Kliem, 2005). These two effects – which both are not present in run 1 – slow
down the rise of the rope after t ≈ 175τa and inhibit its full eruption (i.e. the development
of a CME) in our simulation.

Since QSLs can affect the evolution of an eruption, but are not expected to play a sig-
nificant role for its initiation, we did not investigate in detail whether or not QSLs were
present in the pre-eruption configuration of the 6 July 2006 event. The PFSS extrapolation
indicates their presence to the North and the West of the main polarity (see the field-line
connectivities in Figure 5(b), but less clearly so to its South. The possible absence of a QSL
in front of the erupting core field in the real event is in line with the “smooth” evolution
of the observed CME, while in our simulation the coherence of the flux-rope is destroyed
before it can evolve into a full eruption. Also, the real large-scale field was probably less
confining than our model field: the PFSS extrapolation indicates the presence of open field
lines, which are fully absent in our simulation. Since, as stated earlier, we merely aim to
model the initiation of the eruption rather than its full evolution into a CME, we refrained
from further improving our model to obtain a configuration without a strong QSL in front
of the flux-rope and with more open flux.

As for run 1, we check how the system evolves when the twisting is stopped before the
flux-rope erupts. When the vortex flows are ramped down to zero during t = (35 – 45)τa –
corresponding to an effective twisting time of 35τa – no eruptive behaviour is seen in the
subsequent evolution for almost 300τa , after which we stopped the calculation. However,
the system does not fully relax to a numerical equilibrium as it was the case for the simpler
configuration (see Section 4.1). Rather, the flux-rope continues to rise very slowly, with
velocities smaller than 10−3

va0. This indicates that the system has entered a meta-stable
state, which is possibly supported by continuous slow reconnection at the QSL current layer
due to numerical diffusion, so that it can be expected that the rope would finally erupt if
the integration were continued sufficiently long. When somewhat more twisting is applied,
the system behaves as in the continuously driven configuration, i.e. a phase of slow rise is
followed by a transition to rapid acceleration and the final eruption of the flux-rope, except
that the evolution leading up to the eruption takes the longer the less twist is imposed. For
example, for an effective twisting period of 45τa , the rapid acceleration of the rope sets in
at ≈265τa , significantly later than in the continuously driven system.

While it is tempting to quantitatively compare the amount of rotation in the simulation
with the observed sunspot rotation, we think that such a comparison can be misleading,
since the amount of rotation required for eruption will depend on parameters that have not
been studied here and are not available from the observations (see Section 5: Summary and
Discussion). Moreover, a quantitative comparison is not straightforward, since the model
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Figure 10 Rotation profile for
run 2 as a function of distance
from the vortex centre; shown at
t = 100τa , approximately when
the transition from slow to fast
rise sets in (see Figure 9(b)).

rotation is highly non-uniform (Figure 10), while in the observed case a rigid rotation of the
spot was measured (Figure 2). For example, at t ≈ 100τa , when the transition from slow to
fast rise starts in the continuously driven simulation, the field lines rooted very close to the
main polarity centre have rotated by about 200◦. However, those field lines do not overlie
the TD flux-rope directly, rather they connect to the positive polarity region located to the
East of the rope (see Figures 5d and 8) and should therefore not significantly influence
the rope’s stability. On the other hand, the arcade-like field lines that are located directly
above the rope are rooted at a distance of r ≈ 0.4 from the polarity centre, towards its
southern edge. As can be seen in Figure 10, the flux surface containing these field lines is
rotated by a much smaller amount, about 40◦ at t = 100τa . For the run with an effective
twisting time of t = 45τa mentioned above, the imposed total rotation at this flux surface is
even smaller, slightly below 20◦. These values are similar to the observed sunspot rotation,
but, in addition to the reasons given above, such a comparison should be taken with care.
While the expansion of the field lines located directly above the TD flux-rope presumably
depends mainly on the driving imposed at their footpoints, it is also influenced to some
degree by the expansion of higher-lying fields which, in turn, depends on the (significantly
larger) amount of rotation closer to the polarity centre. Moreover, the values obtained from
the model refer to an overlying field that is initially potential (except for the QSL-related
current layers), while the real overlying field may have already contained some stress at the
onset of detectable rotational motions. Finally, as discussed at the end of the Introduction,
the sunspot rotation may have injected stress also directly into the filament. In both cases,
presumably less rotation as suggested by the model would have been required to trigger the
eruption.

In summary, the simulation successfully models the early phases of the eruption (the slow
rise and the initial rapid acceleration of the flux-rope) in a setting that is qualitatively similar
to the observed configuration of the active region around the time of the CME described in
Section 2. Hence, the CME-initiation mechanism described in run 1 can work also in more
complex and less symmetric configurations.

5. Summary and Discussion

We analyse a filament eruption, two-ribbon flare, and CME that occurred in NOAA Active
Region 10898 on 6 July 2006. The filament was located South of a strong sunspot that
dominated the region. In the evolution leading up to the eruption, and for some time after it,
a counter-clockwise rotation of the sunspot of about 30◦ was observed. Similar events, which
occurred close to a dominant rotating sunspot, were presented by, e.g., Tian and Alexander
(2006) and Régnier and Canfield (2006). The triggering of such eruptions is commonly
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attributed to the injection of twist (or helicity) beyond a certain threshold by the sunspot
rotation (e.g. Török and Kliem, 2003). However, while filaments are frequently observed to
spiral into the periphery of main sunspots, the erupting core flux may not always be rooted
in the spot itself. Here we suggest that the continuous expansion due to sunspot rotation of
the magnetic field that stabilises the current-carrying core flux, i.e. the successive decrease
of magnetic tension, can also lead to filament eruptions and CMEs in such configurations.

We support this scenario by MHD simulations, in which a potential field overlying and
stabilizing a pre-existing flux-rope is slowly twisted at its photospheric-flux concentra-
tion(s). The flux-rope is not anchored in these concentrations and is therefore not twisted.
In a first configuration, the rope is initially kept in equilibrium by a field rooted in two
“sunspots” of opposite polarity that are located at opposite sides of the rope. The twisting
of the flux concentrations reproduces the known behaviour of twisted bipolar fields (see,
e.g., Amari et al., 1996): a twisted flux tube is generated that expands and rises at an ex-
ponentially increasing rate. As a consequence, the magnetic tension of the field above the
pre-existing flux-rope is successively weakened. The rope undergoes a quasi-static adap-
tation to the changing surrounding field, which is manifested in a slow rise phase. As the
weakening of the overlying field reaches an appropriate level, the torus instability sets in and
rapidly accelerates the rope upwards, leading to a second, fast rise phase and eruption. This
evolution in two phases resembles the often-observed slow rise phase and subsequent strong
acceleration of filaments in the course of their eruption (see Figure 4, as well as Schrijver
et al., 2008, and references therein). Eventually, since the flux-rope erupts faster than the
twisted flux-tube rises, the rope catches up and starts to interact with the flux-tube, at which
point we stop the simulation.

As a step towards more realistic configurations, we consider a second setup in which the
initial ambient field surrounding the flux-rope is created by an ensemble of sub-photospheric
sources that qualitatively reproduce the photospheric flux distribution and magnetic-field
structure of the active region around the time of the 6 July 2006 event. In particular, the
highly asymmetric flux density and the resulting overall fan shape of the active-region field
are recovered, while the approximative flux balance of the region is kept. The rotation of
the dominant negative polarity (mimicking the observed sunspot rotation) leads to the same
qualitative behaviour as in the much more symmetric configuration: after a slow rise phase
resembling the quasi-static adaptation of the flux-rope to the expanding ambient field, the
rope undergoes a second, strong acceleration phase. In this case, the asymmetry of the ambi-
ent field leads to a markedly lateral eruption. However, in contrast to the first configuration,
the presence of a QSL-related current layer in the front of the erupting flux-rope leads to
reconnection which eventually splits the rope before it can evolve into a CME. Although we
are not able to follow the expansion of the flux-rope beyond this phase, we can assert the
effectiveness of the proposed mechanism in triggering an eruption also in this more realistic
case.

The proposed mechanism requires the presence of a flux-rope in the corona prior to the
onset of the twisting motions, which is in line with the relatively small observed rotation
of about 30◦ in our event. Far larger rotations appear to be required to produce a flux-rope
that can be driven beyond the threshold of instability by such small additional rotation (e.g.

Török and Kliem, 2003; Aulanier, Démoulin, and Grappin, 2005; Yan et al., 2012). It can
be expected that the amount of rotation required to initiate the eruption of a pre-existing
flux-rope by rotating its overlying field depends on two main parameters: i) the “distance”
of the flux-rope from an unstable state and ii) the “effectiveness” of the rotation in reducing
the stabilisation by the overlying field. For example, it will take a longer time for a low-lying
flux-rope to slowly rise to the critical height required for the onset of the torus instability
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than it does for a rope that is already close to this height. Also, the required rotation will
be larger if mostly high-arching field lines, rather than field lines located directly above
the rope, are twisted. Thus, the amount of rotation required for eruption appears to depend
strongly on the details of the configuration. A proper assessment of this question demands
an extensive parametric study that is beyond the scope of this article. Here we merely aim
to provide proof-of-concept simulations that illustrate the physical mechanism.

In summary, the main result of our study is that the rotation of sunspots can substantially
weaken the magnetic tension of the field in active regions, in particular in cases where the
sunspot dominates the region. This can lead to the triggering of eruptions in the vicinity of
the spot, even if the erupting core flux (the filament) is not anchored in it. The mechanism
that we suggest provides an alternative to the common scenario in which eruptions in the
vicinity of rotating sunspots are triggered by the direct injection of twist into the erupting
core flux.
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Abstract We investigate the effect of electron pressure on the Grad–Shafranov (GS) recon-
struction of Interplanetary Coronal Mass Ejection (ICME) structures. The GS method uses
in situ magnetic field and plasma measurements to solve for a magnetohydrostatic quasi-
equilibrium state of space plasmas. For some events, a magnetic flux-rope structure embed-
ded within the ICME can be reconstructed. The electron temperature contributes directly to
the calculation of the total plasma pressure, and in ICMEs its contribution often substan-
tially exceeds that of proton temperature. We selected ICME events observed with the Wind

spacecraft at 1 AU and applied the GS reconstruction method to each event for cases with
and without electron temperature measurements. We sorted them according to the proton
plasma β (the ratio of proton plasma pressure to magnetic pressure) and the electron-to-
proton temperature ratio. We present case studies of three representative events, show the
cross sections of GS reconstructed flux-rope structure, and discuss the electron pressure
contribution to key quantities in the numerical reconstruction procedure. We summarize and
compare the geometrical and physical parameters derived from the GS reconstruction results
for cases with and without electron temperature contribution. We conclude that overall the
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electron pressure effect on the GS reconstruction results contributes to a 10 – 20 % discrep-
ancy in some key physical quantities, such as the magnetic flux content of the ICME flux
rope observed at 1 AU.

Keywords ICMEs · Magnetic clouds · Flux rope · Electron temperature · Grad–Shafranov
reconstruction

1. Introduction

The Grad–Shafranov (GS) reconstruction technique, based on the so-called Grad–Shafranov
equation, was first developed by Sonnerup and Guo (1996) and Hau and Sonnerup (1999).
The GS method is capable of deriving a two-and-a-half dimensional (2.5D with a non-
vanishing magnetic field component along the invariant/axial direction) cross section of the
plasma structure from the single spacecraft measurements along its path across the structure.
The GS method was first applied to small-scale interplanetary magnetic flux-rope structures
by Hu and Sonnerup (2001) and was subsequently developed and applied to large-scale
magnetic cloud (MC) structures in the solar wind (Hu and Sonnerup, 2002). The method
uses both in situ magnetic field and plasma measurements, including proton density, tem-
perature, and velocity, that characterize a single-fluid magnetohydrostatic equilibrium with
a finite plasma pressure gradient.

The plasma pressure, ignoring the alpha-particle contribution, is generated by protons
and electrons. Whenever electron temperature measurements were available, they were in-
cluded for calculating the total plasma pressure, as was done in many previous works that
applied the GS reconstruction method to magnetic clouds (e.g., Hu et al., 2003, 2004). Since
in general the electron moment data are less readily available than those for protons, espe-
cially for Advanced Composition Explorer (ACE) spacecraft data and for previous investi-
gations, it is usual to include only the proton plasma pressure. The electron contribution is
often not included, which may render the results less reliable when the investigated structure
is a magnetic cloud. It has been shown observationally that, while the proton temperature Tp

decreases as a consequence of radial expansion – indeed, this is one of the basic properties
that characterize magnetic clouds and ICMEs (Richardson and Cane, 2010 and references
therein) – the electron temperature Te, while variable, stays high, with Te/Tp ranging from
2 – 20, as illustrated in the examples below and shown in previous studies (Osherovich et al.,
1993; Farrugia et al., 1994; Fainberg et al., 1996; Richardson, Farrugia, and Cane, 1997; Sit-
tler and Burlaga, 1998; Skoug et al., 2000a, 2000b; Nieves-Chinchilla and Viñas, 2008). For
example, Sittler and Burlaga (1998) analyzed three magnetic clouds with data from Voy-

ager 2 between 2 and 4 AU and obtained average values of Te/Tp ∼ 7.0. It follows that the
dynamics of magnetic clouds are determined mainly by electrons and not by protons. The
question is, therefore, if we can trust the results on MC quantities obtained by GS recon-
struction if we only take into account the proton contribution to the pressure. We aim here
to address this important question, which is particularly relevant in view of the wide use of
GS reconstruction in studies of MC in situ data. Because the GS method is used for plasmas
with a finite pressure gradient, we do not limit our applications to MCs only (i.e., config-
urations characterized by low proton β values, which represent the ratios between proton
plasma pressure and the corresponding magnetic pressure), and we use the terms MC and
ICME interchangeably throughout this paper.

Previous studies have revealed and confirmed the flux-rope structure of MCs. Various ge-
ometrical and physical properties of ICME flux ropes can be derived. They include the axis
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orientation, the approximate transverse size, the closest distance from the flux-rope center
to the spacecraft path, the maximum axial magnetic field, the electric current density, the
axial and poloidal magnetic flux, the relative magnetic helicity content, etc. The validity
of the GS reconstruction method and results were well established particularly by a series
of works (Sonnerup, Hasegawa, and Paschmann, 2004; Hasegawa et al., 2004, 2005) that
used Cluster mission data. These authors examined magnetic flux-rope structures embed-
ded within Earth’s magnetopause that were often present during flux-transfer events. The
separation distances among the four Cluster spacecraft were appropriate with respect to the
size of the flux rope cross section such that the four spacecraft paths were evenly spread
across it. A comparison between the GS reconstruction results and the actual spacecraft
measurements showed remarkable agreement.

In recent years, the GS reconstruction method has been used more often, especially in ap-
plications to the twin STEREO (Solar TErrestrial RElations Observatory) spacecraft data, in
addition to traditional ACE and Wind spacecraft in situ measurements. A number of studies
(Liu et al., 2008, 2010; Möstl et al., 2008, 2009a, 2009b, 2009c; Kilpua et al., 2009; Farrugia
et al., 2011; Wood et al., 2012) have successfully applied the method to the STEREO data
sets, combined with remote-sensing multi-wavelength imaging, which is capable of track-
ing the propagation of CMEs from their source regions to 1 AU. This combined approach,
taking advantage of the STEREO data sets, allows us to compare the GS reconstruction re-
sults of ICMEs with their solar sources, following the earlier work of Qiu et al. (2007). For
instance, Farrugia et al. (2011) examined an event in November 2007 that was simultane-
ously observed by STEREO A and B and the Wind spacecraft, at a time when the spacecraft
separation between A and B was about 40◦ on the ecliptic plane. Farrugia and collaborators
were able to derive the cross section of the ICME flux rope at each spacecraft location and
showed the combined view of the general flux rope shape from all three GS reconstruction
results. Their results showed the complexity of the interplanetary transient structures and
their interactions by employing multi-point observations.

The original GS reconstruction procedures have been improved recently (Li et al., 2009;
Isavnin, Kilpua, and Koskinen, 2011). For example, Li et al. (2009) modified the defini-
tion of the fitting residue that is used in the GS method for determining the axis orientation
of the cylindrical ICME flux rope. Isavnin, Kilpua, and Koskinen (2011) also adjusted the
calculation of this residue and adopted a dedicated smooth finite-difference algorithm. Al-
though these authors showed improvements in certain aspects for a few selected events, the
significantly enhanced performance resulting from these modifications has yet to be firmly
established. For the purpose of this study, we used the original approach as documented
in Hu and Sonnerup (2002) and Hu et al. (2004). Especially remarkable is an effort by
C. Möstl, who developed a software package in Matlab that incorporates the GS reconstruc-
tion procedures into a Graphical User Interface (GUI) that enables the users to apply the
method with the ease of clicking a mouse button. The results are displayed and visualized
through this interactive process. The package has been widely distributed free of charge,1

and there are more than a dozen research groups using the GS method all over the world.
We refer to the original work of Hu and Sonnerup (2002) and the comprehensive review on
the GS method by Sonnerup et al. (2006) for details. To facilitate the presentation in this
paper, a brief description of the GS reconstruction method is given in Section 2. There were
other flux-rope modeling efforts and comparisons among different approaches (e.g., Riley
et al., 2004; Al-Haddad et al., 2013) as well as an effort to address the limitations that are

1Download a copy of the software package and a user manual from ftp://ftp.iwf.oeaw.ac.at/pub/moestl/

publicgscode/, or send an email to the author.
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intrinsic to all flux-rope models based on a simplified geometry and single-spacecraft data
(e.g., Hasegawa et al., 2007; Al-Haddad et al., 2011). We do not intend to address these
problems here.

The motivation of the present work is to examine the effects of the electron tempera-
ture (pressure), Te (pe), on the GS reconstruction results of ICME structures at 1 AU. As we
have shown earlier, the GS reconstruction technique has evolved over the years and has been
widely used in the study of ICME structures. But a study on the effect of Te is still lacking.
We aim to perform this simple, yet important and much needed study to be able to address
the matter in a systematic and definitive manner, especially considering that the Te measure-
ments are not always available. We stress that the GS method itself does incorporate the
finite plasma pressure that includes contributions from both protons and electrons,without a
force-free assumption, which enables us to select a wider range of events beyond the tradi-
tional classification of magnetic clouds. We selected eight ICME events from Wind space-
craft observations. The event selection criteria and specific measurements used are discussed
in Section 3. We specifically selected events with a range of proton β values (not limited to
low values only) and variable and representative Te/Tp ratios. The GS reconstructions re-
sults of three events of these typical and extreme parameters are presented in Section 4. Each
case study is presented both with and without Te contribution. We summarize and discuss
our quantitative results in the last section.

2. A Brief Description of GS Reconstruction Method

The GS reconstruction method for a cylindrical structure is based on the GS equation in a
Cartesian coordinate system, (x, y, z), where the invariant axis (flux-rope axis) is along ẑ

with ∂/∂z ≈ 0, and a definition of a magnetic flux function A(x,y) (or the axial component
of the magnetic vector potential)

∂
2
A

∂x2
+

∂
2
A

∂y2
= −μ0

dPt(A)

dA
= −μ0jz(A). (1)

One of the important quantities is the transverse pressure, Pt(A) = p(A) + B
2
z
(A)/2μ0,

which is the sum of the total plasma pressure (protons plus electrons) and the axial mag-
netic pressure, whose derivative yields the axial current density jz. Once a local recon-
struction frame is set up with known (x, y, z) axes, the initial flux function A(x,0) and
transverse pressure Pt(x,0) are also known from spacecraft in situ measurements (with the
x axis at y = 0 being the projected spacecraft path across the structure). Then, an ana-
lytic functional fit Pt(A) is obtained and the right-hand side of the GS equation (1) be-
comes explicitly known, which facilitates the final solution of A over a cross-sectional
domain of the structure. A fitting residue Rf is calculated to assess the goodness-of-fit
(Hu et al., 2004). The entire procedure works through a trial-and-error process by opti-
mizing the requirement that Pt is a single-valued function of A by first determining the
z axis orientation. Then, a cross-sectional map of A(x,y) is obtained by solving the GS
equation (1) with the initial values and the corresponding functional fit Pt(A). A full char-
acterization of all magnetic field components is achieved since the magnetic field vectors
are related to A as B = (∂A/∂y,−∂A/∂x,Bz(A)). For a magnetic flux-rope solution, the
magnetic field often exhibits a configuration of spiral field lines lying on nested, cylin-
drical iso-surfaces of A, winding along the z axis. This characterization also enables the
definition of a flux-rope boundary by selecting a specific A = Ab value (Hu et al., 2004;
Riley et al., 2004), as we demonstrate below, which is used to calculate the magnetic flux
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Table 1 Selected Wind spacecraft ICME events.

Event No. ICME Intervala 〈Te/Tp〉 〈βp〉 〈β〉

3 2 June 1998 10:31:30 – 15:49:30 3.4 0.077 0.32

4 6 Nov. 2000 23:8:30 – 7 Nov. 2000 18:46:30 9.8 0.013 0.089

8 20 November 2003 12:11:30 – 21:17:30 0.88 0.15 0.32

9 4 Apr. 2004 3:28:30 – 5 Apr. 2004 14:55:30 9.8 0.017 0.16

10 27 July 2004 1:44:30 – 15:20:30 2.0 0.065 0.14

5 31 October 2005 0:44:30 – 20:59:30 3.9 0.27 0.95

6 20 May 2005 10:19:30 – 21 May 2005 7:1:30 6.4 0.11 0.40

7 14 Jan. 2007 12:1:30 – 15 Jan. 2007 6:53:30 12.5 0.021 0.24

aIdentified for the GS reconstruction; in UT.

content (Qiu et al., 2007). We here determine Ab by inspecting the single-value behavior
of Bz(A) only; Ab is chosen based on the Bz vs. A plot (generated with original relatively
high-resolution data, typically ∼ 1 minute) arbitrarily where the Bz values start to deviate
significantly from a single curve beyond certain A = Ab value. Therefore, the electron tem-
perature does not directly contribute to the determination of Ab.

3. Selected Wind Spacecraft ICME Events

We selected and compiled a list of ICMEs observed in situ at 1 AU from various sources,
primarily based on the comprehensive list published by Richardson and Cane (2010). We
used in situ magnetic field and plasma measurements from the Wind spacecraft, because it
provides additional electron temperature observations through the publicly accessible NASA
Coordinated Data Analysis Web (CDAWeb) interface. The electron temperature Te measure-
ments were obtained from the Wind Solar Wind Experiment (SWE) (Ogilvie et al., 1995)
data product of H0 level through the CDAWeb. If the H0 level data were not available, we
used the total electron temperature from the SWE H5 data product. The magnetic field and
proton measurements, including the magnetic field magnitude B and three components, the
proton temperature Tp, number density Np, and proton velocity, were obtained from the
Wind Magnetic Field Investigation (MFI) (Lepping et al., 1995) H0 level and SWE K0 level
data products, respectively.

In Table 1, we list the ICME events that we were able to successfully apply the GS re-
construction method to. We identify each event by an arbitrarily assigned event number. For
each event, we list the data interval selected for the GS reconstruction, the corresponding
average Te/Tp ratio, the average proton βp (≡ NpkTp/pB , where pB = B

2
/2μ0, k being

the Boltzmann constant and μ0 the permeability) value, and the average total plasma β

(≡ Npk(Tp + Te)/pB ) values. These values span a fairly wide range, as shown in Figure 1.
The average electron-to-proton temperature ratio has a range from ∼ 1 to >10 and the aver-
age total plasma β ranges from ∼ 0.1 to ∼ 1. The average total plasma β value is generally
much (from at least one to ten times) higher than the corresponding average proton βp value,
indicating significant contribution from the electrons to the total plasma pressure. The av-
erage values of the parameters in Table 1 are 6.1, 0.087, and 0.33, and the corresponding
median values are 5.2, 0.071, and 0.28.
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Figure 1 Parameter distribution of (a) 〈βp〉 and (b) 〈β〉 vs. the average electron temperature over the proton
temperature ratio for each selected Wind ICME event. The event number is indicated at the side of each open
circle.

4. Case Studies

In this section, we present GS reconstruction results for three events that are representative
and extreme in terms of the characteristic plasma parameters from Table 1. As also evident
from Figure 1, events No. 5 and 7 have the highest 〈β〉 value and 〈Te/Tp〉 ratio. We present
these two events along with event No. 6, which has moderate values of 〈β〉 and the 〈Te/Tp〉

ratio. For each event, we present the results with and without electron temperature contri-
bution to the total plasma pressure. The invariant z axis orientation is determined by the GS
reconstruction procedure including the Te contribution and remains unchanged for the case
without Te contribution. We discuss the effect of Te on the flux-rope axis determination in
the last section.

4.1. Event No. 5: 31 October 2005

Event No. 5 occurred on 31 October 2005 and lasted for nearly one day. Figure 2 shows
some in situ measurements of the bulk properties of the ICME from the Wind spacecraft.
The magnetic field magnitude shows a moderate increase to somewhat more than 10 nT, and
the magnetic field vector executes a rotation in at least two components for the identified in-
terval. The bulk radial speed is about 400 km s−1 and shows little evidence of expansion.
The proton temperature Tp does become fairly low during the interval, while the electron
temperature Te is much higher than Tp with an average Te/Tp ratio of 3.9. Since the proton
βp value is fairly moderate for this event, with an average value 0.27, including the electron
contribution in the total plasma pressure increases the total plasma β value to ∼ 1 on aver-
age. Another notable feature, as seen in the last panel of Figure 2, is the apparent variation
(gradient) in the axial magnetic pressure pBz (≡ B

2
z
/2μ0, red), which seems to exceed that

in the corresponding total plasma pressure p (black).
The GS reconstruction was carried out for the time interval between the vertical lines in

Figure 2. We note that this interval selection was made for the purpose of GS reconstruction
only and does not necessarily coincide with an ICME interval identified based on other cri-
teria (e.g., Richardson and Cane, 2010; Jian et al., 2006). A main criterion for our selection
was the decrease in plasma β value (fourth panel of Figure 2) and, as a rule of thumb, we
generally selected as long an interval as possible.
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Figure 2 Time series for Event No. 5. The top panel shows the magnetic field GSE-X (red), Y (green), Z

(blue) components, and magnitude (black). The second panel shows the bulk solar wind speed. The third
panel shows the proton number density Np (blue) in the left vertical axis, and the electron (Te, green) and
proton (Tp , black) temperatures in the right vertical axis. The fourth panel shows the plasma β value (black)
and the ratio Te/Tp (red). A dashed line of value 1.0 is drawn. The bottom panel shows the total plasma
pressure p (black) and the axial magnetic field pressure pBz (red). The vertical lines denote the time interval
chosen for the GS reconstruction, as indicated beneath the bottom panel.

The GS reconstruction results, first including Te, are given in Tables 2 and 3. These
include both geometrical and physical parameters: the axis orientation ẑ of the cylindrical
flux rope, the closest approach distance from the spacecraft path to the center of the flux
rope Y0, the highest axial magnetic field component Bz max, the highest/lowest axial current
density jz0, the total axial current Iz, the axial magnetic flux �z, the poloidal magnetic flux
�p, and the relative magnetic helicity Kr (the last two for a cylindrical length of 1 AU;
see, e.g., Qiu et al., 2007; Hu and Dasgupta, 2005, and Webb et al., 2010). An additional
parameter, Rf, representing the fitting residue of the transverse pressure Pt ≡ p + pBz vs.
the flux function A, as defined in Hu et al. (2004) and described in Section 2, is also given
to evaluate the effect of Te on the fitting of Pt(A), a critical step in the GS reconstruction
method. The lower the Rf value, the more reliable the results. Generally, we expect such a
value to be equal to, or lower than, 0.2 for the case to be acceptable. The same set of results
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Figure 3 The measured quantities (symbols) and corresponding functional fits (solid curves) of (a) the trans-
verse pressure Pt including Te (black), Pt,p excluding Te (red), and the axial magnetic pressure pBz (green)
vs. the magnetic flux function A and (b) the corresponding gradients of Pt(A) (black), pBz(A) (green), and
Pt,p(A) (red) for event No. 5. The circles and stars are the corresponding measurements along the inbound
and outbound path of the spacecraft across the flux-rope cross section. The fitting residue Rf for Pt(A) and
the boundary value A = Ab are also denoted.

Figure 4 The cross-sectional map of Event No. 5 for (a) the case including Te, and (b) the case excluding
Te . Each map shows the transverse magnetic field lines (black contour lines of the flux function A) on the
plane perpendicular to the flux-rope axis, and the axial magnetic field Bz superposed in color with scales
indicated by the color bar. The yellow arrows along y = 0 denote measured transverse magnetic field vectors
along the projected spacecraft path. The white dot marks the location of the highest Bz . The thick white line
indicates the flux-rope boundary of A = Ab .

are repeated in Table 3 for the GS reconstruction without Te (Te ≡ 0) and the same z axis
orientation. For this event, the fitting residue Rf slightly decreases for the case without Te

contribution. We compare all derived quantities between the two cases in the last section for
all events.

Figure 3a shows the critical measurements of Pt, Pt,p (Te ≡ 0), and pBz vs. A (symbols)
along the spacecraft path across the ICME flux rope and the corresponding functional fits
that were used in the GS reconstruction procedures (specifically, their gradients/derivatives
with respect to A, see Equation (1) and Section 2). The flux-rope boundary A = Ab is the
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Figure 5 Time series for Event No. 6. The panels show the same parameters as in Figure 2 with the same
convention.

same for all three curves because it is determined by the Bz(A) curve, which is the same
because the z-axis orientation is the same. The magnitude of Pt (Figure 3a) differs signif-
icantly in the cases with and without Te because the electron pressure is much higher than
the proton pressure. However, the gradients of Pt(A) and Pt,p(A) differ much less, as shown
in Figure 3b, especially for the middle part of A > Ab. The most noticeable differences
exist near the center the flux rope where the flux function A is highest and near the flux
rope boundary A ∼ Ab. These discrepancies correspond to noticeable deviations in the re-
constructed cross sections of the ICME flux rope between the cases with and without Te

contribution, as seen in Figure 4. The major differences between Figure 4a and 4b appear
near the center of the flux rope, where the transverse field line changes shape slightly, and
near the boundary highlighted by the thick white line at which A = Ab. However, the overall
magnetic field configuration remains very similar.

4.2. Event No. 6: 20 May 2005

Event No. 6 was observed during 20 – 21 May 2005 and lasted for a little shorter than a day.
The temporal profiles of various magnetic field and plasma parameters are plotted in Fig-
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Figure 6 The measured quantities and corresponding functional fits of the transverse pressure, the axial
magnetic pressure, and the corresponding gradients for Event No. 6. The panels show the same parameters as
in Figure 3 with the same convention.

ure 5, in the same format as in Figure 2. The in situ data exhibit typical signatures of an MC
event, namely, an enhanced magnetic field magnitude and a smooth rotation of the magnetic
field components, and a low proton β value. Throughout most of the MC interval, the β

value remains low around 0.1, although the Te/Tp ratio is rather high, about 6.4 on average,
and briefly reaches ∼ 10 in the latter half of the interval. The bulk radial velocity decreases
gradually from nearly 500 km s−1 to about 400 km s−1 during the ∼ 20 hour interval, which
is very modest and would yield a maximum radial expansion speed of ∼ 50 km s−1 if we
attribute the declining radial speed profile solely to kinematic expansion. We estimated the
ratio between the dynamic term due to remaining plasma flows in a reference frame that
moves with the ICME structure and the Lorentz force of a nominal value 0.19, which effect
was omitted from the reconstruction. The axial magnetic pressure again displays more pro-
nounced variations over two orders of magnitude than the total plasma pressure, as indicated
in the last panel of Figure 5.

Although the average β value is ∼ 0.40 for this event, throughout most of the interval
its value is fairly low, ∼ 0.1. Therefore, the magnetic pressure dominates most of the time.
Since the electron temperature is much higher than the proton temperature, the quantities
Pt,p and pBz are nearly identical, but are lower than Pt, as shown in Figure 6a. In Figure 6b,
the gradients of Pt(A) and Pt,p(A) show very little difference, which leads to very simi-
lar cross-section plots in Figure 7. The only noticeable deviation is found at the flux-rope
boundary, which was caused by the biggest difference between the two curves near A = Ab

in Figure 6b. In Figure 7, the cross-section maps are nearly identical, both showing a large-
scale left-handed flux-rope structure with the spacecraft path nearly crossing the center.

4.3. Event No. 7: 14 January 2007

Event No. 7 occurred during an ∼ 20-hour interval on 14 – 15 January 2007 and has the high-
est average Te/Tp ratio, 12.5, of all events listed in Table 1. This ratio of above 10 persists
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Figure 7 The cross-sectional map of Event No. 6 for (a) the case including Te, and (b) the case excluding
Te . The convention is the same as in Figure 4.

Figure 8 Time series for Event No. 7. The panels show the same parameters as in Figure 2 with the same
convention.

throughout the central part of the ICME interval, as shown in Figure 8. In the meantime, the
plasma β value remains fairly low near the center of the interval, ∼ 0.1. The same is true for
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Figure 9 The measured quantities and corresponding functional fits of the transverse pressure, the axial
magnetic pressure, and the corresponding gradients for Event No. 7. The convention is the same as in Figure 3.

the proton temperature, which is around 104 K. The magnetic field again shows the typical
signatures of a flux-rope structure. The radial velocity profile declines moderately, similar
to, but less pronounced than, Event No. 6 (the decrease is less than 100 km s−1 during the
∼ 20-hour interval). The axial magnetic pressure varies by more than one order of magni-
tude throughout the interval, while the total plasma pressure remains almost constant around
10−2 nPa.

The corresponding Pt(A) curves and their gradients are given in Figure 9. They show a
behavior similar to those of Event No. 6. The electron temperature is even more dominant
over the proton temperature (Te/Tp � 10) in this case. Because the proton βp is rather low,
on the order 0.01 on average, the Pt,p(A) and pBz(A) curves lie almost on top of each other.
The gradients in the Pt(A) curves shown in Figure 9b are again very similar to each other,
especially for A � Ab, which corresponds to the central region of the flux rope within the
boundary. As a result, the reconstructed cross sections, given in Figure 10, for the cases with
and without Te contribution, show very little difference. The barely noticeable difference
exists mostly beyond the flux-rope boundary, especially near the bottom boundary of the
computational domain, which corresponds to the strongest deviation seen in Figure 9b where
A > Ab. The multiple flux-rope configurations are present for both cases. Therefore, the GS
reconstruction without a Te contribution still preserves the same multiple flux-rope structure
in this case. Multiple flux-rope ICME structures like these have been revealed before by Hu
et al. (2004), where the electron temperature measurements were included.

5. Summary and Conclusion

We have shown the GS reconstruction results in typical graphical representations of cross-
section maps on the plane perpendicular to the cylindrical flux-rope axis and the associated
behaviors of the Pt(A) functions including and excluding Te. By visual inspection, we found
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Figure 10 The cross-sectional map of Event No. 7 for (a) the case including Te and (b) the case excluding
Te . The convention is the same as in Figure 4.

only little qualitative effect of Te on the GS reconstruction results. This is mainly because
overall the gradients of the corresponding Pt(A) functions do not change significantly.

More quantitatively, for the geometrical and physical quantities summarized in Table 3
of all events, this effect is also weak on most, but not all, parameters. The fitting residues
are low (all � 0.1) for the cases with and without a Te contribution, while the invariant z

axis remains the same. This indicates that the effect of Te on the z axis determination is
negligible for these events. The closest-approach distances Y0 are close except for Event
No. 10, where they differ by ∼ 0.01 AU. The highest axial magnetic field magnitudes Bz max

are mostly identical. The largest difference was found in the axial current density at the
flux-rope center, jz0, which is proportional to the slope of the Pt(A) curve at the location
of the extreme A value that represents the center of a flux rope. Therefore, these values of
jz0 correspond to the extreme values (highest gradients in magnitude) plotted in panel (b) of
Figures 3, 6, and 9, where the strongest difference between the two curves (black and red)
is observed.

Most importantly, the physical quantities �z, �p, and Kr, concerning the magnetic flux
and helicity content, differ by ∼ 10 % at most, except for Kr of Events No. 5 and 7. While
the first two quantities are area integrals, the last one is volume-integrated, which probably
induces a greater error. The change of Ab would modify the values of these quantities. We
estimate the change to be very small (< 10 %) for the axial flux since near the boundary the
axial field is very small, near zero, and the area change is less than 10 %. The change to the
poloidal flux is proportional to the uncertainty in Ab, which is also small (10 % as an up-
per limit), because the vector potential along y = 0 is derived from high-resolution data via
numerical integration of −By (see Section 2). The relative error is estimated to be � 1/12
based on the composite trapezoidal rule. In addition, the uncertainty in the effective length
of a cylindrical flux rope alone would have resulted in an uncertainty of 50 – 100 %, e.g.,
for an effective length of 1 AU with an uncertainty range 0.5 – 2.0 AU (Qiu et al., 2007),
although such an uncertainty can be reduced based on an additional comparison of magnetic
helicity (Kazachenko et al., 2012) and actual measurements of field-line lengths (Kahler,
Haggerty, and Richardson, 2011). These are important and quantitative outputs from the GS
reconstruction that characterizes the flux-rope ICME structures and are useful for studying
CME-ICME connections. For instance, in Qiu et al. (2007), the magnetic flux contained in
ICME flux ropes was compared with the corresponding magnetic flux injected during the
magnetic reconnection process in the solar source regions, as manifested by flaring activities
accompanied by brightening ribbons in remote-sensing observations of the Sun. That orig-
inal study provided favorable and quantitative evidence for the important role of magnetic
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Table 2 The axial orientations
from GS reconstruction
(including Te) for the selected
Wind spacecraft ICME events.

aThe angle δ (0 – 180◦) is the
polar angle measured from the
positive X direction toward the z

axis and the angle φ (0 – 360◦) is
the azimuthal angle measured
from the positive Y direction
toward the projection of the z

axis onto the Y –Z plane.

Event
No.

ẑ (GSE) ẑ (angular GSE)

(X Y Z) (δ,φ)a

3 (0.3804 0.8892 0.2541) (68, 16)

4 (0.2144 0.8901 0.4021) (78, 24)

8 (–0.1553 0.5504 –0.8204) (99, 304)

9 (0.4934 –0.2740 0.8255) (60, 108)

10 (–0.03967 0.9438 –0.3282) (92, 341)

5 (–0.7696 0.6373 –0.04000) (140, 356)

6 (–0.1461 –0.5440 0.8263) (98, 123)

7 (0.2679 –0.9329 0.2405) (74, 166)

Table 3 Summary of the GS reconstruction results for the selected Wind spacecraft ICME events. For each
group of results as identified by the event no. (two rows each), the first (second) row corresponds to the results
including (excluding) Te.

Event
No.

Rf Y0 (AU) Bzmax
nT

jz0 (A/m2)
×10−12

�z (Wb)
×1012

�p (Wb)

×1012
Kr (Wb2)
×1026

3 0.062 0.0042 12 −4.08 0.25 2.04 −0.0042

0.043 0.0039 12 −4.20 0.25 2.04 −0.0041

4 0.040 0.027 25 −3.28 7.67 19.6 −1.29

0.048 0.027 24 −3.35 7.73 19.8 −1.31

8 0.041 0.0047 53 13.6 6.31 26.8 1.41

0.042 0.0040 53 15.8 6.21 26.8 1.38

9 0.064 0.028 19 −1.35 13.0 19.1 −2.17

0.068 0.029 19 −1.27 13.9 19.3 −2.09

10 0.081 −0.034 26 1.92 18.1 30.6 5.43

0.057 −0.021 26 2.11 17.5 30.3 5.11

5 0.10 −0.0012 13 4.02 1.11 6.10 0.028

0.078 −0.0012 13 5.94 1.12 6.10 0.023

6 0.098 −0.012 16 −2.49 4.48 15.1 −0.59

0.10 −0.010 16 −2.83 4.60 15.0 −0.57

7 0.070 −0.011 14 −2.85 1.75 4.22 −0.074

0.063 −0.0085 14 −3.55 1.59 4.10 −0.064

reconnection in triggering flare-CME activity and the formation of a magnetic flux rope in
the low solar corona that was subsequently examined in more detail in several studies (e.g.,
Möstl et al., 2008, 2009b; Qiu, 2009; Kazachenko et al., 2012).

Overall, we conclude that the effect of the electron temperature Te (pressure pe) on the
GS reconstruction results of ICME flux ropes at 1 AU contributes to about 10 – 20 % dis-
crepancy in some major physical parameters derived, such as the magnetic flux content.
The reason is that the Te contribution to the total plasma pressure p does not significantly
change the gradient of p over a wide range of the interval compared with the gradient of
the magnetic pressure, although the magnitude of p is often changed greatly, given Te ≫ Tp

in many cases. However, it does affect certain quantities, for instance the current density
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near the center of the flux rope (i.e., the maximum axial current density and consequently
the total axial current) more significantly. Therefore, the Te contribution has to be included
when these quantities are to be reliably assessed.

We concentrated on a selection of magnetic clouds observed at 1 AU. As these config-
urations propagate farther outward, their parameters (Bz, Bt , Te, Tp, and Np) decrease with
heliocentric distance, rH. But the functional dependence on rH is not the same (see, e.g., Os-
herovich, Farrugia, and Burlaga, 1993). Thus, for example, a “flat-topped” B-profile tends
to develop. Therefore it is appropriate to extend the current study to a set of events at larger
distances, subject to events and data availability. This is the subject of ongoing work.
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Lepping, R.P., Acũna, M.H., Burlaga, L.F., Farrell, W.M., Slavin, J.A., Schatten, K.H., Mariani, F., Ness, N.F.,
Neubauer, F.M., Whang, Y.C., Byrnes, J.B., Kennon, R.S., Panetta, P.V., Scheifele, J., Worley, E.M.:
1995, The wind magnetic field investigation. Space Sci. Rev. 71, 207 – 229. doi:10.1007/BF00751330.

Li, H.J., Feng, X.S., Zuo, P.B., Xie, Y.Q.: 2009, Inferring interplanetary flux rope orientation with the mini-
mum residue method. J. Geophys. Res. 114, A03102. doi:10.1029/2008JA013331.

Liu, Y., Luhmann, J.G., Huttunen, K.E.J., Lin, R.P., Bale, S.D., Russell, C.T., Galvin, A.B.: 2008, Recon-
struction of the 2007 May 22 magnetic cloud: how much can we trust the flux-rope geometry of CMEs?
Astrophys. J. Lett. 677, L133 – L136. doi:10.1086/587839.

Liu, Y., Thernisien, A., Luhmann, J.G., Vourlidas, A., Davies, J.A., Lin, R.P., Bale, S.D.: 2010, Recon-
structing coronal mass ejections with coordinated imaging and in situ observations: global struc-
ture, kinematics, and implications for space weather forecasting. Astrophys. J. 722, 1762 – 1777.
doi:10.1088/0004-637X/722/2/1762.

Möstl, C., Miklenic, C., Farrugia, C.J., Temmer, M., Veronig, A., Galvin, A.B., Vršnak, B., Biernat, H.K.:
2008, Two-spacecraft reconstruction of a magnetic cloud and comparison to its solar source. Ann. Geo-

phys. 26, 3139 – 3152. doi:10.5194/angeo-26-3139-2008.
Möstl, C., Farrugia, C.J., Biernat, H.K., Leitner, M., Kilpua, E.K.J., Galvin, A.B., Luhmann, J.G.: 2009a, Op-

timized Grad–Shafranov reconstruction of a magnetic cloud using STEREO-wind observations. Solar

Phys. 256, 427 – 441. doi:10.1007/s11207-009-9360-7.
Möstl, C., Farrugia, C.J., Miklenic, C., Temmer, M., Galvin, A.B., Luhmann, J.G., Kilpua, E.K.J., Leit-

ner, M., Nieves-Chinchilla, T., Veronig, A., Biernat, H.K.: 2009b, Multispacecraft recovery of a mag-
netic cloud and its origin from magnetic reconnection on the Sun. J. Geophys. Res. 114, A04102.
doi:10.1029/2008JA013657.

Möstl, C., Farrugia, C.J., Temmer, M., Miklenic, C., Veronig, A.M., Galvin, A.B., Leitner, M., Biernat, H.K.:
2009c, Linking remote imagery of a coronal mass ejection to its in situ signatures at 1 AU. Astrophys.

J. Lett. 705, L180 – L185. doi:10.1088/0004-637X/705/2/L180.
Nieves-Chinchilla, T., Viñas, A.F.: 2008, Solar wind electron distribution functions inside magnetic clouds.

J. Geophys. Res. 113, 2105. doi:10.1029/2007JA012703.
Ogilvie, K.W., Chornay, D.J., Fritzenreiter, R.J., Hunsaker, F., Keller, J., Lobell, J., Miller, G., Scudder, J.D.,

Sittler, E.C. Jr., Torbert, R.B., Bodet, D., Needell, G., Lazarus, A.J., Steinberg, J.T., Tappan, J.H.,
Mavretic, A., Gergin, E.: 1995, SWE, a comprehensive plasma instrument for the wind spacecraft.
Space Sci. Rev. 71, 55 – 77. doi:10.1007/BF00751326.

Osherovich, V.A., Farrugia, C.J., Burlaga, L.F.: 1993, Dynamics of aging magnetic clouds. Adv. Space Res.

13, 57 – 62. doi:10.1016/0273-1177(93)90391-N.
Osherovich, V.A., Farrugia, C.J., Burlaga, L.F., Lepping, R.P., Fainberg, J., Stone, R.G.: 1993, Polytropic

relationship in interplanetary magnetic clouds. J. Geophys. Res. 98, 15331. doi:10.1029/93JA01012.
Qiu, J.: 2009, Observational analysis of magnetic reconnection sequence. Astrophys. J. 692, 1110 – 1124.

doi:10.1088/0004-637X/692/2/1110.
Qiu, J., Hu, Q., Howard, T.A., Yurchyshyn, V.B.: 2007, On the magnetic flux budget in low-corona

magnetic reconnection and interplanetary coronal mass ejections. Astrophys. J. 659, 758 – 772.
doi:10.1086/512060.

Richardson, I.G., Cane, H.V.: 2010, Near-Earth interplanetary coronal mass ejections during so-
lar cycle 23 (1996 – 2009): catalog and summary of properties. Solar Phys. 264, 189 – 237.
doi:10.1007/s11207-010-9568-6.



Effect of Electron Pressure on the Grad–Shafranov Reconstruction 291

Richardson, I.G., Farrugia, C.J., Cane, H.V.: 1997, A statistical study of the behavior of the electron temper-
ature in ejecta. J. Geophys. Res. 102, 4691 – 4700. doi:10.1029/96JA04001.

Riley, P., Linker, J.A., Lionello, R., Mikić, Z., Odstrcil, D., Hidalgo, M.A., Cid, C., Hu, Q., Lepping, R.P.,
Lynch, B.J., Rees, A.: 2004, Fitting flux ropes to a global MHD solution: a comparison of techniques.
J. Atmos. Solar-Terr. Phys. 66, 1321 – 1331. doi:10.1016/j.jastp.2004.03.019.

Sittler, E.C., Burlaga, L.F.: 1998, Electron temperatures within magnetic clouds between 2 and 4 AU: Voyager
2 observations. J. Geophys. Res. 103, 17447 – 17454. doi:10.1029/98JA01289.

Skoug, R.M., Feldman, W.C., Gosling, J.T., McComas, D.J., Reisenfeld, D.B., Smith, C.W., Lepping, R.P.,
Balogh, A.: 2000a, Radial variation of solar wind electrons inside a magnetic cloud observed at 1 and 5
AU. J. Geophys. Res. 105, 27269 – 27276. doi:10.1029/2000JA000095.

Skoug, R.M., Feldman, W.C., Gosling, J.T., McComas, D.J., Smith, C.W.: 2000b, Solar wind elec-
tron characteristics inside and outside coronal mass ejections. J. Geophys. Res. 105, 23069 – 23084.
doi:10.1029/2000JA000017.

Sonnerup, B.U.Ö., Guo, M.: 1996, Magnetopause transects. Geophys. Res. Lett. 23, 3679 – 3682.
doi:10.1029/96GL03573.

Sonnerup, B.U.Ö., Hasegawa, H., Paschmann, G.: 2004, Anatomy of a flux transfer event seen by Cluster.
Geophys. Res. Lett. 31, L11803. doi:10.1029/2004GL020134.

Sonnerup, B.U.Ö., Hasegawa, H., Teh, W.L., Hau, L.N.: 2006, Grad–Shafranov reconstruction: an overview.
J. Geophys. Res. 111, A09204. doi:10.1029/2006JA011717.

Webb, G.M., Hu, Q., Dasgupta, B., Zank, G.P.: 2010, Homotopy formulas for the magnetic vector poten-
tial and magnetic helicity: the Parker spiral interplanetary magnetic field and magnetic flux ropes. J.

Geophys. Res. 115, 10112. doi:10.1029/2010JA015513.
Wood, B.E., Rouillard, A.P., Möstl, C., Battams, K., Savani, N.P., Marubashi, K., Howard, R.A., Socker, D.G.:

2012, Connecting coronal mass ejections and magnetic clouds: a case study using an event from 22 June
2009. Solar Phys. 281, 369 – 389. doi:10.1007/s11207-012-0036-3.



Solar Phys (2013) 284:167–178
DOI 10.1007/s11207-013-0256-1

F L U X - RO P E S T RU C T U R E O F C O RO NA L M A S S E J E C T I O N S

Observable Effects of Interplanetary Coronal Mass

Ejections on Ground Level Neutron Monitor Count Rates

J.J. Blanco · E. Catalán · M.A. Hidalgo · J. Medina ·

O. García · J. Rodríguez-Pacheco

Received: 31 March 2012 / Accepted: 11 February 2013 / Published online: 1 March 2013
© Springer Science+Business Media Dordrecht 2013

Abstract In this work, non-recurrent Forbush decreases (FDs) triggered by the passage of
shock-driving interplanetary coronal mass ejections (ICMEs) have been analyzed. Fifty-
nine ICMEs have been studied, but only 25 % of them were associated to a FD. We find that
shock-driving magnetic clouds (MCs) produce deeper FDs than shock-driving ejecta. This
fact can be explained regarding the observed growing trends between decreases in neutron
monitor (NM) count rate and MC/ejecta speed and its associated rigidity. MCs are faster
and have higher associated rigidities than ejecta. Also the deceleration of ICMEs seems to
be a cause for producing FDs, as can be inferred from the decreasing trend between NM
count rate and deceleration. This probably implies that the interaction between the ICME
traveling from the corona to the Earth and the solar wind can play an important role in
producing deeper FDs. Finally, we conclude that ejecta without flux rope topology are the
ones less effective in unchaining FDs.

Keywords ICME · Magnetic cloud · Ejecta · Forbush decrease

1. Introduction

Ground level neutron monitors (NMs) are able to monitor the galactic cosmic ray (GCR)
fluxes arriving to the Earth surface with energies between 0.5 to 20 GeV (Simpson, 2000).
The geographical location of a NM determines the minimum energy of GCRs that reach each
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station. This is traditionally quantified by the geomagnetic cutoff expressed in GV. Particles
with less magnetic rigidity than the NM geomagnetic cutoff cannot reach the monitor. The
NM count rate can be strongly affected by solar flares (Firoz et al., 2011), coronal mass
ejections (CMEs) (Gopalswamy et al., 2012) and solar wind structures such as interplan-
etary coronal mass ejections (ICMEs) (Jordan et al., 2011), interplanetary shocks (Cane,
Richardson, and von Rosenvinge, 1994), and interaction regions (Richardson, Wibberenz,
and Cane, 1996). While the first two can produce a significant increase in the NM count
rate, known as ground level enhancement (GLE) (Shea and Smart, 2012), the other three
may induce decreases in NM count rate called Fosbush decrease (FD). These FDs can be di-
vided into recurrent or non-recurrent, depending on if they are observed along several solar
rotations and are associated with corotating stream interaction regions (Richardson, Wib-
berenz, and Cane, 1996) or if they last for several days and are caused by transient events as
interplanetary shocks or ICME passages (Cane, 2000 and Belov, 2008). In this work we fo-
cus on non-recurrent decreases and we will refer to them as FDs. A Forbush decrease (FD)
is observed as a decrease in the cosmic ray intensity and it was first reported by Forbush
(1937). It is characterized by a fast decrease, as much as 20 % in the order of hours, and a
slow recovery phase that can last several days. As a first approach, it can be assumed that the
decreases in the cosmic ray counts are due to changes in the propagation conditions at the
surrounding region where the FD is observed. It can be said that FD is a local phenomenon
restricted to a small region when compared with the whole heliosphere. These changes can
be related to enhancements in solar wind speed, variation in the magnetic field topology,
enhancements in the interplanetary magnetic field magnitude, and the presence of magnetic
turbulence. ICMEs are large structures (around 0.1 AU) that propagate at high speeds (up to
2000 km s−1) and produce shocks and magnetic turbulence in the background solar wind.
Moreover, about one third of ICMEs show a closed magnetic topology defined by a rela-
tively strong magnetic field and a smooth field rotation which is usually known as magnetic
cloud (MC) (Burlaga et al., 1981; Lepping, Jones, and Burlaga, 1990). It is generally ac-
cepted that an ICME passage can produce decreases in the count rate of NMs (Cane, 2000;
Ifedili, 2004; Papaioannou et al., 2010). These decreases are short-term events with the de-
creasing phase lasting for about one to two days and the recovery phase over one week of
duration.

During a shock-driving ICME passage, the shock may initiate a decrease in NM counts
maintained along the sheath region, i.e., the highly turbulent region between the shock and
the ICME. This decrement can be steeper at leading edge of the ICME. This scenario is path
dependent. This means that depending on the trajectory of the spacecraft or the Earth through
the shock/ICME structure one of these two effects might not be observed (Richardson and
Cane, 2011).

The FD shape may vary from one event to another, especially if complex structures con-
verge on the observation point. Jordan et al. (2011) point out that each FD has to be studied
separately and that small-scale structures, between shock and ICME, can greatly affect the
FD shape and question the two-step FD picture.

To answer the question “do all the CMEs have a flux rope structure?” we proposed to
analyze a list of 59 shock-driving ICMEs extracted from Gopalswamy et al. (2010) during
Solar Cycle 23 during the Living With a Star Coordinate Data Analysis Workshop hosted in
San Diego (2010) and Alcalá (2011). This subset (these 59 events) was selected using a CME
source region criterion (E15◦ ≤ source longitude ≤ W15◦). This roughly implies that only
CMEs from the central solar disk region were considered. Although the main goal in this
workshop was the study of the magnetic structures observed into ICMEs, we investigated
the role of these structures in the propagation of cosmic rays, especially during their arrival
at Earth.
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In this work we analyze the effect of the ICME passage on Oulu NM station count rates
with the goal to study which part of an ICME, i.e., shock, MC or flux rope, magnetic field
magnitude and induced turbulence plays the most important role in producing observable
FDs.

2. Data Analysis

The 59 shock-driving ICMEs selected from the list in Gopalswamy et al. (2010) has been
studied from January 1997 to September 2006. In 24 of them, clear signatures of MC were
found. We considered that an MC has been detected when the solar wind follows the Burlaga
criteria (Burlaga et al., 1981; Lepping, Jones, and Burlaga, 1990), i.e. low temperature,
smooth magnetic field rotation combined with intense magnetic field, and the magnetic field
can be fitted with Hidalgo’s model (Hidalgo and Nieves-Chinchilla, 2012). The other 35
events did not show clear evidence of an MC, but a depression in solar wind proton temper-
ature is observed with low plasma beta. Generally speaking, we named them ejecta (Ej). If
the magnetic field within the Ej is organized as a flux rope that can be fitted by Hidalgo’s
model, then this Ej is cataloged as ejecta plus (Ej+), and ejecta minus (Ej−) in the opposite
case. The ICME pool was separated into MC (24), Ej+ (23) and Ej− (12). The details of
this classification can be found in Hidalgo, Nieves-Chinchilla, and Blanco (2013).

Key parameters with a time resolution of 92 s from the Solar Wind Experiment (SWE)
(Ogilvie et al., 1995), 1 min time resolution data from the Magnetic Field Instrument (FMI)
(Lepping et al., 1995) on board the Wind spacecraft, 64 s time resolution data from the Solar

Wind Electron, Proton, and Alpha Monitor (SWEPAM) (McComas et al., 1998), and 4-min
resolution data from the magnetic field experiment (MAG) (Smith et al., 1998) on board
ACE spacecraft have been used. Data have been retrieved from the CDAWeb web page. In
this work, it is assumed that an FD is observed when the NM count rate decreases more than
3 % below the GCR background measured before the shock arrival. Because of its relative
low geomagnetic cutoff (0.81 GV), cosmic rays arriving with energies higher than some
hundreds of MeV are detected by the Oulu (Finland) NM. Counts of 5 min of time resolution
from Oulu have been used (Kananen et al., 1991). This station is located at 65.05◦N, 25.47◦E
and at 15 m above sea level. The monitor is made up by 9 NM-64 tubes. The data from this
station have been collected from the Neutron Monitor Database (NMDB) (Mavromichalaki
et al., 2011) that integrates the readings of many different NM stations located mainly in
Europe and Asia. The high-count cadence lets us perform comparable observations with
measurements acquired by space-borne instruments with similar temporal resolution to the
one used in our analysis of MC magnetic structure. Although using 5-min NM data is not
the standard approach to study FDs, where hourly averaged measurements are commonly
used (e.g. Cane, 2000; Usoskin et al., 2008; Papaioannou et al., 2010; Richardson and Cane,
2011), this high-count cadence is required to make a direct comparison between the results
given by Hidalgo’s model, i.e. MC and/or Ej+ existence and limits, and the role of MCs,
Ej+ and Ej− on the depth of FDs.

Only 15 ICMEs from the selected sample of 59 triggered the detection of an FD in the
Oulu NM. Eight of them were MC and other six Ej+. Only one Ej− was able to induce
an observable FD at Oulu. The latter Ej was preceded by a strong interplanetary shock. It is
clear that flux ropes (MC or Ej+) within ICMEs play a crucial role in producing FD (94 % of
FD associated with flux ropes). The decrease percentage of the resulting FD ranged between
5.2 % and 26.1 %, those related to MCs being deeper (Table 1). The transit time, i.e. the time
that it takes a CME to arrive at Earth, has been calculated using the onset times from the
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Table 1 ICME associated with FD. The columns give the year, time interval between the MC nose and its
rear as estimated by Hidalgo’s model, CME transit time, magnetic rigidity cut off associated with the flux
rope, FD percentage, and FD location within the ICME. The asterisk in MC∗ means a complex event where
two consecutive MCs were observed but the FD is not resolved into two separate events.

Year ICME interval
(doy)

Type Travel time
(day)

Rigidity
(GV)

FD (%) FD location

1998 124.442 → 125.234 Ej− 1.95 167 7.5 Ejecta

1999 178.942 → 179.108 Ej+ 3.38 27 6.24 Sheath

2000 197.911 → 198.298 MC 1.46 419 16.00 Ejecta

2000 261.221 → 262.599 MC 1.77 283 8.86 Ejecta

2000 311.964 → 312.74 MC 3.2 215 6.96 Ejecta

2000 332.458 → 333.131 Ej+ 3.23 80 9.01 behind Ej+

2001 102.367 → 103.279 MC∗ 2.14 139 12.63 Ejecta

2001 118.892 → 119.662 MC 2.37 106 8.17 Sheath

2001 285.205 → 285.360 Ej+ 2.73 24 7.67 Sheath

2003 302.554 → 303.151 MC∗ 1.07 162 26.13 Ejecta

2004 22.558 → 23.282 Ej+ 2.55 142 10.09 Sheath

2004 315.195 → 315.705 MC∗ 4.11 188 12.42 Sheath

2005 135.464 → 136.004 MC 1.75 354 11.89 Sheath

2005 149.495 → 149.638 Ej+ 2.6 27 6.10 Ejecta

2006 232.630 → 233.625 Ej+ 3.94 80 5.24 Ejecta

LASCO CME list (http://cdaw.gsfc.nasa.gov/CME_list/) and the ICME in-situ times using
measurements from instruments on board the Wind and ACE spacecraft. From Table 1, it
seems that the shorter the travel time, the deeper the FD. This will be discussed in the next
section. In our list of 15 ICMEs connected to CMEs from the central region of solar disk, the
deepest GCR decrease rate was measured in eight events during the ejecta’s passage, in six
events during the ICME sheath’s and one behind the ejecta’s passage. Only in three events,
12 April 2001, 29 October 2003 and 10 November 2004, the FDs could have been affected
by other structures. The former two during their recovery phases, because of the presence
of a subsequent interaction region and a later ICME, respectively, and the third during its
main phase due to a previous ICME which reduced the GCR level before the 10 November
MC’s arrival. Five events produced decreases higher than 10 %. All of them were ICMEs
with MC and in three of them some interaction with previous or subsequent structures might
have happened, as has been explained above.

For every event, the shock strength, the Ej size, its mean speed and mean magnetic field
have been computed. As an example, the analysis of two events is shown in detail. On
15 May 2005 a shock arrived at Wind’s location (XGSE = 200 RE, near L1) followed by a
sheath and three hours later by an ICME with an MC structure. The ICME front is marked
by a jump higher than 30 nT and a fast field rotation (less than 4 h) characterized by an
elevated thermal speed. This region coincides with the deepest point in the FD measured by
the Oulu NM. At the MC nose, i.e. when the field begins to rotate due to the MC passage,
a magnetic field intensity of 55 nT and a speed of 990 km s−1 were observed. Under these
conditions, the ICME reached the Earth 23 min later. The arrival of the shock at Earth was
observed in coincidence with a steep decrease in the counts measured at Oulu, triggering a
clear FD (Figure 1, bottom panel, where 5-min Oulu NM data have been smoothed using a
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Figure 1 Example of an ICME
with an MC. Data from the Wind

spacecraft and the Oulu neutron
monitor have been used.

1-h running average). At ICME front arrival, the FD slope changed, clearly being the second
step in this particular FD. In the figure, divided into panels, we show from top to bottom:

i) solar wind density,
ii) thermal velocity,

iii) solar wind speed,
iv) magnetic field components in GSE system (red circles Bx , green triangles By and blue

squares Bz) over plotted with continuous lines, which are Hidalgo’s model results,
v) the magnetic field strength, and

vi) the percentage of the normalized NM count rate.

The decrease was even steeper when the ICME leading edge hit the Earth. The FD’s deepest
point was measured within the fast rotating region before the MC nose arrival, and a soft
recovery phase started during the MC passage (marked with vertical lines in Figure 1). The
FD lasted more than five days until the previous neutron monitor count rate was recovered
(doy 140, not shown in Figure 1). The MC showed a well-organized magnetic flux rope. This
is clear when comparing to the over plotted continuous lines which show Hidalgo’s model
results. During this FD, the count rate dropped to 12 % with respect to the GCR background
before the shock arrival, following, in our opinion, a two-step FD shape. This event has been
analyzed by Dasso et al. (2009) in terms of the magnetospheric response. They argue for the
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Figure 2 Example of an ICME
with Ej+. Data from the ACE
spacecraft and the Oulu neutron
monitor have been used.

presence of two consecutive MCs. The first one in coincidence with the fast-rotating region
mentioned above and the second one with the MC presented in Figure 1. In our opinion, the
temperature is too high to be sure that such a rotation may result from a small MC.

On 22 January 2004 a shock arrived at Wind’s location in (−210, 42, −2) Earth radii in
GSE coordinate system, i.e. on the night side of the Earth. To avoid possible interactions
with the magnetotail, data from the ACE spacecraft have been used to analyze this event.
ACE was located at L1. This event is shown in Figure 2. Plots are organized as in Figure 1.
There is one difference though. In the second panel from the top the proton temperature
appears instead of the thermal speed. As in Figure 1, the Oulu count rate has been smoothed
using a running average of 1 h to get a clearer structure of the FD. The FD started with
the interplanetary shock arrival. During the sheath between the shock and the ICME front
the NM counts were reduced by 4 %. Six hours later, when the ICME arrived, a change
in the FD slope was detected. Two hours later the flux rope nose, confirmed by Hidalgo’s
model (continuous lines in Figure 2), was observed. The FD minimum and the beginning
of the recovery phase occurred within the flux rope. The Ej were characterized by a mean
magnetic field of about 10 nT with a smooth field rotation that lasted almost one day and
a solar wind speed of 600 km s−1 in the low solar wind temperature region. As for the FD
shape, it showed a two-step behavior with a harder slope in coincidence with the ICME
leading edge passage. The recovery phase was slower than that seen in Figure 1, lasting up
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to 10 days. The neutron monitor registered a decrease of 10 % of its counts compared to the
GCR background on 21 January.

3. Results

The FD depth can be influenced by various ICME properties. One of the possible causes
of an FD can be the size of the magnetic structure and the intensity of its magnetic field.
Cane (1993) found a clear correlation between the percentage decrease of GCRs and the
magnetic field strength in the ICME. The effect of these two elements can be evaluated by
the expression R = Brc, which gives the magnetic rigidity in GV, B being the magnetic
field intensity, r the particle gyroradii and c the light speed. We assume the value of B to
be the mean value inside the ICME and r the size of the ICME section because the particle
gyroradius has to be in the order of this size to be affected in its normal movement. In a
recent paper, Kubo and Shimazu (2010) analyzed the effect of a finite Larmor radius on GCR
penetration into flux ropes, concluding that it can be relevant at 1 AU. The mean B and the
structure size have been computed using Hidalgo’s model both for MCs and Ej+. As for the
only Ej−, its size was assumed to be equal to the size of the ICME. The resulting plot of the
FD minimum versus the estimated rigidity is presented in Figure 3a. Red circles represent
MCs, blue triangles Ej+, and the green square Ej−. The growing trend of GCR count rate
percentage with rigidity is clear, ICMEs with MC being more effective than Ej+ and Ej−
in producing FDs. This can be understood, as larger MC sizes and more intense magnetic
fields imply higher associated rigidity. One of the MCs (the 29 October 2003 event) showed
a percentage decrease higher than 25 %. Nevertheless, its rigidity was relatively low. This
event had a sheath with a magnetic field as high as 50 nT and an MC mean field of only
12 nT. In this event, the role of the sheath seems to be more important than that of the MC
in terms of reducing the Oulu NM count rate.

It can be argued that the shocks observed ahead of some ICMEs play an important role in
the FD depth themselves, but what we observed in Figure 3b is that those shocks associated
with MCs are related to deeper FD. The shock strength is defined here as the ratio of the
difference between the downward and the upward magnetic field at shock passage. It is
important to point out that the shock driven by the Ej− (green square) was the third more
intense, but it only caused a modest FD of 7 %. The conclusion that can be extracted from
Figure 3 is that an MC strengthens the shock effect on the neutron monitor count rate.
A red continuous line and a blue dashed line are the linear fits to MCs and Ej+ with slopes
of 13.6 and 4.7 and Pearson’s coefficients (Pc) of 0.76 and 0.66, respectively. The shock
triggers the FD but the MC makes it deeper. This result is in agreement with Richardson and
Cane (2011) concerning the role that MCs may play in producing FD. Also the observed
relationship between Ej rigidity and FDs could support the argument of MCs being closed
magnetic structures.

Another important parameter that deserves to be studied focusing on the causes of FDs is
the speed of the ICME. There are three different speeds that can be associated with the ICME
propagation. We have the CME emergence speed that is calculated from coronagraph im-
ages, the ICME transit speed that can be estimated from the CME onset time and the ICME
arrival time at the spacecraft location and the solar wind speed measured within the ICME.
A common conclusion inferred from the three speeds is that the faster CME or ICME, the
deeper the FD (Figure 4). This result agrees with those by Richardson and Cane (2011) who
used a pool of more than 300 ICMEs. As they affirm in their paper, the dependence of the
decrease on the CME/ICME/MC speed can be explained arguing that in faster-propagating
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Figure 3 FD dependence on rigidity (a) and shock strength (b).

events GCRs have less time to fill up the closed magnetic structure of an MC. On the other
hand, the range of values of the three speeds is different. The CME speed ranges between
300 and 3000 km s−1 (Figure 4a), the transit speed between 500 and 2000 km s−1 (Fig-
ure 4b), and the solar wind speed between 300 and 1300 km s−1 (Figure 4c). Again, MCs
are, generally speaking, faster than Ej events. On the other hand, taking a closer look at Fig-
ure 4c, it is clear that Ej velocities are in a narrow range of 500 km s−1 (250 to 750 km s−1)
without a clear linear relationship (blue dashed line) with the associated FD (Pc = 0.33).
Nevertheless, the FDs produced by MCs show a good linear correlation (red continuous
line) and a clear growing trend with the MC speed at 1 AU (Pc = 0.71).

Non-recurrent FDs are observed by NMs at ground level as local phenomena related to
solar wind conditions around Earth, given that most of them can be directly related to the
passage of an ICME. No relationship of CME speed, transit speed and FD should be ex-
pected other than the dependence between these two velocities on the solar wind speed.
Nevertheless, important variations in the speed from the CME onset to the ICME arrival at
the Earth are depicted in Figure 4. This can be explained by assuming that an effective inter-
action between ICMEs and solar wind occurs during the ICME’s travel in the interplanetary
space (Vršnak, 2001). In almost all the events a deceleration is observed. This deceleration
can be due to an effective kinetic energy exchange between the ICME and the solar wind.
This exchange can produce intense shock waves and turbulence ahead (sheath) the ICME
and therefore make the ICME able to change the propagation conditions of GCRs with ener-
gies from hundreds to thousands of MeV. This is expected for propagating diffusive barriers
(Wibberenz et al., 1998). The ICME acceleration can be estimated from the difference be-
tween the solar wind speed and the CME speed divided by the travel time. In Figure 5, this
acceleration is plotted against the percentage decrease of GCRs displaying a clear negative
slope. Those ICMEs that are more intensively decelerated produce deeper FDs. Only two of
15 ICMEs show a positive acceleration. Although acceleration could produce an effective
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Figure 4 FD dependence on CME speed (a), transit speed (b) and solar wind speed measured during an
ICME passage (c).

Figure 5 FD dependence on ICME acceleration. This acceleration has been estimated by means of the
expression (VSW − VCME) × ICME travel time.

interaction with the solar wind, two events provide little statistical evidence to affirm that a
change in the acceleration slope appears. Moreover, this cannot be considered as a conclu-
sive result because of the uncertainty in CMEs speed estimations. MCs and Ej+ events have
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similar slopes (red continuous and blue dashed lines, respectively) of 0.04 and 0.035 but dif-
ferent Pcs, −0.89 for MCs and −0.53 for Ej+. MCs are more efficiently decelerated. This
may be due to their larger size, more intense magnetic field and higher speed. Moreover, the
FD depth is better correlated with MC acceleration than with any other physical quantities
considered in this work (rigidity, shock strength, and speed). The deceleration/acceleration
of ICMEs plays a very important role in the development of FDs. Intense accelerations im-
ply strong interaction between ICME and solar wind. This interaction drives stronger shocks
and makes the solar wind more turbulent. These two features greatly affect the propagation
of cosmic rays in the range of the detectable energies by the neutron monitors.

4. Conclusions

The role of CMEs originating from near the center of the solar disk and their associated
ICME on FDs detected by the Oulu NM have been analyzed. Cosmic rays with energies
higher than a few hundreds of MeV are the main component of the energetic particle popu-
lation detected by this NM. A pool of 59 shock-driving ICMEs has been classified into three
groups, MC (24), ejecta with flux rope (23) and ejecta without apparent flux rope structure
(12). Only around 25 % of them were able to produce decreases in the NM count rate higher
than 3 %, eight MC, six Ej+ and one Ej−. This result seems to show that an isolated shock
is rarely able to produce FD. Moreover, similar shocks may induce stronger FDs if they
are driven by an MC or an Ej+. Therefore a closed magnetic structure such as MC or flux
rope strengthens the effect of shocks on FDs. Richardson and Cane (2011) reached the same
conclusion.

The rigidity associated with MCs and Ej events affects the CGR propagation into ICMEs.
This rigidity has been compared with the GCR decreases concluding that higher rigidities
are related to deeper FDs. The higher rigidities correspond to MCs because they are larger
and their magnetic fields are more intense than those of the Ej events.

The shock strength and its relationship with FD have also been analyzed. Stronger shocks
produce higher decreases in the GCR count rate, but when considering similar shocks, those
driven by MC are more effective (almost three times more effective) in shielding the Earth
from the arriving GCRs. This can be explained assuming that MCs interact more strongly
with the underlying solar wind than Ej events driving turbulence into the sheath region and
therefore, affecting in a more efficient way the propagation of the GCRs into the ICME.

Another analyzed aspect is the effect of ICME speed on GCR count rates. The observa-
tions show that faster structures (MC or Ej) are more efficient to produce FDs, and at least
in the sample analyzed, MCs are faster than Ej events. Moreover, FDs associated with ejecta
show an increasing trend with CME speed and transit speed but the relation is not so clear
with their measured speed at 1 AU (Pc = 0.33). As for MCs these three velocities show
similar increasing trends with the FD depth and a good correlation between MC speed and
FD depth (Pc = 0.71). This result is also in agreement with the conclusion by Richardson
and Cane (2011).

Finally, we have observed that the deceleration/acceleration of ICME between the Sun
and the Earth can play an important role in the development of FDs. Higher decelerations
induce deeper FDs. This can be explained in terms of effective energy exchange between the
ICME and solar wind. This interaction can lead to the formation of a stronger shock ahead
of the ICME. MCs decelerate stronger. Closed magnetic structures as MCs with stronger
magnetic field and larger size than those observed in Ej events seem to be more effective
in interacting with the solar wind. Moreover, we find the best correlation between deeper
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FDs and the MC acceleration. The linear correlation gives a Pc equal to −0.89. This value
implies that the interaction between MC and solar wind is very important in the shielding
effect that an ICME has over GCRs.

Richardson and Cane (2011) propose that MCs are effective in excluding GCRs because
they are closed magnetic structures. Our results support this conclusion but also the im-
portance of MC/solar wind interaction on GCR decreases as can be inferred from the clear
relationship between MC acceleration and GCR count rates.

Hidalgo, Nieves-Chinchilla, and Blanco (2013) have found that most of the ejecta from
the initial list of 59 shock-driving ICMEs showed axes close to the Sun–Earth line. This
implies that the passage of the spacecraft through the corresponding ejecta event was prob-
ably by its flank and this may be seen as support for the idea of MCs and Ej events being
observed at different parts of a flux rope. According to this picture and the results showed
in this work we conclude that the effect of shock-driving ICMEs on GCR count rates may
also depend on which region of the flux rope hits the Earth.

In conclusion, shock-driving MCs produce deeper FDs than Ej+ and Ej− events, because
the MCs have higher rigidity, higher speed, and higher deceleration, and they interact more
effectively with the solar wind.
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Abstract We compare the temporal and spatial properties of posteruption arcades (PEAs)
associated with coronal mass ejections (CMEs) at the Sun that end up as magnetic cloud
(MC) and non-MC events in the solar wind. We investigate the length, width, area, tilt angle,
and formation time of the PEAs associated with 22 MC and 29 non-MC events and we
find no difference between the two populations. According to current ideas on the relation
between flares and CMEs, the PEA is formed together with the CME flux-rope structure by
magnetic reconnection. Our results indicate that at the Sun flux ropes form during CMEs
in association with both MC and non-MC events; however, for non-MC events the flux-
rope structure is not observed in the interplanetary space because of the geometry of the
observation, i.e. the location of the spacecraft when the structure passes through it.
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1. Introduction

Two-ribbon flares are characterized by a pair of bright ribbons observed in Hα and ul-
traviolet (UV) images. The ribbons are located on either side of a magnetic polarity in-
version line and they separate from each other as the flare progresses. Two-ribbon flares
are often associated with filament eruptions and coronal mass ejections (CMEs). After the
launch of the filament, long-lived arcades are formed connecting the two ribbons across
the polarity inversion line. The emerged assembly of arches is called a posteruption arcade
(PEA). The PEAs are observed at multiple wavelengths and are known also as long-duration
(or decay) events (LDEs; Pallavicini, Serio, and Vaiana, 1977) in X-ray observations. The
erupting filament becomes the core of the associated CME (Webb and Hundhausen, 1987;
Gopalswamy et al., 2003), thus PEAs are considered as surface signatures of CMEs (Tri-
pathi, Bothmer, and Cremades, 2004).

The CSHKP magnetic reconnection model is widely accepted as a model of two-
ribbon flares and CME onsets. The acronym “CSHKP” stands for the authors of this
model, Carmichael (1964), Sturrock (1966), Hirayama (1974), Kopp and Pneuman (1976).
This model suggests that during a filament eruption, a current sheet is formed and mag-
netic reconnection occurs below the erupting filament. The reconnected field lines arch-
ing downward and connected to the solar surface form the PEA, while the upward re-
connected field lines envelop the erupting filament and form the flux-rope structure (see
e.g., Longcope and Magara, 2004; Longcope and Beveridge, 2007). This model explains
well the characteristics of two-ribbon flares: the separation of flare ribbons, the develop-
ment of the PEAs, and their association with filament eruptions and CMEs (Bruzek, 1964;
Sheeley et al., 1975; Kahler, 1977; Munro et al., 1979; Harra-Murnion et al., 1998;
Yurchyshyn, 2008). Hα flare ribbons form at the feet of the PEAs at the chromospheric
level. At the coronal level, the PEAs are observed as a collection of loops in X-rays, EUV,
and even microwaves (e.g., Hanaoka et al., 1994; McAllister et al., 1996; Gopalswamy et al.,
1999, 2003; Tripathi, Bothmer, and Cremades, 2004). The model is also supported by a rela-
tionship between the reconnected magnetic flux during flares and the magnetic flux of MCs
observed near Earth, as reported by Qiu et al. (2007).

There is a general consensus that large PEAs appearing near the central meridian of the
Sun are good indicators of geoeffective CMEs. The Bastille Day flare on 14 July 2000, with
a bright EUV arcade (see Figure 1a, see also Aschwanden and Alexander, 2001), caused
an intense geomagnetic storm with a minimum Dst of −301 nT. During an earlier event
on 14 April 1994, when coronographic observations of CMEs were more limited, the Soft

X-ray Telescope on the Yohkoh satellite observed a giant PEA that extended 150◦ in longi-
tude. An Earth-directed CME was expected and an alert of a geomagnetic storm was issued
(McAllister et al., 1996). Three days after the giant PEA, an intense geomagnetic storm with
a minimum Dst of −201 nT occurred. We should note that the X-ray intensity of the event
was very low; the X-ray Sensor on the Geostationary Operational Environmental Satellites

(GOES) did not detect any significant X-ray enhancement. This case showed that a large-
scale PEA is a good indicator of CMEs arriving at Earth and causing geomagnetic storms.
The Extreme-ultraviolet Imaging Telescope (EIT) on board the Solar and Heliospheric Ob-

servatory (SOHO) mission started observing PEAs routinely since 1996 and helped to iden-
tify the solar sources of CMEs observed by the Large Angle and Spectrometric Coronagraph

(LASCO; Brueckner et al., 1995).
Two Coordinated Data Analysis workshops (CDAWs) were held in 2010 and 2011 to

address the question: Do all CMEs have a flux-rope structure? This question derives from
the fact that only a fraction of the interplanetary CMEs (ICMEs; i.e. the plasma and magnetic
field structure in interplanetary space corresponding to CMEs from the Sun) are observed
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Figure 1 PEAs observed by EIT (first and third rows) and the associated CMEs observed by LASCO (second
and fourth rows). The top two rows show the solar sources of MC events, while the bottom two rows are for
non-MC events.

as flux ropes or magnetic clouds at 1 AU (MCs; Burlaga et al., 1981). ICMEs without an
observable flux-rope structure are called “ejecta” or non-MCs.

It has been suggested that non-MCs may have a flux-rope structure but that it may not be
observed in single-point measurements at 1 AU if the observing spacecraft passes through
the periphery of the ICME (Gopalswamy, 2006). If this were the case, one does not expect
any difference between PEAs associated with MCs and non-MCs at the Sun. Such a view
has been supported by the fact that a flux rope can be fit to all white-light in the CDAW
list near the Sun, irrespective of their 1-AU manifestation as MCs or non-MCs (Xie, Gopal-
swamy, and St. Cyr, 2013). As CMEs propagate away from the Sun, the trajectories of those
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CMEs associated with non-MCs become non radial (Xie, Gopalswamy, and St. Cyr, 2013;
Kim et al., 2013) due to deflection by nearby coronal holes (Mäkelä et al., 2013). Other
possibilities are CME-CME interactions leading to complex ejecta (Burlaga, Plunkett, and
St. Cyr, 2002) or inherent non flux-rope structure at the Sun (Gosling, 1990). Gopalswamy
et al. (2013) have shown that both MCs and non-MCs have charge-state enhancements at
1 AU, which is an indication of flare reconnection and flux-rope formation at the Sun, thus
ruling out the non flux-rope structure suggested by Gosling (1990).

If CMEs resulting in non-MCs do not have a flux-rope structure and if the flux-rope
structure of the MC-associated CMEs is formed by magnetic reconnection, as suggested
by the CSHKP model, we should be able to find differences between the MC-associated
and the non-MC-associated PEAs. The aim of this paper is to examine this possibility by
investigating the differences of the PEAs observed in EUV between the two populations.

2. Data Set and Analysis

The data set used in this study consists of the CDAW events selected from the list of shock-
driving ICMEs listed in Gopalswamy et al. (2010). From the more than 200 events listed in
Gopalswamy et al. (2010), 59 events originating from the disk center (±15◦ from the central
meridian) were selected to form the CDAW list. If one assumes that all CMEs have a flux-
rope structure then many of the IP drivers at 1 AU should be MCs because solar eruptions
launched from disk center are expected to hit Earth head-on. However, only 24 events were
MCs and the remaining 35 events were classified as ejecta or non-MCs. Comparisons of
these two populations were the suggested agenda of the workshops.

A careful analysis of the selected 59 events was carried out by the meeting participants
during and after workshops. It turned out that the revised solar source of five events (No. 6,
11, 12, 22, and 55) did not meet the original location criteria (for details see Gopalswamy
et al., 2013). Therefore, the number of events in the CDAW list was reduced to 54. In this
study we have excluded two events (No. 1 and 58) because of EIT data gaps. We have also
excluded one event (No. 40) because no flare brightening was identified after the filament
eruption.

Table 1 summarizes the properties of the 51 PEAs analyzed in our study. Note that the
event numbers (column 1) are not sequential because we use the event numbers of the orig-
inal 59 events. The ICME type is given in the column 2: MC for magnetic clouds and EJ
(ejecta) for non-MC. General information on the solar sources are given in columns 3 – 7
(column 3: the flare date in yyyy/mm/dd format; column 4: the flare start time as hh:mm in
UT; column 5: the flare location in the heliographic coordinates; column 6: the soft X-ray
flare class; column 7: the CME speed in km s−1). Columns 8 – 12 give the PEA information:
the length, width, and size in Mm, the tilt angle in degree, and the PEA developing time in
hours (see Section 3 for their definitions).

In 31 events, out of the 51 analyzed, we could see well-developed PEAs. Figure 1a shows
a PEA observed during the so-called Bastille Day event on 14 July 2000 (No. 19). The X-
ray class of the associated flare was X5.7 and the flare duration was 40 minutes. This event
was associated with an Earth-directed CME which arrived at Earth 38 hours later as an
MC. This event provides a good example of a bright, large PEA associated with an MC.
Figure 1g shows another bright PEA but this one was associated with a non-MC (No. 47).
The flare was an LDE flare (duration >4 hours) with peak X-ray class C5.5. The flare
occurred at S13W09 and was associated with a halo CME (see Figure 1j). Two days after
the corresponding ICME was observed by the Advanced Composition Explorer (ACE). The
ICME was classified as non-MC since no clear rotation of the magnetic field was observed.
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Table 1 List of the CDAW events and the posteruption arcade parameters.

No. ICME
typea

Flare CME
speed
[km s−1]

Post-eruption arcade

Date Time
[UT]

Location Classb Length
[Mm]

Width
[Mm]

Size
[Mm]

φc

[deg]
T d

[hour]

02 MC 1997/05/12 04:42 N21W08 C1.3 464 77 67 65 83 12.1

03 EJ 1997/12/06 10:00 N45W10 EP 397 210 189 169 −45 13.9

04 EJ 1998/05/01 22:36 S18W05 M1.2 585 62 28 40 −68 1.0

05 EJ 1998/05/02 13:31 S15W15 X1.1 938 74 42 56 6 1.4

07 EJ 1998/11/04 07:13 N17W01 C1.6 523 135 159 145 −48 4.4

08 EJ 1998/11/09 17:03 N15W05 C2.5 325 59 103 75 −12 4.2

09 MC 1999/04/13 01:45 N16E00 B4.3 291 188 65 102 −32 2.3

10 EJ 1999/06/24 12:04 N29W13 C4.1 975 169 82 126 −37 3.7

13 EJ 1999/09/20 03:58 S20W05 EP 604 215 90 153 28 3.8

14 EJ 1999/10/17 23:22 S30E15 C1.2 144 50 50 52 89 2.4

15 EJ 2000/01/18 17:07 S19E11 M3.9 739 136 72 90 35 2.1

16 MC 2000/02/17 20:17 S29E07 M1.3 728 100 69 75 −84 1.5

17 EJ 2000/07/07 08:42 N17E10 C5.6 453 90 119 103 89 5.1

18 EJ 2000/07/08 22:58 N18W12 C4.0 483 83 60 65 −34 2.8

19 MC 2000/07/14 10:03 N22W07 X5.7 1674 159 59 87 −9 1.6

20 EJ 2000/07/23 04:11 S13W05 EP 631 118 94 97 38 5.0

21 MC 2000/07/25 02:43 N06W08 M8.0 528 29 45 21 −86 0.5

23 MC 2000/08/09 15:19 N20E12 EP 702 74 97 85 −74 6.3

24 MC 2000/09/16 04:06 N14W07 M5.9 1215 81 59 61 −5 2.5

25 EJ 2000/10/02 02:48 S09E07 C4.1 525 9 70 24 −90 0.6

26 MC 2000/10/09 23:19 N01W14 C6.7 798 165 85 126 27 2.1

27 MC 2000/11/03 18:35 N02W02 C3.2 291 313 106 189 −34 10.6

28 EJ 2000/11/24 04:55 N20W05 X2.0 1289 53 30 41 87 0.5

29 EJ 2001/02/28 13:22 S17W05 B4.2 313 213 122 155 87 3.2

30 EJ 2001/03/19 04:12 S20W00 EP 389 176 72 122 18 2.6

31 EJ 2001/04/09 15:20 S21W04 M7.9 1192 70 57 60 −67 3.1

32 MC 2001/04/10 05:06 S23W09 X2.3 2411 146 65 86 83 2.1

33 MC 2001/04/26 11:26 N20W05 M1.5 1006 167 131 128 −30 4.8

34 EJ 2001/08/09 08:00 N11W14 PEA 479 97 233 140 −80 7.2

35 EJ 2001/10/09 10:46 S28E08 M1.4 973 143 73 98 22 1.6

36 MC 2002/03/15 22:09 S08W03 M2.2 957 169 80 112 48 6.3

37 MC 2002/04/15 03:05 S15W01 M1.2 720 83 64 69 38 3.5

38 EJ 2002/05/08 12:58 S12W07 C4.2 614 34 31 32 −66 1.4

39 MC 2002/05/16 00:11 S23E15 C4.5 600 100 114 91 72 3.2

41 EJ 2002/05/27 12:36 N22E15 C3.7 1106 129 79 97 −62 3.0

42 EJ 2002/07/15 21:03 N19W01 M1.8 1300 93 66 78 58 4.5

43 MC 2002/07/29 10:27 S10W10 M4.7 222 91 29 49 32 0.6

44 MC 2003/08/14 17:12 S10E02 C3.8 378 57 76 64 −87 3.6

45 MC 2003/10/28 11:00 S16E08 X17.2 2459 200 66 109 −37 2.4

46 MC 2003/10/29 20:37 S15W02 X10.0 2029 101 86 93 −77 4.2

47 EJ 2004/01/19 23:46 S13W09 C5.5 965 139 114 124 −52 4.4
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Table 1 (Continued)

No. ICME
typea

Flare CME
speed
[km s−1]

Post-eruption arcade

Date Time
[UT]

Location Classb Length
[Mm]

Width
[Mm]

Size
[Mm]

φc

[deg]
T d

[hour]

48 MC 2004/07/22 07:41 N04E10 C5.3 899 19 42 27 85 0.7

49 MC 2004/11/06 01:40 N09E05 M3.6 1111 163 52 92 2 1.7

50 EJ 2004/12/08 19:34 N05W03 C2.5 611 75 97 80 −52 2.0

51 EJ 2005/01/15 05:54 N16E04 M8.6 2049 92 73 78 31 5.7

52 EJ 2005/02/13 10:28 S11E09 C2.7 584 30 27 25 −89 0.5

53 MC 2005/05/13 16:13 N12E11 M8.0 1689 86 82 70 −55 12.7

54 MC 2005/05/17 02:31 S15W00 M1.8 449 40 57 49 90 1.5

56 EJ 2005/07/07 16:07 N09E03 M4.9 683 84 36 53 −60 0.9

57 EJ 2005/08/31 10:26 N13W13 C2.0 825 137 80 94 −9 3.4

59 EJ 2006/08/16 14:37 S16W08 C3.6 888 209 155 164 10 7.2

aMC = Magnetic cloud; EJ = Ejecta or non-MC.

bEP = Eruptive prominence.
cφ = Tilt angle measured counterclockwise from East–West line in degree.

dT = PEA developing time.

In 10 events, we could identify long-lived non-arcade loops (see Figure 1b; No. 54) or
short-lived arcades (see Figure 1h; No. 28). These events differ a little bit from the typical
appearance of PEAs (long-lived arcades). In the remaining 10 events, we could see short-
lived non-arcade flaring loops. Figure 1c shows an example of an M8.0 flare at 02:43 UT on
25 July 2000 (No. 21). The flare was compact (<45 Mm) and impulsive (11 min). Usually,
such compact impulsive flares are likely to be confined (Yashiro et al., 2006), but this flare
was associated with an EIT dimming and a faint halo CME (Figure 1f). The halo CME
appeared in LASCO/C2 at 03:30 UT with an apparent speed of 528 km s−1 and, three days
later, the associated ICME was observed as an MC. One could not necessarily classify these
as PEAs but we have included them in the analysis because, according to the CSHKP flare-
CME model, bright flare loops and PEAs are not physically distinct.

The solar source of the non-MC event on 5 October 2000 (No. 25) was a halo CME that
appeared in the LASCO/C2 field of view at 03:50 UT on 3 October (Figure 1l). The main
body of the CME appeared in the south-east quadrant and the faint envelope surrounding it
expanded to cover the occulting disk of the LASCO/C2 coronagraph. The associated flare
was the C4.1 flare at S09E07 at 02:48 UT on the same day. The flare was impulsive, so the
EIT image observed 27 min after the flare peak (Figure 1i) does not show an arcade. These
two examples show that occasionally poor arcade signatures are observed both in MCs and
non-MCs.

3. Results

In order to investigate the spatial properties of the PEAs, we measured their lengths, widths,
and areas. Since PEAs grow larger in time, we determined their properties when the size
reached its maximum. We visually determined the footpoints of the PEAs in EUV images
and measured the length, which corresponds to the two flare ribbons in Hα images. The red
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Figure 2 Distributions of lengths (left), widths (center), and sizes (A1/2; right) for MC (top) and non-MC
(bottom) events. The averages of each distribution are shown in the plot.

lines of Figure 1 show the locations of the footpoints of each PEA. We define the length of
the PEAs as the average length of the two ribbons.

Figure 2a shows the distribution of the lengths of PEAs associated with MCs. The lengths
are distributed widely from 29 Mm to 313 Mm with an average of 120 Mm. Figure 2b shows
the same as 2a but for non-MC events. Similarly, the lengths of non-MC associated PEAs
are distributed widely from 9 Mm to 215 Mm. The average length is slightly shorter but the
difference in average length between the MC and non-MC events is not significant. Tripathi,
Bothmer, and Cremades (2004) examined 236 PEAs using SOHO/EIT and reported that
the heliographic length of the PEAs ranged from 2◦ to 40◦, which correspond to 24 Mm
to 486 Mm. The lengths of PEAs associated with MCs are distributed within the range of
Tripathi et al., but for the non-MCs cases they are not. The minimum length of 9 Mm is
out of the range because our data sets include compact flares without the arcade structure
(see Figure 1i). We include them because flare loops and PEAs are not physically distinct
according to the CSHKP model.

The middle panels compare the width distributions of the PEAs of MC-associated and
non-MC-associated events. The width of each PEA is defined as an average distance between
footpoints at the two ends. The average widths are similar in both populations. The width
distribution of the MC-associated PEAs is narrower than that of the non-MC events.

The right-hand panels of Figure 2 compare the PEA size for the MC-events and non-MC
events. We define the PEA size as square root of the area (A1/2) between the two ribbons.
We found that the PEA size distributions are very similar in both populations. The average
PEA size is 85 Mm for the MC events and 90 Mm for the non-MC events.

We define the tilt angle of the PEAs as the angle between the PEA axis and the East–
West line, measured counterclockwise in degrees. A horizontal PEA has a tilt angle within
±10◦. For example, the PEA of the Bastille Day event (Figure 1a) has a tilt angle of −9◦. A
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Figure 3 Distributions of PEA
tilt angles (left) and PEA
developing times (right) for MC
(top) and non-MC events
(bottom).

vertical PEA (e.g. Figures 1b, 1c, and 1h) has a tilt angle larger than 80◦ or lower than −80◦.
With this definition, tilt angles +90◦ and −90◦ are identical. A PEA axis is determined as
the straight line between the two mid points of the ribbons at its ends. We used the same
definition even for curved PEAs. The direction of the flux-rope axis is not considered here
because it is not a property of the PEA itself.

Figure 3a shows the distribution of the tilt angle of the MC-associated PEAs. The tilt
angles are widely distributed from −90◦ to 90◦. No clear trend is found in our sample.
Figure 3b is the same as Figure 3a but for non-MC events. We could not find any preferred
tilt angle or any difference between the two distributions. One could expect more vertical
PEAs than horizontal ones because ordinary sunspots are aligned horizontally; thus, the
neutral line between them orients vertically. However, active regions producing many flares
and CMEs are highly sheared and complex, thus, such simple consideration could not be
valid.

In order to investigate the temporal properties of the PEAs, we use the time between
the flare start and the PEA peak, defined as the time when a PEA is fully developed. We
refer to this as the PEA developing time. PEA peak times are visually determined, so this
is a somewhat subjective parameter. For the same event, different observers would select a
different EIT frame as the PEA peak time. Our internal person-to-person check indicated
that the errors between different observers are typically within 2 EIT frames or 24 minutes.

The right-hand panels of Figure 3 show the distribution of the PEA developing time for
MC-associated (top) and non-MC-associated (bottom) events. As we saw in the other param-
eters, both distributions are very similar. The PEA developing time ranges from 24 minutes
to 15 hours with an average of 3.9 hours for MC-events and 3.5 hours for non-MC-events,
respectively. The average developing time is approximately half of the average lifetime
(6.8 hours; Tripathi, Bothmer, and Cremades, 2004).

Since PEAs are the essential ingredients of eruptive flares, one might expect a relation
between PEA and CME properties: the larger PEAs are more likely to be associated with
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Figure 4 (a) Plot of the PEA sizes (A1/2) versus CME speeds. Circles and crosses denote the MC-associated
and non-MC-associated events, respectively. (b) Plot of the peak X-ray intensity versus CME speed. Six
events lacking an observed X-ray flare are excluded from the plot. Events with large (A1/2 > 8.5 Mm) and
small sizes (A1/2 ≤ 8.5 Mm) are shown in pink and green, respectively.

faster CMEs. Since all our events originated at the disk center, the observed speed represents
the expansion speed which is correlated with the radial speed (Gopalswamy et al., 2009,
2012). Figure 4a plots the PEA size (A1/2) against the CME speed, but we cannot see any
clear relation between them. The correlation coefficient is 0.08 for both MC and non-MC
events and 0.09 for all data points.

It is known that the CME kinetic energy is proportional to the X-ray peak intensity, but
the correlation coefficient is only 0.54 (Hundhausen, 1999; Yashiro and Gopalswamy, 2009).
Figure 4b shows the correlation between the X-ray peak intensity and the CME speed. The
correlation coefficient for all data points increases to 0.71.

We divided our sample into four groups based on the ICME structure, i.e. MC (circle) or
non-MC (crosses) event, and on the PEA area, i.e. large (A1/2 > 8.5 Mm) or small (A1/2 ≤

8.5 Mm) PEA. The circles and crosses are highly overlapped so we cannot see any difference
between the MC and non-MC events. On the other hand, we can see a difference between
the large (pink) and small (green) PEAs. For a given flare intensity, the speeds of CMEs
associated with larger PEAs are higher on average. The correlation coefficient is 0.85 for
large and 0.62 for small PEA events.

4. Summary and Conclusions

Historic events, e.g. the Bastille Day Event on 14 July 2000 and the giant X-ray arcade for-
mation on 14 April 1994, have convinced us that energetic CMEs are likely to be associated
with a post-flare arcade formation. This idea is supported by the CSHKP model (e.g. Long-
cope and Magara, 2004; Longcope and Beveridge, 2007), i.e. the flux-rope structure of a
CME is formed by magnetic reconnection which is also responsible for the formation of the
PEA. If the non-MC associated CMEs do not have a flux-rope structure, we expect some
difference in the PEA properties between MC and non-MC events. We find no difference in
the PEA properties between the MC and non-MC populations.
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In Figure 1 we show that the MC-associated CMEs are not necessarily associated with
large PEAs. A CME associated with a compact impulsive flare was observed as an MC near
Earth. Therefore, the association of a large PEA is not a necessary condition for a CME to
have a flux-rope structure. In Figures 2 and 3 we compare the PEA properties between MC
and non-MC events and found that there are no significant differences in the PEA properties
between the two populations. In Figure 4 we found that the CME speeds weakly depend on
the PEA sizes: the CMEs associated with larger PEAs tend to be faster than those associated
with smaller ones. These results indicate that there is no difference in the properties of PEAs
between the MC and non-MC events during the CME launch.

Xie, Gopalswamy, and St. Cyr (2013) applied a flux-rope model (Krall and St. Cyr, 2006)
to the CMEs of the CDAW events and found that on average CMEs associated with MCs
(non-MCs) are deflected towards (away from) the disk center. Kim et al. (2013) examined
the CME direction parameter (Moon et al., 2005) and found that the parameter is smaller for
non-MC events indicating that non-MC-associated CMEs are deflected away from the Sun–
Earth line. Mäkelä et al. (2013) reported that different CME deflections between MC and
non-MC events can be explained by the influence of coronal holes. Many studies suggest
that there are significant differences in the CME launch direction between MC and non-MC
events. Gopalswamy et al. (2013) found no clear difference in the flare properties of MC and
non-MC events. In addition, we found that there is no significant difference in the properties
of post-flare arcades. All these results are consistent with the view that at the Sun a CME
flux-rope structure forms both in the MC and non-MC events, but the flux-rope structure is
not observed in interplanetary space for non-MC events because of geometrical reasons.
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Abstract This study aims to provide a reference for different magnetic field models and re-
construction methods for interplanetary coronal mass ejections (ICMEs). To understand the
differences in the outputs of these models and codes, we analyzed 59 events from the Co-
ordinated Data Analysis Workshop (CDAW) list, using four different magnetic field models
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and reconstruction techniques; force-free fitting, magnetostatic reconstruction using a nu-
merical solution to the Grad–Shafranov equation, fitting to a self-similarly expanding cylin-
drical configuration and elliptical, non-force-free fitting. The resulting parameters of the
reconstructions for the 59 events are compared statistically and in selected case studies. The
ability of a method to fit or reconstruct an event is found to vary greatly; this depends on
whether the event is a magnetic cloud or not. We find that the magnitude of the axial field is
relatively consistent across models, but that the axis orientation of the ejecta is not. We also
find that there are a few cases with different signs of the magnetic helicity for the same event
when we leave the boundaries free to vary, which illustrates that this simplest of parameters
is not necessarily always clearly constrained by fitting and reconstruction models. Finally,
we examine three unique cases in depth to provide a comprehensive idea of the different
aspects of how the fitting and reconstruction codes work.

Keywords Sun: corona · Sun: coronal mass ejections (CMEs)

1. Introduction

Coronal mass ejections (CMEs) are large-scale eruptions of plasma and magnetic flux with
a typical size of 0.25 AU at 1 AU (e.g., see Bothmer and Schwenn, 1998; Savani et al.,
2009; or Nieves-Chinchilla et al., 2012). In the interplanetary space, they typically move at
supersonic speeds between 200 and 2000 km s−1, propagating from the solar corona to 1 AU
in a few days. They can interact with the Earth’s magnetosphere, resulting in geomagnetic
storms (Gold, 1959). Once CMEs drive through and interact with the interplanetary medium,
they are often referred to as interplanetary CMEs (ICMEs). These ICMEs, measured in situ,
for example at L1, may be composed of a fast forward shock, a dense sheath and ejecta
material. Slow CMEs typically do not drive a shock. Hereafter, we use the term ICME once
it is propagating in the interplanetary medium after leaving the corona (more or less after
10 – 20 R⊙).

Interplanetary CMEs, measured in situ, are typically characterized by a low proton tem-
perature, the presence of bi-directionally streaming electrons, unusual charge states of oxy-
gen and iron, and various magnetic signatures (e.g. Lynch et al., 2003; Zurbuchen and
Richardson, 2006; Richardson and Cane, 2010). However, there is no single characteristic
that is consistently observed. Lists of ICMEs measured by ACE and STEREO are main-
tained by Jian et al. (2006), Lepping et al. (2006), Richardson and Cane (2010), and Gopal-
swamy et al. (2008), among others. ICMEs have been classified into three different classes
based on their magnetic field and plasma properties (Zurbuchen and Richardson, 2006):
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i) Magnetic clouds (MCs): characterized by low plasma beta, low proton temperature and
featuring a strong magnetic field with a smooth rotation (Burlaga et al., 1981). To ex-
plain this last characteristic, Goldstein (1983) suggested that the magnetic field in an
MC can be described by a force-free flux rope structure, where ∇ × B = αB. Burlaga
(1988) assumed a constant α, in which case the flux rope satisfies the Lundquist solu-
tion (Lundquist, 1950) and can be expressed in terms of Bessel functions. This became
the most widely used model to describe the magnetic field structure of MCs. MCs are
believed to represent about one third of the total number of ICMEs (Gosling, 1990;
Richardson and Cane, 2010). However, a number of other studies proposed that an even
higher percentage of ICMEs are MCs; for example, the study by Li et al. (2011) and
Marubashi (2000) estimated the proportion of MCs to be 50 % and 80 %, respectively.
Other authors have studied the variation of the proportion of MCs among ICMEs during
the solar cycle (Kilpua et al., 2011; Richardson and Cane, 2010) and found that it varies
from close to 100 % near solar minimum to about 20 – 25 % near solar maximum.

ii) Ejecta or irregular and weak magnetic field ICMEs: These configurations have some
but not all the properties of MCs. Typically, their magnetic field is too weak and/or
irregular or has little rotation. Some of these ejecta can be additionally classified into
subcategories, for example, “magnetic-cloud-like” (Zhang et al., 2007) or magnetic flux
rope (Rouillard, 2011). It has been proposed recently that some of these events are actu-
ally MCs whose legs passed through the observing spacecraft (Marubashi and Lepping,
2007), which has been confirmed with STEREO observations (Möstl et al., 2010). Ac-
cording to these studies, ejecta are MCs but are not observed as such due to an observa-
tional bias.

iii) Complex ICMEs (complex ejecta), which may result from the interaction of successive
CMEs or from the interaction of CMEs with complex solar wind structures and streams
(Burlaga, Plunkett, and St. Cyr, 2002; Wang, Ye, and Wang, 2003; Lugaz, Manchester,
and Gombosi, 2005b). Double rotation within one MC has also been reported from
Ulysses (Rees and Forsyth, 2004) and ACE observations (Steed et al., 2011), showing
that even isolated ICMEs may produce complex ejecta.

Understanding the nature of the magnetic field in ICMEs (magnetic clouds and ejecta)
is a crucial part of comprehending their behavior and the way they affect the interplan-
etary medium and Earth’s magnetosphere throughout their propagation. Thus there have
been several attempts to describe the structure of the magnetic field in ICMEs using models
and magnetic field reconstruction codes. Figures 1 and 2 give some examples of proposed
models.

To explain the behavior of the magnetic field in MCs, early models were developed to
accommodate the definition of Burlaga et al. (1981) of an MC. Most of these models re-
strict the internal structure of the magnetic field to the force-free configuration where the
magnetic field, B, is described as ∇ × B = αB. Several magnetic field reconstructions and
fitting models have been built upon this definition; among the most often used is the model
by Burlaga (1988) and Lepping, Burlaga, and Jones (1990), which assumes a cylindrically
symmetric solution and a constant α across the cloud.

Marubashi (1986) also adopted a force-free model, but without assuming a constant α.
Farrugia et al. (1993) and Farrugia, Osherovich, and Burlaga (1995) introduced a cylindrical
model that incorporated self-similar expansion in two initially force-free constant-α codes,
a cylindrical and a spherical model, and noted that the cylindrical configuration did not
maintain the force-free state after it starts to expand. Thereafter, Shimazu and Vandas (2002)
provided a modification of the mathematical formalism to keep the self-similarly expanding
cylindrical model force-free.
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Figure 1 Overview of different
MC models. (a) Goldstein (1983)
proposed that MCs are force-free
structures, which was confirmed
by Marubashi (1986) (figure
adapted from Bothmer and
Schwenn, 1998). (b) Lepping,
Burlaga, and Jones (1990)
succeeded in fitting the
Lundquist model to in situ

magnetic field observations after
an idea by Burlaga (1988).
(c) Farrugia et al. (1993)
included expansion in the model.

Several other models have emerged thereafter that made different assumptions: fitting to
a cylinder of elliptical cross-section by Hidalgo, Nieves-Chinchilla, and Cid (2002) and Hi-
dalgo (2003); fitting to a kinematically distorted flux rope (Owens, Merkin, and Riley, 2006;
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Figure 2 Overview of different
MC models (continued).
(d) Schematic representation of
the spacecraft trajectory inside an
MC of elliptical cross-section
following the model of Hidalgo,
Nieves-Chinchilla, and Cid
(2002). (e) Hu and Sonnerup
(2001) modeled magnetic flux
ropes using a
magneto-hydrostatic
reconstruction technique without
a predefined geometry.
(f) Marubashi and Lepping
(2007) included curvature in the
classical model.
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Vandas and Romashets, 2003; Vandas et al., 2006; Démoulin and Dasso, 2009); non-
cylindrical flux rope fitting (Mulligan and Russell, 2001; Owens et al., 2012); torus fitting
(Romashets and Vandas, 2003; Marubashi and Lepping, 2007). The Grad–Shafranov re-
construction technique (Hu and Sonnerup, 2002; Möstl et al., 2009b) assumes a structure
in magneto-hydrostatic (MHS) equilibrium with an invariant direction, and uses the Grad–
Shafranov equation to describe the magnetic field in the structure. Therefore, this model
does not only use the magnetic field measurements but also measurements of the plasma
pressure, and it is only applicable to a structure possessing axial symmetry. The Grad–
Shafranov technique has been tested using multi-spacecraft measurements (Liu et al., 2008;
Kilpua et al., 2009; Möstl et al., 2009a) and, recently, improvements to the algorithm have
been presented by Isavnin, Kilpua, and Koskinen (2011).

While most techniques reconstruct or fit ICMEs as some type of twisted flux ropes, this
result is not necessarily well tested. It has recently been shown by Al-Haddad et al. (2011)
that the Grad–Shafranov technique is designed in a way that it will always reconstruct a
helical flux rope from a rotating magnetic field observed by a single spacecraft, even if
the magnetic field is not a helical flux rope in 3D. This is precisely the reason why the
Grad–Shafranov reconstruction assumes an invariance along the cloud axis (so-called 2.5D
method). As was shown in Al-Haddad et al. (2011), this is equivalent to assuming a helical
solution from the beginning. The assumption of invariance along the cloud axis is also made
in all the other fitting techniques used in this article. Other recent observations pointing
toward a more complicated geometry of ICMEs at 1 AU have been made by Kahler, Krucker,
and Szabo (2011), Farrugia et al. (2011) and Nieves-Chinchilla et al. (2012).

Using 2D and 3D numerical simulations, it is possible to show that a CME initi-
ated at the solar surface (for example using a twisted flux rope) evolves through its
interaction with the solar wind into a typical ICME (Riley, Gosling, and Pizzo, 1997;
Riley et al., 2003; Odstrčil and Pizzo, 1999; Manchester et al., 2004; Chané et al., 2006;
Shen et al., 2007). This idea has now been confirmed by STEREO observations (see, for
example, Savani et al., 2010). In these simulations, synthetic satellite measurements made
at 1 AU show a typical ICME structure with a fast shock, preceding a dense sheath and
an ejecta. Synthetic coronagraphic and heliospheric images are also able to reproduce typ-
ical views of CMEs (Lugaz, Manchester, and Gombosi, 2005a; Manchester et al., 2008;
Riley et al., 2008; Lugaz et al., 2009; Odstrčil and Pizzo, 2009).

Riley et al. (2004) compared magnetic field reconstructions and fitting models for ICMEs
by fitting two different time series of a simulated ICME with five different techniques: three
force-free models, the elliptical model by Hidalgo, Nieves-Chinchilla, and Cid (2002), and
the Grad–Shafranov reconstruction code. The results of the reconstructions were then com-
pared again to the 2.5D MHD simulation. One of the difficulties that the authors encountered
was choosing the boundaries. Another difficulty was recognizing an MC within the provided
time series. It is particularly hard to observe the properties characterizing an MC when the
minimum variance technique is used and the impact parameter is large.

Three of the models used in the study by Riley et al. (2004) were also used in the present
study. We also added the self-similarly expanding cylindrical fitting of Marubashi and Lep-
ping (2007) and only kept one classical – no expansion – force-free model. However, it
is important to stress that in this project we applied the comparison to a list of observed
events. Here, the authors address some of the problems discussed in Riley et al. (2004) by
performing more detailed analyses and proposing fixed boundaries.

In this study, we compare the reconstruction of four different magnetic field fitting tech-
niques for most of the fast ICMEs and MCs observed during Solar Cycle 23, for which a
source region can be identified (see details in Section 2). Our goals are to acquire a broader
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understanding of the magnetic field structure in MCs and to investigate if there are statistical
differences between the codes for MCs and non-MC ejecta, and take steps toward decipher-
ing if all ICMEs can be expressed as flux ropes if a sufficiently sophisticated model is used.
We do this by comparing the results of the different fitting techniques. In Section 2, we de-
scribe the data used in this study followed by a succinct description of the different codes. In
Section 3, we discuss the full results for the 59 selected events and in Section 4, we present
two events for which we used the same boundaries for all codes. We conclude and discuss
our results for the nature of magnetic fields in ICMEs in Section 5.

2. Data and Model Overview

2.1. CDAW Data

The data are taken from the list of the Coordinated Data-analysis Workshop (CDAW) of
MCs and ejecta during Solar Cycle 23. The list can be found at http://cdaw.gsfc.nasa.gov/

meetings/2010_fluxrope/LWS_CDAW2010_ICMEtbl.html.
This list contains all shock-driving ICMEs from Solar Cycle 23 for which it was possible

to determine the source region, and for which the source region was within ± 15° of the
disk center. This list is a subset of the list of all interplanetary shocks observed during Solar
Cycle 23 from Gopalswamy et al. (2010). The list contains 59 ICMEs classified as follows:
24 events classified as magnetic clouds (MCs) and 35 events classified as ejecta (EJ).

2.2. Grad–Shafranov Reconstruction Technique

For the Grad–Shafranov (GS) reconstruction, we used the code by Hu and Sonnerup (2002)
and followed the guidelines for using it discussed by Möstl et al. (2009b). This is based on
magneto-hydrostatic equilibrium of a system with an invariant direction and is a solution for
what is basically a numerical boundary problem. The GS equation is

∂
2
A

∂x2
+

∂
2
A

∂y2
= −µ0

dPt(A)

dA
, (1)

where A(x,y) is the magnetic vector potential and Pt is the transverse pressure defined as
Pt = p + B

2
z
/(2µ0), with p being the thermal pressure. The total magnetic field is given by

B = ∇A × ez + Bzez. The first step to solving this equation is to determine the invariant
axis, z. This is done first using a minimum variance analysis on the magnetic field compo-
nents and by finding a frame in which the transverse pressure is a single-value function of
the magnetic vector potential, A. After this, the GS equation can be solved numerically.

The main assumptions of the technique are that the structure is assumed to be invariant
along the ICME axis (so-called 2.5D), and that it is assumed to be time-independent during
the whole measurement by the spacecraft. Compared to other techniques, it does not include
expansion or a toroidal geometry. One of the potential problems with the Grad–Shafranov
technique is the stability of the integration and the influence of the solver and stabilization
procedure on the results. However, the Grad–Shafranov reconstruction has been tested by
using observations of ICMEs by two spacecraft at a significant separation with respect to
the ICME size (Liu et al., 2008; Möstl et al., 2009a, 2009b). Some of the stability problems
have also recently been addressed in Isavnin, Kilpua, and Koskinen (2011).
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One of the main advantages of the GS method is that the shape of the flux rope’s cross-
section and the number of flux ropes inside the reconstructed interval are both not pre-
defined, but are an output of the technique. Another advantage is that the boundaries of the
ICMEs are chosen through an optimization procedure to render the Pt(A) function as close
to single-valued as possible. The Pt(A) function is fitted with a polynomial function with
exponential tail(s), and only the events for which the fitting residue is low (typically less
than 0.1) and for which the fitting appears to be visually correct are deemed successfully
reconstructed. More details can be found in Hu et al. (2004).

The GS reconstruction gives the following results: flux rope orientation (longitude and
latitude), impact parameter (closest approach of the spacecraft to the MC axis), magnetic
flux (axial and poloidal), axial current, the cross–section shape and the central field strength.
The GS reconstruction feasibility was checked for every event in the CDAW list. We pri-
marily used data from the Wind spacecraft (MFI (Lepping et al., 1995) and SWE (Ogilvie
et al., 1995) instruments), and switched to ACE (MAG (Smith et al., 1998) and SWEPAM
(McComas et al., 1998) instruments if there was a data gap at Wind. The GS reconstruction
method was successful for

• full list: 20 events out of 59 (34 %),
• 17 MC events out of 24 (71 %),
• 3 EJ events out of 35 (8 %).

This means that the applicability of using GS reconstruction is closely tied to the defi-
nition of a magnetic cloud (higher-than-average field strength, smoothly rotating magnetic
field vector, low β, low Tp). Typically, this means that for these cases, one magnetic field
component (By or Bz) needs to be bipolar and the other unipolar, depending on the ori-
entation of the flux rope (see discussion in Bothmer and Schwenn, 1998). Moreover, we
were able to reconstruct about 1/3 of the events in the complete list, which is similar to
the often-quoted ratio between all ICMEs and those that contain parts that satisfy the MC
definition.

2.3. Self-similarly Expanding Cylinder Fitting Technique

This model is a force-free model that assumes a spatially constant α and performs the fit-
ting in cylindrical coordinates. Here, α is chosen fixed for every event and equal to 2.4. The
model takes into account self-similar expansion, as was initially suggested by Farrugia et al.

(1992, 1993). The original inclusion of the self-similar expansion has been found to cause
a deviation from the force-free state during expansion. Some refinements proposed by Shi-
mazu and Vandas (2002) have been incorporated into the model to preserve the force-free
state for the duration of the MC travel. As a result, the magnetic field intensity B and the
radius r of the fitted MC at a given time as produced by the model are defined as follows:

B =
B0

(1 + t

texp
)2

, (2)

r = r0

(

1 +
t

texp

)

, (3)

where B0 is the magnetic field intensity on the axis of the CME cylinder, texp is the expansion
time, t is the time since the first encounter of the spacecraft with the CME, and r0 is the
distance between the cylinder axis and the spacecraft at the time of the first encounter.
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The model also provides values for the longitude and latitude of the axis, as well as the
impact parameter, which is defined as the distance between the closest axis of the cylinder
and the path of the spacecraft. The model simultaneously fits the following quantities for
both chiralities (positive and negative): B0, r0, texp, the longitude, latitude, and impact pa-
rameter. The final selection was made by choosing the sign of the chirality that gives the
best fit. The details of the model can be found in Appendix A of Marubashi and Lepping
(2007). The self-similarly expanding cylinder fitting method was successful for

• full list: 50 events out of 59 (85 %),
• 22 MC events out of 24 (91.5 %),
• 28 EJ events out of 35 (80 %).

There were seven events that were found to be contracting (negative texp) and three events
whose expansion time was longer than 500 hours, which corresponds to less than 10 %
change in the axial magnetic field strength over the crossing of a typical magnetic cloud
(∼ 1 day).

2.4. Force-Free Constant-α Reconstruction

This force-free fitting model is based on the force-free flux constant-α (FFCA) rope devel-
oped by Burlaga (1988) and subsequently optimized by Lepping, Burlaga, and Jones (1990).
In our model, α is fixed to equal 2.4. This implies that the flux rope’s magnetic field on the
outer shell is almost completely poloidal. The value of 2.4 is not optimized and could be
changed (i.e., reduced in value) if it was believed that on the outer shell of the flux rope the
field lines were still helical. This might be the case if the rear or front edge of the flux has
been “eroded” away from its ideal case (perhaps by reconnection), as proposed by Dasso
et al. (2006) and recently confirmed by Ruffenach et al. (2012). The α parameter has also
been used as a free variable in some models (e.g. Lepping, Burlaga, and Jones, 1990). Since
α is constant and fixed to equal 2.4 for the FFCA and for the self-similarly expanding cylin-
der models, it is clear that these two models are identical when the expansion is equal to
0.

The flux rope axis was calculated by a minimum variance analysis (MVA). This is a
technique originally developed for solving the normals to a tangential discontinuity (TD)
(Sonnerup and Scheible, 1998). To obtain the orientation of an ICME, the axis is determined
by the intermediate eigenvector, as pointed out by Goldstein (1983).

The chirality of the flux rope is determined by the sense of direction in which the mag-
netic field rotates in the MVA reference frame. The impact parameter and magnetic field
magnitude are the only two free variables. They are optimized using a nonlinear optimiza-
tion routine (Nelder and Mead, 1965). For each event, the fitting was attempted with two
different boundaries: those from Lepping et al. (2006) and those selected by K. Marubashi.
In addition, for eight events, a different set of boundaries was chosen directly by N.P. Savani
because the other two sets of boundaries were judged to be unsatisfactory for these events.
Overall, the method was successful for

• full list: 55 events out of 59 (93 %),
• 24 MC events out of 24 (100 %),
• 31 EJ events out of 35 (88.5 %).

2.5. Elliptical Cross-Section Fitting Model

The elliptical, non-force-free model (Hidalgo, Nieves-Chinchilla, and Cid, 2002; Hidalgo,
2003) considers that ICMEs have elliptical cross-section due to their interaction with the
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solar wind. In this model, the expansion of the local cross-section is taken into account. Two
characteristics distinguish this model from the others used in this paper: i) non-force-free
condition is assumed, and, ii) an elliptical cylindrical coordinate system is chosen to solve
the Maxwell equations. The model assumes a flux rope magnetic field geometry and treats
the radial and axial electric currents separately. The local solutions of the Maxwell equa-
tions provide the three magnetic field components that are to be transformed into spacecraft
coordinates. The only assumptions are that the radial and axial components of the current
density are constant. The cross-section of the flux ropes is not required to be circular. This
model was compared with the circular cross-section model of Lepping, Burlaga, and Jones
(1990) in Nieves-Chinchilla, Hidalgo and Sequeiros (2005) and compared with information
from remote-sensing measurements in Nieves-Chinchilla et al. (2012).

The ellipticity, the current density components, the expansion time of the cloud, and the
axial magnetic field are determined by fitting the magnetic field data as explained in Sec-
tion 2 of Hidalgo (2003). Multiple regression analysis is used to infer the spacecraft trajec-
tory through the flux rope. The method converged for all events. However, the fit goodness
was reported with a flag: 0 = poor; 1 = good; and, 2 = very good. This “goodness” is based
on the correlation coefficient, fitting residue, and visual goodness. In the rest of the analysis,
we take into account only fitting results with quality 1 or 2 (i.e., removing poor fits). In that
case, the elliptical cross-section fitting method was successful for

• full list: 39 events out of 59 (66 %),
• 24 MC events out of 24 (100 %),
• 15 EJ+ events out of 35 ( 43 %).

2.6. Selection of the ICME Boundaries

Selecting the boundaries of an ICME is still a challenging problem. This is because there
is no single definitive characteristic of ICMEs. Some authors based the ICME boundaries
purely on magnetic properties; others used a low proton temperature as one of the criteria;
while others used charge state information. Many of the in situ signatures have been taken
into account to determine the boundaries of ICMEs. However, each of these indicators pro-
vided different boundaries, which leaves the problem still unsolved. In this study, we let
each group determine the boundaries for the ICMEs. For three events, we re-ran the analysis
using pre-set boundaries as given by the self-similarly expanding cylinder fitting technique.

3. Comparative Analysis of the Fitting Parameters – Results

Out of 59 events on the CDAW list, the magnetic field was successfully reconstructed for
20 events by the GS technique, mostly for MCs. By comparison, the FFCA fitting and the
self-similarly expanding cylinder methods were able to fit more than 85 % of the list, and
the elliptical cylinder fitting method 66 %. In the following sections, we compare the fitted
parameters from different codes with those from the FFCA code because i) it is the simplest
code in our study, and ii) it succeeded in fitting most of the cases with the least deviation from
the results of the other models. The number of cases that were analyzed in common by the
FFCA code and the other codes is as follows: 20 with the GS reconstruction technique, 45
with the self-similarly expanding cylinder fitting method, and 37 with the elliptical cylinder
fitting method.
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3.1. Chirality

For all the 20 events reconstructed by the GS code, the chirality (sign of the magnetic he-
licity) is the same as for the self-similarly expanding cylinder and the FFCA model. There
are three events for which the FFCA and self-similarly expanding cylinder found opposite
signs for the helicity (events 13, 15, and 52 in the CDAW online list). This shows that even
the simplest result of fitting and reconstruction methods is not necessarily well constrained.
The difference is primarily due to the choice of boundaries. In two of these three cases (13
and 15), when the FFCA fit was performed again with a different choice for the boundaries,
it returned the same sign of helicity as that found by the self-similarly expanding cylinder.
In fact, it is worth noting that the chirality found with the FFCA differs for seven events
depending on whether the boundaries are chosen following Lepping et al. (2006) or chosen
specifically for this study by K. Marubashi.

One event is more ambiguous. For event 52, the FFCA fit is relatively poor and gives
left-handed ejecta for the boundaries selected by K. Marubashi as well as for those from
Lepping et al. (2006), whereas the self-similarly expanding cylinder fit gives right-handed
ejecta. We note that the best-fit axial magnetic field by FFCA for this event is less than 6 nT
for the two sets of boundaries, reflecting very weak ejecta.

This overall result about the chirality may appear inconsistent with what was found in
previous studies by Dasso et al. (2003, 2006), who found the magnetic flux and helicity to
be nearly independent of the fitting and reconstruction model for two well-observed MCs.
Here, we find that this is generally true and consistent with our results. However, we also
show that for ejecta whose boundaries are not clearly defined because of incomplete rotation,
fittings with different boundaries can yield opposite chirality for the same event.

3.2. Maximum Magnetic Field Strength

For all cases in common between the FFCA code and one of the other codes in this study, we
calculated the correlation of the fitted axial magnetic fields. For the self-similarly expanding
cylinder fitting method, we used the axial magnetic field halfway through the cloud, corre-
sponding approximately to the magnetic field at the closest approach to the cylinder axis,
as calculated from Equation (2). We did not compare the value of the axial magnetic field
for the elliptical cross-section fitting model with that of the other models. This is because
the axial magnetic field in this model is the sum of two fields: the magnetic field created by
the currents and the axial field that is a parameter of the model. Figure 3 summarizes the
magnetic field results.

Overall, the correlation between the FFCA, GS, and self-similarly expanding cylinder
code is quite good (∼ 0.84). The axial magnetic field value from the GS code tends to be
slightly higher than that from the FFCA especially for stronger magnetic fields, whereas the
self-similarly expanding cylinder code tends to return higher values for the magnetic field
for weak magnetic fields.

3.3. Orientation of the ICME Axis: Longitude and Latitude

The orientation of the ICME as it arrives at Earth is an essential parameter because it is often
used to determine rotation of the CME as it propagates in the heliosphere (Yurchyshyn et al.,
2001). In addition, precisely knowing the orientation of an ICME is particularly important
because the orientation of an ICME is known to be related to its geo-effectiveness (see, for
example Zhao and Hoeksema, 1998). As can be seen in Figure 4, the orientation of some
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Figure 3 Axial magnetic field
for the Grad–Shafranov (red
diamonds) and self-similarly
expanding cylinder (purple stars)
models compared with the axial
magnetic field for the FFCA
model. The red and purple
dashed lines show the best linear
fits to the Grad–Shafranov and
self-similarly expanding cylinder
models.

Figure 4 Same as Figure 3 but
for the longitude and latitude of
the reconstructed ICME axis. The
yellow squares are for the
elliptical cross-section fitting
model. The dashed lines
highlight the angles ± 45° from
the FFCA angle.

ICME events differs greatly depending on which model is used. Indeed, only for one CME
(event 44) did all events give an orientation of the axis within ± 45° of each other.
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First, we focus on a comparison of the orientation between the Grad–Shafranov, self-
similarly expanding cylinder and FFCA models for the 20 events successfully reproduced
by all three methods. For seven events, the three methods give an orientation within ± 45°
of each other. For eleven other events, the Grad–Shafranov reconstruction technique gives
an orientation of the axis within ± 45° of one of the other two methods (but not the other).
In fact, although the FFCA and self-similarly expanding cylinder fitting methods are closely
related, the axis of the fitted cylinder is found to agree for only about 45 % of the events (21
out of the 45 common cases; for 14 of these, the orientation is within ± 30°). While this may
appear surprising considering the similarities between the two methods, it should be noted
that the force-free method without expansion relies on the minimum-variance analysis to
obtain the orientation of the flux rope, whereas the expanding cylinder method relies on
a multi-parameter fitting procedure to minimize the deviation between the model and the
measurements. In addition, for many events, the two methods used different boundaries.

Comparing the direction obtained from the elliptical cross-section model with that from
the force-free cylindrical models (with and without expansion), we find that the direction
from all three models only agree for one event. For seven additional events, the direction
from the elliptical cross-section model is within ± 45° of the direction from the FFCA fitting
model; for three additional cases, the same is true as compared to the direction from the
self-similarly expanding cylinder model, and for one event it is true as compared with the
direction for the Grad–Shafranov reconstruction technique.

Overall, there are only 34 events reconstructed by three or more methods. For 30 of these
events, the orientation of the axis of the reconstructed ICME is consistent between at least
two methods. The same is only true for three out of the 18 events reconstructed by two
methods only. Finally, seven events were reconstructed by one method only.

3.4. Difference Between MCs and Non-MC Ejecta

Here, we briefly compare the average values of some parameters for the MCs with those
for the non-MC ejecta. We only focus on the FFCA and self-similarly expanding cylinder,
because the Grad–Shafranov reconstruction method is only able to reconstruct three non-
MC ejecta (out of 35) and the elliptical cross-section fitting has a different set of parameters
than these two models. Consistent with their definitions, non-MC ejecta are found to have,
on average, a weaker magnetic field than MCs: 13.75 nT vs. 22.1 nT (FFCA) and 17.7 nT vs.
34.4 nT (expanding cylinder). We also find that the average impact parameter is larger for
non-MC ejecta than for MCs: 0.73 vs. 0.54 (expanding cylinder) and 0.32 vs. 0.29 (FFCA).
This may indicate that ejecta are indeed flux-rope-like magnetic clouds but are measured
at a large impact parameter, resulting in a weaker magnetic field and less clearly defined
properties. The average impact parameter for the events reconstructed by the GS method is
0.29 (FFCA) and 0.47 (expanding cylinder), once again showing that the GS method was
only successful for MCs or MC-like ejecta.

4. Detailed Analyses of Three Events

We focus on events 10, 20, and 27, which we fitted using the same boundaries. These were
the events chosen for the self-similarly expanding cylinder fitting method.

4.1. Event 10

This event is a left-handed non-MC ejectum observed in 26 – 28 June 1999. This was one of
the events resulting in a poor fit for the elliptical cross-section model and was not initially
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Table 1 Intervals used by different researchers for the events 10, 20, and 27. In bold are given the intervals
chosen for events compared with the same boundaries. In parentheses are given the day of the month corre-
sponding to the interval boundary. Events 10, 20, and 27 took place in June 1999, July 2000, and November
2000, respectively.

Event 10 (June) 20 (July) 27 (Nov.)

GS N/A 08:36(27) – 19:24(27) 23:56(06) – 17:20(07)

FFCA 06:00(26) – 22:00(26) 07:30 – 19:30 22:10(06) – 17:10(07)

Exp. Cylind. 06:00(26) – 19:00(26) 07:30 – 19:30 22:10 – 17:10

Ellip 22:36(26) – 02:36(27) 10:10 – 20:40 23:08 – 17:45

successfully reconstructed by the Grad–Shafranov method. For this method, one problem
was the presence of a shock propagating inside the ICME at 19:16 UT on 26 June. Because
the GS reconstruction method attempts to find the best orientation of the ICME by requiring
the function Pt(A) to be single-valued, the presence of a shock in the magnetic and plasma
pressure in one side of the cloud makes this an impossible task. This has been previously
noted in Kilpua et al. (2009) and Möstl et al. (2009a). It is not a problem encountered by
the other fitting methods.

Initially, some researchers found two possible flux rope intervals: one shortly after the
shock wave on 26 June lasting about 16 hours (referred to hereafter as 10a) and one cor-
responding to the initial interval fitted with the self-similarly expanding cylindrical code
of 6.5 hours at the end of 27 June and the beginning of 28 June (referred to hereafter
as 10b from 20:30 UT on 27 June to 03:00 UT on 28 June). We discuss here the results
from the longer, first interval. The intervals found by different researchers are shown in
Table 1.

The analysis was performed again for interval 10a using the interval of 26 June from
06:00 to 19:00. In Figure 5, we show the fitting results for the different methods corre-
sponding to this interval. Using the same interval for all the methods, the magnitude of the
magnetic field in the ICME is found to agree relatively well between the two force-free and
the Grad–Shafranov methods; it corresponds to a value ∼ 15 – 20 nT. The orientation of the
cloud is found to be consistent with a latitude of 0◦ ± 12° and a longitude of 65◦ ± 25°
between these three methods, whereas the elliptical cross-section model finds a value about
90◦ away. This example illustrates the importance of the choice of boundaries for the study
of magnetic clouds and ICMEs, because three of the four codes find very similar parameters
for same boundaries.

4.2. Event 20

This event is a left-handed non-cloud ejectum observed on 27 July 2000. It is one of the three
nonmagnetic cloud ejecta successfully reconstructed with the Grad–Shafranov reconstruc-
tion method. Initially, as we let each researcher select the ejectum boundaries, the direction
of the cloud axis agreed well between the four methods: a longitude of 212◦ ± 32° and a lat-
itude of 22◦ ± 12°. All methods were within 45◦ of each other, except for the self-similarly
expanding cylinder and the elliptical cross-section cylinder, which were about 55◦ apart.

The impact parameter was found to be close to 0 for the Grad–Shafranov method, but
larger than 0.5 for the other three methods. The magnitude of the axial magnetic field was
about 20 nT for the Grad–Shafranov method and about 8 nT for the two force-free constant-
alpha models.
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Figure 5 Fitting for event 10a by the different codes. Top left: Self-similarly expanding cylinder code fit
shown in red. The different panels are the total magnetic field, Bx , By , Bz , the magnetic field fluctuation, the
solar wind speed, proton density, alpha-to-proton ratio, temperature, and plasma β from top to bottom. Bottom
left: FFCA code fit shown in purple. The panels show from top to bottom the radial, tangential, normal (R,
T and N) components, the longitude and latitude angles (in RTN) and the magnitude of the magnetic field,
the proton velocity, density, and temperature. Top right: GS reconstruction map, the axial magnetic field is
color-coded and the black contours are magnetic field lines in the plane of the cross-section of the ICME.
Observed magnetic field components in this plane are shown with white vectors and velocity is depicted in
green. Bottom right: Elliptical cross-section fit in red. The different panels show the magnetic field, its three
components, the plasma β, and the solar wind speed from top to bottom.
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Figure 6 Same as Figure 5 but for event 20.

As can be seen from Table 1, the different researchers chose boundaries very close to each
other, and choosing exactly the same boundaries does not drastically change the results,
except that the maximum axial magnetic field for the Grad–Shafranov model was 12 nT
with an impact parameter of about 0.25, more consistent with the values found by the other
models. In Figure 6, we show the results of the fit using the boundaries chosen for the self-
similarly expanding cylinder fit.
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4.3. Event 27

This event is a left-handed magnetic cloud observed on 6 – 7 November 2000. All methods
agree on the maximum magnetic field strength (∼ 25 nT for Grad–Shafranov and the FFCA
model and ∼ 31.5 nT for the self-similarly expanding cylinder). However, there is initially
little agreement regarding the orientation of the magnetic cloud with a latitude of 14◦ ± 14°
and a longitude of 145◦ ±55° for the four methods. As for the previous event, the boundaries
chosen independently by different researchers were relatively consistent. One significant
difference is the inclusion or exclusion of a region of strong magnetic field without much
rotation at the “back” of the MC (until 02:40 on 8 November). Previous studies (Dasso et al.,
2006, 2007; Möstl et al., 2008) have discussed how reconnection between an MC and the
ambient solar wind during the ICME propagation may result in this type of region which
strictly speaking belongs to the MC. Each researcher decided exactly where to end the MC.
Since there is no counterpart flux on the MC front to the flux on the back of the MC, it is
probably better not to take this region into account.

Using the same boundaries, there is a better agreement that the magnetic cloud has a low
inclination (latitude ∼ 5°) but an only slightly better agreement about the precise orientation
or the value of the impact parameter. The fits and reconstructions are shown in Figure 7.

5. Summary and Conclusions

In this article, we have presented a comparison of the reconstruction results of 59 ICMEs
measured in situ during Solar Cycle 23 using four different reconstruction or fitting meth-
ods. The events our study focused on were chosen because their source region was known
and was within ± 15° of the central meridian. Our data included 24 events identified as
magnetic clouds (MCs) following the definition of Burlaga et al. (1981) and 35 non-MC
ejecta. We find that the two force-free techniques (with or without expansion) are able to
fit the vast majority of the events (≥ 85 %) including more than 75 % of the ejecta. The
Grad–Shafranov reconstruction method, which assumes magneto-hydrostatic equilibrium
and uses the plasma pressure is found to only work for clear magnetic clouds, because it was
only successful in reconstructing 8 % of the non-cloud ejecta (3/35). In addition, the Grad–
Shafranov reconstruction is not able to reconstruct ICMEs into which a shock is propagating
because it violates its initial assumption. However, one of the advantages of this method is
the fact that the boundaries of the ICME are a result of the reconstruction, and they do not
need to be chosen before performing the fits, as for the other methods. The expanding el-
liptical cross-section was able to fit about two-thirds of the events with a reasonably good
result (all magnetic clouds and about 40 % of the ejecta).

We have found that even the ICME chirality (sign of the magnetic helicity), one of the
simplest possible reconstruction parameters, is not necessarily clearly constrained, and op-
posite chirality can be found for the same event because of differences in the choice of the
boundaries. In most cases, the choice of boundaries alone explains the difference between
different methods.

Regarding the maximum magnetic field strength, we have found that, typically, the results
of the Grad–Shafranov method, the FFCA, and self-similarly expanding fittings are well
correlated and agree to within about 25 %. The Grad–Shafranov method returns higher val-
ues than the FFCA fitting method for strong magnetic fields, whereas the force-free model,
which includes self-similar expansion, returns higher values than the FFCA fitting method
for weak magnetic fields. Gulisano et al. (2005) previously compared the maximum mag-
netic field at the cloud axis for 20 magnetic clouds using four fitting methods and found
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Figure 7 Same as Figure 5 but for event 27.

that the variability between methods for the same event was significantly lower than the
variability between events for the same method (see their Figure 4).

For only one event, all four methods found an orientation of the ICME axis within ± 45°.
Considering only the two force-free fitting methods (with and without expansion) and the
Grad–Shafranov reconstruction method, this is the case for about 30 % of the ICMEs (seven
out the 20 common cases). Directly comparing the two force-free constant-α codes (with
and without expansion), they return ICME axis within ± 30° in only ∼ 30 % of the cases
and within ± 45° in only ∼ 45 % of the cases. While these two methods assumed very sim-
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ilar geometries for the ICME, the fitting procedures are very different: a minimum-variance
analysis was used to determine the axis’ direction for the FFCA code, whereas a fitting
procedure was used for the expanding cylinder method. This is likely to account for the
difference in the direction of the ICME axis. Finally, the elliptical cross-section model typ-
ically gives different orientation as compared to the other methods, which agrees with at
least one other method for only about 30 % of the events. These results were found by
letting researchers select their own boundaries.

When only two methods successfully reconstructed an event, the orientation found by
these two methods usually disagreed (by more than ± 45° in 15 out the 18 cases). When the
two force-free constant-α fitting methods and the Grad–Shafranov reconstruction method
successfully reconstructed an event, the orientation from the Grad–Shafranov method was
within ± 30° of that from one of the force-free constant-α methods in 70 % of the cases
(14 out of 20 events). Combining all four methods, more than 65 % (23/34) of the events
reconstructed by three or more methods had at least two methods that yielded an orientation
within ± 30°. It is therefore clear that having multiple methods able to successfully fit or
reconstruct the same event gives more reliable results regarding the orientation of the ICME
axis.

We furthermore quantified the importance of the boundary selection by performing the
analyses again for three events using the same boundaries for all methods. This way we
found a better agreement between the different codes regarding the ICME magnetic field
strength, and, for one event, a better agreement for the ICME orientation.

Finally, for two methods we compared the impact parameter and magnetic field strength
of MCs and non-MC ejecta. We found that the non-MC ejecta have, as expected, a weaker
magnetic field but we also found some evidence that the impact parameter is, on average,
larger for non-MC ejecta than for MCs. This is a first statistical hint that most (or all) ICMEs
observed at 1 AU may in fact be magnetic flux ropes, but depending on how they impact the
observing spacecraft, they may be recognized as magnetic clouds or not. After performing
fitting and reconstructions for 59 ICMEs with four different codes, we will investigate the
nature of the magnetic fields in ICMEs in more detail and also aim improve the reconstruc-
tion methods in the future.
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Odstrčil, D., Pizzo, V.J.: 1999, J. Geophys. Res. 104(13), 483.
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Abstract An outstanding question concerning interplanetary coronal mass ejections
(ICMEs) is whether all ICMEs have a magnetic flux rope structure. We test this question by
studying two different ICMEs, one having a magnetic cloud (MC) showing smooth rotation
of magnetic field lines and the other not. The two ICMEs are chosen in such a way that their
progenitor CMEs are very similar in remote sensing observations. Both CMEs originated
from close to the central meridian directly facing the Earth. Both CMEs were associated
with a long-lasting post-eruption loop arcade and appeared as an elliptical halo in corona-
graph images, indicating a flux rope origin. We conclude that the difference in the in-situ

observation is caused by the geometric selection effect, contributed by the deflection of flux
ropes in the inner corona and interplanetary space. The first event had its nose pass through
the observing spacecraft; thus, the intrinsic flux rope structure of the CME appeared as a
magnetic cloud. On the other hand, the second event had the flank of the flux rope intercept
the spacecraft, and it thus did not appear as a magnetic cloud. We further argue that a con-
spicuous long period of weak magnetic field, low plasma temperature, and density in the
second event should correspond to the extended leg portion of the embedded magnetic flux
rope, thus validating the scenario of the flank-passing. These observations support the idea
that all CMEs arriving at the Earth include flux rope drivers.
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1. Introduction

Coronal mass ejections (CMEs) are an energetic phenomenon originated in the Sun’s corona,
but subsequently propagating into the interplanetary space. CMEs are now well known to
be the cause of intense geomagnetic storms (Gosling et al., 1991; Zhang et al., 2007) and
to be a direct driver of severe space weather that may have disruptive effects on advanced
human technological systems in space and on the ground. The underlying physical structure
of a CME is believed to be a magnetic flux rope, a self-contained magnetic system with
helical magnetic field lines wrapping around its center axis (Chen, 1996). The first direct
observational evidence of the presence of magnetic flux ropes was from near-Earth in-situ

solar wind observations of the so-called magnetic clouds, seen as a large rotation in the
field’s direction, enhanced field strength and a low plasma β (Burlaga et al., 1981; Lepping,
Jones, and Burlaga, 1990). Improved coronagraphic observations of CMEs from the Solar

and Heliospheric Observatory (SOHO) showed that CMEs in the outer corona often contain
a circular intensity pattern when CMEs are observed from the side, thus suggesting the
presence of flux ropes (Dere et al., 1999).

Recent observations from the Advanced Imaging Assembly (AIA) on-board Solar Dy-

namic Observatory (SDO) showed that a magnetic flux rope exists prior to the eruption and
continuously transforms from a sigmoidal structure to a semi-circular shape (Zhang, Cheng,
and Ding, 2012). In SDO observations, magnetic flux ropes are best seen in hot tempera-
ture passbands (>∼6 MK), but are completely absent in cool temperatures (<∼3 MK)
(Liu et al., 2010; Cheng et al., 2011; Zhang, Cheng, and Ding, 2012). Earlier observations
of sigmoidal structures in soft X-ray images prior to eruptions (Sterling and Hudson, 1997;
Canfield, Hudson, and McKenzie, 1999), are often interpreted as a magnetic flux rope (Rust,
1994; Titov and Démoulin, 1999; McKenzie and Canfield, 2008). The physical origin of flux
ropes has been suggested either to be sub-photospheric emergence into the corona (Gibson
et al., 2002; Schrijver, 2009), or the transformation of a sheared arcade through photospheric
flux cancellation (Green and Kliem, 2009; Tripathi et al., 2009).

Magnetic flux ropes probably play an essential role in CME initiation and accelera-
tion, i.e., the CME initiation is triggered by the structural instability of the flux rope.
One such mechanism is so-called the Torus Instability (TI) (Kliem and Török, 2006;
Olmedo and Zhang, 2010), an ideal magneto-hydrodynamic (MHD) process responsible
for the loss of equilibrium of a toroidal current ring. In this model, a critical gradient
of the external magnetic field determines the onset of the instability. Three-dimensional
MHD simulations further demonstrate that the transition of a flux rope from equilib-
rium to eruption follows the TI onset criterion (Fan and Gibson, 2007; Aulanier et al.,
2010). However, there also exist opposing models that assume no flux rope prior to the
eruption, and assume a sheared arcade instead (Antiochos, DeVore, and Klimchuk, 1999;
Moore et al., 2001; Amari et al., 2003). Nevertheless, these models allow magnetic re-
connection to transfer the sheared arcade into a fully developed magnetic flux rope.
Therefore, on both observational and theoretical grounds, all sizable CMEs following the
eruption (e.g., tens of minutes) are likely to contain a magnetic flux rope in the struc-
ture.

An interesting and important question is then about the CME structure near the Earth
after the tens-of-hour-long journey through the interplanetary space. In-situ observations
of solar wind magnetic field and plasma properties have clearly revealed the existence of
interplanetary CMEs (ICMEs), the counterpart phenomena of CMEs from the Sun. The
in-situ signatures of ICMEs are many, including enhanced magnetic field, reduced mag-
netic field variance, abnormally low proton temperature, upstream forward shock, elevated
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oxygen charge state, enhancement of Fe/O ratio, and bidirectional strahl electrons etc. (Zur-
buchen and Richardson, 2006). Not all signatures exist at the same time, but the presence
of several signatures set ICMEs apart from the ambient solar wind. One can also set ICMEs
apart from other transient features, such as CME-driven sheath regions and corotating inter-
action regions (CIRs).

It has been found that only a subset of ICMEs show the presence of a magnetic
cloud structure or flux rope. These magnetic-cloud ICMEs are abbreviated as MC-ICME
hereafter. The complementary set of ICMEs, which do not show a systematic rotation
of magnetic field lines, are abbreviated NMC-ICMEs (non-magnetic-cloud ICME). MC-
ICMEs only constitute a fraction of all ICMEs detected in solar wind, The estimated
fraction ranges from ∼30 % to ∼50 % (Gosling, 1990; Bothmer and Schwenn, 1996;
Henke et al., 2001). Richardson and Cane (2004) found a solar cycle variation of the frac-
tion of MC-ICMEs, i.e., ∼15 % at solar maximum but as high as almost 100 % at so-
lar minimum. MC-ICMEs are usually more geoeffective than other transient events. Zhang
et al. (2007) found that for those ICME-driven intensive geomagnetic storms, 43 % of the
storms are caused by MCs, and only 18 % of them are produced by NMC-ICMEs; the oth-
ers are related to ICME-driven shock sheaths (27 %) and shocks propagating into preceding
ICMEs (12 %). Gopalswamy et al. (2007) also found that MC-associated CMEs are faster
and wider on the average and originate within ±30 degree from the solar disk center.

The challenging question is whether or not a NMC-ICME is a flux rope, given that there
is a large fraction of NMC-ICMEs at 1 AU. We intend to address this issue through a careful
comparative study of MC-ICME and NMC-ICME events. If one assumes that all CMEs
borne on the Sun are a flux rope, there are several known factors that might cause the flux
rope to appear as a non-magnetic-cloud:

i) Geometric selection effect. This effect is caused by the one-point sampling of in-situ

observations, i.e., the appearance of an ICME is highly dependent on the sampling path
of the spacecraft through the ICME structure. This selection effect, as well as the con-
tributing deflection effect of flux ropes, will be addressed in detail in this paper (see the
Discussion section).

ii) Multiple CME-interaction effect (Gopalswamy et al., 2001; Wang et al., 2003), in which
the interaction possibly destroys the coherence of a flux rope.

We can safely exclude the self-evolution effect of a single flux rope, since it is unlikely
that a flux rope topology, while expanding in the interplanetary space, will alter and change
itself into some structures different from a flux rope. The interaction between flux rope and
the ambient solar wind will possibly compress the flux rope, the so-called pancake effect
(Riley and Crooker, 2004), but will not change the overall topology of helical field lines. In
this paper, we make a comparative study of two ICMEs, one MC and one NMC. The ICMEs
are such chosen so that we remove or limit all the known effects affecting the evolution
of flux ropes. Both events are isolated single CMEs, thus eliminating the effect of CME
interaction. Both progenitor CMEs originated close to the central meridian of the Sun, thus
limiting the difference of initial launching angles. Further, both CMEs were associated with
long-lasting post-eruption arcades and elliptic-shaped halo CMEs, suggesting a flux rope
origin.

The organization of the paper is as follows. Observations and event selection are given
in Section 2, the results of comparative analysis are presented in Section 3, and Section 4
provides discussion and conclusions.
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2. Observations and Event Selection

The two events studied in this paper are carefully chosen from a large set of 59 ICME events
from 1997 to 2006 whose solar progenitor CMEs and source regions are well defined. These
events are the database of two Coordinated Data Analysis Workshops (CDAW), one took
place in 2010 and the other in 2011, for the purpose of addressing the question discussed
in Section 1. The database of 59 events is available on-line at http://cdaw.gsfc.nasa.gov/

meetings/2010_fluxrope/. For each event, the database provides

i) the ICME information, including the arrival time of the shock, the start time and end
time of the ICME,

ii) the progenitor CME information near the Sun, including the CME onset time, the width,
average velocity and average acceleration, and

iii) CME source region information, including the heliographic coordinates of the source
surface region, the associated GOES soft X-ray flare onset time and magnitude.

Among the 59 events, only 25 events can be classified as MC CMEs.
One approach to address the all-flux-rope hypothesis is to make a comparative study of

two types of ICME event. A task group in the 2010 workshop was established to select
the two types of “well behaved” ICME. The criteria of “well behaved” ICMEs are many,
including having low proton temperature, low plasma density, high charge state, expansion
velocity profile, enhanced magnetic field, and large scale in duration and size. The only
difference between the two types is whether or not the magnetic field shows rotation. Further,
the two types are comparable in the properties of progenitor CMEs, i.e., they are all full
halo CMEs and comparable in velocities. The properties of their source surface regions
are also comparable, in particular, they all originated within 15◦ of central meridian. After
working through the database, the task group down selected the following four events as
“well behaved” NMC-ICMEs: 22 September 1999, 22 January 2004, 17 February 2005,
and 19 August 2006, which are events numbered as 13, 47, 52, and 59, respectively, in
the database. For comparison, the following four events were selected as “well behaved”
MC-ICMEs: 11 August 2000, 12 October 2000, 18 May 2002 and 24 July 2004, which are
numbered as 23, 26, 39, and 48, respectively, in the database.

In this paper, we choose one event from each type and carry out a detailed analysis on all
relevant properties of the events from the Sun to the Earth. The representative MC-ICME
occurred on 12 October 2000, while the representative NMC-ICME arrived at the Earth on
22 September 1999.

3. Comparative Analysis and Results

3.1. Properties of the MC Event

The event on 12 October 2000 is a typical MC-ICME. Figure 1 shows the in-situ solar wind
data obtained from the ACE spacecraft. The time-series data show two distinct periods, one
corresponding to the magnetic cloud (the period between two vertical blue lines), and the
other corresponding to the shock sheath region (the period between the vertical red line and
the vertical solid blue line). The arrival of the event at 1 AU was first signaled by the con-
spicuous shock at 21:42 UT on 12 October 2000, at which the solar wind velocity, density
and temperature as well as the magnetic field showed an abrupt jump in strength. These
elevated solar wind parameters continued for about 19 hours, forming the so-called shock



Interplanetary Coronal Mass Ejections 93

Figure 1 In-situ solar wind observations of the ICME event on 12 October 2000. The panels from top to
bottom show, respectively, (1) solar wind magnetic field total intensity, (2) magnetic field Bx component, (3)
magnetic field By component, (4) magnetic field Bz component, (5) solar wind plasma velocity, (6) plasma
density, (6) proton temperature (black) overlaid with the expected temperature (red), and (7) the derived
plasma β. The solar wind data are from the ACE spacecraft in GSE coordinates. The solid and dashed blue
vertical lines indicate the starting and ending times of the ICME, which in this case is a magnetic cloud. The
vertical red line indicates the arrival time of the ICME-driven shock.

sheath region. The sheath region ended at 16:20 UT on 13 October 2002, at which time the
magnetic cloud, or the CME ejecta started to appear. The onset of the MC was characterized
by an abrupt reduction of plasma temperature and density, thus the plasma β, likely caused
by the quasi-adiabatic expansion of the magnetic cloud. The magnetic cloud lasted for about
25 hours, ending at about 17:00 UT on 14 October 2000. During the whole period of the
magnetic cloud, the magnetic field clearly showed a smooth profile, in contrast to the fluc-
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tuating profile in the sheath region. In particular, the magnetic field showed a clear rotation
of its vector direction, as evident in the monotonic continuous change of its Z component
from the northward maximum to southward maximum. The duration of the magnetic cloud
is also well demarcated by the abnormal low temperature, relative to the expected temper-
ature which is empirically determined from the observed solar wind velocity but assuming
a normal solar wind condition (as shown in the red line profile in the temperature panel of
Figure 1) (Richardson and Cane, 1995).

The solar wind data within the period of the magnetic cloud can be well fitted by the
cylinder-shaped force-free flux rope model (Lepping, Jones, and Burlaga, 1990). One can
find a catalog of magnetic clouds and their fitting parameters on-line at http://wind.nasa.gov/

mfi/clouds/mag_cloud.html. The axis of the fitting flux rope has a direction of latitude −24◦

(pointing toward the South or negative Z along the Z direction; also called the inclination
angle) and longitude 140◦ (pointing toward the Earth or negative X along the X direction,
and toward the East or positive Y along the Y direction; also called the azimuthal angle)
in the GSE coordinates. This axial direction will be compared later with the orientations
available from various solar observations. The diameter of the flux rope is 0.21 AU, the
size of a typical magnetic cloud. The closest approach, defined as the ratio between the
spacecraft-axis distance and the radius of the flux rope, is about 17 %.

The orientation of the flux rope determined at 1 AU is largely consistent with the inferred
orientations from various remote-sensing observations (Figures 2 and 3). The four panels in
Figure 2 shows the progenitor CME (panel d) observed by the LASCO C2 coronagraph,
the surface source active region (panel c) observed by the SOHO MDI instrument and the
coronal source region by SOHO EIT (panel a and b). The white line in panel b shows the
axial orientation of the post-eruption loop arcade associated with the progenitor CME. The
accompanying C6.7 GOES X-ray flare located at the heliographic location of N01◦W14◦ is
indicated by the plus symbol. This accompanying flare had an onset time at 23:19 UT on
09 October 2000, which should be also the onset time of the CME (Zhang et al., 2001).
Thus, it took about 70 hours for the CME-driven shock to reach the Earth, and about 88
hours for the CME ejecta itself to arrive. The latitudinal orientation of the post-eruption
loop arcade is found to be 32◦, which is about 8◦ different from the value of 24◦ of the axial
orientation of the magnetic cloud. The difference is rather small, given the uncertainty of the
fitting of the magnetic cloud. The orientation of the post-eruption loop arcade aligns well
with the polarity inversion line of the magnetic field in the source active region as seen in
Figure 2(b). Thus, the orientation of the magnetic cloud is consistent with the orientation
of the erupted flux rope inferred from the post-eruption loop arcade and the source region
magnetic field.

We can also infer the orientation of the flux rope in the outer corona from coronagraph
observations. A halo CME usually has its leading front in all position angles forming an
oval shape, as shown by the plus symbols and the fitted elliptical shape in Figure 3. The
orientation of the major axis of the fitted ellipse likely indicates the axial orientation of the
underlying flux rope. We illustrate this point using the so-called cone model fitting and the
difference between the cone-projected ellipse and the observed ellipse. The geometric cone
model of CMEs assumes that a CME has an intrinsic cone shape, uniquely determined by
the following four parameters: longitude and latitude of the cone axis, angular width, and the
height of the cone (Zhao, Plunkett, and Liu, 2002; Xie, Ofman, and Lawrence, 2004). While
the cross section of the cone has a perfect circular shape, its projection onto the plane of the
sky has usually an elliptic shape when the axis of the cone is not oriented perfectly along
the line of sight. We fitted the observed ellipse (the black oval) with the four-parameter cone
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Figure 2 Solar remote-sensing observations of the source region and progenitor CME of the ICME event
on 12 October 2000. (a) A full disk SOHO EIT image showing the location of the source region (inside the
white square), (b) A zoom-in image of the white square area in panel (a), showing the post-eruption arcade
associated with the CME. The white line indicates the orientation of the arcade, while the cross symbol
indicates the location of the accompanying flare. (c) A SOHO MDI line-of-sight magnetogram image showing
the photospheric magnetic field structure of the CME source region. The white line is the same as in panel (b),
indicating that the orientation of the post-eruption arcade follows the polarity inversion line of the magnetic
field on the surface. (d) The progenitor halo CME observed by the SOHO LASCO C2 coronagraph.

model, and then projected the cone onto the plane of the sky using the fitting parameters.
The result of the cone projection is the ellipse shown in red color in Figure 3. Apparently,
the orientation of the major axis of the cone-projected ellipse is much different from that of
the observed ellipse; the two major axes are almost orthogonal to each other. We believe that
the difference is caused by the shape of the CME, which should be intrinsically an elongated
flux rope, instead of a circular cone. The axial orientation of the flux rope gives rise to the
major axis of the observed ellipse. It is found that the major axis of the ellipse has a tilt angle
of 34◦, which is very close to the inferred flux rope orientation based on the post-eruption
loop arcade (32◦).
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Figure 3 The geometric fitting
to the observed progenitor halo
CME of the ICME event on
12 October 2000. The black plus
symbols are visually selected to
outline the edge of the halo
CME, which is fitted into an
elliptic shape as indicated by the
black curve; the straight black
line indicates the major axis of
the fitted ellipse. The ellipse
shape in red line is the expected
CME shape assuming a circular
cone geometry of the CME, with
the red straight line indicating the
major axis of the ellipse.
Apparently, the observed shape
deviates from the circular cone
model, indicating a possible flux
rope structure of the CME.

We note that it is likely that the elliptical fitting is made on the shock front instead of
the CME flux rope itself. In white light coronagraph images, CME-driven shocks usually
appear as a diffuse front running ahead of the ejecta, which usually has a sharper contrast in
brightness (Vourlidas et al., 2003; Wood and Howard, 2009). Nevertheless, we believe that
the elongated shape of the shock front should be similar to that of the flux rope. The flux
rope is the underlying driver of the shock, thus any asymmetry in the geometry of the driver
will likely to show up in the appearance of the driven front. The shape of the shock may be
further deformed if there exists a nearby coronal hole, which allows the shock to propagate
faster inside the hole than in surrounding regions (Wood et al., 2012). For the event studied
here, the coronal hole effect does not seem to be important; the overall shape outlined is
fitted well with a smooth elliptical shape.

3.2. Properties of the NMC Event

While the event discussed above is a classical flux rope event that contains a magnetic cloud,
the event on 22 September 1999 is an interesting non-magnetic-cloud one. The latter event
shows very similar properties as for the earlier event in solar remote-sensing observations,
e.g., originating from close to the central meridian, post-eruption loop arcade and an elon-
gated halo CME, thus one can expect a magnetic cloud structure. However, the magnetic
cloud is not observed in the in-situ observations, leading to the question whether a flux rope
is present in this CME or not.

Figure 4 shows the in-situ solar wind data of the event. The in-situ signal of the event
started at 11:45 UT on 22 September 1999, at which a shock front (indicated by the verti-
cal red line) appeared with apparent jump in plasma temperature, density and velocity and
magnetic field intensity. The shock sheath lasted for about eight hours with elevated tem-
perature and magnetic field until 20:00 UT (indicated by the vertical solid blue line). After
20:00 UT, the solar wind plasma temperature became abnormally low, while the magnetic
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Figure 4 In-situ solar wind observations of the ICME event on 22 September 1999. The panels from top
to bottom show, respectively, (1) solar wind magnetic field total intensity, (2) magnetic field Bx compo-
nent, (3) magnetic field By component, (4) magnetic field Bz component, (5) solar wind plasma velocity,
(6) plasma density, (6) proton temperature (black) overlaid with the expected temperature (red), and (7) the
derived plasma β. The solar wind data are from the ACE spacecraft in GSE coordinates. The solid and dashed
blue vertical lines indicate the starting and ending times of the ICME, which in this case is not a magnetic
cloud. The vertical red line indicates the arrival time of the ICME-driven shock. The identified transient coro-
nal hole (TCH) following the ICME or ejecta (EJ) is characterized by a long period of weak magnetic field
and low plasma temperature and density.

field remained to be high until 08:40 UT on 23 September. This high-magnetic-field–low-
plasma-temperature period lasted for about 13 hours, apparently corresponding to an ICME
ejecta. However, this ICME ejecta did not appear as a magnetic cloud: there was no system-
atic rotation of the magnetic field direction. Further, the temporal profiles of the magnetic
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field are rather bumpy, not as smooth as that expected from a magnetic cloud. The relatively
short duration of the ejecta is also smaller than the typical size of a magnetic cloud.

Immediately following the period of the ejecta of strong magnetic field, there is a con-
spicuous long period of weak magnetic field, low temperature and low density that lasts for
at least 39 hours, until the ending time of the display at 00:00 UT on 25 September 1999.
The property of the solar wind during this period is much different from any usual tran-
sients. Neither does it correspond to a shock sheath nor ICME ejecta, since these structures
usually contain a strong magnetic field. It cannot be the rear part of a corotating interaction
region (CIR), albeit of weak magnetic field and low density; a typical CIR, which is be-
lieved to originate from a long-lasting low-latitude coronal hole, usually has a high plasma
temperature.

What could be the solar origin of this unusual solar wind structure? We argue that it orig-
inates from a transient coronal hole (TCH) that has been forming at the footpoints of the
magnetic flux rope contained in the progenitor CME. The coronal hole origin naturally ex-
plains the observed property of low plasma density and relatively weak magnetic field due to
strong over-expansion of magnetic field lines, as in a usual long-lasting coronal hole. On the
other hand, the low plasma temperature might be a hallmark property of a transient coronal
hole, in which the ongoing cooling effect caused by the flux rope expansion still dominates
the usual heating mechanism occurring in a coronal hole. Nevertheless, this argument is
highly speculative, and further theoretical consideration is needed.

The existence of TCH explains why this particular ICME lacks a magnetic cloud: the
in-situ spacecraft intercepted the leg of the flux rope instead of the nose. It is highly possible
that one of the flux rope legs aligned well along the Sun–Earth line, giving rise to the long-
lasting structure of weak magnetic field and low plasma temperature and density.

Since the ejecta and the TCH structures aforementioned do not appear as a magnetic
cloud, we cannot fit these structures using the usual force-free flux rope model. Instead, we
assume that, as a first order approximation, the structure is a simple untwisted flux tube, i.e.,
all magnetic field lines have the same direction in the 3D space. This approximation is still
valid even though the flux tube is weakly twisted. With this assumption, we can find that the
overall direction of the ejecta has an inclination angle of −14◦ and azimuthal angle of 326◦

in the GSE coordinates. On the other hand, the TCH has an inclination angle of 13◦ and
azimuthal angle of 306◦. Therefore, the two structures have a very similar azimuthal angle
on the equatorial plane. The inclination angles differ by about 27◦, which is not surprising
considering the uncertainty introduced by the averaging method.

The solar remote-sensing observations of this event support its flux rope origin (Figure 5).
The progenitor CME originated from a decayed active region (panel c) located near the
central meridian at W00◦S23◦. There appeared a large post-eruption arcade in EIT images
(panels a and b). The CME was also associated with a filament eruption and a long-duration
C2.8 GOES X-ray flare. The eruption produced a halo CME as seen in LASCO images
(panel d). The axial orientation of the post-eruption arcade has a tilt angle with respect to
the East–West direction of 31◦ as shown in panel b. This tilt angle is consistent with the
polarity inversion line of the magnetic source region on the photospheric surface (panel c).
The existence of an apparent post-eruption arcade indicates that this is an eruptive event, and
the resulting CME might contain a magnetic flux rope. The axial orientation of the resulting
flux rope shall follow the axis of the arcade, if the flux rope axis has not rotated during the
eruption. By fitting the CME with an ellipse and further with the cone model (Figure 6), it is
shown that the flux rope has a tilt angle of 10◦. The difference indicates that the CME flux
rope has probably rotated to have its axis more aligned with the equator than the original tilt
angle at the source region. The tilt angle of the CME is highly consistent with the inclination
angle of the corresponding ICME ejecta derived from in-situ observations.
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Figure 5 Solar remote-sensing observations of the source region and progenitor CME of the ICME event on
22 September 1999. (a) A full disk SOHO EIT image showing the location of the source region (inside the
white square), (b) A zoom-in image of the white square area in panel (a), showing the post-eruption arcade
associated with the CME. The white line indicates the orientation of the arcade, while the cross symbol
indicates the location of the accompanying flare. (c) A SOHO MDI line-of-sight magnetogram image showing
the photospheric magnetic field structure of the CME source region. The white line is the same as in panel (b),
indicating that the orientation of the post-eruption arcade follows the polarity inversion line of the magnetic
field on the surface. (d) The progenitor halo CME observed by the SOHO LASCO C2 coronagraph.

4. Discussions and Conclusion

To facilitate the discussion of the results presented above, we put together all relevant pa-
rameters of the two CME-ICME events in Table 1. The first six rows outline the timings of
the Sun–Earth event chain: flare onset time, CME first-appearance time in LASCO/C2 coro-
nagraphs, ICME-driven shock arrival time, ICME arrival time, ICME ending time, and the
transient coronal hole ending time (only for the second event). The next two rows indicate
the strength of the CMEs and flares, respectively. The next five rows show the geometric
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Figure 6 The geometric fitting
to the observed progenitor halo
CME of the ICME event on
22 September 1999. The black
plus symbols are visually
selected to outline the edge of the
halo CME, which is fitted into an
elliptic shape as indicated by the
black curve; the straight black
line indicates the major axis of
the fitted ellipse. The ellipse
shape in red line is the expected
CME shape assuming a circular
cone geometry of the CME, with
the red straight line indicating the
major axis of the ellipse.
Apparently, the observed shape
deviates from the circular cone
model, indicating a possible flux
rope structure of the CME.

parameters of the CMEs close to the Sun from remote-sensing observations, while the re-
maining four rows indicate the geometric parameters at 1 AU from in-situ observations.

Apparently, both CMEs originated from a region close to the central meridian. They also
had similar appearance in coronal images with a straight post-eruption arcade and in corona-
graph images with an elongated full halo shape. These similar features strongly indicate that
both CMEs shall have the same magnetic structure as in their origin, very likely a magnetic
flux rope. However, they differed strongly in their appearance in the near-Earth space: the
first CME is a magnetic cloud, while the second is apparently not.

The question that arises from these comparative observations is why the second CME
does not contain a magnetic cloud structure at 1 AU. Our answer to this question is because
of the geometric selection effect at 1 AU, i.e., the in-situ spacecraft intercepted the flank
of the flux rope instead of near the nose for the second event. The conclusion of a flank
interception is supported by the observation that the extended leg of the flux rope passed
the near-Earth space, appearing as a TCH characterized by a long-period of weak magnetic
field and low plasma temperature and density.

The cause of such a geometric effect for the central meridian CME is a non-radial prop-
agation of the flux rope near the Sun and in the interplanetary space. One would expect
that the central-meridian-originated CME should have the bulk of the flux rope or the nose
pass the Earth, assuming a simple radial propagation. However, a non-radial propagation
of CME is possible, depending on the magnetic field configuration in the low plasma β

regime near the Sun and the relative CME-solar-wind velocity in the high plasma β regime
in the interplanetary space. In the regions near the Sun, coronagraph observations have
shown well that CMEs usually experience a latitudinal deflection, e.g., deflected mostly from
high latitude sources toward the low latitudes or equators, especially during the solar min-
imum (Schwenn, 2000; Gopalswamy et al., 2003; Cremades, Bothmer, and Tripathi, 2006;
Wang et al., 2011). The non-radial longitudinal deflection, while being difficult to be
directly observed in coronagraph images due to the plane-of-sky projection effect, has
been inferred from comparing remote-sensing and in-situ observations. Such observa-
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Table 1 Properties of the CME events with and without magnetic cloud.

Event MC NMC

Time Flare Onset (UT) 2000/10/09 23:19 1999/09/20 05:46

Time CME (UT)a 2000/10/09 23:50 1999/09/20 06:06

Time Shock Arrival (UT) 2000/10/12 12:42 1999/09/22 11:45

Time ICME Arrival (UT) 2000/10/13 16:20 1999/09/22 20:00

Time ICME Ending (UT) 2000/10/14 17:00 1999/09/23 08:40

Time TCH Ending (UT)b NA 1999/09/25 00:00

Speed of CME (km s−1) 798 604

Magnitude of Flare C6.7 C2.8

Surface Location of Flare W14◦N01◦ E00◦S23◦

Direction of CME W27◦N27◦ E24◦S07◦

Half Cone Angle of CME 65◦ 77◦

INC of Eruption Arcadec 32◦ 31◦

INC of CME Major Axisc 34◦ 10◦

INC of ICME Axisd −24◦ −14◦

INC of TCH Axisd NA 13 ◦

AZI of ICME Axise 140◦ 326◦

AZI of TCH Axise NA 306◦

aThe time of the CME first appearance in LASCO C2 FOV.

bApproximate ending time of transient coronal hole, only for the NMC event.
cInclination angle with respect to the heliospheric equator.

dInclination angle with respect to the ecliptic plane as in the GSE coordinates. The angular difference between
the heliospheric equator and the ecliptic plane is ignored in this study.
eAzimuthal angle in the GSE coordinates. Zero degree is toward the Sun, 90 degree is to the East.

tions include the apparent East–West asymmetry of solar sources of intense geomag-
netic storms with more events originated in the western hemisphere (Wang et al., 2002;
Zhang et al., 2003) and a similar asymmetry of the sources of magnetic clouds (Gopal-
swamy et al., 2007). The longitudinal deflection can also be inferred from how individual
CMEs with different source longitudes either encounter or miss the Earth (Wang et al.,
2006), and in particular, the identification of the unexpected “driverless” shocks at 1 AU
with their solar sources close to the central meridian (Gopalswamy et al., 2009). Direct evi-
dence of longitudinal deflection was recently made possible from the measurement of the 3D
trajectory of CMEs based on the twin STEREO spacecraft observations (Gui et al., 2011).
The research work discussed above indicates that a CME could be deflected either along the
latitudinal direction or longitudinal direction.

Theoretically, a CME’s trajectory can be influenced by the ambient magnetic field in
the corona where a CME has to push through. It is well known that the inner corona,
e.g., <∼3 solar radii, is in the regime of low plasma β, i.e., the magnetic force dom-
inates plasma pressure force and other forces, and as a result, the magnetic field lines
rooted in the photosphere are highly non-radial in the inner corona until they reach the
heights where the momentum of solar wind flow starts to dominate the magnetic force.
Thus, it is expected that in the inner corona the trajectory of the rising motion of the
flux rope should be at least partially guided by the non-radial orientation of the ambient
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magnetic field. It has been recognized that such magnetic deflection effect is mainly at-
tributed to coronal holes (Cremades, Bothmer, and Tripathi, 2006; Gopalswamy et al., 2009;
Mohamed et al., 2012), whose magnetic field is highly non-radial and also comparable in
size to that of flux ropes. This kind of deflection has been empirically quantified by the
so-called coronal hole influence parameter (CHIP), whose magnitude for each coronal hole
depends on the distance between the coronal hole centroid and the eruption area, the coronal
hole area and the average magnetic field at the photospheric level (Gopalswamy et al., 2009;
Mohamed et al., 2012). Recently, Shen et al. (2011) proposed a more general parameter, the
magnetic energy density parameter that includes the contributions from all fields instead of
only that from coronal holes; in this model, the flux rope is deflected toward the region of
minimum coronal magnetic energy density.

Far from the inner corona, STEREO observations have also provided evidence that a
CME may deflect or deviate from the radial direction in the interplanetary space (Lugaz
et al., 2010). The deflection is probably caused by the Parker spiral magnetic field embed-
ded in the radially flowing solar wind (Wang et al., 2004). A CME traveling faster than the
ambient solar wind is expected to deflect toward the East, due to the piling-up of the in-
terplanetary magnetic field in front of the CME; Such enhanced magnetic field has a force
component pointing toward the East along the transverse direction. On the other hand, a
slow CME is expected to be deflected toward the West. Nevertheless, since the magnetic
field in the interplanetary space is weak and the plasma is in the regime of high β, the rate
of deflection in the interplanetary space should be smaller than that in the inner corona.

In summary, we have studied two carefully chosen CME events, both of which originated
close to the central meridian and showed similar properties near the Sun in remote-sensing
observations. We argue that the difference in the in-situ observations, i.e., a magnetic cloud
appearing in the first event but not in the second event, is caused by the geometric selection
effect. The first event had its nose pass through the observing spacecraft, thus the intrinsic
flux rope structure of the CME appeared as a magnetic cloud. On the other hand, the second
event had the flank of the flux rope intercept the spacecraft, thus did not appear as a magnetic
cloud. We further argue that a conspicuous long period of weak magnetic field, low plasma
temperature and density in the second event should correspond to the extended leg portion
of the embedded magnetic flux rope in the interplanetary space, thus validating the scenario
of flank-passing. These observations support the idea that all CMEs arriving at the Earth
include flux ropes.
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Abstract We have investigated the characteristics of magnetic cloud (MC) and ejecta (EJ)
associated coronal mass ejections (CMEs) based on the assumption that all CMEs have a flux
rope structure. For this, we used 54 CMEs and their interplanetary counterparts (interplane-
tary CMEs: ICMEs) that constitute the list of events used by the NASA/LWS Coordinated
Data Analysis Workshop (CDAW) on CME flux ropes. We considered the location, angular
width, and speed as well as the direction parameter, D. The direction parameter quantifies
the degree of asymmetry of the CME shape in coronagraph images, and shows how closely
the CME propagation is directed to Earth. For the 54 CDAW events, we found the follow-
ing properties of the CMEs: i) the average value of D for the 23 MCs (0.62) is larger than
that for the 31 EJs (0.49), which indicates that the MC-associated CMEs propagate more
directly toward the Earth than the EJ-associated CMEs; ii) comparison between the direc-
tion parameter and the source location shows that the majority of the MC-associated CMEs
are ejected along the radial direction, while many of the EJ-associated CMEs are ejected
non-radially; iii) the mean speed of MC-associated CMEs (946 km s−1) is faster than that
of EJ-associated CMEs (771 km s−1). For seven very fast CMEs (≥1500 km s−1), all CMEs
with large D (≥ 0.4) are associated with MCs and the CMEs with small D are associated
with EJs. From the statistical analysis of CME parameters, we found the superiority of the
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direction parameter. Based on these results, we suggest that the CME trajectory essentially
determines the observed ICME structure.

Keywords Coronal mass ejections, ejecta · Interplanetary coronal mass ejections,
magnetic clouds

1. Introduction

Coronal mass ejections (CMEs) are extremely dynamical events in which closed coronal
magnetic field lines are ejected into the interplanetary (IP) space from the Sun (Hundhausen,
1993). When they arrive at the Earth, they are detected as interplanetary CMEs (ICMEs). Ac-
cording to Burlaga et al. (1981), ICMEs are classified into two types: magnetic cloud (MC)
and ejecta (EJ). An MC is an extension of magnetic flux rope into IP space and defined by
above-average magnetic field magnitude, low variance with smooth rotating magnetic field,
low plasma beta (ratio of thermal to magnetic pressure), unusual alpha/proton density ra-
tio, and low ion temperature. An MC is a well-structured ICME and about 30 % of ICMEs
are MCs (Gosling, 1990). Often, however, identification of an MC can be ambiguous be-
cause these characteristics are presented in the literature in various combinations. When the
smoothly rotating magnetic field signature is not observed, we refer to the ICME as an EJ
(Burlaga et al., 2001).

To understand the ICME structures, several authors have examined the evolution of
CME’s flux rope structures (Nakwacki et al., 2011; Howard and DeForest, 2012). Numer-
ical simulations show that a flux rope expanding from the solar surface will evolve into an
MC with all required plasma characteristics (Roussev et al., 2003; Manchester et al., 2004;
Thompson, Kliem, and Török, 2012). According to Gosling (1990), some ICMEs consist of
untwisted loops and hence do not show any MC structures. Jacobs et al. (2009) successfully
simulated a CME with typical characteristics of an MC, but without an underlying helical
flux rope structure. On the other hand, Gopalswamy (2006) suggested that all ICMEs have a
magnetic flux rope structure, but the passing direction of the spacecraft decides the appear-
ance of ICME as shown in Figure 1. He explained that we can observe an MC only when the
observer’s trajectory goes through the nose of the magnetic cloud (tracks 3 and 6). In this
case, the azimuthal field changes sign at the axis and the magnitude of the azimuthal compo-
nent also changes, peaking at the axis and falling off on either side. If the spacecraft passes
along tracks 4 or 5, the magnetic field will not change and the ICME will be observed as
an EJ. It is not clear whether MCs and EJs have intrinsically different structures (flux rope,
non-flux rope) or the observed structure is due to different propagation directions. We can-
not exclude the possibility of ejected flux ropes being distorted or shredded on their journey
from the Sun to the Earth.

Regarding this issue, we are motivated by the proposal of Gopalswamy (2006) that the
propagation direction of the CME could be the key to understanding the difference between
the two types of ICME. The propagation of CMEs toward the Earth can be investigated using
the solar source location and the direction parameter (D) of CMEs. The direction parameter
quantifies the degree of asymmetry of the CME shape and shows how closely the CME
propagation is directed toward Earth (Moon et al., 2005; Kim et al., 2008). This parameter
can be determined directly from coronagraph observations and is applicable to most of the
halo CMEs. Note that D is very useful to determine the propagation direction especially
for CMEs that are not ejected radially from the source region. In addition, CMEs might
experience a distortion of their flux rope structure due to interaction with the background
solar wind (Odstrcil and Pizzo, 1999). We expect that the speed of CME could be another
important parameter to classify the structure of ICME.
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Figure 1 Six possible tracks of an observing spacecraft through an MC with a leading shock (left) and
another without (right). Tracks 1 and 2 never encounter the MC proper. Track 3 passes through the nose of
the MC. Trajectory 4 passes through the shock, sheath, and through the edge of the MC. Tracks 5 and 6
are similar to 4 and 3, respectively, except that the MC is slow and hence it does not drive a shock. Only
trajectories 3 and 6 are expected to observe an MC structure (Gopalswamy, 2006).

In this study, we examined the location, angular width, speed, and the direction parameter
of the 54 CDAW events to inspect the different characteristics of MC- and EJ-associated
CMEs. We explain our data in Section 2 and present the results in Section 3. Our summary
and discussion are given in Section 4.

2. Data

To examine the different characteristics of the CMEs, we used the CDAW list developed for
the NASA/LWS Coordinated Data Analysis Workshop (CDAW) on CME flux ropes.1 The
CDAW list contains shock-driving ICMEs during Solar Cycle 23 whose source longitude (l)
are located in between E15° and W15°. The list gives us detailed information of the CMEs,
which are considered as the sources of ICMEs, and the associated flares. Among the 54
ICMEs, 23 events are classified as MCs (43 %) and 31 events are EJs (57 %). Details of
their classification can be found in Gopalswamy et al. (2010). From the CDAW list, we used
the properties of CMEs, such as the onset date and time, angular width, linear speed, and
the location of flare or eruptive prominence for each ICME event.

Adopting the method from Kim et al. (2008), we measured the direction parameters, D,
for 54 CMEs using the running difference images of the LASCO. For this, we first plotted
an ellipse to follow the CME front (see Figure 1 in Kim et al., 2008), and then we drew a
line that passes through the centers of both the Sun and the ellipse. The ratio of the shorter
to longer distance of the CME front from the solar center along this line is the direction
parameter. D is always between 0 and 1, and a larger D indicates a closer orientation toward
the Earth. In Table 1, the first three columns are ICME data and the next four columns are
related CME data including the direction parameter. The last column is the location of flare
or eruptive prominence associated with the ICMEs on the solar surface.

The Large Angle and Spectrometric Coronagraph (LASCO: Brueckner et al., 1995) on
board the Solar and Heliospheric Observatory (SOHO) mission has revealed the various

1http://cdaw.gsfc.nasa.gov/meetings/2010_fluxrope/LWS_CDAW2010_ICMEtbl.html.
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Table 1 List of shock-driving ICMEs during Solar Cycle 23 (E15° ≤ l ≤ W15°).

CDAW
#

ICME CME Solar
source
locationType Start date/time Onset date/time Angular width

(°)
Speed
(km s−1)

D

1 MC 1997/01/10 05:18 01/06 15:10 360 136 0.78 S18E06

2 MC 1997/05/15 09:06 05/12 05:30 360 464 0.78 N21W08

3 EJ 1997/12/11 03:45 12/06 10:27 223 397 0.14 N45W10

4 EJ 1998/05/03 19:00 05/01 23:40 360 585 0.77 S18W05

5 EJ 1998/05/04 10:00 05/02 14:06 360 938 0.58 S15W15

7 EJ 1998/11/07 22:00 11/04 07:54 360 523 0.25 N17W01

8 EJ 1998/11/13 04:30 11/09 18:18 190 325 0.38 N15W05

9 MC 1999/04/16 20:18 04/13 03:30 261 291 0.79 N16E00

10 EJ 1999/06/27 21:30 06/24 13:31 360 975 0.48 N29W13

13 EJ 1999/09/22 21:00 09/20 06:06 360 604 0.95 S20W05

14 EJ 1999/10/21 18:30 10/18 00:06 240 144 0.41 S30E15

15 EJ 2000/01/22 18:00 01/18 17:54 360 739 0.58 S19E11

16 MC 2000/02/21 09:48 02/17 21:30 360 728 0.74 S29E07

17 EJ 2000/07/11 01:30 07/07 10:26 360 453 0.80 N04E00

18 EJ 2000/07/11 22:48 07/08 23:50 161 483 0.13 N18W12

19 MC 2000/07/15 21:06 07/14 10:54 360 1674 0.71 N22W07

20 EJ 2000/07/27 08:28 07/23 05:30 181 631 0.83 S13W05

21 MC 2000/07/28 21:06 07/25 03:30 360 528 0.69 N06W08

23 MC 2000/08/12 06:06 08/09 16:30 360 702 0.73 N20E12

24 MC 2000/09/18 01:54 09/16 05:18 360 1215 0.46 N14W07

25 EJ 2000/10/05 13:13 10/02 03:50 360 525 0.74 S09E07

26 MC 2000/10/13 18:24 10/09 23:50 360 798 0.49 N01W14

27 MC 2000/11/06 23:06 11/03 18:26 360 291 0.79 N02W02

28 EJ 2000/11/27 05:00 11/24 05:30 360 1289 0.57 N20W05

29 EJ 2001/03/04 04:00 02/28 14:50 232 313 0.43 S17W05

30 EJ 2001/03/22 22:30 03/19 05:26 360 389 0.79 S20W00

31 EJ 2001/04/11 22:30 04/09 15:54 360 1192 0.69 S21W04

32 MC 2001/04/12 07:54 04/10 05:30 360 2411 0.49 S23W09

33 MC 2001/04/29 01:54 04/26 12:30 360 1006 0.30 N20W05

34 EJ 2001/08/13 07:00 08/09 10:30 175 479 0.33 N11W14

35 EJ 2001/10/12 03:30 10/09 11:30 360 973 0.53 S28E08

36 MC 2002/03/19 22:54 03/15 23:06 360 957 0.61 S08W03

37 MC 2002/04/18 04:18 04/15 03:50 360 720 0.86 S15W01

38 EJ 2002/05/11 13:00 05/08 13:50 360 614 0.67 S12W07

39 MC 2002/05/19 03:54 05/16 00:50 360 600 0.41 S23E15

40 EJ 2002/05/20 11:00 05/17 01:27 45 461 0.19 S20E14

41 EJ 2002/05/30 07:09 05/27 13:27 161 1106 0.12 N22E15

42 EJ 2002/07/18 12:00 07/15 21:30 188 1300 0.39 N19W01

43 MC 2002/08/01 11:54 07/29 12:07 161 222 0.75 S10W10

44 MC 2003/08/18 11:36 08/14 20:06 360 378 0.44 S10E02

45 MC 2003/10/29 08:00 10/28 11:30 360 2459 0.94 S16E08
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Table 1 (Continued)

CDAW
#

ICME CME Solar
source
locationType Start date/time Onset date/time Angular width

(°)
Speed
(km s−1)

D

46 MC 2003/10/31 02:00 10/29 20:54 360 2029 0.83 S15W02

47 EJ 2004/01/22 08:00 01/20 00:06 360 965 0.76 S13W09

48 MC 2004/07/24 12:48 07/22 08:30 132 899 0.01 N04E10

49 MC 2004/11/09 20:54 11/06 02:06 214 1111 0.72 N09E05

50 EJ 2004/12/12 12:00 12/08 20:26 360 611 0.73 N05W03

51 EJ 2005/01/16 14:00 01/15 06:30 360 2049 0.07 N16E04

52 EJ 2005/02/18 15:00 02/13 11:06 151 584 0.13 S11E09

53 MC 2005/05/15 05:42 05/13 17:12 360 1689 0.79 N12E11

54 MC 2005/05/20 07:18 05/17 03:26 273 449 0.21 S15W00

56 EJ 2005/07/10 10:30 07/07 17:06 360 683 0.16 N09E03

57 EJ 2005/09/02 19:03 08/31 11:30 360 825 0.69 N13W13

58 EJ 2005/09/15 14:24 09/13 20:00 360 1866 0.31 S09E10

59 EJ 2006/08/20 00:00 08/16 16:30 360 888 0.44 S16W08

shapes of CMEs as shown in Figure 2(a) and (c). The CME observed on 28 October 2003
(CDAW #45) was associated with a strong X-ray flare (X17.2) at S16E08, and observed as
a symmetric halo with a speed of 2456 km s−1 (Gopalswamy et al., 2005; see Figure 2(a)).
This CME was detected as an MC when it arrived at the Earth on 29 October 2003 as
shown in Figure 2(b). The figure shows a smoothly rotating and increasing magnetic field,
which is an indicator of MC. Another CME observed on 15 January 2005 (CDAW #51) was
associated with an M8.6 class flare from N16E04 as shown in Figure 2(c). It was also a halo
event with high speed (2049 km s−1) from the solar center. In this case, the CME turned into
an EJ when observed by in-situ spacecraft on 16 January 2005 (Figure 2(d)). As shown in
the figure, there was no distinct rotation of magnetic field and the strength remained less
than 10 nT during the passage of the EJ. The direction parameters for these two events were
compiled as 0.94 (28 October 2003) and 0.07 (15 January 2005). The northward bias of the
latter event resulted in a smaller D.

3. Results

3.1. Source Location and Angular Width

Since we have already selected only the CMEs with source regions close to the solar center,
it is clear that both MCs and EJs originate near the central meridian as listed in Table 1.
The distribution of source locations for the 54 CMEs in Figure 3(a) shows that the mean
longitude (|l|) for the 23 MCs is 6.6°, which is similar to that for 31 EJs (7.6°). As shown in
the figure, there is no significant difference between the source locations for MCs and EJs.
The p value of the T test for two groups of MC and EJ is 0.199, which is much higher than
the significance level (0.05).

The distribution of angular widths of the CMEs in Figure 3(b) shows that a large portion
(38/54, 70 %) of the 54 CMEs are full halos (AW = 360°) with the mean angular width
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Figure 2 LASCO C2 running difference images for the CMEs on 28 October 2003 (a) and on 15 January
2005 (c). (b) and (d) show the time profiles of magnetic field intensity, Bx , By , Bz components in geocentric
solar ecliptic (GSE) coordinates, and the solar wind bulk velocity observed by the Solar Wind Electron,

Proton, and Alpha Monitor (SWEPAM) on board the Advanced Composition Explorer (ACE; Gloeckler
et al., 1998). We also use the data from the Solar Wind Ion Composition Spectrometer (SWICS) on board the
ACE when the SWEPAM does not give solar wind parameters because the speed is too high, as represented
by dotted line (b). The start time of IP shock and the boundaries of ICME are denoted by vertical dashed
(shock) and solid lines (ICME).

Figure 3 Distribution of the source region locations (a) and the angular width (b) of MC and EJ events.
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Figure 4 The relationship
between the direction cosine of
the CME source location and the
direction parameter. The filled
and empty circles represent MCs
and EJs, respectively.

of 309°. Among the halos, there are 18 MC-associated CMEs and 20 EJ-associated CMEs.
Among the 16 non-halo CMEs, five events are MC-associated CMEs and 11 events are EJ-
associated CMEs. The mean angular widths for MC and EJ are 327° and 295°, respectively.
We found that there is no big difference between them in the angular width distribution
because the majority of CMEs in the two groups are full halo events.

3.2. Direction Parameter

The source locations of the two events in Figure 2 have similar distances from the solar
center (S16E08 and N16E04), but they show different ICME structures; one is detected as
an MC and the other an EJ. This is a typical example showing a possibility that even though
all events occurred near the solar center, their propagation directions might be different,
leading to different ICME structures at 1 AU. Thus, we inspected the propagation direction
using D for all the events in the CDAW list. Recall that the 28 October 2003 CME has a
large D (0.94), but the one on 15 January 2005 has a small D (0.07).

To verify the hypothesis that the propagation directions of CMEs might be different even
though they originate from the vicinity of the central median on the Sun, we examined the
relation between the source locations and the propagation directions for 54 CDAW events,
supposing that CMEs propagate radially. In Figure 4, we compare D with the direction
cosine, cos θ , where θ is the angular distance of the source region from the solar center. The
direction cosine is between 0 to 1 and it should be 1 when the source location is exactly
at the solar center. For the 54 CDAW events, we found that cos θ occupies a narrow range
(0.8 – 1) except for one event as shown in the figure (mean = 0.94), while D is randomly
scattered over the entire range (mean = 0.54). If all CMEs are ejected radially, these two
values should be similar for each event. In this case, the events should fall near the dotted
line in the figure, but the distribution in the figure deviates significantly from the dotted line.
This result shows that many of the CMEs are not ejected along the radial direction and their
noses may not reach the Earth even though they are ejected from the vicinity of the center
of the solar disk.

We also examined the dependence of D on the ICME type: MC and EJ. The average D

values for 23 MCs and 31 EJs are 0.62 and 0.49, respectively. These values are relatively
high, since the CDAW events are from the disk center. However, EJ’s D value is only slightly
higher (+0.06) than the average D for the 486 halo CMEs (D = 0.43; Kim et al., 2008), in
spite of the data set from the disk center. Please note that MC’s D value is almost 1.5 times
of that for entire sample of halo CMEs. Figure 5(a) and (b) show that Ds for MC-associated
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Figure 5 The distributions of the direction parameter for MC and EJ events (a and b) and the amount of
deflection of MC and EJ events (c and d).

CMEs follow a Gaussian distribution with the median value of 0.72, while those of EJ-
associated CMEs are evenly spread (median = 0.48). The p value of the T test between the
two groups is 0.048 (< 0.05), which means that the difference is statistically significant.

We also examined the difference between cos θ and D (| cos θ − D|) for each event as
shown in Figure 5(c) and (d). This value can be regarded as a proxy of the CME deflection
from the radial direction. We found that the majority of MC-associated CMEs are not de-
flected much with peak difference between 0 and 0.2 as shown in Figure 5(c). On the other
hand, many of EJs show some deflection with peak value between 0.2 and 0.4 in Figure 5(d).
This result suggests a tendency in our dataset that EJs either erupt non-radially or experience
more deflection than MCs.

3.3. CME Speed

The association between the CMEs and MCs can be explained by the direction parameter,
but the association between the CMEs and EJs is difficult to explain with the direction
parameter as shown in Figure 5(a) and (b). To inspect other effects on the EJ-associated
CMEs, we considered the linear speed of CMEs and examined the combined effect of the
speed and direction parameter. In Figure 6(a) and (b), we can see a tendency that slow
CMEs are more likely to be associated with EJs. Of the 31 EJ-associated CMEs, 25 have
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Figure 6 Associated CME speed for MCs (a) and EJs (b), and the distribution of MCs (c) and EJs (d) as a
function of the speed and the direction parameter. The horizontal dotted lines indicate V = 1500 km s−1 and
the vertical dotted lines indicate D = 0.4.

lower speeds than 1000 km s−1 (81 %), while the 23 MC-associated CMEs do not show any
strong dependences as the EJs-associated CMEs do. The mean speed for the CDAW events
is 846 km s−1 and those for MC- and EJ-associated CMEs are 946 km s−1 and 771 km s−1,
respectively.

Although the difference in mean speed is not statistically significant (p value = 0.253),
we can find a combined effect of speed and direction parameter as shown in Figure 6(c) and
(d). The majority of the MCs are located beneath the increasing diagonal line (increasing
speed with D) and a large portion of the EJs are located beneath the decreasing diagonal line
(decreasing speed with D) as shown in the gray portions of Figure 6(c) and (d), respectively.
This result implies that, for the faster CME, D is more important to classify the ICME. This
becomes clearer in the case of seven very fast CMEs (≥ 1500 km s−1), since all large-D
events (≥ 0.4) are MCs, and all small-D events are EJs.

Contrary to our result, Gopalswamy et al. (2010) reported that the MC-associated CMEs
have lower speeds than EJ-associated CMEs using 222 IP shock–CME pairs. They explained
that the difference in CME speeds stem from the fact that the MC-associated CMEs mostly
originate close to the disk center, and the EJ-associated CMEs originate at intermediate
central meridian distances. Then MC-associated CMEs are more subject to projection effects
than EJ-associated CMEs. However, since our data set is selected from the central events,
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Table 2 Definition of verification statistics.

Observed MC Observed EJ Total

Predicted MC hit (a) false (b) a + b

Predicted EJ miss (c) null (d) c + d

Total a + c b + d a + b + c + d

Probability of detection, yes (PODy) a/(a + c)

Probability of detection, no (PODn) d/(b + d)

Critical success index (CSI) a/(a + b + c)

Table 3 Three contingency tables with criteria of the average values of 486 halo CMEs (Kim et al., 2008).

CME parameters PODy PODn CSI χ2 (p value)

cos θ = 0.7 MC EJ Total

Inner 23 30 53 1.00 0.03 0.43 0.76 (0.385)

Outer 0 1 1

Total 23 31 54

D = 0.4 MC EJ Total

Large D 20 19 39 0.87 0.39 0.48 4.34 (0.037)

Small D 3 12 15

Total 23 31 54

V = 800 km s−1 MC EJ Total

Fast 10 12 22 0.43 0.61 0.29 0.12 (0.724)

Slow 13 19 32

Total 23 31 54

even the EJ-associated CMEs cannot avoid the projection effects. Therefore, our result is in
line with the result of Gopalswamy et al. (2010).

3.4. Statistical Significance

To evaluate the capability of ICME classification using the CME parameters, we adopted
a contingency table that has been widely used in the meteorological forecasting literature.
Table 2 is a general form of the contingency table, which provides us with the information
of the success or failure (or degree thereof) of the forecasting experience in real time (Smith
et al., 2000). In this table, the ‘hit’ means correctly predicted for an MC. The ‘false’ means
predicted for an MC, but observed as an EJ. Similarly, the ‘miss’ is predicted for an EJ,
but observed as an MC, and the ‘null’ is correctly predicted for an EJ. The statistics, such
as the probability of detection ‘yes’ (PODy) and the critical success index (CSI), may then
be computed as shown in the table. CSI ranges from 0 to 1, with a value of 1 indicating a
perfect forecast.

Table 3 shows three 2 × 2 contingency tables based on the CME location, direction pa-
rameter, and speed. As the criteria for parameters, we applied 0.7 for cos θ , 0.4 for D, and
800 km s−1 for speed based on the average values of the 486 general halo CMEs (Kim et al.,
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2008). If an event has larger value than each criterion, we expect the ICME as an MC, other-
wise as an EJ. Since the data set already selected the events from the central meridian, almost
all CMEs are so biased inner events that we cannot discern MC or EJ using their location as
shown in the first contingency table. In this case, PODy, PODn, and CSI are estimated to be
1.00, 0.03, and 0.43, respectively. Similarly, it also seems hard to classify CME into MC or
EJ using only the speed of CME. The events are evenly distributed in each cell as shown in
the third contingency table. PODy, PODn, and CSI are estimated to be 0.43, 0.61, and 0.29,
respectively. The p values from χ2 test of the directional cosine and the speed are 0.385 and
0.724, respectively. These values are too high to have any significance on the classification
of the ICME. In contrast, the direction parameter can provide reliable classification with suf-
ficient statistical significance (p value = 0.037). As shown in the second contingency table,
its PODy, PODn, and CSI are estimated to be 0.87, 0.39, and 0.48, respectively.

4. Summary and Discussion

We examined the CME parameters to check whether all the CMEs have flux rope structure
using the 54 CME–ICME pairs compiled for the NASA/LWS Coordinated Data Analysis
Workshop. We did not find any significant difference between 23 MCs and 31 EJs from
the comparison of their source locations and angular widths. The average value of D for
MC events (0.62) is larger than that for EJ events (0.49). We found a tendency that the
EJ-associated CMEs are ejected non-radially or experience deflections more than the MC-
associated CMEs. Regarding the CME speed, the mean value for MCs is 946 km s−1 and that
for EJs is 771 km s−1. Among the 31 EJs, 25 events have low CME speeds (< 1000 km s−1,
81 %), while the MCs have less slow CMEs (15/23, 65 %, cf. the fraction of slow CME
from Kim et al. (2008) is 72 %). We also examined the combined effect of the direction
parameter and speed. It is found that the majority of the MCs have large D (≥ 0.4) and the
majority of the EJs have slow speed (< 1500 km s−1). This result can be summarized that
EJ-associated CMEs have slow speeds, and MC-associated CMEs have large D. We also
found a clear tendency in the case of seven very fast CMEs (≥ 1500 km s−1) that all large-D
events (≥ 0.4) are MCs, and all small-D events are EJs.

Our study is a simple analysis, but it provides a clue to answer the question whether
all CME have flux rope structure. If we use only the CME source information to classify
ICMEs, it seems hard to find any differences between MCs and EJs. However, if we use
the CME propagation direction and speed, we can find a hint for the answer. Based on our
results, we suggest that some of the CMEs are not ejected along the radial direction and
they may not reach the Earth by their noses. In this case, we may not detect the flux rope
structure even if they have one. Our result is consistent with those by Xie, Gopalswamy, and
Cyr (2013), who reported that the EJ-associated CMEs were deflected more away from the
disk center, while the MC-associated CMEs were deflected more towards the disk center
using the Krall flux rope model. Our result is also consistent with those by Mäkelä et al.

(2013) who found that the EJ-associated CMEs are prone to deflection by nearby coronal
holes.

If the CMEs associated with MCs and EJs have originally different flux rope structures,
they should be observed differently without no dependence on the CME speed. However,
our observation shows that slow CMEs are more likely to be EJs than fast CMEs, and fast
CMEs are to be EJs, only when they have small Ds. Based on the above results, we suggest
that all CMEs have a flux rope structure and the trajectory of the CMEs essentially decides
the observed ICME structure.
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Abstract If all coronal mass ejections (CMEs) have flux ropes, then the CMEs should keep
their helicity signs from the Sun to the Earth according to the helicity conservation prin-
ciple. This study presents an attempt to answer the question from the Coordinated Data
Analysis Workshop (CDAW), “Do all CMEs have flux ropes?”, by using a qualitative helic-
ity sign comparison between interplanetary CMEs (ICMEs) and their CME source regions.
For this, we select 34 CME–ICME pairs whose source active regions (ARs) have continu-
ous SOHO/MDI magnetogram data covering more than 24 hr without data gap during the
passage of the ARs near the solar disk center. The helicity signs in the ARs are determined
by estimation of cumulative magnetic helicity injected through the photosphere in the entire
source ARs. The helicity signs in the ICMEs are estimated by applying the cylinder model
developed by Marubashi (Adv. Space. Res., 26, 55, 2000) to 16 second resolution magnetic
field data from the MAG instrument onboard the ACE spacecraft. It is found that 30 out
of 34 events (88 %) are helicity sign-consistent events, while four events (12 %) are sign-
inconsistent. Through a detailed investigation of the source ARs of the four sign-inconsistent
events, we find that those events can be explained by the local helicity sign opposite to that
of the entire AR helicity (28 July 2000 ICME), incorrectly reported solar source region in
the CDAW list (20 May 2005 ICME), or the helicity sign of the pre-existing coronal mag-
netic field (13 October 2000 and 20 November 2003 ICMEs). We conclude that the helicity
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signs of the ICMEs are quite consistent with those of the injected helicities in the AR regions
from where the CMEs erupted.

Keywords Coronal mass ejections · Magnetic cloud · Photospheric helicity · Solar surface
magnetic field · Interplanetary magnetic field

1. Introduction

Coronal mass ejections (CMEs) are one of the means by which the Sun ejects plasma and
magnetic field into interplanetary space. When CMEs are detected near the Earth, they are
known as interplanetary CMEs (ICMEs). ICMEs are further classified into magnetic clouds
(MC) and complex ejecta (EJ) depending on the observed magnetic structure. MCs exhibit
a smooth rotation of magnetic field vector, while EJs do not show a significant rotation
signature (e.g. Burlaga et al., 1981). It is still not clear whether MC and EJ have intrinsically
different structure or the observed structure is due to different propagation of the ejecta
relative to the observing spacecraft. The main purpose of the Coordinated Data Analysis
Workshop (CDAW) this article results from is to answer the question: “Do all CMEs have
flux ropes?” There are two different views. One view is that some CMEs have inherently
non-flux rope structure (Gosling et al., 1990; Jacobs et al., 2009), and the other view is
that all the CMEs have flux ropes but sometimes they are not detected as flux ropes since a
magnetic cloud observed far from its apex (nose) may not exhibit a clear flux rope structure
(Gopalswamy, 2006; Kim et al., 2013). For example, Chen et al. (1997) compared LASCO
C2 and C3 CME images with a magnetic flux rope model, and concluded that the dynamics
and morphology of the observed CME on 13 April 1997 were consistent with those of the
three-dimensional (3D) MHD flux rope model developed by Chen (1996).

Magnetic helicity quantifies the signed amount of twists, kinks, and inter-linkages of the
magnetic field lines in a given magnetic field system (Berger and Field, 1984). Magnetic he-
licity is an approximately conserved quantity in resistive MHD with low resistivity (Berger,
1984) – this is the ‘helicity conservation principle’. Therefore, an ICME is expected to carry
the same amount of helicity as its corresponding CME from the solar source region, and the
helicity sign of the ICME should be consistent with that of the solar source region. Several
attempts have been made to match the helicity sign of ICMEs with that inferred from the
morphological features of their source active region such as sunspot whorls, filament barbs,
sigmoids, and flare ribbons (e.g. Ali et al., 2007; Démoulin, 2008). However, the helicity
sign of the solar source region was not always found to agree with that of the ICME (Lea-
mon et al., 2004). These observational features have been commonly used for qualitative
comparison of helicity signs of CMEs and ICMEs. In this study, we use the helicity signs of
solar source regions and ICMEs that are determined in the following ways:

i) measurement of the rate of the helicity transfer into the corona across the photosphere
by inferring the motion of the surface field lines from photospheric magnetogram data,
and

ii) inferring the rotation of the magnetic field vector from in situ data obtained by spacecraft
located near the Earth.

If we find complete agreement of the helicity signs between CMEs and ICMEs, this
result would support the hypothesis that all ICMEs are flux ropes. We investigate 34 CME–
ICME events. To obtain the helicity sign of the ICMEs, we employ the fitting technique
developed by Marubashi (2000) using the constant-α force-free field solution, assuming the
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flux rope to be a cylinder with self-similar expansion. We do not consider the amount of
helicity in this study since it could be different depending on the fitting model employed
(Hu and Dasgupta, 2005; Marubashi and Lepping, 2007). On the contrary, we note that the
sign of helicity determined by different fitting models is consistent between models. For this
reason, we compare the helicity sign in ICMEs and to that in their source regions.

The rest of the paper is organized as follows. In Section 2, we describe briefly the meth-
ods used to determine the helicity injection rate. The helicity sign comparison between pho-
tospheric injection and ICME is given in Section 3, with detailed inspection of the four
sign-inconsistent events. Section 4 summarizes the findings of this study.

2. Data and Analysis

The CDAW events (http://cdaw.gsfc.nasa.gov/meetings/2010_fluxrope/) have been selected
from the list of shock-driving ICMEs in Gopalswamy et al. (2010), which originate from the
vicinity of central meridian of the Sun (E15◦

≤ source longitude ≤ W15◦). To get a reliable
helicity injection avoiding the projection effect on the line-of-sight magnetic field, we need
continuous SOHO/MDI magnetogram (Scherrer et al., 1995) data of the solar source region
covering more than 24 hr without data gaps during the transit of the source region across
the solar disk center. With this criterion, we select 28 events from the 54 CDAW events and
also select six events from the list in Sung et al. (2009). Details of the identification of solar
source regions associated with the 28 ICMEs are described in Gopalswamy et al. (2010),
and those of the additional six CME–MC pairs can be found in Manoharan et al. (2004) and
Qiu et al. (2007).

Detailed information on the 34 CME–ICME pairs are given in Table 1. The first col-
umn of Table 1 denotes the event number. Year, appearance time, speed, and angular width
of the CMEs determined from SOHO/LASCO observations are listed from the second to
fifth columns. The sixth to ninth columns contain information on the associated flare on-
set time and class, active region number, and solar source location, respectively. The last
three columns give the start and end times of ICMEs, and their classification as listed in the
CDAW ICME data table. Note that there are 24 MCs and 10 EJs in the dataset. We deter-
mined the geometry of the ICMEs and derived the helicity sign by assuming that the ICMEs
have flux rope structure.

2.1. Photospheric Helicity Injection

The helicity sign in the solar source ARs of the selected events is obtained from the helicity
flux density (i.e., helicity injection per unit area per unit time) at the photospheric level of the
ARs. To calculate the helicity flux density, we use the formula proposed by Pariat, Démoulin,
and Berger (2005) and the numerical calculation method developed by Chae (2007).

Following the method of Chae (2007), we estimate the normal component of magnetic
field (Bn) from the line-of-sight component of magnetic field (Bl), assuming that the mag-
netic field at the photosphere is normal to the solar surface and the transverse component of
the magnetic field is negligible compared to Bl. This assumption is valid only in the case of
active regions located near the solar disk center.

The time-dependent measurement of Bl is obtained from a set of the full-disk 96 minutes
SOHO/MDI (Scherrer et al., 1995) magnetogram data. To reduce the geometrical projection
effects in the calculation of Bn, we restrict to solar source regions located within 60 % of
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Table 1 Characteristics of flare, CME, and ICME.

Noa Year CME appearance
Time

CME speed
(km s−1)

CME AW
(deg)

Flare onset
(UT)

Flare class AR Solar source
Loc

ICME startc

(UT)
ICME end
(UT)

MC/EJ

C2 1997 05/12 05:30 464 360 04:42 C1.3 8038 N21W08 05/15 09:06 05/16 01:06 MC

S11 1998 02/28 12:48 176 169 – – 8171 S24W01b 03/04 19:00 03/06 05:00 MC

C5 1998 05/02 14:06 938 360 13:31 X1.1 8210 S15W15 05/04 10:00 05/05 01:15 EJ

S13 1998 06/21 05:35 192 163 – – 8243 N17W25b 06/24 13:00 06/25 22:00 MC

C16 2000 02/17 21:30 728 360 20:17 M1.3 8872 S29E07 02/21 09:48 02/22 13:18 MC

C17 2000 07/07 10:26 453 360 08:42 C5.6 9070 N17E10 07/11 01:30 07/11 11:22 EJ

C18 2000 07/08 23:50 483 161 22:58 C4.0 9070 N18W12 07/11 22:48 07/13 02:25 EJ

C19 2000 07/14 10:54 1674 360 10:03 X5.7 9077 N22W07 07/15 21:06 07/16 09:54 MC

C21 2000 07/25 03:30 528 360 02:43 M8.0 9097 N06W08 07/28 21:06 07/29 10:06 MC

C23 2000 08/09 16:30 702 360 15:19 – 9114 N20E12 08/12 06:06 08/13 05:06 MC

C24 2000 09/16 05:18 1215 360 04:06 M5.9 9165 N14W07 09/18 01:54 09/18 15:06 MC

C26 2000 10/09 23:50 789 360 23:19 C6.7 9182 N01W14 10/13 18:24 10/14 16:54 MC

S26 2001 03/16 03:50 271 281 – – 9384 N11W09b 03/19 19:00 03/22 06:00 MC

C32 2001 04/10 05:30 2411 360 05:06 X2.3 9415 S23W09 04/12 07:54 04/12 17:54 MC

C27 2001 04/19 12:30 392 129 – – 9434 N20W20b 04/22 00:00 04/23 00:00 MC

C33 2001 04/26 12:30 1006 360 11:26 M1.5 9433 N20W05 04/29 01:54 04/29 12:54 MC

S30 2002 03/20 17:54 603 360 – – 9871 S17W20b 03/24 03:00 03/25 22:00 MC

C37 2002 04/15 03:50 720 360 03:05 M1.2 9906 S15W01 04/18 04:18 04/19 02:18 MC

C39 2002 05/16 00:50 600 360 00:11 C4.5 9948 S23E15 05/19 03:54 05/19 23:24 MC

C42 2002 07/15 21:30 1300 180 21:03 M1.8 10030 N19W01 07/18 12:00 07/19 08:10 EJ
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Table 1 (Continued)

Noa Year CME appearance
Time

CME speed
(km s−1)

CME AW
(deg)

Flare onset
(UT)

Flare class AR Solar source
Loc

ICME startc

(UT)
ICME end
(UT)

MC/EJ

C44 2003 08/14 20:06 378 360 17:12 – 10431 S10E02 08/18 11:36 08/19 04:24 MC

C45 2003 10/28 11:30 2459 360 11:00 X17.2 10486 S10E08 10/29 08:00 10/30 04:00 MC

C46 2003 10/29 20:54 2029 360 20:37 X10.0 10486 S15W02 10/31 02:00 10/31 13:00 MC

S32 2003 11/18 08:50 1660 360 08:30 M3.9 10501 N03E08b 11/20 11:00 11/21 01:00 MC

C48 2004 07/22 08:30 899 132 07:41 C5.3 10652 N04E10 07/24 12:48 07/25 13:18 MC

C49 2004 11/06 02:06 1111 214 01:40 M3.6 10696 N09E05 11/09 20:54 11/10 03:24 MC

C50 2004 12/08 20:26 611 360 19:34 C2.5 10709 N05W03 12/12 12:00 12/13 06:00 EJ

C51 2005 01/15 06:30 2049 360 05:54 M8.6 10720 N16E04 01/16 14:00 01/17 06:30 EJ

C52 2005 02/13 11:06 584 151 10:28 C2.7 10733 S11E09 02/18 15:00 02/19 08:15 EJ

C53 2005 05/13 17:12 1689 360 16:13 M8.0 10759 N12E11 05/15 05:42 05/15 22:12 MC

C54 2005 05/17 03:26 449 273 02:31 M1.8 10763 S15W00 05/20 07:18 05/21 05:18 MC

C55 2005 05/26 21:26 420 199 20:57 C8.6 10767 S08E11 05/29 10:15 05/29 14:45 EJ

C56 2005 07/07 17:06 683 360 16:07 M4.9 10786 N09E03 07/10 10:30 07/12 04:00 EJ

C57 2005 08/31 11:30 825 360 10:26 C2.0 10803 N13W13 09/02 19:03 09/03 06:00 EJ

a‘C’ denotes that the CME–ICME pair is selected from the CDAW ICME list. ‘S’ denotes that CME–ICME pair is selected from Sung et al. (2009).
bSource ARs given by Manoharan et al. (2004) and Qiu et al. (2007) are used.
cICME start time is the time when the leading boundary of the ICME is observed in situ, determined from fitting of the cylinder model.
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Figure 1 (a) A SOHO/LASCO running difference image of the 14 July 2000 CME, (b) inverse-S shape
sigmoid in a Yohkoh soft X-ray image of AR 9077, (c) MDI magnetogram of the AR, (d) estimated helicity
injection in the AR from 12 to 16 July in 2000. The dashed vertical line in panel (d) denotes the start time of
the flare associated with the CME.

the solar radius (R⊙) from the apparent disk center. The velocity of the apparent horizon-
tal motion of field line footpoints is determined by applying the differential affine veloc-
ity estimator (DAVE) method (Schuck, 2006). It is noted by Chae and Sakurai (2008) that
the performance of DAVE is degraded in the presence of superpixel motions, even though
DAVE outperforms the local correlation tracking (LCT) method. This comes from the linear
assumption in DAVE that the speed of the motion is low enough.

We integrate the helicity flux density over the area of the region of interest (ROI) and
also with respect to time to obtain the helicity injection (�H ) in the ROI. Finally, the sign
of helicity in the ROI of the ARs is determined by the sign of �H at the occurrence time
of the CMEs. Note that the start time of the helicity measurements is determined as soon
as the ROI appears or rotates to a position within 0.6 R⊙ from the disk center. Details of
the procedure for the calculation of the photospheric helicity injection can be found in Chae
(2007).

Figure 1 shows (a) the 14 July 2000 CME observed by SOHO/LASCO (Brueckner et al.,
1995) C2, (b) a Yohkoh/SXT (Tsuneta et al., 1991) soft X-ray image of the source AR of the
CME, NOAA 9077, (c) a SOHO/MDI magnetogram of the AR, and (d) helicity injection
(�H ) in the entire AR. The vertical dashed line in Figure 1(d) indicates the start time of
the flare associated with the CME. As shown in Figure 1(d), helicity with a negative (left-
handed) sign was continuously injected through the entire photospheric surface of the AR
from 12 July up to the onset of the flare. We therefore conjecture that the CME produced in
the AR has helicity with a negative sign.

In fact, the CME was observed as an ICME near the Earth on 15 July 2000, and the
cylinder fitting models of the ICME indicate that it had a flux rope structure and its helicity
sign was negative. In Section 2.2, we describe in detail the ICME fitting model that was used
in this study.



Helicity Sign Comparison 111

Figure 2 In situ interplanetary space data from the ACE spacecraft showing (a) total magnetic field strength,
(b) to (d) magnetic field vector in GSE coordinates and (e) solar wind speed. The result of the fitting of the
cylinder model is shown by the thick, solid, red lines. The ICME boundaries are located at 19:00 UT on 15
July and 12:00 UT on 16 July 2000, indicated by the two vertical dashed lines.

2.2. Magnetic Cloud Helicity Sign

We perform the cylinder model fitting for 34 ICMEs with either the 15, 20, 30, or 60 mins
averaged magnetic field data from the Magnetic Field Experiment (MAG: Smith et al., 1998)
on the Advanced Composition Explorer (ACE) spacecraft, depending on the duration of the
ICME. We select the ICME time interval in which the magnetic field vectors change di-
rection smoothly in the Y – Z GSE plane. We then adjust the time span of the ICMEs and
the optimum fitting parameters, such as the bulk velocity, intensity of the magnetic field at
the cylinder axis, radius of the cylinder, geometry and expansion rate of the cylinder, and
the helicity sign of the ICME, which are selected when the least-squares fitting procedure
returns a result that is most consistent with the magnetic field observations. In general the
helicity sign of an ICME can be judged from the direction of magnetic field rotation with
respect to the Earth–Sun line: the helicity is positive (negative) when the rotation has right-
handed chirality (left-handed chirality). However, there are some cases where the magnetic
field rotation is not very clear. Therefore, we tried the fitting for positive and negative helic-
ity sign when necessary, and selected the helicity sign which yielded a better fit. It is noted
that adjustment of the start and end times of the fitting is sometimes necessary for the best
fit. We have found that the adjustment is usually less than a few hours and only a little dif-
ferent from Lepping’s fit, which can be found in the CDAW list. The difference does not
give significantly different results. A detailed description of the cylinder model, the param-
eters, and fitting procedure are explained by Marubashi and Lepping (2007), and references
therein. The start and end times of ICMEs for the best fit using the cylinder model are listed
in Table 2.

Figure 2 presents the results of the cylinder fitting for the ICME detected on 15 July 2000
at 21:06 UT associated with the 14 July 2000 CME (Figure 1(a)). From top to bottom, the
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Table 2 Estimated helicity injections in the active region and inferred quantities of the magnetic flux in the ICMEs.

Noa Active region ICME

Start datec Start timec Hacc (1040 Mx2) AR sig. Arcade clear? Start time End time Cylinder θd Cylinder φe Helicity sign

C2 970509 14:28 −100 IS Yes 05/15 09:50 05/16 02:20 −5 95 LH

S11 980226 11:12 −15 IS(?) No 03/04 19:00 03/06 5:00 28 77 LH

C5 980428 19:10 2300 S Yes 05/05 13:00 05/06 02:00 7 309 RH

S13 980616 17:36 −450 IS No 06/24 13:00 06/25 22:00 34 131 LH

C16 000216 06:23 600 S Yes 02/21 13:00 02/22 12:00 80 322 RH

C17 000706 00:00 −2700 IS Yes 07/11 03:30 07/11 13:30 −7 343 LH

C18 000706 00:00 −4800 IS Yes 07/11 22:30 07/13 04:30 47 61 LH

C19 000712 00:00 −4500 IS Yes 07/15 19:30 07/16 12:30 19 63 LH

C21b 000722 07:59 950 IS(?) No 07/28 14:00 07/29 00:30 58 376 LH

C23 000806 11:15 −3100 IS Yes 08/12 05:00 08/13 06:00 15 115 LH

C24 000913 09:33 −2300 IS Yes 09/17 23:20 09/18 14:20 41 226 LH

C26b 001006 12:47 −200 S(?) Yes 10/13 16:30 10/14 14:00 −24 42 RH

S26 010313 08:00 −50 ? No 03/19 20:00 03/22 6:00 −65 128 LH

C32 010407 04:48 210 S(?) Yes 04/12 06:00 04/13 03:00 1 353 RH

S27 010418 08:00 −6 S Yes 04/22 00:00 04/23 03:00 −50 308 LH

C33 010423 11:12 −6200 IS Yes 04/29 00:30 04/29 14:00 0 115 LH

S30 020317 03:15 700 IS Yes 03/24 20:30 03/25 20:30 23 203 RH

C37 020412 09:36 6500 S Yes 04/18 01:00 04/19 10:00 −17 323 RH

C39 020514 19:15 400 IS(?) Yes 05/19 02:45 05/19 22:45 9 234 RH

C42 020713 12:51 −1100 ? No 07/18 12:00 07/18 21:40 39 29 LH
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Table 2 (Continued)

Noa Active region ICME

Start datec Start timec Hacc (1040 Mx2) AR sig. Arcade clear? Start time End time Cylinder θd Cylinder φe Helicity sign

C44 030812 22:23 2400 S Yes 08/18 10:30 08/19 15:30 −15 312 RH

C45 031027 07:59 −6700 IS Yes 10/29 11:00 10/30 02:00 −54 229 LH

C46 031027 07:59 −10600 IS(?) Yes 10/31 02:30 11/01 00:30 49 235 LH

S32b 031117 04:51 −450 IS Yes 11/20 11:00 11/21 00:30 −66 137 RH

C48 040720 23:59 4000 S No 07/24 17:30 07/25 06:30 −13 41 RH

C49 041103 23:59 −4500 S Yes 11/10 03:00 11/11 01:00 −33 160 LH

C50 041206 08:00 −290 IS Yes 12/13 07:00 12/13 21:00 −25 162 LH

C51 050113 12:47 −2100 IS No 01/16 16:20 01/17 01:20 −2 237 LH

C52 050211 09:39 610 S No 02/18 17:30 02/19 04:00 22 277 RH

C53 050512 01:35 −240 IS Yes 05/15 06:00 05/16 04:00 49 159 LH

C54b 050514 11:15 10 S(?) No 05/20 15:10 05/21 06:10 20 231 LH

C55 050525 14:23 −400 S(?) No 05/29 10:30 05/29 14:45 11 184 LH

C56 050705 01:35 −700 IS No 07/10 17:00 07/11 00:30 −36 23 LH

C57 050828 06:23 210 S Yes 09/02 19:20 09/03 04:00 1 173 RH

a‘C’ denotes that the CME–ICME pair is selected from the CDAW ICME list. ‘S’ denotes that CME–ICME pair is selected from Sung et al. (2009).

bExceptional events whose helicity signs of MC and AR are not consistent.
cStart date and time of helicity measurement of the source region.

dθ is the latitude angle of the cylinder axis magnetic field.
eφ is the longitude angle of the cylinder axis magnetic field.
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panels show the total magnetic field intensity, X-, Y -, and Z-components of the magnetic
field in the GSE coordinates, and solar wind speed, respectively. The vertical dashed lines
denote the start and end times of the ICME that give the best fit to the observations. The thick
red solid lines are the results of the fitting with the cylinder model, which show excellent
agreement with the observations. The determined helicity sign of the ICME is negative, and
the latitude (θ ) and longitude (φ) of the axis of the ICME are 19◦ and 63◦, respectively. The
fitting results for the rest of the events are shown in Table 2.

3. Results

3.1. Helicity Sign Comparison

Table 2 summarizes the results on helicity accumulation in the source ARs and the fitting
results for the 34 ICMEs. The first four columns give the event number, the start date and
time of helicity accumulation measurements, and the accumulated helicity within the AR
between the start time of the accumulation and the onset time of the flare. The fifth and sixth
columns present the deduced sigmoid shape of the AR using Yohkoh/SXT images and the
clearness of the post-eruption arcade (PEA) structure after the eruption to identify whether
it has S- or Inverse S-shape. Those with a shape and a question mark e.g. ‘IS(?)’ events are
where we think the sigmoid shape is an inverse S, but there is some uncertainty, while those
with just a question mark do not show any evidence of the presence of a sigmoid.

According to the coronal flux rope (CFR) model (Titov and Démoulin, 1999), a toroidal
flux rope is embedded in an active region with a dipolar flux system. The projected magnetic
separatrix surface has an S-shape when the flux rope is right-handed (positive helicity),
while it has an inverse S-shape when it is left-handed (negative helicity). Employing the
CFR model, we find that about 61 % (21/34) of the ICMEs have the same helicity sign
as that deduced from the X-ray sigmoid shape, while for 11 % (4/34) of the ICMEs the
deduced signs disagree. However, we find that there are many ambiguities (9/34, 26 %) in
the determination of the sigmoid shape through inspection directly from soft X-ray images.
We thus conclude that the sigmoid analysis needs careful treatment and high resolution loop
observations.

The next five columns present the start and end times of ICMEs for the fitting, the θ and
φ of the cylinder axis in GSE coordinates, and the helicity sign of ICME determined from
the cylinder model. The orientation of magnetic cloud axes is described in terms of θ and
φ, where θ is the angle between the magnetic cloud axis and the ecliptic plane and φ is
the angle between Xgse and the projection of the magnetic cloud axis on the ecliptic plane,
measured positive when anti-clockwise (right-handed chirality). The direction of the ICME
axis projected onto the Y –Z plane can be estimated using the equation given by Marubashi
et al. (2012).

For statistical evaluation of the sign consistency, we have compared the accumulated
helicity sign of the solar source region with the relative helicity sign inferred from the struc-
ture of the ensuing ICME as shown in Table 3. We find that 30 events (88 %) have the same
helicity sign while four events (C21, C26, S32, and C54 in Table 2) have different signs.

3.2. Sign-Inconsistent Events

Based on the helicity conservation principle, we have investigated the four exceptional
events in detail with the speculation that their signs may be inconsistent for one of the
following reasons:
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Table 3 Helicity sign
comparison between ICME and
solar source active region.

ICME Solar source AR Total

Positive Negative

Positive 10 3 13

Negative 1 20 21

Total 11 23 34

i) wrong identification of the solar source region,
ii) the wrong selection of CME–ICME pair, or

iii) localized helicity injection with different helicity sign than the sign of helicity in the
entire source active region.

3.2.1. 28 July 2000 ICME (Event C21 in Table 2)

According to the Solar Geophysical Data (SGD; ftp://ftp.ngdc.noaa.gov/STP/space-weather/

solar-data/solar-features/solar-flares/x-rays/goes/), an M8.0 flare occurred at 02:43 UT on
25 July 2000 in AR9097 near the disk center (N06W08). After the flare, a halo CME ap-
peared in the LASCO C2 field of view at 03:30 UT as seen in Figure 3(b). The CME arrived
at the Earth with an IP shock on July 28. The IP shock was detected by the ACE satellite
at 05:43 UT on the same day, as denoted by a vertical dashed line in Figure 3(c). We set
the start and end times of the ICME to July 28 14:00 UT and July 29 00:30 UT for the
boundaries of the flux rope structure, respectively, and determine its helicity sign by using
the cylinder model. The deduced helicity sign of the ICME is negative. The estimated axis
direction of the ICME projected on the Y – Z GSE plane using the cylinder model for the
above boundaries of the ICME is about 80◦.

We examine AR9097, which is reported in the CDAW ICME list as the solar source
region of the CME. The helicity injections through the entire active region and the polarity
inversion line (PIL) region, marked with a white box in Figure 3(a), have positive signs
which are not the same as that of the ICME. It is noted that there are several filaments
which might be related to the CME as shown in BBSO Hα image (Figure 3(d)). We have
considered the filaments as possible candidates for the CME, and we have investigated the
Hα images taken before and after the flare. In the case of the filament North of the AR, it
disappeared at 01:44 UT, before the flare. There were two filaments in regions F1 and F2
which disappeared after the flare. Due to a data gap in the Hα observations, the exact times
of these filament eruptions cannot be identified. We inspect the helicity injection in these
regions. As shown in Figure 3(i), the accumulated helicity in the F1 region has a negative
sign but there is no significant helicity injection in the region F2, so the filament from the
region F1 seems to be the most likely candidate for the source region of the CME.

During the flare time, there was another eruption from AR 9096 located to the South of
AR 9097 as marked by the yellow box in Figure 3(a). The filament eruption can be clearly
seen in Hα data from Yunnan observatory and in the movie from the SOHO/LASCO CME
catalog (http://cdaw.gsfc.nasa.gov/CME_list; Yashiro et al., 2004; Gopalswamy et al., 2009).
The eruption started at about 02:46 UT and we can see a clear Post-Eruption Arcade (PEA)
structure in the Yohkoh SXT image shown in Figure 4(c). For the filament region, R3, we
estimate the helicity injection and find a negative helicity sign, the same as that of the ICME.

We find two candidate solar source regions (F1 and F3) for the CME, which have negative
helicity accumulation. If we assume that the flux rope of a CME that erupts from an AR
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Figure 3 The 25 July 2000 CME, the associated 28 July 2000 ICME and the candidate solar source regions.
(a) Full disk BBSO Hα image. The white and yellow boxes denote the locations of AR 9097 and AR 9096,
respectively. (b) Shows LASCO C2 observations of the CME that produced the ICME observed in situ near
Earth, shown in (c). Solid, red lines denote a fitting result of the cylinder model. The vertical dotted and dashed
lines represent the time of arrival of the interplanetary shock and the boundaries of the ICMEs, respectively.
Submaps focusing on AR 9097 prior to the CME eruption are shown in (d) Hα and (e) a magnetogram from
SOHO/MDI. (f) Shows Yohkoh/SXT observations of the same region post-eruption. Estimates of helicity
injection in the regions of interest are shown for (g) the entire active region, (h) the polarity inversion line
(PIL) and (i) the regions labeled ‘F1’ and ‘F2’. The red, vertical line indicates when the flare occurred.
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Figure 4 BBSO Hα submap
images of AR 9096 (a) before
and (b) after the CME. (c) Shows
a Yohkoh SXT submap image
after the CME and (d) shows the
helicity injection in the filament
region of AR 9096. The filament
region (F3) is denoted by a white
box in the local Hα image. The
red and blue contours on the
BBSO Hα image after the CME
denote positive and negative
magnetic fields observed by
SOHO/MDI, respectively. The
red vertical line indicates when
the flare occurred.

maintains its axis orientation (Yurchyshyn et al., 2001) as it propagates from the Sun to the
Earth and the flux rope is assumed to be observed at (or near) the apex of the ICME loop,
the orientation of the ICME axis projected onto the Y – Z plane may be aligned with the
direction of the flux rope structure near the Sun, which can be estimated from the orientation
of the PEA associated with the eruption. Based on this assumption, we adopt the alignment
of the flux rope axes as a second constraint to select the solar source region of ICME, and
measure the orientation angles of the axes of PEAs. Figure 3(f) and Figure 4(c) show the
PEAs in the regions F1 and F3. By considering the helicity sign and magnetic polarities
from MDI data, we can determine the axial direction of each of the PEAs by measuring
the angle from the East on the Sun in a clockwise (left-handed chirality) direction. For the
F1 region in AR 9097, the estimated PEA axis angle is about 65◦ as marked by an arrow
in Figure 3(f) and that of the PEA in AR 9096 is about 270◦. Since the axis angle of the
PEA in AR 9097 is roughly similar to that (80◦) of the ICME estimated using the cylinder
model and their helicity signs are same, we conclude that the region F1 in AR9097 is the
most probable source region of the 28 July 2000 ICME. Prior to this study, an incorrect
association had been made between the ICME and its source region, which originally led to
the incorrect conclusion that the helicity sign was not conserved between the solar source
region of the CME and the associated ICME.

3.2.2. 13 October 2000 ICME (Event C26 in Table 2)

According to the CDAW ICME list, the ICME of 13 October 18:24 UT to 14 October 16:54
UT was associated with the halo CME that appeared at 00:26 UT on 10 October 2000 in
the LASCO C2 FOV as shown in Figure 5(b). The linear speed of the CME in the plane of
sky from SOHO/LASCO observations is 527 km s−1. This CME is related to the C6.7 flare
from AR 9182 (the box in Figure 5(a)) at 23:19 UT located near the disk center (N01W41).
The cylinder fitting result for the ICME during the period between 13 October 16:30 UT
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Figure 5 The 9 October 2000 CME, the associated 13 – 14 October 2000 ICME and the candidate solar
source regions. (a) Full disk BBSO Hα image. The white box denotes the location of AR 9182. (b) Shows
LASCO C2 observations of the halo CME that produced the ICME observed in situ near Earth, shown in (c).
Solid red lines denote a fitting result of the cylinder model. The vertical dotted and dashed lines represent the
arrival time of the interplanetary shock and the boundaries of the ICME. Submaps focusing on AR 9182 prior
to the CME eruption are shown in (d) Hα and (e) a magnetogram from SOHO/MDI. (f) Shows Yohkoh/SXT
observations of the same region post-eruption. Estimates of helicity injection in the regions of interest are
shown for (g) the entire active region, (h) the polarity inversion line (PIL), and (i) the regions labeled ‘F1’,
and ‘F2’. The red vertical line indicates when the flare occurred.
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Figure 6 Determination of the coronal magnetic helicity sign of AR9182, and its comparison with observed
coronal loops. (a) SOHO/EIT image in gray scale with the magnetic field strength contours at ± 200 G
overlaid. (b) SOHO/MDI magnetogram in gray scale and the computed magnetic field lines projected onto
the surface. The obtained best-fit α is + 0.015 Mm−1.

and 14 October 14:00 UT reveals that the ICME has a positive helicity sign, but the signs
of injected helicity through the entire active region (AR 9182) and PIL are both negative
(Figure 5(g) and (h)).

To identify the solar source region of the ICME, we have determined helicity signs for
the local regions F1 and F2. As shown in Figure 5(i), it is found that the region F1 has
positive, while the region F2 has negative injected helicity. There was a previous CME that
was associated with the region F1. The CME appeared at 23:50 UT on 9 October in the
LASCO C2 FOV with narrow angular width (∼40◦). The linear speed of the CME was
about 800 km s−1. The CME from F1 could be a possible candidate for being the source
region of the ICME. However, this does not look plausible, since it is difficult to explain
how a narrow limb CME with small direction parameter can be detected near Earth as an
ICME.

In addition to the helicity injection through the photosphere, we also have measured the
sign of the helicity content in the corona using the linear force-free field (LFFF) model. The
reliability of the LFFF model to measure the coronal magnetic helicity was demonstrated
by previous studies (Démoulin et al., 2002; Lim, Jeong, and Chae, 2007). The coronal mag-
netic field is extrapolated from the SOHO/MDI line-of-sight magnetogram using the Fourier
transform method suggested by Alissandrakis (1981) by changing the value of the force-free
α. Then the computed coronal model is compared with the observed coronal loops to deter-
mine the best-fit α. The best-fit α has the same sign as that of the coronal magnetic helicity.

Figure 6 shows the LFFF model with the obtained best-fit α (Figure 6(b)) compared with
the observed coronal loops in the SOHO/EIT 171 Å image (Figure 6(a)). Since our concern
is the sign of the coronal magnetic helicity, we have compared the overall topology of the
coronal loops and the LFFF model. As a result, we obtain a positive value for the force-free
α indicating that the AR9181 has positive magnetic helicity in the corona. The sign of the
coronal magnetic helicity is the same as that of the helicity of the ICME. Projection effects
have not been considered since the active region was near the disk center. Moreover, the
barb structures of the filament shown in the Hα image (F2 in Fig. 5(d)) indicate that the
chirality of the filament is sinistral, in other words, it has positive helicity. Therefore, the
sign of the computed coronal helicity is also consistent with that of the filament chirality
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(Lim and Chae, 2009). The same filament was also visible on 5 October, and showed a
sinistral structure. Therefore, it is likely that the sign of the coronal magnetic helicity was
already positive at least from 5 October.

It has been reported that the local helicity sign can be opposite to that of the whole active
region helicity (Hao and Zhang, 2011), and the injection of helicity with the opposite sign
to that of the pre-existing helicity plays an important role in eruptive events such as flares
and CMEs (Park et al., 2012; Jing et al., 2012). We speculate that overall the coronal field
in AR9181 had pre-existing positive helicity and the local injection of negative helicity in
the F1 region played a role through magnetic reconnection in the ejection of the pre-existing
positive coronal helicity via the CME and ensuing ICME. We conclude that the helicity sign
of the ICME is not consistent with the sign of injected helicity during the analyzed period,
but it is consistent with that of the coronal helicity in the whole active region (AR9182).

3.2.3. 20 November 2003 ICME (Event S32 in Table 2)

The ICME of 20 November 11:00 UT to 21 November 01:00 UT was caused by a halo
CME (1660 km s−1) that appeared at 08:50 UT on 18 November 2003 in the LASCO C2
FOV as seen in Figure 7(b). This CME is related to an M3.9 flare in AR 10501 (the box
in Figure 7(a)) at 08:30 UT near the disk center (N03E08) and is known to be the most
probable solar source of the ICME (Gopalswamy et al., 2005). The cylinder fitting result for
the ICME reveals that the ICME has a positive helicity sign, but the signs of injected helicity
in the entire active region and along the PIL are negative as shown in Figure 7(g) and (h).
The projected axis orientation angles of the ICMEs using the cylinder model is about 290◦.

There was an erupting filament with a curved shape in region F1 as marked in Figure 7(d).
The SOHO/EIT image after the eruption shows a PEA structure in the region as seen in
Figure 7(f). The yellow contour in Figure 7(f) depicts the filament just before the flare.
The EIT movie in the CDAW CME catalog also shows that the filament was gradually
rising from 18 November 04:36 UT to 08:00 UT, and finally it erupted before 09:20 UT
on 18 November. We speculate that this filament is the source of the CME because there is
no other filament present at 09:20 UT in the Catania Hα image. We estimate the injected
helicity signs in the entire AR region and each local region such as the PIL region and the
region F1 where the filament was located as shown in Figure 7(d). As a result, we find that
the sign of injected helicity in the region F1 is positive, as shown in Figure 7(i), which is the
same sign as that of the MC.

In fact, this event was reported by Chandra et al. (2010), who studied the solar source
of the ICME, and by Gopalswamy et al. (2005), who studied the relationship between the
CME and ICME. Chandra et al. (2010) examined the spatial distribution of magnetic helicity
injection, and concluded that the positive helicity in the eastern part (F1a in Figure 8) of
the filament was consistent with the ICME. However, Gopalswamy et al. (2005) reported
that the eastern leg had erupted before the halo CME. They proposed that the entire filament
erupted during the halo CME and the North-South segment (F1b in Figure 8) was the largest
and may be responsible for the halo CME. In addition, they pointed out that the axis angle
of the segment is consistent with the ICME axis orientation from the cylinder model.

Since the helicity sign in the corona where the helicity of both the filament and the CME
originated from has not been fully explained in the work of Chandra et al. (2010), we have
investigated this active region in detail. Similar to Section 3.2.2, we also apply the LFFF
model to check the sign of the coronal helicity before the halo CME occurred. The overall
coronal loops in the TRACE image agree with either the negative or near zero force-free
α, as in Chandra et al. (2010), except for the local dark loops indicated by an arrow in
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Figure 7 The 18 November 2003 CMEs, the associated 20 November 2003 ICME, and the candidate solar
source regions. The white box in the full disk Hα image (a) of Yunnan observatory denotes AR 10501. The
CME in a LASCO C2 image (b) produced the ICME (c). Red thick lines in the panel (c) denote fitting results
of the cylinder model and the vertical dotted and dashed lines represent the IP shock arrival time and the
boundary of the ICME. Submap Hα images before (d) the CME are presented with a magnetic map of the
same region from SOHO/MDI (e) and a SOHO/EIT image (f). Helicity injections are estimated for the entire
AR 10501 (g), ‘PIL’ (h), and ‘F1’ regions (i), respectively. The red dashed vertical line indicates when the
flare occurred.
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Figure 8 Yunnan Hα submap
image (a) and SOHO/MDI
magnetogram (b) of AR 10501
before the CME. The helicity
injections (c) are estimated for
each segment of the filament. The
red dashed vertical line indicates
when the flare occurred.

Figure 9(a). Those dark loops seen in the TRACE image are the same filament shown in
Figure 7(d) and Figure 8(a). We can reconstruct those dark loops in the lower region with
positive force-free α (red field lines in Figure 9(b)), and the loops in the upper region with
negative α (blue field lines on the right-hand side of the red lines). We have also overlaid
the contour of the filament segment that erupted during the halo CME (black contour in
Figure 9(b)). We find that the erupted filament has positive helicity in the corona. Our result
supports the idea that the positive helicity sign of the ICME of interest originates from the
locally positive coronal helicity, and this region becomes unstable and erupts facilitated by
the opposite sign of helicity in this region to that of the surroundings (Park et al., 2012;
Jing et al., 2012).

3.2.4. 20 May 2005 ICME (Event C54 in Table 2)

The 20 May 2005 ICME had been reported by the CDAW to be caused by the 17 May 2005
CME that appeared at 03:26 UT in the LASCO C2 FOV. The CME is a partial halo CME and
has a slow speed of 450 km s−1. The deduced helicity sign of the ICME using the cylinder
model is negative, and the fitting result shows good agreement with the observations, as
shown in Figure 10(c).

In the solar source region of the CME (AR 10763), three flares occurred on 17 May. The
first, second, and third flares started at 02:31 UT, 03:58 UT, and 05:47 UT in the western,
middle, and eastern parts of the AR, respectively. There were two small filaments in the
active region marked as F1 and F2 in Figure 10(d). The signs of injected helicity over the
entire active region and the region of PIL are both positive as shown in Figure 10(g) and (h).
The filament in the region F1 has negative helicity sign while the filament in the region F2
has positive sign (Figure 10(i)). Considering its time of appearance (03:26 UT), the CME is
probably related to the first flare that occurred in the West of the AR at 02:31 UT on 17 May
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Figure 9 Determination of the coronal magnetic helicity sign in AR10501, through magnetic extrapolation
and its comparison with observed coronal loops. (a) TRACE 171 Å image and line-of-sight magnetic field
contours from SOHO/MDI overlaid corresponding to (−200, −50, 50, 200 G) levels. (b) SOHO/MDI magne-
togram and selected magnetic field lines computed from the linear force-free field extrapolation with different
α values (green: 0, blue: negative, red: positive). Black contour represents the filament that disappeared after
the CME (flare) obtained from Hα images taken by Kanzelhöhe Solar Observatory at 07:39:51 and 12:16:08
UT on 18 November 2003.

2005. The filament F1 seems to be a possible source of the ICME since it has the same
helicity sign as that of the ICME, if the CME–ICME pair is correctly selected. However, we
note that the filament in the F1 region can still be seen at 07:07 UT on 17 May in the Hα

movies from the Hida Domeless Solar Telescope (http://fw.hida.kyoto-u.ac.jp), and no clear
PEA structure can be seen in the EIT image, as shown in Figure 10(f). It is also noted that
no PEA signature is found in SXI images. For these reasons, we conclude that the region F1
is not the source region of the ICME.

Meanwhile, another candidate solar source of the ICME was proposed by Zhang et al.

(2007), who suggested that the 20 May 2005 MC may be due to a partial halo CME that
appeared at 13:50 UT on 16 May 2005 in the LASCO C2 FOV as seen in Figure 11(b). The
solar source region of the CME, AR 10759, located at N13W29 is denoted by a white box
in Figure 11(a). We note that the CME was related to the eruptive filament located in region
F1 of Figure 11(c). The eruption of the filament occurred at 12:12 UT on 16 May, and the
eruption can be clearly seen in the Hα movie by the Solar Telescope of Argentina (HASTA,
http://www.oafa.fcefn.unsj-cuim.edu.ar). We inspect helicity injections over the entire region,
PIL region, and F1 filament region of AR 10759, and find that they all have negative signs
(Figure 11(f) – (h)), which is the same as the sign of the ICME.

It is noted that deduced axis direction (∼155◦) of the ICME by applying the cylinder
fitting model is not consistent with the orientation angle (60◦) of the PEA axis, as shown
in Figure 11(e). One possible explanation for this disagreement is that the axis of the PEA
rotates during propagation from the Sun to the Earth as reported by Cohen et al. (2010) and
Vourlidas et al. (2011).

It is noteworthy that the researchers who participated in CDAW had selected the 17 May
CME, not strong but faintly erupted, as the likely candidate of the ICME, because its source
region was located close to disk center, while the source location of 16 May CME was far
from the disk center. Recently, the 16 May CME was accepted as an alternative candidate
for the ICME by CDAW, after the discovery that the eruptive filament near the disk center is
related to the arcade formation in AR 10759. Based on our study, we conclude that the solar
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Figure 10 The 17 May 2005 CME, the possibly associated 20 May 2005 ICME, and their candidate solar
source regions. (a) Full disk Yunnan Hα image. The white box denotes the location of AR 10763. (b) LASCO
C2 observations of the CME that could produce the ICME observed in situ near Earth, shown in (c). Solid
red lines denote a fitting result by the cylinder model. The vertical dotted and dashed lines represent the
interplanetary shock arrival time and the boundaries of the ICME, respectively. Submaps focusing on AR
9097 prior to the CME eruption are shown in (d) Hα and (e) a magnetogram from SOHO/MDI. (f) Shows
SOHO/EIT observations of the same region post-eruption. Estimates of helicity injection in the regions of
interest are shown for (g) the entire active region, (h) the polarity inversion line (PIL) and (i) the regions
labeled ‘F1’ and ‘F2’. The red dashed vertical line indicates when the flare occurred.
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Figure 11 The 16 May 2005 CME and its potential solar source regions. (a) Full disk Yunnan Hα image.
The white box denote the location of AR 10759. (b) LASCO C2 observations of the CME that produced the
20 May 2005 ICME. Submaps focusing on AR 10759 prior to the CME eruption are shown in (c) Hα and
(d) a magnetogram from SOHO/MDI. (e) Shows GOES/SXI observations of the same region post-eruption.
Estimates of helicity injection in the regions of interest are shown for (f) the entire active region, (g) the
polarity inversion line (PIL) and (i) the region labeled ‘F1’. The red dashed vertical line indicates when the
flare occurred.

source of the 20 May 2005 ICME is more likely to be 16 May 2005 CME, rather than the
17 May 2005 CME.

4. Summary and Conclusions

We determined the accumulated amount of helicity injection in the source active regions of
CMEs using SOHO/MDI magnetograms, and the helicity sign of the associated ICMEs by
fitting the cylinder model developed by Marubashi (2000), assuming a self-similar expan-
sion of the flux rope, to the solar wind data. We confirmed that the helicity signs of ICMEs
are generally consistent with that of their solar source regions, in 88 % of the cases. We also
compared helicity signs deduced from the X-ray sigmoid shapes with the helicity signs of
the ICMEs, and found that about 61 % of the ICMEs have the same helicity signs, while
12 % of the ICMEs have helicity signs that are not in agreement with that of the sigmoid.
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However, it was noted that there are many cases (26 %) when the sigmoid’s shape is am-
biguous in the soft X-ray images. These results indicate that most CMEs contain flux ropes
which maintain their helicity signs in the interplanetary space.

By studying four events where the helicity signs differ between the active regions and
the ICMEs, we found that the sign inconsistency in two events may be due to one of the
following reasons: either incorrect identification of the CME source region (20 May 2005
ICME), or a localised region having a different helicity sign than that of the entire source
active region (28 July 2000). The other two events (the 13 – 14 October 2000 ICME and the
20 November 2003 ICME) do not show clear consistency of the sign between the helicity
injection through the photosphere and the helicity of the ICMEs. However, we found in
both cases that the ICMEs have the same helicity signs as that of the pre-existing coronal
magnetic fields in their solar source regions, which were determined by using the LFFF
model. These results suggest that the origin of the ICME helicity can be found from the pre-
existing magnetic helicity already accumulated in the corona, and the injection of helicity
of the opposite sign through the photosphere may result in magnetic reconnection and lead
to filament eruptions.

We note that the sigmoid shapes of the source regions of 28 July 2000 and 13 – 14 Oc-
tober 2000 events do indicate a sign of helicity in agreement with the ICME. The sigmoid
shape can represent the coronal helicity, opposite to the sign of the photospheric helicity
injection. This might illustrate the importance of not relying on a single signature of source
region helicity sign when comparing the signs of helicity of CMEs and their associated
ICMEs.

In summary, we have found that all ICMEs in this study have the same helicity signs as
their solar source regions. Our result reveals that all the CMEs studied in this article have
flux rope structure and their helicity signs are conserved while the CMEs propagate from
the Sun to the Earth.
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Abstract The rotation of erupting filaments in the solar corona is addressed through a para-
metric simulation study of unstable, rotating flux ropes in bipolar force-free initial equi-
librium. The Lorentz force due to the external shear-field component and the relaxation of
tension in the twisted field are the major contributors to the rotation in this model, while
reconnection with the ambient field is of minor importance, due to the field’s simple struc-
ture. In the low-beta corona, the rotation is not guided by the changing orientation of the
vertical field component’s polarity inversion line with height. The model yields strong ini-
tial rotations which saturate in the corona and differ qualitatively from the profile of rotation
vs. height obtained in a recent simulation of an eruption without preexisting flux rope. Both
major mechanisms writhe the flux rope axis, converting part of the initial twist helicity, and
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produce rotation profiles which, to a large part, are very similar within a range of shear-
twist combinations. A difference lies in the tendency of twist-driven rotation to saturate at
lower heights than shear-driven rotation. For parameters characteristic of the source regions
of erupting filaments and coronal mass ejections, the shear field is found to be the domi-
nant origin of rotations in the corona and to be required if the rotation reaches angles of
order 90 degrees and higher; it dominates even if the twist exceeds the threshold of the
helical kink instability. The contributions by shear and twist to the total rotation can be
disentangled in the analysis of observations if the rotation and rise profiles are simultane-
ously compared with model calculations. The resulting twist estimate allows one to judge
whether the helical kink instability occurred. This is demonstrated for the erupting promi-
nence in the “Cartwheel CME” on 9 April 2008, which has shown a rotation of ≈115◦ up to
a height of 1.5 R⊙ above the photosphere. Out of a range of initial equilibria which include
strongly kink-unstable (twist � = 5π ), weakly kink-unstable (� = 3.5π ), and kink-stable
(� = 2.5π ) configurations, only the evolution of the weakly kink-unstable flux rope matches
the observations in their entirety.

Keywords Corona, active · Prominences, dynamics · Coronal mass ejections, initiation
and propagation · Magnetic fields, corona · Magnetohydrodynamics

1. Introduction

The geoeffectiveness of solar coronal mass ejections (CMEs) depends primarily on two
parameters, the velocity and the magnetic orientation of the CME at the impact on the Earth’s
magnetosphere. The higher the CME velocity and the closer its front side magnetic field
to a southward orientation, the more intense the interaction will typically be. Therefore,
understanding the physics that determines these CME parameters at 1 AU is one of the key
issues in space weather research. This involves the formation and main acceleration of the
CME in the solar corona, as well as its propagation through the interplanetary space. The
particulars of the trigger process also play a role in some events. It appears that typically the
corona is the place where the basic decisions are made: will the CME be fast or slow, and will
it keep the orientation given by the source, i.e., will its magnetic axis remain oriented nearly
parallel to the photospheric polarity inversion line (PIL), or will it rotate substantially?

In the present paper we employ the technique of MHD simulation to carry out a first
systematic, but in view of the problem’s complexity necessarily incomplete investigation of
a number of processes that cause and influence changes of CME orientation in the corona.
Such changes can be described as a rotation of the CME volume, more specifically of the
magnetic axis of the flux rope in the CME, about the direction of ascent. This rotation should
be distinguished from the possible rotation of the flux rope about its own axis, referred to as
the roll effect (Martin, 2003; Panasenco et al., 2011), which we do not address here.

Understanding the rotation of erupting flux ropes in the corona is also relevant for the
question which processes trigger the eruptions, as a substantial rotation may indicate the
occurrence of the helical kink instability (KI); see, e.g., Rust and Kumar (1996), Romano,
Contarino, and Zuccarello (2003), and Rust and LaBonte (2005). This instability is one
of the candidate mechanisms for the initiation of CMEs (Sakurai, 1976; Fan and Gibson,
2003; Kliem, Titov, and Török, 2004). It commences when the twist of the rope exceeds
a critical value, � = 2πN > �cr, where N is the winding number of the field lines about
the rope’s magnetic axis. The dynamical evolution of the instability has shown very good
quantitative agreement with a number of well observed events, which range from confined
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filament eruptions to the fastest CME on record (Török and Kliem, 2005; Williams et al.,
2005). However, Isenberg and Forbes (2007) have pointed out an alternative mechanism for
the rotation of line-tied flux ropes, which relies on the presence of an external toroidal field
component, Bet, due to sources external to the current in the flux rope and pointing along
the rope, i.e., an external shear-field component. The mechanism can easily be understood
in the simplified picture of a current loop in vacuum field. When the loop legs move out
of their equilibrium position to a more vertical orientation, the cross product of the loop
current with the shear-field component yields a sideways Lorentz force on the legs, which
is antisymmetric with respect to the vertical line that passes through the apex of the loop.
This torque forces the rising top part of the loop to rotate. The effect is also found in a full
fluid description (Lynch et al., 2009). For a given chirality of the erupting field, it yields
the same direction of rotation as the helical kink. Hence, a comparative study of these two
mechanisms is required before firm conclusions about the occurrence of the KI can be drawn
from observations of flux rope rotations, which is a further main objective of this paper.

Since the rotations caused by the KI and by the external shear field point in the same
direction, they are difficult to disentangle. In fact, from a more general perspective, they are
of similar nature. Both cause a writhing of the flux rope which, by conservation of magnetic
helicity, reduces the twist of the rope field lines about the writhing axis. Consequently, one
can expect that observed flux rope rotations are often consistent with a range of �–Bet

parameter combinations which give the writhing of the flux rope by the helical kink and by
the shear field different individual but similar combined strengths.

Other causes of flux rope rotation include magnetic reconnection with the ambient field
(Jacobs et al., 2009; Shiota et al., 2010; Cohen et al., 2010; Thompson, 2011; Vourlidas
et al., 2011), the straightening from an initial S shape (e.g., Török, Berger, and Kliem, 2010),
and the propagation through the overlying field. The latter comprises any asymmetric deflec-
tion of the rising flux from radial ascent, e.g., by adjacent coronal holes (see, e.g., Panasenco
et al., 2011), and the interaction with the heliospheric current sheet (Yurchyshyn, 2008;
Yurchyshyn, Abramenko, and Tripathi, 2009).

One may conjecture that the generally changing orientation of the PIL with height in the
corona acts similarly to the heliospheric current sheet at larger heights, i.e., that the upper
part of the rising flux continuously adjusts its orientation to align with the PIL. If this were
the dominant effect, the rotation of erupting flux could be predicted rather straightforwardly
from extrapolation of the photospheric field, since the overlying field is often close to the
potential field. However, this conjecture is not valid in the lower corona where β ≪ 1, and
where the main part of the total rotation often occurs. We demonstrate this in Appendix A.

The amount of rotation depends on the individual strengths of the five potentially con-
tributing processes. Four of them are controlled by more than a single parameter. This is
immediately obvious for the torque by the shear field, which must depend on the height pro-

file Bet(z), and for the reconnection, which is sensitive to the structure of the ambient field,
i.e., whether the field is bipolar, quadrupolar, or multipolar and whether the orientation of
the line between the resulting new footpoints of the erupting flux differs strongly from the
original orientation. The rotation by the KI does not only depend on the initial flux rope
twist, � − �cr, but also on the strength and height profile of the overlying field (Török,
Berger, and Kliem, 2010). If the overlying field decreases only slowly with height, then the
upward expansion develops slowly and, accordingly, its contribution to the relaxation of the
field line tension is initially weak. The relaxation is then primarily accomplished by a strong
rotation at small heights. In the opposite case of very strong upward expansion, the rota-
tion is distributed across a large height range, which also increases the likelihood of further
changes by the onset of reconnection (see Lugaz et al., 2011 for an example). The effect of
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the heliospheric current sheet can be expected to depend on the angle with the top section of
the flux rope’s axis, on the horizontal elongation of the CME (whether its horizontal cross
section is very elliptical or more nearly circular), and on the magnetic pressure of the CME
relative to the pressure of the interplanetary plasma.

Moreover, the total rotation experienced by an erupting flux rope likely depends also on
the dynamics of its evolution. For example, a torque strongly localized at low heights, op-
erating on a still small loop, may hurl the flux around more efficiently than a torque which
is distributed across a large height range. As another example, in a complex (multipolar)
coronal environment the sequence and strength of reconnection with the ambient field may
strongly depend upon the height profiles of the rope’s angular and rise velocities caused by
other processes, e.g., by an ideal MHD instability. The relative velocity between reconnect-
ing flux systems controls how strongly the reconnection with the ambient field is driven.
Hence, quantitative studies of flux rope rotation face a very high degree of complexity.

Here we focus on two mechanisms that can cause strong rotations in the corona, the heli-
cal kink instability and the torque exerted by an external shear-field component. By compar-
ing a parametric study of both mechanisms in a force-free, line-tied flux rope equilibrium
with the data of a well observed, strongly rotating erupting prominence, we demonstrate
that their contributions can be disentangled to some degree. We also demonstrate the very
strong influence of the ambient potential field’s height profile on the amount of rotation by
the KI, and briefly address the influence of reconnection between the CME flux rope and the
ambient field on the rotation.

This investigation was stimulated by the analysis of the strong rotation in a prominence
eruption and CME on 9 April 2008, occasionally referred to as the “Cartwheel CME”, in
Thompson, Kliem, and Török (2012, in the following: Paper I). Their stereoscopic recon-
struction revealed the height–rotation profile of the erupting filament/prominence in the core
of a CME for the first time (Thompson, Kliem, and Toeroek, 2009). This profile provides a
strong constraint for the numerical modeling. In combination with the further observations
of the event, it allows us to infer the major causes of the rotation and the range of source
parameters compatible with the data. The analysis of Paper I has given the following results
relevant for the present study. The prominence erupted from the remnants of NOAA active
region (AR) 10989 close to the west limb and appeared as a flux rope – a single, weakly to
moderately twisted loop – throughout the height range covered by the STEREO EUVI and
COR1 telescopes (Howard et al., 2008), i.e., up to 4 R⊙ from Sun center. It rotated coun-
terclockwise by ≈115◦ up to a heliocentric height of 2.5 R⊙, where the rotation leveled
off. Two thirds of this rotation were acquired within 0.5 R⊙ from the photosphere. The data
indicate a subsequent gentle backward rotation by ≈15◦ in the height range up to 3.3 R⊙. In
addition, the analysis of STEREO COR2 data in Patsourakos and Vourlidas (2011) demon-
strated that a flux rope structure is consistent also with the three-dimensional shape of the
CME at a heliocentric distance of 13 R⊙, where it had changed its orientation by a total of
150◦ ± 7◦ from the original one, most likely by further counterclockwise rotation. At this
stage the erupting flux was very closely aligned with the heliospheric current sheet above
the active region. The prominence was initially accelerated mainly horizontally along the
filament channel. This gradually turned into a radial propagation at a position ≈98W24S
as seen from Earth, 15◦ – 20◦ away from the original location. The prominence experienced
most of its upward acceleration in the heliocentric height range up to ∼2.5 R⊙ and reached
a velocity of ∼400 km s−1 in the COR2 field of view. At the same time, the leading edge
of the CME accelerated to over 700 km s−1 (Landi et al., 2010). Representative images of
the prominence from STEREO Ahead, which had the best perspective at the structure, and
the corresponding three-dimensional reconstructions of the location of several prominence
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Figure 1 Images and plots of the prominence eruption at 10:16 UT, as seen by the EUVI-Ahead telescope
in the 304 Å channel, and at 10:55 and 11:25 UT, as seen in white light by COR1-Ahead. The prominence
apex has reached heights of 0.56, 1.6, and 2.3 R⊙ above the photosphere at these times. The right panels
display the reconstructed three-dimensional position of the marked prominence threads, using a reprojection
to a viewpoint at the position of radial CME propagation, Stonyhurst longitude 98◦ west (relative to Earth)
and latitude 24◦ south, where the counterclockwise rotation is apparent. The axes are in units of solar radii.

threads are compiled in Figure 1 (from Paper I). The rotation (height–rotation) profile and
the rise (time–height) profile are included below in the observation-simulation comparisons
(Figures 6 and 8, respectively).

As already noted above, we focus our attention here on the coronal evolution of this
event, leaving the interaction with the heliospheric current sheet for future investigation.
Moreover, we exclude the possible slight backward rotation by ≈15◦ in the COR1 height
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range from our modeling, since we are interested in the generally important effects which
cause significant rotations in the corona. This part of the rotation is not fully certain, and, if
real, it was likely caused by the particular structure of the large-scale coronal field above the
active region, which nearly reversed its horizontal direction at heights �0.3 R⊙ above the
photosphere (Paper I). Thus, we will consider a saturation of the modeled rotation at angles
near 115◦ and heights h ≈ (1.5 – 2.3) R⊙ above the photosphere to be in agreement with
the observations. Furthermore, we will disregard the initial nearly horizontal motion of the
prominence along the PIL.

The combined effects of flux dispersal and foreshortening in the course of the source re-
gion’s rotation to the solar limb made it impossible to obtain a well-defined estimate of the
distance between the main flux concentrations in the bipolar region at the time of the erup-
tion, which is a parameter of strong influence on the height profile of the ambient potential
field. Only a relatively wide range of ∼ (40 – 150) Mm could be estimated by extrapolating
the region’s evolution in the course of its disk passage through the final three days before
the event. It will be seen that this range still sets a useful constraint on the modeling.

In the following we model the radial propagation of the prominence in the Cartwheel
CME in the coronal range of heights as the MHD evolution of an unstable force-free and
line-tied flux rope (Section 2). A parametric study of the resulting rotation and rise, focus-
ing on the rotation caused by the helical kink instability and by the external shear field,
is compared with the observations, to constrain the parameters in the source of the event
and to study whether the relative importance of these mechanisms can be disentangled and
individually estimated (Section 3). The discussion in Section 4 addresses the simplifying
assumptions made in the modeling and differences to earlier relevant work. Section 5 gives
our conclusions. Appendix A relates the rotation of erupting flux ropes in low-beta plasma
to the changing orientation of the PIL with height, and Appendix B considers options for
inferring the occurrence of the helical kink in the presence of shear-field-driven rotation.

2. Numerical Model

We carry out a series of MHD simulations similar to the CME simulation in Török and Kliem
(2005). The prominence is modeled as a section of an approximately force-free toroidal cur-
rent channel embedded in external current-free (potential) field, which represents a modifi-
cation of the approximate force-free equilibrium by Titov and Démoulin (1999). The current
channel creates a flux rope structure of the magnetic field which has a somewhat larger cross
section than the channel and is enclosed by a quasi-separatrix layer in the interface to the sur-
rounding field of arcade structure. The chirality of the flux rope is chosen to be left handed,
so that the rotation will be counterclockwise (Green et al., 2007). The poloidal component
of the external field, Bep, is due to a pair of subphotospheric magnetic point sources, which
produce a pair of flux concentrations (“sunspots”) on the sides of the flux rope (the “promi-
nence”) in the magnetogram. This field component holds the current channel in equilibrium;
its strength at the position of the rope is exactly proportional to the current in the rope. Con-
sequently, only its spatial profile, determined by the spacing between its sources, can be
freely varied. The toroidal component of the external field, Bet, is due to a pair of subphoto-
spheric dipoles, positioned under the footpoints of the flux rope such that the field lines of
Bet run parallel to the magnetic axis of the rope to a very good approximation. Therefore,
Bet introduces only very minor Lorentz forces in the initial configuration, which quickly
decrease by numerical relaxation at the beginning of each run, so that the strength of Bet can
be chosen freely within a wide range. We will also refer to the external toroidal field as the
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Figure 2 Visualization of the modified Titov–Démoulin flux rope equilibrium used as the initial condition
in the simulation runs of this paper; here with an average twist � = 3.5π as in Figure 4. The current channel
is rendered as a yellow transparent volume. Blue field lines run near the magnetic axis of the flux rope (where
the local twist is 2π ; note that their color is modified by the yellow transparent volume around them), red
field lines are embedded in the flux surface at a distance to the axis where the local twist equals the average
twist. Two symmetric sets of green and olive field lines show the ambient potential field. Contours of the
magnetogram, Bz(x, y,0), are shown in the bottom plane. The torus of major radius R and minor radius a

is submerged by a distance d , resulting in the apex height h0 = R − d and the distance of each flux rope
footpoint from the origin Df = (R2 − d2)1/2. A bipole, whose components are located at (±L,0,−d), is
the source of the external poloidal field component Bep; see Figure 2 in Titov and Démoulin (1999) for its
visualization. A pair of antiparallel, vertically oriented dipoles, placed under the footpoints of the flux rope at
(0,±Df,−5h0), provides the source of the external toroidal (shear) field component Bet .

shear-field component. Here it decreases faster with height than the external toroidal field in
the original Titov–Démoulin equilibrium. A visualization of the configuration is shown in
Figure 2.

We integrate the ideal MHD equations but neglect pressure, as appropriate in the active-
region corona, and gravity, because the hydrostatic pressure profile along the field is not
essential for the flux rope rotation, which is driven by the Lorentz force. These simpli-
fications yield maximum freedom in the scalability of the simulation results to the data.
Magnetic reconnection can occur due to the numerical diffusion of the field in regions of
strong gradients. The initial density is specified as ρ0(x) = |B0(x)|3/2, where B0(x) is the
initial magnetic field. This yields a slow decrease of the Alfvén velocity with height, as in
the corona. The box is a cube 64 units long on each side, significantly larger than in our
previous simulations and in each direction at least twice as large as the biggest size of the
structures that will be compared to the data. It is resolved by a nonuniform, fixed Cartesian
grid with a resolution of 0.04 units in the central part of the box (a factor of two coarser than
in Török and Kliem, 2005). Rigid boundary conditions are implemented at the top and side
boundaries, while very small velocities are permitted in the bottom boundary. Initially the
torus lies in the plane {x = 0}. The MHD variables are normalized by the initial apex height
of the flux rope axis, h0, by the initial field strength B0, density ρ0, and Alfvén velocity
VA0 at this point, and by the corresponding quantities derived thereof, e.g., the Alfvén time
τA = h0/VA0. Thus, the initial apex height of the axis of the current channel and flux rope
serves as the length unit.

The parameters of the initial configuration are largely chosen as in Török and Kliem
(2005). We fix the major radius of the torus at R = 1.83, the depth of the torus center at
d = 0.83 and the pre-normalization strength of the point sources at q = 1014 Tm2 in all runs.
For a base set of the simulation series, discussed below in Figures 3 – 6, 8, and 9, we further
fix the distance of the point sources from the z axis at L = 0.83 (in units normalized such that
h0 is unity). This value lies in the middle of the estimated range for the corresponding dis-
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tance of the flux concentrations in AR 10989, given above, when the scaling h0 = 0.077 R⊙

adopted in Section 3.1 is applied. It also agrees with the settings in several previous in-
vestigations (e.g., Török and Kliem, 2005; Török, Berger, and Kliem, 2010), facilitating
comparisons. Variations of this parameter will be considered in the range L = 0.42 – 2.5.
We vary the minor radius of the toroidal current channel, a = 0.32 – 0.62, and the strength
of the external toroidal field, Bet/Bep = 0 – 1.06 at the flux rope apex x = (0,0,1), to obtain
a range of values for the average twist of the current channel, � = (2.5 – 5.0)π , and for
the strength of the shear-field component. The twist is influenced by both a and Bet, with
a having the stronger influence within the considered range of parameters. The twist values
quoted in this paper represent the initial twist averaged over the cross section of the current
channel in the manner described in Török, Kliem, and Titov (2004).

The range of the initial average twist is chosen such that unstable and stable configura-
tions with respect to the helical kink mode are included. The first group is unstable from
the beginning of the simulation. Nevertheless, a small upward initial velocity perturbation is
applied in the vicinity of the flux rope apex (typically ramped up to 0.05 VA0 over 5 τA and
then switched off), to ensure that the instability displaces the apex upwards, i.e., downward
kinking is excluded in these runs which are intended to model CMEs.

For the geometric parameters of the system specified above, the flux rope is initially sta-
ble with respect to the torus instability (Kliem and Török, 2006; Török and Kliem, 2007).
However, the helical kink instability lifts the rope into the torus-unstable range of heights
(h � 2 h0), from where the torus instability accelerates its top part further upwards.1 The
kink-stable cases require that the upward velocity perturbation is applied for a longer time,
lifting the apex into the torus-unstable range. This allows us to study the influence of the
shear field on the rotation in the absence of the helical kink instability, using uniform geo-
metrical parameters of the initial flux rope (except for the minor flux rope radius a) in all
runs. An initial velocity perturbation very close to the required minimum value is applied
in each of these cases, to ensure nearly uniform conditions at the onset of the instability
throughout the series. The values at the end of the ramp phase stay below 0.12 VA0 for all
runs. The flux rope velocity falls back to a much smaller value (typically ≈0.01 VA0) imme-
diately after the perturbation is switched off. The growing instabilities then accelerate the
apex to peak upward velocities in the range max{ua} ≈ (0.4 – 0.7) VA0, far higher than the
initial perturbation.

On the Sun, the initial lifting of the flux can occur by a variety of effects in addition
to the helical kink mode, as has been demonstrated by numerical simulations. These in-
clude the shearing and twisting of the coronal field by photospheric flows (e.g., Mikic and
Linker, 1994; Török and Kliem, 2003), reconnection associated with flux cancellation in the
photosphere (e.g., Aulanier et al., 2010; Amari et al., 2010), and reconnection with newly
emerging flux (Chen and Shibata, 2000).

The observations of the Cartwheel event indicate a gradual doubling of the prominence
height prior to the eruption (Paper I). The initial lifting of the flux rope apex in the simula-
tions due to the applied perturbation is much smaller for all kink-unstable runs and stays in
the range up to this value for the kink-stable cases, except for the run with the highest shear
field (� = 2.5π , Bet/Bep = 1.06), which requires a lifting to 2.6 h0.

1The torus instability can be considered as a lateral kink of the current channel. However, we choose “kink”
and “KI” to refer exclusively to the helical kink mode in this paper.
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3. Comparison of Simulations and Observations

3.1. Dependence of Flux Rope Rotation on Twist and Shear

We begin with a case that involves a clear helical kink instability, as one would expect at
first sight from the considerable rotation observed in the Cartwheel event. The initial average
twist is chosen to be � = 5π , a value used previously in the successful modeling of several
filament/prominence eruptions (Williams et al., 2005; Török and Kliem, 2005). Even with
this considerable amount of twist (and with the sunspot semi-distance L = 0.83), we find
that a shear field is required to reach the observed rotation. Figure 3 shows the resulting
rotation of the flux rope, which reaches the observed value of 115◦ and is a combined effect
of the helical kink instability and the shear field. The field lines visualize a flux bundle in the
core of the rope which runs slightly (≈5 %) under the rope axis in its top part. This is a likely
location for prominence material within a flux rope. Moreover, this is the only selection that
allows a favorable comparison with the observed flux rope shape for the weakly twisted case
shown below in Figure 5, while the more strongly twisted cases are less sensitive to this
vertical offset. Therefore, we adopt this selection as a uniform choice for Figures 3, 4 and 5
which compare the flux rope rotation for different twist values. The field lines are displayed
from perspectives identical to the STEREO images and reconstructions in Figure 1.

Two characteristic morphological features apparent in the COR1 data in Figure 1 are
weakly indicated in the simulation: the initial teardrop-like appearance and the elongated
shape at large heights (relatively narrow in the horizontal direction). The right panels show
that the teardrop shape is a projection effect. The legs of the erupting rope approach each
other near the edge of the occulting disk only in projection; they are displaced along the line
of sight and actually moving away from each other. The elongated shape is largely also due
to the strong rotation.

The legs of the rope appear “wiggly”, which results from two effects. First, they re-
connect with the ambient field in the vertical current sheet under the flux rope apex in the
interval t ≈ (32 – 65) τA, which corresponds to apex heights h ≈ (5 – 21) h0; with the recon-
nection proceeding at much lower heights inside the edge of the COR1 occulting disk. This
leads to a bend in the reconnected flux rope: the field lines have relatively small curvature
within the legs of the expanded original rope above the reconnection point but run along a
more helical path in the ambient field just outside the original rope below the reconnection
point. This bend and the more helical shape of the field lines below it relax upward, along
with the overall upward expansion of the reconnected flux rope. Since the flux rope apex has
reached a considerable upward velocity, ua � 0.5 VA, the bend needs a large height range
for its propagation to the top of the rope. It is located slightly above the dotted line in the
third snapshot pair of Figure 3 and at h � 15 h0 in the final snapshot pair. The plots on the
right hand side show that the new footpoints of the rope are displaced in counterclockwise
direction from the original ones, thus contributing to the overall counterclockwise rotation
of the rope. However, this contribution is only a minor one; the major part of the total ro-
tation occurs before the flux rope legs reconnect (which can be seen by comparison with
Figure 6 below). This reconnection is similar to the second and third reconnections de-
scribed in Gibson and Fan (2008, their Section 4.1) and will be addressed in more detail in
a future investigation. Second, at the given relatively high value of the twist, the dominant
wavelength of the helical kink mode is considerably shorter than the flux rope, so that the
characteristic helical shape develops clearly.

Figure 4 shows the evolution in a second run where the KI develops only weakly, using a
moderate, only slightly supercritical value of the initial average twist, � = 3.5π . A stronger
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Figure 3 Snapshots of an
erupting and rotating, strongly
kink-unstable flux rope. The
initial average twist is � = 5π

and the shear-field component at
the initial flux rope apex position
is given by Bet/Bep = 0.42. Field
lines in the core of the rope,
traced downward from the apex,
are shown in the height range
0 ≤ z � 30, using the same two
perspectives as for the
observations in Figure 1 (in the
left panels the line of sight makes
an angle of 26◦ with the y axis,
and the z axis is tilted away from
the observer by 8◦ , while the
right panels present a vertical
view with an initial angle
between the flux rope axis and
the east–west direction of 26◦).
The magnetogram, Bz(x, y,0, t),
is displayed in grayscale (seen
from below in the left panels).
The dotted line indicates where
the edge of the COR1 occulting
disk is located if the distance
between the flux rope footpoints
in the simulation, 2Df = 3.3 h0 ,
is scaled to the value of 175 Mm
estimated in Paper I. Using this
scaling, the simulated heights of
h = 1, 7.3, 21, and 30 h0 (at
t = 0, 36, 64, and 84 τA)
translate to heights of 0.077,
0.56, 1.6, and 2.3 R⊙ above the
photosphere, reached at 10:16,
10:55, and 11:25 UT (for rows
2 – 4), respectively.

shear field is chosen, so that the same total rotation is achieved. The overall properties –
accelerated rise into an ejection (CME) and very strong rotation – are identical to the run
shown in Figure 3. The morphological details, such as the teardrop shape at small heights
and the elongated shape at large heights, match the data slightly better. The indications of
wiggly shape at large heights remain weak. Reconnection of the flux rope legs with the
ambient field occurs here as well, but the resulting changes in the shape of the flux rope are
weaker, since not only the field lines in the rope are less twisted but also the ambient field
is less helical, due to the larger Bet. This morphological difference to the strongly twisted
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Figure 4 Same as Figure 3 for a
weakly kink-unstable case with
initial average twist � = 3.5π

and shear field Bet/Bep = 0.67.
The flux rope is shown at the
simulation times t = 0, 50, 80,
and 97 τA which yield the same
heights as the snapshots in
Figure 3, corresponding to the
same observation times.

flux rope is one aspect that may allow to distinguish between rotations with strong and weak
involvement of the helical kink in observed events. The field line shapes in the present case
conform slightly better to the inclination of the prominence threads with respect to the axis
of the flux rope in the COR1 data in Figure 1, but this difference is not sufficiently clear
to be decisive by itself. Moreover, it depends to a considerable degree upon which part of
the erupting flux was outlined by prominence material in the considered event and on the
selection of field lines in the plots.



148 B. Kliem et al.

Figure 5 Same as Figure 3 for a
kink-stable case with initial
average twist � = 2.5π and
shear field Bet/Bep = 1.06. The
flux rope is shown at the
simulation times t = 0, 77, 109,
and 128 τA which yield the same
heights as the snapshots in
Figure 3, corresponding to the
same observation times.

Figure 5 presents a case with subcritical flux rope twist, � = 2.5π , where the kink insta-
bility cannot develop and an even stronger shear field is needed to achieve a similar rotation.
Here the parameters were chosen such that the rotation matches the observations as well
as the other two runs in the height range h � 20 h0, with the total rotation of the rope’s
magnetic axis at h = 30 h0 exceeding the rotation in those runs by 20 – 25 degrees. The
elongated teardrop shape at intermediate and large heights yields the best match of the three
runs shown in Figures 3, 4 and 5. However, this is only the case because a flux bundle
slightly under the magnetic axis of the flux rope is selected in the visualization. If instead
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a set of field lines encircling the flux rope axis is chosen, then the high total rotation at the
apex height h = 30 h0 leads to an inverse teardrop shape (narrow at the apex, because at this
point the view is nearly along the axis of the rotated flux rope), which is inconsistent with the
observations. Again, since it is not known which parts of the erupting flux (rope) were filled
with prominence material in the event to be modeled, these morphological comparisons, by
themselves, do not allow to rule out the kink-stable run shown in Figure 5.

The similar total rotations in the three simulations confirm that both twist and shear
belong to the key parameters which determine the amount of rotation in erupting flux ropes.
To analyze this further, we consider a set of characteristic cases from our series of simulation
runs with varying strength of the two effects. For each of the twist values � = 5.0, 3.5, and
2.5π , we vary the shear field Bet from the respective best fitting value used in Figures 3 – 5.
All runs use the same sunspot semi-distance L = 0.83 and, hence, the same external poloidal
field Bep. The variation of L will be considered in Section 3.2.

The rotation of the flux rope in the simulations is measured in two ways. At low heights
it is taken from the changing orientation of the magnetic axis at the apex of the flux rope.
As the flux rope rises, the apex orientation oscillates increasingly, due to the upward propa-
gation of Alfvénic perturbations which result from the dynamic onset of reconnection in the
vertical current sheet under the rope (the relaxation of the bend in the reconnected field lines
mentioned above). The right panels at the two final heights in Figures 4 and 5 indicate the
resulting oscillations of the field orientation at the apex with respect to the bulk orientation
of the flux rope’s upper part. Therefore, at larger heights we simply use the direction of the
horizontal line connecting the flux rope legs at the height where they are most distant from
each other. This measurement filters away most of the oscillating variations, which are also
not captured by the observed rotation data derived in Paper I and replotted in Figure 6. The
difference between the two measurements remains less than five percent in a height range
�h ∼ (3 – 6) h0 around h ∼ 10 h0, except for the most strongly rotating and oscillating case
in the series (� = 5π , Bet/Bep = 0.63) where it reaches ≈10 percent. Linear interpolation
between the two measurements for each simulation run is applied in the appropriate range
of small differences to match them smoothly.

(The method to estimate the rotation angle at large heights fails for one of the runs in
Figure 6 (� = 2.5π , Bet = 0), where reconnection of the flux rope legs with the ambient
field leads to jumps that are larger than the oscillations of the magnetic axis at the apex.
For this run, whose rotation profile differs strongly from the observed one, we include the
rotation angle only at low heights, to show the trend.)

In order to compare the simulated rotation profiles with the observations, a scaling of the
length unit in the simulations to distances on the Sun is required. For this purpose, we set the
distance between the footpoints of the flux rope in the simulation, 2Df = 3.3 h0, equal to the
estimated length of the flux which holds the prominence, 175 Mm (Paper I). This is indepen-
dent of the actual prominence shape. The apex height of the toroidal Titov–Démoulin flux
rope, our length unit, tends to be somewhat high in comparison to solar prominences, which
are often quite flat. Here we obtain h0 = 0.077 R⊙, relatively close to the estimated initial
prominence height of ≈ (0.05 – 0.06) R⊙ (Paper I). If we would instead choose to compare
the simulations to the temporal profile of the prominence rotation, then each change of the
twist, which implies a change of the KI growth rate, would require a rescaling of the time
unit in the simulations, τA. The comparison of the simulated rotation profiles with the ob-
served profile is displayed in Figure 6. As discussed in Sections 1 and 4, we disregard the
slight backward rotation at h � 1.5 R⊙ above the photosphere in the comparison and as-
sume that the tendency of the rotation to level off at this height would have continued in the
absence of the specific complex structure of the large-scale coronal field above AR 10989
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Figure 6 Comparison of flux rope rotation as a function of normalized apex height above the photosphere
with the observations obtained in Paper I. Crosses and diamonds are EUVI data, with the final cross rep-
resenting a lower limit for the height and the diamonds representing interpolated heights. Plus symbols are
COR1 data. The distance between the footpoints of the flux rope in the simulation is scaled to the value of
175 Mm estimated in Paper I, resulting in h0 = 0.077 R⊙ . The initial average twist, �, and the strength of the
shear-field component (external toroidal field), Bet , given by its ratio to the external poloidal field component
Bep at the initial flux rope apex, are varied, while the geometrical parameters of the initial flux rope (except
the minor radius a) and the spatial structure of the external field components Bet and Bep are uniformly cho-
sen throughout the series of runs (see Section 2 for details). The optimum values for the shear-field strength,
which yield the best match with the observed rotation profile up to h ≈ 20 h0, found through parametric
search, are Bet,opt/Bep = 0.42, 0.67, and 1.06 for � = 5.0π , 3.5π , and 2.5π , respectively. Changes of Bet
by a factor 3/2 and the case Bet = 0 are included.

and in the absence of the heliospheric current sheet, which are not included in our model.
Several conclusions can be drawn from this set of simulations.

i) Similar height–rotation profiles (not only a similar total rotation) are obtained in a range
of �–Bet combinations. The profiles for (�,Bet/Bep) = (5π,0.42), (3.5π,0.67), and
(2.5π,1.06) all match the observed profile very well up to a height h ∼ 20 h0 ≈ 1.5 R⊙

above the photosphere, where a total rotation of ≈115◦ is observed. These runs include
a strongly and a weakly kink-unstable and a kink-stable case. Hence, even such a strong
rotation does not by itself imply the occurrence of the helical kink instability. Further
arguments, such as those given below, are required to draw conclusions about the oc-
currence of the instability in the modeled event.

ii) To reach the observed total rotation of ≈115◦ with the initial configuration and parame-
ter settings chosen in this series, in particular with the chosen value of the sunspot semi-
distance L, the shear must contribute. The strongly twisted configuration (� = 5π )
yields only little more than one third of the observed rotation in the absence of shear
(Bet = 0). Therefore, the shear contributes the main part of the total rotation even in this
strongly kink-unstable case. Note that this conclusion changes if the sunspot distance
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is set to larger (however, unrealistic) values, so that the overlying field decreases less
steeply with height (see Section 3.2).

iii) The twist also contributes in all runs. The tension of the twisted field relaxes in any case
when the flux rope is driven upward out of its initial equilibrium, be it by the helical
kink instability, by the torus instability, or by any other process (e.g., by so-called tether-
cutting reconnection). This relaxation contributes to the writhing of the flux rope axis
regardless of whether or not the helical kink instability is triggered. As a consequence,
we do not observe a jump in the achieved rotation as the twist of the initial equilibrium
is varied between kink-stable and kink-unstable values. This is most obvious from the
runs with Bet = 0.

iv) The higher the relative contribution of the twist, the lower the height range where most
of the rotation is reached. This reflects the fact that the KI tends to reach saturation
quickly, often already when the flux rope has risen to a height comparable to the foot-
point distance (e.g., Török, Kliem, and Titov, 2004). This property corresponds well to
the tendency of the rotation to level off at the relatively low height of ≈1.5 R⊙ (≈20 h0)
above the photosphere. The rotation by the shear field acts in a larger height range. The
different behavior can be made plausible from the fact that the Lorentz force due to the
shear field depends on the current through the rope and on the angle between the flux
rope legs and the shear field. While the current decreases as the rope ascends (similar to
the twist), the angle rises until the legs approach a vertical position, which corresponds
to bigger apex heights than the saturation height of the helical kink mode. Hence, the
Lorentz force due to the shear field acts strongly in a larger height range than the tension
force associated with the twist.

As a consequence, the Titov–Démoulin flux rope with subcritical twist for KI onset
does not allow to match the entire observed rotation profile of the 9 April 2008 event.
We have performed considerable numerical experimenting in this range of twists [� =

(2.5 – 3)π ], including modifications of the height profiles Bet(z) and Bep(z) and of the
flux rope shape (by varying its major radius R but not the apex height h0) from the
uniform settings for the runs in Figure 6. Either the rotation in the height range h � 20 h0

was found to be too small, or the total rotation at h = 30 h0 was too large. Although the
shape of the prominence in the plane of the sky can still be met by the special selection
of the field lines in Figure 5, the saturation of the rotation at h ≈ 1.5 R⊙, revealed by
the stereoscopic reconstruction, cannot be reproduced. This suggests that at least a weak
helical kink instability must have been triggered in this event.

v) The range of twist-shear combinations that reproduce the observed rotation profile is
bounded not only from below, as outlined in ii) and iv), but also from above. Average
twists significantly exceeding 5π are not only unlikely to occur in the corona but also
lead to increasingly strong helical deformations of the flux rope, which are favorable
for the onset of magnetic reconnection with the overlying field or between the flux rope
legs. Such reconnection can strongly distort the rotation profile and can even stop the
rise of the flux rope (Török and Kliem, 2005; Shiota et al., 2010). Reconnection with the
overlying field does indeed lead to a confined (failed) eruption in the present simulation
series when the initial twist is raised to 6π . Reconnection between the legs of the rope
occurs if � ≥ 7π , also leading to confined eruptions. (A detailed description of such
reconnection can be found in Kliem et al., 2010.)

Increasing the shear field tends to stabilize the flux rope because any displace-
ment then requires an increasing amount of energy to push the ambient field aside.
The low-twist case (� = 2.5π ) with the strongest shear field included in Figure 6 re-
quires a considerable initial perturbation to reach the torus-unstable range of heights
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(h > 2.6 h0 = 0.2 R⊙ for these parameters); it is completely stable to small perturba-
tions. Similarly, while the 3.5π run with Bet = 0 is clearly kink-unstable, the corre-
sponding sheared case (Bet/Bep = 0.67) exceeds the instability threshold only slightly.
The initial lifting of the flux rope required in the low-twist case strongly exceeds the
observed rise of the prominence to ≈0.06 R⊙ prior to the onset of the eruption. This
represents a further strong indication against this configuration.

The upper limit for the shear field is not a universal number but depends on other
parameters of the system, which include the thickness of the flux rope, the strength of
the line tying, and the height profile of the external poloidal field, Bep(z). A systematic
study of these dependencies would be beyond the scope of the present investigation.
However, we have considered a modification of the height profile Bep(z), which is the
key parameter for the onset of the torus instability in the absence of shear and significant
line tying (Kliem and Török, 2006). In an attempt to ease the occurrence of the insta-
bility in the low-twist case (� = 2.5π , Bet/Bep = 1.06), the sunspot semi-distance was
reduced to the minimum value of the possible range estimated from the observations,
L = 0.4, leaving the other parameters of the equilibrium unchanged. No reduction of the
minimum height for instability was found, which must be due to the strong stabilizing
effect by the chosen shear field.

vi) Reconnection of the flux rope legs with the ambient field contributes only a minor part
of the total rotation in our simulation series. It appears to remain weaker than the twist-
driven rotation, or at most comparable, i.e., considerably weaker than the shear-driven
rotation. This can be seen most clearly in the 5π run with Bet = 0. Here the reconnection
of the flux rope legs with the ambient field proceeds while the rope apex rises from
≈2 h0 to ≈16 h0, with the flux in the core of the rope being involved in the range of
apex heights h ∼ (4 – 16) h0. However, the major part of the total rotation of ≈40◦ is
already reached at low apex heights, h � 5 h0, i.e., due to the helical kink mode. The
apex height range during the reconnection of the flux rope legs in the shear-free 3.5π

run is similar to the 5π run. The rotation profile of this run in Figure 6 shows about equal
amounts of rotation in the height ranges h � 5 h0 and h ∼ (5 – 16) h0, indicating that
the reconnection-driven rotation could here be comparable to the twist-driven rotation.
Again, both remain considerably smaller than the rotation due to the shear in the 3.5π

run that best fits the observations.
These conclusions are also supported by the fact that the angular distance between

the initial and new footpoints of the flux rope’s magnetic axis, measured from x = 0,
remains far smaller than the total rotation of the rope (see the right panels in Figures 3 –
5).

3.2. Influence of the External Poloidal Field

The height profile of the poloidal field which is due to sources external to the flux rope, Bep,
is a further factor of potentially strong influence on the rotation. Erupting flux ropes rotate
more strongly at low heights if the external field initially overlying the flux rope decreases
more gradually with increasing height (Török, Berger, and Kliem, 2010). The relaxation of
the magnetic tension in the erupting flux rope by rotation is then more pronounced because
the relaxation by upward expansion is hindered, at least initially. The relevant length scale,
lz = −[d(logBep)/dz]−1, increases with increasing distance between the sources of Bep, i.e.,
between the main flux concentrations to the sides of the PIL. This can easily be seen for the
Titov–Démoulin equilibrium, where this scale height is lz = (z + d)[1 + L2/(z + d)2]/3.

Figure 7 shows that this effect remains weak as long as the distance between the sources
of Bep, 2L, is smaller than the distance between the footpoints of the erupting flux rope,
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Figure 7 Dependence of flux rope rotation vs. height upon the distance L of the main flux concentrations
in the source region from the PIL. Kink-unstable flux ropes (� = 5π and 3.5π ) are considered for vanishing
external shear-field component, Bet = 0.

2Df, but that it becomes very strong when the reverse relation holds. Here the sunspot semi-
distance L is varied for the 5π and 3.5π runs with no external shear field, Bet = 0, to be
0.5, 1, 2, and 3 times the value estimated from the observations and used in Section 3.1
(Figures 3 – 6). The two distances are nearly equal if L is set to twice the estimated value.
This is larger than the maximum of the range for L compatible with the observations (see
the Introduction). Hence, the conclusions drawn from the series of simulations shown in
Figure 6 are not sensitive to the actual value of the parameter L as long as it remains within
this range. In particular, an external shear-field component of strength close to the optimum
values given in this figure is then required to reach the observed rotation.

Rotations even exceeding those produced mainly by the shear field in Figure 6 are
achieved in the absence of a shear field for both twists if L exceeds Df by a factor �1.5.
A similar situation was realized in simulations of erupting flux ropes in Fan and Gibson
(2003) and Gibson and Fan (2008), which showed strong rotations of 115 – 120 degrees
with Bet = 0. However, such large distances of the main polarities, relative to the length
of the PIL and a filament channel between them, do not typically occur in fully developed
active regions. Hence, the effect of a shear field (Isenberg and Forbes, 2007) will typically
be involved (and significant) if erupting flux rotates by large angles of order 90◦ and more.

3.3. Rise Profile

The results of Sections 3.1 and 3.2 lead to the question whether the initial twist and the shear
field in the source volume of the eruption can be further constrained individually, although
their combined effect on the rotation is similar. The rotation profile obviously is a powerful
new diagnostic of the evolution of flux ropes in CMEs, however, for the considered event it
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does not allow to discriminate between the strongly and weakly kink-unstable cases shown
in Figures 3 and 4, respectively. Therefore, we now consider the rise (time–height) profile of
the erupting flux. This function reflects the growth rate of the instability driving the eruption.
The growth rate varies strongly with the twist if this parameter exceeds the threshold of the
helical kink mode (see, e.g., Figure 5 in Török, Kliem, and Titov, 2004). When the variation
of the twist is combined with a variation of the shear-field strength in the opposite direction
(one increasing, the other decreasing), such that the rotation profile stays nearly unchanged,
then the rise profile will change even stronger: decreasing (increasing) shear-field strength
leads to higher (lower) KI growth rate. Thus, the combined comparison can constrain these
parameters individually.

In order to compare the simulated rise profiles with the observed one, the time unit in
the simulations, τA, must also be scaled to a dimensional value. Since τA = h0/VA0 and h0

is already scaled, this is equivalent to adopting a value for the initial Alfvén velocity VA0

in the body of the prominence. So far, this parameter can hardly be derived from observa-
tions, since both the field and density structure of prominences are generally only poorly
known. Therefore, here we work backwards by first finding the best match between the sim-
ulated and observed rise profiles and then checking whether the implied Alfvén velocity
falls within an acceptable range. Lower bounds on the Alfvén velocity in filaments have
been obtained through the application of seismological techniques to six cases of oscillating
filament threads (Terradas et al., 2008). Five of these lie in the range ∼ (300 – 600) km s−1

if the length of the field lines that pass through the threads is assumed to be ∼175 Mm, the
length of the erupting structure estimated in Paper I. An upper bound of order 1000 km s−1

is widely accepted for old, dispersed active regions like the one considered here.
The rise profiles of the simulation runs shown in Figures 3, 4 and 5 are scaled and

matched to the observed profile in Figure 8. In selecting the scaling parameters for the
best match, we adopt a start time of the eruption a couple of minutes before 08:51 UT, as
estimated in Paper I. The conclusions drawn from the comparison do not depend upon the
particular start time if chosen in this range. The value 08:48 UT used in Figure 8 yields the
best match of the 3.5π and 2.5π runs with the observations and lies very close to (30 sec
before) the last EUVI image prior to the occurrence of motions in the prominence along the
path of the CME. Also, we give relatively low priority to the EUVI height data after 10 UT,
since these may be smaller than the true heights, as discussed in Paper I.

The scaled rise profile of the simulation with � = 3.5π is found to fit the data quite well
if the Alfvén velocity is chosen in the range VA0 = (540 – 560) km s−1 and the start time of
the simulation is placed in the range 08:45 – 08:50 UT (with the earlier time corresponding
to the lower VA0). These values appear very plausible.

We did not succeed to find a satisfactory fit by the higher twisted case. The corresponding
curve in Figure 8 demonstrates this, using the same start time as for the 3.5π run and VA0 =

420 km s−1. Increasing (decreasing) VA0 leads to a steeper (flatter) fit curve, i.e., to a better fit
at the larger (smaller) heights (if the start time is adjusted simultaneously), but it is obvious
that the curve can never fit the combined EUVI and COR1 time–height data. Here the phase
of accelerated rise ends too early because the instability grows and saturates too quickly.
The rise profile of this simulation can be stretched on the time axis and formally be fit to the
data if in addition to an unrealistically low Alfvén velocity of 300 km s−1 (lower than the
terminal speed of the CME core) an unrealistically large extension of the prominence flux
of 360 Mm (twice as large as the estimate in Paper I) are assumed. Both are unacceptable.
This comparison with the data thus argues clearly against the occurrence of high twist and a
strong helical kink instability in the considered event, in spite of the high total rotation.

Assuming the same start time as for the other two runs, the kink-stable low-twist case
(� = 2.5π ) allows an acceptable approximation of the observed rise profile, which yields
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Figure 8 Comparison of the
observed and simulated rise
profiles of the flux rope apex,
using the same scaling of lengths
in the simulations as in Figure 6
and a start time of the eruption at
08:48:00 UT. EUVI and COR1
data from Paper I are plotted
using the same symbols as in
Figure 6. The 5π , 3.5π , and
2.5π runs of Figures 3 – 5 are
scaled to these data assuming
Alfvén velocities
VA0 = 420 km s−1, 550 km s−1,
and 560 km s−1, respectively.

a plausible value of 560 km s−1 for the Alfvén velocity. The match is slightly worse in
comparison to the 3.5π run because the curve does not reach the height of the first COR1
data point. Reducing VA0, and adjusting the start time, allows for a nearly perfect match of
the COR1 data, similar to the 3.5π run, but this moves the simulation curve, which already
runs above all EUVI data points, further away from the measurements in this height range,
so that the overall match is degraded.

The origin of the difference lies in the tendency of the torus instability to spread the main
upward acceleration of the flux across a larger height range than the helical kink instability,
which can be clearly seen in Figure 8. The height range for the torus instability is small
only if the field in the source volume of the eruption decreases very rapidly with distance
from the flux rope position (see Figure 1 in Kliem and Török, 2006), i.e., in very compact
active regions of high field strength, especially in quadrupolar ones. Since AR 10989 was
already rather diffuse by the time of the eruption, there is no justification to make the initial
configuration in the simulations more compact for a better fit of the rise profile by the kink-
stable configuration.

3.4. Implications for the 9 April 2008 Eruption

Based on the good quantitative agreement of the simulated rotation and rise profiles with
the observations, Sections 3.1, 3.2 and 3.3 yield the following picture. The rotation profile
in the height range h � 20 h0 ≈ 1.5 R⊙ above the photosphere is well matched by a strongly
kink-unstable case (� = 5π ), a weakly kink-unstable case (� = 3.5π ), and a kink-stable
case (� = 2.5π ) if a shear field of appropriate strength is included in each of them. At
greater heights, h ≈ (20 – 30) h0 ≈ (1.5 – 2.3) R⊙, the comparison yields a clear indication
against the kink-stable case, which enters this range with an accelerated rotation, while the
observed rotation levels off. The kink-stable case also requires a considerably stronger initial
perturbation, lifting the flux rope apex into the torus-unstable range of heights, i.e., to h �

2.6 h0 = 0.2 R⊙, a value not supported by the observations. In comparison, the accelerated



156 B. Kliem et al.

rise of the kink-unstable cases in our simulation series starts essentially from h0 = 0.077 R⊙,
relatively close to the observed onset height of (0.05 – 0.06) R⊙. The shear field required by
the kink-stable case is comparable to the external poloidal field, Bet/Bep = 1.06. In a bipolar
region, this corresponds to a similar distance between the main polarities along and across
the PIL, which is not supported by AR 10989 as long as its magnetic structure could be
discerned in the approach to the limb (see Figure 4 in Paper I). The rise profile rules out the
strongly kink-unstable case and yields a further indication against the kink-stable case, albeit
only a weak one. Both the observed shape of the flux rope as a whole and the observed angles
between individual threads and the rope axis can be approximately reproduced by all three
model systems, but the overall match is best for the weakly kink-unstable case (Figures 3,
4 and 5). This is substantiated by Figure 9, where we plot the sets of field lines for this and
for the kink-stable case which were found to match the observations closest, out of many
different sets that were considered.

The shape of the erupting flux rope’s magnetic axis in the considered event is not suf-
ficiently well defined by the observations to allow a clear discrimination between the three
considered cases based on this property alone. Note that for other events it has proven to be
decisive. For example, the shape of the two erupting filaments modeled in Török and Kliem
(2005) could be matched only if an initial average twist of 5π was assumed, not with a twist
of 4π .

Overall, we conclude that both strongly kink-unstable and kink-stable configurations can
be excluded with a high degree of certainty, leaving a weakly kink-unstable initial configura-
tion as the most likely source of the Cartwheel event. This configuration allows to reproduce
the event with observationally supported values for several key parameters (flux rope length,
distance of the main flux concentrations, initial orientation) and with plausible assumptions
for the magnetic structure (flux rope in a simple bipolar active region) and for the remaining
free parameters (twist and shear-field strength).

Regardless of how definite the rejection of the other two cases is considered to be, the
rotation of the erupting flux was primarily caused by a shear field (Isenberg and Forbes,
2007). Weaker contributions came from the relaxation of twist (most likely by a weak helical
kink instability) and from reconnection with the ambient field.

4. Discussion

The major simplifying assumptions adopted for the modeling in this paper include

i) the neglect of the initial mainly axial propagation of the prominence,
ii) the neglect of any asymmetry and complexity introduced by the large-scale overlying

field, and
iii) the assumption of a well-defined, coherent flux rope (i.e., the Titov–Démoulin model).

We discuss these here to assess their potential influence on the results. We also compare
our results with other recent relevant work.

While the initial propagation of the prominence introduced an asymmetry and, therefore,
definitely had the potential to produce some rotation, we expect that it could not contribute
strongly because the propagation was approximately along the flux holding the prominence.
This does not principally change the magnetic configuration and the Lorentz forces which
dominate the acceleration of plasma in the low-beta corona.

The effects belonging to category ii) are likely to be relevant primarily at considerable
heights. AR 10989 was a relatively isolated region of simple, bipolar structure, and this
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Figure 9 Comparison of simulated and observed flux rope shapes for the kink-stable run (� = 2.5π ,
Bet/Bep = 1.06; left panels) and the weakly kink-unstable run (� = 3.5π , Bet/Bep = 0.67; right panels) in
our parametric search which best match the observed rotation and rise profiles in their entirety. The STEREO
images from Figure 1 are supplemented by an additional image at 10:26 UT from Paper I. For both runs,
some experimenting with the field line selection was performed until also the observed shape was matched
best. This yielded a flux bundle running slightly under the apex point of the rope’s magnetic axis for the
kink-stable run, as in Figure 5, and a flux bundle enclosing the axis for the kink-unstable run.

holds also for its dispersed phase as long as it could be followed in the approach to the limb.
The potential-field source-surface extrapolation of the photospheric field in Paper I shows
that the large-scale coronal field associated with the polar fields and the heliospheric current
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sheet began to dominate already at heights h � 0.3 R⊙ above the photosphere, where the
horizontal field direction nearly reversed. The force by the field component along the line
between the flux rope legs pointed in the direction of a clockwise rotation above this height,
opposite to the force low in the corona. However, the shear field above ∼0.3 R⊙ was weaker
than the shear field in the core of the active region by more than an order of magnitude, so
that it could efficiently counteract the continuing, oppositely directed force by the shear field
at low heights, and the angular momentum of the already rotating flux rope, only by acting
across a considerably larger height range. This is consistent with the fact that the possible
weak reverse rotation occurred only at h > 1.5 R⊙ above the photosphere. Thus, the rotation
caused by the shear field and twist inside the bipolar active region (at h < 0.3 R⊙) must
have been dominant factors for the rotation in the height range up to ∼1.5 R⊙ modeled
here. We cannot exclude that the saturation of the rotation would have occurred at a greater
height if the horizontal field had not changed its direction above the active region, however,
this weakens only one of the three main arguments against the kink-stable configuration
summarized in Section 3.4. The saturation of the rotation profile, at a very similar height,
was also seen in another erupting quiescent filament (Bemporad, Mierla, and Tripathi, 2011;
see their Figure 5).

The effect of the heliospheric current sheet is expected to become important only at even
larger heights. Otherwise, the rotation would not have shown the saturation near h ∼ 1.5 R⊙

and the possible subsequent slight reverse rotation; rather the continuation of the rotation
to the value of ≈150◦ found at 13 R⊙ would have proceeded already in the COR1 height
range.

The assumption that erupting flux in CMEs takes the structure of a flux rope is strongly
supported by all available observations. Quantitative differences to our modeling must occur
when initial flux ropes of different structure are used. These are not likely to be substantial
if only details of the structure differ. The helical kink mode is known to not overly depend
on the details of the current channel’s radial structure. This can be seen, for example, from
the similar instability thresholds found in Mikic, Schnack, and van Hoven (1990), Baty and
Heyvaerts (1996), Török, Kliem, and Titov (2004), and Fan and Gibson (2003) although flux
ropes with and without a net current and with straight and arched geometries were investi-
gated. Flux ropes with hollow current channels have recently been found to be representative
of filament channels which have undergone substantial amounts of flux cancellation (e.g.,
Su et al., 2011). It is conceivable that their less compact current distribution leads to smaller
rotations than the Titov–Démoulin equilibrium with the same twist. This will be a subject
of future study. On the other hand, we believe that a strongly kink-unstable configuration of
this type would likely still not match the observed rise profile. The structure and strength
of the external poloidal and toroidal field components do not depend upon the details of the
flux rope structure, so that two arguments against the kink-stable configuration, which are
based on the required initial lifting and on the ratio of Bet and Bep, would likely still apply.

An overlying current sheet (Birn, Forbes, and Schindler, 2003) may be of stronger influ-
ence, but we have argued above that this was not the case for the considered event at the low
coronal heights modeled in this paper.

The situation likely changes if the flux rope is far less coherent than the Titov–Démoulin
configuration (Green, Kliem, and Wallace, 2011), especially if it is split (Bobra, van Balle-
gooijen, and DeLuca, 2008). The investigation how such complex cases might change our
conclusions must be left for future work.

The comparison of the flux rope rotations found in this paper with the rotation in the
simulation of a breakout CME by Lynch et al. (2009) suggests a strong dependence upon the
existence of a flux rope at the onset of the eruption. In that simulation, the inflating flux of a



A Parametric Study of Erupting Flux Rope Rotation 159

continuously sheared arcade did not show any significant rotation up to a heliocentric height
of ≈2 R⊙. Flare reconnection commenced at this point, which progressively transformed
the inner part of the arcade into a growing flux rope. The flux rope immediately began to
rotate. This process was monitored until the core of the rope reached a heliocentric height
of ≈3.5 R⊙. Throughout this range, the rope showed a linear increase of its rotation angle
with height, and the twist in the rope stayed below the threshold of the helical kink mode.
The addition of poloidal flux by flare reconnection was largely complete in the middle of the
height interval. The rotation profile in this model differs principally from the data presented
here, even if only the height range >2 R⊙ is considered, where a flux rope did exist. This
suggests that the presence of a flux rope at the onset of the eruption was a key feature of the
Cartwheel event.

An interesting result of our parametric study is that the erupting flux rope did always
show some amount of rotation, even in the shear-free, kink-stable case included in Figure 6.
We expect this to be generally valid if coherent force-free flux ropes are considered as the
initial condition, because such ropes always possess twist. An untwisted flux tube, known as
a Theta pinch, requires a radial pressure gradient to attain equilibrium. This is not available
if the plasma beta is very small, as expected for the lower coronal part of active regions.
Whether the observations support the occurrence of rotation in essentially all events does
not yet seem to be clear. For example, Muglach, Wang, and Kliem (2009) report that only
about 10 cases of unambiguous rotation in erupting filaments not very far from Sun center
could be identified in the EUV observations by the EIT instrument (Delaboudinière et al.,
1995) for the whole Solar Cycle 23. However, many cases of only moderate rotation may
remain undetected in such data, due to the projection on the plane of the sky. Thernisien,
Howard, and Vourlidas (2006) find that only 13 out of 34 events fitted by a geometric flux
rope model showed rotations (between 5◦ and 90◦) at distances up to 30 R⊙, but the ro-
tation angles obtained through this method appear to possess a considerable uncertainty
(Thernisien, Vourlidas, and Howard, 2009). Yurchyshyn, Abramenko, and Tripathi (2009)
report 101 partial and full halo CMEs which show a very broad distribution of the differ-
ence between the estimated initial and final orientations in the same distance range; these
angles do not show a clustering at zero degrees. However, the latter two investigations yield
the net effect of rotation in the corona and in the inner solar wind where the heliospheric
current sheet likely dominates. If the fraction of non-rotating events is relatively small, then
a plausible explanation is that other processes counteract the rotation by twist relaxation and
the shear field in these cases, for example reconnection with the ambient field. If the frac-
tion is large, then such nearly exact cancellation of rotations is unlikely to be the primary
explanation. The implication would then be that the current distribution in the erupting field
is often less compact or less coherent than in the Titov–Démoulin flux rope, including the
possibility that a flux rope does not yet exist at the onset of the eruption.

5. Conclusions

Our parametric study of force-free flux ropes which erupt from simple bipolar source regions
with no overlying current sheet and rotate about the direction of ascent yields the following
conclusions.

i) Both the force by an external shear-field component Bet (Isenberg and Forbes, 2007)
and the relaxation of twist � (e.g., Török, Berger, and Kliem, 2010), are potentially
very significant contributors to the rotation.
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ii) For parameters typical of CME source regions, in particular if the sources of the ex-
ternal stabilizing field (usually the main flux concentrations next to the PIL) have a
smaller distance than the footpoints of the erupting flux, the shear field yields the dom-
inant contribution to the rotation for a wide range of shear-field strengths. The relax-
ation of twist remains the weaker contributor under these conditions, even if the twist
is sufficiently high to trigger the helical kink instability. However, since twist always
exists in force-free flux ropes, it always causes at least some rotation. Strong rotations
(�90◦) can be produced by the twist alone, but only for considerably larger distances
between the sources of the external stabilizing field than typically observed.

iii) The rotation in low-beta plasma is not guided by the changing orientation of the PIL
with height. For the geometrical conditions typical of CME source regions, it is oppo-
site in direction (see Appendix A).

iv) For a given chirality of the configuration, the external shear field and the twist cause
flux rope rotation in the same direction, which is clockwise for right-handed field and
counterclockwise for left-handed field if seen from above.

v) The two processes are related to each other when considered in terms of magnetic
helicity. Both convert initial twist helicity of the flux rope into writhe helicity. The
same total rotation, and rotation profiles which are very similar in a substantial part of
the total height range of rotation, result in a range of Bet–� combinations.

vi) The rotation due to twist relaxation tends to act mainly low in the corona, in a height
range up to only a few times the distance between the footpoints of the erupting flux.
The rotation by the shear field tends to be distributed across a larger height range.

vii) The mere fact that erupting flux rotates does not by itself imply that the helical kink
instability occurred. Inferring this instability requires deriving a supercritical twist or
finding features incompatible with rotation driven (nearly) exclusively by the shear
field, like more than one helical turn of the erupting structure, approaching legs, or a
rotation exceeding ≈130◦ at coronal heights (in the absence of other contributions).
A somewhat smaller rotation angle may be sufficient if the rotation profile and the
shear-field strength in the source region can be estimated (see Appendix B).

viii) The relative contributions to the total rotation by the shear field and by the twist can
be disentangled by comparing both the observed rotation and rise profiles with the
corresponding curves from a model, since these profiles possess a different dependence
upon the Bet–� parameter combination. The resulting estimate for the twist allows one
to judge the occurrence of the helical kink instability.

ix) Magnetic reconnection contributes only weakly (much less than the shear field) to the
total rotation in the simple bipolar source regions considered.

From the comparison with the simulation of rotating flux in Lynch et al. (2009) we con-
clude:

x) The rotation profile differs strongly between configurations with and without a flux rope
at the onset of the eruption.

The comparison with the stereoscopic observations and three-dimensional reconstruction
of the erupting prominence in the 9 April 2008 “Cartwheel CME” additionally shows the
following.

xi) The rotation profile obtained in Paper I from the stereoscopic reconstruction of STEREO
data is equally well reproduced by our model up to heights ≈1.5 R⊙ above the photo-
sphere for a range of �–Bet combinations which include a strongly kink-unstable case
(� = 5π , Bet/Bep = 0.42), a weakly kink-unstable case (� = 3.5π , Bet/Bep = 0.67),
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and a kink-stable case (� = 2.5π , Bet/Bep = 1.06). However, the strongly kink-unstable
configuration is ruled out by the simultaneous consideration of the rise profile, and sev-
eral features of the kink-stable model argue strongly against this configuration. These
are the implied high value of the shear field, the rotation profile at greater heights, and
the unrealistic start height of the unstable rise of ≈0.2 R⊙. Hence, the occurrence of a
weak helical kink instability in the Cartwheel event is very likely.

Our results add to the complexity of the phenomenon of flux rope rotation in eruptions
which is already known from investigations that focused on the influence of reconnection
(e.g., Jacobs et al., 2009; Shiota et al., 2010; Cohen et al., 2010; Thompson, 2011; Lugaz
et al., 2011). An overall very complicated dependence on several parameters and on the
structure of the ambient field is revealed. Thus, the quantitative prediction of the rotation
is a difficult task. The parametric study performed here indicates for simple bipolar source
regions that the strength of the external shear field is the primary parameter determining the
total rotation. The flux rope twist and the height profile of the external poloidal field are
of relatively minor importance as long as they stay in the typical ranges indicated by the
observations. We did not yet study a possible influence of the height profile of the external
shear field. The external shear field of filament channels may be estimated to sufficient
precision from a simple linear force-free field extrapolation. It will be worth testing whether
numerical modeling starting from such fields, embedded in current-free outer field, yields
rotations in agreement with observations of eruptions from bipolar source regions.

Several investigations indicate that erupting flux ropes align with the heliospheric current
sheet in the course of their interplanetary propagation (e.g., Bothmer and Schwenn, 1998;
Yurchyshyn, 2008; Paper I). This suggests that the coronal rotation merely decides whether
a parallel or an antiparallel alignment will result at 1 AU. However, since complex physics
is involved and since rotations on the order of 90◦ may not be rare, the quantitative study of
the effects that determine the rotation in the corona remains of high scientific and practical
interest.
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Appendix A: Influence of the Coronal Polarity Inversion Line

There are quite strong indications that CMEs align with the heliospheric current sheet in the
course of their propagation, i.e., with the PIL in the solar wind (see references in Section 5).
This leads to the question whether the PIL guides the rotation of erupting flux ropes also in
the corona. Here the PIL formed by the external field, due to sources outside the flux rope,
must be considered. We use “CPIL” to denote this structure in the corona, where β < 1. The
heliospheric current sheet and the CPIL differ in two properties of relevance here. First, in
the solar wind β > 1, so that the pressure gradient is generally dominant over the Lorentz
force, while the opposite is true in the corona. Second, the heliospheric current sheet is
the location of pressure gradients and Lorentz forces, while the CPIL generally lacks both.
In the low-beta corona, currents are induced at separatrix surfaces, or at quasi-separatrix
layers, if the equilibrium is perturbed or lost. The CPIL generally does not coincide with
these structures. Therefore, the CPIL should not influence the rotation of erupting flux ropes
in this height range.
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Figure 10 Visualization of the weakly kink-unstable modified Titov–Démoulin equilibrium (� = 3.5π ,
Bet/Bep = 0.67; Figures 2 and 4) whose eruption characteristics match the observations of the Cartwheel
CME best (top panel) and of the corresponding external field (bottom left) and potential field (bottom right).
The magnetogram and field lines starting in the photospheric flux concentrations are shown.

Figure 11 Orientation of the
PIL in the external field of the
configuration shown in Figure 10
at the position of the flux rope
and different heights. The
orientation is indicated by a black
line.

Figure 10 shows the initial equilibrium of the weakly kink-unstable run which matches
the Cartwheel event best, the corresponding external field, and the potential field that results
when the full magnetogram of the vertical field component of the equilibrium, Bz(x, y,0), is
extrapolated into the volume above. The full magnetogram includes the contributions from
the flux rope, which are excluded from the external field. The CPIL of this configuration
at the photospheric and three coronal levels is shown in Figure 11. The CPIL changes its
orientation in a clockwise sense if one goes upward, but the unstable flux rope rotates in a
counterclockwise direction, since it is left handed. The clockwise changing CPIL orientation
results from the dominance of the external toroidal field, Bet, over the external poloidal
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Figure 12 Same as Figure 11
for the potential field of the
configuration shown in Figure 10.

field, Bep, at great heights. This situation can typically be expected to occur because Bet

typically has a larger spatial scale than Bep (set by the distance between the sources in
the photosphere). The important fact here is that the CPIL does not appear to have any
significant influence on the rotation of the flux rope in the zero-beta simulations performed
in this paper. For the reasons given above, this is valid also if other height profiles of Bet or
Bep lead to a different profile of the CPIL orientation with height.

We also consider the approximation of the true CPIL by the PIL in a potential-field
extrapolation of the full photospheric magnetogram, Bz(x, y,0). In practice, it is difficult
or even impossible to determine the external field. This requires the determination of the
coronal currents through a nonlinear force-free extrapolation from a vector magnetogram.
The former is still difficult to carry out and the latter may not be available. The PIL in the
potential field extrapolated from the magnetogram of the weakly kink-unstable configuration
in Figure 10 is shown in Figure 12. Its orientation vs. height is very similar to the behavior of
the true CPIL. This supports the conclusions drawn in Paper I from a potential-field source-
surface extrapolation for the source region of the Cartwheel CME.

Appendix B: Inferring the Helical Kink Instability

Finally, we consider the question how the occurrence of the helical kink instability can be
inferred in spite of the typical dominance of shear-field-driven rotation above KI-driven
rotation in CMEs, which is suggested by the present study. The writhing of erupting flux
loops into a helical shape, i.e., the apex rotation, has often been regarded to be a clear
indication if not a proof of the occurrence, but from Isenberg and Forbes (2007), Lynch
et al. (2009), and the present investigation it is obvious that the apex rotation, by itself,
is not conclusive in general. To infer the occurrence unambiguously, one needs to find a
supercritical amount of twist or features incompatible with the shear-field-driven writhing
(if other rotation processes can be excluded, such as reconnection with the ambient field and
the straightening from a strong initial S shape).
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Figure 13 Flux rope rotation vs.

normalized apex height for a
range of Bet–� combinations
that yield stable flux rope
equilibria near the threshold of
the helical kink mode. The
normalized sunspot
semi-distance is L = 0.83 as in
Figure 6. Observed rotation
profiles which exceed the
rotations plotted here for the
same ratio Bet/Bep indicate the
occurrence of the helical kink.

The twist can be calculated from extrapolated magnetic fields, or be estimated from the
observation of twisted substructures or from parametric studies like the one performed here.
The second option yields indications for supercritical values only rarely (e.g., Vrsnak, Ruzd-
jak, and Rompolt, 1991; Romano, Contarino, and Zuccarello, 2003), and the other options
are computationally demanding. In particular, the extrapolation must at least be based on
the nonlinear force-free field assumption (Leka, Fan, and Barnes, 2005; Valori et al., 2010),
which additionally requires a vector magnetogram.

Features incompatible with purely shear-field-driven rotation are approaching flux rope
legs, an apex rotation considerably exceeding 90◦, and the development of more than one
helical turn in the shape of the erupting structure as a whole (i.e., in its axis). The shear
field causes the flux rope legs to lean aside in opposite direction perpendicular to its own
direction, i.e., to move away from each other. The legs of a kinking flux rope approach each
other if the initial twist exceeds ≈6π (Kliem et al., 2010). However, this will occur only
rarely, due to the high twist required.

The rotation resulting from the opposite bending of the flux rope legs by the shear field
would always stay below 90◦ if there were no further contributing effect. As discussed in
Section 3.1, an additional contribution from the relaxation of the twist in a force-free flux
rope does, in fact, always exist, even if the twist is insufficient to trigger the helical kink. This
contribution reaches ∼40◦ if the shear field is very small (Figure 6) (and the sunspot distance
stays within the typical range observed; see Section 3.2 and Figure 7). It is expected to
remain smaller when a larger shear field reduces the twist through its own enforced rotation.
Consequently, a rotation exceeding 130◦ (in the absence of other contributions) is a strong
indication that the helical kink instability occurred.

Figure 6 also shows that the instability is indicated already by somewhat smaller values
of the rotation if the angle rises quickly at low heights. To quantify this, we have computed
the family of rotation curves shown in Figure 13, which all represent initial conditions stable
against the helical kink mode but close to its marginal stability boundary in the Bet–� plane.
Any rotation profile lying clearly above the corresponding curve in this figure, with the shear
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field set to the value in the eruption’s source region, indicates a contribution by the helical
kink. This requires estimating the shear field Bet and the footpoint distance, 2Df, of the
erupting flux. A linear force-free field extrapolation yields a reliable estimate of the shear
field, and the consideration of the distances of the main polarities along and across the PIL
may yield a rough estimate in source regions of relatively simple structure.

These considerations are valid only as long as no other processes contribute to the rota-
tion, which could be reconnection, the straightening from a strong initial S shape, and, at
heights above the corona, the alignment with the heliospheric current sheet. The straighten-
ing from an initial S shape can simply be subtracted from the total rotation angle before the
comparison with the plots in Figure 13 is made.

Since the shear-field-driven writhing is caused by antiparallel forces on the legs, the
erupting flux rope’s axis will never develop more than one helical turn. Some eruptions
indicate more than one turn, from an S shape of one or both legs (e.g., Ji et al., 2003;
Maričić et al., 2004) or from a very writhed shape as a whole (e.g., Romano, Contarino, and
Zuccarello, 2003). The helical kink instability can be inferred in such cases from the shape
of the structure (Török and Kliem, 2005; Kumar et al., 2012).
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Abstract We investigated a set of 54 interplanetary coronal mass ejection (ICME) events
whose solar sources are very close to the disk center (within ±15◦ from the central
meridian). The ICMEs consisted of 23 magnetic-cloud (MC) events and 31 non-MC
events. Our analyses suggest that the MC and non-MC ICMEs have more or less the
same eruption characteristics at the Sun in terms of soft X-ray flares and CMEs. Both
types have significant enhancements in ion charge states, although the non-MC struc-
tures have slightly lower levels of enhancement. The overall duration of charge-state en-
hancement is also considerably smaller than that in MCs as derived from solar wind
plasma and magnetic signatures. We find very good correlation between the Fe and
O charge-state measurements and the flare properties such as soft X-ray flare inten-
sity and flare temperature for both MCs and non-MCs. These observations suggest that
both MC and non-MC ICMEs are likely to have a flux-rope structure and the unfavor-
able observational geometry may be responsible for the appearance of non-MC struc-
tures at 1 AU. We do not find any evidence for an active region expansion result-
ing in ICMEs lacking a flux-rope structure because the mechanism of producing high
charge states and the flux-rope structure at the Sun is the same for MC and non-MC
events.
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1. Introduction

The occurrence of high charge states of elements such as oxygen, silicon, and iron at times
of low solar wind kinetic temperature was attributed to heated flare plasma long ago (Bame
et al., 1979). The low solar wind kinetic temperature is one of the indicators of coronal mass
ejections (CMEs) in the interplanetary space (i.e., ICMEs). Bame et al. (1979) also sug-
gested that “magnetic bottles” might carry the flare-heated plasma with the higher charge-
state ions created due to the higher temperature of the flare plasma low in the corona. Fur-
thermore, they compared synthetic ion spectra with observations and estimated a source
temperature of 3.4 MK for O ions and 2.9 MK for Fe ions. The charge states are unchanged
when the plasma, containing heavy elements (solar wind or CME), leaves the corona be-
cause the recombination time scale far exceeds the expansion time scale of the plasma.
This is known as the freezing-in concept (Hundhausen, Gilbert, and Bame, 1968). Thus the
charge states of heavy elements observed in the interplanetary medium preserve the coronal
conditions at which they originated. Henke et al. (1998, 2001) suggested that the ICMEs
with enhanced charge state have the magnetic-cloud (MC) structure, which is the same as
the flux rope. In this paper we use MC and flux rope interchangeably, but observationally,
MCs are characterized by enhanced magnetic field with a smooth rotation of one of the
components transverse to the Sun–Earth direction, and low values of proton temperature or
plasma beta (Burlaga et al., 1981). Henke et al. (1998) analyzed 56 ICMEs observed by the
Ulysses spacecraft and found that those with MC structure have an increased O7+/O6+ ratio
(herein after referred to as O7O6) with respect to the ambient solar wind whereas non-MC
ICMEs seldom show such enhancement. Furthermore, the events with enhanced O7O6 also
showed an enhancement in the Fe12+/Fe11+ charge-state ratio. Aguilar-Rodriguez, Blanco-
Cano, and Gopalswamy (2006) considered a much larger sample of ICMEs (28 MCs and
117 non-MCs) observed at Sun–Earth L1 by the ACE spacecraft and confirmed the result of
Henke et al. (1998, 2001). Reinard (2008) examined the source location and flare size at the
Sun and the in-situ density and temperature for a large numbers of ICMEs and found that
ICMEs may have a basic structure consisting of a core (or cores) of magnetic-cloud plasma
surrounded by an envelope with weaker charge-state signatures. These studies indicate that
the presence of enhanced charge states observed in interplanetary space is likely due to a
CME at the Sun that is magnetically connected to a flare. In light of these findings, we are
left to question why some ICMEs exhibit a flux-rope structure, while others do not.

How do we distinguish between MC and non-MC ICMEs? The simplest classification is
to lump all the ICMEs that do not have flux-rope structure as non-MC ICMEs. These are
also referred to as non-cloud ICMEs or ejecta. The flux rope is thought to be formed out
of a sheared arcade via reconnection during the eruption process and is observed as an MC
in the interplanetary medium (see e.g., Qiu et al., 2007). On the other hand, it is possible
that a set of loops from an active region on the Sun can simply expand into the IP medium
and can be detected as an enhancement in the magnetic field with respect to the ambient
medium (Gosling, 1990) without any flux-rope structure. Clearly, the magnetic signatures
will be different in the two cases. A spacecraft passing through the flux rope will see a
smooth rotation of the magnetic field throughout the body of the ICME, while the expanded
loop system will show no rotation. If we take just the IP observations, we may be able to
explain MCs as flux ropes and non-MCs as expanding loops. However, they should show
different charge-state characteristics because of the different solar origins. The flux-rope
forms during the flare process and hence is accessed by the hot plasma resulting in high
charge states inside MCs when observed at 1 AU. Expanding loops on the other hand should
not have high charge states because there may not be any reconnection involved (Uchida
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et al., 1992). Under such a scheme, the non-MC events should not have a flare association
and the associated CME, if any, is expected to be generally slow. However, all the non-MC
ICMEs are also associated with flares and the corresponding white-light CMEs are fast and
wide (Gopalswamy et al., 2010a, 2010b).

An alternative approach is to understand the difference between MCs and non-MCs as a
direct consequence of the observing geometry. According to this view, all ICMEs are flux
ropes, but they do not appear so if they are not heading towards the observer (Marubashi,
1997; Owens et al., 2005; Gopalswamy, 2006a; Riley et al., 2006). Gopalswamy (2006a)
and Gopalswamy et al. (2009a) compared the solar source locations of MCs, non-MCs,
and shocks not followed by discernible ejecta (“driverless” shocks) and found a distinct
pattern. As one moves from the disk center to the limb, one first encounters mostly MCs,
then mostly non-MC ICMEs, and finally the driverless shocks. MCs are associated with
CMEs heading directly towards Earth. The shocks without discernible ejecta are due to
CMEs ejected almost orthogonal to the Sun–Earth line. This gives a clue that the CMEs
ejected at intermediate angles may turn up as non-MCs for an observer along the Sun–Earth
line. So, the viewing angle may be the reason that certain ICMEs do not have a flux-rope
structure. Gopalswamy et al. (2009a) noted two major exceptions to this pattern.

i) There are some driverless shocks from the disk center. This was shown to be due to the
deflection of CMEs by nearby coronal holes.

ii) There are too many non-MC ICMEs that have their solar sources close to the disk center,
contradicting the geometrical approach.

In this paper, we examine these disk-center events in more detail to see if the geometrical
approach still holds and why they deviate from the geometrical hypothesis.

Two Coordinated Data Analysis Workshops (CDAWs) addressed this central question:
Do all ICMEs contain a flux-rope structure? Solar and interplanetary data from space- and
ground-based instruments were assembled and analyzed during the CDAWs to answer this
question. Data analyses were combined with modeling near the Sun as well as in the in-
terplanetary medium to check if observing geometry is responsible for not observing the
flux-rope structure. In this paper, we make use of the charge-state information of ICMEs to
address the question of flux-rope structure of CMEs.

2. Data Description

The CDAW events were extracted from the list of shock-driving ICMEs published in Gopal-
swamy et al. (2010a) in the electronic supplement (http://iopscience.iop.org/0004-637X/710/

2/1111/fulltext/apj_710_2_1111.tables.html) with the criterion that the solar sources of the
ICMEs should be within the longitude range ±15◦. There are 59 events meeting this crite-
rion, but further examination revealed that the solar sources had to be revised in five cases
reducing the number of events to 54, of which 23 are MCs and the remaining 31 are non-
MC ICMEs. According to the geometrical hypothesis, all the CMEs originating from close
to the disk center should be observed as a flux rope by an Earth observer. Obviously this is
not the case. We attempt to find out why using flare and CME observations near the Sun and
charge-state observations of ICMEs near Earth.

This paper uses two measures of charge states in analyzing MC and non-MC struc-
tures. The first one is the average Fe charge state denoted by QFe (see Lepri et al., 2001)
and is given by

∑
niQi , where ni is the density of the Fe ions with charge state Qi (the

subscript i numbers the Fe charge states present in the plasma). The density is normal-
ized such that

∑
ni = 1. As Lepri et al. (2001) showed, QFe ∼ 11 corresponds to the
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Figure 1 Charge-state time profile of the 10 and 11 July 2000 ICME events with O7O6 ratio (top) and
QFe (bottom) plotted with a 1-h and 2-h time resolution, respectively. The boundaries derived from plasma
and magnetic signatures of the ICMEs (EJ1, EJ2) are denoted by the vertical dashed lines. EJ1 happens to be
second largest O7O6 event among the non-MC events. The leading shocks (S1, S2) of the ICMEs are denoted
by the vertical solid lines. Clearly the two ICMEs are very close to each other, with the second shock already
inside the first ICME. In fact, the sheath of the second shock consists mostly of the first CME.

slow solar wind. QFe > 11 indicates hotter plasma typically found inside ICMEs (see also
Lepri and Zurbuchen, 2004). The second measure of charge states is the ratio of densi-
ties of O ions ionized seven and six times (O7+ and O6+), denoted by O7+/O6+ or simply
O7O6 (Henke et al., 1998, 2001; Aguilar-Rodriguez, Blanco-Cano, and Gopalswamy, 2006;
Reinard, 2005, 2008). The average value of O7O6 is ∼ 0.3 in the slow solar wind (see Zhao,
Zurbuchen, and Fisk, 2009 for the range of O7O6 values in different types of solar wind).
We take twice this value (0.6) as the threshold to indicate ICME plasma. In previous papers,
slightly larger values (0.7, 0.8 or 1) have been used to minimize the number of false identi-
fications (see e.g., Reinard, 2008). Here we are concerned with maximizing the number of
enhancements in identified ICMEs, so 0.6 is justified.

A typical ICME event analyzed in this paper has a leading shock followed by an in-
terval of ICME identified from plasma and magnetic (plasmag) signatures. For identifying
an ICME, the primary characteristic used is the depressed solar wind proton temperature
(a plasma signature). In addition, magnetic signatures such as enhanced field strength and
smooth rotation of the vertical or azimuthal component are used to identify a MC event. We
also refer to MC events as flux-rope events. Figure 1 shows the O7O6 and QFe values for two
events that occurred in quick succession, taken from the CDAW list. The sheath following
the shock S1 has low charge-state values, similar to the upstream plasma. At the first ICME
(EJ1) boundary, the charge states climb to large values. The peak value of O7O6 in the EJ1
interval is 3.1 and the average value is 1.6. Similarly, the peak and average values of QFe are
14.2 and 12.9, respectively. All these numbers are above the threshold values set above and
hence represent the hot plasma from the flare site that entered into the ICME when it formed
near the Sun. The rear boundary of EJ1 is not clear, because it coincides with the second
shock S2 driven by the second ICME (EJ2). Both O7O6 and QFe show enhancements in
the downstream of S2. According to the charge-state signature, the rear boundary of EJ1
should be around 18 UT on 11 July 2000, which is only a few hours ahead of EJ2. Clearly,
S2 has penetrated into EJ1 and the sheath of S2 is mostly EJ1. In this case, the sheath of
S2 will have enhanced charge state, but it is not the property of the sheath; the origin is the
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preceding ICME. The QFe is enhanced and relatively smooth within EJ2 with peak and av-
erage values of 16.4 and 14.9, respectively. On the other hand, the O7O6 is fluctuating with
at least five peaks, which seems to be a characteristic of many O7O6 events. The duration of
O7O6 is also slightly lower than that of QFe. The actual duration of O7O6 is even smaller if
we exclude intervals when O7O6 drops below 0.6. The peak and average O7O6 are 2.0 and
1.0, respectively. Following this procedure, we compute the following quantities for each
of the CDAW events: i) the peak and average QFe within the ICME interval identified by
plasmag signatures, ii) the peak and average O7O6 within the ICME interval, iii) the charge-
state duration ignoring the rear boundary of ICME (similar to EJ1 in Figure 1, where the
charge-state signatures extend beyond the EJ1 boundary obtained from plasmag signatures),
and iv) the duration within the ICME boundary when the charge state remains above the
threshold. We analyze these six parameters for MC and non-MC events taken separately and
as a combined set.

We also compile the properties of CMEs associated with the ICMEs as observed by the
Large Angle and Spectrometric Coronagraph (LASCO) on board the Solar and Heliospheric

Observatory (SOHO) and listed in the on line CME catalog (http://cdaw.gsfc.nasa.gov/

CME_list, see Yashiro et al., 2004; Gopalswamy et al., 2009b). We specifically use CME
speed, apparent angular width, and acceleration without correcting for projection effects.

Finally, we compile the flare properties of the CMEs such as the flare size given by
the peak soft X-ray flux (W m−2) in the 1 – 8 Å GOES channel (used to classify the flare
importance). Since the flare temperature is an important quantity that decides the heavy-ion
charge state in the flare plasma that enters into the CMEs, we compute it using the method
outlined by Garcia (1994). The method involves obtaining the ratios of soft X-ray flux in the
1 – 8 Å and 0.5 – 4 Å GOES channels to get the temperature. A software routine is available
in SolarSoft, which we make use of in obtaining the flare temperature.

Table 1 shows the list 59 events selected for the two CDAW sessions. Column 1 gives
the original serial number of the events used in the CDAW sessions. The date and time of
the interplanetary shocks are given in columns 2 and 3. Information on the shock-driving
ICMEs is given in columns 4 – 8 with the ICME type (MC for magnetic clouds and EJ
(ejecta) for non-MC ICMEs in column 4) followed by the start and end times. Information
on the white-light CMEs identified in the field of view of the SOHO/LASCO telescopes
is given in columns 9 – 13 with date and time followed by CME properties (width, speed,
and acceleration). Columns 14 – 16 give the solar source information of the CMEs: flare
onset, flare location (heliographic coordinates), and the soft X-ray flare importance. If the
associated flare is not seen above the background, the onset time of the associated eruptive
prominence (EP) or post-eruption arcade (PEA) is listed with EP or PEA entered in the flare
importance column. Column 17 indicates whether the event is associated with type II bursts
in the metric and/or longer wavelength domains. Columns 18 – 23 give the Fe charge-state
information: QFe peak, QFe averaged over the event duration, duration of QFe enhancement
from the first plasmag boundary until the charge state drops to the background level (dur1),
cumulative duration of QFe enhancement above the threshold value of 12 (dur2), ratio of
dur1 to the plasmag duration of the ICME, and the ratio of dur2 to the plasmag duration.
Columns 24 – 29 give the same information as in columns 18 – 23, but for O7O6. We analyze
these data to understand the difference between MC and EJ-associated CMEs and how the
results can be used to find out if all CMEs have a flux-rope structure.

3. Analysis and Results

Several results can be directly extracted from Table 1.
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Table 1 List of ICMEs originating from the disk center with the solar source and 1 AU charge-state information.

Event

#a
Shock ICME CME Solar source Type

II?
Charge states

Date Time
[UT]

Typeb Start End Onset Width
[deg]

Speed
[km s–1]

Acc.
[m s–2]

Onset
[UT]

Loc Flare

Imp.c
QFe O+7 /O+6

Date
[mm/dd]

Time
[UT]

Date
[mm/dd]

Time
[UT]

Date Time
[UT]

Peak Ave Dur1d Dur2e Fr1f Fr2g Peak Ave Dur1d Dur2e Fr1f Fr2g

1 1997/01/10 00:52 MC 01/10 05:18 01/11 02:18 01/06 15:10 360 136 4.1 14:54 S18E06 A1.1 Yes – – – – – – – – – – – –

2 1997/05/15 01:15 MC 05/15 09:06 05/16 01:06 05/12 05:30 360 464 − 15.0 04:42 N21W08 C1.3 Yes – – – – – – – – – – – –

3 1997/12/10 04:30 EJ+ 12/11 03:45 12/11 09:00 12/06 10:27 223 397 9.0 10:00 N45W10 EP Yes – – – – – – – – – – – –

4 1998/05/03 17:00 EJ? 05/03 19:00 05/04 00:00 05/01 23:40 360 585 8.0 22:36 S18W05 M1.2 No 10.6 9.2 14.0 – 2.80 – 0.6 0.4 – – – –

5 1998/05/04 02:00 EJ+ 05/04 10:00 05/05 01:15 05/02 14:06 360 938 − 28.8 13:31 S15W15 X1.1 Yes 15.6 15.5 4.0 4.0 0.26 0.26 0.7 0.6 15.0 9.0 0.98 0.59

6 1998/06/25 16:10 EJ+ 06/26 02:00 06/26 19:00 06/22 07:34 119 278 6.7 05:56 S28W35 EP No 12.3 11.6 – – – – 0.6 0.4 – – – –

7 1998/11/07 08:00 EJ+ 11/07 22:00 11/08 02:00 11/04 07:54 360 523 19.6 07:13 N17W01 C1.6 No 11.8 11.0 37.5 – 9.37 – 0.7 0.5 1.0 1.0 0.25 0.25

8 1998/11/13 01:40 EJ+ 11/13 04:30 11/14 10:15 11/09 18:18 190 325 2.6 17:03 N15W05 C2.5 Yes 13.4 10.9 2.0 2.0 0.07 0.07 0.5 0.3 – – – –

9 1999/04/16 11:10 MC 04/16 20:18 04/17 21:18 04/13 03:30 261 291 0.2 01:45 N16E00 B4.3 No 14.9 13.3 27.9 22.0 1.12 0.88 1.0 0.6 16.0 11.0 0.64 0.44

10 1999/06/26 19:25 EJ+ 06/27 21:30 06/28 01:00 06/24 13:31 360 975 32.4 12:04 N29W13 C4.1 Yes 12.2 11.9 8.0 2.0 2.29 0.57 0.4 0.3 – – – –

11 1999/07/02 00:23 EJ+ 07/02 06:00 07/02 07:30 06/29 19:54 360 560 − 8.9 19:07 S14E01 M1.6 Yes – – – – – – 0.3 0.3 – – – –

12 1999/08/08 17:44 MC 08/09 10:48 08/10 15:48 08/02 07:26 189 286 − 0.5 06:12 N13E24 EP ? 11.1 10.3 – – – – 0.9 0.6 – – – –

13 1999/09/22 12:00 EJ+ 09/22 21:00 09/24 02:00 09/20 06:06 360 604 − 14.5 03:58 S20W05 EP No 15.6 14.5 44.0 30.0 1.52 1.03 1.3 0.8 28.0 21.0 0.97 0.72

14 1999/10/21 02:13 EJ+ 10/21 18:30 10/22 05:50 10/18 00:06 240 144 3.5 23:22 S30E15 C1.2 No 14.4 13.0 14.0 8.0 1.24 0.71 0.8 0.5 1.0 3.0 0.09 0.26

15 2000/01/22 00:23 EJ+ 01/22 18:00 01/23 02:00 01/18 17:54 360 739 − 7.1 17:07 S19E11 M3.9 Yes 10.8 10.5 4.0 – 0.50 0.00 0.6 0.3 7.0 – 0.88 –

16 2000/02/20 21:00 MC 02/21 09:48 02/22 13:18 02/17 21:30 360 728 − 22.9 20:17 S29E07 M1.3 Yes 16.8 14.6 41.9 22.0 1.52 0.80 1.3 0.6 17.0 13.0 0.62 0.47

17 2000/07/10 06:00 EJ+ 07/11 01:30 07/11 11:22 07/07 10:26 360 453 10.8 06:24 N04E00 EP No 14.2 12.9 14.1 6.0 1.43 0.61 3.1 1.6 18.0 9.0 1.82 0.91

18 2000/07/11 11:22 EJ+ 07/11 22:48 07/13 02:25 07/08 23:50 161 483 − 7.2 22:58 N18W12 C4.0 Yes 16.4 14.9 26.1 24.0 0.94 0.87 2.0 1.0 22.0 21.0 0.80 0.76

19 2000/07/15 14:18 MC 07/15 21:06 07/16 09:54 07/14 10:54 360 1674 − 96.1 10:03 N22W07 X5.7 Yes 17.7 16.9 15.8 12.0 1.23 0.94 2.0 1.2 17.0 10.0 1.33 0.78

20 2000/07/26 18:58 EJ+ 07/27 08:28 07/27 19:35 07/23 05:30 181 631 − 20.4 04:11 S13W05 EP No – – – – – – 1.1 0.8 9.0 10.0 0.81 0.90

21 2000/07/28 06:39 MC 07/28 21:06 07/29 10:06 07/25 03:30 360 528 − 5.8 02:43 N06W08 M8.0 Yes 15.8 12.8 11.9 8.0 0.92 0.62 4.1 1.0 10.0 6.0 0.77 0.46

22 2000/08/10 05:10 EJ+ 08/10 19:00 08/11 12:00 08/06 23:06 40 597 − 7.0 22:36 S24W15 ? No 11.1 10.7 – – – – 0.9 0.8 – – – –

23 2000/08/11 18:51 MC 08/12 06:06 08/13 05:06 08/09 16:30 360 702 2.8 15:19 N20E12 EP No 15.4 13.6 38.2 20.0 1.66 0.87 2.5 0.9 37.0 13.0 1.61 0.57

24 2000/09/17 17:00 MC 09/18 01:54 09/18 15:06 09/16 05:18 360 1215 − 12.3 04:06 N14W07 M5.9 Yes 17.3 15.9 47.9 14.0 3.63 1.06 5.3 2.0 22.0 12.0 1.67 0.91

25 2000/10/05 03:23 EJ+ 10/05 13:13 10/07 13:00 10/02 03:50 360 525 − 4.9 02:48 S09E07 C4.1 No 12.7 11.7 37.1 12.0 0.78 0.25 0.6 0.4 – 2.0 – 0.04

26 2000/10/12 22:36 MC 10/13 18:24 10/14 16:54 10/09 23:50 360 527 − 24.2 23:19 N01W14 C6.7 Yes 16.1 14.4 19.8 20.0 0.88 0.89 1.3 0.8 15.0 18.0 0.67 0.80

27 2000/11/06 09:20 MC 11/06 23:06 11/07 18:06 11/03 18:26 360 291 16.4 18:35 N02W02 C3.2 Yes 14.8 12.5 44.0 12.0 2.32 0.63 2.1 0.9 10.0 13.0 0.53 0.68

28 2000/11/26 05:30 EJ+ 11/27 05:00 11/28 04:00 11/24 05:30 360 1289 2.1 04:55 N20W05 X2.0 Yes 15.6 13.7 60.0 24.0 2.61 1.04 1.4 0.8 17.0 18.0 0.74 0.78

29 2001/03/03 11:30 EJ+ 03/04 04:00 03/05 01:30 02/28 14:50 232 313 1.9 13:22 S17W05 B4.2 No 14.5 12.1 8.0 8.0 0.37 0.37 1.2 0.8 6.0 17.0 0.28 0.79

30 2001/03/22 14:00 EJ+ 03/22 22:30 03/23 04:00 03/19 05:26 360 389 − 2.4 04:12 S20W00 PEA No 9.8 9.7 – – – – 0.4 0.3 – – – –

31 2001/04/11 14:12 EJ+ 04/11 22:30 04/12 03:00 04/09 15:54 360 1192 1.3 15:20 S21W04 M7.9 Yes 15.3 15.1 10.0 4.0 2.23 0.89 4.8 1.9 7.0 5.0 1.56 1.11

32 2001/04/11 16:19 MC 04/12 07:54 04/12 17:54 04/10 05:30 360 2411 211.6 05:06 S23W09 X2.3 Yes 16.2 14.6 22.0 8.0 2.20 0.80 1.3 1.0 24.0 9.0 2.40 0.90

33 2001/04/28 05:02 MC 04/29 01:54 04/29 12:54 04/26 12:30 360 1006 21.1 11:26 N20W05 M1.5 Yes 16.7 15.9 48.0 12.0 4.36 1.09 2.0 1.5 47.0 9.0 4.27 0.82

34 2001/08/12 11:10 EJ- 08/13 07:00 08/13 10:00 08/09 10:30 175 479 4.4 08:00 N11W14 PEA Yes 12.6 11.6 2.0 2.0 0.67 0.67 0.3 0.2 – – – –

35 2001/10/11 16:50 EJ+ 10/12 03:30 10/12 08:30 10/09 11:30 360 973 − 41.5 10:46 S28E08 M1.4 Yes 15.1 14.0 6.0 6.0 1.20 1.20 1.7 1.0 2.0 5.0 0.40 1.00

36 2002/03/18 13:13 MC 03/19 22:54 03/20 15:24 03/15 23:06 360 957 − 17.4 22:09 S08W03 M2.2 Yes 13.7 13.7 – 2.0 – 0.12 1.5 1.0 18.0 12.0 1.09 0.73
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Table 1 (Continued)

Event

#a
Shock ICME CME Solar source Type

II?
Charge states

Date Time
[UT]

Typeb Start End Onset Width
[deg]

Speed
[km s–1]

Acc.
[m s–2]

Onset
[UT]

Loc Flare

Imp.c
QFe O+7 /O+6

Date
[mm/dd]

Time
[UT]

Date
[mm/dd]

Time
[UT]

Date Time
[UT]

Peak Ave Dur1d Dur2e Fr1f Fr2g Peak Ave Dur1d Dur2e Fr1f Fr2g

37 2002/04/17 11:01 MC 04/18 04:18 04/19 02:18 04/15 03:50 360 720 2.1 03:05 S15W01 M1.2 Yes 14.9 14.6 22.0 4.0 1.00 0.18 4.1 2.2 16.0 11.0 0.73 0.50

38 2002/05/11 10:30 EJ+ 05/11 13:00 05/11 14:00 05/08 13:50 360 614 78.9 12:58 S12W07 C4.2 No 11.4 11.4 6.0 – 6.01 – 0.3 0.3 4.0 – 4.00 –

39 2002/05/18 19:51 MC 05/19 03:54 05/19 23:24 05/16 00:50 360 600 − 6.6 00:11 S23E15 C4.5 Yes 10.7 10.1 – – – – 0.2 0.1 – – – –

40 2002/05/20 03:40 EJ− 05/20 11:00 05/20 22:00 05/17 01:27 45 461 5.5 00:23 S20E14 EP No 11.6 11.1 – – – – 0.4 0.2 – – – –

41 2002/05/30 02:15 EJ− 05/30 07:09 05/31 11:20 05/27 13:27 161 1106 3.8 12:36 N22E15 C3.7 No 12.1 11.0 2.0 2.0 0.07 0.07 0.7 0.5 – 3.0 – 0.11

42 2002/07/17 15:50 EJ+ 07/18 12:00 07/19 08:10 07/15 21:30 188 1300 − 7.3 21:03 N19W01 M1.8 Yes – – – – – – 1.1 0.6 15.0 9.0 0.74 0.45

43 2002/08/01 05:10 MC 08/01 11:54 08/01 22:36 07/29 12:07 161 222 3.3 10:27 S10W10 M4.7 Yes 15.2 13.5 17.9 12.0 1.67 1.12 2.6 1.3 17.0 10.0 1.59 0.93

44 2003/08/17 13:40 MC 08/18 11:36 08/19 04:24 08/14 20:06 360 378 4.4 17:12 S10E02 C3.8 No 14.3 12.9 37.7 14.0 2.24 0.83 2.1 1.4 37.0 17.0 2.20 1.01

45 2003/10/29 06:00 MC 10/29 08:00 10/30 04:00 10/28 11:30 360 2459 − 105.2 11:00 S16E08 X17.2 Yes 17.0 15.3 60.1 18.0 3.01 0.90 1.2 0.6 34.0 12.0 1.70 0.60

46 2003/10/30 16:20 MC 10/31 02:00 10/31 13:00 10/29 20:54 360 2029 − 146.5 20:37 S15W02 X10.0 Yes 17.3 16.7 48.0 10.0 4.36 0.91 8.5 3.0 45.0 8.0 4.09 0.73

47 2004/01/22 01:10 EJ+ 01/22 08:00 01/23 17:00 01/20 00:06 360 965 17.2 23:46 S13W09 C5.5 No 14.2 11.6 13.8 12.0 0.42 0.36 3.1 0.8 21.0 16.0 0.64 0.48

48 2004/07/24 05:32 MC 07/24 12:48 07/25 13:18 07/22 08:30 132 899 − 12.6 07:41 N04E10 C5.3 No 14.5 13.5 52.0 6.0 2.12 0.24 3.2 1.5 50.0 19.0 2.04 0.78

49 2004/11/09 09:05 MC 11/09 20:54 11/10 03:24 11/06 02:06 214 1111 18.8 01:40 N09E05 M3.6 Yes 13.7 13.1 48.0 6.0 7.39 0.92 1.3 0.8 48.0 4.0 7.38 0.62

50 2004/12/11 13:03 EJ+ 12/12 12:00 12/13 06:00 12/08 20:26 360 611 − 87.2 19:34 N05W03 C2.5 Yes 13.9 11.4 21.6 6.0 1.20 0.33 0.6 0.4 5.0 – 0.28 –

51 2005/01/16 09:27 EJ+ 01/16 14:00 01/17 06:30 01/15 06:30 360 2049 − 30.7 05:54 N16E04 M8.6 Yes 15.1 13.2 34.8 16.0 2.11 0.97 0.8 0.3 – 1.0 – 0.06

52 2005/02/17 21:59 EJ+ 02/18 15:00 02/19 08:15 02/13 11:06 151 584 − 13.0 10:28 S11E09 C2.7 Yes 14.6 13.5 14.0 12.0 0.81 0.70 1.2 0.6 5.0 8.0 0.29 0.46

53 2005/05/15 02:19 MC 05/15 05:42 05/15 22:12 05/13 17:12 360 1689 – 16:13 N12E11 M8.0 Yes 16.2 14.7 30.0 18.0 1.82 1.70 3.7 1.6 28.0 17.0 1.70 1.03

54 2005/05/20 03:34 MC 05/20 07:18 05/21 05:18 05/17 03:26 273 449 18.1 02:31 S15W00 M1.8 Yes 16.8 14.7 21.8 18.0 0.99 0.82 2.1 1.0 37.0 18.0 1.68 0.82

55 2005/05/29 09:15 EJ+ 05/29 10:15 05/29 14:45 05/26 15:06 360 586 − 1.6 13:10 S11E19 B7.5 ? 11.2 11.0 – – – – 0.7 0.4 – – – –

56 2005/07/10 02:56 EJ+ 07/10 10:30 07/12 04:00 07/07 17:06 360 683 − 8.7 16:07 N09E03 M4.9 Yes 16.8 13.5 50.0 24.0 1.21 0.58 1.6 0.7 43.0 17.0 1.04 0.41

57 2005/09/02 13:32 EJ+ 09/02 19:03 09/03 06:00 08/31 11:30 360 825 42.9 10:26 N13W13 C2.0 Yes 12.6 10.9 2.0 2.0 0.18 0.18 0.5 0.2 – – – –

58 2005/09/15 08:25 EJ+ 09/15 14:24 09/15 18:00 09/13 20:00 360 1866 11.5 19:42 S09E10 X1.5 Yes 14.1 14.1 6.0 2.0 1.67 0.56 0.5 0.4 – – – –

59 2006/08/19 10:51 EJ+ 08/20 00:00 08/21 15:30 08/16 16:30 360 888 1.9 14:37 S16W08 C3.6 Yes 15.1 14.0 8.0 8.0 0.20 0.20 0.6 0.3 1.0 1.0 0.03 0.03

aList of shock-driving ICMEs during the solar cycle 23 (E 15◦ ≤ source longitude ≤ W15◦ ) (Gopalswamy et al., 2010a).

bMC = Magnetic cloud; EJ = Ejecta; the suffix + indicates that it was possible fit a flux rope to the ejecta by adjusting the plasmag boundaries; − indicates it was not possible to fit a flux rope.

cEP = Eruptive prominence; PEA = post-eruption arcade.

ddur1 = duration of charge-state enhancements, without considering the second plasmag boundary.

edur2 = duration of charge-state enhancements, within the plasmag boundaries.

fFr1 = Fractional duration of charge-state enhancements with respect to the plasmag ICME duration.

gFr2 = Fractional duration of charge-state enhancements within the plasmag boundaries, considering only intervals during which the charge states are above the thresholds.

#6, #12, #55 Dropped from the analysis because the revised solar source location fell outside the longitude criterion.
#11 Dropped from the analysis because this is a known “driverless” event.
#22 Dropped from the analysis because of the uncertainty in identifying the solar source; multiple candidates exist.
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i) Out of the 23 MC events, two had QFe data gaps. Of the remaining 21 events, 20 had
peak QFe ≥ 12.0. In all these cases, there was a definite increase in QFe sometime during the
MC interval obtained from plasma signatures. Only one event did not have any QFe signature
(the QFe value remained the same before the shock, in the sheath, and in the MC interval).
This means, 95 % of the MC events had QFe enhancement. Three of the 31 non-MC events
had QFe data gap. Out of the remaining 28, only six events had QFe < 12.0, which means
79 % of the non-MC events had QFe enhancement. If we use the nominal solar wind value
of QFe = 11, then only three non-MC events had QFe < 11, indicating ∼ 89 % of non-MC
events having high charge state. This is only slightly smaller than what was found in the MC
events.

ii) The O7O6 within the ICME interval exceeded 0.6 in all but one of the MC events,
which means 95 % of the MC events had enhanced O charge-state ratio. On the other hand,
eight of the non-MC events had O7O6 ratio < 0.6, which means about 73 % of the EJ events
had enhanced O7O6 during the ICME interval. These two results suggest that most of the
non-MC events behave similar to the MC events in terms of the enhanced QFe and O7O6

during the ICME interval.
iii) All but three of the non-MC events have a ‘+’ sign following the ‘EJ’ symbols in

column 3 of Table 1. EJ+ means it was possible to fit a flux rope to the solar wind data
of these ICMEs by adjusting the boundary of the ICMEs and using either a cylindrical or
toroidal geometry for the flux rope (see Marubashi et al., under preparation, for more details
regarding the flux-rope fitting). This result is consistent with the fact that most of the ICMEs
have QFe and O7O6 ratio increases within the ICME interval. Of the three “EJ−” events,
two were associated with weak flare signatures and no charge-state enhancement, and the
third had marginal charge-state enhancement.

These three events are discussed in more detail in Section 3.5.

3.1. Charge-State Distributions

Figure 2 shows the QFe distributions inside all ICMEs in the CDAW list in comparison with
MC and non-MC events. The mean (13.2) and median (13.5) QFe values of the combined set
clearly exceed the nominal slow solar wind value (11). The corresponding values for MC
and non-MC events lie above and below those of the combined set. Note also that all the
mean and median values are at or above the nominal solar wind values. In the distribution
of average QFe, the lower mean value results because there are intervals of low charge state
during the ICME interval, when QFe dropped below the threshold value. In addition, we see
that highest QFe was attained in MCs, but only in the next bin (17.5 vs. 16.5 for peak QFe

and 16.5 vs. 15.5 for average QFe).
The distributions of O7O6 values follow a pattern similar to the QFe values (see Fig. 3).

MCs clearly have the highest O7O6. When peak O7O6 inside the ICME intervals are con-
sidered, MC intervals have a mean and median values of 2.54 and 2.1, respectively. The
corresponding values for non-MC intervals are 1.12 and 0.7, respectively. Clearly, there is
enhancement in both MCs and non-MC events, but higher O7O6 ratios are found for MCs.
When we consider event-averaged O7O6 values, we see that the mean and median values are
still above the threshold for MCs, but slightly below for non-MC events. This may be due
to the fact that the O7O6 values have time structure within the ICME interval (see Figure 1),
which might have caused smaller O7O6 when averaged over the event. Comparing the QFe

and O7O6 values, we see that QFe is a better indicator of ICMEs than O7O6.
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Figure 2 Distribution of QFe inside ICMEs using average (top) and peak (bottom) values within the ICME
intervals with MCs and non-MC ICMEs distinguished. The mean and median values are shown on the plots.

3.2. Charge State and ICME Durations

The ICME boundaries given in Table 1 were obtained from plasma and magnetic (plasmag)
signatures. In order to check the durations of ICME events from the charge states alone, we
measured the duration when QFe and O7O6 remained above the threshold values ignoring
the ICME ending time. In other words, if the charge state remained above the threshold,
we counted the duration until the values dropped to the threshold values. In some cases the
value never came down, so the end time is the end time of the data set. The distributions in
Figure 4 show that the mean and median plasmag durations are 16.5 and 16.9 h, respectively
for all the ICMEs. The MC and non-MC durations taken separately are not substantially dif-
ferent from these values. However, when QFe is used (middle panel of Figure 4), the MC
distribution gets much wider and the mean and median values are substantially higher (34.5
and 37.7 h, respectively). The O7O6 values also had a wider distribution (bottom panels of
Figure 4), but to a less extent (mean and median O7O6 values: 23 and 27.7 h, respectively).
In non-MC events, the plasmag and QFe durations were similar, whereas the O7O6 durations
were slightly smaller. One problem with these durations is that we have not paid attention
to the solar wind structure beyond the rear boundary of the ICMEs. The charge-state en-
hancement may be due to poor definition of the boundaries from plasmag signatures or due
to weaker ICMEs that follow the ICME in question.

We have also not considered the fact that the ICME interval may contain subintervals of
low charge states from prominence material (Burlaga et al., 1998; Gopalswamy et al., 1998;
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Figure 3 Distribution of O7O6 inside ICMEs using average (top) and peak (bottom) values within the ICME
intervals with MCs and non-MC ICMEs distinguished. The mean and median values shown on the plots.

Lepri and Zurbuchen, 2010; Gilbert et al., 2012). In order to avoid the uncertainty on the
ICME signatures outside of the plasmag boundaries, we computed the duration within the
plasma ICME boundaries, by summing up only those subintervals when the charge states
remained above the threshold values. As Figure 1 shows, in the 11 July 2000 event, the
plasmag duration of EJ2 is ∼ 27.6 h, whereas the QFe and O7O6 values remain above the
threshold only for 24 and 21 h, respectively. The reduction is essentially due to time struc-
ture in the charge-state profiles (especially for O7O6). This suggests that the ICME may not
be uniformly filled with hot plasma, but in patches as in Figure 1 (EJ2). Numerical simu-
lations also suggest such spatial inhomogeneity within the CME flux rope (see, e.g., Lynch
et al., 2011). Figure 5 shows the distributions of these reduced durations. Now, the QFe and
O7O6 enhancements have similar durations that are substantially below the plasmag dura-
tions given in Figure 4. Just by comparing the mean values, we see that the charge-state
durations constitute a fraction of the plasmag duration in the range 0.56 to 0.74. Taking
the average durations in columns 23 and 28 in Table 1, we see that the ICMEs are filled
with 67 % enhanced QFe and 63 % enhanced O7O6. This suggests that the hot plasma is
filling only part of the CMEs when they are released near the Sun. Furthermore, both the
QFe and O7O6 durations in MCs are generally longer than those in non-MC events. This is
significant because this may be related to the fact that the observing spacecraft may not be
passing through the nose of the ICME in the case of non-MC events thereby intercepting
less number of patches of high charge state. Such an interpretation would be consistent with
the non-radial motion of the CMEs that result in non-MC ICMEs.
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Figure 4 ICME durations based on plasma signatures (top – plasmag), QFe (middle), and O7O6 (bottom).
The mean and median durations (in hours) are noted on the plots.

3.3. Flare Comparisons

Since flare heating is ultimately responsible for the injection of hot plasma into the CMEs,
it is imperative that we compare the flare properties of the MC and non-MC events. Figure 6
shows the flare size distributions for MC, non-MC, and the combined set. The mean and
median flare size of flares associated with the ICMEs in general fall in the M class suggest-
ing that most of the flares are major ones. When MC and non-MC events are considered
separately, we see that the flares of the non-MC events are slightly smaller in size. For MCs,
the median size remains in M class whereas it is in C class for the non-MC events. The
mean sizes are higher than the median sizes because of the asymmetry, but even there the
MC-associated flares are one class higher. Thus there is some indication that we are dealing
with slightly weaker flares in the case of non-MC events, although there is a heavy over-
lap in flare sizes between the two populations. What is really needed in the flare is that the
plasma temperature should reach sufficient level to ionize a high enough number of ions to
be detected as a charge-state enhancement at 1 AU. To see this, we used the soft X-ray in-
tensities in the two GOES energy channels to obtain the flare temperature. We were able to
determine the flare temperature for 22 MC events. There were several weak events identified
as eruptive prominence (EP) event or an event with weak post-eruption arcade (PEA). The
solar source of one of the CMEs is an eruptive prominence (EP) event (11 August 2000).
The others were non-MC events with low soft X-ray flux that we were not able to determine
the flare temperature. We discuss these weak events separately in a later subsection.
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Figure 5 ICME durations based on plasmag signatures (top) compared with reduced durations obtained
from QFe (middle), and O7O6 (bottom) signatures. The mean and median durations (in hours) are noted on
the plots.

Figure 6 also shows the flare temperature distributions for 22 MCs and 23 non-MC
events. The flare temperatures range from 5 MK to 25 MK. The mean and median flare tem-
peratures are nearly the same for both MC and EJ events. The range of temperatures is more
than adequate in producing the observed QFe and O7O6 enhancements (Bame et al., 1979;
Lepri et al., 2001). Thus we conclude that the flares involved in both MC and non-MC events
have similar flare sizes and temperatures, suggesting that the availability of hot plasmas is
about the same for the two populations.

3.3.1. Correlation Between Flare Size, Flare Temperature and Charge States

Reinard (2005, 2008) reported a general increase in charge-state ratios as a function of the
flare size. She grouped the flares into C, M, and X classes and found that both O7O6 and
QFe values were enhanced the greatest in the case of X flares and the least in the case of
C-class flares. In our sample, we have even X-class flares, so we use scatter plots between
the flare size and temperature on the one hand and the charge states on the other. For the
eight EP events, there is no flare information available, so we have not used them. Exclud-
ing events with data gaps, we have 20 MC and 23 non-MC events for which we show the
scatter plots in Figure 7 between the flare intensity and the peak and event-averaged QFe val-
ues. The high degree of overlap between the MC and non-MC data points is quite obvious.
There is definitely a positive correlation between QFe and flare size for all the three cases
shown: MC events, non-MC events and for the combined set. The correlation coefficient
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Figure 6 Size and temperature distributions of GOES soft X-ray flares for the selected ICME events with
the flares associated with MCs and non-MC ICMEs distinguished. The mean and medium values of the
distributions are marked on the plots. For nine events, the soft X-ray intensity was too low to calculate the
temperature.

(r) is 0.5 for the peak QFe within the ICME interval. The probability (p) that the observed
correlation is by chance is very low: 4.9 × 10−4. When the event-averaged QFe is used, the
correlation is even better (r = 0.59) with p = 1.9 × 10−5. The correlation coefficient is rea-
sonably high for MC events (r = 0.56 for peak QFe and 0.61 for the averaged QFe with p

values of 9.0 × 10−3 and 3.2 × 10−3, respectively). For the non-MC events, the correlation
is somewhat weaker (r = 0.31 with p = 0.16 for peak QFe and r = 0.46 with p = 0.027 for
event-averaged QFe). In Figure 7 we see some outliers at low values of QFe. These outliers
could be due to incomplete heating of prominence material or merely because the spacecraft
observations did not sample the portion of the ICME that contained enhancements (due to
geometrical constraints, in-situ observations of charge-state enhancements provide only a
lower limit on the initial heating). When the outliers at the bottom of the plot are excluded,
the correlation improves significantly: For peak QFe, the correlation coefficients are 0.60
(p = 2.6 × 10−5, combined set), 0.58 (7.4 × 10−3, MC events), and 0.49 (p = 0.023, non-
MC events). For event-averaged QFe, the correlation is even better: 0.68 (p = 6.8 × 10−7,
combined set), 0.63 (3.2 × 10−3, MC events), and 0.63 (p = 1.7 × 10−3, non-MC events).
The correlation analysis confirms the flare-size dependence of QFe. Furthermore, the high
overlap between the data points from MC and non-MC events suggests that they should be
similar objects.

The correlation analysis done for O7O6 values against flare size are shown in Figure 8.
One can see significant overlap between MC and non-MC events, but the non-MC events
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Figure 7 Scatter plots between the soft X-ray flare size and the peak (left) and average (right) QFe in ICMEs.
MCs and non-MCs are denoted by circles and crosses, respectively. The correlation coefficients (r) and the
regression lines for the MC and non-MC events as well as the combined set (43 events) are shown on the
plots. The probability of obtaining the correlation by chance is indicated in parentheses.

Figure 8 Scatter plots between the soft X-ray flare size and the peak (left) and average (right) O7/O6 ratios
in ICMEs. MCs and non-MC are denoted by circles and crosses, respectively. The correlation coefficients (r)
and the regression lines for the MC and non-MC events as well as the combined set (44 events) are shown on
the plots. The probability of obtaining the correlation by chance is indicated in parentheses.

are generally concentrated toward the lower charge-state values as we also showed using
the distributions in Figure 3. This is particularly clear in the event-averaged O7O6 values
shown in the right-side panel of Figure 3. Even though the correlation is positive, it is much
weaker compared to the QFe – flare size correlation. For the combined set, the correlation
coefficients are similar for peak (r = 0.42 with p = 7.0×10−3) and event-averaged (0.4 with
p = 6.5×10−3) O7O6. The correlation is still reasonable for MC events: r = 0.4 (p = 0.08)
and 0.32 (p = 0.15) for peak and event-averaged O7O6, respectively. The lowest correlation
is for the non-MC events: 0.24 (p = 0.25, peak O7O6), 0.25 (p = 0.23, event-averaged
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Figure 9 Scatter plots between flare temperature and the peak (left) and average (right) QFe in ICMEs.
MCs and non-MCs are denoted by circles and crosses, respectively. The correlation coefficients (r) and the
regression lines for the MC and non-MC events as well as the combined set (42 events) are shown on the
plots. The probability of obtaining the correlation by chance is indicated in parentheses.

Figure 10 Scatter plots between flare temperature and the peak (left) and average (right) O7/O6 ratio in
ICMEs. MCs and non-MCs are denoted by circles and crosses, respectively. The correlation coefficients (r)
and the regression lines for the MC and non-MC events as well as the combined set (43 events) are shown on
the plots. The probability of obtaining the correlation by chance is indicated in parentheses.

O7O6). Note that the p values are high indicating low confidence levels (75 % and 77 %)
for the peak and event-averaged O7O6 vales.

The correlations of charge states measures with flare temperature are similar to those with
the peak soft X-ray flux. The correlation coefficients and the p-values shown in Figures 9
and 10 indicate that all the correlations are highly significant, confirming the importance of
flares in creating the high charge states observed inside ICMEs of both types. The lowest
correlation obtained is for peak O7O6 in non-MC events: r = 0.33 with p = 0.13. The
confidence level of this correlation is only 87 %.
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3.4. CME Comparisons

We have seen in the previous sections that there is no significant difference between flares
associated with the MC and non-MC events. The flare signatures are contained within the
CME as the charge-state enhancements. Is there any characteristic difference between the
CMEs associated with the two types of ICME? In order to check this we have plotted the
speed, width, and acceleration distributions of the MC and non-MC events in Figure 11. The
speeds of white-light CMEs near the Sun are about two times larger than the average speed
of the general population of CMEs. The speeds of MC-associated CMEs (mean 934 km s−1)
are similar to speeds (mean 782 km s−1) reported before without the longitude restriction
(Gopalswamy, Yashiro, and Akiyama, 2007; Gopalswamy et al., 2010b). This is because
the solar sources of MC-associated CMEs tend to be closer to the disk center. On the other
hand, the solar sources of non-MC ICMEs are generally at larger distances from the central
meridian, so their speed measurement is subject to less projection effects. Accordingly, the
average speed of CMEs associated with non-MC events is somewhat higher (955 km s−1 vs.

772 km s−1). The events in Figure 11 are both from disk center, and hence subject to similar
projection effects resulting in similar speeds.

Such high speed CMEs from the disk center are expected to appear as halo CMEs in the
coronagraphic field of view. The width of the halo CMEs is not known, but measurements of
limb CMEs reveal that faster CMEs are generally wider (Gopalswamy et al., 2009c). Again
wider CMEs are more massive (Gopalswamy et al., 2005), indicating that faster CMEs are
generally more energetic. In other words, halo CMEs are expected to be generally more
energetic. In fact, the fraction of halo CMEs in a population is an indicator of the average
energy of the population: higher the halo fraction, larger is the kinetic energy. Gopalswamy
et al. (2010b) found that the majority of CMEs arriving at Earth are halos: 59 % of CMEs
associated with MCs and 60 % associated with non-MCs. Figure 11 shows even a larger
fraction of halo CMEs (70 % for MC+non-MC events) in the present study because they
originate closer to the disk center compared to all halos. The halo fraction is the highest with
76 % for MC-associated CMEs, while somewhat smaller (65 %) for the non-MC CMEs.
A CME needs to be relatively fast to become a halo CME when it originates farther from
the disk center (Gopalswamy et al., 2010c).

The acceleration measurement is generally difficult and is accurate only for slow CMEs
from the limb: because there are no projection effects for limb CMEs and many data points
can be obtained for slow CMEs. The CMEs in question are subject to projection effects,
because they all come from close to the disk center. Fortunately, comparing the acceleration
of MC and non-MC CMEs is possible because both sets are subject to similar projection
effects. We see from Figure 11 that the accelerations are similar for MC, non-MC, and
the combined set. Gopalswamy (2010) showed that for a large number of limb CMEs, the
mean acceleration was −3.1 m s−2, which is only slightly larger than the mean values in
Figure 11. One small difference is that the distribution peaks in the 0 – 10 m s−2 bin. A closer
examination of these events in this bin reveals that most of these CMEs are radio quiet, i.e.,
they did not produce a type II radio burst anywhere between the Sun and Earth, even though
they were associated with IP shocks at 1 AU. Accelerating CMEs become fast enough to
drive shocks generally far away from the Sun (beyond 10 Rs), so they either produce type II
bursts at kilometric wavelengths (Gopalswamy, 2006b) or none at all (Gopalswamy et al.,
2010a). When we examined the type II burst association of the 54 events, we found that 17
were radio quiet (no type II burst association). The vast majority of the radio-quiet CMEs
were non-MC events (14 vs. 3 MCs), consistent with the positive acceleration bias seen
in Figure 11. Only four of the 14 radio-quiet CMEs associated with non-MC events were
decelerating.
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Figure 11 Speed, width and acceleration of CMEs associated with the ICMEs in question. MC and non-MC
values are compared with each other and with the combined set. In the width distributions, the fraction of
halo CMEs is indicated.

In summary, we see that the basic properties of CMEs (speed, width, and acceleration) in
the MC and non-MC events are very similar. The only exception we find is a slightly larger
number of radio-quiet CMEs among the non-MC events (14 out of 31 non-MC events or
45 % are radio quiet, while three out of 23 MC events or 13 % are radio quiet). Now let us
look at the correlation between CME speed and charge-state measures.

There is generally a positive correlation between the CME speed and QFe. Figure 12
shows that the correlation coefficients range from 0.26 to 0.58. The weakest correlation
(r = 0.26) is for peak QFe with p = 0.19 indication that the confidence level is only 81 %.
On the other hand the CME speed is poorly correlated with O7O6 values as can be seen
in Figure 13. We think the CME speed – charge-state correlation essentially reflects the
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Figure 12 Scatter plots between CME speed and the peak (left) and average (right) QFe in ICMEs. MCs and
non-MCs are denoted by circles and crosses, respectively. The correlation coefficients (r) and the regression
lines for the MC and non-MC events as well as the combined set (51 events) are shown on the plots. The
probability of obtaining the correlation by chance is indicated in parentheses.

Figure 13 Scatter plots between CME speed and the peak (left) and average (right) QFe in ICMEs. MCs and
non-MC are denoted by circles and crosses, respectively. The correlation coefficients (r) and the regression
lines for the MC and non-MC events as well as the combined set (49 events) are shown on the plots. The
probability of obtaining the correlation by chance is indicated in parentheses.

correlation between CME speed and flare size (see, e.g., Gopalswamy, 2010) because CMEs
do not play any role in the creation of high charge states.

Table 2 summarizes various correlation coefficients discussed above for QFe and O7O6.
The probability that a correlation is by chance is given by the number in parentheses. Any p

value more a few percent is an indication that we have low confidence in the correlation. The
confidence level is roughly 1 −p. We have listed the correlation of QFe and O7O6 with flare
intensity, flare temperature, and CME speed. We have also listed the correlation coefficients
obtained by eliminating a few outliers. These cases are denoted by the “XO” (for excluding
outliers). Barring one or two cases, the charge states have generally a high correlation for
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Table 2 Correlation coefficients for flare/CME properties and QFe and O7O6.

Correlation coefficient for QFe
d Correlation coefficient for O7/O6d

MC Non-MC MC+non-MC MC Non-MC MC+non-MC

Flare Size 0.56 (0.9 %) 0.31 (16 %) 0.50 (0.05 %) 0.40 (8.2 %) 0.24 (25 %) 0.42 (0.4 %)
0.61 (0.3 %) 0.46 (2.7 %) 0.59 (0.002 %) 0.34 (15 %) 0.25 (23 %) 0.40 (0.7 %)

Flare Size XOa 0.58 (0.7 %) 0.49 (2.3 %) 0.60 (0.003 %) 0.16 (51 %) 0.24 (25 %) 0.29 (6.1 %)
0.63 (0.3 %) 0.63 (0.2 %) 0.68 (0.00006 %) 0.11 (66 %) 0.07 (75 %) 0.25 (12 %)

Flare Tb 0.51 (1.8 %) 0.48 (2.7 %) 0.50 (0.05 %) 0.50 (2.1 %) 0.33 (13 %) 0.46 (0.2 %)
0.57 (0.6 %) 0.52 (1.4 %) 0.55 (0.01 %) 0.44 (4.6 %) 0.40 (6.2 %) 0.44 (0.4 %)

Flare T XOa 0.51 (1.9 %) 0.67 (0.2 %) 0.59 (0.008 %) 0.27 (26 %) 0.26 (27 %) 0.28 (7.5 %)
0.57 (0.8 %) 0.66 (0.2 %) 0.62 (0.002 %) 0.44 (4.6 %) 0.17 (47 %) 0.41 (0.7 %)

CME Vc 0.44 (4.3 %) 0.26 (19 %) 0.39 (0.6 %) 0.23 (31 %) 0.11 (56 %) 0.25 (7.2 %)
0.58 (0.5 %) 0.35 (6.6 %) 0.49 (0.03 %) 0.26 (25 %) 0.04 (84 %) 0.25 (7.7 %)

CME V XOa 0.49 (2.8 %) 0.26 (19 %) 0.38 (0.7 %) −0.04 (87 %) 0.03 (90 %) 0.08 (60 %)
0.63 (0.2 %) 0.35 (6.6 %) 0.49 (0.04 %) 0.26 (25 %) −0.01 (96 %) 0.27 (6.7 %)

aXO indicates that a few outliers were excluded.
bFlare temperature derived from GOES soft X-ray intensities.
cSpeed of white-light CMEs from LASCO; the upper (lower) entries are peak (average) charge-state values
within the ICME interval.
dThe percentage values in parentheses denote the probability that the observed correlation is due to chance.
The smaller is this probability, the higher is the confidence level in reality of the correlation.

QFe. On the other hand, O7O6 correlations are generally weaker, especially with CME speed.
The poorest correlations are between O7O6 and CME speed for non-MC events. The lower
correlations with CME properties are understandable because CME properties do not decide
the creation of charge states.

3.5. Weak Events

We saw that there were eight weak events in terms of flare size. These were eruptive promi-
nence events with clear post-eruption arcades. Even though the flare signature in these events
was extremely weak, the post-eruption arcades (in soft X-rays, EUV, or microwaves) were
very prominent. The soft X-ray flux derived from imaging observations (Yohkoh/SXT) is
well below the GOES soft X-ray background level, so these events do not have flares listed
in the SGD. All but three of these EP events had a charge-state enhancement. The excep-
tions are the 22 March 2001, 12 August 2001, and 20 May 2002 events. Figure 14 shows
the solar source of the 22 March 2001 non-MC event as an SXR arcade on 19 March 2001
from Yohkoh/SXT. The weak east–west arcade overlying the neutral line (see Figure 14a, b).
The EIT images had a clear filament channel with only a tiny filament visible in Hα (not
shown). Figure 14c shows that the duration of the ejecta was very small suggesting the pos-
sibility that the spacecraft passed through only the northern flank of the ICME. The presence
of a coronal hole to the northeast of the eruption region (see Figure 14a) might have also
deflected the CME to the south. Note that our selection criterion restricts source longitudes
to ±15◦, but not in latitudes. Therefore, CMEs could still go north or south of Earth (espe-
cially when deflected by coronal holes) and that might be why we do not always see flux
ropes. The lack of charge-state enhancement in this event (see Figure 14c) is likely due to
the fact that the observing spacecraft is passing through the edge of the ICME and hence
might have missed the charge-state enhancement. The 12 August 2001 event also did not
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Figure 14 (a) The post-eruption arcade (PEA) as observed by Yohkoh/SXT. (b) The PEA superposed on
SOHO/MDI magnetogram showing that the arcade straddles the polarity inversion line like in any eruptive
event. (c) The QFe and O7O6 plots showing no charge-state enhancement after the shock (vertical solid line)
or during the ICME interval (marked by the vertical dashed lines). The only EP event among the MCs is the
10 August 2000 event associated with a complex filament eruption on 9 August 2000 accompanied by a halo
CME at 16:30 UT. The O7O6 ratio was ∼ 2.5 and QFe ∼ 15. The arcade was observed in Yohkoh/SXT and
SOHO/EIT images, but was very weak, so the event was not seen in the GOES light curve.

have charge-state enhancement and has a similar solar source environment. The event had
a clear north–south arcade in Yohkoh/SXT and SOHO/EIT images at the western edge of a
north–south coronal hole. Clearly the CME was deflected to the west, away from the Sun–
Earth line, consistent with a very short duration ejecta (∼ 3 h). Therefore, it is not surprising
that we do not see charge-state enhancement in this event. This event was already reported
as a coronal-hole deflection event (Gopalswamy et al., 2004, their Figure 3). Finally, the
20 May 2002 event is also associated with the eruption of a long north–south filament. The
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Figure 15 The non-MC ICME of 22 September 1999 showing total magnetic field strength (B), By com-
ponent, Bz component, solar wind speed (VSW), proton density (np), proton temperature (Tp), plasma betta,

O7O6 and QFe . This is a non-MC because the neither the Bz nor the By component shows a smooth rotation.
The ICME boundaries from the plasmag signatures are shown by the vertical blue lines. The shock is denoted
by the vertical black line.

associated CME was relatively narrow (45◦) in the plane of the sky. The solar source of this
event has some ambiguity because there are other CME candidates (see Cho et al., 2013).

One of the characteristics of the EP events is that the flare structure is extremely weak,
so the question arises whether high charge states can be produced in such weak flares. We
already saw that four of the seven events did have enhanced charge states, and in two other
events, the spacecraft might have missed the flux rope. How do we reconcile these observa-
tions? In order to do this we perform a case study of the 22 September 1999 non-MC event
(see Figure 15). Both QFe and O7O6 plots show a double structure, similar to many of the
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Figure 16 A series of 17 GHz microwave images obtained by the Nobeyama radioheliograph on 19 Septem-
ber 1999 showing the filament (F), its disappearance resulting in a two-ribbon flare (R), and the formation
of the post-eruption arcade (PEA). The PEA was also observed by Yohkoh/SXT and SOHO/EIT beyond the
06:36 UT (not shown).

EP events. The O7O6 boundaries above the threshold value of 0.6 coincide well with the
boundaries derived from plasmag signatures. However, the QFe signature starts 2 – 3 hours
earlier. The peak (event-averaged) QFe and O7O6 values are 15.6 (14.5) and 1.3 (0.8), re-
spectively. The QFe values are typical (see the distribution in Figure 2), while the O7O6

value is somewhat smaller (Figure 3).
The solar source of the CME associated with the 22 September 1999 non-MC event is

identified by an eruptive filament followed by a post-eruption arcade observed in microwave,
soft X-rays and EUV. Figure 16 shows the U-shaped filament at 02:36 UT, which erupts
resulting in a two-ribbon flare and post-eruption arcade (PEA) all imaged by the Nobeyama

radioheliograph at 17 GHz. The peak brightness temperature (Tb) of the PEA in microwaves
(17 GHz) is 3.87×104 K. The average brightness temperature of the arcade is 1.53×104 K.
The radio emission from the arcade is optically thin, so the kinetic temperature (T ) of the
arcade plasma is given by T = Tb/τ , where τ is the free-free optical depth of the arcade
given by τ = 0.2n2L/f 2T 3/2, where f is the observing frequency (17 GHz), n is the electron
density of the arcade plasma, and L is the line-of-sight thickness of the arcade. We need
τ ≤ 0.004 so that the observed average Tb translates into an average kinetic temperature
T ≥ 3.5 MK needed to produce the observed charge states (Bame et al., 1979). Taking the
arcade height as its observed width (L = 9.8 × 109 cm), one can readily get the required
optical depth for an electron density of (2 – 2.2) × 109 cm−3. Such densities have been
derived from simultaneous soft X-ray imaging observations in other post-eruption arcades
(Hanaoka et al., 1994). Thus, the temperature in the PEA is adequate to produce the observed
charge-state enhancements in the EP event. We expect a similar situation for most of the EP
events and hence conclude that even in such events with poor flare signatures, high charge
states can be produced.
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Figure 17 The solar source of the 30 May 2002 non-MC event (one of the three events for which flux-rope
fitting did not succeed) as a filament (F) eruption event accompanied by a wide shock-driving CME and a
weak post-eruption arcade (PEA) responsible for the weak (C3.7) GOES soft X-ray flare on 27 May 2002.

We also note that two of the EP events without charge-state enhancement are also EJ-
events, i.e., we were not able to fit a flux-rope event with boundary adjustments. The third
EJ-event is the one on 30 May 2002 associated with a C3.7 flare and a filament eruption in
the NE quadrant. The filament in the pre-eruption stage (F), the post-eruption arcade (PEA)
overlying the filament location, the associated white-light CME, and the GOES soft X-ray
light curve are all shown in Figure 17. Note that the white-light CME was clearly surrounded
by a shock, but the whole structure is mostly heading to the northwest. In particular, there is
only a small section of the CME that crosses the ecliptic, suggesting that the ACE spacecraft
measuring the charge states might have passed through only the edge of the ICME. This
might be the reason that the observed ICME could not be fit with a flux rope.

3.6. Is There Charge-State Enhancement in the Shock Sheath?

In a preliminary study, Gopalswamy (2006c) did not find any QFe enhancement in MC
sheaths. They found the average QFe in sheaths is ∼ 11.3, which is same as the value in
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Figure 18 Distribution of average (top) and peak (bottom) QFe values in the sheaths of MC and non-MC
ICMEs.

slow solar wind reported by Lepri et al. (2001). Figure 18 shows the distribution of QFe in
the sheath regions for MC and non-MC events and for the combined set. It is clear that the
peak and average QFe in the sheath are enhanced with respect to the threshold values. The
enhancement is more prominent in sheaths of MCs than in non-MC sheaths.

In order to examine the charge-state enhancements in sheaths, we have listed the events
numbers that do and do not show charge-state enhancement in sheaths in Table 3. The first
three events in Table 1 do not have charge-state data, so the remaining 51 are used. First of
all we note that more than half of the events (27 out of 51 or 53 %) do not have any charge-
state enhancement in the sheaths. These events are noted as category i) events in Table 3.
Among the remaining 24 events, four (or 8 %) were marginal in that only one of QFe and
O7O6 showed enhancement in the sheath, also with just one or two data points above the
threshold values (categories ii) and iii)). Twelve events had charge-state enhancements in the
tail end of the sheaths. Comparison of the plasmag and charge-state signatures revealed that
these enhancements can be attributed to the ambiguity in identifying the starting boundary
of the ICME based on plasmag signatures. In fact, all these cases, the plasma beta coincided
with the onset of charge-state enhancement, although there are some short-term fluctuations
in the beta value. These events are noted as category iv) events in Table 3 and add up to 23 %
of the 51 events. The event shown in Figure 15 is a good example of this type of event. In
another six events (marked as category v) in Table 3), there was definitely preceding ICME
material into which the shock was propagating and hence the charge-state enhancement
can be attributed to the preceding ICME as in Figure 1. Only for two events, marked as
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Table 3 Charge-state enhancement in sheaths.

Charge State in Sheath Event Numbers (Table 1) Fraction Remark

i) No enhancement 4, 7, 8, 9, 10, 14, 15, 16,
17, 20, 25, 27, 29, 31, 38,
39, 40, 41, 42, 45, 47, 50,
51, 53, 56, 57, 59

27/51 or 53 %

ii) Marginal cases:
O7O6 – No, 〈QFe〉 – Yes

5, 54 2/51 or 4 % Only QFe enhancement

iii) Marginal cases:
O7O6 – Yes, 〈QFe〉 – No

30, 34 2/51 or 4 % Only O7O6 enhancement

iv) Enhancement before
plasmag starting
boundary

13, 19, 21, 23, 24, 26, 28,
32, 33, 35, 36, 44

12/51 or 23 % Charge-state signatures
precedes plasmag
signature in all cases

v) Enhancement due to
preceding ICME

18, 43, 46, 48, 49, 58 6/51 or 12 % Plasmag signatures
indicate preceding ICME

vi) Other enhancements 37, 52 2/51 or 4 % #52 – marginal
enhancement

category vi) events in Table 3, one can say there is charge-state enhancement in the sheath.
In the case of event #52 (15 February 2005), there were only two consecutive O7O6 data
points and a single QFe data point above the respective thresholds. Thus the enhancement
is marginal and could be due to fluctuation. In the case of event #37 (17 April 2002), there
were two intervals of charge-state enhancements, one close to the plasmag starting boundary
and the other in the middle of the sheath. The enhancement near the plasmag boundary is
similar to that in category iv) events. However, the enhancement in the middle is during the
interval of high beta. Thus, there is only one event among the 51 that can be said to have a
charge-state enhancement in the sheath. This event needs to be further investigated.

Since the sheath is not connected to the flare site, it is unlikely that the flare plasma
enters into the sheath region. Is it possible that the temperature jump across the shock is
high enough to enhance the charge state when the shock is very close to the Sun? Comparing
the events with no charge-state enhancement in Table 3 with their association with type II
bursts, we find that more than half of them (15 out of 27) have type II burst association.
This means the CMEs were driving strong shocks near the Sun, but there was no charge-
state enhancement in the sheath. Similarly, there are other events (#23, 44, and 48) that
have no type II burst near the Sun (weak shocks) yet they had charge-state enhancement.
These observations support our conclusion that the temperature jump at the shock may not
be related to charge-state enhancements observed in the interplanetary medium.

Direct comparison between shock formation observed in EUV images (Gopalswamy
et al., 2012) and the frequency of the associated metric type II burst suggests that the shock
formation can occur at a heliocentric distance as short as 1.2 Rs. The density jump across the
shock has been estimated to be only by a factor of ∼ 1.5. If the temperature of the upstream
quiet corona is ∼ 1.5 MK, the downstream temperature due to shock heating is expected to
be too low to cause the charge-state enhancement. Besides, the density in the shock down-
stream is also expected to be much smaller than in the flare site, which also works against
this possibility. However, it must be pointed out that numerical simulation results are not
conclusive and give conflicting charge-state charge state enhancements in sheaths with re-
spect to the driving CME and the core (see Lynch et al., 2011).
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4. Discussion

The primary finding of this paper is that the Fe and O charge-state measures found inside
ICMEs are closely related to the flares that accompany the CMEs. The high temperature
resulting from flare heating is responsible for the production of high charge states in the
flare plasma, which is injected into the CME flux rope and carried into the IP medium.
Charge-state enhancement events are excellent examples in which flares and CMEs act in
tandem to produce the observed charge state at 1 AU. Without CMEs, the ions cannot get
into the IP medium as the charge state data presented here and elsewhere and indicated by
models (see e.g., Rakowski, Laming, and Lepri, 2007). Two types of magnetic structure are
created during an eruptive process: an arcade anchored to the Sun and a flux rope ejected
into the heliosphere. This standard model of an eruption elucidated by many authors requires
the formation of the two structures, except in confined flares in which all the energy goes
into plasma heating and none goes into mass motion (Gopalswamy, Akiyama, and Yashiro,
2009). For example, temperatures exceeding 30 MK may be produced in confined flares, but
these flares are not accompanied by CMEs (Schmahl et al., 1990; Gopalswamy et al., 1995;
Gopalswamy, Akiyama, and Yashiro, 2009). We did not find any significant difference in the
flare and CME properties of eruptions associated with MC and non-MC ICMEs. Therefore,
there is no obvious reason to expect a difference in the topology of the CME structure in
the IP medium. The charge-state distributions indicate that the charge-state signatures are
more prominent in MCs than in non-MC ICMEs. The lower charge-state ratio observed in
non-MC CMEs can be attributed to the non-radial propagation of the associated CMEs near
the Sun, resulting in a less favorable observing geometry. The observing spacecraft does
not pass through the axis of the flux rope and thus encounters less of the flare plasma that
entered into the flux rope. Such a suggestion was made in Gopalswamy (2006a), which is
supported by the charge-state analysis presented in this paper.

Many studies have revealed that the high ionization states observed in the IP medium
are indicative of a hot source region at the Sun (Bame et al., 1979; Henke et al., 2001;
Lepri et al., 2001; Reinard et al., 2001; Reinard, 2005, 2008). Apart from the interior of the
Sun where thermonuclear reactions occur, one can find temperatures of several to tens of MK
only in solar flares. Our analysis finds that the temperature attained in the flaring region
ranges from a few MK to 25 MK for both MC and non-MC cases, thus identifying the hot
source region on the Sun. The connection between flares and CMEs is that the reconnection
produces a flux-rope structure (see e.g., Qiu et al., 2007) and the process also injects hot
plasma into the flux rope (Lin, Raymond, and van Ballegooijen, 2004). The propagation
characteristics of the flux rope into the IP medium and how the observing spacecraft passes
through the flux rope seem to decide the appearance of the flux rope as an MC or non-MC.

There is considerable observational support that both MCs and non-MCs have a flux-
rope structure and that the flux ropes associated with non-MCs propagate non-radially. The
observational support can be found in the accompanying papers that show that i) white-
light CMEs associated with both MCs and non-MC ICMEs can be fit to flux ropes near
the Sun (Xie et al., 2013), ii) propagation direction obtained from the flux-rope fit and the
CME direction parameter suggest that the CMEs associated with non-MC ICMEs seem
to propagate non-radially (Xie et al., 2013; Kim et al., 2013), iii) coronal-hole deflection
of CMEs is one of the major causes for the non-radial motion of CMEs, and iv) a flux
rope can be fit to even non-MC ICMEs either by slightly modifying the ICME boundaries
derived from plasmag signatures or using a torus-type flux rope instead of the conventional
cylindrical flux ropes (Marubashi et al., 2012). Thus, all evidence points to the conclusion
that almost all of the ICMEs reaching far into the IP medium seem to contain a flux-rope
structure.
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The results of this study do not support the idea that some ICMEs may be inherently non-
flux ropes, as suggested by Gosling (1990). When active regions slowly expand into the IP
medium, one does not expect flares or mass motions faster than the slow solar wind. In fact,
Uchida et al. (1992) ruled out that the active region loop expansion involves reconnection.
These authors also found that the speed of the expanding loops near the Sun is typically tens
of km s−1. We saw that almost all the ICME events (MC or non-MC) have charge-state en-
hancements and are associated with flares and fast CMEs. Thus we can rule out active region
expansion as a mechanism for non-MC ICMEs (Gosling, 1990). Whether active region ex-
pansion leads to any ICMEs is an open question. Antiochos, DeVore, and Klimchuk (1999)
speculated that CMEs associated with polar crown filaments may not be CMEs, but loop
expansions. However, even CMEs associated with polar crown filaments have post-eruption
arcades, similar to the EP events discussed in this paper. Thus we confirm that none of the
solar sources of the non-MC ICMEs are active region expansions.

Our study confirms the earlier suggestion by Reinard (2008) that the peripheries of
ICMEs may contain weaker charge-state signatures. In addition, we think the patchi-
ness of the charge-state enhancement within the ICME might contribute to the weaker
charge-state signals observed in non-MC ICMEs. The patchy reconnection at the flare
site might have contributed to such a situation inside ICMEs. When combined with the
fact that the observing spacecraft does not pass through the central axes in the case of
non-MC ICMEs, one might expect lower charge-state enhancement. The QFe enhance-
ment seems to be more robust that the O7O6 enhancement, probably due to the higher
ionization potential of O6+ ions (see also Henke et al., 2001). We find much larger frac-
tion of events with enhanced charge states than in earlier works (Henke et al., 2001;
Aguilar-Rodriguez, Blanco-Cano, and Gopalswamy, 2006) because we have selected events
originating from the solar disk center, which seems to be the preferred location for high
charge-state events (Reinard, 2008). We also find significant overlap between MC and non-
MC events in the charge-state vs. flare properties scatter plots.

In terms of the solar sources, there is one clear difference between the MC and non-
MC events: there are far more eruptive prominence and dimming events in the non-MC
population (7 vs. 1). It is not clear if this is significant because even in these EP events, there
are clear flare structures in the form of post-eruption arcades. The temperature attained in
these events are also high enough to produce the observed charge states, as illustrated using
a case study of the 22 September 1999 non-MC ICME and its solar source.

5. Summary and Conclusions

We investigated a set of 54 ICMEs whose solar sources were very close to the disk center
(within ±15◦ from the central meridian). The motivation behind this longitude criterion is
that CMEs originating from such locations are expected to reach Earth directly and produce
MC signatures. More than half of these ICMEs were non-MC events, thus questioning the
geometrical hypothesis. We compared the charge-state properties at 1 AU between the MC
and non-MC events and the corresponding flare and CME properties at the Sun. Our analyses
suggest that the MC and non-MC ICMEs had more or less the same eruption characteris-
tics at the Sun. Both types had significant enhancement in charge states. These observations
suggest that both MC and non-MC ICMEs are likely to have a flux-rope structure and the ob-
servational geometry may be responsible for the appearance of non-MC structures at 1 AU.
Specific conclusions of the paper are listed below.
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i) Both MC and non-MC ICMEs are associated with major solar flares, although there are
even A- and B-class flares involved in some cases. The median flare class for non-MC
events is slightly smaller than that of the MC events.

ii) The flare temperatures derived from GOES soft X-ray data are in the range 5 – 25 MK
for both MC and non-MC events. Even in the case of eruptive prominence events
in which the flare temperature could not be derived from GOES data, there is radio
evidence of flare temperature high enough to produce the observed charge states.

iii) The CME properties are similar between MC and non-MC events in terms of their
sky-plane speed, width, and acceleration. The CMEs are more energetic than ordinary
CMEs. The fraction of halo CMEs in the two populations is very high, exceeding 70 %.

iv) There is good correlation between Fe and O charge-state enhancements in ICMEs and
the flare properties such as soft X-ray peak flux and flare temperature. The correlation
with CME speed is moderate for Fe charge states, but poor for O charge states. CMEs
are not directly involved in the production of high charge states, so the observed corre-
lation simply reflects the correlation between CME kinetic energy and soft X-ray peak
flux known before (see, e.g., Yashiro and Gopalswamy, 2009).

v) There is significant difference in the boundaries derived from the solar wind plasma
and magnetic signatures and from the charge signatures: the charge-state signatures
systematically start before the starting ICME boundary. This may be responsible for the
enhanced charge states observed in many ICME sheaths. Charge-state enhancements
in shock sheaths are also found when the shock moves through a preceding ICME.
There is only one clear case in our sample in which true charge-state enhancement was
found in the sheath and needs further investigation.

vi) The durations of charge-state enhancement above the Fe and O thresholds is consid-
erably smaller than the ICME duration derived from the solar wind plasma and mag-
netic signatures. This suggests that the charge-state enhancement within the ICMEs is
patchy.

vii) Combined with the results of the accompanying papers, we find that CMEs associated
with non-MC ICMEs are prone to deflection by coronal holes resulting in non-radial
propagation, which might have contributed to the observation of non-MCs at 1 AU. The
patchiness of enhanced charge state in CMEs also lowers the probability of observing
the flux-rope structure at 1 AU.

viii) We conclude that the production mechanism for high charge states and the flux-rope
structure are the same for MC and non-MC ICMEs. However, the observing geometry
is different, resulting from propagation differences.

ix) We do not find any evidence for active region expansion resulting in ICMEs lacking a
flux-rope structure.
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Abstract Studying the evolution of magnetic clouds entrained in coronal mass ejections
using in-situ data is a difficult task, since only a limited number of observational points is
available at large heliocentric distances. Remote sensing observations can, however, pro-
vide important information for events close to the Sun. In this work we estimate the flux
rope orientation first in the close vicinity of the Sun (2 – 20 R⊙) using forward modeling of
STEREO/SECCHI and SOHO/LASCO coronagraph images of coronal mass ejections and
then in situ using Grad–Shafranov reconstruction of the magnetic cloud. Thus, we are able to
measure changes in the orientation of the erupted flux ropes as they propagate from the Sun
to 1 AU. We present both techniques and use them to study 15 magnetic clouds observed
during the minimum following Solar Cycle 23 and the rise of Solar Cycle 24. This is the
first multievent study to compare the three-dimensional parameters of CMEs from imaging
and in-situ reconstructions. The results of our analysis confirm earlier studies showing that
the flux ropes tend to deflect towards the solar equatorial plane. We also find evidence of
rotation on their travel from the Sun to 1 AU. In contrast to past studies, our method allows
one to deduce the evolution of the three-dimensional orientation of individual flux ropes
rather than on a statistical basis.
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1. Introduction

Coronal mass ejections (CMEs) are massive bursts of plasma and magnetic field from the
Sun into the interplanetary space. Interplanetary coronal mass ejections (ICMEs) are the he-
liospheric counterparts of the CMEs. ICMEs are one the main drivers of space weather (Tsu-
rutani et al., 1988; Huttunen, Koskinen, and Schwenn, 2002; Zhang et al., 2007). ICMEs
show a variety of signatures in in-situ observations at 1 AU. Some of them such as the en-
hancement of the magnetic field, smooth monotonic rotation of the magnetic field through
a large angle, low proton temperature and low plasma β indicate the existence of a flux
rope structure within the body of the ICME. ICMEs with embedded magnetic flux ropes are
called magnetic clouds (MCs). The list of signatures found in in-situ measurements of MCs
can be found in the paper of Zurbuchen and Richardson (2006). Approximately one-third of
all ICMEs observed at 1 AU show magnetic cloud signatures (Gosling, 1990), but there is
indirect evidence that all ICMEs might have central flux ropes. Krall (2007) concluded after
analyzing Solar Maximum Mission (SMM) coronagraph data that all CMEs in his sample
may share a similar hollow-flux-rope structure (see also Vourlidas et al., 2013, this volume).
As suggested by Jian et al. (2006), the absence of MC signatures in many ICMEs may be a
positional effect: their analysis showed that in about two-thirds of the cases the spacecraft
encounters the ICME so far from the center that the central flux rope is not identifiable. Since
the southward magnetic field has the strongest influence on the Earth’s magnetosphere, the
geoeffectivity of MCs depends on their orientation. The orientation of the MC in the low
solar corona and at 1 AU can differ greatly, so it is crucial to understand how the orienta-
tion of MCs changes on their journey from the Sun to 1 AU. This knowledge will help us
to better understand the processes affecting CME propagation in the heliosphere, improve
the solar and heliosphere magnetohydrodynamics simulation techniques and hence improve
space weather forecasting.

The orientation of MCs during their journey from the Sun to 1 AU can change signifi-
cantly. The change of the orientation can be decomposed into latitudinal deflection, longi-
tudinal deflection and rotation. The latitudinal deflection of CMEs in the low corona was
reported already by MacQueen, Hundhausen, and Conover (1986). According to their work,
CMEs tend to deflect towards the solar equatorial plane by about two degrees on average
while traveling from 2R⊙ to 4R⊙ during solar minimum. Plunkett et al. (2001) found that
the latitude distribution of CMEs in the outer corona near solar minimum is very differ-
ent from the distribution in the inner corona, suggesting that the propagation of CMEs in
the inner corona is controlled by the large-scale solar magnetic field which tends to push
the CME towards the equatorial streamer belt as it propagates outward. On the other hand,
CMEs show no average latitudinal deflection during solar maximum. Cremades, Bothmer,
and Tripathi (2006) has shown that the deviation of CMEs with respect to their source re-
gions is always equatorward near solar minimum, while deviations to higher latitudes are
also frequent during solar maximum. They also found a significant correlation of the de-
viation with the number of coronal holes, their area and their distance to the CME source
regions. Kilpua et al. (2009) pointed that the spatial dimensions of the erupting CME might
play a role in determining whether a CME will be deflected towards the equator, i.e. slower
CMEs with wide longitudinal extent could not penetrate through the background coronal
fields.

The evidence for longitudinal deflection is based on the statistics of the solar source
regions of geoeffective halo CMEs (i.e. CMEs that arrived at the Earth and produced ge-
omagnetic storms). It was found by Wang et al. (2002) that the East–West distribution of
the CME sources is asymmetrical – the number of geoeffective halo CMEs originating from
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the western hemisphere is larger by 57 % compared to the ones originating from the eastern
hemisphere. In the paper by Wang et al. (2011) the CME deflections were classified into
three types:

i) asymmetrical expansion of the CME,
ii) nonradial ejection and

iii) deflected propagation. Deflected propagation in the lower corona can be caused by the
interaction of the CME with other neighboring large-scale magnetic field structures such
as coronal holes.

MCs can also experience rotation on their journey to 1 AU. The possible reason for
MC rotation can be the interaction with neighboring magnetic field structures and the kink
instability (Török and Kliem, 2003). But CME rotation is not expected at large distances
when the ambient magnetic field is weak (Lynch et al., 2009). Sometimes MCs can suffer
rather rapid rotation, however. Vourlidas et al. (2011) reported an MC rotating at a rate of
60◦ per day in the low corona. Based on statistical evidence MCs seem to rotate towards the
heliospheric current sheet (HCS) so that the MC stays aligned with the local HCS as shown
by Yurchyshyn (2008) and Yurchyshyn, Abramenko, and Tripathi (2009).

It is difficult to study the evolution of MCs from the Sun to 1 AU, since there is only a
limited number of observing points for analysis of such a complicated and large structure.
The launch of the STEREO mission (Kaiser et al., 2008) made it possible to obtain stereo-
scopic coronagraph images of the Sun which gave rise to forward modeling (Thernisien,
Vourlidas, and Howard, 2009; Thernisien, 2011). Paired with in-situ measurements it allows
to obtain the geometrical parameters of MCs in different temporal and spatial stages of their
evolution. In this work we study the evolution of MCs registered during the minimum fol-
lowing Solar Cycle 23 and the rise of Solar Cycle 24. We use forward modeling technique to
study the properties of MCs close to the Sun (5 – 20 R⊙) and Grad–Shafranov reconstruction
at 1 AU.

Our paper is organized as follows: in Section 2 we will describe our method of estimating
the orientation of MCs using one example from our list of 15 events, in Section 3 we present
the results of our analysis and discuss them in Section 4.

2. Methodology Using an Example Event

A coronagraph is a telescope pointed at the Sun with an occulter blocking the solar disk
light. The solar disk is about 106 – 109 times brighter than the inner corona, thus the occulter
is necessary to observe the solar corona with sufficient contrast to reveal faint structures.
There are three coronagraphs on board the SOHO spacecraft with fields of view of 1.1 –
3 R⊙ (C1), 2.2 – 6 R⊙ (C2) and 3.5 – 30 R⊙ (C3), part of the LASCO (Large Angle and

Spectrometric Coronagraph) experiment (Brueckner et al., 1995). The STEREO spacecraft
are supplied with two coronagraphs each with fields of view of 1.5 – 4 R⊙ (COR1) and 2.5 –
15 R⊙ (COR2) and a heliospheric imager (HI) pointed towards the Sun–Earth line, part of
the SECCHI (Sun Earth Connection Coronal and Heliospheric Investigation: Howard et al.,
2008) package. In our study we tracked each CME from 2 to 20 – 40 R⊙ using LASCO C2
and C3 and SECCHI COR2 and HI telescopes. We required that each CME was captured
in-situ by at least one spacecraft (STEREO and/or Wind).

The method we developed in this paper to study the evolution of an MC is based on
the forward modeling of coronagraph data (Thernisien, Vourlidas, and Howard, 2009) and
Grad–Shafranov reconstruction of in-situ MCs (Hu and Sonnerup, 2002). We present this
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Figure 1 Scheme of an event suitable for our analysis.

Figure 2 Three-dimensional scheme of a magnetic cloud. r̂′′
FM is the global axis of the flux rope, n̂FR is

the local invariant axis of the flux rope at the point of intersection with the spacecraft, ρGSR is the impact
parameter.

method alongside an example event of the CME on 4 November 2010 and the associated
in-situ MC measured on 8 November 2010 by the STEREO-B spacecraft. The schematic
representation of this event is depicted on Figure 1.

We assume that the invariant axis of a MC lies in a single plane (Figure 2), so that when
the MC changes its orientation, the plane containing the invariant axis changes its orientation
accordingly. We will refer to it as the MC plane from now on. The orientation of the MC
can be characterised by the normal to the MC plane and the direction from the Sun to the
apex of the MC (Figure 2).

The multi-spacecraft forward modeling (FM) was introduced by Thernisien, Vourlidas,
and Howard (2009) and is implemented in the SolarSoft package. The technique is based on
the fitting of a three-dimensional hollow-croissant-shaped structure to stereoscopic corona-
graph images of a CME. It is preferable to use all three spacecraft observations for a fitting
procedure since at least one of them will observe the CME as halo or partial halo resulting in
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Figure 3 Example of forward modeling (lower panels) of the CME of 4 November 2010 (upper panels). The
gray-scale images from left to right are the coronagraph images obtained by STEREO-B/SECCHI COR2,
SOHO/LASCO C3 and STEREO-A/SECCHI COR2 telescopes.

faint coronagraph images. Figure 3 shows the FM fitting for the CME on 4 November 2010.
The separation between the STEREO spacecraft was about 166◦, so both STEREO space-
craft observed partial halo CME (backside partial halo CME for STEREO-A). LASCO, at
the same time, observed the CME on the Eastern part of the limb. The output of FM that
we are interested in are the direction of radial CME propagation (θFM, φFM) and its rotation
angle γFM. These outputs are given in the Stonyhurst coordinate system (Thompson, 2006).
The direction of CME propagation r̂FM and the normal to the MC plane n̂FM in the lower
corona are determined then as

r̂FM = cos θFM cosφFMêx + cos θFM sinφFMêy + sin θFMêz, (1)

n̂FM = rotate
(

[r̂FM × êy] × r̂FM, r̂FM, γFM

)

, (2)

where we defined vector rotation operator “rotate” as

rotate(v̂, â, γ ) = v̂ cosγ + (v̂ · â)(1 − cosγ )â + [â × v̂] sinγ, (3)

which rotates v̂ around â by angle γ counterclockwise.
After having determined the orientation of the CME close to the Sun we turn our atten-

tion to in-situ observations near 1 AU. The Grad–Shafranov reconstruction (GSR) (Hu and
Sonnerup, 2002) is used for the estimation of the local direction of the invariant axis of MC
and reconstruction of a slice of the MC. We use the modified version of GSR described in
Isavnin, Kilpua, and Koskinen (2011). The output we are interested in is the local direction
of the invariant axis of the flux rope (θGSR, φGSR)

n̂FR = cos θGSR cosφGSRêx + cos θGSR sinφGSRêy + sin θGSRêz, (4)
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Figure 4 Residual map (left) and magnetic field map (right) for the MC registered on 8 November 2010
by STEREO-B spacecraft. The projected RTN coordinate axes are RRTN (cyan), TRTN (magenta) and NRTN
(yellow).

and the impact parameter ρGSR. The impact parameter is the measure of the closest approach
of the spacecraft to the invariant axis of the flux rope, calculated either as the distance of
the closest approach (in astronomical units) or the distance of the closest approach divided
by the radius of the flux rope cross-section. Knowing the position of the spacecraft which
crossed the MC (θSC, φSC)

r̂SC = cos θSC cosφSCêx + cos θSC sinφSCêy + sin θSCêz (5)

and the impact parameter ρGSR we can estimate the vector pointing to the part of the of flux
rope closest to the spacecraft trajectory using the following equation:

r̂FR = rotate

(

r̂SC, n̂FR,2 arcsin
sign(n̂FR · êy)ρGSR

2

)

. (6)

The vector defined by Equation (6) lies in the MC plane. We can estimate the normal to the
MC plane at 1 AU as

n̂GSR = n̂FR × r̂FR. (7)

The MC associated with the CME in the example event was registered in situ by the
STEREO-B spacecraft on 8 November 2010. Figure 4 shows the residual map and the re-
constructed magnetic field map for this event. The residual map shows the process of the
search for the local direction of the invariant axis of the flux rope. It represents the hemi-
sphere of all possible orientations of the axis and the direction with the minimal residue is
the estimated invariant axis of the flux rope. The reconstructed magnetic field map is es-
sentially the cross-section of the flux rope in the vicinity of the spacecraft trajectory. Black
arrows show the magnetic field measured in situ and projected onto the plane perpendicular
to the invariant axis of the flux rope. Black contour lines denote the equipotential levels,
where the absolute values of the vector potential are considered. The white dot represents
the invariant axis of the flux rope. The thick white contour line shows the boundary of the
unperturbed part of the flux rope.

Wang et al. (2004) introduced the kinetic interpretation of the longitudinal deflection
of MCs which conforms with the statistics of observations of geoeffective MCs and their
sources (Wang et al., 2002). According to these authors the longitudinal deflection of MCs
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Figure 5 Interaction of a slow (left) and fast (right) CME with Parker-spiral-structured solar wind (adapted
from Wang et al., 2004).

is caused by the interaction of the MC with the Parker-spiral-structured solar wind (see
Figure 5). If an MC propagates slower than the background solar wind it is pushed by the
faster solar wind thus getting the westward component of the force. On the other hand, a fast
MC is blocked by the slower background solar wind thus getting the eastward component
of the force. Longitudinal deflection can be estimated using the following equation:

�φ = �

(

1

VMC
−

1

VSW

)

· 1 AU, (8)

where VMC is the average speed of the MC propagation, VSW is the average velocity of
the background solar wind and � ≈ 2.7 × 10−6 rad s−1 is the angular velocity of the Sun’s
rotation. The positive value of �φ represents westward deflection, while the negative value
of �φ shows eastward deflection of the MC. MCs which propagate with the velocity close
to the background solar wind velocity do not experience longitudinal deflection on average.
It should be noted that this is a rough estimate since the speed of the MC can change on its
journey from the Sun to 1 AU. Since we are studying only events registered near the solar
minimum, most of which are slow CMEs, the simplicity of Equation (8) should not affect
the results of the analysis significantly. For our example event the MC propagation velocity
at 1 AU is slightly lower than the background solar wind. So we estimate the westward
deflection using Equation (8) to be �φ = 1◦.

Longitudinal deflection is taken into account by rotating the initial MC direction r̂FM by
�φ around êz:

r̂′
FM = rotate(r̂FR, êz,�φ). (9)

Since r̂′
FM is directed along the global axis of the MC through its apex, the possible rotation

of the MC around its axis will not affect r̂′
FM. Then only latitudinal deflection can change

r̂′
FM:

r̂′′
FM = rotate

(

r̂′
FM, ê′

y,�θ
)

, (10)
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where ê′
y = êz × r̂′

FM and �θ is latitudinal deflection angle. The vectors r̂′′
FM and r̂FR both lie

in the MC plane (see Figure 2) and its normal at 1 AU can be estimated as

n̂′
FM = r̂FR × r̂′′

FM. (11)

Latitudinal deflection is determined as such an angle �θ for which n̂GSR · n̂′
FM = 1. The pos-

itive value of �θ represents North-to-South deflection and negative value shows South-to-
North rotation. For our example event we found the latitudinal deflection to be �θ = −17◦.
The MC deflected from the Southern to the Northern hemisphere, crossing the helioequato-
rial plane.

After estimating the �φ and �θ deflections, the rotation can be calculated using the
following equation:

�γ = arctan

(

r̂FR · ê′
z

r̂FR · ê′
y

)

− γFM, (12)

where ê′
z = r̂′′

FM × ê′
y . The positive value of �γ represents counterclockwise rotation, while

the negative value of �γ shows clockwise rotation of the MC around its global axis. Using
Equation (12) we estimate a rotation by �γ = 30◦ for our example event. It should be noted
that the FM fit contains no information about polarity or chirality of the flux rope. Thus,
the estimated initial rotation angle of the flux rope has an ambiguity of 180 degrees. This
implies that Equation (12) shows the change of the tilt angle of the MC plane, but not the
real direction or full amount of rotation.

3. Results

For the analysis we selected the MCs which were observed during the minimum following
the Solar Cycle 23 and the rise of the Solar Cycle 24, i.e. years 2008 – 2010. Such a choice
is based on several considerations, i.e. sufficiently large angular distance (at least 30 – 40
degrees) between the STEREO spacecraft which was launched in 2006 is required for the
FM technique results to be reliable (Thernisien, Vourlidas, and Howard, 2009). The separa-
tion between the STEREO and SOHO spacecraft grew from 26◦ to 87◦ during that period.
The minimum of solar activity is also characterised by a less dynamic structure of the helio-
spheric current sheet (HCS) and coronal holes which facilitate studies of interaction of an
MC with these structures.

Similar to other flux rope fitting techniques, GSR works best for small impact parameter
events (Isavnin, Kilpua, and Koskinen, 2011), so we conducted analysis only for MCs which
were crossed close to their invariant axis by the spacecraft at 1 AU. We have selected 15
events for our analysis, the results of analysis are summarized in Table 1.

The diagrams in Figure 6 visualize the estimated deflection and rotation experienced
by the analyzed MCs when they propagated from the Sun to 1 AU. Also, the last three
columns of Table 1 give the longitudinal and latitudinal deflection angles (calculated from
Equations (8) – (11)) and the rotation angle estimated from Equation (12) for each event. In
the left diagram of Figure 6 the x-components of the lines connecting the red squares and
green diamonds show the amount of longitudinal deflection, while the y-components of the
lines represent the amount of latitudinal deflection. In the right panel, the longer the angular
distance covered by a curve between the red squares and green diamonds the more the MC
has rotated during its interplanetary propagation.

As shown by Figure 6 and Table 1 for all studied events the longitudinal deflection was
small, less than 6 degrees. The latitudinal deflection was clearly larger than the longitudinal,
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Table 1 The results of the analysis of MC deflection for 15 events. The CME part of the table represents the results of FM analysis at 5 – 20 R⊙, the MC part of the table
represents the results of GSR analysis at 1 AU, the � orientation represents the estimated deflection angles. The columns from left to right are as follows: # – event number, date
– date of the CME event start, φFM , θFM – direction of the CME propagation, γFM – initial rotation angle of the CME, date – date of MC registration at 1 AU, SC – spacecraft
which observed the MC at 1 AU, φSC , θSC – coordinates of the spacecraft, φGSR, θGSR – direction of the invariant axis of the MC, ρGSR – impact parameter, �φ – longitudinal
deflection (positive for East-to-West), �θ – latitudinal deflection (positive for North-to-South), �γ – change of the rotation angle (positive for counterclockwise).

# CME MC � orientation

Date φFM θFM γFM Date SC φSC θSC φGSR θGSR ρGSR [AU] �φ �θ �γ

1 2008-06-02 −31.85 −2.23 −48.49 2008-06-06 STB −24.97 −3.77 −152.9 58.0 −0.0045 −0.58 −13.62 −14.20

2 2008-07-07 −22.39 −18.88 −2.20 2008-07-10 STB −27.20 0.10 88.3 −28.6 0.0195 −0.05 −14.65 −29.16

3 2008-08-31 3.10 −9.85 −1.64 2008-09-03 Wind 0.08 7.18 −107.4 12.9 0.0085 −0.77 −15.92 −14.00

4 2008-12-12 8.19 7.20 63.11 2008-12-17 Wind 0.08 −1.17 115.7 −15.8 −0.0279 −0.31 9.26 −80.26

5 2008-12-27 −38.37 16.37 13.74 2008-12-31 STB −45.20 3.40 24.5 −12.7 0.0264 1.66 16.62 −28.03

6 2009-09-27 −52.16 4.82 15.49 2009-10-02 STB −56.73 5.60 75.1 −42.7 −0.0031 −5.38 −1.92 −64.17

7 2010-01-15 −72.40 6.00 15.69 2010-01-20 STB −69.07 3.90 −180.0 −25.8 −0.0045 −0.15 3.54 10.54

8 2010-02-01 64.54 −17.59 24.64 2010-02-05 STA 64.10 −6.20 −51.9 −31.2 −0.0163 −0.16 −14.76 10.31

9 2010-04-03 4.60 −23.66 7.93 2010-04-05 Wind −0.24 −6.30 140.6 −3.4 0.0144 −3.93 −16.59 −21.31

10 2010-05-23 12.25 6.23 54.98 2010-05-28 Wind 0.03 −1.02 67.6 −60.1 0.0007 4.05 34.75 67.43

11 2010-05-27 72.92 −11.73 62.35 2010-05-31 STA 71.70 6.50 132.7 0.1 0.0165 −2.28 −17.46 −65.27

12 2010-06-13 97.22 20.04 −17.36 2010-06-16 STA 73.68 7.30 −3.4 15.2 −0.0078 −0.25 18.85 1.66

13 2010-11-04 −76.07 −6.56 11.06 2010-11-08 STB −82.20 6.40 −139.0 −35.3 0.0341 1.11 −16.84 29.69

14 2010-12-12 48.40 −16.87 6.02 2010-12-15 STA 85.20 −7.30 10.1 10.9 −0.0158 2.00 −17.86 −21.52

15 2010-12-12 −87.88 −10.46 −11.40 2010-12-17 STB −87.30 7.30 −166.0 0.2 0.0158 2.78 −2.02 −9.85
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Figure 6 Diagrams of deflection (left) and rotation (right) of the studied MCs. Red squares denote the
direction of MC propagation (left) and the direction of the normal to the MC plane (right) close to the Sun,
i.e. in the initial position. Green diamonds denote the direction of MC propagation (left) and the direction of
the normal to the MC plane (right) at 1 AU, i.e. in the final position.

exceeding 10◦ for the majority of events with the largest deflection of 35◦ (event #10).
According to our study 14 out of 15 analyzed MCs deflected towards the helioequatorial
plane, often crossing it. The only exception is event #6 for which the deflection by 2◦ away
from helioequatorial plane was found. This event is also the one with the smallest amount
of latitudinal deflection among the 15 events we studied.

The amount of rotation of the studied MCs ranged from events that experienced practi-
cally no rotation (event #12) to events that rotated as much as 80 degrees (event #4). The
average absolute value of rotation angle for our data set was 31 degrees.

From Figure 6 (left) it can be seen that the directions of propagation of 14 out of 15 MCs
deflected to or stayed in the latitude range of θStonyhurst = [−12◦,12◦] after their travel from
the Sun to 1 AU. Thus, MCs seem to align the direction of their expansion with the solar
equatorial plane.

4. Discussion

We have presented the first detailed study of the three-dimensional evolution of the orienta-
tion of MCs from the Sun to 1 AU. The analysis makes use of coronagraph images of CMEs
and in-situ observations of erupted flux ropes and is capable of more precise identification
of the three-dimensional orientation of individual flux ropes and their evolution than was
possible in the past. This method utilizes the FM and GSR techniques for estimation of the
flux rope orientation close to the Sun and at 1 AU, respectively. The approach is constrained
by certain limitations on the quality of the studied events. The flux rope structure within the
CME associated with the analyzed MC has to be clear enough to be easily distinguishable
in the coronagraph images. The separation between the STEREO spacecraft has to be large
enough (at least 30 – 40 degrees) to get three-dimensional representation of the CME and
hence a better FM fit. The impact parameter of the MC observed at 1 AU has to be small to
estimate the orientation of MC at 1 AU more precisely using GSR technique, which works
better for small impact parameters.
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Based on these considerations we have selected 15 clear events during the years 2008 –
2010 and used our method to study their three-dimensional evolution from the Sun to 1 AU.
The events were observed during the minimum following Solar Cycle 23 and the rise of
Solar Cycle 24. Our analysis shows that MCs tend to deflect towards the solar equatorial
plane on their journey from the Sun to 1 AU. This result is in agreement with previous
statistical studies by MacQueen, Hundhausen, and Conover (1986), Plunkett et al. (2001)
and Cremades, Bothmer, and Tripathi (2006), though in our work we were able to calculate
the evolution of MCs’ orientation directly from the multi-spacecraft observations. In this
study we have not considered the source regions of CMEs but we started tracking MCs from
2 R⊙, hence we showed that the latitudinal deflection of MC can happen not only in the
lower corona, but the orientation of MC continues to evolve all the way to 1 AU. A possible
reason for the latitudinal deflection may be the kinematic interaction between CMEs and
fast solar wind.

The studied events showed very little longitudinal deflection. As discussed in the Intro-
duction, Wang et al. (2002) observed an obvious East–West asymmetry in the source region
distribution of geoeffective halo CMEs. While the sample of Wang et al. (2002) covers the
rising phase of solar activity and solar maximum, our study period coincides with relatively
low solar activity conditions, and thus most of our CMEs were slow and embedded into
solar wind of the speed close to the CME speed, i.e. were not pushed by fast solar wind or
blocked by slow solar wind. Thus, it is possible that our data set represents events that were
not much influenced by the ambient solar wind flow. We also expect that forward modeling
based on the coronagraph data gives a more reliable estimate of the CME propagation direc-
tion than the analysis of their source regions based on the solar disk observation. Our results
are also consistent with the analysis by Rodriguez et al. (2011) who found that the predic-
tions of ICME detections based on the forward modeling of STEREO/COR2 data matched
well with the actual in-situ observations. Our results thus imply that at least near solar min-
imum the CME propagation direction in longitude can be predicted accurately based on the
coronagraph data and this direction does not change significantly from a few tens of solar
radii from the Sun to 1 AU. It should be noted that although Equation (8) is a rough esti-
mate of the longitudinal deflection, it does not affect the accuracy of the presented technique
dramatically. For instance, introducing an error δ�φ = 10◦ to the longitudinal deflection es-
timate leads to the average error δ�θ = 3◦ of latitudinal deflection estimate and δ�γ = 0.1◦

of rotation angle estimate for the studied MCs.
The rotation of the studied MCs could be caused by the disconnection of one of the flux

rope footpoints early in the eruption (Vourlidas et al., 2011; Nieves-Chinchilla et al., 2012),
interaction with large-scale magnetic structures in the solar wind and HCS (Yurchyshyn,
2008). Analysis of these possibilities in relation to each event will be the subject of our
upcoming research.
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Abstract We report on the coronal hole (CH) influence on the 54 magnetic cloud (MC) and
non-MC associated coronal mass ejections (CMEs) selected for studies during the Coordi-
nated Data Analysis Workshops (CDAWs) focusing on the question if all CMEs are flux
ropes. All selected CMEs originated from source regions located between longitudes 15E –
15W. Xie, Gopalswamy, and St. Cyr (2013, Solar Phys., doi:10.1007/s11207-012-0209-0)
found that these MC and non-MC associated CMEs are on average deflected towards and
away from the Sun–Earth line, respectively. We used a CH influence parameter (CHIP) that
depends on the CH area, average magnetic field strength, and distance from the CME source
region to describe the influence of all on-disk CHs on the erupting CME. We found that for
CHIP values larger than 2.6 G the MC and non-MC events separate into two distinct groups
where MCs (non-MCs) are deflected towards (away) from the disk center. Division into two
groups was also observed when the distance to the nearest CH was less than 3.2 × 105 km.
At CHIP values less than 2.6 G or at distances of the nearest CH larger than 3.2 × 105 km
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the deflection distributions of the MC and non-MCs started to overlap, indicating diminish-
ing CH influence. These results give support to the idea that all CMEs are flux ropes, but
those observed to be non-MCs at 1 AU could be deflected away from the Sun–Earth line by
nearby CHs, making their flux rope structure unobservable at 1 AU.

Keywords Sun · Coronal holes · Coronal mass ejections · Magnetic clouds · Ejecta

1. Introduction

Coronal mass ejections (CMEs) are magnetized plasma structures that are expelled from
the solar corona into interplanetary space. If the CME is launched near the center of the
visible solar disk, the CME will hit Earth within few days, possibly causing a severe ge-
omagnetic storm. When the interplanetary counterpart of the CME near the Sun, known
as interplanetary CME (ICME), arrives at Earth, an observer near Earth can measure the
plasma and magnetic field properties of the passing ICME (see e.g., Burlaga et al., 1981;
Gopalswamy, 2006; Zurbuchen and Richardson, 2006; Richardson and Cane, 2010). There-
fore if we assume that all CMEs are flux ropes, ICMEs associated with near-disk-center
CMEs should show at 1 AU magnetic signatures of flux rope structure, i.e. smooth rota-
tion of magnetic field. These structures with smoothly rotating magnetic fields are known as
magnetic clouds (MCs) (see e.g., Burlaga et al., 1981; Klein and Burlaga, 1982). However,
observations show that some ICMEs originating from the disk-center sources do not have
a flux rope structure (see e.g., Gopalswamy, 2006) and a few even appear to have no ejecta
at all (Gopalswamy et al., 2009). A possible solution for this is that the flux rope struc-
ture of the ICME exists but cannot be identified from the in situ measurements, because
the identification of the flux rope signatures becomes more difficult as the spacecraft dis-
tance from the flux rope center axis increases (see e.g., Gopalswamy, 2006; Jian et al., 2006;
Kilpua et al., 2011). It is known that the propagation of CMEs is not always radial, indi-
cating that the CME propagation direction must be affected by surrounding coronal struc-
tures. The assumption here is that the dominant CME deflection occurs near the Sun, and
not later during the ICME propagation in interplanetary space. Wang et al. (2004) have
suggested that ICMEs traveling faster than the solar wind speed are deflected to the west
and those traveling slower to the east. We do not consider this possible ICME deflection
because the solar wind is not fully formed in the height range we are interested in. Al-
ready the early white-light observations during the Skylab and Solar Maximum Mission

(SMM) missions revealed that CMEs are deflected towards lower latitudes (Hildner, 1977;
MacQueen, Hundhausen, and Conover, 1986). More recently it has been shown that CME–
CME collision (Gopalswamy et al., 2001) and CME interaction with coronal holes (CHs)
(Gopalswamy et al., 2004, 2005) can significantly change the trajectory of the CME. Fur-
thermore, Gopalswamy et al. (2009) suggested that CME–CH interaction could explain
why no ejecta is observed at 1 AU behind traveling interplanetary shocks that were asso-
ciated with CMEs launched near the solar disk center, and hence expected to hit Earth. They
proposed that combined effects of nearby coronal holes deflect the CME away from the
Sun–Earth line, causing the driver behind the shock to miss Earth and the observing space-
craft, resulting in apparently driverless shocks at 1 AU (see also e.g., Gopalswamy, 2006;
Jian et al., 2006; Riley et al., 2006). The CH influence on CMEs was modeled using an
ad hoc force depending on the area, average magnetic field strength, and distance of CHs
(Cremades, Bothmer, and Tripathi, 2006). Mohamed et al. (2012) performed a statistical
study that included all disk-center CMEs observed by the Large Angle and Spectrometric
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Coronagraph (LASCO) (Brueckner et al., 1995) on the Solar and Heliospheric Observatory

(SOHO) during Solar Cycle 23. They found some evidence supporting the CH influence on
the CME propagation. In both studies the measurement position angle (MPA), i.e. the direc-
tion of fastest CME propagation in the sky plane, was used as a proxy of the propagation
direction of the CMEs and compared with the position angle (FPA) of the calculated direc-
tion of the total CH influence F (see Equation (1) in Section 2.2).

It this report we study a set of CME–ICME pairs that were especially selected for the two
Living With the Star (LWS) Coordinated Data Analysis Workshops (CDAWs) addressing the
question if all CMEs are flux ropes or not. The workshops were held in San Diego, USA, in
2010 and in Alcalá de Henares, Spain, in 2011. We investigate in detail if the geometrical
explanation for driverless shocks by Gopalswamy et al. (2009) could also explain why all
the selected CDAW ICMEs do not have a flux rope structure at 1 AU even though they
originate near the disk center. The idea is that the flux rope structure is not observed because
the CME is deflected away from the Sun–Earth line so that the spacecraft at 1 AU crosses the
flank of the corresponding ICME (see Gopalswamy, 2006). We compare the CH influence
parameter obtained by Gopalswamy et al. (2009) and Mohamed et al. (2012) with the flux
rope fitting results by Xie, Gopalswamy, and St. Cyr (2013). Xie, Gopalswamy, and St. Cyr
(2013) found that on average the MC associated CMEs are deflected towards and the non-
MC associated CMEs away from the Sun–Earth line.

We expect that the CME direction obtained from the flux rope fitting to give a better
understanding of the CME propagation direction than the MPA used in the previous studies.
The flux rope fitting uses a three-dimensional model for CMEs and, therefore, results should
provide a more realistic estimate of the CME trajectory. Because the MPA is the sky-plane
direction of the CME, it cannot describe the three-dimensional deflection of CMEs accu-
rately, and that can in some cases create problems when the MPA values are compared with
the predictions of the CH influence model. For example if a southern polar CH pushes the
CME from the southern hemisphere source towards north, but the CME propagation direc-
tion still remains in southern hemisphere, the observed MPA value of the CME will be close
to 180°, erroneously indicating a southward deflection of the CME.

2. Data Analysis

2.1. Coronal Mass Ejections

The final data set used in this study consists of 54 CME–ICME pairs of which 23 were
labeled as MCs based on the list by R. Lepping (http://wind.gsfc.nasa.gov/mfi/mag_cloud_

pub1.html). The rest of the events were identified as non-MC events (ejecta). The events
were originally selected from a list of CME-driven shocks by Gopalswamy et al. (2010b).
Selected events were limited to the CMEs that had their solar source location in the longitude
range 15E – 15W without any limits in the source latitude. The estimated deflection of the
CME is based on the analysis by Xie, Gopalswamy, and St. Cyr (2013). They obtained the
CME propagation directions by fitting a flux rope model (Krall and St. Cyr, 2006) to the
white-light images taken by the LASCO experiment on the SOHO.

2.2. Coronal Holes

Coronal holes obtained their name because in the EUV and X-ray images of the solar corona
they appear as areas darker than the surrounding corona. However, in images taken at other
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wavelengths, e.g. in images taken using the He I 10830 Å line or microwaves (Zirker, 1977;
Gopalswamy et al., 1999), CHs are brighter than the surrounding solar disk. In the pho-
tospheric magnetograms these dark CHs are observed to correspond regions of unipolar
magnetic field. It is believed that CHs are filled with open magnetic field lines that extend
out into interplanetary space.

In the identification of CH regions and their boundaries we used both EUV images by
the Extreme Ultraviolet Imaging Telescope (EIT) (Delaboudinière et al., 1995) and pho-
tospheric magnetograms by the Michelson Doppler Imager (MDI) (Scherrer et al., 1995),
both instruments on the SOHO spacecraft. First we searched for dark regions in the full-
disk EUV 284 Å images and selected for further analysis areas where the EUV intensity
was below half of the median EUV intensity of the full solar disk. Filament channels and
other interfering dark areas were excluded. Then we looked at the corresponding region in
the photospheric magnetogram and defined the CH boundaries to be the boundaries of the
major polarity region within the selected region. Further details of the CH identification can
be found in Gopalswamy et al. (2009) and Mohamed et al. (2012).

In the analysis the influence of the CH is described as a force (f ) deflecting the CME
away from the CH (see Equation (1)). The direction of this force is assumed to be from
the centroid of the CH towards the source region of the CME. The magnitude of the force
equals the average magnetic field strength (〈B〉) within the CH multiplied by the area (A)
of the CH and divided by the square of the distance (d) between the CH centroid and the
CME source region. Both the average magnetic field 〈B〉 and area A of the CH are the line-
of-sight corrected values (see Gopalswamy et al., 2009; Mohamed et al., 2012). The total
force (F ) of all CHs on the visible disk is calculated as a vector sum of all CH forces and
the magnitude of F is called coronal hole influence parameter (CHIP).

F =
∑

CHs

f =
〈B〉A

d2
ê, (1)

where ê is a unit vector pointing from the CH centroid to the CME source region. The
corresponding position angle of the F direction is called FPA. The unit of the force is Gauss.
One should note that this model includes only the possible CH influence. If there are any
other mechanisms that deflect CMEs, the model cannot describe their effects or separate the
possible CH contribution to the total CME deflection.

2.3. Data Table

We have collected all data used in our analysis into Table 1. The first column of Table 1 lists
the CDAW event number, the seven next columns give the information regarding the CME
(column 2: date in yyyy/mm/dd format; column 3: time as hh:mm in UT; column 4: source
location in heliographic coordinates; column 5: angular distance of the source from the disk
center in degrees; column 6: type of the associated ICME; column 7: sky-plane speed in
km s−1; column 8: MPA in degrees). Next two columns list the FPA (column 9) and CHIP
(column 10) calculated using our CH influence model. Last two columns are results from
the flux rope fitting to the LASCO white-light images of the CME (column 11: propagation
direction in heliographic coordinates; column 12: angular distance of the propagation direc-
tion from the disk center in degrees). We recalculated the CHIP for the 7 July 2000 (N17)
CME because we changed the location of the source region to N04E00. The new CHIP value
is 0.3 G. We corrected the errors in the calculation of the CHIP values given in Mohamed
et al. (2012) for four events: N08 (CHIP = 1.1 G), N24 (CHIP = 6.0 G), N28 (CHIP =

12.0 G), and N32 (CHIP = 5.7 G).
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Table 1 List of the CDAW events and their CH influence and best-fit flux rope parameters.

N CME CHIPa Flux Rope Fittingb

Date Time
[UT]

Source θSource
[deg]

Type Speed
km s−1

MPA
[deg]

FPA
[deg]

F
[G]

Direction θFit
[deg]

01 1997/01/06 15:10 S18E06 15.5 MC 136 180 25 0.8 S18W01 14.3

02 1997/05/12 05:30 N21W08 25.2 MC 464 264 352 0.2 N01W02 4.4

03 1997/12/06 10:27 N45W10c 46.0 EJ 397 296 315 0.5 N15W30 33.2

04 1998/05/01 23:40 S18W05 14.8 EJ 585 126 189 0.2 S16E14 18.3

05 1998/05/02 14:06 S15W15 18.5 EJ 938 331 298 0.2 N08W05 13.0

07 1998/11/04 07:54 N17W01 13.0 EJ 523 349 324 0.1 N25W01 21.0

08 1998/11/09 18:18 N15W05 12.6 EJ 325 338 320d 1.1d N15W05 12.6

09 1999/04/13 03:30 N16E00 21.8 MC 291 194 301 1.9 S02W06 7.1

10 1999/06/24 13:31 N29W13 29.7 EJ 975 335 332 0.8 N25W15 27.2

13 1999/09/20 06:06 S20W05 27.5 EJ 604 14 48 37.0 S20W05 27.5

14 1999/10/18 00:06 S30E15 38.3 EJ 144 184 58 9.8 S30E15 38.3

15 2000/01/18 17:54 S19E11 17.8 EJ 739 45 29 2.5 S10E29 29.4

16 2000/02/17 21:30 S29E07 23.1 MC 728 184 336 0.3 S12W02 5.5

17 2000/07/07 10:26 N04E00 0.4 EJ 453 193 19d 0.3d S17W05 21.2

18 2000/07/08 23:50 N18W12 18.5 EJ 483 339 279 1.7 N18W06 15.4

19 2000/07/14 10:54 N22W07 19.0 MC 1674 273 201 5.4 N18W14 19.5

20 2000/07/23 05:30 S13W05 18.8 EJ 631 166 268 1.4 S13E04 18.5

21 2000/07/25 03:30 N06W08 8.0 MC 528 168 291 8.2 S15E04 20.6

23 2000/08/09 16:30 N20E12 18.1 MC 702 12 159 1.0 N17E05 11.7

24 2000/09/16 05:18 N14W07 9.8 MC 1215 3 323d 6.0d N08W07 7.0
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Table 1 (Continued.)

N CME CHIPa Flux Rope Fittingb

Date Time
[UT]

Source θSource
[deg]

Type Speed
km s−1

MPA
[deg]

FPA
[deg]

F
[G]

Direction θFit
[deg]

25 2000/10/02 03:50 S09E07 17.1 EJ 525 107 61 10.0 S19E08 26.8

26 2000/10/09 23:50 N01W14 14.9 MC 798 318 195 1.1 N20W14 19.6

27 2000/11/03 18:26 N02W02 2.9 MC 291 57 178 0.8 N02E05 5.4

28 2000/11/24 05:30 N20W05 19.0 EJ 1289 313 110d 12.0d N30W18 33.1

29 2001/02/28 14:50 S17W05 11.0 EJ 313 263 342 1.9 S05W15 15.2

30 2001/03/19 05:26 S20W00 12.9 EJ 389 184 300 0.7 N05W10 15.6

31 2001/04/09 15:54 S21W04 15.5 EJ 1192 211 336 2.6 S12E01 6.1

32 2001/04/10 05:30 S23W09 19.2 MC 2411 166 336d 5.7d S23W05 17.7

33 2001/04/26 12:30 N20W05 25.1 MC 1006 37 62 0.5 N20W03 24.8

34 2001/08/09 10:30 N11W14 14.7 EJ 479 255 270 1.2 N02W18 18.5

35 2001/10/09 11:30 S28E08 35.1 EJ 973 184 316 1.5 S28E01 34.3

36 2002/03/15 23:06 S08W03 3.1 MC 957 309 240 0.9 N15W01 22.2

37 2002/04/15 03:50 S15W01 9.5 MC 720 198 335 1.1 S01W05 6.8

38 2002/05/08 13:50 S12W07 11.1 EJ 614 229 323 2.3 S09W09 10.6

39 2002/05/16 00:50 S23E15 25.2 MC 600 158 360 1.3 S23E05 21.0

40 2002/05/17 01:27 S20E14 22.3 EJ 461 145 50 0.6e S28E20 32.0

41 2002/05/27 13:27 N22E15 27.4 EJ 1106 35 165 4.6 N32E20 38.2

42 2002/07/15 21:30 N19W01 14.6 EJ 1300 45 355 4.4 N29E15 28.6

43 2002/07/29 12:07 S10W10 18.4 MC 222 161 203 4.4 S02W10 12.5

44 2003/08/14 20:06 S10E02 16.7 MC 378 25 93 1.3 N12E10 11.3

45 2003/10/28 11:30 S16E08 22.2 MC 2495 15 160 1.1 S16E20 28.5
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Table 1 (Continued.)

N CME CHIPa Flux Rope Fittingb

Date Time
[UT]

Source θSource
[deg]

Type Speed
km s−1

MPA
[deg]

FPA
[deg]

F
[G]

Direction θFit
[deg]

46 2003/10/29 20:54 S15W02 19.7 MC 2029 190 255 4.6 S15E05 20.2

47 2004/01/20 00:06 S13W09 12.0 EJ 965 224 87 1.8 S25W10 22.3

48 2004/07/22 08:30 N04E10 10.1 MC 899 210 193 1.6 N06E05 5.1

49 2004/11/06 02:06 N09E05 7.2 MC 1111 21 94 2.5 N07W00 3.2

50 2004/12/08 20:26 N05W03 6.0 EJ 611 301 233 1.2 S05W06 7.7

51 2005/01/15 06:30 N16E04 21.0 EJ 2049 359 113 0.6 N25W01 29.6

52 2005/02/13 11:06 S11E09 9.9 EJ 584 129 218 5.8 S21E19 23.6

53 2005/05/13 17:12 N12E11 18.4 MC 1689 2 42 0.7 N05E11 13.5

54 2005/05/17 03:26 S15W00 12.6 MC 449 54 334 2.0 N08E05 11.5

56 2005/07/07 17:06 N09E03 6.2 EJ 683 39 154 1.7 N12E26 27.2

57 2005/08/31 11:30 N13W13 14.2 EJ 825 287 191 3.4 N08W25 25.0

58 2005/09/13 20:00 S09E10 19.0 EJ 1866 149 100 1.3 S29E21 41.1

59 2006/08/16 16:30 S16W08 24.0 EJ 888 161 182 0.4 S28W01 34.7

aData from Gopalswamy et al. (2009) and Mohamed et al. (2012).

bData from Xie, Gopalswamy, and St. Cyr (2013).
cXie, Gopalswamy, and St. Cyr (2013) assumed the source location to be N25W40.

dData value recalculated.
eTypo in Mohamed et al. (2012) corrected.
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3. Results

3.1. CME Deflection by Coronal Holes

In order to characterize the CME deflection from the radial propagation we calculated the an-
gular distances from the Sun–Earth line, i.e. from the disk center, for the CME source region
(θSource) and the flux rope propagation direction (θFit). The CME source regions and flux rope
propagation directions were taken from Table 1 by Xie, Gopalswamy, and St. Cyr (2013).
Xie, Gopalswamy, and St. Cyr (2013) used white-light images by the SOHO/LASCO coron-
agraph to forward model the flux rope orientation and propagation near the Sun. In Figure 1
we have plotted the estimated CME deflection θFit − θSource vs. the CHIP (Figure 1a) and
the nearest CH distance (Figure 1b). The negative values of θFit − θSource indicate deflection
towards the Sun–Earth line, i.e. it is more likely that an observer at 1 AU should detect an
MC structure, assuming that all CMEs are flux ropes. The red circles (blues crosses) mark
MC (non-MC) events, respectively.

The CHIP values plotted in Figure 1 are from Tables 2 and 3 in the paper by Mohamed
et al. (2012) that includes data from Gopalswamy et al. (2009). Some data values were re-
calculated as mentioned in Section 2.3. The nearest CH distances are extracted from the data
used in the calculations of CHIP values. In the plots and our discussions we have excluded
the event N13 on 20 September 1999 because it is a very faint halo CME with an excep-
tionally large CHIP value due to a large CH at SW from the source region at S20W05. As
discussed by Mohamed et al. (2012) this large CH should push the CME towards the NE
direction. The measurement position angle (MPA) for this event is 14°, indicating that the
fastest part of the CME travels approximately to the NE direction as expected. However, the
result from the flux rope fitting for this event shows no deflection at all, i.e. the CME should
appear to propagate radially towards south. We think that the faintness of the CME makes
this event very difficult to accurately fit with a flux rope model, therefore we have excluded
it from our analysis.

The general conclusion from Figure 1 is that the majority of MCs (red circles) lie below
the dotted horizontal line marking the zero deflection. This indicates that MCs are favorably
deflected towards the Sun–Earth line as discussed in the paper by Xie, Gopalswamy, and
St. Cyr (2013). Only seven out of 23 (30 %) MC events appear to have been deflected
further away from the Sun–Earth line, and only two out of the seven events (events N21
and N36) are deflected more than 10° away from the Sun–Earth direction. Similarly most
of the non-MC events (blue crosses) lie above the zero level, i.e. they are deflected away
from the disk center. Only eight non-MC events out of 30 (27 %) are deflected towards
the disk center. The non-MC events N03 and N31 are the two extreme events out of the
eight events with a towards-disk-center deflection. There are two non-MC events with no
deflection.

When considering the CH influence and how well our model of that can explain the
estimated CME deflection we notice in Figure 1a that the range of CHIP values can be
divided roughly into two regions. Events with CHIP larger than 2.6 G show clear separation
of MC and non-MC deflection. The MC events are deflected towards the Sun–Earth line
and non-MC event away, with two exceptions: the non-MC event N14 with CHIP = 9.8 G
and no observed CME deflection and the MC event N21 with CHIP = 8.2 and deflection
away from the Sun–Earth line. We will discuss these two events below in detail. In the CHIP
value region less than 2.6 G the deflection distributions of the MC and non-MC events are
overlapping. Most of the events are concentrated between −10◦ < θFit − θSource < 10◦. But
still in the region of lower CHIP values the majority of MC events (13 out of 17 or 76 %) are
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Figure 1 Deflection of the CME direction relative to the Sun–Earth line based on the flux rope fitting by
Xie, Gopalswamy, and St. Cyr (2013) as a function of (a) the CHIP (b) the distance of the nearest CH. θSource
and θFit are angular distance of the source location and the CME propagation direction from flux rope fitting
relative to the disk center, respectively. Blue crosses (red circles) mark MC (non-MC) events. Dashed lines in
Figures (a) and (b) mark the CHIP value of 2.6 G and the distance of 3.2 × 105 km, respectively. The event
number is plotted next to few selected data points. These events are discussed in more detail in the text.

deflected towards disk center and that of non-MC events (14 out of 23 or 61 %) are deflected
away from the disk center. The three more extreme cases are MC events N02 and N16 that
show larger deflection even though both events have the low CHIP value, and the event N09
with a moderate CHIP value of 1.9 G. We discuss also these events later in this section.

In Figure 1b we have plotted the nearest CH distance vs. the CME deflection. Also the
range of the nearest CH distances can be divided into two regions with differing CME de-
flection distributions. Again the events N21 and N36 form an exception discussed later. If
the distance to the nearest CH is less than 3.2 × 105 km the groups of the MC and non-MC
events are clearly separated. This distance corresponds to approximately a quarter of the so-
lar radius. When the CH distance increases the deflection distributions start to overlap. We
did not find a similar clear division for the area times the average magnetic field strength of
CHs. Clearly the distance of the nearest CH is a significant factor for the CH influence.

Figure 1 also shows that the magnitude of CME deflection for MC events is confined
between −7◦ ≤ θ ≤ 7◦, only five MC events (event number plotted next to the data point
in Figure 1) show larger values of CME deflection. On the other hand, non-MC events have
CME deflection values that are scattered into a wider range between −6◦ ≤ θ ≤ 23◦. In
the region where CHIP value are larger than 2.6 G the non-MC events have CME deflection
values near and above 10°, which supports the idea that CHs influence the CME propagation.
The CME deflection values for the MC events do not show similar shift at large CHIP values.
On the other hand the number of MC events in this region is low, so this could be by chance.
It is also possible that it is an intrinsic characteristic of the CME population associated with
MCs to be less deflected than those associated with the non-MCs.

3.2. 18 October 1999 Non-MC Event

The CME (N14) in question is a faint and slow partial halo on 18 October 1999 at 00:06
UT with MPA = 184° at S30E15. Another narrow and slow CME with MPA = 40° occurs



68 P. Mäkelä et al.

Figure 2 EUV images showing the coronal holes for the 6 December 1997 (left), 18 October 1999 (middle),
and 9 April 2001 (right) non-MC events discussed in the text. Blue arrow marks the MPA of the CME, red
arrow the direction of the CH influence and �� is the angle between them. Figures from Mohamed (2011).

at the same time as the partial-halo CME. The conclusion that these events are two separate
CMEs is based on a slight difference in speeds of the emerging loop structures towards the
NE and S directions, but the sequence of events is complex and open to interpretations. This
event is difficult to fit with a flux rope model accurately. The locations of the selected CHs
are shown in Figure 2, middle. Therefore we consider the CME deflection in this event to be
uncertain.

3.3. 6 December 1997 Non-MC Event

The CME (N03) on 6 December 1997 at 10:27 UT has the largest deflection towards the disk
center of all non-MC events, but the estimated CHIP value is only 0.5 G. On the other hand
the CME source region is farthest away from the Sun–Earth line of all events. The estimation
of the source location for this event is somewhat complicated. The first indication of the
possible CME eruption was an eruptive prominence at high northern latitude (N45W10),
followed by a formation of large arcades about four hours later near active regions 8115
and 8113. We selected the source to be at N45W10, but Xie, Gopalswamy, and St. Cyr
(2013) used in their calculations the later source location at N25W40. In either case the
angular distance of the source for this event is over 40° from the disk center, making it the
most distant event of all the CDAW events. The fitted propagation direction of the CME is
N15W30, which is still about 33° from the disk center. Therefore, even though the CME
was deflected towards the Sun–Earth line, the distance from the Sun–Earth line remained
large. The MPA of the CME is 315°, indicating propagation in the NW quadrant. If the
location used in flux rope fitting is accurate then the event is beyond the longitudinal range
of our study. Because this latter location is so close to the western limb the calculations
are unreliable because they do not include the influence from the possible CHs near the
western limb (see Figure 2, left). The Kitt Peak CH map shows near the west limb a long,
narrow elongation of the northern polar CH reaching almost to the N20 latitude. In the
EUV images this CH appears to be masked by the bright loops in the forefront. Because of
these ambiguities in the location of the source region and CHs we must consider this event
uncertain.

3.4. 9 April 2001 Non-MC Event

The halo CME (N31) on 9 April 2001 at 15:54 UT is another non-MC event with ∼10◦ de-
flection towards the Sun–Earth line. This event is the one which we used as a limit between
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Figure 3 EUV images showing the coronal holes for the 12 May 1997 (top left), 13 April 1999 (top mid-
dle), 17 February 2000 (top right), 25 July 2000 (bottom left), and 15 March 2002 (bottom left) MC events
discussed in the text. Blue arrow marks the MPA of the CME, red arrow the direction of the CH influence
and �� is the angle between them. Figures from Mohamed (2011).

the two CHIP ranges, so the corresponding CHIP value is 2.6 G. The CME occurred at
S21W04 and the fitted propagation direction is S12E01. The MPA angle of the CME is
221°, again indicating that the CME propagated towards south. The nearest CH was the
southern polar CH, which should push the CME towards north exactly as the flux rope
fitting indicated (Figure 2, right). The question then is why this event was classified as
a non-MC event even though its propagation direction was less than 10° from the Sun–
Earth line? It is quite possible that the associated ICME was misidentified because the
CME was followed by another faster halo CME (N32) from the same region on 10 April
2001 at 05:30 UT. The speed of the 9 April CME was 1192 km s−1 and the 10 April CME
had a speed twice of that of the preceding CME, 2411 km s−1. The corresponding shocks
were detected only two hours apart at 14:12 UT and 16:19 UT, respectively. Therefore, we
think that the corresponding ICMEs were merging and the flux rope structure of the 9 April
CME was destroyed in the process. This means also that our CHIP limit could be lowered
to ∼ 2 G.

3.5. 12 May 1997 MC Event

The slow halo CME (N02) on 12 May 1997 at 05:30 UT occurred at N21W08 during the
period of minimum solar activity. We identified only one polar CH far away in the southern
pole as is typical during a solar minimum (Figure 3, top left). Therefore the CHIP value
we obtained is only 0.2 G. We do not expect the southern polar CH have any significant
influence on the CME propagation. The CME propagation direction was N01W02, only 4°
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from the disk center. So what explains the relatively large deflection of the CME towards
the disk center? The possible cause is the global solar magnetic field, which during the so-
lar minimum is a well-organized dipole field associated with strong magnetic fields in the
polar CHs that are known to exist in the polar regions during solar minimum. CME deflec-
tion towards lower latitudes during solar minima was first observed by Hildner (1977) and
MacQueen, Hundhausen, and Conover (1986). Probably our CH selection method cannot
identify the near-limb northern polar CH if it has only a small area on the visible side of the
Sun. Therefore the large CME deflection in this case can be attributed to the effects of the
large-scale solar magnetic field configuration due to polar CHs (see also e.g., Gopalswamy
and Thompson, 2000; Filippov, Gopalswamy, and Lozhechkin, 2001; Plunkett et al., 2001;
Cremades, Bothmer, and Tripathi, 2006; Kilpua et al., 2009).

3.6. 13 April 1999 MC Event

The partial-halo CME (N09) on 13 April 1999 occurred at 03:30 UT when the solar X-ray
emission was low. The CME was relatively faint with an uncertain width (>261◦), and it
was expanding fastest towards south (MPA = 194°). The selected source for this event is
a disappearing filament at N16E00 with the post-flare arcade loops reaching a B3.4 class
in the X-ray intensity. However, another possible source candidate for this event is an EUV
dimming at S13E21. The fitted flux rope direction was S02W06 matching with the observed
MPA towards south. The three nearest CHs were located in the SE, S, and SW direction from
the selected source (see Figure 3, top middle), and they were of average size. The calculated
CHIP value for this event is 1.9 G with the direction towards NW. The large deflection
obtained by the flux rope fitting suggests that there was a CH near the source as observed,
but the calculated direction of the CHIP deviates significantly from the expected deflection
towards south. A better agreement with observations would be achieved if the source was
located south of the CHs as suggested by the EUV dimming. But if the source was located
at S13E12 then the CME propagation direction from the flux rope fitting (S02W06) would
indicate deflection towards north. Because we identified a total of four low-latitude CHs,
which is an unusually large number, it is possible that our CH selections in this case are not
correct. The inspection of the EUV image shows bands of bright regions at mid-latitudes in
the southern and northern hemisphere and a dark equatorial region in between. A few long
and faint transequatorial loops appear to connect these bright regions in south and north, so
it could be that the magnetic field lines are closed in the equatorial region. Otherwise unless
we have misidentified the associated CME, which seems unlikely, this event is difficult to
explain based on the CH influence model.

3.7. 17 February 2000 MC Event

The halo CME (N16) on 17 February 2000 at 21:30 UT was launched from a location at
S29E07. The fitted propagation direction was S12W02 and the MPA was 184°. The esti-
mated CHIP values was 0.3 G. We identified three relatively small CHs at almost equal
distance (3.1 – 3.8 × 105 km) at SE, S, and SW directions from the source (Figure 3, top
right). In addition there was a southern polar CH (5.5 × 105 km) and another three CHs
were in NE, N, and NW directions but at large distances (6.3 – 8.8 × 105 km). The calcu-
lated force F was towards N–NE direction, which coincides well with the result from flux
rope fitting. Why then our CHIP value is so low if the CME was deflected by the nearby
CHs? Because CHs are surrounding the CME source region in all directions, the low CHIP
value might be an indication that our simple model overestimates the influence of CHs far
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away from the source region. Considering that the Sun is a sphere it is possible that the
influence of CHs more than a solar radius away is less than predicted by our model.

3.8. 25 July 2000 MC Event

The 25 July 2000 CME (N21) at 03:30 UT occurred at N06W08, but the flux rope was ob-
served first above the southern solar limb (MPA = 168°). Also the flux rope fitting shows
deflection towards the S–SE direction, as the fitted propagation direction was S15E04. How-
ever, from Figure 3 (bottom left) we see that the nearest CH on disk was in the SE direction
from the source region. This CH had also a strong average magnetic field (〈B〉 = 11.9 G).
Our calculations show that this CH dominates the total influence of all the on-disk CHs and
therefore the CME should be pushed towards the NW direction. There were large northern
polar CHs relatively nearby (〈B〉 = 2.6 – 4.8 G) but according to our estimation their effect
did suffice only to turn the total CH influence direction slightly towards west. However, this
CME has an uncertain source region. There was a M8.0 flare eruption at 02:43 UT in the
active region 9097 at N06W08 and approximately at the same time an eruptive prominence
occurred further south at S14W04. Interestingly the flux rope fitted propagation direction
of the CME is close to this eruptive prominence location. Therefore, we conclude that the
complex events at the Sun make the identification of the CME source location uncertain,
and according to our CH influence model the eruptive prominence would be a more favored
source of the CME.

3.9. 15 March 2002 MC Event

The 15 March 2002 event (N36) was a halo CME first observed at 23:06 UT expanding
towards the NW direction (MPA = 309°). Its solar source was the M2.2 flare at S08W03 at
22:09 UT. Our CH identification found multiple small CHs scattered around the solar disk
(see Figure 3, bottom right). The influence of each CH was calculated to be relatively weak
ranging from 0.2 G to 1.6 G, resulting in a weak total influence (CHIP = 0.9 G) pushing
the CME towards the SW direction. The fitted propagation direction was N15W01, so the
CME appears to be deflected towards north. In this case there is no ambiguity in the source
location. In addition, the solar south pole is inclined towards Earth in mid March, so the
CME source is very close to the disk center. Therefore, we cannot expect the deflection away
from the Sun–Earth line will necessarily mean that an observer at 1 AU cannot detect the flux
rope structure of the CME. The question remains what caused this deflection. There could be
some uncertainty in the identification of the CHs, because there is a nearby filament channel
north of the source region extending from the central meridian towards the E-NE direction.
This filament channel might interfere with the identification of the two CHs near the CME
source region. In any case, it appears that there is no clear CH close enough in the S–SE
direction from the source region, which could push the CME towards the N–NW direction.
However, this event occurred during the solar maximum, when the solar magnetic field is
very complex, so distorted local magnetic structures could result in the CME deflection.

3.10. FPA versus the CME Propagation Direction

In Figure 4 we have plotted the FPA angles together with arrows that start from the source
region and end at the estimated CME propagation direction from the flux rope fitting by Xie,
Gopalswamy, and St. Cyr (2013). As can be seen the alignment of the green arrows (FPA)
with the red (MCs) and blue (non-MCs) is not particularly good. The CH influence model
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Figure 4 FPA from the CH deflection model (Table 1, column 9) compared with the shift of the CME
propagation direction by Xie, Gopalswamy, and St. Cyr (2013) relative to the source location. The red (a)
and blue (b) arrows correspond to MC and non-MC events. The red and blue arrows start at the CME source
location (Table 1, column 4) and end at the CME propagation direction (Table 1, column 11). The green
arrows show the direction of the CHIP.

clearly provides less accurate estimates for the FPA than for the CHIP. We believe that the
moderate correspondence of the FPA with the shift of the CME propagation direction rela-
tive to the source location is partly due to simplified description of the CH as a single point
(the centroid of the CH area) in the model. Especially when the CH has very elongated
shape, the CH section nearest to the source most likely contributes more in the CME deflec-
tion than the rest of the CHs. Figure 1b showed that the distance of the CH is significant
parameter for the CME deflection. In addition the identification of CH areas has uncertain-
ties. As discussed by Gopalswamy et al. (2009) the selection method of the CH area may
not fully select open field regions due to the foreground coronal emission. Other features on
the Sun can interfere with the CH identification as might be the case in the 13 April 1999
event we discussed in Section 3.6, where long faint transequatorial loops possibly interfered
with the CH identification resulting in unusually large number of CHs.

In our study we have not considered the possible uncertainties in the fitting of the flux
rope model. When the CME appears very faint in the coronagraphic images or when parts
of the successively launched CMEs overlap each other, the identification of features of the
CME becomes difficult. This results in not easily quantifiable uncertainties in the fitting of
the flux rope model and in the estimation of the CME propagation direction.

4. Summary and Conclusions

Our report is one of the contributions originating from collaborations during the LWS
CDAW meetings focusing on the question if all CMEs are flux ropes. In a recent study
Gopalswamy et al. (2009) analyzed ICMEs that originated from disk-center sources and
therefore were expected to be directed towards Earth, but which did not have an observed
ejecta at 1 AU. As an explanation they suggested that nearby CHs pushed the CMEs near the
Sun away from the Sun–Earth line far enough that the driving ejecta of the corresponding
ICME became unobservable at 1 AU. Gopalswamy et al. (2009) described the CH influence
on CMEs by using a simple parameter called CHIP (see Equation (1)) depending on the area,
average magnetic field and distance from the source of the CH (see also Cremades, Bothmer,
and Tripathi, 2006). Mohamed et al. (2012) performed an expanded statistical study of the
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CH influence on CMEs during the whole Cycle 23. They found some evidence supporting
the CH influence. In our study we have utilized results from the flux rope fitting reported
by Xie, Gopalswamy, and St. Cyr (2013), who found that on average CMEs associated with
MCs are deflected closer to the disk center and those associated with non-MCs away from
the disk center.

When we compared the CME deflection (Xie, Gopalswamy, and St. Cyr, 2013) to the
CH influence parameter CHIP (Gopalswamy et al., 2009; Mohamed et al., 2012) we found
support to the CH influence as described by CHIP on the CME propagation. We found that
for the CHIP values larger than 2.6 G the CME deflection distributions are divided into
two separate groups where the MCs are deflected towards and non-MCs away from the
Sun–Earth line. At CHIP values lower than 2.6 G the deflection distributions of MC and
non-MC events overlap but still the average deflection direction for MC is towards and non-
MCs away from the Sun–Earth line. We also found that the deflection as a function of the
distance of the nearest CH is divided into two distance regions. If the nearest CH is closer
than 3.2 × 105 km from the CME source region, the deflection distributions of the MCs and
non-MCs again are separated into two groups: MCs are deflected towards the Sun–Earth line
and non-MCs correspondingly away. When the distance to the nearest CHs increases the CH
influence on CMEs decreases and the deflection distributions start to overlap. This indicates
that the distance to the nearest CH is an important parameter for the CME deflection. We
also found the scatter of the CME deflection values to be larger for a non-MC event than for
the MC events.

There were few events that had exceptionally large values of the CME deflection, which
we discussed in more detail. Most of the events revealed unavoidable uncertainties in iden-
tifying CME solar sources and CHs using the methods applied here, and which resulted in
uncertain predictions of the CH influence. In addition to the problems in the identification
of the features on the Sun, the model used to calculate the CHIP reduces the CH to a sin-
gle point (the centroid of the CH). This assumption is incorrect especially if the CH has a
very elongated shape, because then the nearest section of the CH to the CME source is the
most likely area pushing the CME. During the solar minimum the global dipole magnetic
field due to strong magnetic fields in the polar CHs deflects CMEs towards the lower lati-
tudes (see e.g., Hildner, 1977; MacQueen, Hundhausen, and Conover, 1986; Gopalswamy
and Thompson, 2000; Filippov, Gopalswamy, and Lozhechkin, 2001; Plunkett et al., 2001;
Cremades, Bothmer, and Tripathi, 2006; Kilpua et al., 2009). During solar maximum the
solar magnetic field configuration can be very complex, so that local magnetic structures
near the CME source may direct the CME to propagate non-radially. We cannot separate or
exclude these other effects in our calculations.

As a final point we like to mention that the CHIP estimates might improve if one modifies
Equation (1) so that the CH force is proportional to the square of the average magnetic
field strength of the CH as suggested by Gopalswamy et al. (2010a). They proposed this
modification because B2 represents magnetic pressure and therefore could be a better CH
parameter in the calculations of the CH influence.

In summary, we found evidence by using a simple CH influence model that CHs probably
deflect CMEs and that the deflection pattern of the MC and non-MC associated CMEs near
the Sun as reported by Xie, Gopalswamy, and St. Cyr (2013) is at least partly explained by
the CH influence.

Acknowledgements We would like to thank the local organizers of the LWS CDAW meetings in San
Diego, USA, and Alcalá de Henares, Spain. This research was supported by NASA grants NNX10AL50A
and NNG11PL10A. SOHO is an international cooperation project between ESA and NASA.



74 P. Mäkelä et al.

References

Brueckner, G.E., Howard, R.A., Koomen, M.J., Korendyke, C.M., Michels, D.J., Moses, J.D., Socker, D.G.,
Dere, K.P., Lamy, P.L., Llebaria, A., Bout, M.V., Schwenn, R., Simnett, G.M., Bedford, D.K.,
Eyles, C.J.: 1995, The Large Angle Spectroscopic Coronagraph (LASCO). Solar Phys. 162, 357 – 402.
doi:10.1007/BF00733434.

Burlaga, L., Sittler, E., Mariani, F., Schwenn, R.: 1981, Magnetic loop behind an interplanetary
shock – Voyager, Helios, and IMP 8 observations. J. Geophys. Res. 86, 6673 – 6684. doi:10.1029/

JA086iA08p06673.
Cremades, H., Bothmer, V., Tripathi, D.: 2006, Properties of structured coronal mass ejections in solar cycle

23. Adv. Space Res. 38, 461 – 465. doi:10.1016/j.asr.2005.01.095.
Delaboudinière, J.P., Artzner, G.E., Brunaud, J., Gabriel, A.H., Hochedez, J.F., Millier, F., Song, X.Y., Au, B.,

Dere, K.P., Howard, R.A., Kreplin, R., Michels, D.J., Moses, J.D., Defise, J.M., Jamar, C., Rochus, P.,
Chauvineau, J.P., Marioge, J.P., Catura, R.C., Lemen, J.R., Shing, L., Stern, R.A., Gurman, J.B., Ne-
upert, W.M., Maucherat, A., Clette, F., Cugnon, P., van Dessel, E.L.: 1995, EIT: Extreme-Ultraviolet
Imaging Telescope for the SOHO mission. Solar Phys. 162, 291 – 312. doi:10.1007/BF00733432.

Filippov, B.P., Gopalswamy, N., Lozhechkin, A.V.: 2001, Non-radial motion of eruptive filaments. Solar

Phys. 203, 119 – 130.
Gopalswamy, N.: 2006, Properties of interplanetary coronal mass ejections. Space Sci. Rev. 124, 145 – 168.

doi:10.1007/s11214-006-9102-1.
Gopalswamy, N., Thompson, B.J.: 2000, Early life of coronal mass ejections. J. Atmos. Solar-Terr. Phys. 62,

1457 – 1469. doi:10.1016/S1364-6826(00)00079-1.
Gopalswamy, N., Shibasaki, K., Thompson, B.J., Gurman, J., DeForest, C.: 1999, Microwave enhancement

and variability in the elephant’s trunk coronal hole: comparison with SOHO observations. J. Geophys.

Res. 104, 9767 – 9780. doi:10.1029/1998JA900168.
Gopalswamy, N., Yashiro, S., Kaiser, M.L., Howard, R.A., Bougeret, J.L.: 2001, Radio signatures of coro-

nal mass ejection interaction: coronal mass ejection cannibalism? Astrophys. J. Lett. 548, L91 – L94.
doi:10.1086/318939.

Gopalswamy, N., Yashiro, S., Krucker, S., Stenborg, G., Howard, R.A.: 2004, Intensity variation of large
solar energetic particle events associated with coronal mass ejections. J. Geophys. Res. 109, A12105.
doi:10.1029/2004JA010602.

Gopalswamy, N., Yashiro, S., Michalek, G., Xie, H., Lepping, R.P., Howard, R.A.: 2005, Solar source of the
largest geomagnetic storm of cycle 23. Geophys. Res. Lett. 32, 12. doi:10.1029/2004GL021639.

Gopalswamy, N., Mäkelä, P., Xie, H., Akiyama, S., Yashiro, S.: 2009, CME interactions with coronal holes
and their interplanetary consequences. J. Geophys. Res. 114, A00A22. doi:10.1029/2008JA013686.

Gopalswamy, N., Mäkelä, P., Xie, H., Akiyama, S., Yashiro, S.: 2010a, Solar sources of “Driverless” in-
terplanetary shocks. In: Twelfth International Solar Wind Conference 1216, 452 – 458. doi:10.1063/

1.3395902.
Gopalswamy, N., Xie, H., Mäkelä, P., Akiyama, S., Yashiro, S., Kaiser, M.L., Howard, R.A., Bougeret, J.L.:

2010b, Interplanetary shocks lacking type II radio bursts. Astrophys. J. 710, 1111 – 1126. doi:10.1088/

0004-637X/710/2/1111.
Hildner, E.: 1977, Mass ejections from the solar corona into interplanetary space. In: Shea, M., Smart, D.,

Wu, S. (eds.) Study of Travelling Interplanetary Phenomena, Astrophys. Space Sci. Libr. 71, D. Reidel
Publ. Co., Dordrecht, 3 – 20.

Jian, L., Russell, C.T., Luhmann, J.G., Skoug, R.M.: 2006, Properties of interplanetary coronal mass ejections
at one AU during 1995 – 2004. Solar Phys. 239, 393 – 436. doi:10.1007/s11207-006-0133-2.

Kilpua, E.K.J., Pomoell, J., Vourlidas, A., Vainio, R., Luhmann, J., Li, Y., Schroeder, P., Galvin, A.B.,
Simunac, K.: 2009, STEREO observations of interplanetary coronal mass ejections and prominence
deflection during solar minimum period. Ann. Geophys. 27, 4491 – 4503. doi:10.5194/angeo-27-

4491-2009.
Kilpua, E.K.J., Jian, L.K., Li, Y., Luhmann, J.G., Russell, C.T.: 2011, Multipoint ICME encounters: pre-

STEREO and STEREO observations. J. Atmos. Solar-Terr. Phys. 73, 1228 – 1241. doi:10.1016/j.jastp.

2010.10.012.
Klein, L.W., Burlaga, L.F.: 1982, Interplanetary magnetic clouds at 1 AU. J. Geophys. Res. 87, 613 – 624.

doi:10.1029/JA087iA02p00613.
Krall, J., St. Cyr, O.C.: 2006, Flux-rope coronal mass ejection geometry and its relation to observed morphol-

ogy. Astrophys. J. 652, 1740 – 1746. doi:10.1086/508337.
MacQueen, R.M., Hundhausen, A.J., Conover, C.W.: 1986, The propagation of coronal mass ejection tran-

sients. J. Geophys. Res. 91, 31 – 38. doi:10.1029/JA091iA01p00031.
Mohamed, A.A.: 2011, Some aspects of solar activity and their impact on space environment near Earth.

Ph.D. thesis, School of Physics, University of Sydney, Australia.



Coronal Holes and ICME Structure 75

Mohamed, A.A., Gopalswamy, N., Yashiro, S., Akiyama, S., Mäkelä, P., Xie, H., Jung, H.: 2012, The relation
between coronal holes and coronal mass ejections during the rise, maximum, and declining phases of
solar cycle 23. J. Geophys. Res. 117, A1103. doi:10.1029/2011JA016589.

Plunkett, S.P., Thompson, B.J., St. Cyr, O.C., Howard, R.A.: 2001, Solar source regions of coro-
nal mass ejections and their geomagnetic effects. J. Atmos. Solar-Terr. Phys. 63, 389 – 402.
doi:10.1016/S1364-6826(00)00166-8.

Richardson, I.G., Cane, H.V.: 2010, Near-Earth interplanetary coronal mass ejections during so-
lar cycle 23 (1996 – 2009): catalog and summary of properties. Solar Phys. 264, 189 – 237.
doi:10.1007/s11207-010-9568-6.

Riley, P., Schatzman, C., Cane, H.V., Richardson, I.G., Gopalswamy, N.: 2006, On the rates of coronal mass
ejections: remote solar and in situ observations. Astrophys. J. 647, 648 – 653. doi:10.1086/505383.

Scherrer, P.H., Bogart, R.S., Bush, R.I., Hoeksema, J.T., Kosovichev, A.G., Schou, J., Rosenberg, W.,
Springer, L., Tarbell, T.D., Title, A., Wolfson, C.J., Zayer, I., MDI Engineering Team: 1995, The so-
lar oscillations investigation – Michelson Doppler Imager. Solar Phys. 162, 129 – 188. doi:10.1007/

BF00733429.
Wang, Y., Shen, C., Wang, S., Ye, P.: 2004, Deflection of coronal mass ejection in the interplanetary medium.

Solar Phys. 222, 329 – 343. doi:10.1023/B:SOLA.0000043576.21942.aa.
Xie, H., Gopalswamy, N., St. Cyr, O.C.: 2013, Near-Sun flux rope structure of CMEs. Solar Phys., this issue.

doi:10.1007/s11207-012-0209-0.
Zirker, J.B. (ed.): 1977, Coronal Holes and High-Speed Wind Streams, Colorado Assoc. Univ. Press, Boulder.
Zurbuchen, T.H., Richardson, I.G.: 2006, In-situ solar wind and magnetic field signatures of interplanetary

coronal mass ejections. Space Sci. Rev. 123, 31 – 43. doi:10.1007/s11214-006-9010-4.



Solar Phys (2013) 284:47–58
DOI 10.1007/s11207-012-0209-0

F L U X - RO P E S T RU C T U R E O F C O RO NA L M A S S E J E C T I O N S

Near-Sun Flux-Rope Structure of CMEs

H. Xie · N. Gopalswamy · O.C. St. Cyr

Received: 27 March 2012 / Accepted: 3 December 2012 / Published online: 4 January 2013
© Springer Science+Business Media Dordrecht 2012

Abstract We have used the Krall flux-rope model (Krall and St. Cyr, Astrophys. J. 2006,
657, 1740) (KFR) to fit 23 magnetic cloud (MC)-CMEs and 30 non-cloud ejecta (EJ)-CMEs
in the Living With a Star (LWS) Coordinated Data Analysis Workshop (CDAW) 2011 list.
The KFR-fit results shows that the CMEs associated with MCs (EJs) have been deflected
closer to (away from) the solar disk center (DC), likely by both the intrinsic magnetic struc-
tures inside an active region (AR) and ambient magnetic structures (e.g. nearby ARs, coronal
holes, and streamers, etc.). The mean absolute propagation latitudes and longitudes of the
EJ-CMEs (18◦, 11◦) were larger than those of the MC-CMEs (11◦, 6◦) by 7◦ and 5◦, re-
spectively. Furthermore, the KFR-fit widths showed that the MC-CMEs are wider than the
EJ-CMEs. The mean fitting face-on width and edge-on width of the MC-CMEs (EJ-CMEs)
were 87 (85)◦ and 70 (63)◦, respectively. The deflection away from DC and narrower an-
gular widths of the EJ-CMEs have caused the observing spacecraft to pass over only their
flanks and miss the central flux-rope structures. The results of this work support the idea that
all CMEs have a flux-rope structure.
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1. Introduction

In recent years, a great deal of research in both modeling and observations (see, e.g.,
Chen et al., 1997; Dere et al., 1999; Gibson and Low, 2000; Krall et al., 2001; Cremades
and Bothmer, 2004; Krall and St. Cyr, 2006; Thernisien, Howard, and Vourlidas, 2006;
Krall, 2007) has been focused on coronal mass ejections (CMEs) having the “three-part”
morphology, namely, a bright front, a dark void and a bright core of prominence ma-
terial (Illing and Hundhausen, 1985). Concave-outward trailing features were noted in
the Solar Maximum Mission (SMM) coronagraph images (Illing and Hundhausen, 1985;
Burkepile and St. Cyr, 1993), but the high-resolution Large Angle and Spectrometric COro-

nagraph (LASCO) observations revealed that these three-part CMEs often create the ap-
pearance of a helical or flux-rope (FR) structure.

The interplanetary (IP) counterpart of CMEs are called ICMEs. They are featured
with high magnetic fields, low ion temperatures, high alpha/proton density ratios and oc-
casionally bidirectional streaming of electrons and ions (e.g., Gosling, 1990). Depend-
ing on whether they have a smooth rotating magnetic field, i.e., a signature of flux
rope, and fulfill other conditions, ICMEs are further classified into i) magnetic clouds
(MCs), and ii) non-cloud ejecta (or simply ejecta) (EJs) (see, e.g., Burlaga et al., 1981;
Gosling, 1990). Gopalswamy (2006) suggested that all CMEs have magnetic FR structures,
but their propagation directions determine whether they can be seen in-situ.

Based on the coronagraphic observations, simple FR models of CMEs using a torus ge-
ometry have been developed by various authors. Krall and St. Cyr (2006) (hereafter KS06)
described a FR model as having an elliptical curved axis with a circular cross-section of
varying radius along the axis and the width (minor diameter) being narrowest at the foot-
points on the solar surface. It was shown that the KS06 FR model (KFR) geometry re-
produced the statistical measures (average angular widths) of a subset of FR-like CMEs
observed by LASCO (St. Cyr et al., 2004). Thernisien, Howard, and Vourlidas (2006) used
the graduated cylindrical shell (GCS) model, a FR model with a conical curved axis, and
demonstrated that the GCS model fits the CME morphologies for 34 FR-like CMEs selected
from Cremades and Bothmer (2004). A more recent study (Krall, 2007) extended the work
of KS06 by comparing the FR model synthetic images to 111 limb CMEs observed by SMM
(Burkepile et al., 2004). Their results suggested that the FR morphology can be applied not
only to FR-like CMEs but also to the general population of CMEs.

In this work, we apply the KFR to the 2011 Living With a Star (LWS) Coordinated Data
Analysis Workshop (CDAW) CME list to determine the radial speeds, angular widths, and
the propagation directions of the CMEs. We studied 53 shock-driving CMEs during Solar
Cycle 23 whose source regions are located within E15◦ and W15◦. We have excluded com-
plex event number 3 with multiple solar sources: an eruptive prominence (EP) (N45W10),
active region (AR) 8115 (N32W32), and AR 8113 (N25W40). To zeroth order, it is supposed
that MCs associated CMEs (MC-CMEs) come from the disk center, ejecta-CMEs come from
intermediate longitudes, and driverless shocks come from near the limb (e.g., Gopalswamy,
2006). Since all the CDAW CMEs originate nearly from the disk center, it is expected that
they are observed as MCs at Earth, assuming that all CMEs have FR structures and erupt ra-
dially. However, for the 53 CDAW events, 23 events are associated with MCs and 30 events
are EJs. One likely reason is the non-radial eruption of CMEs (see, e.g., St. Cyr et al., 2000;
Gopalswamy et al., 2009; Xie et al., 2009). In this paper, we are looking into the charac-
teristics that distinguish two CME populations: MC-CMEs and EJ-CMEs. By performing a
detailed investigation of CME origins and propagations, we hope to answer the CDAW’s fo-
cusing question: Do all CMEs have flux-rope structure, but sometimes they are not observed
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Figure 1 Illustrative plot of the flux-rope model morphology. From left to right: broadside (face-on), top,
and edge-on views of a flux rope.

so because of geometry (the observing spacecraft does not pass through the flux rope) or do
some CMEs have inherently non-flux-rope structure?

The rest of the paper is organized as follows. Section 2 describes data selection and
detailed FR model fitting procedures. Section 3 presents the fitting results and statistical
analysis. Finally, the summary and conclusions are presented in Section 4.

2. Data and Model

The CDAW 2011 list is a subset of the list in Gopalswamy et al. (2010). This subset was
selected based on two criteria: i) the CMEs originate from close to the central meridian
(E15◦ ≤ source longitude ≤ W15◦), ii) the CMEs are associated with shock-driving inter-
planetary CMEs (ICMEs). The CDAW 2011 list consists of 23 MC-CMEs and 30 EJ-CMEs.

To determine the radial speeds, angular widths, and propagation directions of the CMEs,
we applied the KS06 FR model fit (KFR-fit) to LASCO C2 and C3 images. The KS06
model is also called the elliptical FR model, which assumes that the FR has an elliptical axis
with varying radial circular cross-sections. Figure 1 gives the broadside (face-on), top, and
edge-on views of the FR model, with apex pointing to the west limb.

The geometry of the flux rope can be described by two parameters: the ratio of the semi-
minor to semi-major axes of the ellipse, λǫ = R2/R1 and the axial aspect ratio, �α = 2R1/d ,
where R1, R2, and d are semi-major axis, semi-minor axis and width of the flux rope at its
apex, as shown in Figure 1. The orientation of the flux rope is defined by three angles:
latitude λ, longitude φ, and tilt angle α, where the tilt angle is the rotation angle clockwise
with respect to the East direction.

We used an iterative method to parameterize the flux-rope model. First, we chose initial
test parameters of the model based on the coronagraphic observations; we then iteratively
adjusted the test parameters until the best fit of the FR model to LASCO images was ob-
tained. The fitted CME radial speed is given by VCME = �(Rtip)/dt , where Rtip is the ra-
dial distance from the origin to the apex of the FR. The widths of the CME are given by
ωedge = 2 × tg−1(0.5/�α),ωbroad = 2 × tg−1(λǫ), where ωedge and ωbroad are the widths of
the CME from edge-on and face-on views, respectively.

Figure 2 shows an example of the model fit for the 20 January 2004 CME. The CME
was a halo CME associated with a C5.5 soft X-ray flare recorded by GOES in AR 10540
(S13W09), with a peak at 00:45 UT. The left panel of Figure 2 is an Extreme Ultraviolet

Imaging Telescope (EIT) 195 Å image, which shows the post-eruption arcade titled ∼52◦
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Figure 2 An example of the
flux-rope model fit for the 20
January 2004 CME. (Left) EIT
195 Å image showing the flare
post-eruption arcade at 01:13 UT.
(Right) LASCO/C2 image at
00:54 UT superimposed with the
flux-rope model outline curves
(yellow curves).

Figure 3 Comparison between
the source locations (black
circles) and the KFR-fit
propagation directions (red
circles) for (a) 23 MC-CMEs and
(b) 30 EJ-CMEs.

relative to the E–W direction at 01:13 UT. The right panel shows the model outline curves
(yellow curves) superimposed on a LASCO/C2 image at 00:54 UT. The fitting gave a CME
radial speed VCME = 1441 km s−1, ωbroad = 90◦, and ωedge = 71◦; the best fit for the propa-
gation direction was (λ,φ,α) = (−25◦,10◦,60◦). The fitting results showed that the CME
erupted non-radially and was deflected from S13 to S25; the longitude and tilt angle of the
KFR-fit direction were relatively consistent with the CME source location.

3. Statistical Analysis and Results

Table 1 summarizes the flux-rope fitting results for the 53 CMEs. Columns 1 – 8 are the
event number, shock date, time, ICME type, CME date, first appearance time at LASCO
C2, sky-plane speed, and source location identified based on solar surface activities: flare,
EIT wave and dimming, eruptive prominence or disappearing filament. Columns 9 – 13 are
outputs of the KFR-fit edge-on width and face-on (broadside) width, radial speed, propaga-
tion direction and tilt angle.

3.1. Spatial Relationship Between CME Source Locations and Propagation Directions

Previous studies have shown that CMEs may erupt non-radially and be deflected by the
ambient magnetic environment such as coronal holes (e.g. Gopalswamy et al., 2009;
Mohamed et al., 2012), streamers, and nearby ARs or complex intrinsic structures of as-
sociated ARs (e.g., Xie et al., 2009). Figure 3 shows the CME source locations (black cir-
cles) and the KFR-fit propagation directions (red circles) for (a) 23 MC-CMEs and (b) 30
EJ-CMEs. From Figure 3a we can see that both the CME source locations and the KFR-fit
propagation directions for the MC-CMEs are relatively clustered close to disk center (DC).
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Table 1 List of the CDAW 2011 CMEs and the best-fit flux-rope model parameters.

No. ICME Typea CME Flux-rope model fit output

Date Time
[UT]

Date Time
[UT]

Vsky

[km s−1]

Source ωe
[◦]

ωb
[◦]

Vcme
[km s−1]

Direction Tiltb

[◦]

01 1997/01/10 00:52 MC 1997/01/06 15:10 136 S18E06 55 70 258 S18W01 −60.00

02 1997/05/15 01:15 MC 1997/05/12 05:30 464 N21W08 53 70 670 N01W02 −80.00

04 1998/05/03 17:00 EJ 1998/05/02 23:40 585 S18W05 79 90 826 S16E14 42.00

05 1998/05/04 02:00 EJ 1998/05/02 14:06 938 S15W15 79 90 2097 N08W05 22.00

07 1998/11/07 08:00 EJ 1998/11/04 07:54 523 N17W01 71 95 706 N25W01 92.00

08 1998/11/13 01:40 EJ 1998/11/09 18:18 325 N15W05 53 70 712 N15W05 16.00

09 1999/04/16 11:10 MC 1999/04/13 03:30 291 N16E00 79 90 560 S02W06 −10.00

10 1999/06/26 19:25 EJ 1999/06/24 13:31 975 N29W13 71 90 1531 N25W15 45.00

13 1999/09/22 12:00 EJ 1999/09/20 06:06 604 S20W05 31 70 868 S20W05 −35.00

14 1999/10/21 02:13 EJ 1999/10/18 00:06 144 S30E15 48 90 217 S30E15 60.00

15 2000/01/22 00:23 EJ 2000/01/18 17:54 739 S19E11 71 90 1179 S10E29 −25.00

16 2000/02/20 21:00 MC 2000/02/17 21:30 728 S29E07 71 84 994 S12W02 70.00

17 2000/07/10 06:00 EJ 2000/07/07 10:26 453 N04E00 48 90 739 S17W05 70.00

18 2000/07/11 11:22 EJ 2000/07/09 23:50 483 N18W12 58 77 1152 N18W06 15.00

19 2000/07/15 14:18 MC 2000/07/14 10:54 1674 N22W07 90 16 2281 N18W14 30.00

20 2000/07/26 18:58 EJ 2000/07/23 05:30 631 S13W05 71 84 1119 S13E04 −15.00

21 2000/07/28 06:39 MC 2000/07/25 03:30 528 N06W08 64 84 960 S15E04 −95.00

23 2000/08/11 18:51 MC 2000/08/09 16:30 702 N20E12 53 77 1024 N17E05 −85.00

24 2000/09/17 17:00 MC 2000/09/16 05:18 1215 N14W07 64 90 1574 N08W07 45.00

25 2000/10/05 03:23 EJ 2000/10/02 03:50 525 S09E07 53 90 1104 S19E08 −65.00

26 2000/10/12 22:36 MC 2000/10/10 23:50 798 N01W14 58 95 1287 N20W14 −55.00

27 2000/11/06 09:20 MC 2000/11/03 18:26 291 N02W02 64 87 542 N02E05 25.00
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Table 1 (Continued.)

No. ICME Typea CME Flux-rope model fit output

Date Time
[UT]

Date Time
[UT]

Vsky

[km s−1]

Source ωe
[◦]

ωb
[◦]

Vcme
[km s−1]

Direction Tiltb

[◦]

28 2000/11/26 05:30 EJ 2000/11/24 05:30 1289 N20W05 79 95 1745 N30W18 −55.00

29 2001/03/03 11:30 EJ 2001/02/28 14:50 313 S17W05 71 90 522 S05W15 −65.00

30 2001/03/22 14:00 EJ 2001/03/19 05:26 389 S20W00 71 90 691 N05W10 85.00

31 2001/04/11 14:12 EJ 2001/04/09 15:54 1192 S21W04 79 84 1813 S12E01 75.00

32 2001/04/11 16:19 MC 2001/04/10 05:30 2411 S23W09 71 95 3735 S23W05 −85.00

33 2001/04/28 05:02 MC 2001/04/26 12:30 1006 N20W05 79 77 1093 N20W03 30.00

34 2001/08/12 11:10 EJ 2001/08/09 10:30 479 N11W14 45 90 842 N02W18 80.00

35 2001/10/11 16:50 EJ 2001/10/09 11:30 973 S28E08 58 84 1449 S28E01 −20.00

36 2002/03/18 13:13 MC 2002/03/16 23:06 957 S08W03 79 00 1151 N15W01 −50.00

37 2002/04/17 11:01 MC 2002/04/15 03:50 720 S15W01 79 84 1302 S01W05 −10.00

38 2002/05/11 10:30 EJ 2002/05/08 13:50 614 S12W07 48 90 1231 S09W09 55.00

39 2002/05/18 19:51 MC 2002/05/16 00:50 600 S23E15 48 84 900 S23E05 −70.00

40 2002/05/20 03:40 EJ 2002/05/17 01:27 461 S20E14 31 66 743 S28E20 −60.00

41 2002/05/30 02:15 EJ 2002/05/27 13:27 1106 N22E15 58 84 1362 N32E20 80.00

42 2002/07/17 15:50 EJ 2002/07/15 21:30 1300 N19W01 90 95 2046 N29E15 −40.00

43 2002/08/01 05:10 MC 2002/07/29 12:07 222 S10W10 64 84 448 S02W10 −70.00

44 2003/08/17 13:40 MC 2003/08/14 20:06 378 S10E02 48 84 662 N12E10 −65.00

45 2003/10/29 06:00 MC 2003/10/28 11:30 2459 S16E08 90 90 2916 S16E20 75.00

46 2003/10/30 16:20 MC 2003/10/29 20:54 2029 S15W02 90 95 3474 S15E05 80.00

47 2004/01/22 01:10 EJ 2004/01/20 00:06 965 S13W09 90 71 1441 S25W10 60.00

48 2004/07/24 05:32 MC 2004/07/22 08:30 700 N04E10 71 84 1359 N06E05 −10.00

49 2004/11/09 09:05 MC 2004/11/06 02:06 1111 N09E05 90 95 1319 N07W00 12.00
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Table 1 (Continued.)

No. ICME Typea CME Flux-rope model fit output

Date Time
[UT]

Date Time
[UT]

Vsky

[km s−1]

Source ωe
[◦]

ωb
[◦]

Vcme
[km s−1]

Direction Tiltb

[◦]

50 2004/12/11 13:03 EJ 2004/12/08 20:26 611 N05W03 79 77 754 S05W06 45.00

51 2005/01/16 09:27 EJ 2005/01/15 06:30 2049 N16E04 58 84 2503 N25W01 −80.00

52 2005/02/17 21:59 EJ 2005/02/13 11:06 584 S11E09 60 84 587 S21E19 75.00

53 2005/05/15 02:19 MC 2005/05/13 17:12 1689 N12E11 90 90 2384 N05E11 45.00

54 2005/05/20 03:34 MC 2005/05/17 03:26 449 S15W00 64 84 596 N08E05 85.00

56 2005/07/10 02:56 EJ 2005/07/07 17:06 683 N09E03 48 87 1040 N12E26 91.00

57 2005/09/02 13:32 EJ 2005/08/31 11:30 825 N13W13 58 90 1161 N08W25 −5.00

58 2005/09/15 08:25 EJ 2005/09/13 20:00 1866 S09E10 79 95 2171 S29E21 −52.00

59 2006/08/19 10:51 EJ 2006/08/16 16:30 888 S16W08 71 90 1351 S28W01 −15.00

Notes:
Columns 1 – 4: the event number, shock date, time and ICME type. Columns 5 – 8: CME date, first appearance time at LASCO C2, sky-plane speed and source location.
Columns 9 – 13: flux-rope model fit edge-on width, broadside width, radial speed, propagation direction and tilt angle.
aMC = Magnetic cloud; EJ = Ejecta.
bWith respect to East clockwise.
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Figure 4 Histograms of the
source locations: (a) latitude and
(b) longitude for 23 MC-CMEs,
(c) latitude and (d) longitude for
30 EJ-CMEs. The average
absolute values are indicated in
each plot.

Histograms of the source locations (Figures 4a and b) show that the mean absolute latitude
and longitude of the source locations for the MC-CMEs are (14◦, 6◦); and the mean latitude
and longitude of the KFR-fit propagation directions are (11◦, 6◦) (Figure 5a and b). While
from Figure 3b, we see that the KFR-fit propagation directions of the EJ-CMEs are rela-
tively scattered away from DC, compared to their source locations, indicating some degree
of CME deflection. These deflections of the EJ-CMEs are also shown in Figure 5. In Fig-
ure 4 the mean latitude and longitude of the source locations for the EJ-CMEs are (16◦, 7◦),
but the mean latitude and longitude of the KFR-fit propagation directions for the EJ-CMEs
are (18◦, 11◦) (Figure 5c and d).

Figure 6 plots histograms of: (a) �lat and (b) �lon for 23 MC-CMEs, and (c) �lat and
(d) �lon for 30 EJ-CMEs, where �lat = |Latfr| − |Latsc| and �lon = |Lonfr| − |Lonsc| are the
latitudinal and longitudinal differences between CME source locations (Latsc, Lonsc) and
KFR-fit propagation directions (Latfr, Lonfr). The mean �lat and �lon for the MC-CMEs are
−2.7◦ and −0.3◦, and the mean �lat and �lon for the EJ-CMEs are 2.0◦ and 4.1◦. Since
positive (negative) values of �lat and �lon indicate that the CMEs were deflected away
from (towards) DC, both Figure 5 and Figure 6 suggest that the EJ-CMEs were deflected
farther from DC while the MC-CMEs were deflected closer to DC during their eruption and
propagation near the Sun.

3.2. Comparison of Angular Widths Between MC-CMEs and EJ-CMEs

Figure 7 presents histograms of (a) ωedge and (b) ωbroad for 23 MC-CMEs, and histograms
of (c) ωedge and (d) ωbroad for 30 EJ-CMEs, where ωedge and ωbroad are the KFR-fit widths
of the CMEs from edge-on and face-on views, respectively. The mean broadside (face-on)
widths are 87◦ and 85◦ for the MC-CMEs and EJ-CMEs, and the mean edge-on widths are
70◦ and 63◦ for the MC-CMEs and EJ-CMEs, respectively. The MC-CMEs are wider than
the EJ-CMEs by 2◦ in the mean broadside width and 7◦ in the mean edge-on width. This
indicates that the MC-CMEs are not only deflected toward DC, but also are slightly larger
in widths, thus their central FR structures are more likely observed in-situ.
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Figure 5 Histograms of the
KFR-fit propagation directions:
(a) latitude and (b) longitude for
23 MC-CMEs, (c) latitude and
(d) longitude for 30 EJ-CMEs.
The average absolute values are
indicated in each plot.

Figure 6 Histograms of
latitudinal difference between the
CME source locations and
propagation directions �lat for
(a) 23 MC-CMEs and (c) 30
EJ-CMEs, and histograms of
longitudinal difference �lon for
(b) 23 MC-CMEs and (d) 30
EJ-CMEs. The average values are
indicated in each plot.

3.3. Comparison of Radial Speeds Between MC-CMEs and EJ-CMEs

Figure 8 shows histograms of radial speeds for: (a) 23 MC-CMEs and (b) 30 EJ-CMEs.
The mean radial speeds are 1369 km s−1 and 1190 km s−1 for the MC-CMEs and EJ-CMEs,
respectively. The MC-CMEs are faster than EJ-CMEs by 121 km s−1 concerning their mean
radial speeds. This might be one of other factors affecting the observed ICME properties.
It is expected that the FR structures in the slow CMEs become more distorted by their
interactions with the background solar wind and/or with other CMEs (cf., Kim et al., 2012)
during their propagation.
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Figure 7 Histograms of KFR-fit
widths: (a) edge-on width ωedge
and (b) broadside width ωbroad
for 23 MC-CMEs, (c) ωedge and
(d) ωbroad for 30 EJ-CMEs. The
average values are indicated in
each plot.

Figure 8 Histograms of KFR-fit
radial speed Vcme for (a) 23
MC-CMEs and (b) 30 EJ-CMEs.
The average values are indicated
in each plot.

4. Summary and Conclusion

We studied a set of the CDAW 2011 CMEs which consisted of 23 MC-CMEs and 30 EJ-
CMEs. These two groups of CMEs originated from similar source locations, with mean
latitude and longitude of the MC-CMEs (EJ-CMEs) of 14 (16)◦ and 6 (7)◦, respectively. We
applied the KFR-fit to determine the CME radial speeds, angular widths, and propagation
directions. The KFR-fit results have revealed that the properties of these two groups of
CMEs showed no characteristic differences.

However, there exist distinguishing features between the two groups in terms of their
propagation directions and angular widths. It is found that the EJ-CMEs tend to propagate
in higher latitudinal and longitudinal directions. The mean propagation latitude and longi-
tude of the EJ-CMEs were larger than those of the MC-CMEs by 7◦ and 5◦ (Figure 5),
respectively. The likely reasons of the CME non-radial eruption are the complex intrinsic
structures of the associated ARs, deflections from the ambient magnetic structures such as
coronal holes, streamers, and nearby ARs. It is shown in Figure 6 that the EJ-CMEs were de-
flected away from DC, while the MC-CMEs were deflected towards DC. Similar results are
also found in Gopalswamy et al. (2009) and Mohamed et al. (2012), where they studied the
interaction of CMEs with coronal holes. Gopalswamy et al. (2009) showed that some fast
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and wide CMEs from DC were deflected away from the Sun–Earth line and the spacecraft at
L1 only observed driveless-like shocks. Mohamed et al. (2012) calculated the coronal hole
deflection parameters, which are smaller for MCs. The non-radial eruption and deflection of
the CMEs has caused the FR eruptions originating from near DC to propagate away from
DC and the observing spacecraft passed only by their flank and missed the central FR struc-
tures. In addition, the MC-CMEs were also found to be wider than the EJ-CMEs. The mean
broadside and edge-on widths of the MC-CMEs were larger than those of the EJ-CMEs by
2◦ and 7◦, respectively. The obtained results suggest that the FR structures in the MC-CMEs
are caught in-situ not only because they were deflected toward DC, but also because they
were larger in size.

In conclusion, both the MC-CMEs and EJ-CMEs had similar solar sources and possi-
ble flux-rope structures; their different propagation directions and angular widths determine
whether they are viewed as clouds or non-clouds by the observing spacecraft. The results of
this work support the conjecture that “all CMEs have flux-rope structure”.

Acknowledgements This work uses data from the NASA/LWS Coordinated Data Analysis Workshops
on CME/flux-ropes in 2010 and 2011. We acknowledge the workshop support provided by NASA/LWS,
Predictive Sciences, Inc. (San Diego, CA), University of Alcala (Alcala de Henares, Spain), and Ministerio
de Ciencia e Innovacion (Reference number AYA2010-12439-E), Spain. The authors acknowledge support
of NASA grant LWSTRT08-0029.

References

Burkepile, J.T., Hundhausen, A.J., Stanger, A.L., St. Cyr, O.C., Seiden, J.A.: 2004, Role of projection effects
on solar coronal mass ejection properties: 1. A study of CMEs associated with limb activity. J. Geophys.

Res. 109, 3103. doi:10.1029/2003JA010149.
Burkepile, J.T., St. Cyr, O.C.: 1993, A revised and expanded catalogue of mass ejections observed by the

Solar Maximum Mission coronagraph. NASA STI/Recon Technical Report N 93, 26556.
Burlaga, L., Sittler, E., Mariani, F., Schwenn, R.: 1981, Magnetic loop behind an interplanetary shock – Voy-

ager, Helios, and IMP 8 observations. J. Geophys. Res. 86, 6673 – 6684. doi:10.1029/JA086iA08p06673.
Chen, J., Howard, R.A., Brueckner, G.E., Santoro, R., Krall, J., Paswaters, S.E., St. Cyr, O.C., Schwenn,

R., Lamy, P., Simnett, G.M.: 1997, Evidence of an erupting magnetic flux rope: LASCO coronal mass
ejection of 1997 April 13. Astrophys. J. Lett. 490, L191. doi:10.1086/311029.

Cremades, H., Bothmer, V.: 2004, On the three-dimensional configuration of coronal mass ejections. Astron.

Astrophys. 422, 307 – 322. doi:10.1051/0004-6361:20035776.
Dere, K.P., Brueckner, G.E., Howard, R.A., Michels, D.J., Delaboudiniere, J.P.: 1999, LASCO and EIT obser-

vations of helical structure in coronal mass ejections. Astrophys. J. 516, 465 – 474. doi:10.1086/307101.
Gibson, S.E., Low, B.C.: 2000, Three-dimensional and twisted: an MHD interpretation of on-disk

observational characteristics of coronal mass ejections. J. Geophys. Res. 105, 18187 – 18202.
doi:10.1029/1999JA000317.

Gopalswamy, N.: 2006, Properties of interplanetary coronal mass ejections. Space Sci. Rev. 124, 145 – 168.
doi:10.1007/s11214-006-9102-1.

Gopalswamy, N., Mäkelä, P., Xie, H., Akiyama, S., Yashiro, S.: 2009, CME interactions with coronal holes
and their interplanetary consequences. J. Geophys. Res. 114, A00A22. doi:10.1029/2008JA013686.

Gopalswamy, N., Xie, H., Mäkelä, P., Akiyama, S., Yashiro, S., Kaiser, M.L., Howard, R.A., Bougeret,
J.-L.: 2010, Interplanetary shocks lacking type II radio bursts. Astrophys. J. 710, 1111 – 1126.
doi:10.1088/0004-637X/710/2/1111.

Gosling, J.T.: 1990, Coronal Mass Ejections and Magnetic Flux Ropes in Interplanetary Space. Geophys.

Monogr. Ser. 58, AGU, Washington, 343 – 364.
Illing, R.M.E., Hundhausen, A.J.: 1985, Observation of a coronal transient from 1.2 to 6 solar radii. J. Geo-

phys. Res. 90, 275 – 282. doi:10.1029/JA090iA01p00275.
Kim, R.-S., Gopalswamy, N., Cho, K.-S., Moon, Y.-J., Yashiro, S.: 2012, Different characteristics of MC

associated CME and EJ associated CME. Solar Phys., submitted (this issue).
Krall, J.: 2007, Are all coronal mass ejections hollow flux ropes? Astrophys. J. 657, 559 – 566.

doi:10.1086/510191.



58 H. Xie et al.

Krall, J., St. Cyr, O.C.: 2006, Flux-rope coronal mass ejection geometry and its relation to observed morphol-
ogy. Astrophys. J. 652, 1740 – 1746. doi:10.1086/508337.

Krall, J., Chen, J., Duffin, R.T., Howard, R.A., Thompson, B.J.: 2001, Erupting solar magnetic flux ropes:
theory and observation. Astrophys. J. 562, 1045 – 1057. doi:10.1086/323844.

Mohamed, A.A., Gopalswamy, N., Yashiro, S., Akiyama, S., Mäkelä, P., Xie, H., Jung, H.: 2012, The relation
between coronal holes and coronal mass ejections during the rise, maximum, and declining phases of
Solar Cycle 23. J. Geophys. Res. 117, 1103. doi:10.1029/2011JA016589.

St. Cyr, O.C., Plunkett, S.P., Michels, D.J., Paswaters, S.E., Koomen, M.J., Simnett, G.M., Thompson, B.J.,
Gurman, J.B., Schwenn, R., Webb, D.F., Hildner, E., Lamy, P.L.: 2000, Properties of coronal mass
ejections: SOHO LASCO observations from January 1996 to June 1998. J. Geophys. Res. 105, 18169 –
18186. doi:10.1029/1999JA000381.

St. Cyr, O.C., Cremades, H., Bothmer, V., Krall, J., Burkepile, J.T.: 2004, Morphology Indicators of the
three-dimensional size of flux rope CMEs: a prediction for STEREO. AGU Fall Meeting Abstracts,
SH22A-04.

Thernisien, A.F.R., Howard, R.A., Vourlidas, A.: 2006, Modeling of flux rope coronal mass ejections. Astro-

phys. J. 652, 763 – 773. doi:10.1086/508254.
Xie, H., St. Cyr, O.C., Gopalswamy, N., Yashiro, S., Krall, J., Kramar, M., Davila, J.: 2009, On the ori-

gin, 3D structure and dynamic evolution of CMEs near solar minimum. Solar Phys. 259, 143 – 161.
doi:10.1007/s11207-009-9422-x.



Solar Phys (2013) 284:151–166
DOI 10.1007/s11207-012-0191-6

F L U X - RO P E S T RU C T U R E O F C O RO NA L M A S S E J E C T I O N S

On the Flux-Rope Topology of Ejecta Observed

in the Period 1997 – 2006

M.A. Hidalgo · T. Nieves-Chinchilla · J.J. Blanco

Received: 7 April 2012 / Accepted: 5 November 2012 / Published online: 27 November 2012
© Springer Science+Business Media Dordrecht 2012

Abstract In the following study our aim is to analyse the magnetic flux-rope topology of
some events observed in the interplanetary medium related to ejecta. The magnetic field
structures associated with interplanetary coronal mass ejections are globally classified in
magnetic clouds and ejecta. One of the main questions regarding these phenomena concerns
their flux-rope or non-flux-rope magnetic field line configuration. From the experimental
measurements the only way to elucidate such a question is analysing the corresponding data
by means of a flux-rope physical model. After selecting the ejecta events observed during
the period 1997 – 2006, we have analysed them in light of an analytical model with that
topology for the magnetic field components, initially developed for magnetic clouds, and
with a non-force-free character; then, incorporating the expansion of the magnetic structure
during their evolution in the interplanetary medium. Different parameters obtained from
the fitting of the model are related to the orientation of the axis of the magnetic flux-rope
structure and, additionally, the closest distance approach of the spacecraft to its axis. One
of the main conclusions achieved concerns the fact that the axes of most of those structures
are close to the Sun–Earth line, which implies that the passage of the spacecraft through the
corresponding ejecta event is by its flank. In general, we show a rough procedure for the
analysis and classification of ejecta in terms of their magnetic field topology.
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1. Introduction

Looking at the in situ measurements, the coronal mass ejections (CMEs) originating in the
Sun’s lower atmosphere and propagating in the interplanetary medium appear to be more
complex than thought at the beginning; they present magnetic and plasma profiles, some of
them without showing any well-defined topology. Once CMEs drive through and interact
with the interplanetary medium they are often referred to as interplanetary CMEs (ICMEs).
These are globally classified in magnetic clouds (MCs) and ejecta (EJ), nowadays being an
active subject of interest in solar physics, above all because they have been revealed to be one
of the most determinant phenomena in the relationship between Sun and Earth, mainly for
the implication they have in the generation of many geomagnetic storms (Wu and Lepping,
2002; Jian et al., 2006).

Observations of ICMEs show that some of them are associated with structured and or-
dered magnetic field topologies, in particular, the phenomena of MCs have been well es-
tablished after Burlaga et al. (1981) fixed the criteria on the signatures appearing in in situ

measurements in the behaviour of the magnetic field and plasma. An MC is a structure in
the solar wind that, in most cases, follows an interplanetary shock, shows a smooth rotation
of the magnetic field, presents a low proton temperature (or pressure) and has a relatively
high magnetic field strength, over the usual values of the solar wind. Even more, recently
they have added the presence of bi-directional electrons and unusual charge states of oxygen
and iron.

However, there are many ICMEs that correspond to magnetic structures coming from
the Sun that do not follow all these requirements. Then, an important global question has
arisen about the topology of all these phenomena: do they have a flux-rope magnetic field
configuration? Thus, although the phenomenon of MC is considered a well-defined magnetic
field configuration, the nature and structure of the EJ are still an open question. In fact, this
was the origin of the “Living with a Star Coordinated Data Analysis Workshop: Do all CMEs
have flux rope structure?”, one held in San Diego, in September 2010, and the second one
in Alcalá de Henares (Spain), in September 2011. The approach was twofold: on one hand,
from the remote sensing point of view looking at the surface of the Sun, and, on the other
hand, analysing in situ measurements at 1 AU in light of analytical models and numerical
simulations. The latter option was ours.

From the beginning various models and techniques have appeared in the literature to
analyse the physics of MCs, with the goal to understand the global structure, the ini-
tiation and connection with the Sun, as well as the interactions with the ambient solar
wind along the MCs’ trajectory in the interplanetary medium and the Earth’s magneto-
sphere. Local models deal with circular cross section (Marubashi, 1986; Burlaga, 1988;
Lepping, Jones, and Burlaga, 1990; Hidalgo et al., 2002), including distortion (Mulligan
and Russell, 2001; Hidalgo, Nieves-Chinchilla, and Cid, 2002) or local expansion (Farru-
gia et al. 1992, 1993, 1995; Osherovich, Farrugia, and Burlaga, 1993, 1995; Marubashi,
1997; Hidalgo 2003, 2005). Concerning this aspect recent work has shown that the main
reason for the expansion of the magnetic structures in the interplanetary medium is the
decrease of the external solar wind pressure (Démoulin and Dasso, 2009); this has been
confirmed in the inner (Gulisano et al., 2010) and in the ‘near’ outer heliosphere (up to
5 AUs) (Gulisano et al., 2012). However, the relaxation of force-free and cylindrical ap-
proximation conditions is necessary in order to connect the local to the global structure
in a more realistic scene. Then, models relaxing the force-free condition (Hidalgo 2003,
2005, and references therein) have been proposed; and these models, therefore, include the
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plasma pressure to incorporate the expansion of the MC, or relax the cylindrical approx-
imation (Marubashi, 1997). They are key to deal with the global topology of the mag-
netic structure. Concerning the latter aspect several topologies have been proposed: plas-
moid, toroidal (assuming a uniform cross section along the torus) (Farrugia et al., 1995;
Romashets and Vandas, 2001; Romashets, Vandas, and Poedts, 2010), or, more recently, a
torus geometry with non-uniform (variable maximum radius) cross section (Hidalgo and
Nieves-Chinchilla, 2012).

A research line parallel to analytical models is a numerical approach. At present the num-
ber of publications related to phenomena in the interplanetary medium using this approach
is increasing (e.g., Riley et al., 2003; Riley and Crooker, 2004), many times confirming the
physics deduced from analytical models (distortion of the cross sections (Hu and Sonnerup,
2002), elliptic shape for some orientations respecting the equatorial plane (Taubenschuss
et al., 2010)).

However, in many respects analytical models are more useful, easier to apply and more
practical than numerical models, above all because they extract information directly from
experimental data and investigate the physics involved in a phenomenon like the ICME
(Linton and Moldwin, 2009).

The main feature of all analytical models is their assumed flux-rope topology. In par-
ticular, this fact allows us to use them for elucidating the presence of this magnetic field
configuration in EJ.

More precisely, we will classify ICMEs as follows:

i) MCs, structures with a clear flux-rope topology, clearly seen most of the time in the
behaviour of the magnetic field components and proton temperature or pressure.

ii) EJ; in spite of lacking well-defined signatures in the magnetic field, these may have a
flux-rope topology.

iii) Complex ejecta (CE), resulting from the interaction of successive CMEs or from the
interaction of CMEs with complex solar wind structures and streams. They are apparent
in the complex behaviour of the magnetic field components and plasma.

The second class is evident when the plasma presents clear signatures of some well-
defined structure, for example Figures 3 or 4, which are associated with the events on
November 1998 and March 2001, respectively. They show a low pressure at the time in-
terval of the ejecta. The third class can be seen in Figure 1, which is associated with the
event on May 2002; a detailed study of this last kind of structures can be found in Burlaga
et al. (2001).

Hence, in the present work we plan to analyse the magnetic flux-rope character of some
EJ observed in the interplanetary medium during the period 1997 – 2006. The outline of the
paper is as follows. In the next section we briefly describe the data used for the present
study. In the third one we summarise the flux-rope magnetic field model taking into account
a fit to the data. Section 4 corresponds to the body of the present work, being devoted to
the analysis of the set of EJ observed in the period of time of interest; we have previously
put aside the examples clearly associated with complex ejecta. In light of the results of our
analysis, we have been capable to make a first classification between non-flux-rope ejecta
(N-FRE) and flux-rope ejecta (FRE). Section 5 is devoted to a discussion of the results.

2. Data

As we have already mentioned, during the two workshops “Living with a Star Coordinated
Data Analysis Workshop: Do all CMEs have flux rope structure?”, the first in San Diego
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(US, 2010) and the second in Alcalá de Henares (Spain, 2011), a strategy was designed
to study and analyse with different models and techniques 59 ICMEs observed in the time
period 1997 – 2006.

To start with, from the selected 59 events, 24 were unambiguously associated with MCs,
i.e., the times series of the magnetic field components and the plasma measurements follow
the criteria and signatures established more than 30 years ago by Burlaga et al. (1981).
(A detailed description and study of these MCs has been reported by Ron Lepping at
http://wind.nasa.gov/mfi/mag_cloud_S1.html.) The remaining events, around two thirds and
all EJ, do not present so clear simultaneous signatures in the data. Even more, in this set
there are EJs that show complex behaviour in most of the main physical magnitudes mea-
sured, which will lead us to include them in the subgroup named complex ejecta (CE); we
will show below that in our dataset they are represented by four events.

Therefore, the challenge of the workshop has been to make some contributions to the
knowledge of the flux or non-flux-rope character of these EJs. For that task we have used
data and information coming from the ISTP (International Solar-Terrestrial Physics) pro-
gram and OMNIWeb.

3. Theoretical Model

We now summarise the analytical magnetic field model used in the present study, which is
explained in more detail in Hidalgo and Nieves-Chinchilla (2012); this model was initially
developed for MCs. Its starting point is to assume a torus geometry, relaxing the cylindrical
approximation, as a key to deal with the global topology of the magnetic structure; a similar
focus had previously been presented by Marubashi (1997), but in our case it comes with non-
uniform (variable maximum radius) cross section, and with flux-rope topology. Thus, we
solve the corresponding Maxwell equations for the magnetic field, together with the plasma
continuity equation, and we obtain B = Bϕeϕ + Bψeψ + Bηeη and j = jϕeϕ + jψeψ + jηeη;
the latter is the plasma current density, where j = je + jp ; je and jp are the electron and
proton current densities, respectively.

Because we are interested in the analysis of ICMEs at 1 AU, we will assume for the torus
a large mean radius, much larger than the minor one, and a circular cross section along it.
Then, the analytical solution for the poloidal component of the magnetic field is given by
the equation

Bϕ = B0
ϕ(ψ) cos(ϕ) − µ0jψr cosh

(

−ρ0η + f (ψ)
)

, (1)

where B0
ϕ(ψ) is the integration constant and f = f (ψ) is an auxiliary function (see below).

On the other hand, for the axial component of the magnetic field we obtain

Bψ = B0
ψ (ψ) + µ0jϕr cosh

(

−ρ0η + f (ψ)
)

, (2)

B0
ψ (ψ) is the axial magnetic field at the axis of the torus. In order to introduce the expansion

of the cross section of the MC, we assume a linear dependence with time in the components
of the plasma current density and the integration constants of both components of the mag-
netic field. Concerning the time dependence of the plasma current density (and, therefore,
of the magnetic field), this must be linear to have a physically consistent model (Hidalgo,
2011).

To be able to use the analytical expressions of the components of the magnetic field, we
have to make some hypothesis about the behaviour of the auxiliary function f (ψ): in a first
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approach we assume it to be f (ψ) = C sin(ψ/2), C being an adjustable constant (making it
zero the torus would have a uniform cross section). Moreover, on the one hand, considering
magnetic flux conservation along the torus, we write the poloidal magnetic field integration
constant as B0

ϕ(ψ) = B0
0ϕ sin(ψ/2), where B0

0ϕ depends on r . For the axial magnetic field
at the axis of the torus we write B0

ψ (ψ) = B0
0ψ | cos(ψ/2)|, imposing B0

0ψ to be constant.
On the other hand, for the poloidal component of the current density we takejϕ = α(t0 −

t)r| cos(ψ/2)|, whereas for the axial component jψ = λ(t0 − t) sin(ψ/2), where λ and α are
parameters of the model.

Finally, the expression for the solution for the third component of the magnetic field is
given by

Bη = −2 cos(ϕ)S

{

B0
0ψ sin

(

ψ

2

)

+
1

C
µ0α(t0 − t)r2 cosh

(

−ρ0η + f (ψ)
)

}

, (3)

where the term S =
√

sin2(ψ)/ sin(ψ) corresponds to the Heaviside function. Thus, we now
have analytical expressions for the three components of the magnetic field (Equations (1) –
(3) (Hidalgo and Nieves-Chinchilla, 2012).

Then, taking into account the parameters related to the orientation of the magnetic flux-
rope structure (the attitude of the axis of the flux rope, both the latitude, θ , and the longitude,
φ, and the minimum distance between the spacecraft path and its axis, y0), not only the
theoretical local magnetic field components in the GSE system can be determined, but also
the coordinates of the spacecraft at any time t inside the magnetic field structure.

Therefore, fitting the model we not only can establish if the event has, or does not have,
a flux-rope character, but it allows us to determine the orientation of its axis, which in turn
allows us to know the relative trajectory of the spacecraft through the EJ (see below).

4. Ejecta

From the potential 59 events initially considered in the time period 1997 – 2006, our purpose
in the present work is to focus on the 35 events related to EJ, trying to elucidate their flux-
rope topologies. For such an analysis we will take into account the flux-rope model presented
in the previous section.

In general, EJ correspond to magnetic structures with a low magnetic field – lower than
that observed in MCs. To establish the boundaries of every EJ we have taken into account the
behaviour of the plasma pressure (although the same signatures appear in proton temperature
or plasma beta), and the magnetic field profile, in particular, searching for an increase in the
magnetic field magnitude with respect to the mean values in the calm solar wind.

Moreover, by only having a quick look at the corresponding graphs, we have found that
among all these EJs there are four events without any kind of well-defined topology (no
clear signatures: neither in the magnetic field components, which present a complex profile,
nor in the plasma behaviour). An obvious example is shown in Figure 1, which corresponds
to the event of May 2002. We have eventually grouped these events with complex magnetic
field profiles in the set of non-flux-rope ejecta (N-FREJ), appearing in Table 1 with CE label
(see below). Additionally, in Figure 2 we present a typical fit obtained with our model to
such kind of structures, in particular for the event on August 2001. In view of the results
obtained from the fits of flux-rope models to these EJ cases, we can conclude that these
magnetic structures have more complex topologies.

The next step will be to study the remaining 31 EJs, fitting the flux-rope model to them.
After analysing those events we will be able to group this set of events in two main groups:
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Figure 1 Complex ejecta (CE) corresponding to the event 20020530. From the top down we show the
magnetic field strength, B, the Cartesian GSE-components (Bx ,By ,Bz), the proton pressure and the bulk
solar wind velocity. The vertical dotted lines represent the start and end times of the CE (see text for details).

EJ without flux-rope structure (N-FREJ, see Table 1), and EJ with flux-rope topology (FREJ,
see Table 2).

In Table 3 we summarise the results of our analyses over the whole family of events
considered.
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Table 1 Non-flux-rope ejecta found in the period analysed, 1997 – 2006. In the second column the corre-
sponding time interval is specified. In the third column we show the mean velocity and in the fourth the
type of non-flux-rope ejecta: CE (complex ejecta), N-FREJ (ejecta without flux-rope topology). See text for
details.

Ejecta (yyyymmdd) Time interval (doy) Mean velocity (km s−1) Type

19980504 123.851 → 124.065 460 N-FREJ

19980505 124.442 → 125.234 600 N-FREJ

19981113 317.235 → 317.873 385 N-FREJ

19990702 183.223 → 183.560 600 CE

19991022 294.656 → 295.256 470 N-FREJ

20000710 193.155 → 193.511 450 N-FREJ

20010305 63.721 → 64.098 430 N-FREJ

20010323 81.985 → 82.552 400 N-FREJ

20010813 225.332 → 225.886 400 CE

20020511 131.591 → 131.811 420 CE

20020520 140.564 → 140.954 450 N-FREJ

20020530 150.353 → 151.636 410 CE

4.1. Ejecta Without Flux-Rope Topology

Among the 31 EJs we find events which present a proton pressure (or temperature or plasma
beta) much lower than the corresponding ambient solar wind, implying that the EJ could be a
stable magnetic structure propagating in the interplanetary medium. However, the magnetic
field component profiles do not present the smooth and regular behaviour expected for a
flux-rope topology, but large fluctuating profiles during the time interval.

There are eight of such events, all detailed in Table 1, where they have been labelled as
N-FREJ). Choosing the boundaries of these EJ mainly through the well-defined signatures
in the proton pressure, we have tried to fit the model to all cases. The results obtained for
such events are illustrated in Figures 3 and 4, corresponding to the events 19981113 and
20010305, respectively.

In Table 1 we give the whole list of the EJ without flux-rope topology found during
the interval of interest (1997 – 2006) and studied with our model. The columns detail the
identification for each event, the corresponding time interval, the mean velocity and, finally,
the type of event: CE (complex ejecta) or N-FREJ (non-flux-rope ejecta).

For all the N-FREJ events the fits obtained are similar to the ones presented in Figures 3
and 4. The model cannot reproduce large fluctuations due to the irregular behaviour of some
magnetic field components; we can only fit smoothly the components for some of them.
Another main consequence of those fluctuations in comparison with the theoretical model
appears in the magnitude of the magnetic field, where it is clearly seen that any flux-rope
model has to fail for this kind of magnetic field structure.

4.2. Ejecta with Flux-Rope Topology

We study now the remaining 23 events. All of them present very regular magnetic field
component profiles (with no large fluctuations in the corresponding time interval) during
their durations. Moreover, the proton pressure and temperature are well defined (see for
example the graph of the pressure in Figure 5, corresponding to the event 20000712).
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Figure 2 Complex ejecta (CE) corresponding to the event 20010813 and the fitting obtained with the model.
From the top down we show the magnetic field strength, B, the Cartesian GSE-components (Bx ,By ,Bz), the
proton pressure and the bulk solar wind velocity. The vertical dotted lines represent the start and end times
of the CE. Superimposed to the experimental data the predictions of the model for the three magnetic field
components and its magnitude are shown with solid red lines (see text for details).

Fitting the flux-rope model to every EJ of these 23 we can appreciate the quality of the
fits, which leads us to assume unambiguously that they have flux-rope topologies. We have
selected, as examples, the results of the analysis for the events 20000712, 20010412, and
20050529, shown in Figures 5, 6 and 7, respectively.
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Table 2 Flux-rope ejecta (FREJ) events found in the period analysed, 1997 – 2006. In the second column
the corresponding time interval is specified, and the mean velocity at the time interval of the EJ in the third
one. The last three columns of the table correspond to the latitude, longitude and the closet approach of the
spacecraft to the axis of the flux-rope structure, y0 , expressed in AU, all of them as obtained from the fitting
of the model to the experimental data. See text for details.

Ejecta
(yyyymmdd)

Time interval
(doy)

Mean velocity
(km s−1)

Latitude
(°)

Longitude
(°)

y0 (AU)

19971211 344.822 → 345.458 360 91 179 0.0002

19980626 177.526 → 177.812 460 37 92 0.02

19981108 311.957 → 312.191 470 60 177 0.001

19990628 178.942 → 179.108 580 23 188 0.09

19990923 266.415 → 267.047 520 106 154 0.01

20000123 22.785 → 23.099 370 31 180 0.0002

20000712 194.153 → 195.116 500 51 181 0.013

20000727 209.424 → 209.863 330 65 173 0.00003

20000811 223.886 → 224.756 420 77 191 0.002

20001005 279.967 → 280.678 450 0 128 0.03

20001127 332.458 → 333.131 580 26 270 0.14

20010412 102.367 → 103.279 675 52 160 0.23

20011012 285.205 → 285.360 285 33 179 0.003

20020717 199.546 → 200.342 450 36 182 0.02

20040122 22.558 → 23.282 565 37 180 0

20041211 347.984 → 348.316 400 47 161 0.03

20050116 16.718 → 17.300 540 58 161 0.02

20050217 49.349 → 49.873 525 83 191 0.003

20050529 149.495 → 149.638 500 75 173 0.0005

20050710 192.113 → 192.298 420 0 180 0.05

20050902 245.944 → 246.209 650 58 103 0.012

20050915 258.685 → 258.715 850 59 146 0.02

20060820 232.630 → 233.625 400 7 109 0.05

Table 3 Classification of all the events considered in the present work. MC-ICME: Interplanetary coro-
nal mass ejections corresponding to magnetic clouds. Non MC-ICME: Interplanetary coronal mass ejection
corresponding to ejecta. CE: Complex ejecta. EJ: Ejecta with simple structure. FREJ: Ejecta with flux-rope
structure. N-FREJ: Ejecta without flux-rope structure.

59 events

MC-ICME 24 events

Non MC-ICME 35 events CE 4 events

EJ 31 events FREJ 23 events

N-FREJ 8 events

In Table 2 we give the list of events with flux-rope ejecta (FREJ) found in the period
studied, after analysing the data with the model. In the second column the corresponding
time interval is specified, and in the third one the mean velocity, used in the fitting procedure
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Figure 3 Non-flux-rope ejecta (N-FREJ) corresponding to the event 19981113. From the top down, we show
the magnetic field strength, B, the Cartesian GSE-components (Bx ,By ,Bz), the proton pressure and the bulk
solar wind velocity. The vertical dotted lines represent the start and end times of the EJ. Superimposed to the
experimental data the predictions of the model for the three magnetic field components are shown with solid
red lines.

for each EJ at the corresponding interval. In the last three columns of the table we give three
of the parameters obtained from the fitting: the latitude, longitude and the closet approach
of the spacecraft to the axis of the flux-rope structure, y0, expressed in AU (Astronomical
Units).
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Figure 4 The same as in Figure 3; in this case for the non-flux-rope ejecta (N-FREJ) corresponding to event
20010305.

5. Comments and Discussion

Statistically, based on the 35 events analysed, we conclude that 65 % are FREJ, i.e., it can be
assumed that they have flux-rope topology without ambiguity. The remaining events are N-
FREJ and do not have this magnetic field configuration. In fact, there are four events showing
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Figure 5 Flux-rope ejecta (FREJ) corresponding to the event 20000712. The graphs are the magnetic field
strength, B, the Cartesian GSE-components (Bx ,By ,Bz), the proton pressure and the bulk solar wind veloc-
ity. The vertical dotted lines represent the start and end times of the EJ. Superimposed to the experimental
data the predictions of the model for the three magnetic field components are shown with solid red lines.

complex behaviour in their corresponding physical magnitudes (Table 1) and presenting
important fluctuations along their durations (Figure 1).

Then, from the fitting of the flux-rope model, described in Section 3, to the data we can
ensure the presence of such a topology in a particular event and, additionally, find phys-
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Figure 6 Flux-rope ejecta (FREJ) corresponding to the event 20010412. The graphs are the same as in
Figure 5.

ical information on the phenomenon itself; specifically, the attitude of the corresponding
flux-rope structure (the latitude with respect to the ecliptic plane, θ , and the longitude in
the ecliptic plane with respect to the Sun–Earth line, φ) (Table 2). In Figure 8 we rep-
resent in polar plots the results obtained for both magnitudes for all the FREJ in the pe-
riod 1997 – 2006. Whereas the latitude obtained for this set of events meets a wide range



164 M.A. Hidalgo et al.

Figure 7 Flux-rope ejecta (FREJ) corresponding to the event 20050529. The graphs shown are the same
as in Figure 5. The vertical dotted lines represent the start and end times of the EJ. Superimposed to the
experimental data the predictions of the model for the three magnetic field components are shown with solid
red lines.

of values, the longitudes obtained for most of the events have values close to 180°, i.e.,
they are oriented in a direction loosely around the Sun–Earth line. This means that the
satellite passage through these EJ has to be close to the flank of their flux-rope struc-
ture.
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Figure 8 Results obtained for
the attitude of all the flux-rope
ejecta (FREJ) seen during the
time period 1997 – 2006. The
values for the latitude (θ) and
longitude (φ) obtained from the
fitting of the model have been
represented in polar plots. The
possible angle intervals for the
axes of the FREJ are (0,180) for
latitude and (0,360) for
longitude.

Eventually, for the sake of completeness of the present study on EJ, after classifying
them as above, a question remains open: what is the real nature and structure of the complex
ejecta?
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Abstract An analytical 3-D magnetohydrodynamic (MHD) solution of a magnetic-flux
rope (FR) is presented. This FR solution may explain the uniform propagation, beyond
∼ 0.05 AU, of coronal mass ejections (CMEs) commonly observed by today’s missions like
The Solar Mass Ejection Imager (SMEI), Solar and Heliospheric Observatory (SOHO) and
Solar Terrestrial Relations Observatory (STEREO), tracked to tens of times the radius of
the Sun, and in some cases up to 1 AU, and/or beyond. Once a CME occurs, we present ar-
guments regarding its evolution based on its mass and linear momentum conservation. Here,
we require that the gravitational and magnetic forces balance each other in the framework of
the MHD theory for a simple model of the evolution of a CME, assuming it interacts weakly
with the steady solar wind. When satisfying these ansätze we identify a relation between the
transported mechanical mass of the interplanetary CME with its geometrical parameters and
the intensity of the magnetic field carried by the structure. In this way we are able to esti-
mate the mass of the interplanetary CME (ICME) for a list of cases, from the Wind mission
records of ICME encountered near Earth, at 1 AU. We obtain a range for masses of ∼109 to
1013 kg, or assuming a uniform distribution, of ∼ 0.5 to 500 cm−3 for the hadron density of
these structures, a result that appears to be consistent with observations.

Keywords CME/ICME mass · Time dependent MHD flux-rope model ·
Magnetohydrodynamics · Transient flows in inner heliosphere

1. Introduction

The displacement of the magnetic field and plasma suddenly ejected from the Sun, i.e., solar
ejecta, also known as interplanetary coronal mass ejection (ICME), is of high interest, not
only scientifically but also socio-economically, because when directed toward Earth, they
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may effect a large range of human resources that among others include communications,
pipe-lines, and power grids (e.g., Garrett, 1981; Lanzerotti et al., 1998; Pirjola and Lehtinen,
1985; Czech et al., 1992; Albertson et al., 1973).

The interest on the subject of ICME/CME started well before the advent of the space
era. As reviews of the literature on the subject of the solar wind (SW) show, matter
escaping the Sun and making an impact on Earth’s magnetic field has been the sub-
ject of conjecture and study because of the influence on its secular changes. One may
find these perturbations to the Earth’s magnetic field reported since the 19th century (at
http://www.ngdc.noaa.gov/stp/geomag/aastar.html), and the continuous changes in geomag-
netic indices (at http://www.wdc.bgs.ac.uk/catalog/master.html); see also Bartels (1962). As
such it was possible to identify particular occasions when a temporal relationship was ap-
parent between the Earth’s magnetic storm and the earlier observation, within a day or a
few days, of a bright, at times optically visible, flare on the surface of the Sun, see, e.g.,
Carrington (1859).

Today we know that these flows result from the sudden expulsion from a region, often
low in the corona, i.e., ∼ 1.03 to 1.3 times the solar radius (RSun), of matter and magnetic
field that has cumulated there over a period of time of days or even months. From the obser-
vations of the solar corona during total eclipses of the Sun such findings became an accepted
possibility, which was later confirmed in continuous observations with mainly Hα solar tele-
scopes; see e.g. Zirin (1966).

The presence of a permanent fine plasma gas emerging from the Sun was another subject
of great interest in the astrophysical community before the advent of the space era. Among
the models advanced in the middle of the 20th century were those by Chapman (1957),
Parker (1958), Chamberlain (1960, 1961), with the observations giving overall validity to
the prediction of the SW by Parker.

The focus of this work is to address the conjecture that ICME(s) frequently neither slow
down nor speed up within 1 AU from the Sun as we illustrate in Figure 1 for several Sun-
Earth connections during the rising phase of the solar cycle 23. This happens despite the
expected presence of other interactions, such as (a) the gravitational pull of the Sun, or
(b) the drag caused by the presence of other SW streams. Regarding the data in Figure 1,
this plot uses ejecta mid-point: i) travel-times, and ii) velocities, for a subset of the cases
listed in Table 4 in Berdichevsky et al. (2002).

Figure 1 Red: curve with
shading shows in-situ central
speed Vc ±

√
2σ (standard

deviation) as a function of time
for a constant uniform
displacement of the center of a
solar eject, from three solar radii
to Earth. Symbols identify the
corresponding in situ values for a
selected set of Sun-Earth
connections, identified by date of
launch (all in year 1997, but
December event in 1996). Plotted
data are from the list of cases in
Table 4, in Berdichevsky et al.

(2002).



On Physical Constraints for Uniform Propagation of Magnetic FRs 247

In addition we ask ourselves if we can address the above conjecture while ignoring for
a few hundreds of solar radii (up to ∼ 1 AU) the drag caused by the presence of the afore-
mentioned steady flow of plasma and magnetic field, i.e., the SW. SW has been seen by the
Voyager mission to be flowing away from the Sun at locations beyond the Sun’s furthest
planet (see e.g., Richardson et al., 2008).

Here we limit our scope to addressing the conjecture(s) within the frame of the ideal
magneto-hydrodynamics (MHD) theory for a magnetic-flux rope (FR) with a uniform trans-
lation – and isotropic expansion of such a mass-carrying transient – in the presence of a
central gravitational field.

Section 2 presents the derivation of the model, which extends the solution of a propagat-
ing, free expanding magnetic structure of a FR kind in a force-free environment, developed
from first principles in Berdichevsky, Lepping, and Farrugia (2003). This we will refer to
next as BLF (see also Shimazu and Vandas, 2002). Section 3 discusses the implications of
this extended model on the carried mass by the FR structure, including a discussion of the
mass ranges carried by a CME moving at constant speed. Conclusions are drawn in Sec-
tion 4.

2. The Propulsion of a Transient of the Flux Rope Type

For the propulsion of the ICME we start with Newton’s well known second law of mechan-

ics,

d/dtP = F, (1)

relating the linear momentum of a point-like mass with the resultant of the forces applied
to it, see e.g., Equation (1) in Chapter 1 of the fourth edition of the treaty on Classical

Mechanics, by Goldstein (1956), where we assume that for a flux rope the momentum P has
a mechanical and an electromagnetic part. Here, the mechanical part

Pmec = MmecVCM (2a)

contains essentially the particles momentum of a dilute ionized gas of mass Mmec. For the
electromagnetic part, see, e.g., Jackson (1966), and in the case that the expansion speed is
much less than the translational speed |VCM|

PEM = VCM/
(

c2μ0
)

∫

Vol

B2 dVol, (2b)

from Berdichevsky, Stenborg, and Vourlidas (2011), with

B = B0(t0/t)2
[

J0

(

a(t, ρ)
)

ex + HJ1

(

a(t, ρ)
)

eϕ

]

, (3a)

where a(t, ρ) = A(t)ρ and A(t) = j0/RFRcore. J0,1 are the well known orthogonal, grade 0
and 1, cylindrical Bessel functions of the first kind, see e.g., Abramowitz and Stegun (1972).
The value of ρ = RFRcore defines the radius of ‘the circular cross section’ of a cylinder, at the
location where the axial magnetic field is identically zero, i.e., J0(j0) = 0. In this evolution
the volume (Vol) of the FR changes with time as

Vol(t) = (t/t0)
3Vol(t0) (3b)
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Figure 2 (a) Top. Evolution of a
circular cross-section
cylinder-shaped FR, derived in
BLF, projected in the plane
defined by the spherical
coordinate θ = π/2, illustrated at
time t0 and t (t0 < t), where
radius and length are R0,L0 and
RFRcore , L at times t0 and t

respectively. Dashed line in
cylinder drawn for time t

indicates its axis at a distance
RcFR from center of the Sun. On
top of the larger cylinder are also
indicated the unit vectors eρ and
ex in FR coordinates. (b) Middle.
The same as on top, but shown
only at time t , for this model of a
curved FR that has its magnetic
stresses in equilibrium with a
central gravitational force. The
figure further illustrates the
coordinates of the fraction of
mass �mi of the FR when
observed from the center of
curvature (riSun), and from the
center of the FR (riFR).
(c) Bottom. A view of the
relationship between the
spherical coordinates centered at
the Sun and the cross section of
the FR coordinates (polar)
centered at the FR axis, as seen in
a plane defined by the spherical
coordinate φi = constant.

(see BLF). It corresponds to the analytical MHD evolution in time and space of any piece of
plasma ‘�mi ’ relative to the center of mass (CM), given by

ri(t) = t/t0ri(t0), (3c)

for t > t0, within a tube of a magnetic-field flux and plasma, when the displacement of its
CM describes a rectilinear uniform motion, in this case away from the Sun, given by

RCM(t) = VCM(t − t0) + RCM(t0). (3d)

This evolution is sketched in Figure 2a with a truncated cylinder at times t0 and t > t0 ex-
panding while moving away from the center (Sun). This assumption appears justified by
observation, as illustrated in Figure 1, and for single study cases, as in the weak event re-
cently observed in situ by MESSENGER, and Venus-Express, from May 24 to 26, 2007, and
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remotely with STEREO from May 20 to 22 (Rouillard et al., 2009; Berdichevsky, Stenborg,
and Vourlidas, 2011). Another supporting example is the well documented (Special Issue
‘Bastille Day, Year 2000,’ in Solar Phys. 204, 2001) in situ observed passage of the mag-
netic cloud (MC) corresponding to the large and fast moving CME released on Bastille’s
day, of the year 2000, which we can check from the discussion by Lepping et al. (2001a).

However, a closer look at the problem reveals that in the presence of an approximately
spherical gravitational field like the one of the Sun,

FG = −GMSunMFR/|RCM|2
[

RCM/|RCM|
]

(4)

the required condition
∑

i

Fi = 0, (5)

is not satisfied without the presence of another force. Here, we consider for the purpose of
satisfying Equation (5)

FEM =

∫

Vol
Jc × B/μ0 dVol, (6)

the force acting on the FR, resulting from the magnetic field of the FR, where the integration
is over the FR volume, and Jc is the convection current; see e.g., Jackson (1966). In the case
of an evolving FR with a cylinder with circular cross-section geometry, Equation (3a) gives
the solution for B. This is a solution describing a self-similar evolution of the magnetic field
which possesses the property of being free of magnetic stresses on its plasma, i.e. it satisfies
Jc × B ≡ 0.

Hence, the uniform, isotropic motion of any plasma element ‘�mi ’ in the FR becomes
inconsistent with the presence of the gravitational pull of the Sun. This due to Equations (3c)
and (3d), for the topology of the magnetic fields in Equation (3a), valid for a cylinder, with
circular cross-section geometry. This would cause a deceleration and an observable time
delay in going from ∼ 0.05 to near 1 AU for any ICME moving with a radial speed of less
than ∼ 800 km s−1, as is shown in Figure 3. The solid line in the figure illustrates the error
in the identification of the launching time if the passing speed of the center point of the
ejecta (FR) were to be used. The dashed line gives the error in identifying the start time of
the event at the Sun, when fully considering the pull of the Sun on the FR from the energy
relationship for the gravitational central force of the Sun when using

t (1 AU) − t0 =
∫ 1 AU

r0

dr/

√

[

V 2
c − 2GMSun/r0 + 2GMSun/r

]

– see, e.g., Landau and Lifchitz (1966) – with r0 = 10RSun, and comparing it to the correct
observational identification of the evolution while traveling at a constant velocity. Figure 3
shows that the mismatch when considering exactly the pull of the Sun would still be large
for the range enclosed by the dashed rectangle on its upper left corner, which corresponds
to the events in Figure 1. These are the events that served as the basis for the conjecture
that the displacement of the FR is at constant speed between approximately ten solar radii
and 1 AU. Detailed tracking (e.g., Rouillard et al., 2009; Wood and Howard, 2009; Wood et

al., 2011) confirms that frequently the conjecture of a constant speed for the propagation of
elements of ICMEs appears to be quite good.

Here we address this problem of uniform propagation of the center of the structure by

incorporating magnetic stresses to equilibrate the pull of the gravitational field, assuming
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Figure 3 The top curve shows the delay δT in reaching 1 AU when covering a distance from 10RS to 1 AU
as a function of the measured speed of the FR at 1 AU (215RSun) from the center of the Sun when the pull of
gravitation is considered approximately, i.e., the motion is assumed to be rounded to the observed speed of
the FR at 1 AU. The dotted line is the delay when integrating the time exactly. The rectangular dashed gray
box shows the range of speeds observed for the CMEs in Figure 1. On the bottom left side of the figure are
further shown the slow and fast SW speed ranges commonly observed.

that the ejected FR possesses the curvature in the sketch of Figure 2b. As will be shown
later, we need to consider only the mechanical linear momentum, Pmec (Equation (2a)), when
considering equilibrium in Equation (1). Other authors, e.g., Holzer (1979), have considered
the possibility (or the need) of the existence of such force(s) counteracting the pull of the
Sun, enabling plasma and field to be displaced upward.

Figure 2b shows the axial symmetric FR magnetic field curved along a circular arc, with
its major radius of curvature RcFR with origin at the CM of the Sun. Further, Figure 2b
shows the radius vector, riSun = rier , connecting the element of mass ‘�mi ’ of FR-plasma
to the center of the Sun (CSun), in the (horizontal) plane defined by the spherical coordinate
θ0 = π/2. Also in Figure 2b it is shown how the same element of mass is connected to the
center of the FR, CFR, with

riFR = ρieρ + xiex,

where ρi is defined with respect to the axis of symmetry of the FR, and xi to CFR along its
axis.

With the help of the relationship illustrated in Figure 2c between the spherical coordinates
ri , and θi , centered at the Sun, and the cylindrical-FR coordinates ρi , and ϕi , under the
constraint ∇ ·B = 0, it is determined that a torus shape, i.e., the curvature of the FR geometry
imposes a distortion to the geometry of its cross section that can be expressed through a
modified magnetic field argument,

A(t, ρ,ϕ) = a(t, ρ)
[

1 + ρ/RcFR

(

cos(ϕ) −
∣

∣sin(ϕ)
∣

∣

)]

, (7)

instead of the argument ‘a(t, ρ)’ of the cylindrical Bessel functions of the first kind in the
magnetic field expression of the model, as shown in Equation (3a). The sketch of Figure 4
illustrates with the thick dotted line the deviation of the contour from the unperturbed case,
the circular solid line (i.e., deviation from the case when RcFR → ∞). These are the loci of
the points where the axial component of the field is identically zero, i.e., when A(t, ρ,ϕ) =
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Figure 4 The thin, red, circular curve represents the location where the magnetic field is fully poloidal for
the circular cross-section cylinder-shaped FR, when we have evolution in the absence of external forces,
see, e.g., BLF. The thick, blue, curve with its broken circular symmetry in a mirror symmetric cross section
represents the new model shape for the region where the magnetic field is fully poloidal for the bended,
truncated-torus FR shape with major axis of curvature RcFR . It corresponds to the case in which there is a
gravitational field centered at distance RcFR from the FR-axis in equilibrium with the magnetic stresses of
the structure modeled in this work. nA is the normal unit vector to the thick curve, and nρ and nϕ are polar
unit vectors for the coordinate system corresponding to the center of the circular curve. The scale corresponds
to in-situ FR observations for the event discussed in Berdichevsky, Stenborg, and Vourlidas (2011).

j0, for RFRcore/RcFR = 0.1. This is exact to order n = 1 on a (RFRcore/RcFR)n perturbation
expansion, derived for this model with curvature by modifying perturbatively the force-free
evolution of the magnetic field of BLF.

The argument A(t, ρ,ϕ) modifies the convection current ‘Jc = ∇ × B/μ0’ into

Jcρ = −A(t)/μ0Bϕρ/RcFR

(

sin(ϕ) + ∂ϕ

∣

∣sin(ϕ)
∣

∣

)

,

Jcϕ = A(t)/μ0Bϕ

[

1 − 2ρ/RcFR

(

cos(ϕ) −
∣

∣sin(ϕ)
∣

∣

)]

,

Jcx = A(t)/μ0Bx

[

1 − 2ρ/RcFR

(

cos(ϕ) −
∣

∣sin(ϕ)
∣

∣

)]

along the eρ , eϕ , and ex directions, respectively, in the FR-intrinsic system of ‘cylindrical’
coordinates. Without loss of generality, we can consider the truncated-torus structure com-
posed as a succession of n contiguous, narrow cylinder rings for each of which there is
defined the set of ρn, ϕn, xn, FR coordinates introduced earlier; see the sketch in Figure 2b.
In this approximation the explicit expressions for the current Jc and magnetic field B allow
a straightforward evaluation to be made of the force FEM; see Equation (6).

The result gives the component of FEM along the radial direction from the center of the
Sun, equal to

(FEM)r = π/(4μ0)(0.5201/0.4158)2
[

�2
ϕ(RFRcore/L1/2)(VcFR/vRcore)

]

/|RcFR|2. (8)
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This is a force of the magnetic field pointing outward from the Sun, where: i) �ϕ is the
poloidal flux of the magnetic FR, in the case that the main axis of the truncated-torus struc-
ture is orthogonal to er (= RcFR/|RcFR|; see Figure 2b), the radial direction from the Sun;
ii) VcFR is the speed away from the Sun at the center of the FR; with iii) vRcore the velocity
expansions of the FR surfaces at its minor radius of curvature, the surface-boundaries are at
RFRcore, and L1/2 (half the arc-length extension of the FR along its major radius of curvature
RcFR). Notice that we neglected terms order c−2, and (RFRcore/RcFR)2.

Then, if other forces are not included (e.g., drag caused by a solar wind stream in which
the FR evolves) the uniform evolution of each mass element in the FR, given by the ansatz in
Equations (3c) and (3d), is on average enabled, without perturbations, in the radial direction
away from the Sun when

(a) RcFR = RCM

i.e., the centers of the electromagnetic fields and masses of the structure coincide, and on av-
erage Equation (5) is satisfied when the FR physical mechanical and electromagnetic prop-
erties satisfy

(b) − GMSunMmec + π/(4μ0)(0.5201/0.4158)2
[

�2
ϕ(RFRcore/L1/2)(VcFR/vFRcore)

]

= 0.

Then, without loss of generality, it is possible to state that the value of

Mmec = (0.5201/0.4158)2π/(4μ0)/[GMSun]
[

�2
ϕ(RFRcore/L1/2)(VcFR/vFRcore)

]

(9)

is required for the above described simple evolution of the FR, which is propagating as a
whole at constant speed VcFR away from the Sun.

When interpreting in our ideal MHD model the above developed connection between
Mmec and the structure’s poloidal magnetic flux �ϕ , it is necessary to check the intrinsic
consistency of the above derived relationship, given that, as we know, the electromagnetic
field of the expelled magnetic structure has a weight, which due to the explicit dependence of
the fields on the inverse square power of the time, changes with time as t−1 (see Section 4.4
in Berdichevsky, Stenborg, and Vourlidas, 2011). There,

PEM = VCM5.547πB2
0/μ0

[(

R2
FRcoreL0

)

/c2
]

t0/t (10)

is the electromagnetic lineal momentum. It presents this t−1 dependence, in its simplified
case, corresponding to the cylindrical symmetry of the FR electrodynamics.

In this case, for t > t0 and the RCM(t) > 10RSun, i.e., already in a collision-less region,
and for constant VCM, we can write

PEM = VCM5.547πB2
0/μ0

[(

R2
FRcoreL0

)

/c2
][

RCM(t0)/RCM

]

.

In this way we identify the electromagnetic mass

mEM(RCM) = 5.547πB2
0/μ0

[(

R2
FRcoreL0

)

/c2
][

RCM(t0)/RCM

]

contributing to the mass of the FR (MFR), which we then rearrange in terms of the poloidal
magnetic flux �ϕ , thereby obtaining

mEM(RCM) = 32.08π/
(

μ0c
2
)[

�2
ϕ/RCM

]



On Physical Constraints for Uniform Propagation of Magnetic FRs 253

Table 1 Top: quantities used to calculate MFR , bottom: approximations made deriving the FR model.

Quantity Mean Sigma Unitsa

B0(1 AU) – magnetic field strength 18.8 9.1 nT (10−9 Tesla)

RFRcore(1 AU) – FR minor radius 0.123 0.6 AU (150 × 109 m)

φFR – CME/FR angular extent 57.30° 30°

VFR – average FR velocity 500 130 km s−1

μ0 – vacuum magnetic permeability 4π × 10−7 kg m C−2 (Coulomb2)

MSun – mass of the Sun 2 × 1030 kg (Kilogram)

G – gravitation constant 6.7 × 10−11 m3 (s−2 kg−1)

(RFRcore/RcFR)2, VcFR/c – neglected terms O × 10−2, 10−3

The ratios in the table show the ranges in the derivation of the relations used. The approximations considered

are appropriate when VcFR/c and (RFRcore/RcFR)2 ≪ 1.
aValues are listed in the rationalized MKS system of units.

by assuming the same angular extension as before: α = 57.30°. In this way we readily find
that the ratio is

Mmec/mEM(RCM) ∝ (c/vFRcore)
2.

A closer evaluation of this ratio (for vFRcore ≤ 102 km s−1) gives mEM(10RSun)/Mmec ∼
O × 10−6 (here ‘O’ stands for ‘order’). Therefore, in our velocity range it is possible to
consider the FR mass MFR as constant, and to consider as valid its interpretation as the me-
chanical mass, Mmec, of the FR at distances RcFR ≥ 10RSun from the Sun, as was evaluated
in Equation (9). This allows us to proceed to the evaluation of the mass transported (or pro-
pelled) by this MHD FR model with the help of limited information on the structure, as
listed in Table 1.

3. Model Prediction on FR-Masses (-Particle Densities)

Compilations on CME extensions and speeds suggest that the length ratio and velocity ratio
in Equation (9) is likely confined to a narrow range, while to some extent they are indepen-
dent between themselves. In-situ observations also suggest ejecta amenable to the Lundquist
magnetostatic model fitted to the data assumed to be associated with a FR (commonly named
magnetic cloud, i.e., MC). Here, we emphasize once more that the plasma structure with a
magnetic field of the FR type that concerns us in this work is extensively discussed empir-
ically in the literature under the common name of a MC; see, e.g., Burlaga (1988). There,
a rich number of plasma properties have been identified with the help of the magnetostatic
model (Lundquist (1951); see also, e.g., Lepping, Jones, and Burlaga, 1990). These MCs
are interpreted to be our FRs frozen in time. This allows us to use the average MC magnetic
field, dimension, and mean propagation velocity parameters, in Table 1, from a set of more
than 100 cases listed on the extension and magnetic characteristics, in Lepping et al. (2006).

Hence, we assume in Equation (9) that

x = L1/2/RFRcore, and (11a)

y = VcFR/vFRcore (11b)
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constitute independent parameters. They are both dimensionless ratios, while the third inde-
pendent parameter,

z = �2
ϕ, (11c)

is the magnetic poloidal flux square, �2
ϕ , of the structure in units of zetta-Wb2 (≡ 1021 Wb2).

Armed with the center FR speed, VcFR ∼ 〈|VMC|〉, the FR (or MC) mean velocity, its
orientation, magnetic field strength, B0, and time duration T of its passage at 1 AU, the
variable ‘y’ is determined, and we are left with two undetermined ranges in two variables
‘x, and z, when lacking information on L1/2.’ However, solar observations can be used to
constrain the indetermination of the value of this MHD evolution model to a much narrower
range for the mass. In the particular case of the tracked May 20, 2007, CME directed toward
Venus, we observationally identify x ∼= 6, to less than 1 % of uncertainty, assuming isotropic
propagation, further validated by observations of the time passage and remote monitoring
of the evolution of the structure. In this case the model mass formula results in Mmec(FR) =
4.4×1011 kg, which is within less than two standard deviations of the estimate of 2.0±1.2×
1011 kg, reached, through extrapolation, for the FR-part of the identified ICME tracked from

May 20 to 26, in Berdichevsky, Stenborg, and Vourlidas (2011).
Next we consider the evaluation of a ‘generic’ mass transported (or propelled) by this

MHD FR model with the help of a few constants, and assumptions made, listed in Table 1.
Henceforth, we extract from Equation (9), with the help of relations in Equations (11a)–
(11c), a Mmec for a generic CME whose parameters are obtained from the mean values over
several years of observations (see, e.g., Bothmer and Schwenn, 1998; Huttunen et al., 2005;
Lepping et al., 2006).

From Table 1 we define the generic FR as having the average properties observed near
Earth listed in Lepping et al. (2006): i) a magnetic field strength, 〈B0〉 = 18 nT, ii) RcFR =
1 AU (i.e., Earth-Sun distance), iii) a cross section with a radius value 〈RcoreFR〉 = 0.123 AU;
and iv) a mean velocity 〈VMC〉 of approximately 500 km s−1. To that we add the assumption
that it has an angular extension of 1 radian, i.e., L = 1 AU; then L1/2 = 0.5 AU, with

〈

|�ϕ |
〉

= 0.4158
(

〈B0〉〈RFRcore〉L
)

(12a)

having a value 2.15 × 1013 Wb. Then, with the uniform propagation and expansion from
0.05 AU to Earth’s location, the ratio

VcFR/1 AU = vFRcore/〈RFRcore〉 (12b)

holds approximately, implying vFRcore
∼= 40 km s−1, when we incorporate width, and exten-

sion of the FR at its launch in the low corona near RSun. This gives at 1 AU a FR with mean
dimensions that will support the uniform rectilinear propagation away from the Sun with a
mass MFR

∼= 1.0 × 1013 kg.
At Earth’s distance, a mean density N(1 AU) = 38 hadrons cm−3 for the generic FR is

obtained by dividing MFR by the volume (∼= π〈RFRcore〉2L) of the truncated-torus shaped
magnetic structure. Here we consider a mass of hadron of 1.67 × 10−27 kg (= mp). When
comparing with the density of the protons observed we take into consideration the empiri-
cally determined composition of an eject, where fully ionized He++ (αs) are about 10 % of
the density and also there is often enhancement of heavy ions (see e.g., Hirshberg, Bame,
and Robbins, 1972; Richardson and Cane, 2004) reducing the number of protons in the FR
to about 2/5 to 1/2 of the total hadrons carried by the FR. This means we have a proton-
density estimate of 〈Np〉 ∼ 17 p cm−3 for the generic FR.
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When we restrict ourselves to the rising phase of Solar Cycle 23, analyzed in detail in
Lepping et al. (2003), 〈B0〉 becomes 72 % of the value listed in Table 1, and consequently the
predicted model poloidal flux �ϕ is reduced by a factor of 0.752, considering that the mean
radius is 〈RFRcore〉 = 0.14 AU, and assuming the same L1/2. For this set the mean MC speed
is 〈V 〉 = 400 km s−1, interpreted as before to be VcFR. The measured mean expansion speed
of the core boundary for the set is 〈vFRcore〉 = 27 km s−1. Then, assuming the same hadronic
partition of the plasma as in the case of the ‘generic’ FR gives a model with Np = 13 p cm−3.
For this particular set a mean value of 〈Np〉 = 11.5±3.0 p cm−3 is the result of observations
carried out with the SWE instrument in the Wind mission, which is in excellent agreement
with the model.

The relatively large standard deviation in any compilation of MCs, e.g. for the standard
deviations presented in Table 1, suggest the exploration here of their ranges in mass given
by the relationship

Mmec = 7.3 × 10−15xyz kg Wb−2 (13)

with x = RFRcore/L1/2, y = VCM/vFRcore, z = �2
ϕ , with the mass Mmec of the FR in kg (ra-

tionalized MKS system of physical units). Hence, in the corona of the environment of the
Sun and its ensuing ‘steady’ SW presence there is a set of possible CME/ICMEs with the
FR properties empirically described above, where Table 1 shows us a set of ranges for our
parameters.

However, we choose to select a range for the FR parameters directly from the obser-
vational record of MCs, i.e., FR-like structures tabulated by different authors on the field
(e.g., Huttunen et al., 2005; Lepping et al., 2006). Here again we use Lepping et al. (2006),
to choose the ranges of properties of the MC: i) 〈|VMC|〉, the FR (or MC) mean velocity;
ii) magnetic field strength, B0; and iii) minor radius of the truncated torus RMC. All esti-
mated quantities of their MCs are kept by the magnetic field experiment in the table-page
of the WIND MFI Science Team (1995), running until present. Therein is a list of over 130
events compiled so far, starting with observations after its launch in November 1994, and
still being compiled. Table 2 presents the range we extract for them. To these parameters
we add the needed arc-length extension of the CME, LCME, from Yashiro et al. (2004) (see
also Thernisien, Vourlidas, and Howard, 2009), and which we assume to be the same for the
ICME. In this analysis of mass ranges for the FR structure possibly to be observed we use
the simple evolution described above. The range then obtained for the ejected mass, carried
in the isotropic evolution of the FR, is

1.0 × 109 < Mmec/kg < 1.6 × 1013. (14a)

We see that it covers a range of four orders of magnitude, and while obviously the FRs with
the strongest magnetic field strength will have no problem plowing their way through any
steady SW condition ahead of them, such a propagation will become problematic for a MC
with the weakest magnetic field strength even in the presence of average SW conditions. In
such a case, dragging effects on the evolution of the structure with respect to time would
likely be substantial.

The ranges of masses and volumes estimated for the FR correspond to a density range
per hadron of

∼ 0.40 cm−3 to ∼ 400 cm−3 (14b)

when considering the second and third column values from Table 2.
Interestingly, during the time interval extending from the beginning of 1995 to the

present, the MCs with the weakest observed strength have occurred recently, beginning
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Table 2 Relevant parameters for
finding the Mmec carried by this
FR model of an ICME.

Input Low value High value Units

B0MC 6 70 nT

〈|VMC|〉 300 1000 km s−1

RMC 0.03 0.21 AU

φCME 10° 120°

Mass dependence

x (= L1/2/RFRcore) 5.8 10

y (= [VcFR/vFRcore]
2) 10 30

z (= �2
ϕ ) 8.0 × 1022 1.0 × 1028 Wb2

around the year 2008, when several cases with a strength B0 < 10 nT were observed. It
is during this time interval that the interplanetary magnetic field was extremely weak, with
an average value well below 5 nT (see, e.g., Lepping et al., 2011).

4. Discussion, and Concluding Remarks

Starting perturbatively from a force-free MHD evolution of a flux rope, and introducing a
curvature to the geometry of the structure such that the minor-to-major axes ratio satisfies
(RcoreFR/RcFR)2 ≪ 1, we find:

i) Magnetic stresses in the FR can be accommodated to compensate for the pull of the
gravitational force allowing the structure to evolve undergoing isotropic expansion,
while moving as a whole at constant speed away from the Sun.

ii) This modified, non-‘magnetic force-free’ MHD solution of the FR has a non-circular
cross section, as illustrated in Figure 4.

iii) The condition of a constant speed evolution relates the mass of the structure to its ge-
ometry and magnetic poloidal flux in the manner shown in Equation (9).

Further expanding on finding (i), this truncated-torus MHD solution extends the ideal MHD
solution for a cylindrical geometry, with a circular cross section, of an evolving FR found
in BLF to the case in which the structure is curved. The electromagnetic fields are distorted
such that a magnetic force Jc × B = 0 appears to equilibrate the pull of a gravitational
force possessing spherical symmetry. This is shown to be a consequence of the ansatz of
Equation (5), Section 2.

In this case each of its elements would appear to move on average ‘freely’, while as
a whole the FR-structure undergoes a self-similar expansion. This mass (Mmec), then, de-
pends on the extension and width, translational and expansion velocity, and the square of
the poloidal magnetic flux carried by the magnetized plasma structure.

The ubiquitous encounter with MCs that appear to have Lundquist’s magnetic solution at
each instant in time – by unmanned, interplanetary plasma laboratories (scientific spacecraft
devoted to the study of the solar wind) – suggests that the right conditions for such a ‘simple’
evolution are frequently met in nature.

In the case of the Sun, Equation (9) gives the relationship between the mass carried and
the magnetic flux, as well as its size and velocity parameters. Then we find that this model,
predicting a mass for the magnetic FR-structure escaping the Sun, appears in reasonable
agreement with observations as shown for: i) a generic magnetic cloud, ii) Wind MCs ob-
served from the rising phase of Solar Cycle 23, and iii) a case study.
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Figure 5 Hand-made sketch
showing a spring compressed and
bent into acquiring a major
‘spring-radius’ of curvature, Rcs ,
from a center C to the axis of the
spring (dashed line). In this way
we show its stresses represented
by the forces fs , ready to propel
the spring outward from its
center of curvature while
expanding toward achieving its
proper length l0 (indicated with
the curve on top of the spring).
This is illustrative of the manner
in which the model of the FR
presented possesses magnetic
stresses with the right conditions
given; it results in its outward
direction from the Sun enabling it
to equilibrate the gravitational
pull of the Sun on the structure’s
mass.

When considering the parameter ‘y,’ Equation (11b), to be constant while VcFR → 0 for
the particular case that the FR neither undergoes motion relative to the Sun, nor expansion,
the solution would be valid. Also the FR, if unperturbed, would under such circumstances
be in equilibrium, i.e., levitated magnetically with respect to the Sun surface. However, it
should be subject of further study to find if additional stability conditions are met for such
a quiescent state of the FR to exist in nature over time intervals that would allow their
observation.

When considering this kind of evolution we expect it to be possible in other environ-
ments; for example, as the evolution of a flux transfer structure after detaching itself from
Earth’s magnetosphere like those observed at Earth’s magnetopause (see e.g., Le et al., 1999,
2008), or the Earth’s magnetosphere tail (see e.g., Slavin et al., 2002), as well as from more
exotic structures, or possibly present too as transients in stellar structures with much stronger
electromagnetic winds than the Sun. They could also be related to processes connecting to
nebulas, and/or be generated in the neighborhood of (active) galactic nuclei.

In the cases referred to in our work through Figure 1, the effects of the drag force are
observed to affect mainly volumes of plasma neighboring the contact regions between the
ICME and the plasma stream in which the ejected structure is immersed. These effects have
been observed under a diverse set of conditions (see e.g., Lepping et al., 2001b). This may
not always be true and their influence on the FR when drag dominates (e.g., Farrugia and
Berdichevsky, 2004; Berdichevsky et al., 2005) is beyond the scope of the present work. For
the possible presence of a combination of SW streams responsible for global deformation
of the FR cross section into elliptical or more general shapes, see e.g., Hu and Sonnerup
(2001), Hidalgo, Nieves-Chinchilla, and Cid (2002). Also beyond this study are considera-
tions regarding the thermal evolution of the structure, which observations appear to indicate
the polytropic index γ of the FR to be smaller than one due to the electrons (e.g., Osherovich
et al., 1997; Sittler and Burlaga, 1998).

The propulsion mechanism here presented can be understood as the result of the differ-
ence in the tightening of the poloidal magnetic field (Bϕ) in the rear (closer to Sun) relative
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to the front (further away from the Sun) of the FR. The consequence is that while the FR
propagates away from the Sun, it produces a force on its mechanical mass, Mmec, pushing it
in the opposite direction to the pull of the Sun’s gravitational force. This is similar to what
happens to a straight spring when we compress the spring and bend its axis of symmetry as
in the form illustrated in Figure 5.

One of the predictions raised in this work which it would be possible to investigate is if
the model here discussed is capable of giving quantitative agreement of observation for the
mass of specific ICMEs.
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Abstract We intend to provide a comprehensive answer to the question on whether all
Coronal Mass Ejections (CMEs) have flux rope structure. To achieve this, we present a
synthesis of the LASCO CME observations over the last 16 years, assisted by 3D MHD
simulations of the breakout model, EUV and coronagraphic observations from STEREO
and SDO, and statistics from a revised LASCO CME database. We argue that the bright
loop often seen as the CME leading edge is the result of pileup at the boundary of the
erupting flux rope irrespective of whether a cavity or, more generally, a three-part CME can
be identified. Based on our previous work on white light shock detection and supported by
the MHD simulations, we identify a new type of morphology, the ‘two-front’ morphology. It
consists of a faint front followed by diffuse emission and the bright loop-like CME leading
edge. We show that the faint front is caused by density compression at a wave (or possibly
shock) front driven by the CME. We also present highly detailed multi-wavelength EUV
observations that clarify the relative positioning of the prominence at the bottom of a coronal
cavity with a clear flux rope structure. Finally, we visually check the full LASCO CME
database for flux rope structures. In the process, we classify the events into two clear flux
rope classes (‘three-part’, and ‘Loop’), jets and outflows (no clear structure). We find that
at least 40 % of the observed CMEs have clear flux rope structures and that ∼29 % of
the database entries are either misidentifications or inadequately measured and should be
discarded from statistical analyses. We propose a new definition for flux rope CMEs (FR-
CMEs) as a coherent magnetic, twist-carrying coronal structure with angular width of at
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least 40◦ and able to reach beyond 10 R⊙ which erupts on a time scale of a few minutes to
several hours. We conclude that flux ropes are a common occurrence in CMEs and pose a
challenge for future studies to identify CMEs that are clearly not FR-CMEs.

Keywords Coronal mass ejections, low coronal signatures · Coronal mass ejections,
initiation and propagation

1. Introduction

Since their detection in the early 1970s, Coronal Mass Ejections (CMEs) have been the sub-
ject of intense investigation with regard to their initiation mechanisms, their effects on the
corona and their association with other coronal phenomena (e.g., flares and prominences).
The Topical Issue this article is published in presents results from a Coordinated Data Anal-
ysis Workshop (CDAW) devoted to the question: “Do All Coronal Mass Ejections (CMEs)
Have Flux Rope Structures?”. Such a specific physics-based question shows that we have
come a long way towards understanding the nature of these explosive events especially when
we consider the original definition of a CME: “a relatively short scale white light feature
propagating in a coronagraph’s field of view” (paraphrasing Hundhausen et al., 1984).

Traditionally, CMEs were observed with visible-light coronagraphs and clues on their
origin and nature were based on their morphology in those images (Munro et al., 1979;
Howard et al., 1985; Burkepile and St. Cyr, 1993). Despite the apparently large variation in
the appearance of CMEs, two particular morphologies stand out: the ‘loop’-CME where a
bright narrow loop-like structure comprises the CME front, and the ‘three-part’-CME (Illing
and Hundhausen, 1985) where the bright front is followed by a darker cavity, which fre-
quently contains a bright core. It has become the archetypical morphology of a CME even
though the ‘three-part’ morphology could be identified in only about a third of the events
(Munro et al., 1979). It is still unclear whether the remaining variation is the result of pro-
jection effects due to the optically thin nature of the emission or not.

It was recognized early that the cavity rather than the prominence in the core drove
the CME (Hundhausen, 1987). An initial controversy on whether CMEs were planar
(i.e., ejected loops) or three-dimensional (i.e., bubbles) structures was largely resolved
by the end of the 1980s. Crifo, Picat, and Cailloux (1983) demonstrated, using polariza-
tion analysis, that the loop front was indeed a bubble. The identification of halo CMEs
by Howard et al. (1982) with their quasi-circular appearance established their three-
dimensional (3D) nature and led to the adoption of the ‘ice-cream’ model to describe and
fit the kinematics of these events (Howard et al., 1982; Zhao, Plunkett, and Liu, 2002;
Xie, Ofman, and Lawrence, 2004; Xue, Wang, and Dou, 2005). A bubble or spherical struc-
ture is the intrinsic assumption behind this model which is not a proper description as we
will discuss later.

As theories progressed towards a more physical basis for the CME initiation, they fo-
cused on 3D magnetic topologies that could account for the ‘three-part’ morphology and
the frequent association with prominences. This quickly led to scenarios of rising loop
arcades, overlying a prominence, which underwent reconnection to form magnetic flux
ropes (FR, hereafter; Anzer and Pneuman, 1982; Forbes, 1990). Alternatively, the FR
could pre-exist and rise under the driving of Lorenz forces (Kuperus and Raadu, 1974;
Chen and Garren, 1993). While the question of whether the FR is formed before or during
the eruption remains open, the overwhelming majority of magnetohydrodynamic (MHD)
models and simulations agree on one thing. Namely, the erupting structure is always a FR
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(Chen, 2011). There is no physical mechanism that can produce a large-scale fast eruption
from the corona without ejecting a flux rope, to the best of our knowledge.

At the same time, in-situ measurements of interplanetary CMEs (ICMEs) often encounter
structures with smooth rotation in one, or more, components of the magnetic field which
can be fitted with FR models (Klein and Burlaga, 1982; Lepping, Burlaga, and Jones, 1990;
Isavnin, Kilpua, and Koskinen, 2011, to name a few). These so-called Magnetic Clouds
(MCs) can be considered then as the interplanetary manifestations of the ejected FR pre-
dicted by theory and possibly detected as the cavity in the ‘three-part’-CMEs (Burlaga et al.,
1982). Cane and Richardson (2003) found that 100 % of ICMEs detected during solar min-
imum were MCs reducing to <20 % during solar maximum.

So the CDAW question regarding the nature of CMEs, at least in the case of ‘three-
part’-CMEs, seems to have been answered. A CME is simply the ejection of a magnetic
FR structure from the lower corona which takes the form of a ‘three-part’-CME or a MC
depending on the instrumentation used (images or in-situ, respectively) to detect it.

But if a FR is a necessary ingredient for an ejection, why do not all CMEs show evidence
for such a structure? In other words, why are all CMEs not ‘three-part’-CMEs? Some have
just a loop front while others appear as jets or structureless clouds or blobs. For example,
Howard et al. (1985) categorized CMEs, between 6 – 10 R⊙, into ten morphological classes
based on their appearance in Solwind observations. Why is there such a large variety of
shapes? Could there be other types of magnetic structure, besides FRs, ejected from the
Sun? If they do exist, they would suggest a major gap in our understanding of eruptive
processes, given the prevalence of FR in our theories.

Second, not all ICMEs exhibit MC signatures. Is this simply a result of ‘glancing’ cuts
between in-situ instruments and the ICME? Or do CME FRs lose their coherence as they
travel in the interplanetary space, through reconnection with the ambient solar wind for
example (Dasso et al., 2007)?

Third, many fast ICMEs are driving a shock followed by a sheath of post-shocked plasma.
The resulting five-part ICME (shock, sheath, dense front, cavity, and dense plug) does not
have a coronal counterpart. Where are the five-part CMEs or more precisely, where are the
shock and sheath signatures in the coronagraph images? Shocks could deflect streamers
and generally affect the ambient corona, ahead and at the flanks of a CME, thus creat-
ing complex brightness distributions in the images. Could such effects be responsible for
misidentifications, and hence misinterpretations, of CME morphologies, kinematic profiles,
and associations with structures in the low corona or the inner heliosphere?

Fourth, and related point: the emission processes in both low (EUV) and middle (white
light) corona are optically thin resulting in images that are projections on the plane of sky
(POS). Do these projections affect our ability to properly interpret observations and how can
we account for them? We will address this problem throughout this paper.

The Large Angle and Spectrometric Coronagraph (LASCO; Brueckner et al., 1995)
project has accumulated the largest and longest database of coronagraphic observations of
CMEs since 1996. Spanning more than a complete solar cycle, it is reasonable to expect that
events of every possible orientation, size, speed, mass, and morphologies have been cap-
tured. We should be in a position to understand the role of projection effects on the images,
identify the origin of the various features (CME or not) in a given LASCO image, and hence
answer the question posed in this Topical Issue.

To accomplish this task comprehensively we have given this paper a relatively large
scope. It represents a synthesis of the observational knowledge gained over the 16 years of
LASCO observations. In the following sections, we will provide: evidence for the FR struc-
ture within CME cavities (Section 2), evidence for the existence of white-light shock and
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tips on distinguishing the shock front from the CME front (Section 3), theoretical support
for these interpretations using synthetic images from 3D MHD simulations (Section 4), ob-
servations that clarify the connection between prominence and erupting cavity (Section 5),
and finally statistics on the occurrence of ‘three-part’ or more precisely FR-CMEs, along
with a discussion on the constraints of event lists (Section 6). We discuss and conclude in
Section 7.

We will support several of our predictions and conclusions by using two-viewpoint imag-
ing afforded by the Sun-Earth Connection Coronal and Heliospheric Investigation (SEC-
CHI; Howard et al., 2008) on-board the Solar TErrestial RElations Observatory (STEREO)

(Kaiser et al., 2008). We will use the SECCHI observations as necessary but we want to
focus on the single viewpoint from LASCO for two reasons. First, this article is part of a
workshop devoted to the analysis of events observed with LASCO. Second, and more im-
portant, the STEREO mission has a finite lifetime. Budgetary and other concerns suggest
that future observations (whether research or operationally oriented) will be obtained from
a single vantage point. It is therefore crucial that future observers can interpret such single
viewpoint observations accurately.

2. Where is the Flux Rope? The Three-Part CME

As we noted, the three-part morphology has been identified since the early coronagraph
observations. The prototypical event is an event similar to the CME in Figure 1. All three
components can be readily identified in this snapshot (the movie is available as an electronic
supplement to this article) which was constructed by dividing the original image with a long-
term background to remove the effects of the F-corona but to avoid removal of the ambient
electron corona. An inspection of the accompanying movie reveals that the brightness of the
front originates from the pile-up of the overlying streamer material. The core has sufficient
structure to identify it unambiguously with the pre-eruption prominence (we will not dis-
criminate between the terms ‘filament’ and ‘prominence’ here since they both refer to the
same structure). Note that the cavity, while not completely devoid of plasma, does contain
less electrons (it is less bright) than its surroundings. These aspects have been noted before.
The question here: Where is the evidence that the cavity is (or contains) a ‘flux rope’-like
structure?

Let us focus on the concave upward features labeled as ‘horns’. They seem to originate
within the core and to outline the extent of the cavity. Such a configuration is consistent
with models of prominence suspension at the bottom of a coronal flux rope cavity (Low and
Hundhausen, 1995). Plunkett et al. (2000) commented on the appearance of these ‘horns’
in EIT images before the eruption as an indication of the formation of the flux rope which
subsequently erupted and they also noted that the prominence lay at the trailing edge of the
CME. Similar structures were observed by Wood et al. (1999) and Dere et al. (1999) and
interpreted in a similar way as direct evidence of the FR nature of the CME cavity.

Although these features have been observed in many events since, their FR association
does not seem to be widely recognized. This may be because the low densities within the
cavity do not permit an easy visualization of the FR structure when only the lower part (the
‘horns’) are illuminated. The missing ‘link’ would be a three-part CME, where the cavity
would be filled with a sufficient amount of plasma to illuminate the full volume and structure
of the FR. Figure 2 shows such an example. The event is associated with a slow eruption of
a quiet Sun prominence from the northern hemisphere. The last traces of 304 Å disappear
from the Extreme Ultraviolet Imager (EUVI)-A field of view at 1:56 UT on 4 November
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Figure 1 A typical three-part
CME as it appeared in
LASCO/C2 on 27 January 2012.
The three components are
identified on this snapshot image.
The full movie is available
online.

2007. This is by far the clearest detection of an FR within a CME despite observations of
thousands of events with LASCO. We believe that the rarity of such detections is due to four
reasons:

i) The clearest signatures will appear at middle corona heights (say, >7 R⊙) where the
background streamer emission is weaker and the CME has finished evolving (Vourlidas
et al., 2010).

ii) The lower spatial resolution of the LASCO/C3 coronagraph (it is about 4× coarser than
the LASCO/C2) washes out some of the fine-scale detail.

iii) The FR must have a large size along the line of sight (LOS).
iv) The FR must be oriented almost exactly perpendicular to the POS to produce bright

emission throughout the cavity.

The highly structured core of the CME in the COR2-A image has an almost identical
appearance in the EUVI-A 195 Å images (not shown here), which suggests that most of the
core material was at coronal temperatures (∼ 1.4 MK), thus erasing any obvious connections
to the prominence (see Robbrecht, Patsourakos, and Vourlidas (2009) for a very similar
example). We will return to this point in Section 5.

Even such clear observations would not probably convince the skeptics that the cav-
ity and FR are the same structure. The images are 2D projections on the POS leaving
some room for misinterpretation. A comparison to theoretical predictions is therefore re-
quired. The high sensitivity of the LASCO images enabled the first opportunity for a de-
tailed comparison between observations and theoretically derived 2D FR structures (Chen
et al., 1997, 2000). Krall and St. Cyr (2006) extended these comparisons to a larger sam-
ple of LASCO ‘three-part’-CMEs in an effort to extract some 3D information (aspect ra-
tio, eccentricity) of the FR. Krall (2007) attempted to answer the same question as us
by comparing statistical distributions of the width and the rate of occurrence of concave-
upward structures (essentially ‘horns’ seen in visible light) from observations to synthetic
FR images with satisfactory agreement. Extensive measurements of the geometric proper-
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Figure 2 Left: An exceptionally clear example of flux rope structure entrained within a CME observed by
SECCHI/COR2-A on 11 November 2007. There is no ’cavity’ in this case, since emission from the dense flux
rope fills that region. Multiple striations including a tip at the back end of the structure can be discerned. The
lack of a bright front is likely due to the low speed and high starting height for this event. Right: Simultaneous
image of the same event from COR2-B. The CME appears as a partial halo and a base difference image is
used to enhance the faint emission. There is no evidence of FR structure from this viewpoint.

ties of many three-part CMEs led Cremades and Bothmer (2004) to conclude that three-part
CMEs were not simply spherical bubbles, but structures elongated along the axis paral-
lel to photospheric neutral line in their source regions. These results were subsequently
confirmed by forward modeling methods which demonstrated that a 3D geometric repre-
sentation of a FR-like shape could account for the observed CME density envelopes and
shapes (Thernisien, Howard, and Vourlidas, 2006). This issue has now been consolidated
with the successful application of FR-like geometric structures on stereoscopic observa-
tions from STEREO (Thernisien, Vourlidas, and Howard, 2009, 2011; Rouillard, 2011;
Wood et al., 2011). There should be little doubt, therefore, that ‘three-part’-CMEs are indeed
systems of ejected FRs, where the cavity is the actual FR.

Our examples, and the events exhibiting clear three-part structures in general, must lie
close to the POS to provide an edge-on view of the FR. But CMEs occur in all longitudes.
Occasionally, a ‘three-part’-CME will be observed along the Sun-Earth line. How can we
then tell whether a halo CME has a three-part structure and how can we identify the erupted
FR against the backdrop of deflected streamers and material outflows? For this, we first need
to identify the signatures of the other erupting structures starting with the shock.

3. Where is the Shock? The Five-Part CME

It is common knowledge that sudden changes in plasma motion will launch compressive
waves through the medium. If the motion occurs faster than the characteristic speed of the
medium (i.e., sound speed for an unmagnetized plasma or fast-mode speed for a magne-
tized plasma), the waves will then steepen into shock waves. In either case, the propagat-
ing wave will manifest itself as a propagating compression of density (and magnetic field
where applicable). In our case, the propagating FR will generate a plasma wave, which
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may look as another propagating front in a coronagraph (or EUV) image sequence. De-
pending on various factors, such as the impulsiveness and starting height of the event, and
the magnetic and plasma configuration in the ambient corona, the density compression of
the wave front could become strong enough to be detected (Vourlidas et al., 2003). Be-
cause waves (and shocks) are an intrinsic component of any eruption, their coronagraphic
signatures have been the subject of debate since the first CME observations (see Vourli-
das and Ontiveros (2009) for a historical discussion). It was generally accepted that distant
streamer deflections were a reliable, but indirect, proxy for these waves (Gosling et al., 1974;
Sheeley, Hakala, and Wang, 2000).

The first identification of the density enhancement from a CME-driven shock was re-
ported by Vourlidas et al. (2003) thanks to the high sensitivity of the LASCO observa-
tions. Such signatures are now commonly reported in the literature (Yan et al., 2006;
Ontiveros and Vourlidas, 2009; Vourlidas and Ontiveros, 2009; Gopalswamy et al., 2009;
Bemporad and Mancuso, 2010; Vourlidas and Bemporad, 2012; Kim et al., 2012). We now
know that the CME-induced waves can be detected in coronagraph images, that they are
faint, and that they are located ahead of the FR front. So it should be straightforward to
identify them in any image (assuming there is a reasonable expectation of a wave occur-
rence due to the speed of the CME, for example). Because these wave signatures are faint,
the best approach is to use calibrated, excess-mass images (to remove effects such as vi-
gnetting, background streamers, etc.) and display them with high contrast.

An illustrative example is shown in the upper panels of Figure 3, where the same frame
from a fast CME is shown with two different contrast ratios. On the left, the CME has the
classical three-part appearance with a very clear loop front. On the right, the higher contrast
ratio allows to see a fainter front ahead which extends around the bright loop front and
connects to the deflected streamer on the eastern flank. A series of other deflected streamers
(or more likely intrastreamer structures) can be seen as radial striations occupying position
angles from the deflected streamer, around the CME to the western equator. The faint front
appears to be the outer envelope of these deflected streamers consistent with being a wave
driven by the CME and propagating within a large-scale streamer. Two more examples of
such fronts are shown in the bottom panels of Figure 3. On the left, a C2 image from a CME
on 11 June 2000 shows a bright filamentary front (a ‘Loop’-CME) preceded by an extensive
faint front connecting to a deflected streamer in the north. On the right, a C3 image shows
again a faint front terminating at a deflected streamer but this time the front extends only
to one side of the CME. No fronts, and tellingly no loop front either, are seen along the
northern CME flank.

These images serve to illustrate our earlier point that the detectability of these shock
fronts is highly dependent on the sensitivity of the observations. It is thus unsurprising (in
retrospective) that such features have eluded detection in the pre-LASCO coronagraph ex-
periments which lacked CCD detectors, large fields of view, and long-term uninterrupted
observations. For many events, only the bright loop would be detected (Figure 3, top left)
thus only allowing rather indirect and ambiguous arguments on the existence of a shock
(Sime and Hundhausen, 1987).

A plausible criticism that may arise from our interpretation of these images is how can
one be sure that the faint front is indeed related to density pile-up at a wave front and is
not simply ejected material, i.e., coronal loops moving ahead of the CME in direct analogy
to the bright front ahead of the cavity. This can be best answered by careful inspection
of excess-mass movies of these events. If the front in question is due to ejected material,
then a density depletion should form behind it as it does behind the CME proper. If the
front is caused by a wave, then the enhancement is due to density compression and not
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Figure 3 Upper left: An excess-mass image of a CME in the LASCO/C2 field of view on 15 January 2005
at 6:30 UT. The event can be easily classified as a three-part CME. A deflected streamer is located to the east
without an apparent connection to the CME. Upper right: The same image displayed with a higher contrast
ratio. A faint arch front terminating at the eastern deflected streamer is now visible. Indications of several
other deflected streamers (or sub-streamer structures) can be seen. Bottom panels: Other examples of shock
fronts ahead of CMEs in C2 on 11 June 2000 (left) and C3 on 5 September 2005 (right).

material transport; therefore, no density depletion should occur. The latter is the observed
behavior for the events in Figure 3. MHD simulations have provided further support for this
interpretation by matching the location and density compression ratio between observations
and model (Vourlidas et al., 2003; Manchester et al., 2008). Recently, similar fronts have
been detected in high-cadence EUV images (Ma et al., 2011; Cheng et al., 2012).

Returning to the white-light morphology, the identification of the faint front ahead of
the bright loop-like CME front simplifies greatly the interpretation of CME images. The
bright loop is the pile-up of material at the outer boundary of the erupted FR (the cavity)
and hence it is bright while the outer front originates from a temporary compression of the
ambient plasma as the wave (or shock) propagates through and hence is much fainter (see
Ontiveros and Vourlidas (2009) for density profiles of these structures). Our examination
of thousands of CME images (Section 6) reveals that the “faint front followed by a bright
loop” is a common occurrence and can constitute a reliable signature for the identification
of both the shock and FR fronts in the images. An important benefit from this identification
is a better interpretation of the structures in images of halo CMEs.
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Figure 4 A demonstration of the appearance of ‘two-front’ morphology in a weak halo CME as viewed
from LASCO/C2 (center). The CME appears as a ‘loop’-CME in the SECCHI/COR2-A (left) and -B (right)
coronagraphs. All three images are taken nearly simultaneously. The pile-up at the FR edge is marked by
solid white arrows. The edge of the much fainter wave is marked by the dashed gray arrows. The existence
of a shock is likely since the CME is propagating at ∼750 km s−1 in the LASCO field. The event occurred
on 15 February 2011 in association with an X-class flare. For similar examples see Vourlidas and Ontiveros
(2009), Vourlidas and Bemporad (2012).

3.1. Halo CMEs

There is no physical reason to expect that halo CMEs are a different class of CMEs.
‘Loop’ and ‘three-part’-CMEs should occur as halos and their FR should appear on the
images . . . sometimes. The common approach has been to identify the outer envelope
of the halo with the FR and proceed to fit it with a circular or elliptical cone mod-
els to extract kinematic parameters (Howard et al., 1982; Zhao, Plunkett, and Liu, 2002;
Xie, Ofman, and Lawrence, 2004; Xue, Wang, and Dou, 2005). However, this approach is
inconsistent with our theoretical understanding of FRs as more or less cylindrical structures,
elongated along their axis. It is also inconsistent with the analyses of the CME projection
effects (Cremades and Bothmer, 2004; Thernisien, Vourlidas, and Howard, 2009). Our dis-
cussion above solves this problem. To identify the FR in a halo CME image, we have to look
for evidence of the ‘two-front’ morphology or of the bright loop structure alone when the
CME is not fast enough to expect significant pileup at its wave front. Indeed, these structures
are visible in the majority (if not all) of halo CMEs.

We picked a recent halo CME as an example (Figure 4). The event, which occurred on 15
February 2011, was the most symmetrical halo of the current solar cycle. It was associated
with a large X-class solar flare, metric and decimetric Type-II emissions, and an EUV wave.
We chose an event with relatively weak halo emission to demonstrate the robustness of the
feature detection. Much clearer examples are presented in Vourlidas and Bemporad (2012).
See also Vourlidas and Ontiveros (2009) and Figure 7 (bottom left) for a single LASCO
view. Returning to Figure 4, we see that the halo CME appears as a regular ‘loop’, or even
‘three-part’-CME in the COR2-A and -B fields of view. Note that all three images were
taken nearly simultaneously and are differenced from a pre-event image. The FR boundary
is readily identified in the COR2 images as a bright loop structure (marked by the white
arrows and the label ‘FR’). The same structure appears as a (fainter) loop in the C2 image.
A still fainter front can be seen ahead of the loop. A wave compression, and possibly a
shock, is expected in this event given its LASCO speed of ∼750 km s−1 and the Type-II
radio emission. The wave is more difficult to discern in the side views from COR2 (dashed
gray arrows) because the CME is projected against, and propagating through, a background
corona disturbed by an earlier event. Even the streamer deflection and the wave associated
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with it can be detected, albeit barely, in the north (topmost gray arrow). The rugged set of
features along the southern-southeastern part of the halo originate in the bright southern
streamer, seen in the COR2 images.

This exercise shows that, with a little effort, we can identify the origins of the various
features in a halo CME image and delineate the boundaries of the ejected FR with some
precision. The important point here is that we do not have to rely on simplistic, rough ap-
proximations for the envelop of the CME. These would lead to imprecise measurements of
the CME speed, size, and orientation with corresponding implications for Space Weather
predictions.

4. Theoretical Support: Synthetic Images from MHD Simulations

Thus far, we have only used coronagraph images to support our interpretation of CMEs as
three-part (five-part when a wave front appears) structures resulting from the expulsion of
a magnetic FR from the Sun. We now turn to a numerical MHD simulation to determine
which aspects of the coronal signatures identified in the LASCO images can be produced by
an erupting three-dimensional FR. We analyze results obtained with an Adaptively Refined
MHD Solver (ARMS; DeVore and Antiochos, 2008) simulation of the ‘magnetic breakout’
CME initiation mechanism (Antiochos, DeVore, and Klimchuk, 1999; Lynch et al., 2004,
2008) and the subsequent FR-CME propagation in the low corona to construct synthetic
coronagraph images we can directly compare to observations.

4.1. Description of the MHD Simulations and Eruption Overview

The ARMS simulation data analyzed herein come from the ‘Left-Handed’ CME eruption
described by Lynch et al. (2009) in a fully three-dimensional, globally multipolar magnetic
field configuration. The solar atmosphere is initially in gravitationally stratified equilibrium
with spherically symmetric density, pressure, and temperature profiles given in Lynch et al.

(2008). The maximum field strengths in the AR are ±40 G which, while lower than observed
values in the range 10 – 100, yield a low-β plasma in the CME source region (β ∼10−3) and
throughout the computational domain. Thus, the ARMS simulation data provide a physically
valid, albeit idealized, representation of the magnetically driven eruption process. Here, we
briefly review the phases of the moderate speed Lynch et al. (2009) breakout CME eruption:

i) Energization (0 ≤ t ≤ 10000 s): Surface shearing flows are applied adjacent to the
polarity inversion line (PIL) of the active region (AR) resulting in the gradual accu-
mulation of magnetic energy (EM ∼1031 ergs) as the low-lying, strong AR fields are
stressed. This sheared field component parallel to the AR PIL will become the FR-CME
axial field.

ii) Breakout Reconnection (t � 5000 s): As the sheared portion of the AR flux expands, the
overlying coronal null point becomes distorted and flattened, forming a current sheet at
the separatrix between the AR and background flux system. Continued expansion com-
presses the current sheet and drives magnetic reconnection which transfers overlying
restraining background flux out of the way of the expanding stressed field which, in
turn, increases expansion, and drives more reconnection in a runaway positive feed-
back scenario. The breakout reconnection facilitated expansion shows up as a smooth
increase in kinetic energy to EK ∼3 × 1029 ergs.
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iii) Eruptive Flare Reconnection (t � 10000 s): The runaway sheared arcade expansion
drive the formation and elongation of a radial current sheet above the PIL leading to the
start of flare reconnection in the shear channel. The eruptive flare reconnection rapidly
releases stored magnetic energy (�EM ∼7 × 1030 ergs) through the magnetic recon-
figuration and formation of flare loop arcades, supplies material and momentum to the
ejecta via strong reconnection jet outflow (EK increases to 1.05 × 1030 ergs), and, in
the breakout model, creates the magnetic flux rope during the eruption process by gen-
erating highly twisted flux surrounding the erupting sheared field core.

The top row of Figure 5 plots representative magnetic field lines for t = {11 000,12 000,

13 000} seconds during the CME eruption. Field lines representing the FR sheared field core
are plotted in green, the reconnection-created FR-CME twist component in magenta, and
the background field in dark blue.

There are two primary challenges associated with MHD modeling of very fast CMEs
and their subsequent shock generation in the low corona. The first is a correct description
of the thermodynamics, field and plasma structures of the steady-state background solar
wind. The lack of a single, widely accepted theory for coronal heating means, in practice,
every simulation relies on idealized, parametrized heating terms and calculates the resulting
solar wind and open field structure from the balance of forces. The second major modeling
challenge is overcoming the computational limitations associated with the magnetic field
strength in CME source regions. The MHD numerical time step is limited by the Alfvén
speed which makes the temporal evolution of kilogauss fields that are routinely observed
in large active regions prohibitively expensive. Despite these model limitations, numerical
MHD simulations are becoming increasingly sophisticated and capable. For example, the

Figure 5 Top row: MHD simulation results of a breakout CME eruption in the coronagraph field of view
for a limb event. The FR ejecta field lines are green, magenta for the sheared field core and reconnection
generated twisted flux. Bottom row: Synthetic running-difference (RD) coronagraph images constructed from
the simulation’s density evolution.
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field strengths and self-consistent pre-eruption energization used by Lynch et al. (2008)
and Roussev, Lugaz, and Sokolov (2008) were sufficient to initiate CMEs with eruption
speeds on the order of 1200 – 1400 km s−1. In simulations that bypass the difficulty of the
pre-eruption evolution, fast eruptions can be generated with CME speeds > 2000 km s−1,
drive shock formation as low as ∼1.6 R⊙, and can produce complex white-light structures
in synthetic coronagraph and HI images (Roussev, Lugaz, and Sokolov, 2008; Manchester
et al., 2008; Lugaz et al., 2011).

4.2. Comparison Between Synthetic and LASCO CME Images

To construct synthetic coronagraph images, we use a version of the SolarSoft routine
eltheory.pro to calculate the total brightness in a regular 2D Cartesian array of lines of
sight that sample the spherical 3D MHD density data at every simulation output time. From
these synthetic total brightness images we then construct base-difference (BD) images as
B(t) − B(0) and running-difference (RD) images as B(t) − B(t − �t). The temporal ca-
dence, �t , of our simulated data is 250 s. The bottom row of Figure 5 plots the synthetic
RD images such that the radial propagation of the center of the FR-CME lies exactly in
the RD image plane of the sky (POS) corresponding to the viewpoint of the 3D field line
visualization.

In Figure 6 we have constructed a series of viewpoint orientations to examine morpho-
logical features of the synthetic coronagraph images. The top row indicates schematically
the CME orientation with respect to the image POS and the middle, bottom rows plot the
corresponding BD, RD images respectively. From left to right, the angles between the radial
propagation of the center of the FR-CME and the image POS are {0,45,90,0} degrees, with

Figure 6 Top row: Schematic images depicting the 3D FR orientation with respect to the synthetic image
POS. The middle, bottom rows plot the synthetic base-difference (BD), running-difference (RD) images,
respectively. Both the bright CME front and the CME-driven shock/expansion wave can be seen in these
images.
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the fourth column representing a vantage point from the North solar pole looking down on
the eruption.

The shock front, the bright CME front, and the FR cavity are each clearly seen in either
the RD or BD images. The CME front morphology varies between a loop-like CME (within
45° from the limb) to a halo CME (at 90° from the limb) similarly to the actual observations.

While the idealized MHD simulation produces both the shock front/expansion wave and
the bright leading edge of the ejecta ahead of the FR-CME driver, there is no corresponding
high density plug of material associated with the FR core. This limitation was also present in
the axisymmetric models (e.g., Lynch et al., 2004) and is due largely to our simplified pre-
eruption coronal density distribution which does not include prominence material along the
low-lying sheared field or the enhanced densities associated with either ARs or that would
arise in a closed-field streamer belt geometry. Our simplified model background results in
two main consequences. First, without dense material tracing the topology of the FR-CME
core, it is difficult to distinguish between the edge-on view (Figure 6 first column, look-
ing at the FR cross-section; compare to Figure 1) and the top-down view (Figure 6 fourth
column, FR axis lies in the image POS; compare to Figure 3, bottom left) in the synthetic
images. Second, the relative brightness of the CME leading edge and the shock/expansion
wave do not have the same ratio as commonly observed in the coronagraph images (which,
as discussed earlier, require significant contrast enhancement). Furthermore, the lack of a
background with coronal streamer structures in various locations does not allow us to com-
pare streamer deflections or the effects of coronal hole locations in this particular simu-
lation, although these issues are an area of active research (see, e.g., Lugaz et al., 2011;
Zuccarello et al., 2012).

We also note that the synthetic shock appears very close to the CME leading edge (the
driver) which is not the case for the LASCO images we have presented so far. This is an
evolutionary effect, however, as Figure 5 has already shown. In our simulations, the shock
is initially clearly ahead of the CME which catches up to it within ∼2000 sec. Of course,
different speed profiles and ambient coronal configurations will result in different standoff
distances. Again, our comparison here is not an attempt to model a specific CME event with
a realistic background density distribution, but rather to present an idealized general case of
the appearance of a generic shock-driving FR-CME in a coronagraph field of view.

It is precisely the generality of our simulation that makes the comparison to two LASCO
events especially striking, as illustrated in Figure 7. The simulated synthetic BD images
(right column) show the diffuse intensity region leading the bright CME front which is asso-
ciated with the boundary of the magnetic FR structure, exactly as we proposed in Sections 2
and 3. Yellow arrows denote the shock front, green arrows denote the CME leading edge.
Despite not capturing the observed sharpness or intensity of the CME front, the simulations
do show that the faint halo outline in the LASCO images corresponds to the shock envelope.
Therefore, our five-part CME structure is a completely straight-forward interpretation and a
natural consequence of the eruption of a 3D FR-CME.

5. The Relationship between Ejected Prominence and CME Flux Rope

Having discussed the nature of the front and the cavity, we turn our attention to the core,
the last component of ‘three-part’-CMEs. The core has been associated with the erupting
prominence ever since combined Hα and coronagraphic observations demonstrated the co-
location of the two structures (e.g., Hildner et al., 1975; Illing and Hundhausen, 1985). The
fuzziness of the core compared to the filamentary structure of prominences in Hα and He I
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Figure 7 Comparison between LASCO excess mass images (left column) and synthetic base-difference
images from our MHD simulations (right column). There is a very good correspondence between ob-
served and simulated structures, despite the idealized nature of the simulation. The yellow arrows denote
the shock/expansion wave front and the green arrows denote the CME leading edge density enhancement.
The projected speeds for the LASCO CMEs are also shown.

observations is attributed to the progressive ionization and heating of the chromospheric
plasma within the prominence as the structure is erupting outwards.

Of the many unclear aspects on the role and evolution of prominence in eruptive events,
there are two that pertain to our discussion here. Namely, what the spatial relationship is be-
tween the core (and prominence) to the cavity and, why in-situ detections of chromospheric
material within CMEs are so rare.

The first question stems from the early interpretations of the prominence as a flux rope
and its identification with the CME cavity (Low and Hundhausen, 1995). Although promi-
nences exhibit helical structures when they erupt, the large number of combined observa-
tions with LASCO (in white light) and EIT (in He I 304 Å) have shown that the cavity is
not the prominence itself. They have also shown that the core does not lie in the center of
the cavity as was thought in the past (see Figure 10 in Cliver et al., 1986). Rather the promi-
nence lies at the bottom of the cavity, the cool plasma suspended in the dips of the FR field
lines by the balance between gravity and magnetic tension forces.

While these concepts are widely accepted thanks to the extensive observations of quies-
cent cavities and prominences (Gibson et al., 2006), there seems to be a lingering confusion



Flux Rope CMEs 193

Figure 8 Left: Image of a prominence eruption at the northeast limb on 12 June 2010 using a composite of
AIA 193 Å (green) and 304 Å (red) channels. Right: Snapshot of a prominence eruption at the northwest limb
on 28 February 2010 using a composite of EUVI-A 195 Å (silver) and 304 Å (red) channels. Both images are
snapshots from the online movies.

on the location and importance of the prominence relative to the erupting FR or cavity. The
high-resolution observations from SECCHI and the Atmospheric Imaging Assembly (AIA;
Lemen et al., 2012) can now put this issue to rest. For example, Régnier, Walsh, and Alexan-
der (2011) have presented multi-wavelength AIA observations of a polar crown filament
during its early eruption stages where they image both the cool prominence and the hotter
FR. The high spatial resolution of AIA reveals cool prominence plasma in 304 Å embedded
in field lines at the bottom of the FR visible in 193 Å (∼1.4 MK). The 193 Å emission
has the typical ‘horn’ morphology we discussed in Section 2 and frequently seen in the EIT
images during Cycle 23. To demonstrate how common these structures are, we present two
more examples in Figure 8.

On the left, we show a snapshot from a prominence eruption at the northeast limb on 12
June 2010 captured by the AIA instrument. To demonstrate the relative locations of the FR
and prominence we combined the 193 Å (green) and 304 Å (red) AIA channels after enhanc-
ing the individual images through our wavelet processing algorithm (Stenborg, Vourlidas,
and Howard, 2008). The accompanying movie demonstrates two important aspects of the
eruption:

i) the pre-existing cavity is not actually empty but it is filled with plasma at coronal tem-
peratures, and

ii) most of the cool prominence material returns to the surface and is not ejected with the
rest of the CME.

On the right, we show a similar observation from SECCHI/EUVI-A taken on 28 February
2010. Here the 195 Å images are shown in silver color. We observe strong circular motions
in the center of the cavity during the early part of the event previously noted by Wang and
Stenborg (2010) who did not comment on the temperature characteristics on these motions.
Here, we see that the motions are associated with extensions of 304 Å emission into the
center of the cavity which exhibits a very clear FR morphology. The cool plasma seems to
disappear after its injection until a new extension brings in another quantity of cool material
into the cavity. Hence, the rotations within the cavity seem to be driven by the episodes of
heating of chromospheric plasma. In contrast to the 12 June 2010 event, the prominence
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erupts carrying a significant amount of cool plasma outwards. No return flows are evident
in this event.

These EUV observations are quite clear. The prominence is not the cavity. It is the core.
The core is not located at the center of the cavity. It is located at the trailing edge. It may,
however, appear to be at the center or at other locations due to projection effects. Much of
the chromospheric material either drains back to the surface or heats to coronal temperatures
or both during the early stages of the eruption. This is likely the reason for the scarcity of
in-situ detections of such cool material in the inner heliosphere.

Finally, one may question the generality of our conclusions since we have used as ex-
amples prominence eruptions from polar crown and generally quiescent areas of the corona.
This was done mainly for convenience. Polar crown filament eruptions are both spectac-
ular and slow thus providing a large sample of clear highly detailed structures at various
stages of activity. It is much harder to find fast, explosive events with clear structures due to
their fast evolution and the large disturbances they create in the surrounding corona. How-
ever, detailed analyses of impulsive events do reach the same conclusions. For example,
Patsourakos, Vourlidas, and Stenborg (2010) were able to detect the expanding cavity and
follow the formation of the three-part structure within the center of an active region during
a very impulsive event (peak acceleration ∼1.5 km s−2). Similarly, Cheng et al. (2012) ob-
tained clear distance–time plots for an expanding cavity followed by a spectacular filament
for an event reaching (short-lived) accelerations close to 3 km s−2.

6. Revisiting the LASCO Statistics: How Many FR-CMEs Are There?

Having addressed the origins of the various sub-structures of a CME in the coronagraph
and EUV images, we are now in position to answer one of the most common questions
on CME studies: How many FR-CMEs are there? As noted in the introduction, the last
studies to undertake that question used Solar Maximum Mission (SMM) data (Burkepile and
St. Cyr, 1993; Krall, 2007). The answer (∼30 %) has been quoted ever since. But does it
still hold after the observations of thousands of CMEs? Besides, we want to make sure that
our examples of FR-indicative CME morphologies are indeed representative of the CME
phenomenon as a whole.

6.1. Morphological Classification of the CDAW Database

We have undertaken the task to go over the full CDAW database and visually classify the
events according to their morphology. Based on our discussion so far, and on our personal
experience with the LASCO images, we decided to classify the events into five categories
(to be compared to the ten categories in Howard et al., 1985) as follows.

Flux Rope: CMEs that exhibit a clear three-part morphology (Figure 1).
Loop: CMEs with a bright, filamentary loop but otherwise lacking a cavity and/or a core.

Good indicators for the existence of shock (‘two-front’ morphology, Section 3).
Jet: Narrow CMEs (� 40°) lacking a sharp front, detailed sub-structure, or circular mor-

phology.
Failed: Events that disappear in the C3 field of view despite being bright enough in the C2

field to be labeled as ‘CMEs’. Their disappearance cannot be explained by lack of obser-
vations, overlapping CMEs, or other instrumental reasons. These events were discussed in
Vourlidas et al. (2010).
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Figure 9 Left: Example of an ‘Outflow’ event. The CME lacks a three-part morphology, it is too wide
to be a ‘Jet’ event, and the front is not sharp enough to be classified as a ‘Loop’-CME. Right: Example
of an ‘Unknown’ category event. The event propagating along the C3 occulter does not show any of the
characteristics of a CME and it is too faint to provide accurate measurements for any parameter. Such events
should not be included in CME lists. Both images are snapshots from the online movies.

Outflow: Events wider that jets, without clear loop front or cavity. They may be as large as
regular CMEs and may contain filamentary material (Figure 9, left).

Unknown: This ‘catch-all’ category contains mostly wrongly identified events, events with
too few observations (<4), and events that cannot be classified in any of the other cate-
gories due to poor observations, such as presence of cosmic rays or data dropouts (Figure 9,
right).

First, we excluded events with width less than 20° and with less than four observations.
For the classification, we used only mass images (Vourlidas et al., 2010). We displayed all
available mass images (LASCO C2 and C3) for each event with the same contrast (±5 ×

1010 gr pix−1). When the morphology was not apparent, we used a movie of the mass images
to get a better sense for the development of the event as a function of time and distance. We
excluded the events in the ‘Unknown’ category from the statistics since we consider them
as erroneous and/or unreliable detections. Our results are shown in Table 1.

Table 1 Sampling the distribution of CME types and the ratio of flux-rope CMEs through the solar cycle.

Type 1997 1998 2000 2002 2004 2008 2010

Flux Rope 29 42 86 54 53 35 154

Loop 31 43 191 100 79 9 56

Outflow 48 96 282 145 126 56 209

Jet 5 16 85 17 32 5 32

Failed 10 33 54 10 67 14 30

Unknown 74 98 276 161 220 42 113

Total 224 357 984 597 587 162 476

FR-CMEs 40 % 33 % 39 % 35 % 36 % 37 % 43 %
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6.2. Statistical Results

For the purposes of this work, we analyzed seven out of the 16 years of available CDAW
mass measurements spread over Cycle 23. This is a sufficiently large sample to extract robust
estimates for the rates of occurrence of the various morphologies. We plan to report on the
statistics of the full CDAW catalog in a forthcoming publication.

One of the first interesting results from this exercise is the rather large percentage of
‘Unknown’ events. They comprise 984 out of 3387 events or 29 % of the sample. Recall
that the ‘Unknown’ category includes events that are not CMEs or even outflows, events
that are part of a larger CME and should not count as separate entries, and events with
measurements ending prematurely. In other words, these events should not be counted in the
statistics or other analyses of the CDAW catalog.

Excluding the ‘Unknown’ events, we find that the class of unambiguous FR-CMEs,
which consists of the sum of ‘Flux Rope’ plus ‘Loop’ classes, comprises 40 % of the to-
tal number of CMEs (962/2403 events). There is no obvious correlation with solar cycle
but there is a slight hint. The highest percentages of FR-CMEs occur in 1997 and 2010. It
remains to be seen whether this result is statistically significant. We emphasize that the 40 %
of FR-CMEs is a lower limit for the existence of FRs. Some of the ‘Outflow’ events could
be FRs. Indeed many contain hints of ‘three-part’ structures or cavities, but they are either
too faint or the background corona is too disturbed by previous events, to make a conclu-
sive classification. So we choose to err on the side of caution and not include them in the
FR-related classes, at this point.

7. Discussion and Conclusions

Our aim is to provide convincing evidence of the CME as an erupting FR. To that end,
we have used a variety of EUV and white light observations, MHD simulations, statistics,
and have considered projection effects and theoretical predictions. Leaving the question
of CME initiation aside, we found that the following picture can lead to a self-consistent
interpretation of the observations across many wavelength ranges and is in agreement with
the majority (if not all) of our current theoretical understanding of explosive energy release
from the Sun.

Basically, a CME is the eruption of a magnetic flux rope with its emission measure domi-
nated by coronal-temperature plasma, carrying a prominence along its bottom dips, piling up
the overlying streamer plasma, and driving a wave ahead (if the acceleration is sufficiently
high). This interpretation has long been adopted for the ‘three-part’-CMEs, as we discussed
earlier.

The novelty in this work is the interpretation of the bright loop front as the pileup of
material at the boundary of the flux rope irrespective of the ‘three-part’ appearance. The
interpretation is strongly supported by the MHD simulations and straightforward physical
reasoning (Section 4). A FR structure propagating through plasma presents an extended ob-
stacle against which the material is piled up and transported outwards. The narrow width and
brightness of that front further suggests that the pileup occurs over a sharp boundary. Such
a boundary is expected between the closed FR fields and the ambient magnetic field. The
sharpness of the boundary may depend on the rate of magnetic field influx in the FR dur-
ing its formation or the initial acceleration and starting height. Such effects have important
connections to theories of CME initiation and can be investigated now.

The other novelty is the introduction of the ‘two-front’ morphology by pointing out the
existence of faint, relatively sharp, fronts ahead of the bright loop front. The interpretation
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of the faint front as density compression by a wave (or shock, depending on speed) is again
supported by MHD simulations, observations and physical expectations. The stark obser-
vational differences between the bright loop front and diffuse outer front clearly point to
a different origin. The diffuse fronts are well-defined, faint, followed by diffuse emission,
and they can be very extended, and envelope the loop fronts. The loop fronts, in turn, are
sharp, bright, followed by emission depletions; they have well-defined extents and are be-
hind the diffuse fronts. The faint diffuse fronts appear only during fast eruptions, and their
characteristics, especially the weakness of their emission and lack of post-front depletion,
are strong indications that these fronts are results of local density compression and not of
transported piled-up plasma. The, albeit few, 3D reconstructions of the density profile across
the front (Ontiveros and Vourlidas, 2009) can readily explain the profile as a result of LOS
integration and recover compression ratios in agreement with theoretical expectations (less
than four). Besides its importance for understanding coronal shocks, the identification of the
‘two-front’ morphology allows an understanding of the geometry of halo CMEs, as it can
help us distinguish among shock, streamer deflections and FR signatures in the coronagraph
images. In that way, we can now obtain accurate outlines of the FR (or the shock, depending
on the problem at hand) which should lead to better input to CME propagation models.

The identification of these two features leads to a much simpler classification of CME
white light morphologies. We used four categories (ignoring the ‘Unknown’ category) com-
pared to nine in Howard et al. (1985). Two of them (‘FR’ and ‘Loop’) refer to the same
FR intrinsic structure as we have argued. Jet-CMEs also contain helical structures as re-
cent research has shown (Patsourakos et al., 2008; Pariat, Antiochos, and DeVore, 2009;
Nisticò et al., 2010). Thus, our classification is essentially reduced to events with and events
without apparent helical topologies. The helical topology may not be visible in the latter
for several reasons. They may propagate at large angles from the POS (Sheeley and Wang,
2007) or through areas disturbed by previous events. They may be too compact to discern
their cavity morphology without favorable projections (Wang and Sheeley, 2006). Finally
some of these events do not appear to be CMEs in the first place, failing to reach large dis-
tances in the corona (called ‘failed’ CMEs by Vourlidas et al., 2010). A certain number of
the remaining events appear to be related to Hα and/or 304 Å surges similar to the event
studied by Vourlidas et al. (2003). The low coronal signatures of these events do not exhibit
any particular morphology or geometry, and hence they tend to appear as semi-amorphous
clouds, with the occasional traces of cool material.

Our final estimate of 41 % for the rate of occurrence of FR-CMEs in the LASCO data
may not look very different from the widely quoted number of 30 %. However, one must
first consider the size of the event samples in past morphological works. Munro et al. (1979)
reported a 26 % occurrence of ‘Loop’-CMEs in a sample of 77 SMM CMEs, while Wagner
(1984) found loop and bubble CMEs in 80 % of 65 SMM CMEs. Obviously, selection bias
is important with such small event samples. The largest morphological study to date cate-
gorized 998 Solwind CMEs, of which 31.3 % belonged to an FR-CME class (we summed
the statistics for the following structural classes: curved front, loop, streamer blowout, fan)
(Howard et al., 1985). We base our statistics here on a sample of 2970 events, 3× larger
than the Solwind sample, and it is still expanding. We will classify the full LASCO database
in the near future. Therefore, we feel that our numbers in Table 1 are quite robust and a large
improvement over past work.

The central question of this Topical Issue is whether all CMEs are flux ropes. To provide
a conclusive answer (to the extent possible in science), we attacked the problem in several
ways: multiple viewpoint coronagraphic observations of CMEs, multi-thermal EUV obser-
vations of the pre-erupting structures, 3D MHD simulations, and large sample statistics. We
summarize our findings as follows:
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• The detection of a bright filamentary front in CMEs is a clear indication of the existence
of an FR even if the event does not exhibit the classical three-part morphology.

• At least 41 % of CMEs exhibit clear FR signatures (‘three-part’ or ‘loop’) in the corona-
graph images.

• The ‘two-front’ morphology (faint front followed by a bright loop) is a reliable indicator
of a CME-driven wave (or shock, depending on speed).

• The FR can be separated from the shock signatures in images of halo CMEs, at least in
locations where the bright loop appears.

• MHD simulations are able to capture the main structural properties of white light CMEs.
• The prominence is not the cavity and is not the FR, but it is the core. The cool prominence

material rests on the dips of the field lines comprising the FR (in the case of pre-existing
FR, at least).

• The majority of the prominence material either drains to the surface or is heated to coronal
temperatures during the early phases of the eruption. This may be the reason for the
scarcity of in-situ detections of cool material.

• A typical fast CME comprises five parts: shock front, diffuse sheath, bright front, cavity,
and core.

Our discussion suggests that it is time to rethink the original definition for a CME (Hund-
hausen et al., 1984), as expressed in Schwenn (2006): “We define a CME to be an observable

change in coronal structure that 1) occurs on a time scale of a few minutes and several hours

and 2) involves the appearance (and outward motion) of a new, discrete, bright, white light

feature in the coronagraph field of view.” This definition manages to be broad (no mention
of the physical origin or nature of the ‘structure’) and narrow (CME is defined as a white
light feature observed by a coronagraph) at the same time. It may have been an appropriate
definition during the times of exploratory CME research, sparse wavelength coverage, and
simplified physical models. But times have changed. We are regularly studying CMEs with
multiple instruments and wavelengths, have accumulated CME observations spanning a full
solar cycle, and are asking highly detailed questions with their modeling. Thus, it may be
useful to derive a more precise CME definition, using physically based terms, at least for the
events exhibiting clear FR structures (FR-CMEs). Based on the work presented here and in
Vourlidas et al. (2010), we propose the following definition:

We define an FR-CME to be the eruption of a coherent magnetic, twist-carrying coronal

structure with angular width of at least 40° and able to reach beyond 10 R⊙ which occurs

on a time scale of a few minutes to several hours.
The next challenge now is whether we can apply this definition to all CMEs (hence

replace ‘FR-CME’ with ‘CME’ above). In other words, we propose that the proper questions
we should be asking is not ‘are all CMEs flux ropes?’ but rather ‘Are there any CMEs that

are not FR-CMEs?’
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Abstract To model irregularities in the magnetic structure of solar flux ropes or in inter-
planetary magnetic clouds, we propose the following approach. A local irregularity in the
form of a compact toroid is added into a cylindrical linear force-free magnetic structure. The
radius of the cylinder and the small radius of the toroid are the same, since the force-free
parameter α is constant, that is, we have in total a linear force-free configuration, too. Mean-
while, the large radius of the toroid can be smaller. The effect of such modeling depends on
the aspect ratio of the compact toroid, its location and orientation, and on its magnetic field
magnitude in comparison with that of the cylinder.

Keywords Sun: magnetic field · Sun: flares · Sun: coronal mass ejections

1. Introduction

Recent analysis of solar observations reveals that magnetic flux ropes in the corona are
common. High resolution observations of S-shaped loops, sigmoids, from space-based solar
telescopes like SDO/AIA (Solar Dynamic Observatory/Atmospheric Imaging Assembly) and
Hinode/XRT (X-Ray Telescope) demonstrate that these objects have flux rope structures
(Behm, DeLuca, and Savcheva, 2012; Savcheva, van Ballegooijen, and DeLuca, 2012). The
interpretation of new high quality data on the detailed magnetic structure inside active region
filaments, provided by vector magnetograms from THEMIS/MTR (Heliographic Telescope

for the Study of the Magnetism and Instabilities on the Sun/multi-lines operating mode) (Guo
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Figure 1 Three-dimensional view of toroids with various aspect ratios R0/r0: (a) smaller than unity (0.5),
(b) equal to unity, and greater than unity (1.5). In the first case the toroid’s surface intersects itself.

et al., 2010, 2011) and VTT/TIP (Vacuum Tower Telescope/Tenerife Infrared Polarimeter)
(Yelles Chaouche et al., 2012) and other ground based instruments, also suggests that flux
ropes are involved in these structures. Theoretical studies demonstrate that linear force-free
flux rope models are applicable for filaments and prominences (Démoulin, Priest, and Anzer,
1989; Litvinenko and Wheatland, 2005).

It has been shown by numerical magnetohydrodynamic (MHD) simulations (Detman
et al., 1991; Vandas et al. 1997, 1998) that spheromacs (spherical magnetic configurations)
could evolve into toroidal flux ropes. In terms of the toroid’s aspect ratio (ratio of the major
R0 to the minor r0 radii) the phenomenon is a transformation from the state with its value
much less than unity to one comparable to unity or larger. Until recently there was a diffi-
culty to consider and model theoretically such processes because there were no analytical
solutions for compact toroidal magnetic fields. The solution has been derived by Romashets
and Vandas (2009) and it was utilized to describe local magnetic field enhancements in solar
flux ropes by Romashets, Vandas, and Poedts (2010). Their model assumed that the radius
of a cylindrical flux rope was equal to both the small and large radii of the toroid (R0 = r0,
i.e., aspect ratio 1). We realized in a subsequent analysis that this solution can describe
even cases with aspect ratios lower than one and we use them in the current paper. Figure 1
demonstrates how the topology of a toroid changes with aspect ratio. In the next section the
detailed description of the method is given. Section 3 presents the results of the modeling,
followed by possible applications discussed in Section 4.

2. Method

Romashets and Vandas (2009) derived a toroidal linear force-free magnetic field. It was
constructed as a sum of linear force-free cylindrical magnetic fields. Their generating cylin-
ders with radii r0 were tangent to a generating toroid with the minor radius r0 and major
radius R0. Cross sections of a cylinder and the toroid coincided at their tangent place and
the magnetic field of each cylinder was given by the Lundquist (1950) solution (see Equa-
tions (4) – (6) below). In the limiting case of an infinite number of uniformly distributed
cylinders, a toroidal field was obtained:
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Here r , ϕ, and z constitute a cylindrical coordinate system, the axis z of which is a rotational
axis of the generating toroid. B0 scales the magnetic field magnitude and the constant α is
from the definition of a linear force-free field, rot B = αB; as usual, it is related to the radius
via r0 = 2.41/α, where 2.41 stands for the first root of the Bessel function J0. Romashets
and Vandas (2009) discussed toroidal flux ropes with R0 > r0, but later they realized that
the solution is also applicable under R0 ≤ r0. Figure 2 shows toroidal flux ropes for various
aspect ratios of generating toroids, including one case with R0 < r0. We see that the flux
ropes have a rotational symmetry around the z axis, but their cross sections are not circular.

Romashets, Vandas, and Poedts (2010) considered the magnetic field (1) – (3) (with R0 =

r0) as a local irregularity of a regular flux rope field determined by the Lundquist (1950)
formulas,

B ′

r ′ = 0, (4)

B ′

ϕ′ = B1J1
(
αr ′

)
, (5)

B ′

Z = B1J0

(
αr ′

)
, (6)

where r ′, ϕ′, and Z are from another cylindrical coordinate system. J0 and J1 are the Bessel
functions and B1 scales the magnetic field. Both the regular field and the additional field are
linear force-free systems with the same α, so their superposition is also a linear force-free
field (with α).

In the present paper, we assume more general cases: the additional magnetic field (1) – (3)
may have R0 < r0 and its generating toroid can be placed arbitrarily in position and orien-
tation with respect to the regular cylindrical flux rope. The superposition is schematically
shown in Figure 3. The regular cylindrical flux rope is described in the coordinate system
X, Y , and Z (or r ′, ϕ′, and Z) where the axis of the cylinder with the radius r0 coincides
with the Z axis. The additional toroidal field, determined by the generating toroid with R0

and r0, is described in the coordinate system x, y, and z (or r , ϕ, and z) which can be shifted
and inclined with respect to the system X, Y , and Z (as shown in Figure 3).

The total magnetic field configuration, as well as each part of it separately, Equations (4) –
(6) and Equations (1) – (3), are in stable minimum energy states, and therefore they preserve
their shapes.

3. Results

A series of calculations were made for all possible combinations of parameters involved,
namely B0/B1, R0/r0, inclination angle δ, and shift d of the toroid. The relationship between
the systems was
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Figure 2 Toroidal flux ropes for various aspect ratios. Magnetic field magnitude distribution is shown by
color contours and scaled by the respective field maxima in each plot. Solid lines are cross sections of mag-
netic surfaces on which helical magnetic field lines lie. Dashed circles are cross sections of a generating
toroid. Case (b) is supplemented by a three-dimensional view of the flux rope. Three-dimensional views of
the generating toroids from cases (a), (b), and (c) are displayed in Figures 1a, 1b, and 1c, respectively.

X = d + x cos δ + z sin δ, (7)

Y = y, (8)

Z = −x sin δ + z cos δ. (9)

The total magnetic field was a vector sum of an unperturbed cylindrical flux rope (Equa-
tions (4) – (6) expressed in the XYZ system) and the toroidal field (Equations (1) – (3)
related to the xyz system). The toroidal field was not numerically computed from Equa-
tions (1) – (3), because the sums converge slowly, but using alternative formulas given by
Romashets and Vandas (2009):

Br = B0

∫ 2π

0
J1(αρ)

z cos ϕ̃

ρ
dϕ̃, (10)
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Bϕ = B0

∫ 2π

0
J0(αρ) cos ϕ̃ dϕ̃, (11)

Bz = −
r

z
Br + B0

∫ 2π

0
J1(αρ)

R0

ρ
dϕ̃, (12)

where ρ =
√

(r cos ϕ̃ − R0)2 + z2 (note that there is a misprint in Equation (12) of Ro-
mashets and Vandas (2009) for Bz; it should read J1 instead of J0).

A characteristic change of magnetic structure due to insertion of the toroidal field was
found for R0/r0 = 0.75 and B1/B0 ≈ 15 (more specifically, B0 has such a value that the
maximum of the toroidal field is 0.25B1; the maximum magnetic field magnitude of the
toroidal field for the above given aspect ratio approximately is 3.65B0 and is located at the
origin; the condition 0.25B1

.
= 3.65B0 yields B1/B0 ≈ 15). With these values, the following

situations were considered in detail: i) parallel case (δ = 0◦, d = 0), that is, the rotational
toroid’s axis is aligned with the cylindrical flux rope axis, the magnetic field vectors of the
two fields at the origin are parallel, and there is no shift; ii) antiparallel case (δ = 180◦,
d = 0), that is, the axes are aligned, the magnetic field vectors at the origin are antiparallel,
and there is no shift; iii) perpendicular case (δ = 90◦, d = 0), that is, the axes are perpen-
dicular and there is no shift; iv) antiparallel case with a shift (δ = 180◦, d = 0.3r0). These
configurations are presented in Figures 4 – 7.

Figure 4a shows a cross section (in the XZ plane) of the flux rope for the parallel case.
The boundary of the flux rope is determined by the magnetic surface which has the largest
convex cross section perpendicular to Z (all flux rope boundaries in the paper were identified
in such a way). Magnetic field magnitude distribution is shown by color contours. Solid lines
are cross sections of magnetic surfaces on which helical magnetic field lines lie. Distribution
of these surfaces does not represent density of magnetic field lines, because the surfaces are
given by the quantity rBϕ′ = const. (it is due to axial symmetry, see Romashets and Vandas,
2009). The fields are parallel near the origin, therefore the resulting field is intensified and
the flux rope is thinner here. But there are two widenings away from the origin. Figure 7a
is a three-dimensional view of this flux rope. Figure 4b displays the same quantities for the

Figure 3 Illustration of how a
disturbed magnetic field is
constructed in a general case. The
field consists of a regular
cylindrical field (described in the
system X, Y , and Z) and an
additional toroidal field
(determined in the system x, y,
and z).
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Figure 4 Magnetic field
magnitude distribution in flux
ropes for (a) parallel and (b)
antiparallel cases. A cylindrical
flux rope is modified by insertion
of the toroidal field. The
rotational toroid’s axis coincides
with the Z axis and the cylinder’s
and toroid’s origins coincide, too.
The field magnitudes are scaled
by corresponding field maxima.
The solid lines show cross
sections of magnetic surfaces.
The magnetic field configuration
is axially symmetric in both
cases.

Figure 5 Magnetic field
magnitude distribution in the flux
rope for the perpendicular case is
shown in two planes, (a) Y = 0,
and (b) X = 0. A cylindrical flux
rope is modified by insertion of
the toroidal field, where the
rotational axis coincides with the
X axis and the cylinder’s and
toroid’s origins are the same. The
field magnitude is scaled by its
maximum value in the flux rope.
Magnetic surfaces (except of the
boundary) are not shown because
the case is not axisymmetric and
it is not possible to apply a
simple mapping as could be done
for the symmetric cases.

antiparallel case. The field is weaker around the origin and the flux rope is thicker here. The
three-dimensional view is shown in Figure 7b.

Figure 5 displays the perpendicular case. The flux rope is plotted in two cross sections,
in the XZ and YZ planes. Mutual comparison reveals asymmetry and warping of the flux
rope which is also seen in Figure 7c.

When the toroid’s origin is shifted away from the cylinder’s axis, the resulting flux rope
becomes much thinner, it is also asymmetric and warped. Figures 6 and 7d depict the situa-
tion.
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Figure 6 Antiparallel case with
a shift; it is similar to Figure 4b
but the toroid is shifted by 0.3r0
along the X axis to the right.
Similar to Figure 5, magnetic
field magnitude distribution is
shown in two planes, (a) Y = 0
and (b) X = 0.

Figure 7 Magnetic surfaces
representing boundaries of
irregular flux ropes from
Figures 4 – 6: (a) parallel case,
(b) antiparallel case, (c)
perpendicular case, and (d)
antiparallel case with a shift.
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We selected specific values of the parameters of the model where changes of the cylin-
drical flux rope were most pronounced: varying thickness and warping. Changing these
parameters, the qualitative picture will be the same, but mostly less pronounced, or the flux
rope becomes too thin (mainly when the shift is included).

4. Discussion and Conclusions

New mathematical formulas describing a force-free magnetic field with a constant α in-
side a compact toroid have been developed for modeling local irregularities inside so-
lar magnetic flux ropes. The new compact-toroid solution has been superposed onto the
well-known force-free cylindrical solution. In principle, the model can be applied for in-
terpretation of some features observed in solar flux ropes. Within the proposed approach
such local irregularities are considered as a superposition of a compact toroid with the
cylindrical tube. Figure 8 shows a prominence with irregularities similar to those on Fig-
ure 7a (source http://stereo-ssc.nascom.nasa.gov/browse/2010/10/24/index.shtml). It was
observed with the STEREO A (Solar Terrestrial Relations Observatory/Ahead) satellite
SECCHI/EUVI (Sun Earth Connection Coronal and Heliospheric Investigation/Extreme

Ultraviolet Imager) (304 Å) on November 22, 2011. On the other hand, the image does
not show field lines, but plasma. And, because of this, the shape could be attributed to other
effects, such as part of the flux rope not being lit up. There is an ongoing discussion whether
flux ropes are involved in the formation of filaments (e.g. Guo et al., 2010) or not. The
former point of view may be supported by presence of helical magnetic field lines visible
in the snapshot. The method can also be applied in the future to interpret observations of
irregularities inside interplanetary magnetic clouds.

The model presented in this paper yields a static description of the magnetic field.
The structure is in equilibrium and can keep its shape for a long time, since force-free
structures are minimum energy states. The prominence in Figure 8 was seen for more
than 20 hours without significant changes in its shape. Romashets and Poedts (2007) and
Dalakashvili et al. (2009) developed a procedure to show how plasma parameters (pressure

Figure 8 STEREO A
SECCHI/EUVI view of a coronal
prominence with changes in
thickness (similar to Figure 7a).
Image courtesy of the STEREO
(SECCHI/EUVI) team.
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and temperature) can be constructed for such a magnetic-field configuration. If the system
is non-stable and time-dependent, the MHD equations need to be solved numerically.
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Abstract In-situ measurements of interplanetary coronal mass ejections (ICMEs) display
a wide range of properties. A distinct subset, “magnetic clouds” (MCs), are readily identi-
fiable by a smooth rotation in an enhanced magnetic field, together with an unusually low
solar wind proton temperature. In this study, we analyze Ulysses spacecraft measurements
to systematically investigate five possible explanations for why some ICMEs are observed
to be MCs and others are not: i) An observational selection effect; that is, all ICMEs do in
fact contain MCs, but the trajectory of the spacecraft through the ICME determines whether
the MC is actually encountered; ii) interactions of an erupting flux rope (FR) with itself or
between neighboring FRs, which produce complex structures in which the coherent mag-
netic structure has been destroyed; iii) an evolutionary process, such as relaxation to a low
plasma-β state that leads to the formation of an MC; iv) the existence of two (or more) in-
trinsic initiation mechanisms, some of which produce MCs and some that do not; or v) MCs
are just an easily identifiable limit in an otherwise continuous spectrum of structures. We
apply quantitative statistical models to assess these ideas. In particular, we use the Akaike
information criterion (AIC) to rank the candidate models and a Gaussian mixture model
(GMM) to uncover any intrinsic clustering of the data. Using a logistic regression, we find
that plasma-β, CME width, and the ratio O7/O6 are the most significant predictor variables
for the presence of an MC. Moreover, the propensity for an event to be identified as an MC
decreases with heliocentric distance. These results tend to refute ideas ii) and iii). GMM
clustering analysis further identifies three distinct groups of ICMEs; two of which match (at
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the 86 % level) with events independently identified as MCs, and a third that matches with
non-MCs (68 % overlap). Thus, idea v) is not supported. Choosing between ideas i) and iv)
is more challenging, since they may effectively be indistinguishable from one another by a
single in-situ spacecraft. We offer some suggestions on how future studies may address this.

Keywords Coronal mass ejections · Magnetic flux ropes · Magnetic clouds

1. Introduction

Coronal mass ejections (CMEs) produce spectacular visual displays involving the some-
times-explosive release of plasma and magnetic field from the solar corona into interplan-
etary space. Although they have been studied for many years since their discovery in the
early 1970s by Skylab (Tousey, 1973) and they have the potential to wreak substantial dam-
age to our technologically reliant society (Schieb, 2011), many of their basic properties are
not well understood.

A CME can be defined as a large-scale, bright (and dark) transient feature observed in
white-light (coronagraph) images of the Sun (see, e.g., Hundhausen, 1993). The limitations
of this definition are important. It relies only on white-light observations, which trace elec-
tron density. Moreover, these observations are integrated along the line of sight, weighted
by the ray path’s closest distance to the solar surface. CMEs are, of course, known to be
violent eruptions of coronal magnetic fields, which, when viewed in the plane of the sky
give rise to “bulb-like” structures or, on the disk, to “halo” structures. The classic three-
part structure of a CME consists of a bright front, cavity, and core (see, e.g., Riley et al.,
2008). However, we do not observe the magnetic field; we must infer its properties from a
combination of numerical models driven by observations of the photospheric field. Clearly,
though, the magnetic field must play a central role in the origin and dynamics of the CME,
since there are no other sufficient sources of energy to power the eruption. Based on this, we
infer that the white-light features we see are the manifestation of a flux rope (FR) structure
propagating through the corona.

In the solar wind, interplanetary CMEs (ICMEs) are observed to display a wide range of
features in in-situ measurements (Zurbuchen and Richardson, 2006). These include: coun-
terstreaming suprathermal electrons, low proton temperature, declining speed profile, en-
hanced solar wind ion charge states and/or variable composition, and helium abundance
enhancements. ICMEs are often (but not always) preceded by interplanetary shock waves
(Marubashi, 1997; Bothmer and Schwenn, 1998). We can further distinguish a subset of
ICMEs, termed “magnetic clouds” (MCs), that include a coherent structure with a large,
smooth rotation of the magnetic field through the event, in concert with an enhanced mag-
netic field strength and relatively low proton temperature and plasma-β (Burlaga et al., 1981;
Klein and Burlaga, 1982). The terms “magnetic cloud” and “flux rope” are often used inter-
changeably. However, the latter is less rigorously defined, typically requiring only a coherent
rotation in the magnetic field. Here, we will reserve FR to describe the magnetic structure
near the Sun and MC to describe the relevant in-situ measurements.

Few ICMEs display all of these signatures. To compound this, in-situ measurements
(with the notable exceptions of composition and charge states) are a convolution of intrinsic
and evolutionary effects, and disentangling them can be difficult, if not impossible. Clearly,
ICMEs are related to CMEs, yet the connection is not always obvious (Riley et al., 2006;
Möstl et al., 2009).

ICMEs that are not MCs, or do not obviously contain an MC, need their own moniker.
Burlaga et al. (2001) suggested the term “complex ejecta” (CE), while others have used the
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phrase “non-MC ICME” (e.g., Richardson and Cane, 2004a; Zurbuchen and Richardson,
2006; Gopalswamy, 2010). Since ejecta are observed that could be classified as “simple”
but do not contain a clear rotation in the magnetic field, for our purposes the former def-
inition could be misleading (although it could be used for a specific set of events that are
complex but do not contain FRs). For clarity, we will refer to the ICMEs with no obvious
MC association as non-magnetic clouds, or non-MCs. Thus, NICME = NMC + Nnon-MC.

A number of studies have investigated the statistical properties of ICMEs and/or MCs.
Burlaga et al. (2001) studied the properties of fast solar wind ejecta observed by the Ad-

vanced Composition Explorer (ACE) during 1998 – 1999 identifying two distinct classes.
Although limited to only nine events, they found that, compared to MCs, the CEs had:
i) weaker magnetic fields, ii) higher proton temperatures, iii) higher plasma-β , and iv) com-
parable speeds. Of more significance, the CEs were twice as wide (in the radial direction)
as the MCs. Since CMEs near the Sun are inferred to occasionally interact with one another
(e.g., Gopalswamy et al., 2001), this led Burlaga et al. (2001) to suggest that CEs were the
result of the interaction of two or more MCs nearer to the Sun than the point of observation.

The importance of the spacecraft’s trajectory through an event in determining the ob-
served properties has been suspected for a long time. For example, Cane (1988) showed that
He abundance enhancements, indicating the presence of ejecta, tended to disappear with
increasing angular (longitudinal) distance from the source, suggesting that the flank of the
shock, but not the ejecta itself, was being intercepted. Cane, Richardson, and Wibberenz
(1997) also concluded that MCs originated, on average, closer to central meridian than
non-cloud ICMEs based on Helios observations. More recently, Gopalswamy (2006), distin-
guishing between MCs, non-MCs, and driverless shocks, found that MCs originated close to
central meridian longitude (<30◦), whereas non-MCs were distributed more broadly across
the disk. Most of the driverless shocks originated near the solar limbs (both east and west).
These results are consistent with the idea that the observer’s position governs whether one
sees an MC. However, some exceptions had to be accounted for; in particular, several driver-
less shocks, as well as numerous non-MCs that originated from disk center.

Richardson and Cane (2010) updated and expanded their earlier studies (Cane and
Richardson, 2003; Richardson and Cane, 2004a) of ICMEs observed near Earth to encom-
pass all events from 1996 through 2009. Of relevance to the present study, they found that
solar sources (halo, partial halo, Hα, or flare reports) could not be found for 46 % of the
ICMEs observed at Earth. For the events for which a source could be found, 95 % lay
within 50◦ of central meridian and 57/43 % of the events lay to the west/east, although the
mean location was W3.2◦. They also extended an earlier analysis of the relative fraction of
ICMEs that were magnetic clouds as a function of solar cycle (Cane and Richardson, 2003;
Richardson and Cane, 2004b; Riley et al., 2006). Previously, they had shown a tentative
result that the MC fraction was larger at solar minimum than at maximum. While the more
recent period (2004 – 2009) was not inconsistent with this, the results (albeit based on a
small number of events) did not increase support. They also found a modest correlation
(0.6) between the speed and maximum magnetic field strength for those events that were
MCs; in contrast, the correlation was weak (0.28) for events that were not MCs. Finally,
they noted that, frequently, MC structures were observed to be substructures of larger, more
complex ICME regions.

Du, Zuo, and Zhang (2010) developed a comprehensive list of 181 ICMEs observed by
the Ulysses spacecraft, of which 43 % were identified as MCs. Again, limiting our discussion
to relevant points, they found no clear change in the MC fraction with heliolatitude: While
there were more MCs than non-MCs in the northern hemisphere (above 50◦), the reverse
was true in the southern hemisphere.
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Most recently, Richardson and Cane (2011) applied the same types of analyses previously
performed on near-Earth events to 270 ICMEs they identified in the Ulysses measurements.
Of these, 125 events overlapped with the events identified by Du, Zuo, and Zhang (2010).
Once again, they found a trend for the MC fraction to increase at solar minimum. How-
ever, unlike their near-Earth study, the increase was clearer during the most recent minimum
(2008). They also concluded that there was a tendency for the MC fraction to increase away
from the solar equator, which they argued was consistent with the idea of preferentially in-
tercepting the axis of a flux rope embedded within an ICME when at the latitude of the solar
active regions. Additionally, they identified 11 ICMEs that were observed both at Ulysses

and near Earth when the two spacecraft were separated by less than 30◦ longitude. Of these,
four contained flux rope structure at both locations; five contained flux rope structure at
Ulysses but not at Earth; one contained flux rope structure at Earth but not at Ulysses; and
one was devoid of flux rope structure at both locations.

In an attempt to better understand the relationship between MCs and ICMEs, we have
identified five possible ideas that might explain why either MCs or non-MCs might appear
in in-situ measurements. These are described next.

1.1. Is the Presence or Absence of an MC an Observational Selection Effect?

One possible explanation for the relationship between MCs and ICMEs, as discussed above,
is that of an “observational selection” effect (e.g., Riley et al., 2003, 2006): Whether one
observes an MC depends on the spacecraft’s trajectory through the ejecta (Figure 1). In this
scenario, all ICMEs have an MC embedded within a larger ejecta. If MCs are observed
only when the spacecraft is fortuitously positioned so that it passes sufficiently close to
the flux rope’s axis, then geometrical considerations can be used to assess this hypothesis.
For example, consider a flux rope launched with its axis parallel to, and in the heliographic
equator. The cross section is shown in Figure 1. We might anticipate intercepting an MC over
a broad range of longitudes, but confined to near-equatorial latitudes. At higher latitudes,
the spacecraft would likely intercept a shock and sheath region, and then enter an ejecta-
like structure, for example, with depressed temperature and compositional anomalies, but
without a rotation of the magnetic field. In practice, CMEs are launched from a range of
latitudes, which tend to cluster at mid-latitudes where active regions form, and this pattern
changes during the course of the solar cycle. Nevertheless, if this picture holds, we might
expect the MC fraction to decrease at sufficiently high latitudes.

1.2. Do MC–MC Interactions Destroy Flux Rope Structure?

A second possibility is that two or more MCs interact with one another to produce a CE
(or non-MC), destroying the coherent MC structure in the process (Burlaga et al., 2001).
Thus, near the Sun the CME contained a FR that was subsequently destroyed prior to being
observed at 1 AU or beyond. In this case, we make the explicit association of non-MCs with
the “complex ejecta” structures described by Burlaga et al. (2001). In their study, they found
that the average radial width of such an event was more than twice that for an MC. Thus,
hypothesizing that CEs are created by CME-CME interactions suggests that, on average,
they should be two or, for three-body interactions, even three times as wide as MCs. Note
that the events in the Burlaga et al. (2001) study were carefully chosen. The interval was
limited to a 1.8-year period in 1998/1999, which coincided with the ascending phase of
Solar Cycle 23. Only fast ejecta (v > 600 km s−1) were considered, which resulted in a total
of nine events: four MCs and five CEs, or an MC fraction of ≈44 %.
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Figure 1 Schematic illustrating
how the spacecraft’s trajectory
through an ICME might lead to
either the identification of a
magnetic cloud or a non-MC
(or CE).

Although Burlaga et al. (2001) analyzed the duration of the structure as it passed the
spacecraft, in view of the hypothesis that aggregations of MCs produce CEs (or non-MCs),
the width of the event would appear to be a more appropriate parameter. This is given by:
d ≈ 〈vCME〉 × τCME, where 〈vCME〉 is the average speed of the CME and τCME is the duration
of the CME as it passes over the spacecraft. In summary, if MC–MC interactions are a major
effect in producing non-MCs, we would expect, on average, that the latter are larger than the
former.

1.3. Do Evolutionary Processes in the Solar Wind Produce Flux Ropes?

A third and related possibility is that evolutionary processes within the CME produce a flux
rope. In a sense, this reflects the opposite outcome to idea ii). Observations and modeling
suggest that CMEs are born as high-pressure structures close to the Sun, due to the large
fields and/or densities. As they move farther away and expand, they relax to a more force-
free configuration, potentially allowing a complex magnetic field structure to evolve into a
more coherent structure (see Figure 2). In this scenario, ICMEs would evolve into MCs with
increasing distance from the Sun (J.T. Gosling, personal communication, 1996). In a similar
vein, Bellan (2000) argued that a Taylor-like relaxation, whereby the plasma inside a fusion
device is driven toward a force-free helical state (Taylor, 1974), might apply to prominences
in the corona, in part based on laboratory experiments. If such a scenario holds, we might
expect to observe a greater proportion of MCs to ICMEs at larger heliocentric distances;
that is, the MC fraction should increase with increasing distance from the Sun. However,
Richardson and Cane (2004b), analyzing Helios data, did not find a systematic trend in MC
fraction and heliocentric distance.

1.4. Are There Two (or More) Intrinsic Mechanisms that Produce Flux-Rope and
Non-flux-Rope CMEs?

A superficially obvious explanation for the apparent bimodal presence of MCs and non-
MCs is that there are two (or more) distinct mechanisms producing them. A range of self-
consistent models of CME initiation and eruption have already been developed, all of which
naturally produce FRs in the corona, and, by inference, MCs in the solar wind (see, e.g.,
Riley et al., 2004). On the other hand, only ad hoc schemes, such as pressure pulses, or
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Figure 2 Schematic illustrating how a Taylor relaxation process might produce magnetic clouds from initial
non-MCs. For simplicity, the magnetic field is shown as detached from the Sun, but in reality, field lines
threading the ejecta would connect back to the Sun. Adapted for ICMEs from a drawing by Bellan (2000).

blast waves (see, e.g., Odstrcil, 2009), can even claim to produce interplanetary transient
structures that have no FR component. Thus, as yet there is no self-consistent mechanism
starting at or below the photosphere capable of producing a large-scale eruption that does not
contain helical fields within it. Therefore, we must appeal to either a new, as yet undiscov-
ered process, or the modification of an existing one that is capable of producing something
sufficiently complex. Given the intrinsically more complicated geometry of the “break out”
configuration (see, e.g., Lynch et al., 2008), one could posit that it might naturally pro-
duce a non-MC, whereas eruption from within a dipolar configuration would be more likely
to produce an MC. Of course one could assemble other combinations of “simple” versus

“complex” scenarios, such as eruptions within active regions versus polar crown filaments.
However, without a clear set of predictions that can be differentially tested in the data, it
would be impossible to confirm or refute a specific pairing.

1.5. Are MCs Merely a Limiting, Easily Identifiable Subset of a Continuum Range of
Magnetic Fluctuations Within Ejecta?

As scientists (or humans), we are driven by a desire to classify objects. MCs represent an
obvious coherent structure that can be easily identified in multi-day time series of the in-
terplanetary magnetic field, which makes them an obvious candidate for receiving a name
and definition. Since non-MC ICMEs share similar plasma attributes, differing primarily in
their magnetic properties, it is natural for us to create two classifications into which all cases
neatly fit. But what if the classification is merely threshold based? That is, what if a broad
and relatively flat spectrum of event types is produced, but only those that are sufficiently
“clear” are identified as MCs? To assess this, we must use a technique that is not “biased”
with our tendency to subjectively find patterns in the objects we see.

Thus, in this study we will analyze Ulysses in-situ measurements from launch through
2008 to uncover evidence that either supports or refutes one or more of these ideas concern-
ing the relationship between MCs and ICMEs. In particular, we will use a logistic regression
analysis to develop a statistical model relating CME properties to the likelihood that an MC
is present within the ejecta, using the Akaike information criterion (AIC) to assess which
predictor variables best define the model. We will then apply a clustering analysis using a
Gaussian mixture model (GMM) to determine whether the data support grouping ICMEs
into two or more specific groups, and if so, whether these clusters match the subjective
delineation of events into MCs and non-MC ICMEs.

2. Statistical Analysis of Ulysses ICMEs

To investigate the relationship between MCs and ICMEs, we use Ulysses one-hour averaged
data from launch through 2008, obtained from COHOweb at the Space Physics Data Fa-



CMEs and Flux Ropes 223

Figure 3 ICME speed versus

plasma-β for 181 ICMEs
identified by Du, Zuo, and Zhang
(2010), color-coded according to
whether they were (red) or were
not (blue) magnetic clouds.

cility (SPDF) at NASA/GSFC (http://cohoweb.gsfc.nasa.gov/). Several comprehensive lists
of ICMEs observed by Ulysses have been developed in recent years (Ebert et al., 2009;
Du, Zuo, and Zhang, 2010; Richardson and Cane, 2011). While there is a significant overlap
between these lists (Richardson and Cane, 2011), there are a notable number of differences.
Du, Zuo, and Zhang (2010)’s list is the most sparse, containing a total of 181 ICMEs, while
Richardson and Cane (2011)’s list is the most extensive, with 270 events. When conducting
a statistical analysis, it makes sense to err on the conservative side, provided a sufficiently
large number of events are present. Thus, here we restrict our analysis to those events iden-
tified by Du, Zuo, and Zhang (2010). Of their identified 181 ICMEs, 77 (or 43 %) were
MCs.

In Figure 3 we present all 181 events separated into MCs and non-MCs as a function
of solar wind speed and plasma-β , where the plasma-β is defined as 2npkBTp

B2/µ0
, where kB is

the Boltzmann constant, and np and Tp are the proton density and temperature, respectively.
This clearly demonstrates the strong dependence on low values of plasma-β for MCs. This
is not surprising, given that MCs are defined by their high magnetic field strength, and,
because they are often observed to be expanding, their low density. The figure also hints at a
possible dependence on speed, with a tendency for MCs to display a broader range in speed.
However, this plot does not separate the two classifications fully: a significant number of the
non-MCs are also low-β (≪1) objects (although there are no low-β , high-speed non-MCs).

In the following sections we apply two statistical analysis techniques to these events:
logistic regression and Gaussian mixture models.

2.1. Logistic Regression of the Ulysses ICMEs

Logistic regression is a useful technique for predicting a binary outcome from a set of con-
tinuous predictor variables (Hosmer and Lemeshow, 2000); that is, it can be used for classi-
fication purposes. In our case, the outcome variable is whether the ICME is an MC or not,
and the predictor variables are a set of continuous (but averaged for each event) parameters,
including plasma-β , speed, width, magnetic field strength, plasma density, α/P ratio, tem-
perature, average charge state of iron (QFe), the ratio of O7 to O6 (O7/O6), heliocentric
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distance, latitude, and sunspot number (SSN). This is not an exhaustive list, but it does in-
clude the primary variables used to describe the properties of ICMEs. We note that the last
three parameters – distance, latitude, and SSN – are not intrinsic parameters of the event;
in fact, distance and latitude are sensitive to the position of the spacecraft. However, they
can still be useful for assessing whether the likelihood of identifying an MC, rather than a
non-MC, is dependent on the spacecraft’s position in the heliosphere. Similarly, the pres-
ence or absence of MCs can be related to the phase of the solar cycle by including SSN as a
predictor variable.

We define our binary outcome variable (y) to be 0 or 1, where the latter is the identifica-
tion of an MC, and write the probability, p, that y = 1:

logit(p) = ln
(

p/(1 − p)
)

= β0 + β1 × x1 + · · · + βk × xk. (1)

This represents the logistic regression of y on the predictor variables x1, . . . , xk through
the estimation of the parameters β0 through βk , and, practically speaking, gives the proba-
bility that an event described by the observed quantities x1, . . . , xk will be an MC. The logit

function, logit(p) = ln(p/(1−p)), is the logarithm of the odds (p/(1−p)), i.e., the chance
of a given probability of an outcome occurring. Thus, the logistic regression coefficients give
the change in the log odds of the outcome for a unit change in the predictor variable.

In practice, the best estimates of the parameters β0 through βk are obtained using the
method of maximum likelihood via an interactively reweighed least squares method (Hos-
mer and Lemeshow, 2000). In contrast to the more familiar least-squares approach, which
minimizes variation from the model, maximum likelihood finds the model equation with the
highest probability (i.e., likelihood) of explaining the outcome variable, given the predictor
variables. In the following analysis, we use the generalized linear model (GLM) imple-
mented in the statistical package R, which includes the logistic regression method described
above (Faraway, 2006).

To assess the quality of a particular statistical model, we apply the Akaike Information
criterion (AIC), which measures the relative goodness-of-fit (Akaike, 1974). It is based on
the idea of minimizing the amount of information lost when a particular model is used to
approximate reality. In general, the AIC can be defined as:

AIC = 2K − 2 ln(L), (2)

where K is the number of parameters in the statistical model and L is the maximized like-
lihood function for the model. The likelihood function expresses the probability of the
observed data as a function of the unknown parameters. Thus, the maximized likelihood
function involves the selection of those parameters that give the observed data the greatest
probability. Practically speaking, the “best” model for a set of predictor variables is the one
that minimizes the AIC value. Since AIC includes the number of parameters (i.e., predic-
tor variables), K , the AIC value is penalized for each parameter added; thus, parsimonious
models are encouraged. It is important to note that the AIC does not tell us which is the
correct model from a physical point of view, only the one that best matches the data. From
a different perspective, the AIC score allows us to discount models that perform poorly.

For our purposes, we will treat the AIC score as a defensible method for assessing
whether the presence or absence of MCs is dependent on a particular predictor variable,
which, in turn, allows us to argue in favor of or against one or more of the ideas that we
introduced earlier to explain the MC/ICME relationship.

One final potentially useful statistical tool to apply in our analysis is the variation inflation
factor (VIF). It is well known that some solar wind parameters display strong collinearity
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with one another, which, if both were included in the statistical model, would be mislead-
ing. Plasma-β and magnetic field strength are obvious examples. While we could perform
correlation tests for pairs of predictor variables, looking for large positive or negative corre-
lations, this approach has drawbacks. For example, it is possible that a strong linear depen-
dence exists between three or more variables, yet pairwise correlations between them are
small. Computing the VIF circumvents this problem by estimating the factor by which the
variance increases for each estimated coefficient βk . We define the VIF for the kth variable
to be:

VIFk =
1

1 − R2
k

, (3)

where R2
k is the multiple correlation between the kth variable and all other variables (Afifi,

Clark, and May, 2011). Thus, as Rk approaches 1, signaling the presence of collinearity, the
VIF becomes large. Typically, multicollinearity is considered high when VIF > 5.

Table 1 summarizes an initial logistic regression analysis of the Ulysses CMEs. The first
column lists the 13 predictor variables that were included. We note that two temperatures
are computed from the Ulysses ion instrument measurements, (Tmin and Tmax) which are
both reported to the SPDF. With no compelling reason to choose one over the other, at
least initially, we retain both. The last column (Pr(> |z|)), known as the “p-value,” gives
a measure of the significance of a particular predictor variable. Typically values <0.01
provide convincing evidence of the significance of a variable. However, we emphasize that
this is only statistical evidence and not proof of a causal relationship. Thus, employing a 5 %
threshold, we infer that plasma-β , width, O7/O6, and heliocentric distance are “parameters
of interest,” worthy of further scrutiny. Also note that high p-values do not prove the null
hypothesis, i.e., that the variable is not significant, they only tell us that our dataset coupled
with the analysis technique was not able to identify such a relationship. Of these, plasma-
β , width, and O7/O6 are most significant. The second column gives the best-fit coefficient
for each predictor variable, β̂k (where the ^ denotes the maximum likelihood estimate of
the kth variable). Thus, the likelihood of identifying an ICME as an MC depends strongly
on it having: i) a low plasma-β , ii) a large width, and iii) high O7/O6. Note that, at least
during this initial analysis, speed, density, α/P ratio, QFe, and latitude do not appear to
be significant. Although not as important for our study, we note that column three gives
the standard error of the estimated coefficients, and column four displays the ratios of the
estimated coefficients to their estimated standard error.

Next, we assess the effects on the AIC score of dropping any one predictor variable for the
model. Table 2 summarizes this. Again, column one lists each of the predictor variables. The
initial AIC score is given in the first cell of column four, with the remaining cells giving the
revised AIC score if that variable is dropped. Columns two, three, and five give the degrees
of freedom, deviance, and likelihood ratio test (LRT). The deviance is a “quality of fit”
statistic and essentially measures the deviation of the reduced model to the full model, while
the LRT gives a measure as to the statistical significance of the variable in the multivariate
model. For example, we conclude that dropping SSN, that is, the phase of the solar cycle,
reduces the AIC score modestly, while dropping the plasma-β raises it dramatically. Since
our objective is to lower the AIC score, this suggests that SSN is not a significant variable
but that plasma-β and width are.

Before culling parameters from our list of predictor variables based on AIC rankings, as
a check for collinearity, we estimated the VIFs for each variable. Not surprisingly, we found
VIFTmin = 10.3, since Tmin and Tmax are highly correlated. However, since neither Tmin nor
Tmax was found to be sufficiently significant, both were removed from the analysis.
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Table 1 Results of logistic regression analysis. Column one lists the predictor variables used in the statistical
model, column two (Estimate) gives the estimated value of the regression coefficient for each variable, column
three (Std. error) gives the standard error for these estimates, column four (z value) gives the results of the z

test, and column five (Pr(> |z|)) provides the p-values.

Predictor variable Estimate Std. error z value Pr(> |z|)

(Intercept) 0.6030 3.3528 0.180 0.8573

SSN −0.0046 0.0086 −0.537 0.5910

Plasma-β −2.9918 0.8938 −3.347 0.0008

Speed 0.0027 0.0043 0.622 0.5337

Width 1.5982 0.4878 3.276 0.0011

Field strength 0.1269 0.0740 1.715 0.0863

Proton density 0.0781 0.0778 1.004 0.3155

α/P ratio −15.0391 16.9151 −0.889 0.3740

Tmin 0.0000 0.0000 1.278 0.2013

Tmax −0.0000 0.0000 −1.694 0.0903

QFe 0.0290 0.1899 0.153 0.8786

O7/O6 2.3950 0.8686 2.757 0.0058

Heliocentric distance −0.8605 0.3765 −2.285 0.0223

Latitude −0.0173 0.0185 −0.932 0.3512

Table 2 Variation in AIC score when each predictor variable is dropped from the analysis. Column one lists
each predictor variable, column two (Df) gives the number of degrees of freedom, column three gives the
deviance, column four gives the AIC score, column five gives the results of the likelihood ratio test (i.e., the
deviance change), and column six gives the p-value.

Predictor variable Df Deviance AIC LRT Pr(Chi)

〈none〉 117.2 145.2

SSN 1 117.5 143.5 0.289 0.59059

Plasma-β 1 137.4 163.4 20.182 0.00001

Speed 1 117.6 143.6 0.391 0.53200

Width 1 128.9 154.9 11.642 0.00064

Field strength 1 120.4 146.4 3.138 0.07647

Proton density 1 118.2 144.2 0.987 0.32057

α/P ratio 1 118.1 144.1 0.826 0.36355

Tmin 1 118.8 144.8 1.572 0.20992

Tmax 1 120.0 146.0 2.716 0.09933

QFe 1 117.3 143.3 0.024 0.87615

O7/O6 1 125.8 151.8 8.576 0.00341

Heliocentric distance 1 123.2 149.2 5.971 0.01454

Latitude 1 118.2 144.2 0.911 0.33979

Rerunning the logistic regression with the new subset of predictor variables yielded the
results in Table 3: plasma-β , CME width, and O7/O6 remain the strongest variables, with
heliocentric distance the weakest. Importantly, these results strongly imply that the likeli-
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Table 3 Logistic regression analysis for subset of most significant predictor variables. See Table 1 for a
description of the column headings.

Predictor variable Estimate Std. error z value Pr(> |z|)

(Intercept) 0.4651 0.7744 0.601 0.5481

Plasma-β −2.9253 0.7473 −3.915 0.0001

Width 1.5000 0.4470 3.356 0.0008

O7/O6 2.4366 0.7385 3.299 0.0010

Heliocentric distance −0.3542 0.1799 −1.969 0.0490

Table 4 Variation in AIC score when each of the most significant predictor variables is dropped from the
analysis. See Table 2 for a description of the column headings.

Predictor variable Df Deviance AIC LRT Pr(Chi)

〈none〉 134.8 144.8

Plasma-β 1 166.4 174.4 31.536 0.00000

Width 1 147.3 155.3 12.505 0.00041

O7/O6 1 153.5 161.5 18.678 0.00002

Heliocentric distance 1 138.9 146.9 4.059 0.04395

hood of observing an MC increases with CME width and higher O7/O6, but decreases with
heliocentric distance and plasma-β .

For completeness, and as a complementary check, we repeated the exercise of dropping
each predictor variable from the statistical model and recomputed the AIC score. This is
shown in Table 4. Focusing on column four, this reinforces the result that, in decreasing
order of significance, plasma-β , O7/O6, width, and then heliocentric distance best predict
the presence of an MC.

2.2. Gaussian Mixture Model Analysis of Ulysses ICMEs

In the previous section we used logistic regression analysis to build a statistical model that
related continuous predictor variables to a known (at least subjectively) binary outcome
variable (MC or non-MC). However, a complementary question is whether the ICME pa-
rameters (i.e., the predictor variables) are clustered into subpopulations. Thus, whereas the
logistic regression analysis relied on our identification of the ICME as being either an MC
or a non-MC, clustering analysis attempts to find natural groups based only on the predic-
tor variables; i.e., it uses statistical inference derived from the entire population of events
without any prior knowledge of the sub-populations. Therefore, to address the question of
whether MCs are really a distinct class, we can attempt to identify distinct clusters and see
if they match with the events that were identified as either MCs or non-MCs in the Ulysses

ICME list by Du, Zuo, and Zhang (2010).
The approach we use here is known as the Gaussian mixture model (GMM) (Everitt

and Hand, 1981; McLachlan and Peel, 2000). We assume that N observed variables are
distributed according to a mixture of K components, where each component belongs to
some parametric family, each of which has a different set of parameters. Here, we further
assume that the families are Gaussian, being defined by their own mean and variance. That
is, each cluster is defined by a Gaussian distribution in the predictor variable parameter space
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Figure 4 ICME speed versus

plasma-β for Ulysses-observed
ICMEs. The CMEs are
color-coded according to the
three components identified by
the GMM analysis.

with a unique mean and variance. Computationally, we use the MCLUST routine developed
for the statistical package R, which relies on a Bayesian information criterion (BIC) score to
estimate the best clusters. (See also Press et al., 2007 for a discussion on implementing this
technique numerically.) BIC and AIC are similar but distinct criteria for model selection,
with BIC penalizing free parameters more strongly than AIC. While the number of clusters
in GMMs can be specified a priori, here, we allow the algorithm to minimize the BIC score
by varying the number of components from 1 through 9. For this analysis, we used a subset
of parameters listed in Table 1 (plasma-β , speed, width, and O7/O6). The results are shown
in Figures 4 and 5.

The GMM analysis found that the data were best fit by three components, as identified
in Figure 4. Two of the clusters (red and green) tend to have low plasma-β but are separated
by speed, whereas the third cluster (blue) has a larger plasma-β and more moderate speed.
Comparing these clusters with the events identified subjectively by Du, Zuo, and Zhang
(2010) to be either MCs or non-MCs (Figure 3) shows that the red/green clusters overlap
well with the MCs, while the blue cluster overlaps with the non-MCs. In fact, the fraction
of red/green events that were also MCs was 86 %, while the fraction of the blue events that
were also non-MCs was 68 %; both significantly larger than would be expected by chance.

In Figure 5, a scatter-plot matrix is shown, summarizing the relationship between these
three clusters and the parameters of the ICMEs. In addition to the relatively obvious cluster-
ing in plasma-β – speed space (column 1, row 2) already discussed in relation to Figure 4,
the ICMEs are also well separated in width – O7/O6 space (column 3, row 4). Specifically,
what distinguishes the fast MCs (green) is that they are also wider and have a lower O7/O6

ratio than the red component. Finally, we note that the dependence on CME width in the
likelihood of an event being an MC rather than a non-MC ICME cannot be discerned in
Figure 5. While this relationship is statistically significant, the difference between the mean
width of MCs (0.77 AU) and non-MC ICMEs (0.73 AU) is only 0.04 AU, and is clearly not
visible between these distributions.
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Figure 5 Scatter-plot matrix of plasma-β , speed (V ), width, and O7/O6 of the ICMEs observed by Ulysses.
Each panel is color-coded according to the three components identified by the GMM analysis.

3. Summary and Discussion

In this study, we have analyzed the properties of 181 ICMEs observed by the Ulysses space-
craft, in an attempt to understand the basic relationship between MCs and non-MCs. We
applied two statistical techniques, logistic regression and Gaussian mixture models, to pro-
vide a more rigorous assessment of five ideas proposed to resolve the relationship between
these two types of ejecta. Our results lead us to the conclusion that only ideas i) and iv) are
consistent with the observations. That is, that either (a) an observational selection effect, or
(b) the presence of two or more mechanisms is responsible for the MC/ICME relationship.

CME-CME interactions (idea ii)) cannot account for the presence of MCs and non-MCs.
Logistic regression analysis strongly suggests that the propensity for an event to be identified
as an MC is coupled to the width of the ejecta. Although we found only a modest difference
in the size of MCs and non-MCs (0.77 AU versus 0.73 AU, respectively), the result was
both statistically significant and in the wrong sense for CME-CME interactions to account
for the creation of non-MCs: MCs are likely to be broader than non-MCs. However, a basic
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prediction from the Burlaga et al. (2001) study was that MCs should be at least half the size
of non-MCs, since MC-MC interactions would be unlikely to produce narrower structures.
Of course, it is possible that such interactions may account for a small number of cases. In
fact, this may explain why our results apparently contradict those of Burlaga et al. (2001): In
their study, a small number of events (nine) were carefully chosen based on specific criteria.

Evolutionary processes (idea iii)), at least those envisaged through a Taylor-like relax-
ation process (Bellan, 2000), also cannot explain the relationship between MCs and non-
MCs. If it were true, we would expect a trend for more MCs to be identified with increasing
distance from the Sun. However, our analysis shows that exactly the opposite effect holds:
MCs are less likely to be identified with increasing distance from the Sun.

Finally, we cannot relegate the MC/non-MC relationship to a figment of our imagination
(idea v)). Clustering analysis suggests the existence of three distinct classes of ejecta, two of
which overlap strongly with the MCs identified by Du, Zuo, and Zhang (2010), and a third
which overlaps significantly with non-MCs.

Distinguishing between the remaining two ideas is challenging. First-principle models,
which inevitably produce a well-formed flux rope, tend to support the idea that a flux rope
is always present, and suggest that an ICME’s identification as MC or non-MC in the solar
wind must be related to where the observing spacecraft is located and its trajectory with re-
spect to the ICME. However, this can be easily countered by the fact that current global CME
models are highly idealized, and, by definition, must produce the simplest of structures. It is
conceivable that as the realism of the models improves, they will be able to generate more
and more complex structures – to the point that some events may be “complex” while others
are “simple.” It is also possible that the degree of complexity might vary spatially within a
single event.

An argument for or against a selection effect explanation could be resolved by geomet-
rical arguments. As we have noted, other studies (e.g., Cane, Richardson, and Wibberenz,
1997; Gopalswamy, 2006) suggest that MCs tend to be launched in longitude closer to cen-
tral meridian (as viewed by the observing spacecraft) than non-MCs. On the other hand,
Richardson and Cane (2011) found a weak tendency for the Ulysses-observed MC fraction
to increase away from the equator, at least up to mid-latitudes. However, the logistic regres-
sion analysis described here finds no statistical support for the MC fraction to depend on
latitude.

Ultimately, there is little to separate ideas i) and iv) at the location of Earth or Ulysses.
Like the proverbial blind men feeling different parts of an elephant, relying only on in-situ

measurements does not afford us the global view that we need to connect everything. Large-
scale MHD models should eventually be able to assist us, but, as we have lamented, they are
currently too idealized.

An intriguing result from the cluster analysis concerns the presence of three, not two
(MC, non-MC) populations of Ulysses ICMEs, with MCs being divided into slower events
with higher oxygen charge states, and faster, wider events with lower charge states. In par-
ticular, the inverse dependence of O7/O6 on MC speed appears to be contrary to previous
studies based on near-Earth observations (e.g., Richardson and Cane, 2004a) that indicate
at least a modest increase in O7/O6 with MC speed. We suggest that the two populations
of MCs arise principally from i) the Ulysses orbit, which extends to high latitudes; ii) the
tendency for faster ICMEs to be found at higher latitudes because of the latitude dependence
of the solar wind speed, especially around solar minimum when several of the MCs are ob-
served; and iii) the fact that higher charge states in ICMEs are confined to latitudes below
≈ 30−40◦. For example, Figure 6(a) shows average O7/O6 against ICME speed for the Du
et al. ICMEs with the symbol type indicating the three groups identified in our study. The
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Figure 6 O7/O6 versus (a) ICME speed, (b) latitude, and (c) latitude of those “green” ICMEs traveling
faster than 650 km s−1.

tendency for the fast (green) MCs to have lower O7/O6 than slower MCs is clearly evident.
However, the slower, red events do show evidence of an increase in O7/O6 with speed to
values that exceed those in the green events. Figure 6(b) shows O7/O6 versus ICME helio-
latitude, indicating that higher values (say >1) are observed at low latitudes, below ≈40◦.
A possible interpretation is that the high charge states arising from plasma heating during
CME formation and ejection are preferentially observed close to the location of the related
solar event and hence are not detected at higher latitudes (see, e.g., Lepri and Zurbuchen,
2004). Figure 6(c) shows only those “green” events with speeds >650 km s−1, illustrating
that they were predominantly observed at higher latitudes, where higher charge states are
more rarely observed. Thus, we suggest that the two populations of MCs indicated by the
cluster analysis correspond to lower latitude MCs that typically do not reach high speeds
but may have high ion charge states (red events), and a second population of faster ICMEs
observed at higher latitudes but which have lower charge states (green events).

This work naturally suggests several possible avenues for future studies. First, it would
be interesting to study the properties of the source locations for the “red” (slow and cool)
and “green” (fast and hot) types of MCs hinted at by the clustering analysis (Figure 4). Does
anything about their origin point to unique properties or processes? Second, how do the
in-situ composition/charge state properties of the two types of MCs differ? Richardson and
Cane (2004a), for example, noted that iron charge states tend to increase with magnetic cloud
speed near the Earth, and a similar dependence was found for Ulysses events (Richardson
and Cane, 2011). This, too, might hint at different origins. Third, do these results hold for
ICMEs observed by near-Earth spacecraft? We focused here on ICMEs observed by Ulysses

so that we could fold both latitude and heliocentric distance into our analysis; however, the
database of near-Earth events is considerably larger (Richardson and Cane, 2010). Fourth,
can ideas i) and iv) be distinguished from a larger and more systematic study of multi-
spacecraft ICMEs? In addition to events observed simultaneously by near-Earth spacecraft
(Geotail, Wind, and ACE) and Ulysses (see, e.g., Hammond et al., 1995; Riley et al., 2003;
Du, Wang, and Hu, 2007; Rodriguez et al., 2008; Richardson and Cane, 2011), events have
been measured by Helios 1 and 2 (see, e.g., Kallenrode et al., 1993; Cane, Richardson,
and Wibberenz, 1997; Burlaga, Behannon, and Klein, 1987) and STEREO A and B (see,
e.g., Liu et al., 2008). If combined, these may result in a sufficiently large and statistically
significant database from which the final two ideas can be distinguished.
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Abstract. Magnetic clouds are a subset of interplanetary
coronal mass ejections characterized by a smooth rotation in
the magnetic field direction, which is interpreted as a signa-
ture of a magnetic flux rope. Suprathermal electron observa-
tions indicate that one or both ends of a magnetic cloud typ-
ically remain connected to the Sun as it moves out through
the heliosphere. With distance from the axis of the flux rope,
out toward its edge, the magnetic field winds more tightly
about the axis and electrons must traverse longer magnetic
field lines to reach the same heliocentric distance. This in-
creased time of flight allows greater pitch-angle scattering
to occur, meaning suprathermal electron pitch-angle distri-
butions should be systematically broader at the edges of the
flux rope than at the axis. We model this effect with an an-
alytical magnetic flux rope model and a numerical scheme
for suprathermal electron pitch-angle scattering and find that
the signature of a magnetic flux rope should be observable
with the typical pitch-angle resolution of suprathermal elec-
tron data provided ACE’s SWEPAM instrument. Evidence
of this signature in the observations, however, is weak, pos-
sibly because reconnection of magnetic fields within the flux
rope acts to intermix flux tubes.

Keywords. Interplanetary physics (Interplanetary magnetic
fields; Energetic particles) – Solar physics, astrophysics, and
astronomy (Flares and mass ejections)

1 Introduction

Coronal mass ejections (CMEs) are huge expulsions of solar
plasma and magnetic field through the corona and out into
the heliosphere, known to be the major cause of severe ge-
omagnetic disturbances (e.g., Cane and Richardson, 2003).

Correspondence to: M. J. Owens
(m.owens@imperial.ac.uk)

The interplanetary manifestations of CMEs (ICMEs) provide
critical information about their magnetic configuration and
orientation, which may prove key in constraining theories of
CME initiation as well as aiding our understanding of the
evolution of ejecta during their transit from the Sun to 1 AU.
A variety of signatures are used to identify ICMEs from
in situ data, including, but not limited to, low proton tem-
peratures, counterstreaming suprathermal electrons, reduced
magnetic field variance and enhanced ion charge states. See
Wimmer-Schweingruber et al. (2006) for a more complete
review. Magnetic clouds (MCs), a subset of ICMEs com-
prising somewhere between a quarter to a third of all ejecta
(e.g., Cane and Richardson, 2003), are further characterized
by a smooth rotation in the magnetic field direction and an
enhanced magnetic field magnitude (Burlaga et al., 1981).
The field rotation has been attributed to a magnetic flux-
rope (MFR, Lundquist, 1950) and commonly modeled as a
constant-αforce-free MFR (Burlaga, 1988; Lepping et al.,
1990), where currents are assumed to be field aligned andα

is the constant relating the current densityJ to the magnetic
field vectorB. This enables single-point, in situ, time series
to be interpreted in terms of the large-scale structure of the
ejection.

The present study addresses the behavior of suprathermal
electrons in magnetic clouds. In general, suprathermal elec-
trons (i.e.,>70 eV) are of key interest to studies of the solar
wind because the field-aligned “strahl” acts as an effective
tracer of heliospheric magnetic field topology. A single strahl
indicates open magnetic flux (Feldman et al., 1975; Rosen-
bauer et al., 1977), while counterstreaming electrons (CSEs)
often signal the presence of closed magnetic loops with both
foot points rooted at the Sun (Gosling et al., 1987). A strong
field-aligned strahl is expected and observed in the ambient
solar wind near 1 AU, as even an initially isotropic distribu-
tion near the Sun will undergo pitch-angle focusing due to
conservation of magnetic moment in a decreasing magnetic
field intensity. Strahl widths at 1 AU, however, are much

Published by Copernicus Publications on behalf of the European Geosciences Union.
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broader than would be expected from focusing alone, sug-
gesting significant pitch-angle scattering must occur (e.g.,
Pilipp et al., 1987). Indeed, with increasing distance from
the Sun, pitch-angle scattering becomes increasingly impor-
tant because the rate of focusing decreases owing to the in-
creasing angle between the spiraling magnetic field direction
and intensity gradient (Owens et al., 2008). This results in
the strahl width increasing with heliocentric distances (Ham-
mond et al., 1996). For closed magnetic loops in an ICME,
the antisunward motion of the loop apex will mean that in-
transit scattering on the increasingly longer field-line will re-
sult in eventual loss of the sunward beam and, hence, loss of
the CSE signature, which has important implications for the
interpretation of the solar cycle evolution of the heliospheric
magnetic field (Owens and Crooker, 2006, 2007).

The flux rope structure of magnetic clouds means the
field-line length is shortest at the axis of the MFR, increas-
ing toward the edge as the field winds about the axis. In-
direct evidence for the varying length of field lines in mag-
netic clouds was found in the arrival-time dispersion of so-
lar flare electrons intermittently injected into the October
1995 magnetic cloud (Larson et al., 1997). (Chollet et al.,
2007) recently used bursts within energetic particle disper-
sions within an ICME to infer a jumbled mix of field-line
lengths from∼1 to 3.5 AU. While energetic particle events
can only be used to calculate field-line length in a very lim-
ited number of ICMEs, field-line length should also have an
effect on suprathermal electrons, which continually stream
away from the Sun along field lines. Since the suprather-
mal electron time of flight and, hence, pitch-angle scattering
time, increases with field-line length, the strahl width should
exhibit a characteristic signature as a flux rope convects past
an observer at 1 AU.

To characterize the expected imprint of flux rope geome-
try on suprathermal electron observations, we combine two
forms of modeling. In Sect. 2, an analytical MFR model
is used to calculate the length of magnetic field lines which
connect an observer inside an MC to the Sun. In Sect. 3 a nu-
merical model of suprathermal electron evolution is used to
estimate the suprathermal electron strahl widths correspond-
ing to the MFR magnetic field line lengths. Finally, in Sect. 5
we look for the predicted variation in strahl width in ACE ob-
servations of magnetic clouds.

2 Magnetic flux rope model

The classic model for a magnetic cloud-associated flux rope,
the constant-αforce-free flux rope (Burlaga, 1988; Lepping
et al., 1990), assumes the magnetic cloud can locally be ap-
proximated as a 2-dimensional cylindrical structure with a
circular cross-section. The field is entirely axial at the center
of the rope, becoming increasingly poloidal toward the outer
edge. It is useful to define a parameterY , the ratio of the
distance from the flux rope axis,r, to radius of the flux rope,

r0. The magnetic field of a force-free flux rope is then given
by:

BAX (Y ) = B0J0(αY )

BPOL(Y ) = ± B0J1(αY ) (1)

whereBAX andBPOL are the magnetic field strengths along
the axial and poloidal directions, respectively. The poloidal
component takes positive or negative values depending on
the sense of rotation of the magnetic field about the axis (i.e.,
the chirality of the flux rope).J0 andJ1 are zero and first
order Bessel functions of the first kind, respectively.α is a
constant which determines the outer edge of the flux rope. It
is normally assumed to be 2.408, which effectively sets the
outer edge of the flux rope at the point where the field first
becomes entirely poloidal (Burlaga, 1988; Lepping et al.,
1990).

The angle of the magnetic field to the axial direction,θ , is
a function ofY :

tanθ =
BAX

BPOL
=

J0(αY )

J1(αY )
(2)

We initially adopt this simple force-free geometry, later mod-
ifying the model to incorporate effects which will substan-
tially alter the estimate of field-line lengthL connecting a 1-
AU observer to the Sun. The left-hand panel of Fig. 1 defines
the basic parameters: The rope is of radiusr0. At a distance
r from the axis, the field takes the form of a helix about the
axis, shown as the solid/dashed blue line, and makes an an-
gle θ to the axis. The field makes one complete revolution
about the axis in a height,H , along the axis. For an axis of
lengthLAX , the field makesN revolutions (in the example
shown,N∼1.8). The right-hand panel shows the curved face
of the cylinder unrolled to form a flat plane. The relations
betweenθ, H,LAX , N, r, r0 and the length of the field line,
L, are easier to visualize in this way. It can immediately be
seen that the length of the field line is:

L =
√

L
2
AX + (2Nπr)2 (3)

andsubstitutingNH=LAX andH=2πr/ tanθ gives:

L =
LAX

cosθ
(4)

Thus for a force-free flux rope, the length of the magnetic
field line depends only onθ (which, in turn, is solely a func-
tion of Y ) and the length of the axial field line.L is indepen-
dent of the radius of the flux rope, as the number of revolu-
tions per unit axial length is linearly related tor, the distance
from the axis.

To estimate LAX , it is necessary to extend the 2-
dimensional force-free model to a more global configuration.
Assuming the flux rope plasma moves radially but the foot
points of the flux rope remain connected to the Sun, as sug-
gested by observations (Gosling et al., 1987), the axial field
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Fig. 1. The left-hand panel shows the cylindrical geometry implied by a force-free flux rope. The rope is of radiusr0. At a distancer from
the axis, the field takes the form of a helix about the axis, shown as the solid/dashed blue line, and makes an angleθ to the axis. The field
makes one complete revolution about the axis in a height,H , along the axis. For an axis of lengthLAX , the field makesN revolutions (in
the case shownN∼1.8). The right-hand panel shows the curved face of the cylinder unrolled to form a flat plane. The relations between
θ, H,LAX , N, r, r0 and the length of the field line,L are easier to visualize in this way.

will lie predominantly along the Parker Spiral. Thus at a he-
liocentric distanceR, the axis makes an angleγ to the radial:

γ = arctan

(

�R

VCR

)

cosλ (5)

whereλ is the heliographic latitude,�=2π/TSID, andTSID
is the sidereal rotation period of the Sun.LAX is therefore
given by:

LAX =
∫ 1 AU

0

dR

cosγ
(6)

We now include the effect of expansion to allow for axial
curvature effects, and later in this section, we incorporate
a more realistic cross-sectional topology. Expansion is as-
sumed to be self-similar about the axis, consistent with the
linearly declining speed profiles observed within magnetic
clouds (Owens et al., 2005). Thus while the axis of the flux
rope moves antisunward at a cruise speedVCR, the edges of
the flux rope move away from the axis at a speedVEX. The
radius of the flux rope therefore varies with heliocentric dis-
tance as:

r0 =
VEXR

VCR

(7)

The left panel of Fig. 2 shows a snapshot of the model flux
rope using paramtersVCR=400 km/s andVEX=100 km/s,
typical magnetic cloud values (Owens et al., 2005). A helio-
centric distance of 1 AU is shown as the black dotted curve,
while the Sun is represented by a solid black circle. Only the
half of the flux rope which provides the shortest magnetic
connection between the Sun and 1 AU is shown. Field lines
atY=0, 0.3, 0.6 and 0.9 are shown by black, blue, green and
red lines, respectively. Numerically integrating the distance

along each helical path gives field-line lengths of 1.17, 1.23,
1.68 and 5.19 AU, respectively.

The open circles in the right panel of Fig. 2 show the field-
line length between 1 AU and the Sun as a function of dis-
tance from the MFR axis. We find the following functional
form, shown as the solid black line, adequately describes the
model points:

L[AU ] = 0.631− 0.1176 tan(−0.288Y− 1.285) (8)

Finally, we include the effect of MFR cross-sectional elon-
gation in the non-radial direction. Magnetic clouds at 1 AU
are known to be highly distorted from the circular cross-
section assumed by the force-free approximation. Even if
a flux rope has a circular cross-section near the Sun, it will
become elongated in the non-radial direction by maintaining
a constant angular width as it travels to 1 AU (e.g., Newkirk
et al., 1981; McComas et al., 1988; Riley and Crooker, 2004;
Owens, 2006). While it is difficult to analytically incorpo-
rate this effect into the flux rope model presented here, the
increase in field-line length can be approximated by consid-
ering the increase in path length around the flux rope cross
section. The solid lines in the middle panel of Fig. 2 rep-
resent model field non-elongated field lines forY=0.3, 0.6
and 0.9 for a force-free flux rope with its axis at 1 AU, which
has traveled from the Sun atVCR=400 km/s and undergone
expansion atVEX=100 km/s. Thus at 1 AU, the flux rope
has a radial width of 2VEXAU/VCR. The dashed lines rep-
resent the equivalent cross-section for a flux rope with the
same characteristic speeds and, hence, radial width at 1 AU
as the force-free example but for a MFR which has under-
gone the kinematic distortion expected from radial propaga-
tion (Owens et al., 2006). The increase in field-line length
per turn of the magnetic field about the axis is found to be

www.ann-geophys.net/27/4057/2009/ Ann. Geophys., 27, 4057–4067, 2009
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Fig. 2. The left panel shows a snapshot of the model magnetic flux rope. A heliocentric distance of 1 AU is shown as the black dotted curve,
while the Sun is represented by a solid black circle. Only the half of the flux rope which provides the shortest magnetic connection between
the Sun and 1 AU is shown. Field lines atY=0, 0.3, 0.6 and 0.9 are shown by black, blue, green and red lines, respectively. Solid lines in
the center panel show a cross-section of the flux rope at 1 AU, while the dashed lines show how the cross-section is modified by kinematic
distortion. The right panel shows the length of the field lines connecting 1-AU to the Sun as a function of distance from the flux rope axis,
with solid (dashed) lines indicating a flux rope with a circular (kinematically-distorted) cross section.

∼1.7Y. This correction is applied to circular cross section
estimates of field line length to approximate the effect of
cross-sectional elongation, shown as the dashed line in the
right-hand panel of Fig. 2. The best fit is given by:

L[AU ] = 1.07− 0.20 tan(−0.288Y− 1.285) (9)

3 Suprathermal electron evolution

The model of Owens et al. (2008) is used to determine the ex-
pected strahl width for a given pitch-angle scattering rate and
field-line length. This numerical scheme iteratively solves
electron heliocentric distance and pitch-angle, allowing for
movement along the magnetic field direction and convec-
tion with the bulk solar wind motion. Electrons undergo the
competing effects of adiabatic focusing from conservation
of magnetic moment and pitch-angle scattering toward an
isotropic distribution. The radial evolution of the suprather-
mal electron strahl width in the fast solar wind can be well
matched by this scheme (Owens et al., 2008).

In this study we use a grid of 500 cells in electron pitch-
angle (PA) space, equally spaced in cosPA. Grid cells are
spaced by 0.01 AU in heliocentric distance. Although we are
interested in strahl widths at 1 AU, the simulation domain
extends out to 2 AU to capture the contribution of electrons
which are scattered to pitch angles greater than 90◦ and thus
propagate sunward. A time step of 100 s and a solar wind
speed (VSW ) of 400 km/s are used. Electron energy is set at
272 eV, as this is the center value of the most commonly-
used suprathermal electron energy band for characterizing
the strahl (e.g., Anderson et al., 2008).

The model field-line length is adjusted by over- or under-
winding a Parker Spiral magnetic field (though the bulk so-

lar wind speed experienced by electrons is held constant at
400 km/s). We choose not to use the exact MFR field geom-
etry outlined in the previous section, as it would require ex-
tremely high spatial and temporal resolution due to the large
gradients in the magnetic field direction, making it compu-
tationally prohibitive. Note that the electron model used in
this study only accounts for the two major effects: Chang-
ing magnetic field strength, which adiabatically focuses elec-
trons, and time of flight, which allows greater pitch-angle
scattering to occur. The orientation of the field does not have
a direct effect, other than directing electrons into regions of
different field strength. Thus while the over/under-wound
Parker spiral field will not capture the repeated adiabatic
focusing and defocusing of electrons traversing the helical
magnetic field of a flux rope, it will capture the net pitch-
angle focusing and the net amount of scattering experienced
by the electrons.

Pitch-angle scattering is performed in an ad-hoc manner,
by Gaussian broadening the PA distribution at each time
step, pushing the distribution toward isotropy. A broaden-
ing factor ofσ=0.0014 applied each second was found to
best match the observed strahl width in the fast solar wind
(Hammond et al., 1996; Owens et al., 2008). In this study,
three levels of scattering are used: The fast solar wind level,
taken as “medium” scattering, and “low” and “high” levels
of scattering at half and double this value, respectively. The
model width at 1 AU is then computed from the model PA
distribution using the same fitting procedure as Hammond
et al. (1996) and Owens et al. (2008). Suprathermal electron
pitch-angle distributions are fit with the following functional
form:
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] σ = 0.0028:
FWHM = 103 − 54.2 exp (−0.44 L + 0.28)

σ = 0.0007:
FWHM = 50.8 − 22.0 exp (−0.32 L + 0.34)

σ = 0.0014:
FWHM = 74.6 − 40.3 exp (−0.30 L + 0.14)

Fig. 3. The effect of varying scattering rate and field-line length on
thestrahl FWHM at 1 AU. As expected, the increased time of flight
along longer field lines results in a broader strahl. AsL→∞, how-
ever, the strahl width asymptotes well before isotropy is achieved.
This is because the time of flight of the electrons, from the Sun to
the observer, has a maximum value of 1 AU/VSW due to the con-
vection of the magnetic field line with the bulk solar wind.

j (PA) = K0 + K1 exp

[

−PA
2

K3

]

(10)

wherej (PA) is the differential electron flux at pitch angle
PA, K0 describes the electron density of the halo andK3 de-
termines the width of the strahl (the full width at half maxi-
mum is given by FWHM=2

√
(ln 2)K3). K1 is the maximum

electron density of the strahl aboveK0.
Figure 3 shows the effect of varying scattering rate and

field-line length on the strahl width at 1 AU. As expected,
the increased time of flight along longer field lines results in
a broader strahl. The three levels of scattering are fit with an
exponential function, to give the following relations:

σ = 0.0007[s−1] : (11)

FWHM(
◦
) = 51− 22 exp[0.34− 0.32LAU ]

σ = 0.0014[s−1] :
FWHM(

◦
) = 75− 40 exp[0.14− 0.30LAU ]

σ = 0.0028[s−1] :
FWHM(

◦
) = 103− 54 exp[0.28− 0.44LAU ]

whereLAU is the field-line length in AU. AsL→∞, how-
ever, the strahl width asymptotes well before isotropy is
achieved. This is because the total radial velocity of an elec-
tron is given byVSW+V‖ cosγ , whereV‖ is the electron
speed along the magnetic field direction andγ is the angle
of the field to the radial direction. The first term represents
the propagation of magnetic field lines out from the Sun at
the bulk solar wind speed. Thus regardless of the field-line

length, the maximum time of flight of an anti-sunward prop-
agating electron to a 1−AUobserver will be 1 AU/VSW .

4 Model time series

We now combine the MFR and electron scattering models
to produce the expected suprathermal electron time series at
1 AU. The first step is to generate field-line lengths connect-
ing an observer at 1 AU to the Sun as a magnetic cloud prop-
agates out through the heliosphere. As the expansion speed
of magnetic clouds is often a significant fraction of the cruise
speed (Owens et al., 2005), we build up a true time series of
the model parameters by time evolving past a fixed point at
1 AU rather than take a radial slice through a snapshot of the
MFR model.

For this initial time series, the observer is assumed to pass
directly through the axis of the flux rope (i.e., throughY=0),
but this is later relaxed when comparing to observations. A
cruise (expansion) speed of 400 (100) km/s is used. The top
panel of Fig. 4 shows the resulting time series of the mag-
netic field line length in the flux rope connecting the 1-AU
observer to the Sun, with solid (dashed) lines representing
a circular cross-section (kinematically distorted) flux rope.
Note the logarithmic scale on the y-axis. The second panel
shows the result of combining the field-line length with the
scattering code to produce a time series of 272 eV electron
pitch-angle density at 1 AU. This type of plot is commonly
used to display suprathermal electron observations. It shows
the electron flux at a given energy level, normalized to the
maximum and minimum densities at each time step, as a
function of pitch angle and time. The strahl width exhibits
a clear broad-narrow-broad trend. The third panel shows the
computed strahl widths for high (red), medium (green) and
low (blue) levels of pitch-angle scattering, for circular cross-
section (solid) and kinematically-distorted (dashed) flux rope
models. The bottom panel shows the strahl width normalized
to the mean strahl width in the event. This normalized width
is independent of the scattering rate and only a function of
field-line length.

The maximum change in strahl width expected through a
MFR, 1FWHM, is a useful parameter for assessing whether
or not the flux rope signature should be observable with
a given instrument: If1FWHM is below the pitch-angle
resolution, the effect cannot be measured. Figure5 shows
1FWHM as a function of the closest approach of the ob-
server to the axis of a MFR (i.e., the minimum value ofY ,
often referred to as the “impact parameter”). The color code
is the same as in Fig. 4. Very few magnetic clouds are actu-
ally encountered “on axis”, and thus the minimum value ofY

sampled by the observer is normally>0. Although1FWHM
drops with impact parameter, there is still significant varia-
tion in the strahl width even when the observer passes far
(e.g.,Y∼0.5) from the axis of the flux rope, particularly for
higher scattering rates. For extreme glancing encounters of
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Fig. 4. The modelflux rope field-line lengths and expected suprathermal electron signatures. Solid (dashed) lines represent a circular
cross-section (kinematically-distorted) flux rope. The top panel shows a time series of field line length connecting an observer to the Sun.
Note the logarithmic scale on the y-axis. The second panel shows the normalized 272eV electron pitch-angle density, which exhibits a clear
broad-narrow-broad trend through the flux rope. The third panel shows strahl FWHM for high (red), medium (green) and low (blue) levels
of pitch-angle scattering. The bottom panel shows the strahl width normalized to the mean width, in the same format.

flux ropes, where the minimumY intersected by an observing
spacecraft is>0.5, the field rotation signature will be signif-
icantly weaker, and the event is unlikely to be classified as a
magnetic cloud.

The SWEPAM instrument (McComas et al., 1998) on
the ACE spacecraft collects electron data in approximately
6◦×20◦ angular bins. For the standard SWEPAM suprather-
mal electron data set, the data is then binned into 9◦ resolu-
tion in pitch-angle space. Figure 5 shows that under most cir-
cumstances the difference in strahl width across a flux rope
should be more than twice this SWEPAM resolution angle
and thus clearly observable.

5 Observations

5.1 Case studies

In this section we look for the expected suprathermal electron
signature of a magnetic flux rope in the ACE SWEPAM (Mc-
Comas et al., 1998) data. Three magnetic clouds, listed as A,
B, and C in Table 1, have been selected from the Cane and
Richardson (2003) ICME list (available at http://www.ssg.sr.
unh.edu/mag/ace/ACElists/ICMEtable.html) for their classic
form and range of strahl widths.

Figure 6 shows data from Event A. There is a clear rotation
in the magnetic field direction, indicative of a magnetic flux
rope. This is reflected in the ratios of the eigenvectors in the
magnetic field variance directions listed in Table 1 (High ra-
tios, typically>4, indicate strong flux rope signatures (e.g.,
Bothmer and Schwenn, 1998)). Fitting the Owens et al.
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Table 1. Start and end times of three examples of classic magnetic clouds selected from the Cane and Richardson (2003) ICME list.
λINT/λMIN andλMAX /λINT are the ratios of magnetic field variances in the variance directions.Y is the closest approach of the observing
spacecraft to the flux rope axis inferred from a flux rope model fit.

Event Start End λINT/λMIN λMAX /λINT Y

A 20 Aug 1998 06:00 UT 21 Aug 1998 20:00 UT 23.4 3.75 0.12
B 4 Mar 1998 13:00 UT 6 Mar 1998 09:00 UT 15.5 4.13 0.10
C 28 Oct 2000 21:00 UT 29 Oct 2000 22:00 UT 3.15 7.03 0.27
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Fig. 5. The maximum expected change in strahl width, a measure of
how readily the flux rope signature should be observable, as a func-
tion of the closest approach of the observer to the axis of the event
(i.e., the minimum value ofY , often referred to as the “impact pa-
rameter”). The color code is the same as Fig. 4. Although1FWHM
drops off with impact parameter, there is significant variation in the
strahl width even when the observer passes far (e.g.,Y∼0.5) from
the axis of the flux rope.

(2006) magnetic cloud model to the observed time series
suggests the spacecraft passed close to the axis (Y=0.12).
Despite the apparently near-perfect conditions, the expected
signature of a dip in suprathermal electron strahl width is
not present. This conclusion would not change if alternative
cloud boundaries were chosen as the strahl observed imme-
diately before and after the period of magnetic field rotation
is narrower, not wider, than inside the event. Note, however,
that in the ambient solar wind, the strahl width is generally
broader than in the magnetic cloud. As the field-line length
is expected to be shorter in the ambient solar wind than in
the cloud, pitch-angle scattering must be greatly suppressed
in this magnetic cloud compared to ambient conditions. See,
however, Event B.

The magnetic field data for Events B and C are not shown,
but Table 1 lists the ratios of the eigenvalues in the variance
directions to quantify the quality of the flux rope signature.

Also listed are model values ofY , the closest approach of the
spacecraft to the axis, which are both small.

The top panels of Fig. 7 show the 272 eV suprathermal
electron pitch-angle distributions, normalized at each time
step, for the three magnetic cloud intervals. For each event,
we compute the flux in the 0◦ and 180◦ strahls (i.e.,K1 in
Eq. 10) throughout the magnetic cloud interval, and define
the dominant strahl as that with the highest flux. For Event
A the dominant strahl is at 180◦ pitch angle, with an order of
magnitude higher electron flux than any 0◦ strahl. We note,
however, that the dominant strahl is not always as easy to
define, particularly in events with a strong counterstreaming
signature. For Event A, there is a clear broadening of the
strahl near the center of the cloud and evidence of counter-
streaming near the rear of the cloud. This intermingling of
apparently open and closed fields is not uncommon within
magnetic clouds (e.g., Crooker et al., 2008). The dominant
strahl for Event B is at 0◦ pitch angle. It is much broader
than the strahl in Event A. Finally, Event C has a very narrow
strahl at 180◦, close to, but above the pitch-angle resolution
of the standard SWEPAM suprathermal electron data, with
intermittent counterstreaming throughout the cloud. These
three events highlight the large event-to-event variability in
the suprathermal electron properties of magnetic clouds (see
also Anderson et al., 2008).

The black lines in the middle panels of Fig. 7 show the
strahl width, computed from the observed pitch-angle distri-
butions using Eq. (10). Solid (dashed) colored lines show
the model strahl widths for circular (kinematically-distorted)
cross-section flux ropes using the inferred values ofY listed
in Table 1. Low, medium and high levels of pitch-angle scat-
tering are shown by the blue, green and red lines, respec-
tively. The bottom panels show the normalized strahl widths
in the same format. In all three magnetic clouds, the expected
imprint of flux rope geometry on the suprathermal electrons
is absent.

5.2 Statistical survey

In this section we statistically survey magnetic cloud
suprathermal electron profiles. All the events classified as
magnetic clouds in the Cane and Richardson (2003) ICME
list observed between 1998 and 2007 (74 events) are con-
sidered. For each event, the dominant strahl is determined
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magnetic cloud. Thus the expected suprathermal electron signature of a magnetic flux rope is not present.

within the given magnetic cloud boundaries, and the strahl
width is fit using Eq. (10). The left-hand panel of Fig. 8
shows a superposed epoch plot of the strahl width as a func-
tion of time, expressed as a fraction of the event’s duration.
The colored lines show the model predictions in the same
format as Fig. 4, assuming on-axis encounters of magnetic
clouds. In this view, which covers a wide range of strahl
widths to accommodate the full range of scattering constants,
the superposed epoch plot shows little variation, and the pre-
dicted flux rope signature does not appear to be present. In
contrast, the right-hand panel shows the same strahl width
data normalized to the mean strahl width within an event. In
this format, there is some evidence of the predicted trend in
the observations, with an asymmetric dip in strahl width to-
ward the center of magnetic clouds. The trend, however, is
much weaker than predicted by the models.

6 Conclusions

Inside a magnetic flux rope, the varying pitch of the helical
field lines means that their lengths vary substantially between
the Sun and an observer. This, in turn, affects the suprather-
mal electron time of flight and, hence, the pitch-angle scat-
tering time. The strahl width observed as a flux rope convects
past a 1-AU observer is therefore expected to exhibit a char-
acteristic variation from a broad strahl at the outer edge that
narrows toward the axis and then broadens again toward the
opposite edge.

We have combined an analytical magnetic flux rope model
with a numerical suprathermal electron scattering code to
estimate this expected imprint of flux rope geometry on
suprathermal electrons in magnetic clouds. The field-line
length is found to increase by more than an order of mag-
nitude from the axis to the edge of the flux rope. The as-
sociated variation in strahl width at 1 AU, however, is not
as extreme because convection of magnetic field lines with
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Fig. 7. The suprathermal electron properties inside the three magnetic cloud case studies. The top panels show the normalized pitch-angle
distribution within the clouds. The black lines in the middle panels show the widths of the dominant strahls, computed from a Gaussian fit in
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trend in the normalized strahl width observations.

the ambient solar wind imposes a maximum electron time of
flight of 1 AU/VSW , independent of field-line length.

The expected variation in strahl width is found to be de-
pendent on the level of scattering in the sense that magnetic
clouds with broader strahls throughout should exhibit a more
pronounced flux rope imprint. If, however, the strahl width is
normalised to the average strahl width observed in the event,
the flux rope signature is independent of the scattering rate.

For the flux rope signature to be observable, the maximum
change in strahl width through a flux rope,1FWHM, must
be above the pitch-angle resolution of the instrument used to
measure the suprathermal electron distribution. For the stan-
dard ACE SWEPAM data set (McComas et al., 1998), this
cut-off point is 9◦. Even for magnetic cloud encounters far
from the axis of the flux rope, this signature should, in prin-
ciple, be observable for a range of scattering rates.
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Suprathermal electron observations for three classic exam-
ples of magnetic clouds were examined. There was large
event-to-event variation in strahl widths, but none of the
events exhibited the expected flux rope signature. We also
performed an statistical survey of 74 magnetic clouds. Al-
though the superposed epoch analysis performed here re-
moves much of the information about event-to-event vari-
ability, there is nevertheless some evidence of the expected
strahl width variation, though it is a much weaker signature
than the models predict. This aspect of the study clearly mer-
its further, more detailed, investigation.

Possible reasons why the observed strahl width variation is
weaker than predicted can be broadly categorized into unmet
assumptions about the magnetic field structure of magnetic
clouds and the suprathermal electron scattering.

Assuming first that the field-line length has been accu-
rately determined, it is necessary to consider the assumptions
made in determining the associated strahl width at 1 AU. The
model of Owens et al. (2008) assumes that all scattering
undergone by suprathermal electrons occurs in pitch-angle
space, and electrons do not lose or gain energy. There is sup-
port for this assumption in the observed conservation of elec-
trons scattered from the strahl to the halo at a given energy
(Maksimovic et al., 2005), but the postulated energy loss by
cross-field drift in the motional electric field has yet to be
evaluated (J. R. Jokipii and N. A. Schwadron, personal com-
munication, 2008, 2009). We are also assuming that there
is no systematic variation in the scattering properties within
a MFR by applying the same scattering rate throughout the
structure. If scattering is enhanced at the axis of a flux rope
and reduces toward the outer edge, it will act against the
field-line length variation and reduce the flux rope signature
on suprathermal electrons. There is no reason to expect this
behavior, but we cannot discount the possibility.

The most fundamental assumption we have made about
the structure of a magnetic cloud is that, locally at least, it
forms a flux rope with helical fields that increase in pitch
from the straight central axis to the tightly wound edge. This
is the widely accepted explanation for the observed magnetic
field rotation and is thus unlikely to be an unmet assumption
responsible for the weak flux rope imprint, however, there
has been recent speculation that a field rotation may not al-
ways indicate a flux rope structure (Jacobs et al., 2009).

Settingα equal to 2.408, which implicitly assumes the
flux rope edge to be occur where the field becomes entirely
poloidal, also has implications for the findings in this study.
If the flux rope field is not so tightly wound, or the outer,
tightest-wound fields are removed by magnetic reconnection
with the ambient solar wind (Schmidt and Cargill, 2003),
then the expected variation in field-line length, and hence
strahl width, will be reduced. The fact that the field in the
maximum variance direction is often seen to rotate through
a full 180◦, however, as in Event A, argues in favor of our
assumption aboutα.

Magnetic reconnection may be at least a partial explana-
tion for the weak flux rope signature in suprathermal elec-
trons. Near the Sun reconnection is known to open up the
closed loops within magnetic clouds (Crooker and Webb,
2006). This process will move the flux rope foot points about
at the photosphere but is unlikely to significantly affect the
field-line length. Magnetic reconnection between different
flux tubes within the magnetic cloud (Gosling et al., 2007),
however, would serve to mix field lines of different length
and possibly reduce the suprathermal electron signature.

A second possibility is a systematic increase in adiabatic
focusing with distance from the magnetic cloud axis, coun-
teracting the extra scattering time from increased field line
length. The peak magnetic field intensity is often located
close to the centre of a magnetic cloud, so if the foot point
field strength back at the Sun is uniform, this suggests that
there is a greater variation in field strength between the Sun
and 1 AU close to the edges of the flux rope, and hence a
stronger focusing effect. Further observational analysis and
modelling efforts are required to establish the significance of
this effect.

Acknowledgements. Research at Imperial College London is
funded by STFC (UK), NC is funded by NSF grant ATM-0553397.
We have benefited from the availability of ACE magnetic field (PI:
C. Smith) and SWEPAM (PI: D. McComas) data. MO thanks
Benoit Lavraud of CESR (Toulouse), for useful discussions.

Editor in Chief W. Kofman thanks S. Kahler and another anony-
mous referee for their help in evaluating this paper.

References

Anderson, B. R., Skoug, R. M., Steinberg, J. T., and McComas,
D. J.: Comparison of the Width and Intensity of the Suprathermal
Electron Strahl in General Solar Wind and ICME Solar Wind.,
AGU Fall Meeting Abstracts, pp. A1580+, 2008.

Bothmer, V. and Schwenn, R.: The structure and origin of magnetic
clouds in the solar wind, Ann. Geophys., 16, 1–24, 1998,
http://www.ann-geophys.net/16/1/1998/.

Burlaga, L. F.: Magnetic clouds: Constant alpha force-free config-
urations, J. Geophys. Res., 93, 7217–7224, 1988.

Burlaga, L. F., Sittler, E., Mariani, F., and Schwenn, R.: Magnetic
loop behind and interplanetary shock: Voyager, Helios, and IMP
8 observations, J. Geophys. Res., 86, 6673–6684, 1981.

Cane, H. V. and Richardson, I. G.: Interplanetary coronal mass
ejections in the near-Earth solar wind during 1996–2002, J. Geo-
phys. Res., 108, A41156, doi:10.1029/2002JA009817, 2003.

Chollet, E. E., Giacalone, J., Mazur, J. E., and Al Dayeh, M.: A
New Phenomenon in Impulsive-Flare-Associated Energetic Par-
ticles, Astrophys. J., 669, 615–620, doi:10.1086/521670, 2007.

Crooker, N. U. and Webb, D. F.: Remote sensing of the solar
site of interchange reconnection associated with the May 1997
magnetic cloud, J. Geophys. Res., 111, A08108, doi:10.1029/
2006JA011649, 2006.

Crooker, N. U., Kahler, S. W., Gosling, J. T., and Lepping, R. P.:
Evidence in magnetic clouds for systematic open flux trans-

Ann. Geophys., 27, 4057–4067, 2009 www.ann-geophys.net/27/4057/2009/



M. J. Owens et al.: Suprathermal electron signatures of flux ropes 4067

port on the Sun, J. Geophys. Res., 113, 12107, doi:10.1029/
2008JA013628, 2008.

Feldman, W. C., Asbridge, J. R., Bame, S. J., Montgomery, M. D.,
and Gary, S. P.: Solar wind electrons, J. Geophys. Res., 80,
4181–4196, 1975.

Gosling, J. T., Baker, D. N., Bame, S. J., Feldman, W. C., and
Zwickl, R. D.: Bidirectional solar wind electron heat flux events,
J. Geophys. Res., 92, 8519–8535, 1987.

Gosling, J. T., Eriksson, S., McComas, D. J., Phan, T. D., and Sk-
oug, R. M.: Multiple magnetic reconnection sites associated with
a coronal mass ejection in the solar wind, J. Geophys. Res., 112,
8106, doi:10.1029/2007JA012418, 2007.

Hammond, C. M., Feldman, W. C., McComas, D. J., Phillips, J. L.,
and Forsyth, R. J.: Variation of electron-strahl width in the high-
speed solar wind: ULYSSES observations, Astron. Astrophys.,
316, 350–354, 1996.

Jacobs, C., Roussev, I. I., Lugaz, N., and Poedts, S.: The Internal
Structure of Coronal Mass Ejections: Are all Regular Magnetic
Clouds Flux Ropes?, Astrophys. J. Lett., 695, L171–L175, doi:
10.1088/0004-637X/695/2/L171, 2009.

Larson, D. E., Lin, R. P., McTiernan, J. M., McFadden, J. P., Ergun,
R. E., McCarthy, M., R̀eme, H., Sanderson, T. R., Kaiser, M.,
Lepping, R. P., and Mazur, J.: Tracing the topology of the Octo-
ber 18-20, 1995, magnetic cloud with∼0.1−102 keV electrons,
Geophys. Res. Lett., 24, 1911–1914, doi:10.1029/97GL01878,
1997.

Lepping, R. P., Jones, J. A., and Burlaga, L. F.: Magnetic field
structure of interplanetary clouds at 1 AU, J. Geophys. Res., 95,
11957–11965, 1990.

Lundquist, S.: Magnetostatic fields, Arkiv foer Fysik, 2, 361–365,
1950.

Maksimovic, M., Zouganelis, I., Chaufray, J.-Y., Issautier, K.,
Scime, E. E., Littleton, J. E., Marsch, E., McComas, D. J., Salem,
C., Lin, R. P., and Elliott, H.: Radial evolution of the electron dis-
tribution functions in the fast solar wind between 0.3 and 1.5 AU,
J. Geophys. Res., 110, A09104, doi:10.1029/2005JA011119,
2005.

McComas, D. J., Gosling, J. T., Winterhalter, D., and Smith, E. J.:
Interplanetary magnetic field draping about fast coronal mass
ejecta in the outer heliosphere, J. Geophys. Res., 93, 2519–2526,
doi:10.1029/JA093iA04p02519, 1988.

McComas, D. J., Bame, S. J., J., B. S., Feldman, W. C., Phillips,
J. L., Riley, P., and Griffee, J. W.: Solar wind electron proton
alpha monitor (SWEPAM) for the Advanced Composition Ex-
plorer, Space Sci. Rev., 86, 563, 1998.

Newkirk, Jr., G., Hundhausen, A. J., and Pizzo, V.: Solar cycle
modulation of galactic cosmic rays - Speculation on the role of
coronal transients, J. Geophys. Res., 86, 5387–5396, 1981.

Owens, M. J.: Magnetic cloud distortion resulting from propaga-
tion through a structured solar wind: Models and observations,
J. Geophys. Res., 111, A12109, doi:10.1029/2006JA011903,
2006.

Owens, M. J. and Crooker, N. U.: Coronal mass ejections and
magnetic flux buildup in the heliosphere, J. Geophys. Res., 111,
A10104, doi:10.1029/2006JA011641, 2006.

Owens, M. J. and Crooker, N. U.: Reconciling the electron
counterstreaming and dropout occurrence rates with the helio-
spheric flux budget, J. Geophys. Res., 112, A06106, doi:10.1029/
2006JA012159, 2007.

Owens, M. J., Cargill, P. J., Pagel, C., Siscoe, G. L., and Crooker,
N. U.: Characteristic magnetic field and speed properties of inter-
planetary coronal mass ejections and their sheath regions, J. Geo-
phys. Res., 110, A01105, doi:10.1029/2004JA010814, 2005.

Owens, M. J., Merkin, V. G., and Riley, P.: A kinematically dis-
torted flux rope model for magnetic clouds, J. Geophys. Res.,
111, A03104, doi:10.1029/2005JA011460, 2006.

Owens, M. J., Crooker, N. U., and Schwadron, N. A.: Suprather-
mal electron evolution in a Parker spiral magnetic field, J. Geo-
phys. Res., 113, A11104, doi:10.1029/2008JA013294, 2008.

Pilipp, W. G., Muehlhaeuser, K.-H., Miggenrieder, H., Rosenbauer,
H., and Schwenn, R.: Variations of electron distribution func-
tions in the solar wind, J. Geophys. Res., 92, 1103–1118, 1987.

Riley, P. and Crooker, N. U.: Kinematic treatment of CME evolution
in the solar wind, Astrophys. J., 600, 1035–1042, 2004.

Rosenbauer, H., Schwenn, R., Marsch, E., Meyer, B., Miggen-
rieder, H., Montgomery, M. D., Muehlhaeuser, K. H., Pilipp, W.,
Voges, W., and Zink, S. M.: A survey on initial results of the
HELIOS plasma experiment, Journal of Geophysics Zeitschrift
Geophysik, 42, 561–580, 1977.

Schmidt, J. M. and Cargill, P. J.: Magnetic reconnection between
a magnetic cloud and the solar wind magnetic field, J. Geo-
phys. Res., 108, 1023, doi:10.1029/2002JA009325, 2003.

Wimmer-Schweingruber, R. F., Crooker, N. U., Balogh, A., Both-
mer, V., Forsyth, R. J., Gazis, P., Gosling, J. T., Horbury, T.,
Kilchmann, A., Richardson, I. G., Riley, P., Rodriguez, L., von
Steiger, R., Wurz, P., and Zurbuchen, T. H.: Understanding inter-
planetary coronal mass ejection signatures, Space Sci. Rev., 123,
177–216, doi:10.1007/s11214-006-9017-x, 2006.

www.ann-geophys.net/27/4057/2009/ Ann. Geophys., 27, 4057–4067, 2009



The Astrophysical Journal Letters, 782:L10 (6pp), 2014 February 10 doi:10.1088/2041-8205/782/1/L10
C© 2014. The American Astronomical Society. All rights reserved. Printed in the U.S.A.

DISTRIBUTION OF ELECTRIC CURRENTS IN SOLAR ACTIVE REGIONS

T. Török1, J. E. Leake2, V. S. Titov1, V. Archontis3, Z. Mikić1, M. G. Linton4, K. Dalmasse5,
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ABSTRACT

There has been a long-standing debate on the question of whether or not electric currents in solar active regions are
neutralized. That is, whether or not the main (or direct) coronal currents connecting the active region polarities are
surrounded by shielding (or return) currents of equal total value and opposite direction. Both theory and observations
are not yet fully conclusive regarding this question, and numerical simulations have, surprisingly, barely been used
to address it. Here we quantify the evolution of electric currents during the formation of a bipolar active region
by considering a three-dimensional magnetohydrodynamic simulation of the emergence of a sub-photospheric,
current-neutralized magnetic flux rope into the solar atmosphere. We find that a strong deviation from current
neutralization develops simultaneously with the onset of significant flux emergence into the corona, accompanied
by the development of substantial magnetic shear along the active region’s polarity inversion line. After the region
has formed and flux emergence has ceased, the strong magnetic fields in the region’s center are connected solely by
direct currents, and the total direct current is several times larger than the total return current. These results suggest
that active regions, the main sources of coronal mass ejections and flares, are born with substantial net currents, in
agreement with recent observations. Furthermore, they support eruption models that employ pre-eruption magnetic
fields containing such currents.

Key words: magnetohydrodynamics (MHD) – Sun: corona – Sun: coronal mass ejections (CMEs)

Online-only material: color figures

1. INTRODUCTION

The energy required to power solar flares and coronal mass
ejections (CMEs) is stored in current-carrying magnetic fields
in the corona. Active regions (ARs), the main source regions
of eruptions, carry a total electric current of ∼1 TA (e.g.,
Wilkinson et al. 1992), which is commonly inferred from
applying Ampère’s law, j = (∇ × B)/µ0, to photospheric
vector magnetograms. Since such data are hampered by limited
resolution and various uncertainties (e.g., Wiegelmann et al.
2006), it is not yet well understood how AR currents are
distributed.

The observations indicate that the currents in magnetically
well-isolated ARs are balanced to a very good approximation,
i.e., the total current, I, calculated by integrating the vertical
current density, jz, over the whole photospheric AR extension
vanishes, as expected from ∇ · j = 0 (e.g., Georgoulis et al.
2012). What remains controversial is to what extent the currents
are neutralized, meaning that I calculated over a single AR
polarity vanishes as well. Full neutralization requires the main
(or direct) currents, which connect the AR polarities, to be
surrounded by shielding (or return) currents of equal total
strength and opposite direction (see, e.g., Figure 1 in Melrose
1995). Both observations and theoretical considerations are not
yet fully conclusive regarding the existence or amount of return
currents in ARs, which has led to an ongoing debate (e.g., Parker
1996; Melrose 1996; Georgoulis et al. 2012).

AR currents are believed to be formed by two main mecha-
nisms: (1) the stressing of the coronal magnetic field by photo-
spheric and sub-surface flows (e.g., Klimchuk & Sturrock 1992)

and (2) the emergence of current-carrying flux from the solar
interior into the corona (e.g., Leka et al. 1996). At first glance,
mechanism (1) is expected to produce neutralized currents. To
illustrate this, we show in Figures 1(a) and (b) a simple AR
model created from a bipolar potential field by photospheric
vortex flows (Amari et al. 1996; Török & Kliem 2003; Aulanier
et al. 2005; Török et al. 2013). Such an isolated, symmetric
system must be current-balanced. To see if it is also neutralized,
we calculate I =

∮
C

B · dl in one AR polarity along a photo-
spheric path C that runs fully outside and sufficiently far from
the vortex flows. Since the horizontal field components along C
do not change much during the twisting (Figure 1(b)) and the
initial field is current-free, I remains close to zero at all times,
i.e., the generated currents remain nearly neutralized. However,
as shown by Török & Kliem (2003), net currents develop in
the system if the vortices are close enough to each other to
also shear the magnetic field at the polarity inversion line (PIL).
The resulting handedness is the same as in the core of the flux
rope, i.e., the sheared flux carries direct current. Some recent
observations, based on high-resolution vector magnetograms,
indeed suggest the presence of substantial net currents in ARs
with strong shear along their main PIL (Ravindra et al. 2011;
Georgoulis et al. 2012).

As for mechanism (2), it is believed that flux ropes rising
through the convection zone are magnetically well-isolated (Fan
2009a), which implies that the currents they carry are well-
neutralized (Figure 1(c)). Whether or not the neutralization
breaks down when such flux ropes emerge into the corona
has not yet been investigated systematically. Ravindra et al.
(2011) analyzed a case of strong flux emergence and found it to
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(a)

(c)

(b)

Figure 1. Electric currents in two numerical models of AR formation. (a) Bipolar AR containing a flux rope (red field lines) created by photospheric vortex flows
(green arrows). Black (white) colors outline negative (positive) vertical magnetic fields. Currents are visualized by transparent iso-surfaces of α = (j · B)/B2, with
α = −2 (blue; direct current) and 0.65 (orange; return current). Black arrows show horizontal field components. The yellow line is an example path for calculating the
total current in one polarity (see text). (b) Zoom into AR center, showing additionally the initial horizontal potential field (magenta arrows) and the polarity inversion
line (white dotted line). (c) Buoyant flux rope from the simulation investigated in this Letter, before it emerges through the photosphere. Red (blue) colors outline
direct (return) currents; field lines show the flux rope core.

(A color version of this figure is available in the online journal.)

be associated with the development of strong net currents and
strong shear at the PIL. Longcope & Welsch (2000) suggested,
based on a simplified analytical model, that return currents may
even completely remain below the corona during the emergence
of magnetically isolated flux tubes.

Improving our understanding of the current distribution in
ARs is particularly important for theoretical and numerical mod-
els of solar eruptions. Many CME simulations (e.g., Roussev
et al. 2003; Török & Kliem 2005; Manchester et al. 2008; Lugaz
et al. 2011; Török et al. 2011) employed the analytical coronal
flux rope configuration developed by Titov & Démoulin (1999),
which does not contain return currents. Other investigations used
coronal field models constructed through flux rope insertion and
numerical relaxation (van Ballegooijen 2004), which are simi-
larly dominated by direct currents, to represent the source-region
field prior to an eruption (e.g., Bobra et al. 2008; Savcheva et al.
2012). Based on the assumption that AR currents are neutral-
ized, it has been argued, however, that such configurations are
not suitable for CME modeling, as the inclusion of return cur-
rents may inhibit their eruption (see a summary in Forbes 2010).

Since theory and observations are not yet conclusive, MHD
simulations can be used as a viable tool to address the ques-
tion of current neutralization in ARs. Surprisingly, while the
development of return currents has been reported in simulations
where ARs were produced by photospheric flows (e.g., Aulanier
et al. 2005; Delannée et al. 2008), the amount of current neu-
tralization was quantified in such simulations only by Török &
Kliem (2003). To the best of our knowledge, this has not yet

been done for ARs produced in flux emergence simulations,
which is the purpose of this Letter.

2. NUMERICAL SETUP

The simulation analyzed here is identical to the run “SD” in
Leake et al. (2013; hereafter L13), except for a shift in the z
coordinate and slightly different boundary and wave damping
conditions, which do not affect the system evolution noticeably.
It uses the standard, Cartesian setup for the emergence of
a buoyant magnetic flux rope into a stratified, plane-parallel
atmosphere in hydrostatic equilibrium (Fan 2001). In contrast
to previous simulations, where often a field-free corona was
considered, the flux rope here emerges into a pre-existing
magnetic arcade (Figure 2). We refer the reader to L13 for
details, here we only note that (1) the dimensionless lengths,
times, magnetic field strengths, current densities, and total
currents shown below are normalized by 170 km, 25 s, 1200 G,
0.56 Am−2, and 0.016 TA, respectively; (2) the height range
20 < z < 30 (0 < z < 10 in L13) corresponds to the
photosphere/chromosphere layer (PCL); and (3) the initial
magnetic field consists of a horizontal sub-photospheric flux
rope that runs along the y direction and a background dipole
field that is translationally invariant along the rope axis. The axis
is placed at z = 8 and the field strength at it is set to 6000 G. The
dipole field is much weaker, so initially the flux rope currents
are almost perfectly neutralized. The rope is made buoyant by a
localized, internal density perturbation applied around y = 0.
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Figure 2. Perspective view on magnetic field lines of the emerging flux rope (random colors) and the ambient coronal dipole field (yellow; drawn for z > 30) at
t = 170. The “magnetogram” Bz(x, y, z = 30) is shown in grayscale.

(A color version of this figure is available in the online journal.)

3. RESULTS

The subsequent evolution is very similar to previous flux
emergence simulations (see L13). Here we only show the mag-
netic configuration at the time when there is no longer significant
flux emergence into the atmosphere and a bipolar AR containing
a stable flux rope has formed in the corona (Figure 2). The erup-
tion of the rope, observed in previous simulations (Manchester
et al. 2004; Archontis & Török 2008), is inhibited here by the
stabilizing dipole field, the orientation of which was chosen to
minimize magnetic reconnection with the emerging flux. Fig-
ure 3 shows that the strongest AR currents are located above the
PIL and exhibit a sigmoidal shape when viewed from above.
Return currents are present but are rather narrow and located
at the AR edges, while the AR center and the flux rope con-
tain only direct currents. Note that the quantity α represents
the direct and return currents reasonably well, since the coronal
configuration evolves toward a force-free state as the emer-
gence of flux into the atmosphere slows down (see Figure 13
in L13).

In order to quantify the AR currents, we calculate I =∫
jz dx dy at the top of the PCL (z = 30). Integration over the

whole AR shows that the total current is balanced at all times,
as expected. To check the amount of current neutralization,
we restrict the integration to the positive AR polarity, Bz(z =
30) > 0. The emerging flux rope has a right-handed twist, so
the total direct (return) current, Id (Ir), is obtained by integrating
jz(z = 30) > 0 (< 0) over this polarity.

Figure 4(a) shows the evolution of Id, Ir, I = Id + Ir (blue
symbols), and the total positive magnetic flux (black curve). The
initial flux is non-zero due to the presence of the background
dipole field. Early in the evolution (t � 50) there is very
little flux emergence and the currents remain small and almost
perfectly neutralized. No significant shear develops along the
PIL during this phase. Strong emergence starts at t ≈ 50,

accompanied by a rapid increase of the currents, and ceases
at t ≈ 160. Ir saturates at t ≈ 100, while Id increases until
t ≈ 130 and slowly decreases afterward.

Figure 4(b) shows the ratio |Id/Ir | (red diamonds). The total
direct current starts to exceed the total return current from the
onset of strong emergence and remains several times larger
during the whole evolution. The same pattern can be found if Id

and Ir are computed deeper in the PCL (at z = 22 and 26), with
somewhat smaller values of |Id/Ir |.

The red symbols in Figure 4(a) show Id, Ir, and I in the
center of the positive polarity, where the strongest magnetic
fields are located. The integration area was defined by the ad-
hoc condition Bz(z = 30, t) > Bzmax

(z = 30, t)/3 (see the black
contour lines in Figures 5(a) and (c)). It can be seen that Ir in
the AR center drops to zero shortly after the onset of strong
emergence, i.e., the strongest AR fields become connected
solely by direct currents as the emergence proceeds. This is
visualized in Figures 5(a)–(d). At t = 55, right after the onset
of strong emergence, the direct and return currents are still
quite compact and more or less equally distributed within each
polarity of the forming AR. No significant shear along the PIL
has yet developed. The PILs of Bz and jz are very different,
indicating that the system is far from a force-free state at this
height and time. As the emergence proceeds the picture changes
considerably. At t = 170, when flux emergence has ceased and
strong shear along the PIL has developed, two J-shaped regions
of strong direct current occupy the AR center, while the much
weaker and narrower return currents are located solely in the
AR’s periphery. The PILs of Bz and jz in the AR center now
coincide, indicating that the coronal configuration has evolved to
an approximately force-free state. This pattern persists during
the remaining evolution of the system, except that as the AR
polarity centers separate, the current concentrations between
them progressively narrow, plausibly causing the decrease of Id

after t ≈ 130.
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(a)

(b)

Figure 3. (a) Top view of the system shown in Figure 2 (without arcade field
lines). Direct (return) currents are visualized by a blue (orange) transparent iso-
surface of α = 0.12 (−0.08). Note that the flux rope is right-handed (α > 0),
while the flux rope in Figure 1(a) is left-handed (α < 0). (b) Perspective view
along the rope axis, showing field lines of (Bx , 0, Bz) and color-scales of α (for
z > 30) and jy (for z < 30) in the plane {y = 0} (jy is used to visualize the
current direction for z < 30 since the field is far from a force-free state there).

(A color version of this figure is available in the online journal.)

4. DISCUSSION

We quantified the amount of electric current neutralization
in bipolar solar ARs by considering an MHD simulation of the
emergence of a current-neutralized magnetic flux rope from the
solar interior into the corona. We find that a rapid and strong
deviation from current-neutralization occurs simultaneously
with the onset of significant flux emergence. The emergence
process is accompanied by the development of strong magnetic
shear along the AR’s PIL. By the end of the emergence
phase |Id | is several times larger than |Ir | for the model
parameters considered here, in reasonable agreement with the
ratios obtained from observed data by Ravindra et al. (2011)
and Georgoulis et al. (2012). The strong magnetic fields in
the AR center are connected solely by direct currents, while

the weaker and narrower return currents reside in the AR’s
periphery. In order to assess the role of shielding on the strength
of the return currents, we repeated the simulation using a three
times stronger dipole field, and also compared it with emergence
into a field-free corona (run “ND” in L13). The deviation from
current neutralization is strong in all cases and increases with
the ambient field strength, opposite to expectation if shielding
were dominant. These results suggests that:

1. ARs are born with substantial net currents, in agreement
with recent observations (Ravindra et al. 2011; Georgoulis
et al. 2012).

2. Coronal flux rope models that neglect return currents (e.g.,
Titov & Démoulin 1999; Su et al. 2011) are a valid rep-
resentation of pre-eruption configurations on the Sun. In-
deed, simulations that use such models reproduce important
eruption characteristics (e.g., rise profiles and morphologi-
cal evolution) in very good quantitative agreement with the
observations (e.g., Török & Kliem 2005; Williams et al.
2005; Schrijver et al. 2008; Kliem et al. 2010, 2012, 2013).

The question arises of how fully neutralized sub-photospheric
currents transform into strongly non-neutralized coronal cur-
rents during flux emergence. This transformation is not trivial,
since (1) the current paths become highly complex during the
rise and emergence of the flux rope, (2) only a fraction of the
sub-photospheric currents enter the corona, and (3) new currents
may develop as a result of the shearing and converging flows
associated with emerging flux ropes (Manchester et al. 2004;
Archontis 2008) or of the transport of twist from below the sur-
face via torsional Alfvén waves (Longcope & Welsch 2000; Fan
2009b; L13).

The complexity of the problem calls for a detailed investi-
gation beyond the scope of this Letter. A preliminary analysis
indicates that during the flux pile-up that occurs when the rising
flux rope approaches the photosphere, return currents located
at the top of the rope are pushed aside by subjacent direct cur-
rents. Moreover, some of them short-circuit with adjacent direct
currents (Figure 5(e)), which supports this process. It appears
that most of the return currents thus relocated to the periphery
of the emergence area never enter the corona (otherwise the
flux emergence would start with an increase of the return cur-
rent). Figure 5(f) shows that the direct currents that occupy the
AR center after emergence are rooted in the center of the sub-
photospheric flux rope. This suggests that they emerge bodily,
rather than being produced by shearing flows.

It also needs to be studied how parameters such as the initial
flux rope twist and diameter (relative to the PCL width), and the
structure and strength of the pre-existing coronal field affect the
final current distribution.

The results presented here refer to newly emerging flux, in
particular to emerging ARs. While the most powerful eruptions
tend to arise from relatively young and compact ARs, many
filament eruptions and CMEs originate within or between
decaying ARs characterized by dispersed photospheric flux
distributions (Martin 1973; Tang 1987). The corresponding
pre-eruption configurations (typically filament channels) are
believed to be formed and energized primarily by persistent
shear flows and flux cancellation at PILs (e.g., van Ballegooijen
& Martens 1989; Martens & Zwaan 2001; Green & Kliem 2009;
Green et al. 2011), rather than by newly emerging flux. Their
magnetic structure has been modeled using two complementary
approaches.

The flux rope insertion method (van Ballegooijen 2004) yields
static models by inserting a flux rope into the potential-field
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(a) (b)

Figure 4. Electric currents integrated over the positive polarity region, Bz(z) > 0. (a) Integration at z = 30 over the whole polarity (blue symbols) and over the
polarity center (Bz > Bzmax /3; red symbols). The total positive magnetic flux is shown by a black line (scaled to fit into the plot). (b) Ratio of total direct and total
return current integrated over the whole positive polarity at heights z = 22, 26, and 30 (black, blue, and red diamonds, respectively). The total positive magnetic flux
at these heights is shown by solid lines of the same color, scaled to the same initial value.

(A color version of this figure is available in the online journal.)

(a) (b) (e)

(f)
(c) (d)

Figure 5. Development of net currents in the corona. The top shows an early state of emergence, when little shear has developed and the currents are relatively well
neutralized. The bottom shows a mature state of emergence, after strong shear has developed and the currents are strongly non-neutralized. (a–d) Bz and jz at z = 30.
On the left, red arrows, yellow and black lines outline (Bx , By , 0), Bz = 0, and contours of Bzmax /3, respectively. On the right, Bz = 0 is drawn in black. The current
field lines in (d) are the same as in (f). (e–f) Oblique view showing jz(z = 30), field lines of j, and vertical slices of jy at y = ±75, with white (black) regions outlining
the locations of sub-photospheric direct (return) currents. Current field lines start at y = ±75 in (e) and at z = 30 in (f), and are terminated at y = ±75 in both panels.
Orange (green) lines start in regions of direct (return) current. Green current field lines in (e) have short-circuited, i.e., they connect to the direct current region in the
same flux rope leg.

(A color version of this figure is available in the online journal.)
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extrapolation of an observed magnetogram and subsequently
relaxing the coronal field numerically (e.g., Bobra et al. 2008;
Savcheva & van Ballegooijen 2009; Su et al. 2011). After
relaxation, the currents in these models tend to be strongly non-
neutralized (see Figure 3 in Kliem et al. 2013). In particular, the
use of a potential ambient field neglects the possible introduction
of return currents by localized shearing flows. Nevertheless, the
models have been very successful in representing stable as well
as unstable fields of dispersed and decaying ARs.

MHD simulations involving flux cancellation have produced
fully dynamic models of such ARs (e.g., Linker et al. 2003;
Amari et al. 2003; Titov et al. 2008; Aulanier et al. 2010).
These simulations impose various combinations of photospheric
shearing, converging flows, and field diffusion on an initial
potential field; thus, possible return currents resulting from the
shearing are kept. Figure 12 in Titov et al. (2008) and Figure 7
in Aulanier et al. (2010) show that return currents are produced
in these models, but they appear to be too weak to neutralize
the strong direct currents that form above the PIL. For example,
the simulation in Titov et al. (2008) yields |Id/Ir | ≈ 3, rather
similar to the values shown in Figure 4.

All three models (flux emergence, flux rope insertion, and flux
cancellation) appear to produce strongly non-neutralized cur-
rent configurations, though their quantitative differences have
yet to be investigated systematically. The same is true for con-
figurations produced by localized vortex flows (Figure 1(a)) if
these flows extend close to the PIL. Moreover, these config-
urations are morphologically similar, typically consisting of a
low-lying, sigmoidal layer of strong and concentrated currents
and a flux rope with weaker and more diffuse current above it
(Török & Kliem 2003; Archontis & Hood 2009; Aulanier et al.
2010; Savcheva et al. 2012). This suggests that young eruptive
ARs and mature CME source regions have analogous current
distributions, dominated by net currents located close to the
PIL, though this conjecture needs to be substantiated by further
analysis of numerical models and observations.

Finally, all models show an association between the presence
of net currents and magnetic shear along the PIL, regardless of
whether the currents are produced by horizontal photospheric
flows or emerge bodily into the corona. While the shear at the
PIL is causal for the current to be non-neutralized in the vortex-
driven case, it may not be causal in the emergence process.
The exact nature and validity range of the relationship requires
further study as well.
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ABSTRACT

Sympathetic eruptions on the Sun have been observed for several decades, but the mechanisms by which one
eruption can trigger another remain poorly understood. We present a three-dimensional MHD simulation that
suggests two possible magnetic trigger mechanisms for sympathetic eruptions. We consider a configuration that
contains two coronal flux ropes located within a pseudo-streamer and one rope located next to it. A sequence of
eruptions is initiated by triggering the eruption of the flux rope next to the streamer. The expansion of the rope leads
to two consecutive reconnection events, each of which triggers the eruption of a flux rope by removing a sufficient
amount of overlying flux. The simulation qualitatively reproduces important aspects of the global sympathetic event
on 2010 August 1 and provides a scenario for the so-called twin filament eruptions. The suggested mechanisms are
also applicable for sympathetic eruptions occurring in other magnetic configurations.

Key words: methods: numerical – Sun: corona – Sun: coronal mass ejections (CMEs) – Sun: filaments,
prominences – Sun: flares – Sun: magnetic topology

Online-only material: animations, color figures

1. INTRODUCTION

Solar eruptions are observed as filament (or prominence)
eruptions, flares, and coronal mass ejections (CMEs). It is
now well established that these three phenomena are different
observational manifestations of a single eruption, which is
caused by the destabilization of a localized volume of the coronal
magnetic field. The detailed mechanisms that trigger and drive
eruptions are still under debate, and a large number of theoretical
models have been developed (e.g., Forbes 2010).

Virtually all existing models consider single eruptions. The
Sun, however, also produces sympathetic eruptions, which occur
within a relatively short period of time—either in one, typically
complex, active region (e.g., Liu et al. 2009) or in different
source regions, which occasionally cover a full hemisphere (the
so-called global eruptions; Zhukov & Veselovsky 2007). It has
been debated whether the close temporal correlation between
sympathetic eruptions is purely coincidental, or whether they
are causally linked (e.g., Biesecker & Thompson 2000). Both
statistical investigations (e.g., Moon et al. 2002; Wheatland &
Craig 2006) and detailed case studies (e.g., Wang et al. 2001)
indicate that physical connections between them exist.6

The exact nature of these connections has yet to be estab-
lished. They have been attributed, for instance, to convective
motions or destabilization by large-scale waves (e.g., Ramsey
& Smith 1966; Bumba & Klvana 1993). At present, it seems
most likely that the mechanisms by which one eruption can
trigger another act in the corona and are of a magnetic
nature. Perturbations traveling along field lines that connect
source regions of eruptions (e.g., Jiang et al. 2008) and changes
in the background field due to reconnection (e.g., Ding et al.
2006; Zuccarello et al. 2009) have been considered. In an anal-
ysis of a global sympathetic event (see Section 2), Schrijver

6 We do not distinguish here between sympathetic flares and sympathetic
CMEs, since both are part of the same eruption process.

& Title (2011) found evidence for connections between all in-
volved source regions via structural features like separators and
quasi-separatrix layers (QSLs; Priest & Forbes 1992; Démoulin
et al. 1996), suggesting the importance of the structural proper-
ties of the large-scale coronal field in the genesis of sympathetic
eruptions.

A magnetic configuration that appears to be prone to pro-
ducing sympathetic eruptions is a unipolar streamer or pseudo-
streamer (PS; e.g., Hundhausen 1972; Wang et al. 2007). A PS is
morphologically similar to a helmet streamer, but divides open
fields of like polarity and contains an even number (typically
two) of closed flux lobes below its cusp. PSs are quite common
in the corona (e.g., Eselevich et al. 1999; Riley & Luhmann
2011) and occasionally harbor two filaments. It seems that if
one of these erupts, the other one follows shortly thereafter (the
so-called twin filament eruptions; Panasenco & Velli 2010).

Here, we present a numerical simulation that suggests two
possible magnetic trigger mechanisms for sympathetic erup-
tions. It was inspired by the global sympathetic event on 2010
August 1, which involved a twin filament eruption in a PS.

2. THE SYMPATHETIC ERUPTIONS ON 2010 AUGUST 1

A detailed account of the individual eruptions that occurred
in this global event can be found in Schrijver & Title (2011).
Here we focus on a subset of three consecutive filament
eruptions, all of which evolved into a separate CME.
Figures 1(a), (b), and (c) show, respectively, the eruptions as
seen by STEREO/EUVI (Howard et al. 2008), the pre-eruptive
filaments, and a synoptic magnetogram obtained from the
Solar and Heliospheric Observatory/Michelson Doppler Im-
ager (SOHO/MDI; Scherrer et al. 1995) data. The large fila-
ments 2 and 3 were located along the inversion lines dividing an
elongated positive polarity and two bracketing negative polari-
ties; the small filament 1 was located at the edge of the southern
negative polarity. A potential field source surface extrapolation
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(a)

(b) (c) (e)(d)

Figure 1. (a) STEREO-Ahead/EUVI 304 Å observations of three subsequent prominence eruptions (marked by their order of eruption) on 2010 August 1, shown at
02:56, 09:16, and 22:06 UT (from left to right). (b) Big Bear Observatory Hα observation on 2010 July 30, showing the corresponding pre-eruptive filaments. (c)
Filament contours (drawn by eye) overlaid on a synoptic magnetogram for Carrington rotation 2099, with red (blue) showing positive (negative) radial fields. (d)
Magnetic field lines from a corresponding PFSS extrapolation, revealing a pseudo-streamer. Green lines outline the lobes in which filaments 2 and 3 were located,
pink lines show adjacent coronal holes. (e) Coronal distribution of Q (gray scale) and photospheric distribution of slog Q, where red (blue) outlines positive (negative)
magnetic fluxes.

(A color version of this figure is available in the online journal.)

(PFSS; e.g., Schatten et al. 1969) for Carrington rotation 2099
reveals that filaments 2 and 3 were located in the lobes of a PS
(Figure 1(d); see also Panasenco & Velli 2010).

Figure 1(e) shows a cut through the coronal distribution of
the squashing factor Q (Titov et al. 2002) above filaments 2
and 3. The dark lines of high Q outline structural features
and exhibit here a shape characteristic for a PS (compare
with Figure 3(b) below). The photospheric distribution shows
slog Q (Titov et al. 2011), depicting the footprints of (quasi-)
separatrix surfaces. The structural skeleton of a PS consists
of two separatrix surfaces, one vertical and one dome-like,
which are both surrounded by a thin QSL (Masson et al. 2009)
and intersect at a separator (Titov et al. 2011). It has been
demonstrated that current sheet formation and reconnection
occur preferably at such separators (e.g., Baum & Bratenahl
1980; Lau & Finn 1990).

The presence of the PS above filaments 2 and 3 suggests that
the CME associated with filament eruption 1 may have triggered
the subsequent eruptions by destabilizing the PS, presumably
by inducing reconnection at its separator. We now describe an
MHD simulation that enabled us to test this scenario using an
idealized model.

3. NUMERICAL SIMULATION

The basic simulation setup is as in Török et al. (2011),
where two instances of the coronal flux rope model by Titov
& Démoulin (1999, hereafter TD) were used to simulate the
interaction of two flux ropes in a PS. Here we add a TD
configuration on each side of the PS (Figure 2(a)). The new
configuration on the left is used to model the CME associated
with filament eruption 1, while the new one on the right is
merely used to obtain a (line-)symmetric initial configuration,
which facilitates the construction of a numerical equilibrium.
It does not significantly participate in the dynamic evolution
described below. The flux ropes FR1-3 are intended to model
filaments 1–3.

We integrate the zero β compressible ideal MHD equa-
tions, neglecting thermal pressure and gravity. The equations
are normalized by the initial TD torus axis apex height, R−d
(see TD), the maximum initial magnetic field strength and
Alfvén velocity, B0max and va0max, and derived quantities.
The Alfvén time is τa = (R − d)/va0max. We use a nonuni-
form Cartesian grid of size [−25, 25] × [−25, 25] × [0, 50]
with resolution ≃0.04 in the flux rope area. The initial den-
sity distribution is ρ0(x) = |B0 (x)|3/2, such that va(x) de-
creases slowly with distance from the flux concentrations.
For further numerical details we refer to Török & Kliem
(2003).

The model parameters are chosen such that all flux ropes are
initially stable with respect to the helical kink (Török et al. 2004)
and torus instabilities (TI; Kliem & Török 2006). The ropes are
placed along the y-direction, at x = ±1.5 and ± 5.5, and have
identical parameters (R = 2.75, a = 0.8, d = 1.75, L = 0.5,
q = 4.64; see TD). The signs of the sub-photospheric point
charges, ±q, are set according to the signs of the polarities
surrounding filaments 1–3 (Figure 1(c)). The half-distance
between the charges, L, is such that the TI can be triggered
by a relatively weak perturbation (Schrijver et al. 2008). To
obtain a numerically stable initial configuration that contains
(semi-)open field above the PS lobes, the two charges associated
with each flux rope are adjusted to −0.55 q/0.65 q (for FR1
and FR4) and to −0.34 q/0.24 q (for FR2 and FR3). The twist
is chosen to be left-handed for all ropes to account for the
observed dextral chirality of filaments 2 and 3 (Panasenco &
Velli 2010).

We first relax the system for 85 τa and reset the time to zero.
Then we trigger the eruption of FR1 by imposing localized
converging flows at the bottom plane (as in Török et al. 2011),
which slowly drive the polarities surrounding FR1 toward the
local inversion line, yielding a quasi-static expansion of the
rope’s ambient field. The flows are imposed for 25 τa (including
phases of linear increase (decrease) to a maximum velocity of
0.02 va0max (to zero), each lasting 5 τa).
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(a) (b)

(c) (d)

Figure 2. Snapshots from the simulation, showing magnetic field lines with fixed footpoints and the normal component of the magnetic field at the bottom plane,
where red (blue) depicts positive (negative) fields. Orange lines belong to the flux ropes, green ones to the initial pseudo-streamer lobes, and pink ones to initially
closed or (semi-)open overlying flux. Panel (a) shows the configuration after initial relaxation and panels (b)–(d) show the successive flux rope eruptions and ambient
field evolution at t = 85, 126, and 181 τa , respectively. “Already erupted” flux ropes are omitted for clarity.

(An animation and a color version of this figure are available in the online journal.)

Though we solve the ideal MHD equations, extra diffusion
is introduced by numerical differencing (as in every MHD code
that models solar magnetic fields). This numerical diffusion is
localized in regions where the current density is largest and
leads to reconnection of magnetic field lines. Although it is
much larger than the diffusion expected on the Sun, experience
has shown that simulations produce solutions with physically
expected behavior, as long as the numerical diffusion is suffi-
ciently small. We therefore expect that our simulation indicates
the true evolution of the system, but that the reconnection rates
might differ from those present on the Sun.

4. RESULTS

Figures 2 and 3 summarize the main dynamics and reconnec-
tion occurring in the simulation. Figure 3(a) shows the initial
configuration and Figures 2(a) and 3(b) show the system after
relaxation, during which weak current layers form at the PS
separatrix surfaces, but no noticeable reconnection occurs. Note
the correspondence between the current layer pattern and the
Q-distribution shown in Figure 1(e).

As the converging flows are applied, FR1 starts to rise slowly,
in response to the quasi-static expansion of its ambient field.
In contrast to other simulations, where such flows have been
used to create a flux rope from a sheared arcade (e.g., Amari
et al. 2000), here they do not lead to noticeable reconnection.
The slow rise lasts until the rope reaches the critical height for
TI onset at t ≈ 40 τa , after which it rapidly accelerates upward
driven by the instability (Török & Kliem 2007; Fan & Gibson
2007; Schrijver et al. 2008; Aulanier et al. 2010). FR1 attains a
maximum velocity of ≈0.45 va0max at t ≈ 90 τa before it slowly
decelerates. Figure 2(b) shows the system in the course of this
eruption. The rise of the rope is slightly inclined, due to the
asymmetry of its ambient field (e.g., Filippov et al. 2001). The
rope rotates counterclockwise about its rise direction (as seen
from above), due to the conversion of its twist into a writhe (e.g.,
Green et al. 2007).

The expansion of FR1’s ambient field compresses the field
between FR1 and the PS, particularly at larger heights where
it is weak (see online animations). As a result, a tilted arc-
shaped current layer forms around the PS separator (Figures 3(c)
and 4). Further compression by the eruption steepens the current
densities until reconnection (R1) between the open flux to the
left of the PS and the closed flux in the right PS lobe sets in.
The lobe flux then starts to open up, while the open flux starts to
close down above the left PS lobe (Figures 2(b) and 3(c)). This
successively decreases (increases) the magnetic tension above
FR2 (FR3), so that FR2 rises slowly, while FR3 is slowly pushed
downward. At t ≈ 95 τa FR2 reaches the critical height for TI
onset and erupts, attaining a maximum velocity of ≈0.60 va0max
at t ≈ 120 τa . Figure 2(c) shows that FR2 also rises non-radially,
but rotates less than FR1. The apparently smaller rotation of FR2
is due to the faster decay of its overlying field with height, which
leads to a distribution of the total rotation over a larger height
range than for FR1 (Török et al. 2010). By the time shown, FR1
has fully erupted, an elongated vertical current layer has formed
in its wake (Figure 3(d)), and reconnection therein has produced
cusp-shaped field lines below it. As FR2 erupts, it rapidly pushes
the arc-shaped current layer to large heights (Figure 3(d)). While
R1 still commences for some time, it does not anymore play a
significant role in the following evolution.

A vertical current layer also forms below FR2. The subse-
quent reconnection (R2) initially involves the very same flux
systems that took part in R1. The flux previously closed down
by R1 opens up again, and the flux previously opened up by
R1—and by the expansion of FR2—closes down to form cusp-
shaped field lines below the current layer (Figure 3(e)). After
these fluxes are exhausted, R2 continues, now involving the left
PS lobe and the open flux to the right of the PS. While the
former opens up, the latter closes down as part of the growing
cusp (Figure 3(f)). Thus, R2 continuously removes closed flux
above FR3. As before, this progressive weakening of magnetic
tension leads to a slow rise of the rope, followed by its erup-
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(a) (b) (c)

(d) (e) (f)

Figure 3. Illustration of the two reconnection phases that trigger the successive flux rope eruptions in the pseudo-streamer. Field lines are colored the same as in
Figure 2. The transparent inverted gray scale in the central plane, {y = 0}, shows the logarithmic distribution of |j|/|B|, where j is the electric current density, outlining
flux rope currents and thin current layers. Fainter field line segments are located behind the transparent layer. Panel (a) shows the initial configuration, panel (b) the
system after relaxation, and panels (c)–(f) show the dynamic evolution, at t = 85, 126, 142, and 158 τa , respectively. Panels (a) and (b) and (c)–(f) use a different
scaling of |j|/|B|, respectively. Panel (c) shows reconnection R1, which triggers the eruption of FR2, and panels (e) and (f) show reconnection R2, which triggers the
eruption of FR3. Panel (d) shows a state between the two reconnection phases.

(An animation and a color version of this figure are available in the online journal.)

tion (Figures 3(f) and 2(d)). The rapid acceleration of FR3 by
the TI starts at t ≈ 138 τa , yielding a maximum velocity of
≈0.35 va0max at t ≈ 175 τa . The rope shows a significant rota-
tion and an inclined rise which is now mainly directed toward
the positive x-direction.

5. DISCUSSION

The eruptions of FR2 and FR3 are initiated by the removal
of a sufficient amount of stabilizing flux above the flux ropes
via reconnection. R1 is similar to quadrupolar “breakthrough”
or “breakout” reconnection (Syrovatskii 1982; Antiochos et al.
1999). Here it is driven by a nearby CME rather than by an
expanding arcade and, in contrast to the breakout model, a
flux rope is present prior to eruption. R2, on the other hand,
corresponds to standard flare reconnection in the wake of a
CME. Here it removes flux from the adjacent PS lobe, thereby
triggering the eruption of FR3. A similar mechanism for the
initiation of a second eruption in a PS was suggested by Cheng
et al. (2005), who, however, attributed it to reconnection inflows
rather than to flux removal. We emphasize that R1 and R2
merely trigger the eruptions, which are driven by the TI and
supported by the associated flare reconnection (e.g., Vršnak
2008). Thus, in the system studied here, both PS eruptions
require the presence of a pre-eruptive flux rope. We further note
that the reconnections do not have to commence for the whole
time period until the TI sets in. It is sufficient if they remove
enough flux for the subsequently slowly rising flux ropes to
reach the critical height for TI onset.

R1 is driven by a perturbation of limited duration—the lateral
expansion of a nearby CME—and is slow since it involves only
weak fields, around a separator at a significant height in the
corona. Therefore, its success in triggering an eruption depends
on parameters like the distance of the CME from the PS and the

Figure 4. Volume rendering of |j|/|B| in the pseudo-streamer area at the same
time as in Figures 2(b) and 3(c), outlining the tilted arc-shaped current layer
that forms around the separator.

(A color version of this figure is available in the online journal.)

amount of pre-eruptive flux within the PS lobes. Indeed, if we
sufficiently increase these parameters in the simulation we find
that R1 still commences, but does not last long enough to trigger
an eruption. In contrast, R2 is driven by the rise of FR2 and
involves strong fields. It is therefore faster and more efficient,
which supports the finding by Panasenco & Velli (2010) that an
eruption in one lobe of a PS is often followed by an eruption in
the neighboring lobe.

Figure 2 shows that the simulation correctly reproduces the
order of the eruptions shown in Figure 1(a) and yields a good
match of their inclinations and rotations. Assuming that the first
eruption indeed triggered the subsequent ones, it is surprising
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that the filament located further away from it went off first.
While filament 2 may simply have been closer to its stability
limit than filament 3 (as indicated by its larger height; see
Figure 1(a)), the simulation provides an alternative explanation:
the perturbation of the separator yields an orientation of the
current layer that leads to a removal of closed flux only in the
right PS lobe (Figure 3(c)), thus enforcing the eruption of FR2.
Hence, although we could not find observational signatures of
R1 (presumably because the involved fields were too weak),
the observed eruption sequence supports its occurrence. The
time intervals between the simulated eruptions exhibit a ratio
different to the observed ones. Matching the observed ratio
requires a search for the appropriate model parameters and a
more realistic modeling of reconnection, which are beyond the
scope of this work.

FR2 reaches a velocity about 35% larger than that of FR1,
which is in line with Liu (2007) and Fainshtein & Ivanov (2010),
who found that CMEs associated with PSs are, on average,
faster than those associated with helmet streamers. Liu (2007)
suggested that this difference is due to the typically smaller
amount of closed flux the former have to overcome. Indeed,
FR1 has to pass through flux that is closed at all heights above
it, while FR2 faces much less closed flux, a significant fraction of
which is, moreover, removed by R1. FR3 remains significantly
slower than FR2, most likely because it encounters more closed
flux at eruption onset, and only partially opened flux later on
(Figures 3(e) and (f)).

6. CONCLUSIONS

We present an MHD simulation of two successive flux rope
eruptions in a PS, and we demonstrate how they can be trig-
gered by a preceding nearby eruption. The simulation suggests
a mechanism for twin filament eruptions and provides a sce-
nario for a subset of the sympathetic eruptions on 2010 August
1. More realistic initial configurations and a more sophisticated
treatment of reconnection are needed for a quantitative compar-
ison with observations.

Our results support the conjecture that the trigger mecha-
nisms of sympathetic eruptions can be related to the structural
properties of the large-scale coronal field. However, while struc-
tural features are present in our model configuration, they do not
connect the source region of the first eruption with the source
regions of the subsequent ones. Moreover, the mere presence
of such features in a source region is not a sufficient criterion
for the occurrence of a sympathetic event, even if reconnec-
tion at structural features is triggered by a distant eruption. The
conditions in the source region must be such that the resulting
perturbation forces the region to cross the stability boundary.

The two trigger mechanisms presented here are independent
and applicable also to other magnetic configurations. Trigger-
ing a sympathetic eruption by R1 requires the presence of a
separator (or null point) above closed flux that stabilizes a pre-
eruptive flux rope, which can be realized, in the simplest case,
in a so-called fan-spine configuration (e.g., Antiochos 1998;
Pariat et al. 2009; Török et al. 2009). Triggering a sympathetic
eruption by R2 requires the presence of an adjacent closed flux
system overlying a flux rope, which can exist, for example, in
quadrupolar configurations.
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The Evolution of Writhe in Kink-Unstable Flux Ropes and Erupting

Filaments

T. Török 1, B. Kliem 2, M. A. Berger 3, M. G. Linton 4, P. Démoulin 5, L. van Driel-Gesztelyi 6,5,7

ABSTRACT

The helical kink instability of a twisted magnetic flux tube has been suggested as a

trigger mechanism for solar filament eruptions and coronal mass ejections (CMEs). In

order to investigate if estimations of the pre-eruptive twist can be obtained from obser-

vations of writhe in such events, we quantitatively analyze the conversion of twist into

writhe in the course of the instability, using numerical simulations. We consider the

line tied, cylindrically symmetric Gold–Hoyle flux rope model and measure the writhe

using the formulae by Berger and Prior which express the quantity as a single integral

in space. We find that the amount of twist converted into writhe does not simply scale

with the initial flux rope twist, but depends mainly on the growth rates of the insta-

bility eigenmodes of higher longitudinal order than the basic mode. The saturation

levels of the writhe, as well as the shapes of the kinked flux ropes, are very similar for

considerable ranges of initial flux rope twists, which essentially precludes estimations

of pre-eruptive twist from measurements of writhe. However, our simulations suggest

an upper twist limit of ∼ 6π for the majority of filaments prior to their eruption.

Subject headings: Magnetohydrodynamics (MHD); Sun: corona; Sun: filaments

1. Introduction

The m = 1 kink mode or helical kink instability (hereafter KI) is a current-driven, ideal

magnetohydrodynamic (MHD) instability. It occurs in a magnetic flux rope if the winding of the
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field lines about the rope axis (the twist) exceeds a critical value (e.g., Shafranov 1957; Kruskal

& Tuck 1958; Freidberg 1982; Priest 1982). The instability lowers the magnetic energy of the

flux rope by reducing the bending of field lines, which leads to a characteristic helical deformation

(writhe) of the rope axis. Such writhing is often observed in erupting filaments or prominences

in the solar corona (Figure 1), which has led to the suggestion that the KI can trigger filament

eruptions and CMEs (e.g., Sakurai 1976; Sturrock et al. 2001; Török & Kliem 2005; Fan 2005).

The KI has been studied extensively for laboratory plasmas (see, e.g., Bateman 1978; Goed-

bloed et al. 2010, and references therein). In applications relevant to the low-β solar corona,

typically force-free, cylindrically symmetric flux rope configurations of finite length are consid-

ered. The anchoring of coronal loops and prominences in the solar surface is modeled by imposing

line tied boundary conditions at the flux rope ends. Properties of the KI such as the instability

threshold and growth rate, as well as the formation of current sheets, have been investigated for

various radial twist profiles in both straight and arched flux rope geometries (e.g., Hood & Priest

1981; Mikić et al. 1990; Baty & Heyvaerts 1996; Gerrard et al. 2001; Török et al. 2004). MHD

simulations of kink-unstable flux ropes have been employed to model coronal loop heating and

bright-point emission (Galsgaard & Nordlund 1997; Haynes & Arber 2007), soft X-ray sigmoids

(Kliem et al. 2004), energy release in compact flares (Gerrard & Hood 2003), microwave sources

in eruptive flares (Kliem et al. 2010), and rise profiles, rotation, and writhing of erupting filaments

and CMEs (Török & Kliem 2005; Williams et al. 2005; Fan 2005; Kliem et al. 2012). In spite of

this large body of work, the amount and evolution of the writhing in kink-unstable flux ropes was

quantified only very rarely (Linton et al. 1998; Török et al. 2010). Systematic investigations of the

dependence of the writhe on parameters such as the initial flux rope twist or geometry have not yet

been undertaken.

The quantity writhe measures the net self-coiling of a space curve. It is related to the total

torsion along the curve: the sum of writhe and total torsion remains constant under deformations,

unless the curve develops an inflexion point, where curvature vanishes (Moffatt & Ricca 1992).

Twist and writhe of a thin flux rope are related to its magnetic helicity via H = F 2(T +W ), where

F is the axial magnetic flux, T is the number of field line turns, and W is the writhe of the rope

axis (Călugăreanu 1959; Berger & Prior 2006). The writhe for flux ropes with footpoints on a

boundary (such as the photosphere) can be defined by the same formula, using relative helicity for

H (Berger & Field 1984). W depends only on the shape of the axis of the rope; while T measures

the net twist of the field lines in the rope about the axis. Since magnetic helicity is conserved in

ideal MHD, the KI converts twist into an equal amount of writhe. Here we quantify this process

for the first time systematically for a range of initial flux rope twists, using MHD simulations.

For our study we consider the straight, uniformly twisted, force-free flux rope equilibrium by

Gold & Hoyle (1960, hereafter GH), line tied at both ends. In the absence of knowledge about
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typical twist profiles in coronal flux ropes and due to its force freeness, the equilibrium serves as

a convenient reference model. Mechanisms other than the KI that may cause writhing (see Kliem

et al. 2012 for a detailed discussion) are excluded. Furthermore, the KI of the GH model does

not lead to the formation of a helical current sheet, which triggers reconnection in the nonlinear

development of other flux rope equilibria (e.g., Baty & Heyvaerts 1996; Gerrard & Hood 2003).

Therefore, the evolution of the axis deformation can be followed well into the saturation phase of

the writhe, which makes this equilibrium particularly suited for our purpose. We measure the axis

writhe using the formulae by Berger & Prior (2006), which express the quantity as a single integral

in space, facilitating its calculation.

Our motivation for this study is derived from the interest in obtaining estimates of the twist

in pre-eruptive solar configurations from the amount of writhing observed during an eruption.

At present, the twist cannot be obtained directly, since the magnetic field cannot be measured in

the coronal volume and since extrapolations from photospheric vector magnetograms are not yet

sufficiently reliable in practice, especially for volumes containing a filament (McClymont et al.

1997; Schrijver et al. 2008). Twist estimations based on the observations of pre-eruptive coronal

configurations are hampered with substantial uncertainties (see Section 4). The writhe of erupting

filaments, on the other hand, can be obtained with a reasonable accuracy if the filament displays

a coherent shape (Figure 1) and if observations from more than one viewing angle are available

(for example from the STEREO mission; Kaiser et al. 2008) or if the eruption is directed toward

the observer (Török et al. 2010). Although twist estimates from the writhe can only be obtained

in retrospect, they may facilitate systematic studies of this possibly critical parameter for CME

initiation and may be useful for comparison with other means of estimation.

2. Flux Rope Model and Numerical Setup

The GH model used in this study is given by

Bθ =
B0br

1 + b2r2
, Bz =

B0

1 + b2r2
(1)

and represents a uniformly twisted, force-free flux rope of infinite radial extent. The constant b is

related to the axial length of one field line turn, Λ, often referred to as the pitch, by b = 2π/Λ and,

at the same time, represents the inverse scale length of the radial field profile. Using the customary

form of the expression for the twist angle,

Φ(r) =
LBθ(r)

r Bz(r)
, (2)

a GH rope of length L has a twist of Φ = bL. This is related to the number of field line turns

T = L/Λ by Φ = 2πT . In our calculations we fix the scale b = π, so that the radial field profiles
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are identical in all simulations, and we vary the initial twist by varying the flux rope length.

The numerical set–up for the simulations is the same as in our previous studies of the kink and

torus instabilities (e.g., Török & Kliem 2005, 2007); for a detailed description see Török & Kliem

(2003). The compressible ideal MHD equations are integrated using the simplifying assumptions

of vanishing pressure and gravity on a discretized Cartesian box [−Lx, Lx] × [−Ly, Ly] × [0, Lz]

with uniform spacing ∆ = 0.04 and Lx = 8, Lz = 16. In order to take advantage of the z-axis line

symmetry inherent in the configurations considered, we orient the flux rope parallel to the y axis,

so that the integration need be carried out only in the “half box” {y > 0}. The flux rope length

equals the full box length 2Ly. Except for {y = 0}, where mirroring according to the z-axis line

symmetry is applied, the MHD variables are held fixed at their initial values at all boundaries (and

for consistency the velocity is kept at zero also one grid layer inside the boundaries). This models

line-tying at the ends of the rope, |y| = Ly.

We vary the initial twist, Φ0 = 2πLy, in the range (3–10.6)π by varying Ly in our series of

runs. Since the rope expands strongly and in different ways in the different runs (Figure 2), we

minimize the influence of the top and bottom boundaries by positioning the rope axis at appropriate

initial heights z = h0. See Table 1 for the values of Ly, Φ0, and h0 used in this investigation.

The initial density distribution is specified to be ρ0 = B
3/2

0
, such that the Alfvén velocity

decreases slowly with distance from the flux rope axis (which corresponds to the conditions in the

solar corona). The MHD variables are normalized by quantities derived from a characteristic length

of the initial equilibria, chosen to be Λ/2, and the initial magnetic field strength and Alfvén velocity

at the flux rope axis. All runs start with the fluid at rest. A small initial velocity perturbation

localized at the flux rope center is imposed in all runs (analogous to Török et al. 2004).

Ly Φ0 h0 W

1.48 3.0 π 4 0.96

2.24 4.5 π 4 0.97

3.00 6.0 π 4 1.01

3.76 7.5 π 6 1.04

4.48 9.0 π 8 1.79

5.28 10.6 π 10 1.76

Table 1: Parameters of the simulations. 2Ly–length of the flux rope; Φ0 = 2πLy–initial twist;

h0–initial z position of the rope axis; W–writhe (peak writhe for Φ0 ≥ 9π and final writhe for

Φ0 ≤ 7.5π).
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3. Results

Since the chosen initial twists in the series all exceed the KI threshold for the line tied GH

equilibrium of Φcr ≈ 2.5π (Hood & Priest 1981), all configurations are unstable. The helical nature

of the growing perturbation is clearly visible in the linear phase (the early phase of the instability

during which the exponentially growing amplitude of the axis displacement remains small; top two

rows in Figure 2). In the nonlinear phase (when the amplitude of the axis displacement becomes

large) the flux rope starts to expand strongly by the action of the hoop force, which comes into

play as soon as the flux rope develops some overall curvature between its line tied ends (bottom

two rows in Figure 2 and Section 4).

3.1. Flux rope axis evolution

We measure the growth of writhe at the axis of the flux rope using Equations (4)–(6) in Török

et al. (2010); see also Berger & Prior (2006). Note that flux surfaces away from the axis undergo a

smaller deformation, with less twist converted into writhe, but Figure 2 indicates that a substantial

cross section of the GH rope attains similar writhe. For our strongly twisted cases, the measure-

ments are reliable only until the perturbed flux surfaces start to approach the boundaries of the

box.

Figure 3(a) shows the development of writhe by the KI. The writhe grows exponentially in

the linear phase and then reaches saturation in the nonlinear phase of the instability. It can be seen

that the saturation level of the writhe does not scale linearly with the initial twist, which is different

from what one might intuitively expect.

The flux ropes with the smallest twist, Φ0 = 3π and 4.5π, exhibit a very similar behavior,

except for a significantly faster initial evolution of the run with Φ0 = 4.5π. The writhe saturates

at W ≈ 0.95 in both runs, corresponding to a converted twist of Φ ≈ 1.9π in the vicinity of

the flux rope axis. The morphological evolution and the resulting axis shapes are very similar

too (Figure 2). In both cases, the axis deforms into a one-turn helix. Figure 3(b) shows that

the evolution of writhe coincides well with the release of magnetic energy by the KI and the

displacement of the flux rope axis.

A somewhat different evolution takes place for Φ0 = 7.5π: the writhe first reaches a maximum

after the initial exponential growth phase, then decreases by ≈ 20 percent, but subsequently starts

to increase again slowly, reaching W ≈ 1.05 at the end of the simulation. Figure 3(b) shows that

the flux rope continues to rise (at a slower rate) after the writhe has reached its first maximum,

accompanied by ongoing magnetic energy release. The energy saturates when the writhe reaches

its temporary minimum. Some further release occurs later on in the evolution; this appears to be
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related to reconnection that occurs at outer flux surfaces when those approach the boundary of the

simulation box. The morphological evolution is somewhat different from the smaller-twist cases:

the axis shape obtained in the nonlinear phase of the instability is still dominated by a one-turn

helix, but it becomes internally helically deformed (see Figure 2). The decrease of the writhe

appears to be related to the reversal of the orientation of the flux rope legs in the vicinity of the

±Ly boundaries (see the second and fourth panel for Φ0 = 7.5 π in Figure 2), which occurs at the

same time as the writhe decrease. This is a consequence of the line-tying that would be absent in

infinitely extended flux ropes, and it implies a temporary increase of twist in the vicinity of the flux

rope axis. The subsequent increase of the writhe is most likely associated with the development of

the internal axis deformation, but may be related to some degree also to the reconnection mentioned

above.

The run with Φ0 = 6.0 π is an intermediate case: both the temporary decrease of the writhe

and the internal helical axis deformation are present but rather weak, and the writhe at the end of

the simulation (W ≈ 1.0) lies in between the corresponding values for the smaller-twist runs and

the run with Φ0 = 7.5π.

The cases with the largest twists (Φ0 = 9π and 10.6π) show a very different behavior. After

the fast initial rise, the writhe continues to grow at a much smaller rate until it reaches a maximum

of W ≈ 1.75− 1.8, after which it slowly decreases (the decrease is not visible for Φ0 = 9π in the

figure, since the evolution during the nonlinear phase is significantly slower than for Φ0 = 10.6π).

The flux rope axis now develops a helix with about two turns (see Figure 2 for Φ0 = 9 π). We

attribute the slow increase and decrease of the writhe to the complex morphological evolution of

the flux rope for large twists: the development of two expanding helices within the finite domain

forces approaching flux rope sections to give way to one another – an effect that is much less

pronounced in cases where only one helix develops. The decrease may be also a consequence of

the strongly expanding helices approaching the boundaries of the simulation box.

3.2. What determines the amount of twist converted into writhe?

From Figure 3(a) it is obvious that the conversion of twist into writhe depends on the initial

twist in a non-trivial manner. Figures 2 and 3 indicate that it is related to the number of helical turns

the rope axis develops in the course of the instability. This number depends on the wavelength of

the most unstable mode and on the range of unstable modes permitted by the finite length of the

rope. In the linear phase of the instability, the helical eigenmode with the highest growth rate

dominates the way the rope starts to deform. The finite length of the line tied rope modifies this

picture in the nonlinear phase.
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The growth rate as a function of axial wavelength for the GH equilibrium is shown in Figure 4

(from Linton et al. 1998). This plot is for the case of infinite axial but finite radial extent of the

rope, R = 3π/2b. Linton et al. (1998) find the peak growth rate and its location to be unchanged

for larger R (our x-z box sizes correspond to R ∼ 8π/b). The growth of the helical kink mode

peaks at the wavelength λ = 1.85Λ, meaning that the KI grows fastest at a writhe wavelength of

about twice the twist pitch. For our choice b = π we have 2Λ = 4. Therefore, for a double helix

to dominate in the linear phase, the required box length is 2Ly > 8, equivalent to a required twist

Φ = 2πLy > 8π.

Although this corresponds nicely to the jump of the final writhe in Figure 2 between twists

Φ0 = 7.5π and 9π, it does not actually explain the occurrence of a jump. From the stability analysis

we know that the most rapidly growing mode at λ ≈ 2Λ is permitted to occur as soon as the box

length satisfies 2Ly > 2Λ = 4. Therefore, for 2Ly > 2Λ = 4 non-integer values for the number

of turns of ≈ Ly/Λ can occur at the peak growth rate in the linear phase. This agrees with the

simulation results shown in the two upper rows of Figure 2. The dominant mode in this phase

exhibits a little more than one turn for Φ0 = 4.5π, nearly two turns for Φ0 = 7.5π and a little more

than two turns for Φ0 = 9π.

The jump in the writhe can only be understood from the nonlinear evolution of the instability.

This shows a clear tendency to develop an integer number of turns. As long as two axial wave-

lengths don’t fit into the box, the mode with a single turn dominates in this phase. Contributions of

the linearly most strongly growing mode, which then has a shorter wavelength, are clearly present

(most obviously for Φ0 = 7.5π), but no longer dominate. We attribute this result to the action of

the hoop force for kinking flux ropes of finite length. The line-tying leads to an axial dependence

of the displacement which is absent for infinitely extended ropes. For Φ0 ≤ 7.5π the displacement

is largest in the mid-plane {y = 0} of our symmetric simulations and tapers off toward the line

tied ends at y = ±Ly (see the two upper rows in Figure 2). An overall net bending of the rope in

the direction of the displacement in the mid-plane (which points along the z axis in all our sim-

ulations) results. This introduces a Lorentz self-force in the rope, known as hoop force, pointing

in the direction of the bending (Bateman 1978). The hoop force amplifies the perturbation of the

rope axis in the mid-plane above its purely KI-driven displacement, thus creating a one-turn helix

for Φ0 ≤ 7.5π. Such amplification occurs at a pair of symmetrically located displacements for

Φ0 ≥ 9π, creating a helix with two turns. We discuss the implications of this result for filament

eruptions in the following section.
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4. Discussion

We studied the conversion of twist into writhe in a simulation series of the KI in the GH

model, considering initial flux rope twists in the range 3.0 π ≤ Φ0 ≤ 10.6 π. We found in all cases

a saturation of writhe in the nonlinear phase of the instability, after an initial exponential increase

during the linear phase. However, the final writhe does not scale simply with the initial flux rope

twist. Rather, the amount of twist converted into writhe seems to be determined predominantly by

the number of helical turns the flux rope axis develops in the nonlinear phase.

For 3.0 π . Φ0 . 7.5 π, the rope axis develops a one-turn helix. For twists close to the

upper end of this range, internal helical deformations of the one-turn helix develop, due to helical

eigenmodes with wavelengths λ < 2Ly. However, the axis shape remains to be dominated by one

turn in the nonlinear phase of the instability. The resulting writhe is close to unity for all cases,

corresponding to a converted twist of ∼ 2 π in the vicinity of the flux rope axis. If the twist is

increased beyond this range, the rope axis develops more than one helical turn, and considerably

more twist is converted into writhe (∼ 3.5 π in our simulations with Φ0 = 9.0 π and Φ0 = 10.6 π).

We attributed the relatively similar writhe values obtained in each respective range, as well as

the pronounced increase of the writhe between them, to the action of the hoop force on line-tied,

kink-unstable flux ropes of finite length.

The basically discontinuous dependence of the final writhe upon the initial twist displayed in

Figure 3 essentially precludes a reasonable estimation of the initial twist from observations of the

writhe in solar filament eruptions and CMEs. The saturation levels of the writhe are very similar

for initial twists up to Φ0 ≈ 8π, requiring an accuracy of writhe determination for such an estimate

that cannot be reached in solar observations. Moreover, the final writhe, as any other property of

the KI, depends on the radial twist profile of the initial equilibrium. Therefore, a precise knowledge

of this profile, combined with a parametric simulation study like the one in Figures 2 and 3 for a

range of different profiles, would be required to permit a reliable estimate of twist. Further effects

of importance for the final writhe enter when arched flux rope equilibria are considered (see Török

et al. 2010), rendering a twist estimation from writhe observations even more difficult.

In order to compare our results with the KI in force-free equilibria with non-uniform radial

twist profile, we performed simulation series similar to the one presented here for the straight flux

rope model termed “Equilibrium 2” in Gerrard et al. (2001) and the arched flux rope model by Titov

& Démoulin (1999). Unfortunately, in all runs the flux rope axis was destroyed by reconnection at

current sheets before the writhe would clearly saturate (see Amari & Luciani 1999, Haynes et al.

2008, and Valori et al. 2010 for examples of such reconnection), so that these simulations cannot

be used for the purpose of this study.

However, our writhe measurements for the KI in the GH equilibrium provide at least a rough
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upper limit for the initial twist of erupting filaments. It is observed that kinking filaments typically

do not display more than one helical turn and hardly any significant internal helical deformation

of their axis. Combined with our simulations, this suggests that the initial twist typically does not

exceed values Φ0 ∼ 6π. This is supported by simulations of the KI in the Titov-Démoulin model,

which show strong internal helical deformations for twists above this value (see, e.g., Figure 1 in

Kliem et al. 2010 and Figure 12 in Török et al. 2010).

Occasionally, however, the Sun seems to succeed in building up higher twists. Several exam-

ples can be found in Vršnak et al. (1991), whose estimates of the end-to-end twist fall in the range

(3–15) π for a sample of prominences close to the time of eruption. A particularly clear indication

of very high twist (of ∼ 10π) was obtained by Romano et al. (2003) for a filament eruption on 19

July 2000 (Figure 1c). These estimations are based on measurements of the pitch angle of selected

helical prominence threads, which are then converted into twist assuming a uniform radial twist

profile both along and across the axis of the underlying flux rope. The latter assumption may be

a severe oversimplification, since force-free flux ropes embedded in potential field must generally

have a nonuniform radial twist profile in order to match the field at the surface of the rope (see, e.g.,

Figure 2 in Török et al. 2004). Still, the simulations presented here support the existence of such

a high twist at least for the case shown in Figure 1c, based on the strong bending in the lower part

of the filament legs (see also Figure 12b in Török et al. 2010, where a strongly nonuniform radial

twist profile was used). A further observed case of very high twist may have been an apparently

three-fold helix described in Gary & Moore (2004).

While these estimations remain uncertain to a considerable degree, we can ask how such

large twists, if present, may be produced in the solar corona. It is widely believed that twist is

accumulated prior to an eruption by flux emergence (e.g., Leka et al. 1996), photospheric vortex

flows (e.g., Romano et al. 2005), or the slow transformation of a sheared magnetic arcade into

a flux rope (e.g., Moore et al. 2001; Aulanier et al. 2010). It has been argued that flux ropes

that form by one or more of these mechanisms will become kink-unstable long before the large

twists mentioned above can be reached. While this is likely true for the majority of cases, several

scenarios for the build-up of large twists appear to plausible. First, the KI threshold can vary in

a wide range as a function of the thickness of the rope (e.g., Hood & Priest 1979; Baty 2001;

Török et al. 2004), so sufficiently thin flux ropes may be able to harbor large twist in a stable state.

Second, sufficiently flat highly twisted flux ropes may be stabilized by strong ambient shear fields

(Török et al. 2010), or by gravity if they contain sufficient filament material. Third, significant

twist may be added by reconnection to the rising flux in the course of an eruption (e.g., Qiu et al.

2007). Finally, flux ropes may reconnect and merge prior to an eruption, thereby adding up their

respective twists (e.g., Pevtsov et al. 1996; Canfield & Reardon 1998; Schmieder et al. 2004; van

Ballegooijen 2004).
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Fig. 1.— Erupting and writhing solar filaments observed in extreme ultraviolet (EUV) wave-

lengths. a): A full eruption (evolving into a CME) on 18 January 2000, observed in 304 Å by the

EIT telescope onboard the SOHO spacecraft. b): A confined eruption (trapped in the low corona)

on 27 May 2002, observed in 195 Å by the TRACE satellite. c): An eruption, which most likely

remained confined, on 19 July 2000, observed in 171 Å by TRACE.
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Fig. 2.— Helical deformation of the kink-unstable Gold-Hoyle flux rope. Magnetic field lines start

at circles of radius R centered at the axis endpoints, (0,±Ly, h0). The full box range in y direction,

−Ly ≤ y ≤ Ly, is shown in all panels. Endpoint locations are the same for each column, while

the x and z ranges are changed to account for the expansion of the flux rope. The two upper rows

show flux surfaces with R = 0.1 during or shortly after the linear phase of the instability in a side

view and a top view, respectively. The range h0 − 2 ≤ z ≤ h0 + 2 is displayed in the side views

and −Ly ≤ x ≤ Ly in the top views. The two lower rows show flux surfaces with R = 0.05 at

the end, or toward the end, of the simulations in the same views, using the vertical ranges [2, 10],

[2, 10], [4, 14], and [0, 14] (from left to right) in the side views and −Ly ≤ x ≤ Ly in the top views.

Simulation times and the value of writhe are shown in the top view panels for all cases.
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Fig. 3.— (a): Development of writhe by the KI of the GH flux rope for different values of the

initial twist. (b): Writhe (diamonds), vertical displacement of the flux rope axis from its initial

position on the z axis (dash-dotted lines; scaled to fit into the plot), and total magnetic energy

(dashed lines; normalized to initial value) for Φ0 = 4.5 π (red) and Φ0 = 7.5 π (green).
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Fig. 4.— Helical kink instability growth rates ω vs. axial wavelength Λ/λ for the Gold-Hoyle equi-

librium of infinite axial but finite radial extent of R = 3π/2b (from Linton et al., 1998; c©AAS.

Reproduced with permission). b = Bθ/(rBz) is the twist per unit length and vA is the initial Alfvén

velocity at the flux rope axis.
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ABSTRACT

We present results from three-dimensional visco-resistive magnetohydrodynamic simulations of the emergence of
a convection zone magnetic flux tube into a solar atmosphere containing a pre-existing dipole coronal field, which
is orientated to minimize reconnection with the emerging field. We observe that the emergence process is capable
of producing a coronal flux rope by the transfer of twist from the convection zone, as found in previous simulations.
We find that this flux rope is stable, with no evidence of a fast rise, and that its ultimate height in the corona is
determined by the strength of the pre-existing dipole field. We also find that although the electric currents in the
initial convection zone flux tube are almost perfectly neutralized, the resultant coronal flux rope carries a significant
net current. These results suggest that flux tube emergence is capable of creating non-current-neutralized stable
flux ropes in the corona, tethered by overlying potential fields, a magnetic configuration that is believed to be the
source of coronal mass ejections.

Key words: magnetohydrodynamics (MHD) – Sun: coronal mass ejections (CMEs) – Sun: magnetic fields

Online-only material: color figures

1. INTRODUCTION

Coronal mass ejections (CMEs) are a primary source of space
weather and almost all theoretical models of CMEs require the
presence or formation of a coronal magnetic flux rope (e.g.,
Forbes 2000). There exists observational evidence that many
CMEs, particularly those originating from quiet Sun regions,
are composed of a bright core associated with an erupting
prominence and a relatively dark cavity that is associated with
a magnetic flux rope (e.g., Gibson & Fan 2006). Moreover,
a magnetic flux rope geometry has been fit to coronagraphic
observations of propagating CMEs (e.g., Vourlidas et al. 2013).
In addition, there is also growing evidence that these flux ropes
are formed before the eruption. This evidence exists for both
quiet Sun regions (Robbrecht et al. 2009; Vourlidas et al. 2013)
and active regions (e.g., Green & Kliem 2009; Green et al.
2011; Patsourakos et al. 2013). Although identification of flux
rope magnetic geometry is more difficult for active regions than
for the quiet Sun due to differences in size and complexity,
the existence of active region flux ropes has been supported by
recent non-linear force free extrapolations (e.g., Canou & Amari
2010; Guo et al. 2010; Yelles Chaouche et al. 2012).

It has long been postulated that the source of the magnetic
field in the corona is a magnetic field in the deep convection
zone, created by dynamo action (Parker 1979), and that the
process by which this field arrives in the corona is the buoyant
rise of twisted flux tubes to the surface and their subsequent
emergence. The partial emergence of twisted flux tubes into the
solar atmosphere has been extensively studied and a review by
Archontis (2008) summarizes the various types of theoretical
investigations. Early three-dimensional (3D) simulations found
that an emerging sub-surface flux tube does not rise bodily into
the corona, but that only the upper portion of the tube emerges,
while the tube axis remains near the solar surface (Fan 2001;
Magara 2001; Archontis et al. 2004; Murray et al. 2006). More
recent simulations found that a new flux rope structure forms in
the corona within the partially emerged flux tube and that this

flux rope rises slowly in the corona (Manchester et al. 2004;
Fan 2009). Archontis & Török (2008) and Archontis & Hood
(2012) demonstrated that the rise of the flux rope came to a
halt, due to the stabilizing magnetic tension of the surrounding
(envelope) flux tube field. Fan (2009) associated the coronal flux
rope formation mechanism with the transfer of twist from the
convection zone, while Manchester et al. (2004) suggested that
the mechanism is due to the reconnection of sheared magnetic
fields. By imposing a pre-existing strong horizontal field in the
corona, Archontis et al. (2006) found that reconnection between
the emerging flux tube and the coronal field can create horizontal
jets and plasmoids at relatively low heights in the corona. Later
simulations also found that favorably orientated and sufficiently
weak horizontal fields can remove part of the envelope field
constraining the newly formed flux rope, allowing a strong
upward acceleration of the rope resembling eruptive behavior
(Archontis & Török 2008; Archontis & Hood 2012).

In this paper, we focus on the formation of stable coronal flux
ropes as a result of flux emergence. Creating such configurations
is an important step in improving initial equilibrium magnetic
field configurations for models of CMEs. A primary example of
a pre-eruption configuration is the flux rope model of Titov &
Démoulin (1999, hereafter the TD model), in which a coronal
flux rope is confined by an overlying potential field. This model
has been successfully applied as the initial condition of a number
of CME simulations (Roussev et al. 2003; Török & Kliem 2005;
Manchester et al. 2008). A specific property of the TD model is
that the coronal flux rope carries a net current, since there is no
return current in the configuration (see Török et al. 2013 for a
detailed discussion of return currents in active regions).

Our aim in this paper is to use numerical magnetohydrody-
namic (MHD) simulations to investigate how flux emergence
from the convection zone into the solar atmosphere can create
a stable coronal flux rope with a net current that is confined by
an overlying magnetic field. To do this, we model the partial
emergence of a buoyant convection zone twisted flux tube into a
pre-existing dipole coronal magnetic field, the strength of which
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we vary. The coronal dipole field is intended to represent the
remnant field of an old, dispersed active region, into which a
new magnetic field emerges. This simulation of flux emergence
into a pre-existing dipole follows a paradigm similar to that
of the simulation presented in MacTaggart (2011). That study
focused on reconnection between the emerging field and the
pre-existing field in the corona, whereas in this study we focus
on the formation and stability of a coronal flux rope formed
within the emerging field. In addition, for reference, we also
model flux emergence into a field-free corona, to compare with
the simulations of Archontis & Hood (2012) and Manchester
et al. (2004).

In Section 2, the model is described. The results are presented
in Section 3 and the consequences of these simulations for the
theory of coronal flux rope formation and CME initiation are
discussed in Section 4.

2. NUMERICAL METHOD

2.1. Equations

The evolution of a magnetic field in a plasma domain that
includes the upper layers of the solar convection zone plus
a photosphere/chromosphere, transition region, and corona is
modeled using the visco-resistive MHD Lagrangian-remap code
Lare3D (Arber et al. 2001). The equations solved by Lare3D are
presented here in Lagrangian form:

Dρ

Dt
= −ρ∇ · v, (1)

Dv

Dt
= − 1

ρ
[∇P + j × B + ρg + ∇ · S] , (2)

DB

Dt
= (B · ∇)v − B(∇ · v) − ∇ ∧ (ηj), (3)

Dǫ

Dt
= 1

ρ

[

− P∇ · v + ςijSij + ηj 2
]

. (4)

Here, ρ is the mass density, v is the velocity, B is the magnetic
field, and ǫ is the specific energy density. The current density
is given by j = ∇ × B/μ0, where μ0 is the permeability of
free space and the resistivity η = 14.6 Ωm. The gravitational
acceleration is denoted by g and is set to the gravity at the
mean solar surface (gsun = −274 ms−2ẑ). S is the stress
tensor that has components Sij = ν(ςij − (1/3)δij∇ · v), with
ςij = (1/2)((∂vi/∂xj ) + (∂vj/∂xi)). The viscosity ν is set to
3.35 × 103 kg m−1 s−1 and δij is the Kronecker delta function.
Assuming an ideal gas law, the gas pressure, P, and the specific
internal energy density, ǫ, are

P = ρkBT/μm, (5)

ǫ = kBT

μm(γ − 1)
, (6)

respectively, where kB is Boltzmann’s constant and γ is 5/3.
The reduced mass, μm, is given by μm = mf mp, where mp is
the mass of a proton and mf = 1.25 is a pre-factor designed
to include the effect of elements heavier than hydrogen. In this
study, as in many previous simulations of flux emergence, we
assume that the plasma is fully ionized and so the reduced mass

is spatially independent. In the partially ionized plasma of the
Sun, the reduced mass changes as the ionization changes, as
discussed in Leake & Linton (2013). In this study, however,
we use the average value of μm = mf mp, which was shown
in Leake & Linton (2013) to give the best constant-μm match
to one-dimensional (1D) models of the solar atmosphere that
include partial ionization effects (e.g., Vernazza et al. 1981;
Fontenla et al. 2006). The plasma variables ǫ and ρ are defined
at cell centers. The magnetic field is defined at cell faces and the
velocity is defined at cell vertices. The staggered grid preserves
∇ · B during the simulation.

2.2. Normalization

The equations are non-dimensionalized by dividing each
variable (C) by its normalizing value (C0). The set of equations
requires a choice of three normalizing values. We choose
normalizing values for the length (L0 = 1.7×105 m), magnetic
field (B0 = 0.12 T), and gravitational acceleration (g0 =
gsun = 274 m s−2). From these values, the normalizing values
for the gas pressure (P0 = B2

0/μ0 = 1.14 × 104 Pa), density
(ρ0 = B2

0/(μ0 L0g0) = 2.46 × 10−4 kg m−3), velocity (v0 =√
L0g0 = 6.82 × 103 m s−1), time (t0 =

√
L0/g0 =24.9 s),

temperature (T0 = mp L0g0/kB = 5.64 × 103 K), current
density (j0 = B0/(μ0 L0) = 0.56 Am2), viscosity (ν0 =
B2

0

√
L0/g0/μ0 = 2.85×105 kg m−2 s−1), and resistivity (η0 =

μ0 L
3/2
0 g

1/2
0 = 1.46×103

Ωm) can be derived. With these values
of normalization and the values of ν and η given above, the
Reynolds number Re = (ρ0 L0v0)/ν and magnetic Reynolds
number Rm = (μ0 L0v0)/η in this simulation are both 100. The
value of resistivity used in this simulation (0.01η0 = 14.6 Ωm),
although comparable to upper estimates of the resistivity in
the lower chromosphere, is much larger than typical values in
the corona. We use this large value to ensure that the explicit
resistivity is larger than the numerical value for the scheme
used in regions where electric current densities build up. The
normalized numerical resistivity is v̂A∆̂

2
x/L̂, where ∆̂x is the

normalized grid size, v̂A is the normalized local Alfvén speed,
and L̂ is a typical normalized length scale over which the
magnetic field varies (Arber et al. 2007). In regions of increased
current density, we find ∆̂x = 0.66, v̂A = 0.05, and L̂ = 5,
which give a value for the normalized numerical resistivity of
η/η0 = 0.0044.

2.3. Numerical Domain

The simulations use an irregular Cartesian grid with 304 cells
in each direction. In the vertical direction, z, the grid extends
from −30 L0 to 210.45 L0 with a resolution of 0.428 L0 at
the bottom boundary and 1.99 L0 at the top boundary. In the
horizontal directions, x and y, the grid is centered on 0 and has
side boundaries at ±126.85 L0. The resolution at x = y = 0
is 0.658 L0 and the resolution at the side boundaries is 2.61 L0.
This irregular grid has the following form:

x, y = ±
[

(1 + fh)χh + fhw ln

(

cosh(χh−Lh

w
)

cosh(−Lh

w
)

)]

(7)

z = − 30 L0 +

[

(1 + fv)χv + fvw ln

(

cosh(χv−Lv

w
)

cosh(−Lv

w
)

)]

, (8)

where χh = [0, 1, 2..., 152]100 L0/152, χv = [0, 1, 2, ..., 304]
130 L0/304, fh = 2.1, fv = 1.83, Lh = 95 L0, Lv = 100 L0,
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and w = 10 L0. We also perform one additional simulation
(called ND1), which has a higher top boundary at 270 L0, with
fv = 2.83.

At the boundaries, all components of the velocity and the
gradients of magnetic field, gas density, and specific energy
density are set to zero. The resistivity is smoothly decreased to
zero close to the side boundary to reduce the diffusion of the
magnetic field at the boundary to its numerical value and ensure
line-tied boundary conditions as much as possible:

η = 0.01

[

tanh(−
(rη − Lη)

wη

) + 1

]

η0

2
, (9)

where rη =
√

x2 + y2, Lη = 100 L0, and wη = 5 L0. In
addition, a damping region is applied to the velocity at all four
side boundaries and the top boundary. For a given coordinate
(κ = x, y, z), the velocity Equation (2) has an additional term
when |κ| > κd :

Dv

Dt
= −

1

ρ
[∇P + j ∧ B + ρg + ∇ · S] − Nv, (10)

with xd = yd = 96 L0 and zd = 170 L0 (simulation ND1 has
zd1 = 254 L0). The parameter N is designed to increase linearly
from 0 at κd to 1 at the boundary: N = (|κ|−κd )/(max |κ|−κd ).
This approach is used to prevent any reflected waves from
interfering with the solution in the interior.

2.4. Initial Conditions

The initial conditions consist of a hydrostatic background
atmosphere that represents the upper solar convection zone
(−30 L0 � z < 0), the photosphere/chromosphere (0 � z <
10 L0), the transition region (10 L0 � z < 20 L0), and the
corona (20 L0 � z). The transition region in this model is thicker
than a typical width derived from semi-implicit models of the
Sun, which compare the observed spectrum of the Sun with
radiative transfer calculations (e.g., Fontenla et al. 2006). In
those studies, the typical width is about 0.1 Mm (≈L0). As
in previous simulations of flux emergence (see the review by
Archontis 2008), we use a thicker transition region of 1.7 Mm.
This artificial increase of the transition region is required to
resolve the large changes in density and temperature that occur
across this region for the given spatial resolution that is limited
by the large total simulation domain and computational costs.
A magnetic field is imposed on this background atmosphere.
This field consists of a background dipole field that permeates
the entire domain and a localized twisted flux tube in the
model convection zone. The flux tube’s pressure and density
are perturbed to initiate its buoyant rise into the model solar
atmosphere. The initial conditions are shown in Figures 1 and 2.

The initial hydrostatic atmosphere is created by first defining
the temperature:

dT

dz
= a

(

dT

dz

)

ad

= −γ − 1

γ

T0

L0
, z � 0, (11)

T (z) = Tph, 0 < z < 10 L0, (12)

T (z) = T (z−10 L0)/10 L0
cor , 10 L0 � z < 20 L0, (13)

T (z) = Tcor, z � 20 L0, (14)
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Figure 1. Initial 1D configuration (along x = y = 0) for part of the vertical
domain. The ordinate represents normalized plasma variables (C/C0 for a given
variable C) and the abscissa represents height. The black solid line shows the
temperature. The black dashed line shows gas pressure P. The red, green, and
blue lines show the plasma β for the three simulations SD, MD, and WD,
respectively. These three simulations have decreasing dipole field strengths.

(A color version of this figure is available in the online journal.)

where Tph = T0 and Tcor = 150 T0. The pre-factor a = 1
in Equation (11) ensures that the model convection zone
is marginally stable to convective instability by setting the
temperature gradient to its adiabatic value dT /dz = (dT /dz)ad
(Stix 2004). The gas density profile is then obtained by solving
the hydrostatic equilibrium equation ∂P/∂z = −ρg and using
the ideal gas law and the condition that ρ(z = 0) = ρ0.

The dipole field is translationally invariant along y, the tube’s
axial direction, and is given by B = ∇ × A, where A = Ayey

and
Ay(x, z) = Bd

z − zd

r3
1

, (15)

with r1 =
√

x2 + (z − zd )2 being the distance from the source.
We choose zd to be −100 L0 so that the initial sub-surface
flux tube is far from the source of the dipole field. To cover
various dipole strengths, we perform three simulations, each
with a different value of Bd. Simulations SD (strong dipole),
MD (medium dipole), and WD (weak dipole) have values Bd =
[10, 7.5, 5] × 103Bd0, where Bd0 = B0 L0

2 = 3.76 × 109 Tm2,
respectively. This gives a maximum magnetic field strength at
the surface (z = 0) of [2.6, 1.95, 1.3] × 10−3 T, respectively.
These choices of dipole strength allow for a range in the plasma
β profile, as shown in Figure 1, where β = P/(|B|2/μ0).
These profiles are consistent with the models of β in the solar
atmosphere developed by Gary & Alexander (1999) and Gary
(2001). Simulations no dipole (ND) and ND1 have no pre-
existing dipole field.

A right-hand twisted magnetic flux tube is inserted at x =
0, z = zt = −12 L0, aligned along the y axis, and is given by

By = Bte
−r2/R2

, (16)

Bθ = qrBy, (17)
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(a) (b)

Figure 2. Initial 3D configuration for simulation SD. Panel (a) shows the initial sub-surface flux tube and the dipole field, represented by the black field lines that
originate from a line along y = 0 on the bottom boundary. Panel (b) shows a magnified slice of the horizontal field Bx in the y = 0 plane as a color shading and a
projection onto the y = 0 plane of the field lines of the dipole.

(A color version of this figure is available in the online journal.)

where r =
√

(x2 + (z − zt )2). The width of the tube is R =
2.5 L0 and the strength at r = 0 is Bt = 5B0. The twist
parameter is q = 1/R. Figure 2 shows some selected magnetic
field lines from the initial configuration. The superposition
of the flux tube and the dipole field is shown in Figure 2
(panel (b)). The conventional wisdom of active region formation
is that large-scale Ω-shaped flux tubes, which are anchored well
below the visible surface, extend through the surface and into the
corona. Hence, the initial flux tube used here, which is initially
horizontal and line tied at the side boundaries, is not a very
realistic initial condition. However, by perturbing the density
in the initial flux tube in a certain way, an Ω-shaped tube can
be created. The convection zone flux tube is made buoyant at
the center y = 0 and is neutrally buoyant at its ends at the y
boundaries. This is done by perturbing the background density
ρ0(z) and background specific energy density ǫ0(z) to

ρ(r, z) = ρ0(z)

(

1 +
p1(r)

p0(z)
e−

y

λ

2
)

and (18)

ǫ(r, z) =
(p0(z) + p1(r))

ρ(γ − 1)
, (19)

where λ = 10 L0, p0(z) is the original pressure profile, and p1(r)
is determined by solving ∇p1(r) = j × B(r) for the flux tube’s
field. As will be shown later, this creates sub-photospheric “legs”
of the emerging tube that have a significant vertical component.
To optimize the confining effect of the dipole field, the direction
of the dipole field is chosen so that it is aligned with the field
lines in the top edge of the flux tube, i.e., Bx,dip > 0.

It is worth making a point here regarding the use of the
phrases “flux tube” and “flux rope.” In previous studies of flux
emergence, “flux tube” has been used to describe the sub-surface
initial magnetic field configuration and “flux rope” has been used
to describe the presence of a collection of field lines wrapped
around a central field line we designate as the axis. In that
sense, the original sub-surface flux tube is also a flux rope. In
this paper, we adopt the previously accepted practice of calling
the original sub-surface field configuration a “flux tube” and the
twisted coronal structure that is formed during the emergence
process a “flux rope.”

3. RESULTS

3.1. Partial Emergence of a Sub-surface Flux Tube

The partial emergence of a sub-surface flux tube into the
solar atmosphere has been studied and commented upon in a
number of previous studies (Fan 2001; Archontis et al. 2004;
Manchester et al. 2004; Murray & Hood 2008; MacTaggart
& Hood 2009) and we direct the reader to those studies
for a more detailed description. The salient points are these:
the flux tube rises buoyantly until it reaches the convectively
stable photosphere/chromosphere, where it temporarily halts
and undergoes a large amount of horizontal expansion. Then,
the upper portions of the deformed tube emerge via the magnetic
buoyancy instability (Acheson 1979) through the photosphere/
chromosphere, transition region, and into the corona.

The emergence through the surface of the rising flux tube
in simulation SD is shown in Figure 3. Note that the boundary
conditions employed here allow the same field lines to be tracked
throughout the simulation to a good approximation by using the
same seed point on the side (y = ± max(y)) boundary. Unless
stated otherwise, the same field lines are drawn for each panel
in a given figure. The black line in Figure 3 is the field line that
intersects the side (y = ± max y) boundaries at the location of
the original convection zone tube axis (note that at this early
stage this is one single field line).

As shown in Figure 3, panel (a), the upper field lines of the
flux tube at t = 35 t0 have penetrated the surface (z = 0) from
below. These field lines have a high tilt relative to the axis of
the tube (the y axis) and they create a bipolar structure on the
surface with a neutral line parallel to the axis of the tube. As time
progresses, field lines emerge with less tilt, i.e., more aligned
with the axis of the flux tube. This creates an apparent shearing
of the bipole, as shown in Figure 3, panels (e) and (f), and the
two polarity regions drift apart. This behavior is representative
of the observed evolution of emerging active regions (Luoni
et al. 2011). The emerging field pushes the pre-existing dipole
field both vertically and horizontally. These upper field lines of
the flux tube are nearly parallel to the pre-existing dipole field
and so this minimizes the amount of reconnection between the
two flux systems.
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(a) (b) (c)

(d) (e) (f)

Figure 3. Early emergence of a convection zone magnetic flux tube into the solar atmosphere for simulation SD at times 35 t0 (panels (a) and (d)), 45 t0 (panels (b)
and (e)), and 50 t0 (panels (c) and (f)). The black line originates from the location of the original flux tube axis on the side (y = ± max y) boundaries. The colored
lines originate from a circle on both the side boundaries centered on this axis. The gray lines originate at the lower boundary and belong to the dipole field. The color
shading slice shows the vertical magnetic field Bz at the surface (z = 0). This figure illustrates that the apparent shearing of the bipolar structure is associated with the
emergence of the flux tube’s axis and the magnetic field that is more aligned with this axis.

(A color version of this figure is available in the online journal.)

(a)

(d) (e) (f)

(b) (c)

Figure 4. Partial emergence of the convection zone flux tube for simulation SD at times 50 t0 (panels (a) and (d)), 55 t0 (panels (b) and (e)), and 60 t0 (panels (c) and
(f)). The field lines shown are the same as in Figure 3. The color shading of the vertical magnetic field at the surface has been saturated to highlight the neutral line
(which is located in white regions between red and blue regions). Above the flux tube axis (black line), the field lines are concave down and are able to drain mass and
continue to rise. Below the axis, the field lines are concave up and are unable to drain mass and hence remain near the surface. Consequentially, only the upper part of
the flux tube emerges into the corona.

(A color version of this figure is available in the online journal.)

Figure 4 shows the same field lines at later times, but
with the color shading of Bz at the surface now saturated to
highlight the neutral line (which appears white between red and
blue). The sections of the field lines that cross above the axis of

the flux tube (black line) are concave down. These sections of
field lines are able to rise further as they drain mass. Beneath the
emerged axis field line, the sections of the field lines are concave
up. These sections carry mass that cannot be drained and are
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(a) (b)

(c) (d)

Figure 5. Rotation of sunspots and the formation of a coronal flux rope at times t = 80, 100, 120, and 140 t0. The color shading shows the vertical component of the
magnetic field in the z = 0 plane. The arrows represent horizontal velocities perpendicular to the magnetic field in the z = 0 plane and are scaled by magnitude. The
black and purple field lines originate at ± max y, respectively, at the intersection of the original convection zone tube axis and the side boundaries. The yellow lines
originate at the lower boundary and belong to the dipole field. The velocity vectors show a strong shearing component, but also suggest a rotational motion near the
center of each polarity region. A new flux rope axis can be defined at the location of the O-point in the y = 0 plane when the black and purple field lines separate. This
new axis field line is shown as the green field line.

(A color version of this figure is available in the online journal.)

therefore unable to rise further into the atmosphere, as originally
found in the simulations of Fan (2001) and Manchester et al.
(2004). As a result, the original flux tube emerges only partially:
the sections of the field that are concave down can expand into
the corona, while the sections beneath the axis that are concave
up remain trapped near the surface. At t = 60 t0, the original
flux tube axis has emerged to 3 L0 above the surface and there
is an O-point above the surface in the y = 0 plane that this axis
goes through. Previous authors have reported on the location of
the original flux tube axis and found that for similar flux tube
parameters as those used in this paper, the flux tube axis remains
close to or below the surface, typically less than 3 L0 above the
surface (Magara 2001; Murray et al. 2006; Fan 2001). However,
these simulations do not explore the later evolution of the flux
tube axis. As we shall show, the original axis of the convection
zone flux tube splits into two new field lines and these new field
lines twist around a new coronal flux rope axis.

3.2. Formation of a Coronal Flux Rope

Figures 5 and 6 show the active region for simulation SD
at times [80, 100, 120, 140] t0. The color shading shows the
vertical component of the magnetic field in the z = 0 plane.

Figure 5 also shows the horizontal velocities perpendicular to
the magnetic field on the z = 0 plane as vectors, which excludes
flows caused merely by plasma draining along field lines. Also
shown in Figures 5 and 6 are selected field lines. The yellow field
lines are the dipole field and originate at the lower boundary.
The black and purple field lines are line tied at and originate
from, the y = ± max y boundaries, respectively, at the location
of the original flux tube axis. These two field lines are coincident
early in the simulation and pass through the O-point located in
the y = 0 plane just above the surface as the original flux tube
partially emerges. As can be seen in Figures 5 and 6, these two
field lines, which were once the same, separate (perhaps due
to magnetic diffusion) and appear to twist about each other as
time progresses. They also rise higher into the corona as they
do so.

It should be noted that due to a non-zero value of resistivity,
the tracking of field lines cannot be exact (even with zero
resistivity, there is some numerical diffusion to the scheme
used to solve the induction equation). We have performed an
additional simulation with ideal η = 0 and found that this
splitting of the original axis field line also occurs, which suggests
it may be independent of the choice of resistivity used.
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(a) (b)

(c) (d)

Figure 6. Same as Figure 5 but from a different viewpoint. In addition, blue
iso-surfaces of j � 0.035 j0 are plotted for z � 5 L0.

(A color version of this figure is available in the online journal.)

Figure 7 shows the (x, y) locations of the intersection of the
two former axial field lines with the surface (z = 0) at different
times in simulation SD. The black diamonds (purple stars)
represent locations for the black (purple) field line in Figure 5.
The locations are taken relative to the center of the polarity
region, which we define as the (x, y) location where the field
line that goes through the central O-point in the corona (the green
line in Figure 5) intersects the surface. The results from both
active regions are superimposed onto one single plot. Figure 7
shows a partial rotational motion of these locations around the
center of each polarity region, with the same sign of rotation for
each polarity region. A rotational motion is also suggested from
the vectors of horizontal velocity perpendicular to the magnetic
field in Figure 5. These motions reflect the transport of twist
from the convection zone into the corona (see below). Since the
green field line in Figure 5 passes through the O-point without
exhibiting significant writhe, it can be considered as a good
approximation of the axis of the successively forming coronal
flux rope.

Previous simulations have suggested two different mecha-
nisms for the formation of a coronal flux rope during magnetic
flux emergence. Magara (2006) and Fan (2009) suggested that
rotational motions, brought about by an equilibration of twist
along emerging field lines, can twist up the coronal sections
of field lines to create a new flux rope. On the other hand,
Manchester et al. (2004), Archontis & Török (2008), and
Archontis & Hood (2012) suggested that the reconnection of
emerged sections of sheared field lines can create twisted field
lines, resulting in a flux rope structure in the corona. We now
briefly discuss these two mechanisms.

Figure 8 shows simulation SD at times t = 50 t0, t = 100 t0,
and t = 200 t0. To give a sense of the local twist per unit
length, the field lines are colored with the quantity αL0 =
μ0L0j·B/|B|2. As the upper part of the flux tube emerges into the
atmosphere, the field lines expand into the low-β atmosphere,
increasing their length. As α is related to the twist per unit length

Figure 7. (x, y) locations of the intersection of the two axial field lines (black
and purple field lines in Figure 5) with the surface (z = 0), at different times
(t/t0) in simulation SD. The black diamonds are for the black field line and
the purple stars are for the purple field line. The locations are taken relative to
the center of the polarity region, which is defined as the (x, y) location where
the field line that goes through the central O-point in the corona (the green line
in Figure 5) intersects the surface. The results from both polarity regions are
superimposed to make one plot. Hence, the points in the top half (y − yc > 0)
are from the intersection of the black and purple field lines with the surface in
the polarity region in the y > 0 domain and the points in the bottom half are
from the polarity region in the y < 0 domain.

(A color version of this figure is available in the online journal.)

and the tube expands faster than the twist propagates upward,
this creates a gradient in α along the expanding field line. Such
a gradient was also observed in the simulations of Fan (2009)
and discussed in Longcope & Welsch (2000). A gradient in
twist along a section of a flux tube will drive torsional Alfvén
waves that equilibrate this twist. Figure 9 shows the quantity
α at times t = 100 t0 and t = 200 t0 as a function of height
along a portion of the purple field line from Figures 5 and 6 as it
penetrates the surface and passes into the corona. The magnitude
of the gradient of α around z = 0 clearly decreases with time,
indicating that the twist is equilibrating along this section of
the flux tube. Magara (2006) and Fan (2009) suggested that the
torsional motions brought about by this process are capable of
causing sunspot rotation that twists up the magnetic field in the
corona. This idea is also supported by recent observations of the
formation of active regions that suggest that sunspot rotation
can be attributed to the emergence of twisted magnetic fields
(Kumar et al. 2013).

It has also been suggested that magnetic reconnection is
responsible for the formation of coronal flux ropes, by a process
similar to what has been suggested based on observations of
photospheric flux cancellation (van Ballegooijen & Martens
1989). In flux emergence simulations, the reconnection is
driven by a combination of shearing flows, caused by Lorentz
forces in the expanding field and inflows caused by pressure
gradients (Manchester et al. 2004; Archontis & Török 2008;
Archontis & Hood 2012). However, we see no direct evidence
of magnetic reconnection, such as an X-point, outflow jets, or
curved reconnecting field, underneath the flux rope axis in the
simulations described in this paper. This may be due to the
combined effects of (1) the limited expansion of the emerging
field in the corona due to the presence of the dipole field (which
may suppress the amplification of reconnection below the flux
rope to a level at which it does not produce noticeable outflow
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(a) (b) (c)

Figure 8. Twist along field lines at times t = 50 t0, t = 100 t0, and t = 200 t0 for simulation SD. Red–white–blue field lines are colored with α L0 = μ0 L0j · B/|B|2

and originate from both side (y = ± min y) boundaries. The solid yellow field lines originate at the base of the domain and belong to the magnetic dipole field. This
figure demonstrates how the emergence of field into the corona causes a gradient in twist along a field line as it goes from the convection zone into the corona.

(A color version of this figure is available in the online journal.)

Figure 9. αL0 as a function of z along a field line at two different times in the
simulation SD, t = 100 t0 and t = 200 t0. The field line is the same for both
times and originates at the location of the original convection zone flux tube
axis on the y = min y boundary (the purple field line in Figures 5 and 6). After
t = 80 t0, this field line splits from the axis of the flux tube and expands into
the corona. A decrease in the gradient in α between z = −5 L0 and z = 0 can
be seen from time 100 t0 to 200 t0. The original value of α along this field line
at t = 0 is 0.76/L0.

velocities) and (2) the relatively high resistivity used here, which
may suppress the build up of a steep current layer. We also
see no direct evidence for reconnection in the simulation with
η = 0, which suggests that the confinement by the dipole field
in our simulations, rather than the relatively high resistivity,
is the reason that magnetic reconnection beneath the flux rope
axis is suppressed. We conclude that the formation process in
our simulations is primarily due to the rotation of the polarity
regions and the twisting of the field.

Figure 6 also shows an iso-surface of current density above
0.03 j0 in the region above z = 5 L0 to highlight the current
distribution below the flux rope. At t = 80 t0, the current
density is larger above the two regions of concentrated opposite
polarity vertical magnetic field than above the center of the
bipolar region. After t = 80 t0, there is an increase in current
density in the center. The predominant shape of the current sheet
when viewed from above is of two distorted J-shapes that merge
later to form one S-shape, a process that has been reported in
previous flux emergence simulations (Fan 2009; Archontis &

(a) (b)

(c) (d)

Figure 10. Same as Figure 6 but later in time.

(A color version of this figure is available in the online journal.)

Hood 2012). Recent extreme ultraviolet observations of active
regions have shown that high temperature (6 MK), J-shaped
loops exist before the formation of coronal flux ropes (Liu et al.
2010) and that these J-structures combine to form a single S-
shaped structure when the flux rope is formed (e.g., McKenzie
& Canfield 2008; Aulanier et al. 2010). Such S-shaped sigmoid
structures have been observed as precursors to CMEs (Sterling
2000).

Figure 10 shows the later evolution of simulation SD. The
rotation of the two opposite polarity regions decreases after
t = 180 t0, but there is still significant twisting of the field
lines that extend into the corona. The field lines that defined
the original convection zone flux tube’s axis (black and purple)
both wrap around the new flux rope axis in the corona. They
also have a pinched U-shape at the center of the active region,
which creates the strong current sheet structure.
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(a) (b)

(c) (d)

Figure 11. Comparison of flux rope evolution for simulations without an
overlying dipole (simulation ND—panels (a) and (c)) and with an overlying
dipole (simulation SD—panels (b) and (d)), at time t = 360 t0. The black lines
originate from the y = max y boundary around the original convection zone flux
tube axis and the purple lines originate from the same points on the y = min y

boundary. The green lines originate close to the new coronal flux rope axis in
the y = 0 plane. The yellow lines in panels (b) and (d) belong to the dipole
field.

(A color version of this figure is available in the online journal.)

3.3. Confinement by the Overlying Field

Figure 11 compares the simulation with ND and the simula-
tion with the strongest dipole (SD) at a late stage in the flux rope
formation process (t = 180 t0) as the envelope of the flux rope
expands further into the corona. In simulation SD, the dipole
field, which was chosen to be aligned so as to minimize recon-
nection with this envelope field, constrains the expansion (both
vertically and horizontally).

Figure 12 shows the height of the axis of the coronal flux rope
and the height of the envelope field as a function of time. The
height of the axis of the coronal flux rope is found by locating the
point along the z-axis at which the horizontal field Bx is zero.
This point is approximately the location of an O-point, i.e.,
where

√

B2
x + B2

z = 0, and the field line that goes through this
O-point appears to have very little writhe, as shown in Figure 10.
The axis of the new flux rope is therefore well represented by
this field line. We define the height of the envelope field by the
intersection of the z-axis and the contour of By = 0.1By |axis.
Ideally, we would use the separatrix between the dipole field
and the expanding flux rope field to measure the height of the
envelope field, but no such separatrix exists in simulation ND.
The value of 0.1By |axis was chosen because the intersection
of the z-axis and this contour is where the separatrix between
the dipole field and the expanding flux rope field is located in
simulations SD, MD, and WD for times t > 50 t0.

From t = 200 t0 to t = 450 t0, there is a slow rise of the flux
rope, which appears to tend to a stable position. The vertical
velocities at the envelope field fall from a typical value of 1.5v0
at t = 200 t0 to 0.15v0 at t = 450 t0. As can be seen in Figure 12,
the height of the axis of the coronal flux rope at time t = 450 t0

Figure 12. Height of the O-point in the y = 0 plane (solid lines) and the height
of the envelope field (defined at the height along the x = y = 0 line where By is
0.1 times the value at the O-point; dashed lines) for five simulations (SD, MD,
WD, ND, and ND1) as a function of time. The two gray shaded boxes represent
the vertical extent of the two different damping regions. Simulations SD, MD,
WD, and ND have damping regions that start at zd and simulation ND1 has a
damping region that starts at zd1.

(A color version of this figure is available in the online journal.)

is smaller for larger dipole field strength, as expected. The
simulation with no dipole, simulation ND, exhibits the strongest
expansion, which continues until the envelope field of the flux
rope approaches the damping region near the top boundary.
From Figure 12, it appears that the flux rope in simulations
SD, MD, WD, and ND are ultimately stable, but given that the
envelope field is so close to the damping region in simulation
ND, the effect of the boundary conditions on the stability cannot
be ruled out. To investigate this, we perform an additional
simulation, ND1, where the top boundary is extended further
out, as is the damping region near this boundary (as described
in Section 2). We find that envelope field does not extend past
±80 L0 in the x- or y-directions and so the side boundaries and
the damping region at these side boundaries do not play a role in
the stability of the flux rope. Therefore, we do not change these
in simulation ND1. Figure 12 shows only a small difference in
the curves between simulations ND and ND1. In both cases, the
height of the envelope field appears to saturate at 180 L0, which
is well below the height of the top damping region for simulation
ND1. We conclude that the confinement of the flux rope in the
case of an initially field free corona is not a consequence of
the boundary conditions, but of the self-stabilization of the flux
rope by its own envelope field.

Previous simulations by Archontis & Hood (2012) with the
same initial tube strength and twist as the simulations in this
paper and without any pre-existing coronal field also suggest
that the flux rope is ultimately stable. However, the flux rope
axis in their simulations reaches a lower height of 62.3 L0 above
the surface compared with heights of 108 L0 and 110 L0 for the
flux ropes in simulations ND and ND1 in this paper, respectively.
This fact, together with the fact that in the simulations of
Archontis & Hood (2012) the envelope of the flux rope reaches
a height of 127 L0 above the surface, at the boundary of the
damping region between 127 L0 to 130 L0 above the surface,
and thus very close to the top boundary at 130 L0 above the
surface, suggests that their boundary conditions are affecting
the ultimate height of the flux rope. However, their conclusion,
that the coronal flux rope is stabilized by its own envelope field,
is supported by our simulations ND and ND1.
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(a) (b)

(c) (d)

Figure 13. Magnetic forces and plasma β in the y = 0 plane for simulation SD at time t = 280 t0. Panel (a) shows two-dimensional (2D) field lines in the y = 0
plane and a color shading of the magnitude of the 2D magnetic tension vector (B · ∇Bx , B · ∇Bz) L0/B

2
0 in the y = 0 plane. Panel (b) shows the same but for the 2D

magnetic pressure vector (∂|B|2/∂x , ∂|B|2/∂z) L0/B
2
0 . Panel (c) shows the magnitude of the 2D Lorentz force vector ((j × B)x , (j × B)y )μ0 L0/B

2
0 . Panel (d) shows

the plasma β = P/|B|2. This figure demonstrates that in the low-β part of the corona, the magnetic tension and magnetic pressure approximately cancel out and so
the coronal flux rope is in approximate Lorentz force balance.

(A color version of this figure is available in the online journal.)

In the simulations of Manchester et al. (2004), which used
a slightly thinner tube (w = 2 L0 compared with w = 2.5 L0
here) and were placed initially higher in the convection zone
(z = −10 L0 compared with z = −12 L0 here), the O-point of
the flux rope that formed in the corona rose to a height of 50 L0
by t = 70 t0 at the end of the simulation. This is higher than
the flux rope reaches by t = 70 t0 in simulations ND and ND1,
but the flux ropes in simulations ND and ND1 achieve heights
well above 50 L0 later in time, when they become stable. While
the flux rope rises quickly during the initial phase presented in
Manchester et al. (2004), based on the findings in this paper,
it seems likely that the flux rope formed in Manchester et al.
(2004) would also ultimately be confined by its own envelope
field, if its evolution was followed long enough.

By including a dipole field in simulations SD, MD, and WD,
we are also able to constrain the flux rope at lower heights than
its own envelope field is able to hold it at. Thus, the dipole field
is suppressing the rise of the coronal flux rope. The magnetic
forces and plasma β in the y = 0 plane are shown in Figure 13
for simulation SD at time t = 280 t0. The magnitudes of the
magnetic tension force and the magnetic pressure forces in the

y = 0 plane are shown in panels (a) and (b), respectively. Above
a height of z = 10 L0, the two forces approximately cancel
and the magnetic field associated with the flux rope and dipole
field has a small Lorentz force relative to the magnitude of the
magnetic pressure and tension forces. As can be seen from panel
(d), z = 10 L0 is the height at which the plasma β undergoes the
transition from above unity to below unity. Above z = 10 L0,
the magnetic field configuration has approximately j × B = 0.

3.4. Distribution of Electric Currents

At present, there is much debate as to whether the electric
currents in active regions are “neutralized,” in the sense that,
for a single sunspot or active region polarity, the direct current
(current aligned parallel to the axial magnetic field of the flux
tube associated with that sunspot) is surrounded by a return
current (aligned anti-parallel to the axial field), which cancels
this direct current out. This is important for flare and CME
modeling as some models use an initial magnetic field with a net
current (i.e., return currents are either absent or not large enough
to neutralize the direct currents), e.g., the TD model. Although in
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(a) (b) (c)

Figure 14. Distribution of currents in the corona for simulation SD due to flux emergence and subsequent formation of a coronal flux rope, at time 240 t0. Panels (a)
and (b) show red current field lines originating from regions of direct current (jy > 0) on the side boundaries and blue lines originating from regions of return current
(jy < 0), with a grayscale slice of jz/j0 taken at z = 10 L0. The field lines are located at regular values of radius with the origin at the axis of the convection zone flux
tube and the number of field lines at each radius is proportional to the total axial current at that radius. The yellow lines are the dipole field. Panel (c) shows jy/j0 in
the y = 0 plane.

(A color version of this figure is available in the online journal.)

the simulations presented here the initial sub-surface flux tube is
current neutralized, i.e., it has no net current, there is significant
distortion of the magnetic field by the emergence process and
so it is not clear that the resulting coronal flux rope will also be
current neutralized.

To investigate this issue, we plot in Figure 14 the electric
currents at time t = 240 t0 in simulation SD. Panels (a) and (b)
show slices of vertical current jz at a height of z = 10 L0, the top
of the photosphere/chromosphere region in the model, where
β = 1 for simulation SD. This height is chosen so as to eliminate
any overshoot convective flows that distort the magnetic field.
Panels (a) and (b) also show current field lines (field lines of
j). The current field lines are colored by the sign of jy at their
location of origin on the side boundary: red for direct current
(jy > 0) and blue for return current (jy < 0). The field lines
are located at regular values of the radius, from r = 0.4 L0
to 6 L0, around the axis of the convection zone flux tube on
the side boundary. These radial values are 0.4 L0 + (0.8 nL0) for
n = 0, 7 (jy changes sign at the radial value 2.4 L0). The number
of field lines at each radial value r is proportional to the total
unsigned axial current in the annulus 2πrdr centered on that
radius r, where dr = 0.8 L0. The total number of field lines is
30, so each field line represents 1/30 of the total unsigned axial
current in the entire flux rope. For a given current field line there
are only two routes by which it can return to a side boundary.
First, it can exit through the opposite boundary. Second, it can
reverse direction and return to the same boundary in a region of
opposite current. Figure 14 shows that it is mostly current field
lines that originate in regions of direct (jy > 0) current on the
side boundary that enter the corona above z = 10 L0. Figure 14,
panel (c) shows that a strong central positive jy develops above
z = 10 in the y = 0 plane. As predicted by the 2.5D model of
Longcope & Welsch (2000), there is a return current that flows
along the interface between the sub-photosphere and corona,
although the simulations in this paper show that some return
current extends into the corona.

Note that a single blue line emerges into the corona in
Figure 14, panels (a) and (b). This current field line originates
from a region of negative jy (but positive By) on the y = min y
plane and so is considered return current. If this field line were to
follow a simple Ω shaped path from one boundary to the other,
it would intersect the z = 10 L0 plane such that the current
normal to that plane jz would be anti-parallel to the magnetic
field normal to the plane Bz and it would be considered return

current in the corona. However, this current field line, which is
representative of many others, performs a complicated circuit,
first crossing underneath the active region before passing into
the corona and back into the convection zone. This loop-like
circuit results in the field line having jz parallel to the magnetic
field Bz on the z = 10 L0 plane. In this sense, for the z = 10 L0
plane, the blue field line is a direct current field line, even though
for its seed location on the y = min y plane it is a return current
field line. This changing of currents is due to the complicated
current structure underneath z = 10 L0, where the currents
are far from force-free and plasma motions can dominate over
magnetic forces.

These results suggest that the coronal flux rope is not
neutralized, in the sense that there is not a balance of direct
and return current. Of course, there may be very diffuse return
currents surrounding this flux rope and further, more rigorous,
analysis is required to determine whether or not the flux rope is
indeed un-neutralized. An in-depth analysis of the neutralization
of active region currents in an analogous simulation is presented
in Török et al. (2013).

4. DISCUSSION

The aim of this paper is to use 3D visco-resistive MHD
simulations to investigate whether convection zone flux tube
emergence could create coronal magnetic field configurations
compatible with a flux rope model such as the TD model,
where a net-current coronal flux rope is tethered by an overlying
potential field.

Consistent with previous simulations, we found that the initial
convection zone flux tube partially emerged into the corona; only
sections of field lines that were able to shed mass were able to
emerge. The original flux tube axis first reached a height of
3 Mm above the surface. This is consistent with simulations by
Magara (2001), Fan (2001), and Murray et al. (2006).

As a result of the transport of twist from the convection
zone into the corona, torsional motions manifested themselves
in corotation of the opposite-polarity regions and effectively
twisted up the field in the corona, as originally shown by Fan
(2009). The field line associated with the original convection
zone flux tube axis separated into two field lines due to magnetic
diffusion and became wrapped around a new flux rope axis in
the corona. Two distinct J-shaped current layers beneath the new
flux rope axis formed, which began to merge during the rotation
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of the sunspots. This process of emergence and equilibration of
twist supports the conclusions from observations that sunspot
rotation is driven by twisted flux tube emergence and that it can
cause the formation of sigmoids prior to a solar flare (e.g., Min
& Chae 2009; Kumar et al. 2013).

No obvious evidence of magnetic reconnection was seen at
the location of the current layer below the new coronal flux rope
axis, such as the evidence presented in Manchester et al. (2004),
Archontis & Török (2008), and Archontis & Hood (2012).
In those simulations, there was slow, steady reconnection at
the location of the current sheet during the expansion of the
emerged field in the corona and this reconnection amplified as
the flux rope rose to successively larger heights. Because in the
simulations in this paper the emerged field was constrained by
the dipole field, we did not see this reconnection stage clearly.
Since, however, we did see evidence of rotational motions in
sunspots, as suggested by Fan (2009), we conclude that the flux
rope formation process is predominantly due to these motions
in our simulations.

By varying the height of the top boundary and the upper
velocity damping region and finding that the ultimate height of
the flux rope axis was unchanged, we removed the effect of the
top boundary conditions on the stability of the flux rope and
concluded that even without a dipole field in the corona, the flux
rope was constrained by its own envelope field, which support
the results by Archontis & Török (2008) and Archontis & Hood
(2012), which were achieved for smaller simulation boxes.

By adding a dipole field, aligned so as to minimize recon-
nection with the emerging field in the corona, we were able
to constrain the expansion of the active region into the corona.
The stronger the dipole field, the lower the height of the newly
formed coronal flux rope, as expected. Such a system of a
coronal current-carrying flux rope (or, alternatively, a strongly
sheared arcade) stabilized by an overlying potential field is a
canonical configuration believed to produce solar eruptions. We
found that the relatively simple, idealized initial conditions used
in our simulations, with a twisted convection zone flux tube
emerging into a dipole field representing a decaying active re-
gion, is able to robustly produce such a coronal configuration.

A simple analysis of the electric currents suggests that the
majority of the return currents did not emerge into the corona
and so a coronal flux rope with a non-neutralized current was
created. Further analysis is presented in Török et al. (2013).
The preliminary results presented here suggest that coronal flux
rope models that consider only direct currents, such as the TD
model, are compatible with the magnetic fields created by the
emergence of a twisted magnetic flux tube.

This work has been supported by the NASA Living With a
Star and Solar and Heliospheric Physics programs, the ONR
6.1 Program, and by the NRL-Hinode analysis program. The

simulations were performed under a grant of computer time
from the DoD HPC program. The authors thank the anonymous
referee for comments that improved the clarity and relevance of
the paper.
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McKenzie, D. E., & Canfield, R. C. 2008, A&A, 481, L65
Min, S., & Chae, J. 2009, SoPh, 258, 203
Murray, M. J., & Hood, A. W. 2008, A&A, 479, 567
Murray, M. J., Hood, A. W., Moreno-Insertis, F., Galsgaard, K., & Archontis,

V. 2006, A&A, 460, 909
Parker, E. N. 1979, ApJ, 230, 905
Patsourakos, S., Vourlidas, A., & Stenborg, G. 2013, ApJ, 764, 125
Robbrecht, E., Patsourakos, S., & Vourlidas, A. 2009, ApJ, 701, 283
Roussev, I. I., Forbes, T. G., Gombosi, T. I., et al. 2003, ApJL, 588, L45
Sterling, A. C. 2000, JASTP, 62, 1427
Stix, M. 2004, in The Sun: An Introduction, ed. M. Stix (New York: Springer)
Titov, V. S., & Démoulin, P. 1999, A&A, 351, 707
Török, T., & Kliem, B. 2005, ApJL, 630, L97
Török, T., Leake, J. E., Titov, V. S., et al. 2013, ApJ, in press
van Ballegooijen, A. A., & Martens, P. C. H. 1989, ApJ, 343, 971
Vernazza, J. E., Avrett, E. H., & Loeser, R. 1981, ApJS, 45, 635
Vourlidas, A., Lynch, B. J., Howard, R. A., & Li, Y. 2013, SoPh, 284, 179
Yelles Chaouche, L., Kuckein, C., Martı́nez Pillet, V., & Moreno-Insertis, F.

2012, ApJ, 748, 23

12



The Astrophysical Journal, 777:76 (11pp), 2013 November 1 doi:10.1088/0004-637X/777/1/76
C© 2013. The American Astronomical Society. All rights reserved. Printed in the U.S.A.

MAGNETOHYDRODYNAMIC SIMULATIONS OF INTERPLANETARY CORONAL MASS EJECTIONS

Roberto Lionello, Cooper Downs, Jon A. Linker, Tibor Török, Pete Riley, and Zoran Mikić
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ABSTRACT

We describe a new MHD model for the propagation of interplanetary coronal mass ejections (ICMEs) in the solar
wind. Accurately following the propagation of ICMEs is important for determining space weather conditions. Our
model solves the MHD equations in spherical coordinates from a lower boundary above the critical point to Earth
and beyond. On this spherical surface, we prescribe the magnetic field, velocity, density, and temperature calculated
typically directly from a coronal MHD model as time-dependent boundary conditions. However, any model that
can provide such quantities either in the inertial or rotating frame of the Sun is suitable. We present two validations
of the technique employed in our new model and a more realistic simulation of the propagation of an ICME from
the Sun to Earth.

Key words: magnetohydrodynamics (MHD) – solar wind – Sun: coronal mass ejections (CMEs)
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1. INTRODUCTION

Interplanetary coronal mass ejections (ICMEs) are the solar-
wind counterpart of coronal mass ejections (CMEs), which are
huge bursts of solar material released from the corona of the
Sun (for a comprehensive review of theory and observations,
see Kunow et al. 2006). After approximately one to four days
after a CME eruption, an ICME may reach Earth, interact
with the geomagnetic field, and cause a geomagnetic storm
(Gosling 1990) if the direction of the field in the cloud is
opposite (southward) with respect of that of the Earth (Burlaga
et al. 1987). Therefore, knowing the structure of the magnetic
field of an ICME is of fundamental importance for predicting
its geoeffectiveness. CMEs are typically associated with flux
ropes, but their magnetic geometry, when they arrive at Earth as
ICMEs, is less clear (e.g., Vourlidas et al. 2013). Some ICMEs
are observed in situ as so-called magnetic clouds, defined as
regions of low proton temperature, enhanced magnetic field
strength, and smooth rotation of the magnetic field vector (e.g.,
Burlaga et al. 1982), the latter indicating flux-rope geometry.
Gosling et al. (1991) estimated that about one third of all ICMEs
contain a magnetic cloud or flux rope, although this fact may
vary systematically with the solar cycle (Riley et al. 2006).
Some ICME ejecta have multiple magnetic clouds (i.e., a single
structure with multiple subclouds distinguishable, Wang et al.
2002, 2003), the likely result of the interaction of several CMEs.

Given the importance of ICMEs for determining space
weather conditions, several computational models have been
developed to study their propagation in space. Although a few
attempts have been made to simulate the origin of a CME
on the Sun and its propagation as an ICME simultaneously
(Usmanov & Dryer 1995; Wu et al. 1999; Groth et al. 2000;
Manchester et al. 2006; Feng et al. 2010), this approach is
very challenging for computational reasons. First, the solar
corona and the heliosphere have remarkably different physical
properties, resulting in a much smaller integration time step
in coronal simulations compared with heliospheric simulations.
Hence, a heliospheric computation costs a small fraction of a
coronal calculation. Moreover, it is often the case that several
coronal simulations are necessary to explore parameter space
prior to modeling the full propagation. On the other hand,

boundary conditions for a heliospheric model are relatively
straightforward to implement beyond the critical MHD wave
points. These boundary conditions can be obtained from the
upper boundary of a coronal model extending just above the
critical points. Therefore, a two-model integrated approach,
where a coronal calculation acts as a driver for the heliospheric
evolution, is more widespread. Riley et al. (2001b) integrated
three-dimensional (3D) MHD models of the solar corona and
heliosphere. They used a line-of-sight magnetogram as input
to the coronal model and they first determined the steady-state
solar wind at 30 R⊙ during various solar phases of activity.
Then, they used those values to drive the heliospheric model
and calculate the structure of the solar wind out to 5 AU. Since
the boundary conditions for this model are not time dependent,
its applicability to the study of ICMEs is limited. Odstrcil
et al. (2002) and Riley et al. (2003) studied the disruption
of a sheared helmet streamer, which launches a CME, with
a 2D MHD coronal model. Then, they used the time-dependent
boundary conditions at the outer surface of the coronal solution
to drive a 2D MHD heliospheric calculation of the propagation
of the CME in interplanetary space. This model (Enlil) was
later extended to 3D and showed how it could accept input data
from empirical, observational, and numerical coronal models
(Odstrcil et al. 2003, 2008). However, the present version of
the model at the Community Coordinated Modeling Center1

does not accept evolving, time-dependent boundary conditions
for the magnetic field at the surface beyond the critical points.
Another limitation of the Enlil model is that it does not have
4π spatial coverage (i.e., 4π steradian coverage of the spherical
computational domain), an important requirement for the study
of ICME propagation according to Kleimann (2012). The model
of Usmanov & Goldstein (2006) combines an inner region MHD
solution from 1 to 20 R⊙ with a 3D outer solution, which is
constructed by forward integration along the hyperbolic radial
coordinate and extends from 20 R⊙ to 10 AU. This model does
not include the capability to evolve the boundary conditions
during the simulations. Tóth et al. (2005, 2012) presented the
Space Weather Modeling Framework (SWMF), an integrated
suite of numerical tools that includes, among others, coupled

1 http://ccmc.gsfc.nasa.gov
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models of the solar corona and heliosphere. This framework
was used, for example, by Lugaz et al. (2007) to study three
CMEs originating from active region 9236 as they propagate
from the Sun to the Earth. Notwithstanding the great flexibility
of the SWMF, its single components are meant to be used in
conjunction with one another and it requires additional software
modules to be created for each additional third-party coronal
model (Tóth et al. 2005, 2012). Other MHD models of ICME
propagation used a steady-state ambient solar wind, which was
either derived from an MHD coronal solution (Odstrcil et al.
2004) or prescribed (Odstrcil et al. 2005; Merkin et al. 2011)
from the empirical Wang–Sheeley–Arge Model (WSA) model
(Wang & Sheeley 1995; Arge & Pizzo 2000). The so-called
cone model (Zhao et al. 2002) can be used to calculate the
ICME parameters kinematically, which can be inserted into
the precalculated, steady-state background. Although useful and
simple to operate, the cone model does not include a flux rope
and cannot provide real interplanetary magnetic field predictions
for physical quantities inside the ICME. The MHD model of
the solar wind presented in Hayashi (2012) does use time-
dependent boundary conditions, which are determined from the
solar magnetic field and interplanetary scintillation observations
as input at the spherical surface beyond the critical points.
Although it can also be coupled with cone models of CMEs,
it does not accept the output of coronal MHD models of the
initiation and early stages of propagation of CMEs as a driver
at the lower boundary.

The purpose of this paper is to illustrate the details of an
MHD model that provides the evolution of density, tempera-
ture, velocity, and magnetic field of ICMEs, to present validation
examples of our technique; and to describe a more realistic cal-
culation based on the interplanetary propagation of the coronal
model of CME initiation by T. Török et al. (in preparation; see
Section 4). Our heliospheric model is derived from the coronal
model of Lionello et al. (2009), building on the work of Riley
et al. (2001b). It has been designed to include capabilities that
are not found together in any other single available model: (1)
it is fully 3D MHD and covers the whole 4π (i.e., the polar
regions are included); (2) it accepts time-dependent boundary
conditions at the lower surface, making it suitable both for stud-
ies of solar-wind evolution and ejecta propagation; (3) the driver
at the lower surface is flexible enough to use data obtained ei-
ther from other models (coronal MHD or empirical) or from
observations; these data may have been calculated either in the
inertial or rotating frame of the Sun; and (4) the computation
itself can be implemented either in the inertial or in the rotating
frame of reference.

This paper is organized as follows. The equations and the
solution technique are described in Section 2. Then, in Section 3,
two validation examples are shown, one in the non-rotating
frame and one in the rotating frame of reference. The description
of the more realistic case is contained in Section 4, which is
followed by our conclusions.

2. MODEL

Here we present the equations that are advanced numerically
in our model and how the time-dependent boundary conditions
are implemented in a flexible way.

2.1. MHD Equations

Our model of ICME propagation is derived from the 3D, time-
dependent, MHD model of Lionello et al. (2009), the numerical
details of which were presented in Lionello et al. (1998, 1999)

and Mikić et al. (1999). In a computational domain extending
between rmin � r � rmax, the following set of partial differential
equations in spherical coordinates are solved:

∇ × B =
4π

c
J, (1)

∇ × A = B, (2)

∂A

∂t
= v × B −

c2η

4π
∇ × B, (3)

∂ρ

∂t
+ ∇·(ρv) = 0, (4)

1

γ − 1

(

∂T

∂t
+ v · ∇T

)

= − T ∇ · v +
m

kρ
S, (5)

ρ

(

∂v

∂t
+ v·∇v

)

=
1

c
J × B − ∇p + ρg + ∇ · (νρ∇v) + Ffict,

(6)

where B is the magnetic field, J is the electric current density,
A is the vector potential, ρ, v, p, and T are the plasma mass
density, velocity, pressure, and temperature, respectively, g =

−g0R
2
⊙r̂/r2 is the gravitational acceleration, η the resistivity,

and ν is the kinematic viscosity. In the inertial frame of
reference, the fictitious force term, Ffict, is absent. In the rotating
frame of reference, we have

Ffict = ρ (2� × v + �(×� × v)) . (7)

Here, the first term of the right hand side is the Coriolis force,
while the second term is the centrifugal force. Both depend on
the angular velocity �. S in Equation (5) represents the energy
source term. Although in future studies we plan to explore the
use of the full thermodynamic treatment of Lionello et al. (2009),
which includes collisionless thermal conduction, in this work we
use the so-called polytropic approximation as in Linker et al.
(2003), which prescribes a simple adiabatic energy equation
(i.e., S = 0, which is appropriate in the heliosphere), and choose
a suitable value for γ (generally, 1.5; Totten et al. 1996; Feldman
et al. 1998).

2.2. Boundary Conditions

The method used to specify the boundary conditions in the
heliospheric model is determined not only by the requirements
of the heliospheric calculation itself but also by the characteris-
tics of the coronal model that provides the data. For maximum
flexibility, we allow the calculation to be either in the corotating
or inertial frame of reference in either model. However, we fore-
see that our typical coupled calculation will be in the corotating
frame for the corona and in the inertial frame for the heliosphere.
Moreover, we want to be able to use coronal calculations per-
formed in the corotating frame of reference, without including
the contribution of the fictitious forces of Equation (7).

In specifying the boundary conditions in our model, we also
need to ensure that the problem is well posed by examining the
characteristic curves associated with the system (e.g., Jeffrey
1966, p. 122). At the lower boundary of coronal models, only
some of the seven characteristic curves of MHD are outgoing
(e.g., Lionello et al. 2009). Hence, there is an upper limit on
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how many fields may be prescribed as boundary conditions
at the lower spherical surface rmin, while the rest are to be
determined by solving the characteristic equations. On the
contrary, in a heliospheric model, since the plasma is supersonic
and super-Alfvénic, all scalar and vector fields must be specified,
provided that the solenoidal property of the magnetic field,
∇·B = 0, is preserved. To model ejecta propagation and solar
wind variations, the values at r = rmin of ρ, T, B, and v
must be generally specified as functions of latitude, longitude,
and time (θ, φ, t). The quantities are either extracted from a
spherical shell in a coronal MHD calculation (provided it is
chosen beyond the critical points), from an empirical model such
as WSA, from a combination of MHD and empirical models
(Riley et al. 2001b), or, in principle, from suitable observations.
Transformations in coordinates with linear interpolation of all
the fields in the three variables (θ, φ, t) are needed to account for
differences in the structure of the grid and temporal sampling
between our heliospheric model and the model from which
the boundary values are obtained. Depending on whether the
calculation providing the boundary conditions is in the same
frame of reference of the heliospheric model or not, an additional
interpolation in φ may be necessary to account for rotation:

f ′(θ, φ, t) = f (θ, φ ± Ωt, t), (8)

where f is ρ, T, or one of the components of v and B at the
boundary. The minus sign is used when the boundary conditions
are extracted from a corotating frame and are used in an inertial
frame; the plus sign is used when the calculation is in the
corotating frame and the boundary conditions are provided in
an inertial frame. Finally, a frame of reference transformation is
applied to v′

φ :

v
(helio)
φ = v′

φ ± Ωrmin sin θ. (9)

However, when the boundary conditions are extracted from a
corotating model that neglects the effects of fictitious forces,
this transformation is applied only when calculating the electric
field, as explained below.

Although the transformed ρ, T, and v may be directly used
as time-dependent boundary conditions, the boundary condition
for the induction equation, Equation (3), requires knowledge of
the electric field, E = −v × B. Hence, we use the following
approach, which accurately represents the interpolated E field
on the new grid and automatically preserves the solenoidal
properties of B. The radial component of the electric field, Er, at
the boundary can be readily inserted to calculate the evolution
of the radial component of the vector potential, Ar. This is not
the case for the tangential components Et = (Eθ , Eφ), because
linear interpolation, when second derivatives are calculated, may
introduce strong currents near the poles. To avoid this, we rewrite
Et as the sum of two arbitrary potentials Ψ(θ, φ) and Φ(θ, φ):

Et = ∇t × Ψr̂ + ∇tΦ. (10)

∇t indicates tangential derivatives in (θ, φ). The potential Ψ

controls the change of the radial component of the magnetic
field, Br (θ, φ, t), and can be obtained by inverting

∇2
t Ψ =

∂Br

∂t
. (11)

The second potential Φ controls the shearing of the magnetic
field and does not change Br. It is obtained by solving the
following equation:

∇2
t Φ = −∇t · (v × B)t , (12)

where the transformation of Equation (9) is applied to the
longitudinal component of v if the boundary conditions are
extracted from a corotating model that neglects the effect of
fictitious forces. Since −∇2 is a symmetric, positive-definite
operator, we discretize the operator on the (θ, φ) grid and invert
it using a conjugate-gradient algorithm to obtain Ψ and Φ. Once
we know the two potentials, we retrieve Et and apply it as
boundary condition for At , assuming that the contribution of
the resistive term in Equation (3) is negligible.

3. VALIDATION OF THE TECHNIQUE

Here, we present two validation examples of our heliospheric
model, one computed for the case Ω = 0 and one that accounts
for solar rotation. Coronal simulations are first performed to
provide the boundary conditions to drive the heliospheric model.
These field values are extracted from a spherical surface within
the coronal model so that there may be a partial superposition
between the coronal and heliospheric computational domains.
Thus, a comparison between the coronal and heliospheric
calculations is possible. We simulate a CME eruption using
the 3D MHD coronal model of Lionello et al. (2009) in the
polytropic approximation, as it was employed by Linker et al.
(2003). The computational domain extends from 1 to 50 R⊙

and is discretized on a non-uniform 200 × 150 × 200 mesh in
(r, θ, φ). The radial resolution varies between 0.01 R⊙ at the
solar surface to 0.9 R⊙ at the outer boundary. The minimum
and maximum sizes of the longitudinal and latitudinal grids
are 0.′′7 and 4.′′7, respectively, with the points concentrated in
the area where the CME erupts. We have prescribed a uniform
resistivity profile such that the ratio of the resistive dissipation
time with the Alfvén wave propagation time is τR/τA = 106. A
typical reference value for τA = R⊙/VA is 24 minutes, if we
take an Alfvén speed VA = 480 km s−1 (e.g., for |B| = 2.2 G
and n0 = 108 cm−3). This low resistivity value is prescribed to
ensure that a minimum dissipation is present everywhere in the
computational domain and to eliminate structures smaller than
the grid resolution. In general, it is smaller than the numerical
dissipation introduced by the upwinding treatment of advection,
τU = 2 R2

⊙/(V ∆r) (Lionello et al. 1999). For example, in the
low corona, where ∆r = 0.01 R⊙, we have τU � τR only
for flows smaller than 0.1 km s−1. In the higher corona and
in the heliosphere, numerical dissipation dominates over the
prescribed value. Similarly, we have chosen a uniform viscosity
profile such that τν/τA = 500. Also, this value of viscosity is
necessary to dissipate unresolved scales without substantially
affecting the global solution.

3.1. Non-Rotating Case

In the non-rotating case (Ω = 0), we prescribe a global
dipole field for B as the initial condition of the coronal model
and a previously calculated solar wind solution for the plasma
properties. Figure 1(a) shows a cut of the entire computational
domain in the meridional plane showing some magnetic field
lines of the initial dipole. We then relax the system for 6.7 days
until we obtain a steady state. The configuration of the magnetic
field after this relaxation phase is presented in Figure 1(c),
where the field appears mostly radial and the current sheet in the
equatorial plane is evident. Figure 2(a) shows the configuration
closer to the solar surface. Open field regions are visible at
the poles, while closed field lines are present at equatorial
latitudes, surmounted by the typical cusp-like field lines. On top
of the streamer, the current sheet is formed (Figure 2(c)), while
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Figure 1. Magnetic field lines and J/B during the relaxation and flux rope eruption, in the coronal and heliospheric calculations without rotation, in a meridional
plane (solar north is up). (a) Coronal model (R⊙ � r � 50 R⊙) at the beginning of the relaxation phase. (b) Coronal model (R⊙ � r < 20 R⊙) and the heliospheric
model (20 R⊙ � r � 50 R⊙) at the beginning of the relaxation phase. The boundary between the two models is traced in white. (c) Coronal model at the end of the
relaxation phase, just before the flux rope is introduced. (d) Same as (c) for the coronal and heliospheric models combined. (e) Propagation of the flux rope in the
coronal model. (f) Same as (e) for the coronal and heliospheric models combined.

(A color version of this figure is available in the online journal.)

volume currents are present in the closed-field region under the
helmet streamer (Figure 2(b)). Using the technique described in
Section 2.2, we extract from a spherical shell at approximately
20 R⊙ the values of the fields corresponding to the initial state
of the coronal model and subsequent states at every 10 hr for the
entire relaxation period. As an initial condition for the magnetic
field of the heliospheric model, we prescribe a potential field
extrapolation of the values of Br at r = 20 R⊙ at t = 0 from
the coronal model. Likewise, we use the values of vr , ρ, and T
from the r = 20 R⊙ spherical surface in the coronal simulation
to prescribe the initial conditions for the plasma properties.
While the values of vr and T from this surface are assigned to
each internal point of corresponding latitude and longitude, the

values of ρ are also scaled by a r−2 factor. In Figure 1(b), we
show magnetic field lines of the initial state of the heliospheric
solution in the region r � 20 R⊙ and of the initial state of the
coronal solution for r = 20 R⊙ (the r = 20 R⊙ circle is marked
in white). (It is not surprising that the r � 20 R⊙ region differs
from the initial state of the coronal model shown in Figure 1(a).)
Then, we relax the heliospheric model for 6.7 days, driving
it with the sequence extracted from the coronal model. Our
heliospheric calculation is also performed in the same inertial
frame of reference as the coronal model. As Figure 1(d) shows,
at the end of the relaxation phase the heliospheric solution
is indistinguishable from that calculated using the coronal
model.
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(a) (b) (c)

Figure 2. Relaxed state of the coronal calculation without rotation. The solar surface is colored according to the value of Br . (a) Magnetic field lines outlining the
global field structure. (b) J/B near the solar surface showing volume currents in the streamer belt. (c) J/B further out in the corona showing the equatorial current
sheet.

(A color version of this figure is available in the online journal.)

(a) (b)

(c) (d)

R20

Figure 3. (a) Magnetic field lines of the out-of-equilibrium Titov-Démoulin flux rope introduced in the coronal solution after the relaxation phase. (b) The flux rope
immediately erupts. (c) Interaction between the flux rope and the ambient dipole field. (d) J/B at larger heliocentric distances. We truncate the flux rope solution at
∼7 R⊙, thus causing a disturbance that propagates outward in the solar wind.

(A color version of this figure is available in the online journal.)

Having obtained a virtually identical relaxed state for both
models, we introduce a strongly out-of-equilibrium, modified
version of the coronal flux rope model of Titov & Démoulin
(1999, hereafter TDM) into the coronal calculation. The main
difference between the original and the TDM model is that in
the latter the stabilizing, analytical magnetic field is replaced
with the ambient field of the CME source region into which
the flux rope is inserted. Titov-Démoulin flux ropes have been
used in recent simulations of observed CMEs (e.g., Tóth et al.
2007; Manchester et al. 2008; Lugaz et al. 2011) In all these
cases, the flux rope was inserted out of equilibrium, causing an
immediate eruption. Further details of our implementation of the
TDM model will be described in a separate publication (V. S.

Titov et al., in preparation), with emphasis placed on obtaining
stable, pre-eruption configurations, such as the run described in
Section 4. A view of some magnetic field lines of the flux rope,
which is inserted at the equator into the relaxed configuration,
is presented in Figure 3(a). If we simply added the flux-rope
solution to the coronal field, this would instantly modify the
magnetic field everywhere in the domain, including the region
beyond r = 20 R⊙. This would create a discrepancy with the
heliospheric model, for which the evolution for r > 20 R⊙

is solely the result of changes at the r = 20 R⊙ boundary.
Therefore, when introducing the flux rope, we truncate the
solution at r = 7 R⊙, which is well within the limits of the region
bounded by the coronal model, but far enough from the flux rope
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Figure 4. Magnetic field lines and J/B during the relaxation and flux rope eruption, in the coronal and heliospheric calculations with rotation in a meridional plane
(solar north is up). (a) Coronal model at the beginning of the relaxation phase. (b) Coronal model and the heliospheric model at the beginning of the relaxation phase.
The boundary between the two models at 20 R⊙ is traced in white. (c) Coronal model at the end of the relaxation phase, just before the flux rope is introduced. (d)
Same as (c) for the coronal and heliospheric models combined. (e) Propagation of the flux rope in the coronal model. (f) Same as (e) for the coronal and heliospheric
models combined.

(A color version of this figure is available in the online journal.)

itself not to have significant physical consequences. However,
this causes a slight deformation of the opposite streamer for
r � 7 R⊙ and the formation of a small perturbation at r = 7 R⊙,
which is visible in the J/B cut shown in Figure 3(d).2 This
disturbance travels out of the computational domain when we
advance the calculation, further perturbing the opposite streamer
as it adjusts to the presence of the inserted magnetic field. The
flux rope itself, being out of equilibrium, immediately erupts,

2 We note that the field modification is exceptionally strong here because we
have inserted a flux rope with a very intense magnetic field. If the flux rope is
inserted in equilibrium with the ambient magnetic field, as in the case
described in Section 4, these modifications are typically negligible outside the
CME source region.

forming a CME (Figures 3(c) and (d)), which propagates and
expands in the computational domain. After 20 hr, the ICME has
crossed the outer boundary at 50 R⊙ and we stop the calculation.
Figure 1(e), which shows a cut in the meridional plane for this
time, illustrates how the flux rope has expanded to an angular
width of almost 30◦. To model this highly dynamic phase with
the heliospheric model, we extract ρ, T, B, and v at r = 20 R⊙

from the coronal calculation with a higher frequency, namely a
frame every 289 s. We drive the heliospheric model for 20 more
hours to follow the propagation of the ICME (Figure 1(f)). The
coronal and heliospheric calculations, which visually appear to
be identical, are actually in agreement to within 1% for ρ, |v|,
|B|, and T.
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Figure 5. Magnetic field lines and scaled density (ρr2) during the relaxation and flux rope eruption, in the coronal and heliospheric calculations with rotation in the
equatorial plane (viewed from above the Sun’s north pole). (a) Coronal model at the beginning of the relaxation phase. (b) Coronal model and the heliospheric model
at the beginning of the relaxation phase. The boundary between the two models at 20 R⊙ is traced in white. (c) Coronal model at the end of the relaxation phase, just
before the flux rope is introduced. The Parker spiral is clearly visible. (d) Same as (c) for the coronal and heliospheric models combined. (e) Propagation of the flux
rope in the coronal model. (f) Same as (e) for the coronal and heliospheric models combined.

(A color version of this figure is available in the online journal.)

3.2. Rotating Case

We now repeat the validation described in the previous
section for a case where we account for solar rotation. We
perform the calculation for the coronal model in the rotating
(non-inertial) frame of reference, where Equation (6) contains
a non-vanishing fictitious forces term, Ffict. As presented in
Figure 4(a), an identical dipole state is prescribed for the initial
magnetic field. At t = 0, the components of the magnetic
field are only radial and latitudinal, as the cut in the equatorial
plane of Figure 5(a) shows. Then, we relax the system by again
advancing the MHD equations for 6.7 days to obtain a steady
state. Figure 4(c), which displays the configuration after this

time, is rather similar to the non-rotating case of Figure 1(c).
However, in the present case, a longitudinal component of the
magnetic field is introduced because of rotation. The effects
of rotation can be appreciated in Figure 5(c), which shows,
viewed from above the north pole of the Sun, how a burgeoning
Parker spiral develops in the equatorial plane. From this coronal
simulation, we extract a sequence of fields at the r = 20 R⊙

surface with the same frequency used in the non-rotating case
and use a similar sequence of frames to drive the heliospheric
model. The heliospheric calculation with rotation is performed
in the inertial frame to show how our model is not tied to
using the same frame of reference as the coronal simulation.
Following the procedure outlined in the previous section, we
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Figure 6. (a) Field lines in the equatorial plane for the combined coronal and heliospheric model of CME/ICME propagation of Section 4. All field lines are traced
from 18 R⊙. (b) Enlargement of a portion of (a). The coronal model (green field lines) was calculated by Török et al. (in preparation) in a non-rotating frame extending
from 1 to 20 R⊙. The heliospheric model (purple field lines) was calculated in an inertial frame with solar rotation included extending from 18 R⊙ to 1.1 AU.

(A color version of this figure is available in the online journal.)

build the initial condition for the magnetic field through a
potential field extrapolation using Br at the lower boundary
and prescribe the solar wind parameters starting from the values
on the same surface. Figures 4(b) and 5(b) show magnetic field
lines, in the meridional and equatorial plane, respectively. Then,
we drive the heliospheric model with the series of boundary
conditions extracted from the coronal model until relaxation.
While the initial state of the heliospheric model is clearly
different from that of the coronal model (compare Figure 4(a)
with 4(b) and Figure 5(a) with 5(b)), the final states are for all
purposes virtually indistinguishable (compare Figure 4(c) with
Figure 4(d) and Figure 5(c) with Figure 5(d)).

Having relaxed the configuration, we insert an out-of-
equilibrium TDM flux rope in the coronal model. As was the
case in the non-rotating frame (see Figure 3(d)), a ring of cur-
rent appears at r ∼ 7 R⊙. The CME, which is formed by the
expanding flux rope, propagates similarly outward. The coronal
calculation is finally concluded 20 hr after triggering the erup-
tion, resulting in the state shown in Figures 4(e) (meridional
view) and 5(e) (equatorial view). As it appears in Figure 4(e),
the CME occupies about 30◦ in the meridional plane, with cur-
rent densities extending to approximately 60◦. In the equatorial
plane shown in Figure 5(e), the field lines of the CME ap-
pear to extend roughly over the same angle, implying a conical
geometry for the whole structure. Then, using a sequence of
boundary conditions extracted from the coronal model at inter-
vals of 289 s as a driver at the r = 20 R⊙ surface, we advance
the heliospheric model for 20 more hours. The injection of the
flux rope and the current disturbance associated with it occur
well below the r = 20 R⊙ boundary, as in the non-rotating case.
The CME also propagates seamlessly through the r = 20 R⊙

boundary. The final state of the heliospheric model is shown
in Figures 4(f) (meridional plane) and 5(f) (equatorial plane),
which can be compared with Figures 4(e) and 5(e), respectively.
As for the non-rotating case, all quantities calculated with the
two models are in agreement to within 1%.

4. PROPAGATION OF A REALISTIC ICME

Having shown how the technique of coupled models success-
fully reproduces the results of a single domain calculation, we
now present an advanced application of the heliospheric model
by studying the propagation of an ICME from 18 R⊙ to 1.1 AU
in the inertial frame of reference. To achieve this goal, we use
the results calculated by T. Török et al. (in preparation) to drive

our model. Török et al. specified a more realistic plasma envi-
ronment than that used in Section 3 by employing the full MHD
thermodynamic model of Lionello et al. (2009). In a corotating
frame of reference that neglected the effect of fictitious forces,
Török et al. prescribed a potential, global dipole field together
with a quadrupolar active region on the solar surface. After re-
laxing the configuration for about 60 hr, they inserted a TDM
flux rope. Contrary to our simple and less realistic earlier ap-
proaches (Sections 3.1 and 3.2), their flux rope was inserted
in equilibrium into the stabilizing ambient coronal field. Then,
it was relaxed for another 13 hour period, during which cold
and dense plasma accumulated in the flux rope, resembling the
conditions observed in prominences. After that, they introduced
converging flows near the polarity inversion line of the active
region, which caused the field overlying the flux rope to expand
quasi-statically, progressively reducing the magnetic tension. As
a consequence, the flux rope rose slowly until a critical height
was reached, at which point a loss of equilibrium and eruption
occurred. A fast and powerful CME was formed, which rapidly
accelerated to a speed of ∼3,000 km s−1, driven predominantly
by strong reconnection below the erupting flux rope and produc-
ing a fast forward shock. The CME then rapidly slowed down
to �1,000 km s−1 before it reached 3 R⊙. The reasons for this
significant deceleration are currently under investigation. Most
likely they are related to the very strong reconnection flows
(�10,000 km s−1) that temporarily accelerated the flux rope to
very large speeds. After the rapid deceleration, the CME slowed
down only gradually and reached the outer coronal boundary at
20 R⊙ with a speed of about 700–800 km s−1. The simulation
was stopped 74 hr after the insertion of the flux rope, enough
for the CME to leave the coronal computational domain. Every
6 minutes, we extract from the simulation of Török et al. the
magnetic field, velocity, density, and temperature on a spherical
surface at 18 R⊙, which is beyond the critical Alfvén and sonic
points. We choose to start our simulation from 18 R⊙ rather
than 20 R⊙ to allow overlap in the computational domains of
the coronal and heliospheric model. Since the physical variables
in the 18 R⊙ � r � 20 R⊙ region are directly calculated in ei-
ther model, we are able to verify that no boundary effects arise in
this more realistic simulation. We also estimate the importance
of including rotation in the computation.

Using the first extracted set of fields at 18 R⊙, we again
specify a potential extrapolation as initial conditions for the
magnetic field of the heliospheric model. We extrapolate radially
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(d)(c)

(a) (b)

Figure 7. Evolution of the scaled density (ρr2) in two cut-planes during the propagation of an ICME from Sun to Earth (red dot). The inner white circle lies at
20 R⊙. The coronal part of the calculation is described in T. Török et al. (in preparation). (a) Configuration in steady state just before the eruption on the solar surface
(t = 402 hr). (b) CME leaving the computational domain of the coronal model and entering the heliosphere (t = 408 hr). (c) ICME as it reaches Earth (t = 458 hr).
(d) ICME leaving the computational domain of the heliospheric model. End of the calculation (t = 502 hr).

(A color version of this figure is available in the online journal.)

the values of vr , ρ, and T to initialize the plasma properties,
as described in the previous section. We then advance the
MHD equations with fixed boundary values for 402 hr to
ensure that a steady state solution is formed in the heliosphere.
While in Török et al. the full thermodynamic treatment of the
energy equation was employed, here we use the polytropic
approximation, by setting S = 0 in Equation (5) and γ = 1.5
(Totten et al. 1996; Feldman et al. 1998). It has been shown that
such an approximation is justified for heliospheric simulations
(e.g., Riley et al. 2001a); however, in future simulations, we
plan to explore the effect of including collisionless thermal
conduction in the energy equation. The relaxed configuration of
the magnetic field is shown in Figures 6(a) and (b). Both green
(coronal) and purple (heliospheric) field lines are traced from
18 R⊙. The Parker spiral is fully developed in the heliospheric
calculation. Note that in the region between 18 and 20 R⊙, there
is a slight discrepancy between the coronal and heliospheric
calculations, since the former neglects the effect of rotation.

In Figure 7(a), we show the distribution of ρr2 in the
heliosphere and corona at the end of the relaxation phase in the
equatorial plane and in the meridional plane perpendicular to the
Sun-Earth line. In the equatorial plane, streams characterized
by higher or lower density are visible, forming the typical
Parker spiral. At this point, we continue the simulation for
100 more hours, driving the lower boundary with the series
of frames extracted from the simulation of Török et al. When
this series is exhausted, we keep the last frame as a fixed
boundary condition until t = 502 hr. During this second phase
of the calculation, we follow the CME as it travels through the
heliospheric computational domain and finally leaves through
the outer boundary. At t = 408 hr, Figure 7(b) shows the
CME as it crosses the outer boundary of the calculation of
Török et al. A selection of field lines threading the CME are
presented in Figure 8(b) and show the flux rope crossing into
the heliospheric domain. The ICME continues to propagate in
the heliosphere and at t = 458 hr arrives in the vicinity of
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t=402 hrs t=408 hrs t=458 hrs

(b)(a) (c)

R20

Figure 8. Magnetic field lines showing the propagation of a CME/ICME from Sun to Earth: (a) immediately after the eruption, (b) 6 hr after the eruption, the CME is
crossing into the heliospheric domain, (c) 56 hr after the eruption, the ICME is about to reach Earth. The coronal part of the solution (below 20 R⊙) was calculated by
T. Török et al. (in preparation).

(A color version of this figure is available in the online journal.)

             
0

20

40

60
80

n e
 [

cm
3 ]

             

0.0
0.1

0.2

0.3

T
 [

M
K

]

             
200
400

600

800
1000

v 
[k

m
/s

]

             
−10

−5

0

5
10

|B
| [

nT
]

             
−10

−5

0

5
10

B
x 

[n
T

]

             
−10

−5

0

5
10

B
y 

[n
T

]

20 30 40 50 60 70 80 90 100 110 120 130 140
t−t0 [hr]

−10
−5

0

5
10

B
z 

[n
T

]

Figure 9. Time history of local plasma variables at 1AU for a point situated in the path of the ICME described in Section 4. The magnetic field vectors have been
converted to GSE coordinates. The pink highlighted region indicates the compressed solar wind upstream of the ICME. The green region indicates the flux system of
the ICME. The blue region indicates the trailing plasma, which was compressed by a high speed stream behind it. Time is in hours from the insertion of the CME in
the calculation of T. Török et al. (in preparation; t0 = 402 hr).

(A color version of this figure is available in the online journal.)

the Earth. Figure 7(c) shows the denser, enlarged structure of
the ejecta followed by a depletion region, while Figure 8(c)
shows the envelope of some field lines connected to the ICME.
After passing by, the ICME crosses over the outer boundary

and leaves the computational domain of the heliospheric model
(Figure 7(d)). Since the ICME does not hit Earth directly, in
Figure 9 we show the time history of the local plasma variable
for an observer situated along its path. The magnetic field
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components are expressed in Geocentric Solar Ecliptic (GSE)
coordinates (Russell 1971). The low value of B within the ICME
can be explained considering that our model active region has a
field strength considerably smaller than in the source regions of
the most powerful events that produce very fast CMEs (�1000 G
versus �2000 G). Thus, it is not surprising that the magnetic
field at 1 AU is smaller than for typical fast events. Also, most of
the interaction of the flux rope with the ambient magnetic field
has already occurred in the coronal solution. Starting from 40 hr
after the eruption (t = 442 hr), the density of the plasma begins
to increase as it is swept by the ICME. The density reaches a
maximum of 10 times the base value (the area shaded in pink in
Figure 9). Then, the observer is overtaken by the flux system and
the magnetic field exhibits a typical pattern of rotation (green
area). Finally, trailing the ICME, there is region of fast solar
wind that compresses the plasma (blue area). These features,
which are beyond the scope of this article, are described in
more detail in P. Riley et al. (in preparation).

5. CONCLUSIONS

We have shown how our computational MHD model of the he-
liosphere is capable of following the propagation of ICMEs from
beyond the critical point to Earth. The key feature of our model
is its flexibility. It can in principle accept as input at the lower
boundary time-dependent results obtained from (1) MHD sim-
ulations of the solar corona, (2) Potential-Field Source-Surface
(PFSS) models, (3) empirical models, (4) observations, or (5)
a combination thereof. Moreover, the frame of reference from
which the lower-boundary data are extracted can be either the
inertial frame or the corotating frame. If the coronal model is cal-
culated in the corotating frame, the inertial forces can either be
included or neglected. The heliospheric computation itself can
be either performed in the inertial or in the corotating frame.
Particular care has been taken in the interpolation of the input
magnetic field at the boundary to avoid the formation of spurious
current layers. To demonstrate the capabilities of our model, we
have presented three simulations. In the first two, we used our
coronal MHD model to simulate a CME eruption from the solar
surface to 50 R⊙, in a fixed and a corotating frame, respectively.
From these two simulations, we extracted the data at r = 20 R⊙

and used them to drive our model. In either case, the agree-
ment between the coronal and the heliospheric models in the
common portion of the computational domain was remarkable.
Disturbances propagated smoothly across the lower surface and
no boundary layer was formed. We also presented a third, more
realistic, simulation driven by data extracted from the coronal
model of a CME described by T. Török et al. (in preparation).
This is a fast and powerful CME originating from a source region
of approximately 3 kG. We have shown that our model is able
to follow the propagation of the CME from 18 R⊙ to 1.1 AU.

Our newly developed heliospheric model is not restricted to
event studies of CME eruption and subsequent ICME propa-
gation. It can also be used to model the heliosphere and the
solar wind from a variety of inputs. Magnetic flux evolution
models are ever more frequently used to create coronal models,
either through MHD or PFSS extrapolations (for a review, see
Mackay & Yeates 2012). These can be extended to study the
structure of the heliosphere or, more easily, they can provide
input to our heliospheric model. Computationally, it is less in-
tense to update the boundaries of the heliospheric model when
the coronal model is updated, rather than using a single model
encompassing both physical regions.
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for Integrated Space Weather Modeling (CISM) and Frontiers
in Earth System Dynamics (FESD) program. Computational
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vanced computing Center (TACC) in Austin and the NASA
Advanced Supercomputing Division (NAS) at Ames Research
Center.
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ABSTRACT

We analyze multi-spacecraft observations of a giant filament eruption that occurred during 2009 September 26 and
27. The filament eruption was associated with a relatively slow coronal mass ejection. The filament consisted of a
large and a small part, and both parts erupted nearly simultaneously. Here we focus on the eruption associated with the
larger part of the filament. The STEREO satellites were separated by about 117◦ during this event, so we additionally
used SoHO/EIT and CORONAS/TESIS observations as a third eye (Earth view) to aid our measurements. We
measure the plane-of-sky trajectory of the filament as seen from STEREO-A and TESIS viewpoints. Using a
simple trigonometric relation, we then use these measurements to estimate the true direction of propagation of
the filament which allows us to derive the true R/R⊙-time profile of the filament apex. Furthermore, we develop
a new tomographic method that can potentially provide a more robust three-dimensional (3D) reconstruction by
exploiting multiple simultaneous views. We apply this method also to investigate the 3D evolution of the top part of
filament. We expect this method to be useful when SDO and STEREO observations are combined. We then analyze
the kinematics of the eruptive filament during its rapid acceleration phase by fitting different functional forms to
the height-time data derived from the two methods. We find that for both methods an exponential function fits the
rise profile of the filament slightly better than parabolic or cubic functions. Finally, we confront these results with
the predictions of theoretical eruption models.

Key words: Sun: activity – Sun: coronal mass ejections (CMEs) – Sun: filaments, prominences

Online-only material: animations, color figures

1. INTRODUCTION

Coronal mass ejections (CMEs) are huge expulsions of
plasma and magnetic field from the solar corona into inter-
planetary space. They are often accompanied by the eruption
of a filament or prominence, which becomes visible as the core
of the CME in coronagraph observations, and by a flare that
occurs almost simultaneously with the eruption. It is now well
accepted that these three phenomena are different observational
manifestations of a more general process, namely a local dis-
ruption of the coronal magnetic field (e.g., Forbes 2000). The
detailed mechanisms that trigger and drive such disruptions are,
however, still controversial, and a large number of theoretical
models have been put forward in the past decades (for recent
reviews, see Amari & Aly 2009; Aulanier et al. 2010; Forbes
2010).

Early observations indicated that there are two distinct classes
of CMEs, namely fast (or impulsive) ones, originating in active
regions and associated with flares, and slow (or gradual) ones,
associated with large prominence eruptions outside of active
regions and no, or no significant, flaring (MacQueen & Fisher
1983; Sheeley et al. 1999). Consequently, it has been suggested
that different eruption mechanisms may be at work in these two
types of eruptions. However, the analysis of considerably larger
data sets in the SoHO era revealed a continuous distribution of
CME velocities with a single peak (e.g., Zhang & Dere 2006),
indicating that both fast and slow CMEs are driven by the same
physical mechanism(s). This is supported by the considerable
range of CME kinematics that could be modeled based on a
single physical mechanism (Chen & Krall 2003; Török & Kliem

2007), as well as by the fact that large prominence eruptions
outside active regions can produce loops and ribbons that are
morphologically similar to those seen in flare-related CMEs.
The majority of prominence-related CMEs are most likely not
associated with flares simply because the magnetic fields in their
source regions are too weak to produce significant emission in
Hα and in EUV wavelengths (see, e.g., Forbes 2000).

Virtually all theoretical models describe CMEs as coronal
magnetic flux ropes that are anchored in the dense photosphere
(see, e.g., Gibson et al. 2006), although it is debated whether
a flux rope is present in the corona prior to an eruption or is
formed during the eruption process. The expulsion of a flux
rope into interplanetary space as a CME has been explained by,
e.g., the continuous increase of poloidal flux in the rope due to
flux injection from the convection zone into the corona (e.g.,
Chen & Krall 2003), by ideal MHD instabilities like the helical
kink instability (Fan 2005; Török & Kliem 2005) or the torus
instability (Kliem & Török 2006), or by the combination of a
“loss of equilibrium” of a flux rope and magnetic reconnection
occurring in its wake (e.g., Forbes & Isenberg 1991). Other
models invoke reconnection from the beginning of the eruption,
as for example the “tether cutting” (e.g., Moore et al. 2001) and
“magnetic breakout” (e.g., Antiochos et al. 1999) models.

Using observations to support or reject specific models for
a particular eruption is difficult for several reasons. First,
many models employ more than one physical mechanism,
resulting in a partial overlap between them (see Aulanier et al.
2010). Second, several distinct mechanisms may occur almost
simultaneously in an eruption, in particular in complex events,
making it difficult to establish which one is the main driver of the
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eruption (e.g., Williams et al. 2005). Third, the models predict
a very similar evolution for the main phase of an eruption, i.e.,
for the evolution after the impulsive flare phase and initial rapid
acceleration of the ejecta. When looking for clues for possible
eruption mechanisms, one therefore often focuses on the early
eruption phase, for example, on the morphology and timing of
pre-flare Hα and EUV brightening (e.g., Chandra et al. 2011).
For eruptions associated with large quiescent prominences, as
the one studied in this paper, such signatures are, however, often
not available.

Another possibility to obtain information about the mecha-
nisms at work in an eruption is to study its kinematic proper-
ties, in particular the early rise phase (Schrijver et al. 2008).
Eruptions typically start with the slow rise of a filament or
prominence and/or overlying loops, at an approximately con-
stant velocity of a few km s−1, which is followed by the rapid
acceleration of the ejecta to several 100 km s−1. The acceler-
ation should initially follow some functional dependence, but
will then saturate and decrease afterward (see, e.g., Figure 3 in
Gallagher et al. 2003). Profiles of the initial acceleration phase,
if extractable from measured height-time data with sufficient
coverage, can be compared with predictions of theoretical erup-
tion models.

Observed rise profiles of the early phase of filament eruptions
and CMEs have been fitted by constant-acceleration curves (e.g.,
Gilbert et al. 2000; Kundu et al. 2004; Chifor et al. 2006), power-
law, h(t) ∝ tm, with 3.0 � m � 3.7 (e.g., Alexander et al. 2002;
Schrijver et al. 2008; Liu et al. 2009), and exponential functions
(Gallagher et al. 2003; Williams et al. 2005). As for theoretical
models, the functional dependence of eruption trajectories has
not often yet been reported, and systematic investigations of its
parameter dependence are quite rare so far. Still, some model
predictions can be inferred from the literature. For example,
an exponential early rise is naturally expected if an eruption is
initially driven by an ideal MHD instability (e.g., Török et al.
2004). A power-law dependence with m = 2.5 has been found
for the trajectory in a two-dimensional (2D) version of the loss of
equilibrium model (Priest & Forbes 2002), and a parabolic rise
(i.e., constant acceleration) was reported for a simulation of the
breakout model (Lynch et al. 2004). Furthermore, Schrijver et al.
(2008) showed that a velocity perturbation at the onset of the
rapid acceleration of an eruption can change the resulting func-
tional dependence of the trajectory (from exponential to near-
cubic for the case of the torus instability they studied), given that
this perturbation is sufficiently large (somewhat larger than typ-
ical velocities observed during the initial slow rise phase of an
eruption). We refer to Schrijver et al. (2008) for further details.

Prominence eruptions and CMEs have been observed for a
long time with various ground- and space-based instrument.
For example, the LASCO coronagraphs (Brueckner et al. 1995)
on board the SoHO spacecraft have been observing thousands
of CMEs in white light. However, one of the limitations of
LASCO, and of other instruments that are located at or close to
Earth, is that they can only obtain 2D observations, projected
onto the plane of sky (POS). Height-time data of eruptions
are particularly hampered by this, since obtaining the correct
radial rise velocities requires the knowledge of the true three-
dimensional (3D) trajectories.

The STEREO mission (Kaiser et al. 2008) was launched
during the solar minimum and therefore initial studies were
of quiescent filament eruptions (Gosain et al. 2009; Artzner
et al. 2010; Gosain & Schmieder 2010). With STEREO 3D
reconstructions, it is, in principle, possible to derive the shape

of the prominence, its twist or writhe, and its true trajectory when
it erupts. These properties can be useful for comparisons with
model predictions (e.g., Török et al. 2010; Kliem et al. 2012;
Zuccarello et al. 2012). Other case studies of quiescent filament
eruptions observed with STEREO are reviewed in Bemporad
(2011) and Aschwanden (2011) and those of CMEs in Mierla
et al. (2010).

The main difficulty in stereoscopic reconstruction arises when
the separation angle between the two STEREO satellites is large,
because then it becomes difficult to identify the same feature in
both views unambiguously (Thompson et al. 2012). In such
cases one has to use complementary observations from other
instruments, such as SoHO/EIT (Delaboudinière et al. 1995),
CORONAS/TESIS (Kuzin et al. 2009), and now SDO/AIA
(Lemen et al. 2012). The addition of the Earth view to STEREO
views makes life easier as it provides us (1) more than one
stereoscopic pair, and (2) smaller separation angles. Also, in a
special circumstance when a structure (filament/prominence)
is not visible in one of the STEREO satellites (e.g., remains
hidden behind the limb during initial rising phases), adding an
Earth view to one of the STEREO satellites allows us to make
stereoscopic reconstruction. Some recent examples where three
views have been used are Li et al. (2011) and Feng et al. (2012).

In this paper we will present such an example. We present
He ii 304 Å observations of a large filament eruption that
occurred during 2009 September 26–27. The observations were
taken from the twin STEREO satellites and were combined with
complementary observations from SoHO/EIT and CORONAS/
TESIS, giving us a third view, i.e., the Earth view of the event.
The filament eruption was seen as a limb event by STEREO-A,
EIT, and TESIS, while it was seen as an on-disk event by
STEREO-B.

Based on these multi-spacecraft data, we derive the R/R⊙

or simply height-time profile of the erupting prominence by
different methods. First, we independently derive the POS
height-time profiles of the prominence top as viewed from
STEREO-A and TESIS. Second, we apply a trigonometric
relation to simultaneous STEREO-A and EIT observation of
the prominence and estimate the propagation direction of the
filament. Knowing the propagation direction we can derive
true height-time profile of the filament top. Finally, we apply
a 3D stereoscopic reconstruction method based on Marinus
projections to derive the height-time profile, we call this method
“tomographic method” as it can use simultaneous multiple views
for reconstruction. We then fit these height-time profiles by
functional forms, viz., parabolic, exponential, and cubic and
compare the results.

The paper is organized as follows. Section 2 summarizes the
observations. In Sections 3 and 4 we describe the trigonometric
and tomographic methods, respectively, results derived from
these methods. Finally, we discuss the results as well as the
potential of the newly developed tomographic method.

2. OBSERVATIONS AND METHOD OF DATA ANALYSIS

2.1. Heii 304 Å Filament Observations

During 2009 September 26–27 a large filament eruption
was observed near the northeast solar limb. The observations
were obtained in the He ii 304 Å wavelength at a cadence
of ten minutes by the SECCHI/EUVI instrument aboard the
STEREO-A and B satellites. Figure 1 (top panel) shows on-
disk observations by STEREO-B during the early phase of the
eruption. Two filaments can be seen, a long one (LF) located
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Figure 1. Top panel shows the He 304 Å filtergram observed from STEREO-B at
19:17 UT on 2009 September 26. LF and SF mark the large and the small filament
(highlighted inside yellow rectangle, outlined by white line segments for clarity),
respectively. The bottom panel shows a map of the radial magnetic field
component, reconstructed from a synoptic MDI magnetogram, as STEREO-B
would have seen it at the same time (courtesy of Z. Mikić). The dashed lines
indicate the polarity inversion line above which the filaments are located.

(Animations and color version of this figure are available in the online journal.)

at 23◦–34◦ N, and a short one (SF) located at 18◦–32◦ N.
The bottom panel shows a reconstruction of the photospheric
magnetic field distribution as it would have been seen from
STEREO-B (at 19:17 UT on 2009 September 26, using B0 =

5.◦54 and CML = 164.◦4, where B0 and CML are the Carrington
coordinates of the disk center in the STEREO-B view). It can be
seen that both filaments follow the same polarity inversion line
(PIL), suggesting that they were both located within an extended
filament channel. The magnetic field on either side of the PIL
was weak (+/−3 G). In the limb view of STEREO-A, LF starts to
rise earlier than SF (see movie 1), while both eruptions seem to
occur simultaneously in the disk view of STEREO-B (movie 2).
Since LF is much more prominent than SF, in this paper we focus
on the evolution of LF and refer to Li et al. (2010) for further

details on the eruption of SF. In the following, “filament” or
“prominence” therefore refers only to LF.

During this event, the STEREO satellites were separated by
about 117◦ and the main part of the filament was hidden be-
hind the solar limb in the STEREO-A viewpoint until about
18:20 UT on 2009 September 26. A 3D stereoscopic recon-
struction in combination with STEREO-A before 18:20 UT was
therefore not possible from either STEREO-B or Earth view
(EIT and TESIS). He ii 304 Å images from SoHO/EIT at a
cadence of 6 hr and CORONAS/TESIS images at a cadence
of ten minutes provide the Earth view, which are used for 3D
reconstruction with STEREO-A after 18:20 UT September 26
using the tomographic method described in Section 3.3. The
He ii 304 Å images of the filament from the four instruments are
shown in Figure 2. The Earth–Sun–STEREO-A and Earth–Sun–
STEREO-B angles on 2009 September 26 were 61◦ and 56◦,
respectively. The observations of the filament top from two dif-
ferent vantage points (TESIS and STEREO-A) allows us to ob-
serve the POS evolution in a piecewise continuous manner from
TESIS (00:00 to 22:00 UT) and STEREO-A (19:10 to 23:10 UT),
as shown in Figure 6 (top left panel). A simple trigonometric
method, described in Section 3.2, is used to triangulate the true
propagation direction of the filament apex. Knowing this angle,
the POS height-time profiles are corrected to derive the true
height-time profiles as shown in Figure 6 (bottom left panel).

The filament LF (as seen from STEREO-A; Figure 3) suggests
a sheet-like morphology. The stereoscopic reconstruction by Li
et al. (2010, see their Figure 2) also infers a sheet-like structure.
We outline its apparent edges by dashed (red) and dotted
(yellow) lines in STEREO-A and B views. A careful inspection
of the legs of the prominence in STEREO-A images suggests
a twisted morphology of the legs. However, a quantification of
the twist of the filament sheet is not possible in the present case.

2.2. CME Observations

STEREO-A observed the CME associated with the filament
eruption on 2009 September 26/27 with its coronagraphs, COR1
(1.4–4 R⊙) and COR2 (2.5–15 R⊙). The CME was not seen by
STEREO-B since it was directed toward it and was perhaps too
faint to be seen as a halo CME. The LASCO/C2 (1.5–6 R⊙) and
C3 (3.7–30 R⊙) coronagraphs also observed the CME. The time
of arrival of CME in C2 was 23:06 UT on September 26, in C3
was 14:18 UT on September 27, and in HI1 was on 21:29 UT
on September 27.

The propagation angle of the CME leading edge is derived
using the same procedure as described in Section 3.2 and applied
to filament apex. The projection correction to the POS height-
time profiles of the CME (top right panel of Figure 6) is then
applied to derive the true height-time profiles (bottom right panel
of Figure 6).

3. HEIGHT-TIME PROFILE OF ERUPTING
FILAMENT AND CME

3.1. Plane-of-sky Measurements

We make POS measurements of the filament apex (marked
by the “+” symbol in the panels of Figure 2) using TESIS and
STEREO-A observations. The RPOS/R⊙ profile of the filament
apex measured from the two views (from STEREO-A and
TESIS) is plotted in the top left panel of Figure 6. Similarly,
the top right panel of Figure 6 shows the RPOS/R⊙ profile
of the leading edge of the CME measured with STEREO-A
and LASCO coronagraph observations. The difference in the
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Figure 2. Four different views on the erupting filament in He ii 304 Å. The top panel shows the STEREO-Behind (left) and STEREO-Ahead (right) views. The bottom
panel shows the Earth views by SoHO/EIT (left) and CORONAS/TESIS (right).

RPOS/R⊙ profiles of the filament apex and CME leading edge as
seen by different satellites is apparent, since the measurements
correspond to two different vantage points.

3.2. Estimation of the True Height-time Profile
using Simple Triangulation

The POS measurements, RPOS/R⊙, of the filament apex and
the CME leading edge, described above, can be corrected for
projection effect if we know the angle between the real trajectory
of the erupting feature and the POS in the observer’s frame of
reference. The true R/R⊙ profile is related to the RPOS/R⊙

profile, measured in the POS, by (R/R⊙)cosθ = RPOS/R⊙,
where θ is the angle between the real trajectory and the POS,
referred to as propagation angle henceforth.

Here we apply a simple trigonometric relation, using image
pairs from STEREO-A and TESIS/EIT (henceforth, Earth view
or EV), to estimate the propagation angle. We then use this
information to derive the true R/R⊙ profile of the erupting fila-
ment and the CME. A simple assumption made here is that the
propagation angle remains unchanged during the time of the
measurements. We verified this assumption by computing
the propagation angle using STEREO-A and TESIS pair at later
times and found that the angle remains the same (see Table 1).

We explain the trigonometric procedure here briefly. The
illustration in Figure 4 shows the geometric setting of the two
STEREO satellites and the EV with respect to the filament. The
projected height of the top part of the filament is ha and hb in
the POS of STEREO-A and EV, respectively. S is the separation

Table 1

Propagation Direction using Simple Triangulation and Marinus Method

TESIS STEREO-A � αa � βa Latitudeb Longitudeb

20:16 UT 20:16 UT 41◦ 20◦ 28◦ 148◦

20:24 UT 20:26 UT 41◦ 20◦ 28◦ 148◦

20:48 UT 20:46 UT 41◦ 20◦ 27◦ 149◦

20:56 UT 20:56 UT 41◦ 20◦ 25◦ 149◦

21:04 UT 21:06 UT 41◦ 20◦ 25◦ 149◦

21:59 UT 21:56 UT 40◦ 21◦ 21◦ 152◦

22:15 UT 22:16 UT 40◦ 21◦ 19◦ 152◦

Notes.
a Angles α and β measured by simple triangulation method.
b Carrington latitude and longitude using Marinus method.

angle between STEREO-A and EV (61◦), and α and β are the
angles that the top of the filament apex (trajectory) makes with
respect to the POS. We obtain the angles using the relations
S = α + β and ha/hb = cos(α)/cos(S − α). Knowing these
angles, we can apply corrections to the POS heights ha and hb

to obtain the true height hTrue = ha/cos(α) = hb/cos(β).
Figure 5 shows an example of two stereoscopic image pairs,

i.e., STEREO-A (left panel) and EIT (right panel), observed
almost simultaneously. The two images are in epipolar view.
The segments ha and hb measure the top part of the filament
as viewed from two vantage points. Knowing ha, hb, and S,
we determine α and β to be 41◦and 20◦, respectively. Since
only one stereoscopic pair is available between SoHO/EIT and
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Figure 3. STEREO-A (top) and B (bottom) images of the eruptive filament (LF
and SF) are shown. The edges of the filament sheet (LF) are outlined by dashed
(red) and dotted (yellow) lines. The sheet appears to be twisted along its legs.

(A color version of this figure is available in the online journal.)

STEREO-A, we make use of TESIS data to make pairs with
STEREO-A. The observations of STEREO-A and TESIS are not
synchronized in time and both instruments follow a different
time cadence (see Table 1). Assuming that the filament did not
evolve significantly within the small time differences, we could
make eight near-simultaneous stereoscopic pairs of TESIS and
STEREO-A. The timings of these pairs and the value of angles α
and β deduced using these pairs are given in Table 1. It may be
noticed that during the observed time interval the propagation
angle does not change and therefore it is possible to correct the
observed POS height-time profiles for propagation angle using
the single value of α and β. In Section 3.3.3 we show that these
values are consistent with other 3D reconstruction methods. The
corrected height-time profile of the filament apex is shown in
the lower left panel of Figure 6.

Similarly, applying this method to the CME leading edge
we deduce angles α and β to be 36◦and 25◦, respectively. The
true height-time profile of CME leading edge after correcting
for these angles is shown in the lower right panel of Figure 6.
It is interesting to note that the direction of propagation of the
filament apex and the CME leading edge differs by about 5◦. The
filament typically forms a core in the three part CME structure.
However, since the CME leading edge is more extended, i.e.,
the front surface of a tear-drop shaped bubble in which filament
forms a trailing part, the difference of 5◦is small considering
the large angular extent of the filament and the associated CME.
Another interesting point about this method is that the two curves
merge into one (as seen in the combined curves in lower panels)
only for a unique pair of α and β angles, where the sum of
the two angles (S = α + β, in this case equal to separation

between Earth and STEREO-A, i.e., 61.◦5) is well constrained by
the known separation angle between the two vantage points. For
any other pair of these angles the two curves did not merge into
one. Thus, just by knowing the separation angle between two
vantage points and the respective POS height-time profiles, one
can iteratively adjust the angles (in fact only one of the angles,
as the two angles α and β are simply α and S − α), until the
two curves merge as one. This procedure also gives the same
solution for α and β. These true height-time profiles are then
used for deriving the velocity and acceleration profiles of the
filament and CME, which is described in the following sections.

3.2.1. Estimating the Duration of Rapid Acceleration Phase

In this section, we use the true height-time curves, shown in
the lower panels of Figure 6, to derive the velocity, acceleration,
and jerk (rate of change of acceleration, following Schrijver
et al. 2008) profile of the filament and CME. The latter can then
be compared to the predictions of theoretical eruption models
described in the Introduction. Since the acceleration and jerk
are the higher order time derivative of the trajectory, errors in
the measured data amplify strongly, so one is typically forced
to smooth the data before calculating acceleration curves, for
example, using spline smoothing (Vršnak et al. 2007). Here
we will use a different approach: we first fit a fourth-order
polynomial of the form H (t) = a + bt + ct2 + dt3 + et4 to
the height-time data. We then use this smooth curve to obtain
the velocity, acceleration, and jerk profiles. These profiles are
shown in Figure 7 for the filament and the CME leading edge
in the left and right columns, respectively.

It is to be noted that the underlying physical mechanism
responsible for the eruption determines the functional form
of the height-time profile only initially, i.e., during the phase
when acceleration is growing, but not yet saturating. Once the
acceleration starts to saturate, the functional form is changing.
From Figure 7 we note that the acceleration profiles as estimated
from the fourth-order polynomial are quite different for the
filament and the CME. While the acceleration of the CME
leading edge is higher than that of the filament, the rate of
change of acceleration, i.e., the value of jerk for the CME is
declining, in contrast to the filament. This suggests that during
the time interval of the CME data the increase of the acceleration
of the leading edge is slowing down, while the growth of the
acceleration of the filament is still increasing. We therefore
restrict our fits of different functional forms to the filament only
and not to the CME.

3.2.2. Fitting Functional Forms to the Filament
Rapid Acceleration Phase

Before we fit the functional forms we make an estimation
of the optimum time interval which corresponds to rapid
acceleration phase of the filament. To get the first estimation,
we took the start time where the acceleration starts to grow from
zero and the end time as the last data point. We then fine tune our
estimation of the time interval of the rapid acceleration phase
by varying their start and end times and observing the resulting
quality of the overall fits of all three functional forms. The
interval leading to an overall best-fit quality for all functional
forms is marked by vertical dashed lines in Figure 7.

Within this rapid acceleration interval we then find the
best-fit functional form as described below. We fit the three
different functional forms: (1) parabolic, H (t) = a + bt + ct2,
(2) exponential, H (t) = aebt + c, and (3) cubic, H (t) =

a+bt+ct3 to the height-time profile during the rapid acceleration
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Figure 4. Illustration of the de-projection method. The coronal structure is represented by a yellow loop extending above the solar limb. The top part of this loop is at
an angle α (β) to the plane of sky in the reference frame of STEREO-A (Earth view, EV). S is the separation angle between STEREO-A and EV. The segments ha and
hb are the projected distances (R + h) cos(β) and (R + h) cos(α), respectively. S is related to α and β by S = α + β (if the loop is seen in front of the limb in one view
and behind the limb in the other) or by S = |α − β| (if the loop is seen on the same side of the limb, i.e., either in front of or behind the limb, in both views). If ha,
hb, and S are known, α and β can be determined.

(A color version of this figure is available in the online journal.)

Figure 5. Near-simultaneous STEREO-A and SoHO/EIT filtergrams in epipolar geometry. The segments ha and hb are measured from the apex of the filament. The
separation angle between Earth and STEREO-A is S = α + β = 61◦.

(A color version of this figure is available in the online journal.)

phase. The left panel of Figure 9 shows these fits. The reduced
χ2 χν values are shown at the top left corner of each panel. The
weights that we apply to the data points for fitting are taken
to be W = 1/σ 2, where σ is the standard deviation of the
measurement error. We assume a Gaussian distribution for the
latter. The pixel size of STEREO/EUVI is about 2 Mm. For
the filament (or prominence), which is typically quite diffuse in
He ii 304 Å images, we consider 3 pixels, i.e., 6 Mm as the 1σ
error. The actual errors may be somewhat different. However,
while using different values of 1σ will lead to different values
of χν , the relative values of χν between different functional
forms will remain the same. The fits of the three functional

forms shown in the left panels of Figure 9 clearly favor an
exponential rise of the filament, with a relatively better value
of χν .

3.3. The 3D Reconstruction by using Marinus Projection

3.3.1. The Method

Here we describe a new tomographic method for the 3D
reconstruction. We used simultaneous views of the filament from
STEREO-A and B and TESIS in He ii 304 Å wavelength. The
essence of the method is as follows.
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Figure 6. Top panels show the POS height-time profiles of the filament apex (left) and CME leading edge (right) as seen from different viewpoints (see the inset for
the observing satellites). The lower panels show the true height-time profiles derived by using the simple trigonometric method (Section 3.2).

A continuum intensity image of the Sun, I(x, y), can be easily
projected into heliographic coordinates I(l, b). This projection
is also known as equidistant cylindrical or Marinus projection.
Since the continuum intensity I(x, y) corresponds to the solar
photosphere, each point (x, y) on the intensity image can be
associated with heliographic coordinates (l, b), assuming a
spherical Sun with radius, R = R⊙. A common feature on the
solar disk such as a sunspot should then correspond to the same
Carrington latitude–longitude, no matter what the viewing angle
of the Sun is. However, for coronal images like in He ii 304 Å
the intensity features corresponding to filaments, spicules, etc.,
do not lie on the same sphere but are elevated structures in
3D. Thus, a common feature like a filament or coronal loop
will correspond to location (l1, b1) and (l2, b2) in heliographic
projection of the coronal images obtained from different viewing
points 1 and 2, respectively (when R = R⊙ is assumed).
Conversely, if the heliographic projection is attempted assuming
the Sun to be a sphere of radius larger than one solar radius and
a correct radius of the sphere is assumed (equal to the altitude
of the feature), then the we should get l1 = l2 and b1 = b2 for
the common feature.

Thus, generating the generalized Carrington maps for differ-
ent assumed radii of the spherical grid, using a 5 Mm step from
R = 700 Mm to R = 1500 Mm, and comparing the Carrington
coordinates (latitude–longitude) of a recognizable common fea-
ture, such as filament apex, in the three Carrington maps (one
for each viewing angle) until they all agree gives us a solution
for the 3D coordinates of the feature. We found that this step size
of 5 Mm gives an optimum choice to arrive at the best agree-
ment for the generalized coordinates of a recognizable feature.
Thus the generic accuracy of the method can be assumed to be
about 5 Mm.

We geometrically consider both intersections of the line
of sight with the reference sphere. When the radius of the
reference sphere is equal to the chromospheric radius, we

take into account the single point located physically in front
of the POS. When the radius of the reference sphere is
greater than the chromospheric radius, we must in princi-
ple take into account both intersection points located respec-
tively in front of and behind the POS. That is why in the
top panel of Figure 8 the prominence, projected on the far
side of the reference sphere, behind the POS of STEREO-A,
appears as reversed from right to left with respect to the di-
rect view in Figure 2. In addition, the far side of the solar disk
appears as a dark, missing disk in the top panel of Figure 8.

3.3.2. Advantages and Limitations of the Method

It is well known that all stereoscopic reconstruction methods
are limited by the ambiguity in recognizing a common feature
in different views. Further, a common limitation that arises with
any 3D stereoscopic reconstruction technique is when the apex
point from two viewing angles may be different. Such situa-
tions would lead to a systematic error in the reconstructed 3D
coordinates. However, we expect such errors to be less severe
in our case because (1) the filament studied here has a large
extension in longitude which is rising globally as a whole, so
height-time profile of several neighboring points along the fila-
ment will be similar, and (2) using combination of STEREO-A
and TESIS (separation angle 61◦) as compared to STEREO-A
and STEREO-B (separation angle 117◦), we reduce the errors.
Although such systematic errors cannot be avoided, the time
derivative of measured altitude and hence the derived velocity
and acceleration should not be affected severely as long as the
systematic error remains similar in magnitude. Therefore, for
studying the kinematic evolution of erupting prominence such
reconstruction methods may still be applicable, with aforemen-
tioned limitations.

Figure 8 shows selected parts of the three generalized Carring-
ton maps corresponding to STEREO-A, TESIS, and STEREO-B
views, generated assuming radii of the spherical grid to be
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Figure 7. Left (right) panels show, from top to bottom, the height, speed, acceleration, and jerk (rate of change of acceleration) profiles of the filament apex (CME
leading edge), respectively. In the top panels, the data points are shown by “+” marks and the solid line corresponds to a fourth-order polynomial fit (H (t) = a+bt +ct2 +
dt3 + et4) to the data. The fitted profile H (t) is used to derive the speed, acceleration, and jerk curves in the subsequent panels. The two vertical dotted lines in the left
panels correspond to the estimated duration of the rapid acceleration phase of the filament, which is fitted with different functional forms in Figure 9.

1245 Mm, i.e., 545 Mm above the solar surface. At the choice
of this radius, the common feature, i.e., the filament apex
marked by a square box, corresponds to the same Carrington
latitude–longitude coordinates in the different views. In prin-
ciple, two stereoscopic views are sufficient for the application
of this method. However, adding more views increases redun-
dancy (for example, in the present case more emphasis is given
to TESIS and STEREO-A for constraining reconstruction) and
therefore may add to its robustness. In the future, we plan to
apply this method to the events observed simultaneously by the
two STEREO/EUVI instruments along with the high-resolution
SDO/AIA observations.

3.3.3. Comparison with SCC_MEASURE and Simple
Triangulation Method

The 3D reconstruction of the filament studied in this paper
was also carried out by Li et al. (2010) using SCC_MEASURE
procedure (developed by W. Thompson). They used STEREO-A
and STEREO-B pair for their reconstruction. Further, they
reconstructed many (12) points along the filament body (their

Figure 5). Their points 6, 7, and 8 correspond to the top of
the filament and one can note that the height evolution of
these points (their Figure 6(a)) is quite similar to each other
(within ±6 Mm), though the points are separated spatially, this
is due to the large-scale uniform evolution of the filament. For
comparison, we overlay the altitude data points of location 7,
as reconstructed by Li et al. (2010) in our height-time plot
shown with red symbols in the top right panel of Figure 9. The
reconstruction from two independent methods agrees quite well,
considering the general scatter in the reconstructed coordinates.

On the other hand, a poorer match is expected between the true
3D reconstruction methods and the simple triangulation method
since the latter only estimates the propagation angle and not the
3D coordinates of the filament. The height derived from simple
triangulation method shows a systematic offset with respect
to the true height derived from 3D reconstruction methods.
Apart from the systematic offset, the profile of the derived
speed and acceleration should, however, remain unaffected, as
these depend upon the shape of the curve. This is evidenced
in a similar fit quality of the height-time profile by both the
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TESIS 26-Sep-2009 22:39 UT

STEREO-B 26-Sep-2009 22:37 UT

STEREO-A 26-Sep-2009 22:36 UT

Figure 8. Top, middle, and bottom panels show the three views of the Sun from
the STEREO-A, TESIS, and STEREO-B, respectively, in Marinus projection.
The top part of the filament is marked by a white box in all images.

methods to different functional forms (see Section 3.3.4). Also,
the method is straightforward and relies on tracking a common
feature in the images taken from the same vantage point albeit
at different times. The natural advantage is that it is easy to track
a common feature in time if the time difference between two
images is not very large.

Further, it may be noted from Table 1 that the angles α and
β are not changing significantly. In the 3D reconstruction by
Li et al. (2010, their Figure 4, right panels) it can be seen that
a propagation angle of ∼20◦ in front of the east solar limb is
deduced and is not changing significantly. Also, the Carrington
longitude of the filament apex reconstructed using Marinus
method (Table 1) shows a small variation in longitude of ∼4◦,
while the mean value of the longitude, ∼150◦, corresponds to an
angle of ∼20◦ in front of the east solar limb, in agreement with
Li et al. (2010) and angle β from simple triangulation method.

3.3.4. Rapid Acceleration Phase and Its Functional Form

We use this tomographic 3D reconstruction method based on
Marinus projection to obtain the 3D trajectory of the filament
apex. The rise of the altitude of the filament apex is fitted
for different functional forms. The time interval of the rapid
acceleration phase is taken to be the same as estimated in
Section 3.2.1. The height-time curve and the fitted parabolic,
exponential, and cubic functions to it are shown in the right
panel of Figure 9 from top to bottom, respectively. The reduced
χ2 χν values are shown at the top left corner of each panel. It is
found that an exponential form fits the observations relatively
better as compared to the other functions. The exponential

function was also found to fit the rapid acceleration phase
relatively better than other functions in Section 3.2.2, where
simple triangulation method was used. This is shown in the left
panel of Figure 9.

4. DISCUSSION AND CONCLUSIONS

In this paper we analyzed the observations of a large erupting
quiescent filament which was observed from three vantage
points by STEREO-A, B, and the EV (SoHO/EIT and TESIS).
The filament rose slowly for several hours before accelerating
rapidly and erupting in two parts, a large and a small filament.
We analyzed the kinematics of the large filament, whose true
trajectory was derived by two methods: one simple triangulation
method and another newly introduced tomography method.
The new tomographic method can potentially take advantage
of simultaneous observations from multiple vantage points to
constrain the reconstructions better. After deriving the true
trajectory by the two methods, we fitted the height-time curves
with different functional forms and compared the results with
predictions of theoretical eruption models.

The key points in the observational analysis can be summa-
rized as follows.

1. The eruption involved two filaments, a large one and a small
one, which were located above the same PIL, suggesting
that they were embedded in the same, elongated filament
channel. The photospheric magnetic field strengths at the
location of the filaments were weak (up to about 3 G). The
two filaments erupted almost simultaneously. In the present
analysis we focused on the eruption of the more prominent
large filament.

2. We used two different approaches to derive the true height-
time profile of the filament. First, we used a simple
triangulation method to determine the angle which the
filament trajectory makes with respect to the POS and
applied correction to the POS height-time profile to derive
true height-time profile. Second, we used tomographic
approach where we make Marinus projections of the three
views of the Sun on spheres of radii larger than the solar
radii so as to arrive at a common latitude–longitude position
of a common feature (filament apex) in all maps. The
advantage of the first method is that once we know the
propagation angle with respect to POS from triangulation,
we can go back and forth in time and correct the POS height-
time profile obtained with even one satellite, i.e., durations
when only one view is available, e.g., when in one of the
stereoscopic pairs the filament is behind the limb or out of
the field of view (FOV). However, the method assumes that
the propagation angle of the filament with respect to POS
does not change substantially over the time of observations.

3. During its early rise phase, the filament exhibits the mor-
phology of a twisted sheet. However, its chirality could not
be inferred from the images.

4. We derived the acceleration and jerk (rate of change
of acceleration) profiles for the filament and the CME
(Figure 7). It is believed that the initial rapid acceleration
phase, when acceleration is growing, may be suggestive of
the physical mechanism behind the eruption (Schrijver et al.
2008). However, the acceleration curve must be growing
and not saturating or slowing down; in other words, the
jerk should be increasing. By studying the jerk profiles
in Figure 7 for the filament and the CME we decided to
fit different functional forms to the filament observations
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Figure 9. Panels on the left and right show the altitude-time curve for the erupting filament derived from simple triangulation method (Section 3.2) and 3D reconstruction
method (Section 3.3). The four data points in red in the top right panel correspond to the altitude reconstructed by using SCC_MEASURE method. The altitude-time
curve corresponds to the rapid acceleration phase of the filament eruption and is fitted for three functional forms viz. parabolic, exponential, and cubic (from top to
bottom). The reduced χ2 value of the fit is displayed on the top left corner of each panel.

(A color version of this figure is available in the online journal.)

only and not to the CME, because the jerk profile of the
CME suggests that its acceleration is already saturating.
Since the CME observations are available only when it
enters the coronagraph’s FOV, which is much later than the
observations of the filament eruption, we missed the initial
rapid acceleration phase of the CME.

5. We estimate the rapid acceleration phase of the filament
between 17:50 UT and 22.33 UT, using the procedure
described in Section 3.2.1. This phase is marked by two
dashed lines in the left panel of Figure 7. We fit functional
forms of a parabolic, exponential, and cubic function to
the true height-time profile of the filament apex during
the rapid acceleration phase. The fits to the true height-
time curves derived from two independent reconstruction
methods described in Sections 3.2 and 3.3, respectively, are
shown in Figure 9.

We now compare our analysis of the eruption kinematics with
the predictions of theoretical eruption models described in the
Introduction. We note that the conclusions obtained from such a
comparison should be read with some care and not be understood
as a way to strictly confirm or rule out certain models. First,
height-time data obtained with current instruments are still not
accurate enough and typically do not have sufficient cadence
to allow us to clearly pin down the functional forms of rise
profiles, which may behave very similar over the relatively short
timescales of the initial rapid acceleration in solar eruptions.
Also, a clear functional dependence may not be present if
several acceleration mechanisms are at work simultaneously
in an eruption. Second, for many models, a proper investigation
of the functional dependence of the eruption kinematics has not
yet been reported, and even for most of those for which it was,
there exists no parametric study, which may reveal kinematics
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of a different functional dependence than reported for specific
settings of the model parameters.

Our data indicate that the rapid acceleration phase already
started before the eruption became visible in the coronagraph
data, so we restricted our analysis of the early acceleration phase
to the filament observations. Our fits suggest that the filament
enters an exponential rise phase at about 17:50 UT, which then
appears to saturate from around 22:33 UT. Such exponential
initial acceleration is in line with many previous studies (see the
Introduction) and supports the current picture that both quies-
cent and active region filament eruptions, and their associated
CMEs, are driven by the same mechanisms. It suggests the oc-
currence of an ideal MHD instability, here most likely the torus
instability. We did not find indications of a clear writhing motion
of the filament that would suggest the additional occurrence of
the helical kink instability, although the twisted appearance of
the filament sheet may indicate some untwisting of the magnetic
field during the early phase of the eruption.

The exponential acceleration found here is different from
the cases studied by Schrijver et al. (2008), where a cubic
(or near-cubic) rise was found for two active region filament
eruptions. However, using numerical simulations, these authors
showed that a relatively large initial velocity of the erupting
structure at the onset of its rapid acceleration can change the
subsequent rise behavior from exponential to cubic. The slow
rise velocity of the filament (estimated from Figure 7, plateau
in the filament speed curve before the first vertical dashed line)
before the filament enters rapid acceleration phase is relatively
small, about ∼2.5 km s−1, however, comparable to the case
described in Schrijver et al. (2008). The exponential rise also
differs from the recent results by Joshi & Srivastava (2011),
who found a constant acceleration for both the slow rise and
rapid acceleration phases of the two 3D-reconstructed quiescent
prominence eruptions. However, these authors apparently did
not fit functions other than parabolic, and also the quality of
their fits is not reported.

While the data we considered here support the torus instability
as the mechanism responsible for the initial rapid acceleration
of the filament, they do not provide reasonable clues for the
cause for its preceding relatively long slow rise phase. We did
not find indications of pre-flare brightening which are often
used to draw conclusions. Hence, we do not find support
for tether-cutting or magnetic breakout, but we cannot rule
out the occurrence of these and other reconnection-related
mechanisms, since the magnetic fields in the source region
of the eruptions might have been simply too weak to produce
detectable brightening. We therefore refrain from speculating on
the exact underlying mechanism responsible in the present case.
However, more studies using the methods developed in this work
and encompassing larger sets of observations, including the
high-resolution SDO/AIA observations, could provide better
clues.

We thank the SoHO/EIT and STEREO/SECCHI teams for
their open data policy. We thank TESIS/CORONAS team
for providing the data. Financial support by the European

Commission through the FP6 SOLAIRE Network (MTRN-CT-
2006-035484) is gratefully acknowledged.
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ABSTRACT

A sequence of apparently coupled eruptions was observed on 2010 August 1–2 by Solar Dynamics Observatory
and STEREO. The eruptions were closely synchronized with one another, even though some of them occurred
at widely separated locations. In an attempt to identify a plausible reason for such synchronization, we study
the large-scale structure of the background magnetic configuration. The coronal field was computed from the
photospheric magnetic field observed at the appropriate time period by using the potential field source-surface
model. We investigate the resulting field structure by analyzing the so-called squashing factor calculated at the
photospheric and source-surface boundaries, as well as at different coronal cross-sections. Using this information
as a guide, we determine the underlying structural skeleton of the configuration, including separatrix and quasi-
separatrix surfaces. Our analysis reveals, in particular, several pseudo-streamers in the regions where the eruptions
occurred. Of special interest to us are the magnetic null points and separators associated with the pseudo-streamers.
We propose that magnetic reconnection triggered along these separators by the first eruption likely played a key
role in establishing the assumed link between the sequential eruptions. The present work substantiates our recent
simplified magnetohydrodynamic model of sympathetic eruptions and provides a guide for further deeper study of
these phenomena. Several important implications of our results for the S-web model of the slow solar wind are also
addressed.

Key words: magnetic reconnection – solar wind – Sun: coronal mass ejections (CMEs) – Sun: flares –
Sun: magnetic topology

Online-only material: color figures

1. INTRODUCTION

Coronal mass ejections (CMEs) are spectacular solar phe-
nomena that have been intensely studied over more than
40 years. Being the main driver of space weather disturbances
near the Earth, they are part of a more general eruption process,
often including filament eruptions and flares. Although it is now
understood that these phenomena are due to a local destabiliza-
tion of the coronal magnetic field, many basic questions on the
physics of CMEs are still under study (e.g., Forbes 2000, 2010).
Accordingly, theoretical and numerical investigations of CME
initiation and evolution have so far focused mainly on single
eruptions.

However, there also exist multiple eruptions occurring within
a relatively short period of time and at different, often widely
separated, locations. In the largest events, the respective source
regions can cover a full hemisphere (so-called global CMEs;
e.g., Zhukov & Veselovsky 2007), so that such events naturally
produce large heliospheric disturbances. While it has been
argued whether or not the temporal correlation of multiple
eruptions is coincidental (e.g., Biesecker & Thompson 2000),
both statistical investigations (e.g., Moon et al. 2002; Wheatland
& Craig 2006) and detailed case studies (e.g., Wang et al. 2001;
Jiang et al. 2011; Yang et al. 2012; Shen et al. 2012) indicate
that there are causal connections between them.3 We accept this
fact as a starting point of our study and will henceforth call such
eruptions sympathetic or linked.

The physical mechanisms of these connections, however,
have yet to be unveiled. In earlier works they have been related,

3 We do not distinguish here between sympathetic flares and sympathetic
CMEs, since typically both are part of the same eruption process.

for instance, to destabilization by chromospheric large-scale
waves (Ramsey & Smith 1966) or large-scale properties of
convective flows (Bumba & Klvana 1993). More recent research
suggests that the mechanisms linking sympathetic eruptions
act in the corona and involve its magnetic field structure.
For example, one proposed mechanism relies on perturbations
propagating along field lines between the source regions of
eruptions (e.g., Jiang et al. 2008), while another appeals to
changes in the background field due to reconnection (Liu et al.
2009; Zuccarello et al. 2009; Jiang et al. 2011; Shen et al.
2012). Yet such explanations were often based on qualitative
and sometimes rather speculative considerations.

The high-cadence, full-disk observations by Solar Dynamics
Observatory (SDO), along with studies of the large-scale coro-
nal magnetic field, now provide us the opportunity to substan-
tially increase our understanding of such eruptions. The event
under study attracted considerable attention in the solar com-
munity and beyond. It involved an entire hemisphere of the Sun,
consisted of several flares and six filament eruptions and CMEs,
and triggered a geomagnetic storm on August 3 (Harrison et al.
2012). A detailed account of all eruptions and their precursors
can be found in Schrijver & Title (2011). Here, we restrict our-
selves to the main five eruptions, whose connections we aim
to explain in the present study. Using a combination of SDO
data and analysis of field line connectivity for the 2010 August
1–2 eruptions, Schrijver & Title (2011) found evidence that all
involved source regions were connected by structural features
such as separatrix surfaces, separators, and quasi-separatrix lay-
ers (QSLs; Priest & Démoulin 1995; Démoulin et al. 1996;
Titov et al. 2002). We have recently performed a simpli-
fied magnetohydrodynamic (MHD) simulation of a subset of
these eruptions (Török et al. 2011), in which two successive
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Figure 1. Sympathetic CMEs on 2010 August 1 with the main eruptions numbered in the order of their occurrence, primed numbers indicate near-simultaneous events;
(a)–(c) eruptions 1, 2, and 3 as seen by STEREO-A 304 Å at 02:56, 09:16, and 22:06 UT (left to right); (d) eruption 3′ observed by SDO/AIA 304 Å at 21:30 UT;
(e) eruption 2′ captured by the COR2 coronagraph on board STEREO-A at 08:54 UT; (f) synoptic MDI magnetogram and contours (green) of the pre-eruption filaments
that were visible in Hα, the yellow line indicates the location of the active-region filament 2′ prior eruption.

(A color version of this figure is available in the online journal.)

eruptions were initiated by reconnection at a separator high in
the corona. Thus, this work strongly supports the idea that the
structural features can indeed play a key role in generating linked
eruptions.

While these new results are very encouraging, further research
is needed. First, our simulation used only a simplified magnetic
configuration and addressed just a subset of the complex
sequence of CMEs on 2010 August 1–2. Second, the findings
by Schrijver & Title (2011), being of a general nature, did
not explain the exact role of structural features in connecting
individual eruptions. We show here that a comprehensive
structural analysis of the magnetic environment in which such
eruptions occur allows one to get deeper insights into the
relationship between linked eruptions.

Figure 1 shows that the sequence of eruptions started with a
CME following the eruption of the small filament 1. About
6 hr later, the large quiescent filament 2 erupted, almost
simultaneously with a C-class flare and fast CME originating
in active-region NOAA 11092 (whose polarity inversion line is
denoted by 2′) to the east of filament 1. After another 12 hr, the
large quiescent filament 3 erupted, again almost simultaneously
with a large filament eruption (denoted by 3′) that was observed
above the eastern limb. All of the large filament eruptions
evolved into separate CMEs. Interestingly, while a filament was
present along 2′, it did not erupt as part of the CME (Liu et al.
2010).

Our topological analysis of the large-scale background coro-
nal field, which we describe in detail in Section 3, reveals that,
first, all of the erupting filaments were located prior to their

eruption below so-called pseudo-streamers (e.g., Hundhausen
1972; Wang et al. 2007). A pseudo-streamer is morphologically
similar to a helmet streamer but, in contrast to it, divides coronal
holes of the same rather than opposite polarity and contains two
lobes of closed magnetic flux below its cusp to produce a �-type
structure. These structures are quite common in the corona (e.g.,
Eselevich et al. 1999) and are often observed to harbor filaments
in their lobes (Panasenco & Velli 2010). As the latter authors
pointed out, an eruption in one lobe of a pseudo-streamer is of-
ten followed by an eruption in the other lobe shortly thereafter,
indicating that these structures are prone to producing linked
eruptions.

Second, as suggested by Török et al. (2011), the eruptions
2 and 3, which originated below one pseudo-streamer, were
apparently triggered by eruption 1 that occurred outside the
pseudo-streamer. Third, as also suggested in that study, the fact
that filament 2 erupted before filament 3, although it was located
further from eruption 1 than filament 3, can be explained by the
topological properties of the pseudo-streamer.

These three conclusions are strongly supported by our analy-
sis in Sections 3 and 4 and indicate the central role that pseudo-
streamers may play in many linked eruptions. We further de-
velop this concept and generalize it in Section 4, arguing that
the order of all our eruptions, including those of filaments 2′ and
3′, is not coincidental but causal. It is essentially predetermined
by the overall magnetic topology of the ensemble of pseudo-
streamers that were involved into the eruptions. We compre-
hensively investigate this topology in the framework of the po-
tential field source-surface (PFSS; Altschuler & Newkirk 1969;
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Schatten et al. 1969) model (Section 2.1), using new techniques
for the structural analysis of magnetic fields (Section 2.2).

Being of a general character, our findings on magnetic
topology of pseudo-streamers have a broader impact than was
initially anticipated for this study. In particular, they also provide
important implications for the problem of the origin of the slow
solar wind, which was recently addressed in the framework of
the so-called S-web model (Antiochos et al. 2007; Antiochos
et al. 2011; Linker et al. 2011) and whose aspects have already
been discussed in a number of papers (Titov et al. 2011; Wang
et al. 2012; Crooker et al. 2012). We address the implications of
our new results for the S-web model in Section 5 and summarize
our work in Section 6.

Although solar magnetic fields obtained from PFSS and MHD
models often qualitatively match each other, at least if the
latter are based only on line-of-sight magnetograms (Riley et al.
2006), it remains an open question whether the magnetic field
topology, as understood in mathematical terms, is in both cases
the same. Section 3.3 makes it clear that this question indeed
requires a special study, which is already on the way and will
be described in the part II of a series of papers. In that part, we
will repeat our analysis of the magnetic structure for the global
solar MHD model derived from the same magnetogram as used
in the present PFSS model. We will also compare the results
of our analysis for both these models and, additionally, extend
the discussion of these results, which we start in Section 4, in
relation to observations.

2. INVESTIGATION METHODS

2.1. PFSS Model

As a boundary condition for our PFSS model, we used the
magnetic data that were derived from a Solar and Heliospheric
Observatory/MDI synoptic map of the radial field Br for
Carrington rotation 2099 (2010 July 13–August 9) using the
Level 1.8.2 calibration. We processed the synoptic map, first,
by interpolating it to a uniform latitude–longitude mesh with
a resolution of 0.◦5. The polar magnetic field was fitted in
the new map with a geometrical specification to reduce noise
in the poorly observed polar regions. Second, we smoothed
the resulting Br by applying a diffusion operator such that its
nonuniform diffusion coefficient was smaller in the active region
and larger everywhere else. Finally, we interpolated the obtained
Br distribution from the uniform grid to a nonuniform one
that has a higher and lesser resolution, respectively, inside and
outside the eruptive region. This region is spread in longitude
and latitude approximately from 45◦ to 180◦ and from −20◦ to
65◦, respectively, with the resolution ranging from 0.◦37 × 0.◦37
in this region to 2.◦6 × 1.◦8 outside (see Figure 2(a)).

The spherical source surface, at which the scalar magnetic
potential is set to be constant, is chosen at r = 2.5 R⊙, where
R⊙ is the solar radius. For such a PFSS model, we have
computed the photospheric map of coronal holes on a uniform
grid with an angular cell size of 0.◦125, which is much smaller
than the smallest grid cell for the computed field itself. The
result is shown in Figure 2(b) together with the source-surface
distribution of the squashing factor Q, which will be discussed
below. The three coronal holes of negative polarity that are
located in the eruptive region are distinctly disconnected from
each other and from the negative northern polar coronal hole.
As will become clear later, the presence of these coronal holes
in the eruptive region is crucial for understanding both the

underlying magnetic topology and the plausible casual link that
this topology sets up between the erupting filaments.

2.2. Techniques for Analyzing Magnetic Structure

Magnetic configurations can generally have both separatrix
surfaces and QSLs. To comprehensively analyze the structure of
our configuration, it is necessary to determine all such structural
features, whose complete set we call the structural skeleton of
the configuration. We fulfill this task in two steps: first, we
identify the footprints of the corresponding (quasi)-separatrix
surfaces at the photosphere and source surface by calculating
the distributions of the squashing factor Q of elemental magnetic
flux tubes (Titov et al. 2002; Titov 2007); these footprints are
simply high-Q lines of the calculated distributions. Second,
using the found footprints as a guide, we trace a number of
field lines that best represent these surfaces.

For the calculation of Q we use its definition in spherical
coordinates (Titov 2007; Titov et al. 2008). By construction, the
Q factor has the same value at the conjugate footpoints, so it
can be used as a marker for field lines. In other words, despite
being originally defined at the boundary surfaces only, the Q
factor can be extended into the volume by simply transporting
its defined values along the field lines according to the equation

B · ∇Q = 0,

where B is a given coronal magnetic field and Q is an unknown
function of space coordinates. This equation can be solved in
many different ways depending on the desirable accuracy and
efficiency of the computation. We will describe our methods for
extending Q in the volume in a future article together with other
techniques for investigating (quasi-)separatrix surfaces, while
here we would like to outline a few relevant considerations.

The extension of Q in the volume makes it possible to
determine the structural skeleton as a set of high-Q layers.
They can intersect each other in a rather complicated way,
especially low in the corona. With increasing height, however,
the intersections become simpler, which particularly helps our
goal of studying the large-scale structure. Determining the Q
distribution at a given cut plane, similar as done before in other
works (Aulanier et al. 2005; Titov et al. 2008; Pariat & Démoulin
2012; Savcheva et al. 2012a, 2012b), is also helpful for analyzing
complex structures. We calculate Q distributions at cut planes,
extending the method that Pariat & Démoulin (2012) described
for configurations with plane boundaries to the case of spherical
boundaries. The high-Q lines in such distributions visualize the
cuts of the structural skeleton by those planes. As will be shown
below (Figure 9), this kind of visualization becomes particularly
useful if the colors corresponding to low values of Q (� 102)
are chosen to be transparent.

We also find it useful to apply this transparency technique to
the photospheric and source-surface Q distributions, particularly
if one uses in addition a special color coding that takes into
account the local sign of the normal field Br at the boundary.
The function that facilitates this color coding is called signed
log Q or simply slogQ and defined as (Titov et al. 2011)

slogQ ≡ sign(Br ) log[Q/2 + (Q2/4 − 1)1/2]. (1)

Using a symmetric blue–white–red palette in combination
with the above transparency mask, we make visible in slogQ
distributions only high-Q lines, colored either in blue or red in
negative or positive polarities, respectively. The resulting maps
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Figure 2. Map of Br (a) used as a photospheric boundary condition for our PFSS model of the 2010 August 1–2 magnetic field and map of slogQ for this model
at the source surface (b) with superimposed (semi-transparent) photospheric map of coronal holes (shaded either in dark red (Br > 0) or dark blue (Br < 0) and
outlined in yellow). Thin (green) lines represent the photospheric polarity inversion line, whose thick segments designate the location of the filaments, part of which
are numbered in the order they erupted. Yellow balloons indicate the coronal holes involved in the eruptions; cyan balloons indicate source-surface footprints of the
separatrix curtains of these pseudo-streamers.

(A color version of this figure is available in the online journal.)
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provide a compact and powerful representation of the structural
skeleton at the boundaries, as evident from our illustrations
below.

Since our magnetic field is potential, Q acquires high values
only in three cases: either the corresponding field lines scatter
from localized inhomogeneities of the field nearby its null points
or minimum points (Titov et al. 2009) or touch the so-called bald
patches (BPs), which are certain segments of the photospheric
polarity inversion line (Seehafer 1986; Titov et al. 1993).
To make the whole analysis comprehensive, we separately
determine the location of all such relevant features and then
relate them to the high-Q lines at the boundaries by tracing a
number of field lines that pass through these features. The pattern
of high-Q lines determined at spherical surfaces of different
radii provides us with estimates of the regions in which the
magnetic nulls and minima can be present. Using then standard
numeric algorithms (see, e.g., Press et al. 2007), both these
features are found as local minima of B2 that is defined between
the grid points in these regions by cubic spline interpolation.
Calculation of the matrix of magnetic field gradients [∇B] and
its eigenvectors at the found nulls and minima allows us to
determine the local (quasi-)separatrix structure, which is further
used to initialize tracing of the respective (quasi-)separatrix field
lines. For tracing generalized (quasi-)separators (see Section 3),
which connect a pair of any of the above three features (i.e.,
nulls, minima, or BP points), we use a technique that is
based on similar principles as described earlier for classical
null–null separators by Close et al. (2004) and Haynes &
Parnell (2010).

3. ANALYSIS OF THE MAGNETIC STRUCTURE

3.1. Coronal Holes versus High-Q Lines at the Boundaries

As mentioned in Section 2.1, the eruptive region contains
three coronal holes of negative polarity that are distinctly
disconnected at the photospheric level by positive parasitic
polarities. With increasing height, however, these coronal holes
start to expand and subsequently merge with each other and
with the main body of the northern polar coronal hole. Being
fully open at the source surface, the magnetic fluxes of these
coronal holes still remain separated by the so-called separatrix
curtains (SCs; Titov et al. 2011). As will become clear below,
the SCs are simply vertical separatrix surfaces that originate at
null points of the magnetic field low in the corona. At the source
surface, their footprints appear as arcs joined at both ends to
the null line of the magnetic field, so that the corresponding
junction points divide the null line into several segments. Taken
in different combinations, such segments and footprints of SCs
form several closed contours. The contours encompass the
fluxes corresponding to the coronal holes that are disconnected
at the photospheric level from each other and from the like-
polarity coronal holes at the poles. This fact clearly manifests
itself on our source-surface slogQ map that is superimposed in
Figure 2(b) on top of the photospheric coronal holes’ map.
The figure indicates, in particular, that the high-Q line of
the footprint SC2 (SC3) and the null-line segment to which the
footprint adjoins encompass the CH2 (CH3) flux. Similarly, the
source-surface footprints SC1 and SC2 and two short null-line
segments to which the footprints adjoin encompass the CH1 flux.

It should be noted, however, that some of the source-surface
high-Q lines do not represent the footprints of SCs, but rather
the footprints of QSLs that stem at the photosphere from narrow
open-field corridors connecting spaced parts of otherwise single

coronal holes. The high-Q lines of QSLs usually appear less
sharp than those of SC footprints (see Figure 2(b)). The indicated
QSL footprints can easily be related to certain open-field
corridors in the northern polar coronal hole. If one traces down
several field lines from the paths that go across these high-Q
lines, the photospheric footpoints of these field lines will sweep
along the respective open-field corridors, as predicted earlier by
Antiochos et al. (2007). However, a similar procedure in the case
of the SCs would give a very different result, which becomes
clear after analyzing the magnetic topology low in the corona
near the indicated coronal holes.

As a first step in this analysis, let us consider the coronal-hole
maps and slogQ distribution, both defined at the photospheric
level and superimposed onto each other as shown in Figure 3.
The pattern of high-Q lines here is more complicated than at
the source surface, as expected. Nevertheless, in the region of
interest, it prominently reveals three high-Q lines (red), which
are identified after inspection as photospheric footprints of the
above-mentioned SCs. They traverse along parasitic polarities
and separate the indicated coronal holes in a similar manner as
their source-surface counterparts. Note also that these footprints
and nearby filaments are locally co-aligned, and at least five of
these filaments were eruptive.

Figure 4 shows the described distributions of slogQ and Br

in three dimensions and a few field lines that produce loop-
arcade structures above the filaments. The loops of arcades are
rooted with one footpoint at the positive parasitic polarities that
disconnect our three coronal holes either from each other (CH1
from CH2) or (CH1 and CH3) from the northern coronal hole.
Thus, these arcades form in pairs the twin magnetic field lobes
of the three pseudo-streamers embedded between the indicated
coronal holes. We also see here that four of the five filaments
(all the numbered ones, except for 2′, in Figures 3 and 4) were
initially located inside such lobes.

3.2. Separatrix Structure of Pseudo-streamers

Of particular interest to us is the question on how the
pseudo-streamer lobes are bounded in our configuration by
separatrix surfaces of the magnetic field. It turns out that these
surfaces originate either at the null points or at the BPs, both
mentioned already in Section 2.2 in connection with high-Q
lines. Following Priest & Titov (1996), we will use the terms
“fan surface” and “spine line” to designate, respectively, two-
dimensional and one-dimensional separatrix structures that are
related to a null point. They are defined through the eigenvectors
of the matrix of magnetic field gradients at this point in the
following way. The fan separatrix surface is woven from the
field lines that start at the null point in the plane spanned
on the eigenvectors, whose eigenvalues are of the same sign.
The spine line is a separatrix field line that reaches the null point
along the remaining third eigenvector. For a potential field, the
spine line is always perpendicular to the fan surface.

In accordance with the recent analytical model of pseudo-
streamers (Titov et al. 2011), the boundaries of our pseudo-
streamers are composed of three types of separatrix surfaces, two
of which are the fan surfaces of some coronal null points, while
the third one is a BP separatrix surface. The fans of the first type
have a curtain-like shape, whose field lines emanate from a null
point, called henceforth basic one. We have already discussed
these surfaces above as SCs in connection with boundary high-Q
lines. They contain both closed and open field lines and extend
from the photosphere to the source surface, as shown in Figures 5
and 6.
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Figure 3. Map of slogQ for our PFSS model at the photosphere with superimposed (semi-transparent) photospheric map of coronal holes and the photospheric polarity
inversion line, both shown in the same way as in Figure 2. Yellow balloons indicate the coronal holes of the pseudo-streamers involved in the eruptions; cyan balloons
indicate photospheric footprints of the separatrix curtains of these pseudo-streamers.

(A color version of this figure is available in the online journal.)

The fans of the second type are associated with other nulls
and include only closed field lines. Each of these fans bounds
the closed flux of the parasitic polarity in a given pseudo-
streamer only at one flank and forms a half-dome-like surface,
whose edge is located in the middle of the pseudo-streamer
and coincides exactly with the spine line of the basic null point
(see Figure 7). The second half-dome is formed in all our three
pseudo-streamers by the third type of separatrix surfaces that
originate in BPs at the opposite flanks of pseudo-streamers. In
fact, in our third pseudo-streamer even both separatrix half-
domes are due to the presence of BPs (Figure 8).

3.3. Field Line Topology of Separatrix Curtains

Consider now in more detail the field line topology in all
our three pseudo-streamers, starting from the two neighboring
separatrix curtains SC1 and SC2 (see Figures 5 and 6). The
field lines in each of these curtains fan out from its own basic
null point that is located between two adjacent coronal holes
of like polarity and above the respective parasitic polarity. The
footprints of SCs, which are discussed in Section 3.1, can be
viewed then as photospheric or source-surface images of single
null points N1 and N2 due to their mapping along closed or open,
respectively, field lines.

Within a given SC, such a mapping is continuous everywhere
except for few special field lines, called separators, where the
mapping suffers a jump. This jump takes place whenever a
mapping field line hits a null point (like N1-2 and N1-3 in

Figure 5, or a BP, like BP1 in both Figures 5 and 6). To
distinguish these separators from other field lines, we have
plotted them thicker in these and further similar figures.

In addition to the mentioned closed separators, there are also
two open ones for each of the curtains. These open separators
connect the null N1 (or N2) to a pair of null points belonging
to the source-surface null line. The latter is simply the helmet
streamer cusp, from which the heliospheric current sheet arises.
Each of these pairs of nulls also coincides with the end points
of the source-surface footprints of SCs.

Note, however, that any null line of the magnetic field is a
topologically unstable feature that can exist only under very
special conditions. We think, therefore, that the source-surface
null line is most likely an artifact inherent only in the employed
PFSS model. If passing from PFSS to MHD model, such a
null line must turn at radii close to 2.5 R⊙ into a feature
that has a substantially different magnetic topology. Thus, the
indicated topological linkages have yet to be refined, using a
more realistic than PFSS model of the solar corona. We will do
that in our next paper II, while here we proceed the analysis,
assuming that our findings on open separators are approximately
correct.

3.4. Field Line Topology of Separatrix Half-domes

Consider now in more detail the topology of separatrix
domes (Figure 7), starting from the pseudo-streamers that are
embedded between CH1, CH2, and the northern polar coronal
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Figure 4. slogQ distributions are mapped on the photospheric and source-surface globes with a varying opacity such that the low-Q areas (Q � 300) appear to be fully
transparent. The photospheric slogQ map is superimposed on the respective gray-scale Br distribution with the coronal holes shaded in light magenta. Green tubes
depict the major filaments prior to the onset of sympathetic eruptions and several field lines (brown) indicate the pseudo-streamer lobes enclosing these filaments.
Open field lines (colored in pink) start in the middle of the coronal holes closest to the pseudo-streamers. The vector triad in the lower right-hand corner indicates the
angle orientation of the Cartesian system that is rigidly bound to the Sun center with the z-axis directed to the north pole.

(A color version of this figure is available in the online journal.)

hole. The eastern half-domes (on the left) are combined in one
simply connected surface, because they originate in one small
bald patch BP1 located at the border of an active region near the
filament 2′. Spreading out from BP1, the field lines extremely
diverge within this surface at the nulls N1 and N2 and hit the
photosphere near the indicated coronal holes. Two of these field
lines (red and thick), however, go instead straight to N1 and N2
and so, as discussed above, are generalized separators belonging
to SC1 and SC2, respectively.

In contrast to the eastern half-domes, the western ones (on
the right) do not merge with each other and have different
originations. The half-dome covering filaments 2 and 3 is simply
a fan surface of an extra null point N1-2 that is located far to the
west from the basic null N1. These two nulls are connected by
an ordinary separator, which belongs to both this half-dome and
the curtain SC1.

It is somewhat surprising, but the half-dome covering filament
1 appears to be a quasi-separatrix surface that originates at
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Figure 5. Field line topology of the separatrix curtain SC1 of pseudo-streamer 1 (embedded between the northern polar coronal hole and CH1). The thickest lines
represent separators, of which the red ones are closed field lines connecting the null point N1 either to the bald patch BP1 or another nulls N1-2 or N1-3, while the cyan
ones are open field lines connecting N1 to the null line of the source surface. Magenta lines are the spine field lines of the nulls; the yellow lines are the separatrix field
lines that emanate from the nulls N1-2 and N1-3 along the fan eigenvectors that are complementary to the separator ones; several field lines (white dashed) belonging
to the boundary of CH1 are also shown. The maps at the photosphere and source surface and their color coding are the same as in Figure 4.

(A color version of this figure is available in the online journal.)

a magnetic minimum point M2-1 lying very close to the
photosphere. The field line (red and thick) that passes through
and connect M2-1 to the basic null N2 is a quasi-separator. The
field direction remains unchanged after passing this line through
the minimum M2-1, as opposed to a genuine null point, where the
field direction would change to the opposite. A similar behavior
of the field at M2-1 would also occur if it were a degenerate null
point, whose one eigenvalue identically equals zero (Titov et al.
2011). We regard this possibility as highly unlikely here, but we
cannot fully exclude it, relying only on our numerical study as
an approximation of nature.

The existence of the null N1-3 in the first of the two discussed
pseudo-streamers brings an extra complexity into the structure.

Figures 5 and 7 show that, similarly to N1-2, the null N1-3 is
connected via an additional separator to the basic null N1. This
implies that the fan surface of N1-3 is also a half-dome such
that its edge coincides with the spine line of the null N1. We
did not plot this half-dome in Figure 7 to avoid cluttering the
image with too many lines, but it is very similar to the plotted
half-dome that originates in the null N1-2.

The third pseudo-streamer, which is embedded between
CH3 and the northern polar coronal hole, has the topology as
analogous as the one of the two others considered above (see
Figure 8). The main difference is only that both half-domes
originate here at bald patches BP2 and BP3, which are located
at the opposite flanks of the pseudo-streamer. In this respect,
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Figure 6. Field line topology of the separatrix curtain SC2 of pseudo-streamer 2 (embedded between the coronal holes CH1 and CH2). The field line styles are the same
as in Figure 5, except that the thin yellow lines represent separatrix field lines associated with small-scale photospheric polarity regions. The maps at the photosphere
and source surface and their color coding are the same as in Figure 4.

(A color version of this figure is available in the online journal.)

the structure is the same as the one used before for initializing
our MHD model of sympathetic eruptions (Török et al. 2011).
It is important that these simulations have demonstrated that the
generalized separators connecting such BPs and null points are
physically similar to the ordinary separators. They both appear
to be preferred sites for the formation of current sheets and
reconnection of magnetic fluxes.

3.5. Field Line Topology versus High-Q Lines in the Cut Planes

A complementary way to study the structure of a pseudo-
streamer is to consider its cross-sectional Q distributions and
analyze their variation in response to changing location of the
cut plane. As one can anticipate from the above analysis, the
simplest pattern of high-Q lines appears to occur in the cut plane
across the very middle of pseudo-streamers, where the basic null
point is located. The corresponding high-Q lines form there a
�-type intersection such that the vertical line and arc in the
symbol � represent, respectively, the discussed SCs and domes.

The shape of separatrix domes at this place essentially follows
the path of the spine line associated with the respective basic
null point. Above such a dome, the SC separates the open fields
of two adjacent coronal holes and observationally corresponds
to the stalk of the pseudo-streamer.

However, with shifting the cut plane from the middle to the
flanks of pseudo-streamers, the pattern of high-Q lines gets
more complicated. In particular, the above high-Q arc can split
into several lines, each of which corresponds to a separate half-
dome, except for the uppermost line. The latter asymmetrically
rises on one side from the curtain up to the source surface
and, touching it, forms a cusp. This line determines the border
between closed and open fields, since it is nothing else than
an intersection line of the cut plane with the separatrix surface
of the helmet streamer. Figure 9 illustrates such a structure
in a particular cut plane; it also shows schematically how the
cross-sectional pattern varies along the pseudo-streamer. Only
three cases where the cut plane passes at the photospheric
level outside CH1 and CH2 are shown in this figure, while the
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Figure 7. Field line topology of the separatrix domes of pseudo-streamers 1 and 2, one of which is embedded between the northern polar coronal hole and CH1 and
the other between the coronal holes CH1 and CH2. The field line styles are the same as in Figures 5 and 6, except that the thin yellow lines represent separatrix field
lines starting either at the bald patch BP1 or in the fan plane of the null point N1-2; a similar separatrix dome associated with the null N1-3 is not shown. The same
style is used for the field lines of the quasi-separatrix surface originated at the magnetic minimum point M2-1. The maps at the photosphere and source surface and
their color coding are the same as in Figures 4–6.

(A color version of this figure is available in the online journal.)

remaining cases can be reproduced analogously from the above
analysis.

3.6. Concluding Remarks

So far, we have only fully described the structural skeleton of
the first pseudo-streamer, including the separatrix curtain SC1
and respective half-domes with their separators. As concerned
with the other two pseudo-streamers, we still have not touched
on several separators depicted in Figures 6 and 8 with yellow

and orange thin lines. These separators are due to “scattering”
of the SC field lines on small photospheric flux concentrations
of negative polarity. Such scattering occurs at BPs or null points
to yield additional half-domes, whose edges coincide with the
spine lines of the basic nulls N2 or N3. The existence of these
features, however, can vary depending on the resolution and
smoothing of the used magnetic data, so we ignore them in our
study, focusing only on stable structural features that are due to
large-scale properties of the configuration.
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Figure 8. Field line topology of the separatrix curtain (cyan) and dome (yellow) of pseudo-streamer 3 (embedded between the northern polar CH and CH3). The field
line styles are the same as in Figures 5–7, except that the thin orange lines represent the separatrix field lines that are associated with the bald patches and null points
of small-scale photospheric polarity regions. The maps at the photosphere and source surface and their color coding are the same as in Figures 4–7.

(A color version of this figure is available in the online journal.)

One also has to remember that the described structure might
be distorted in reality by the field of filaments whenever they
are present inside pseudo-streamer lobes. Note, however, that
such filaments reside prior to eruption in the middle of the lobes
along photospheric polarity inversion lines. So possible intense
currents of the filaments are located relatively far from the found
separatrix domes and curtains and hence the contribution of
such currents to the total field must be small at these places
compared to the background potential field. Therefore, we think
that at large length scales our PFSS model is accurate enough
to describe the structure of the real pseudo-streamers with the
filaments inside the lobes.

4. MAGNETIC TOPOLOGY AS A CAUSAL LINK
IN SYMPATHETIC CMEs

We have studied in Section 3 how SCs and half-domes
originate in a given pseudo-streamer at magnetic null points
and/or BPs and how they intersect each other along separator
field lines. These results are of importance for unveiling a
causal link in the sequential eruption of filaments, in which the
magnetic topology and reconnection likely played a key role.
Indeed, according to the present state of knowledge (Priest &
Forbes 2000), a perturbation in the neighborhood of a separator
line generally creates along it a current sheet, across which
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Figure 9. Field line topology of the separatrix curtain SC1 in relation to the log Q distribution in a cut plane across the pseudo-streamer 1 (a). This distribution is plotted
by using a yellow palette, whose opacity linearly decreases with log Q in the range from 2.5 to 0.3 down to a complete transparency; the maps at the photosphere, their
color coding, and the field line styles are the same as in Figure 5. Dashed (cyan) curves highlight the high-Q lines that represent the intersection lines of the cut plane
with SC1, helmet-streamer separatrix surface, and two separatrix domes. Such a structure is shown also schematically for this cut and two others in panels (b)–(d),
respectively, where the open-field regions are shaded in gray; the extra two cuts are made successively further eastward from the middle of the pseudo-streamer.

(A color version of this figure is available in the online journal.)

magnetic fluxes subsequently reconnect in an amount depending
on the form and strength of the perturbation. As demonstrated
above, each of our pseudo-streamers contains several separators,
all of which are connected to a basic null point. A perturbation
in its neighborhood is expected then to cause reconnection
along each of these separators, resulting ultimately in a flux
redistribution between adjacent topological regions.

It follows from our analysis that these regions are simply the
volumes bounded by various parts of the SC, half-domes, and

separatrix surface of the helmet streamer. Unfortunately, such a
complex topological partition of the volume makes it difficult to
foresee all the details of the response of our pseudo-streamers to
different MHD perturbations. It is clear, however, that eventually
such perturbations will change the magnetic fluxes in the lobes
and consequently the stability conditions for the filaments within
them. The latter in turn can influence the order of eruption of
the filaments, which was recently demonstrated in our simple
MHD model of sympathetic eruptions (Török et al. 2011).

12
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In this model, a pseudo-streamer similar to the one that stems
from the basic null N1 played a key role in guiding the
eruptions of the magnetic flux ropes, analogous to our filaments
2 and 3. Thus, our present topological analysis of the potential
background field further substantiates the model.

Let us put now the results of that model into the context of
our present analysis in order to explain the observed sequence
of the 2010 August 1–2 CMEs. For simplicity, we restrict
our consideration to the reconnection processes that occur
in the vicinity of the basic nulls of the pseudo-streamers,
where we expect the greatest perturbation to occur during the
onset of eruptions. As shown above, all separatrix half-domes
merge there and form together with the SC a simple �-type
intersection. Such a separatrix structure implies that, irrespective
of the form of the external perturbation, the reconnection
triggered there will be of the interchange type (e.g., Fisk 2005).
It will exchange the fluxes between the lobes and coronal holes
in such a way that the sum of the fluxes in both the two lobes
and the two coronal holes remains unchanged. In other words,
the diagonally opposite lobes and coronal holes form conjugate
pairs, so that the flux in one pair increases by the same amount
that it decreases in the other pair.

To facilitate further discussion, we label the pseudo-streamers
by the numeric label of their basic null; similarly, we label the
lobes by the label of their embedded filament. Note, first, that
erupting filament 1 resides initially in pseudo-streamer 2, which
is located south of pseudo-streamer 1 (see Figure 7). Therefore,
the rise of filament 1 perturbs the southern side of pseudo-
streamer 1 and eventually triggers interchange reconnection
between the fluxes of coronal hole CH1 and lobe 2. This
reconnection reduces the flux in lobe 2, thereby removing
the field lines that overlie and stabilize filament 2, eventually
causing it to erupt (i.e., the second eruption). On the other
hand, this same interchange reconnection causes the flux in
lobe 3 to increase, adding field lines that overlie filament 3,
thus further stabilizing it. However, later in time, after erupting
filament 2 has risen to a sufficient height, a vertical current sheet
forms in its wake, providing a site for interchange reconnection
between the fluxes of lobe 3 and the northern polar coronal
hole. This second reconnection eventually reduces the flux in
lobe 3, removing field lines that overlie and stabilize filament 3,
eventually causing filament 3 to erupt (i.e., the third eruption).

This scenario is consistent with that proposed for the sequen-
tial eruption of filaments 1–3 in our idealized model (Török et al.
2011). There is one difference though: our present PFSS model
reveals that filament 1 was also located inside a pseudo-streamer,
which is pseudo-streamer 2 in our notation. The presence of this
pseudo-streamer, however, merely facilitates the eruption of fil-
ament 1, because its overlying field becomes open at a very low
height. So this new feature fits nicely with our earlier proposed
mechanism.

The present analysis suggests possible explanations also for
the eruptions 2′ and 3′. According to Figures 5–7, filament 2′

passes above bald patch BP1, which is connected by two sepa-
rators to the basic null points N1 and N2. As discussed above,
the rise of filaments 1 and 2 is expected to activate these sep-
arators, forming current sheets along them, and subsequently
triggering reconnection. Around the location of BP1, this recon-
nection may have been of the tether-cutting type (Moore et al.
2001), reducing the confinement of the active-region core field
and eventually unleashing its eruption. This explanation is in
agreement with the fact that SDO/AIA observed several bright-
enings in the active region before the CME occurred. There was

a particularly strong brightening at ∼06:36 UT below and above
filament 2′, very close to the bald patch BP1 (see the inset in
Figure 10). This brightening occurred after filament 2 had
already started to rise, implying the above activation of the
separator and subsequent reconnection in the vicinity of bald
patch BP1. We note that Liu et al. (2010) also associated the
pre-eruption brightening at ∼06:36 UT to tether-cutting recon-
nection, triggered, however, by photospheric converging flows
rather than separator activation. It appears indeed possible that
both processes played a role. We will make a more detailed com-
parison of our topological analysis with observations in Paper II.

The location of pseudo-streamers 1 and 3 indicates that the
eruptions 2 and 2′ should produce a significant perturbation
of the northern side of pseudo-streamer 3. This should lead
to interchange reconnection between lobe 3′ and the northern
polar coronal hole, reducing the magnetic flux in this lobe
and eventually causing filament 3′ to erupt, in a similar way
as described for filament 2. Note also that filament 3′ rises
above bald patch BP3, which is connected by a separator
to the basic null N3 (see Figure 8). As discussed above for
eruption 2′, resulting tether-cutting reconnection may trigger
the destabilization of filament 3′, in tandem with the indicated
flux reduction in the lobe 3′ caused by interchange reconnection.

This concludes the extended scenario for the sympathetic
eruptions under study. Figure 10 summarizes it, presenting
all the topological features that are relevant for this scenario.
In particular, it depicts the closed separators (red thick lines)
that form a long chain that traverses through all three pseudo-
streamers. As described above, such a separator chain likely
sets up a global coupling between eruptions occurring at widely
separated locations. Figuratively speaking, this separator chain
plays the role of a “safety fuse” in which a single eruption at
one end of the chain triggers along it a sequence of the observed
electromagnetic explosions.

Additional global coupling between pseudo-streamers and
eruptions might also be provided by the open separators (thick
cyan lines in Figure 10), which connect the basic nulls of
the pseudo-streamers to the cusp of the helmet streamer. This
coupling, however, has yet to be verified. It requires a more
advanced model than the PFSS model used in the present study.
We plan to use an MHD model for this purpose in the next step
of our study.

The proposed explanation of the assumed causal link in the
observed sympathetic eruptions is of substantial heuristic value.
It is particularly useful as a guide for setting up and analyzing
further numerical studies of these eruptions. In combination with
our structural analysis, more detailed numerical simulations of
CMEs in this configuration are needed to prove the existence of
such a link and to deepen its understanding.

5. IMPLICATIONS FOR THE S-WEB MODEL

The structural analysis of pseudo-streamers that we have
described has important implications not only for sympathetic
CMEs but also for the slow solar wind. The recent S-web
model (Antiochos et al. 2011; Linker et al. 2011) has sparked
substantial interest in the community (Crooker et al. 2012; Wang
et al. 2012). Unfortunately, several important issues related to
this model are not well understood. Since the results obtained
above relate to the S-web model, we will use this opportunity
to clarify these issues.

The first issue relates to the concept of coronal-hole con-
nectivity. Some confusion has arisen because the connectivity
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Figure 10. Chain of separators and spine lines in all three pseudo-streamers that were involved in the 2010 August 1–2 sympathetic CMEs. The white dashed line
is the null magnetic field line of the source surface—together with the open separator field lines (cyan), it provides a global coupling between all three null points of
the pseudo-streamer separatrix curtains. The inset shows a zoomed region near BP1, where a strong pre-flare brightening (indicated by yellow blob) was observed by
SDO/AIA at ∼06:36 UT shortly after which eruption 2′ started.

(A color version of this figure is available in the online journal.)

of coronal holes has been interpreted in two different senses.
We can consider coronal holes either as two-dimensional re-
gions at the photosphere or as three-dimensional regions in the
corona. Though coronal holes of like polarity are always con-
nected when considered as three-dimensional regions, it is im-
portant to note that they can be disconnected in the photosphere
when considered as two-dimensional regions (Titov et al. 2011).
In this case, they merge at some height in the corona via a field
line separatrix structure that observationally manifests itself as
a pseudo-streamer.

The pseudo-streamers we described above (see Figures 5–8)
illustrate this fact conclusively. All these cases were charac-
terized by disconnected coronal holes CH1, CH2, and CH3
(Figure 2), each of which merges with an adjacent coronal

hole at the height of the basic null point of the correspond-
ing pseudo-streamer. At heights where the magnetic field be-
comes completely open, the corresponding separatrix curtains
SC1, SC2, and SC3 serve as interfaces between the holes. Note
also that their footprints appear at the source surface as very
sharp high-Q lines, whose ends are joined to the null line of the
magnetic field (Section 3.1).

Of course, this does not exclude the possibility for different
parts of photospheric open-field regions to be connected with
each other through narrow corridors. Several examples of such
corridors are also seen in our northern polar coronal hole
(Figure 2). They imply the appearance of QSLs in the open
field, as proposed first by Antiochos et al. (2007), and whose
transformation into SCs and back to QSLs has been described
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Figure 11. Structure of magnetic field lines near parasitic polarity regions A, B, and C embedded into the northern coronal hole (a) and location of their footprints A′,
B′, and C′ at the source surface (b), where a (semi-transparent) slogQ distribution is also displayed. The high-Q lines encircled by dashed (yellow) lines correspond
to the footprints of QSLs that originate in the photospheric open-field corridors adjacent to these polarities.

(A color version of this figure is available in the online journal.)

at length by Titov et al. (2011). As already pointed out in
Section 3.1, such QSLs appear at the source surface as high-
Q lines with a smooth distribution of Q across their widths
(Figure 2(b)). Just as in the case of SCs, these high-Q lines are
joined at both ends to the null line of the magnetic field.

Thus, in both the case of truly disconnected and connected
coronal holes, interpreted as two-dimensional photospheric
regions, their mapping to the source surface connects to the
null line of the helmet streamer. This is in contrast to the
interpretation of Crooker et al. (2012), who regarded this
property of the field line mapping as evidence of the connectivity
of coronal holes at the photospheric level. Moreover, we think
that the V-shaped coronal hole they interpreted as connected in
the photosphere is actually disconnected, as our earlier study of
the same case indicates in the framework of the global MHD
model (Titov et al. 2011). This particular example shows that
when coronal holes are connected in three dimensions it does not
necessarily imply that they are connected in the photosphere too.

It remains to be studied how numerous the above open-
field QSLs are, compared to SCs, in magnetic configurations
with a realistically high resolution. Note that by definition
they both belong to the S-web. In the slogQ-distribution at the
source surface, the S-web appears as a network of high-Q arcs
connected to the null line of the helmet streamer (Figure 2(b)).
The width in latitude of the S-web at this surface is a well-
defined quantity, because its value is uniquely related to the
open photospheric flux that is (nearly) disconnected from the
main bodies of the polar coronal holes. It is unlikely that this
flux, and hence the width of the corresponding S-web, will
significantly change if one further increases the resolution of
the input magnetic data and the corresponding PFSS model.

This conclusion is in contrast with the statement of Wang
et al. (2012) that the S-web will extend to the polar region if one
resolves its small parasitic polarities. Each such polarity will,
indeed, bring additional (quasi-)separatrix structures into the
open-field regions. However, in contrast to the SCs of pseudo-
streamers, these structures will, first, have a much smaller
angular size and, second, will not criss-cross the S-web, but

rather stay mostly isolated from it. Since the quasi-separatrix
structures arising from parasitic polarities in polar coronal holes
have different geometrical sizes and structural properties, their
physical properties are also likely to be different. Therefore,
they have not been included into the definition of the S-web
(Antiochos et al. 2011), regardless of the fact that the polar
plumes associated with these parasitic polarities might appear
similar to pseudo-streamers observationally.

To clearly make this point, Figure 11 shows what happens
around three small parasitic polarities (A, B, and C) embedded
into the northern coronal hole. Panel (a) depicts three sets of
open field lines that start very close to the oval high-Q lines
bordering the closed magnetic flux of these polarities. Panel (b)
shows their source-surface footpoints A′, B′, and C′, indicating
that such field lines hit the boundary far away from the null line.
Thus, their behavior indeed differs from that of the field lines
belonging to the SCs we described previously.

In particular, as stated above, for polarities that are far from
the main border of their surrounding coronal hole, such as A,
their signature at the source surface A′ is completely isolated
from the S-web. Polarities B and C, however, are much closer
to the coronal-hole border; they are detached from it by only
a relatively narrow open-field corridor. As expected, the field
lines starting in these corridors form QSLs whose footprints
at the source surface adjoin on each side of their respective
footprints B′ and C′ (as shown in Figure 2(b)). The high-Q lines
resulting from these merged QSLs would appear, at first sight, to
form arcs whose ends join the null line of the helmet streamer.
However, we would argue that these “arcs” do not genuinely
belong to the S-web because these segments have rather low
values of log Q (� 1.5). In summary, we have argued that the
addition of small parasitic polarities in polar coronal holes would
not contribute to the S-web significantly, if at all. We intend
to test this conjecture in future work by explicitly calculating
the contribution of parasitic polarities in high-resolution PFSS
models.

These considerations help us to predict how our S-web will
change with increasing resolution of the input magnetic data
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and the corresponding PFSS model. First, increased resolution
will cause additional fragmentation of the disconnected coronal
holes, while leaving their total magnetic flux approximately
unchanged. Our analysis suggests that this will increase the
number of cells and high-Q lines in the S-web, but will not
substantially increase its width in latitude at the source surface.

Depending on the strength of the parasitic polarities intro-
duced when going to higher resolution, and their positions in
coronal holes, the separatrix structure enclosing these polarities
can be of two types. First, it can be just a single BP separatrix
surface, as in our examples shown in Figure 11. This structure
contains no null points in the corona, but nevertheless it com-
pletely separates the closed flux of the parasitic polarity from
the surrounding magnetic field (Bungey et al. 1996; Müller &
Antiochos 2008). Second, it can also be a more familiar struc-
ture with a dome-like fan surface and spine line across both
coming out from a single null point and surrounded by QSLs
(Masson et al. 2009).

These two types of separatrix structures are similar in that
their (quasi)-separatrix field lines do not fan out in the open-field
region as much as they do in pseudo-streamers. The perturbation
of such a structure due to local flux emergence or photospheric
motion causes formation of a current sheet and reconnection,
both localized in a small region near the corresponding BPs or
null points. This process can be considered as a mechanism for
producing coronal plumes or “anemone” jets in polar coronal
holes (Moreno-Insertis et al. 2008; Müller & Antiochos 2008;
Pariat et al. 2010).

The pseudo-streamers are structurally very different. As
shown above, they contain several separators, two of which are
open, while the others are closed. An emergence, submergence,
and/or displacement of photospheric flux concentrations in the
lobes of pseudo-streamers, and in their surrounding, must lead
to the formation of current sheets along the separators closest
to the source of the perturbations. Since current sheets form
along the entire length of separators, the related reconnection
processes proceed similarly (Parnell et al. 2010). This indicates
that reconnection in pseudo-streamers and coronal plumes
might have quite different characteristics, which additionally
substantiates the original definition of the S-web.

The open separators are lines at which the open and closed
magnetic fields become in contact with each other. They appear
to be the longest separators in the pseudo-streamers, so most
of the interchange reconnection must occur along them. How
does it proceed in the presence of multiple closed separators, all
connected together with the basic nulls of the pseudo-streamers?
This question is of particular importance for understanding the
physics of pseudo-streamers and has never been investigated
before, because their topological structure was unknown. The
answer to this fundamental question is crucial to determine
if the S-web model can explain the origin of the slow solar
wind. Therefore, it ought to be the focus of the future studies,
with special emphasis on the processes that occur both at open
separators and the QSLs associated with open-field corridors.

The plasma sheets of pseudo-streamers, as observed in the
white-light corona, are composed of fine ray-like structures
that are presumed to be formed by interchange reconnection
at the streamer cusp (Wang et al. 2012). Such an explanation is
consistent with our discussion of open separators, except that in
our scenario reconnection occurs along the entire length of these
separators rather than just at the mentioned cusp points (which
are the footpoints of our open separators at the source surface). In
light of our present analysis, the observed ray-like structures are

likely a part of the S-web. For structural features (like separators)
to be visible, they have to not only be present, but also perturbed
sufficiently (e.g., by waves or photospheric motions). Therefore,
at any moment in time, only a small fraction of the S-web might
be visible in white light.

It should also be emphasized that the S-web model does
not assume a priori that reconnection in pseudo-streamers
generates the slow wind in the form of plasma blobs, as it
does in helmet streamers (Wang et al. 2012). In fact, we
expect that this process must be so different here that it
will directly affect the observational properties of the pseudo-
streamers. Indeed, in contrast to the helmet streamers, the
reconnection in the pseudo-streamers has to occur not in the
plasma sheet itself but rather at its edges, where the above
open separators are located. Consequently, the pseudo-streamer
material must be replenished, at least in part, by the plasma
that flows out from those edges. This process has likely to
occur in a sporadic fashion, namely, each time when the
interchange reconnection takes place between open and closed
fields. As a result, the respective reconnection outflows have to
be modulated accordingly to produce in the pseudo-streamers
the mentioned above ray-like rather than blob-like structures.
This consideration shows that, irrespective of its relevance to
the problem of the origin of the slow solar wind, the question on
how the interchange reconnection modifies the properties of the
wind flow in the pseudo-streamers deserves very close attention
in the future studies.

6. SUMMARY

We have studied the large-scale topology of the coronal
magnetic field determined in the framework of a PFSS model
for the time period 2010 August 1–2, when a sequence of
sympathetic CMEs occurred. First, this model was computed
from the observed data of the photospheric magnetic field.
Second, we have calculated high-resolution distributions of
the squashing factor Q at the photospheric and source-surface
boundaries and at several cut planes across the regions where
the CMEs started. Third, we have developed a special technique
for tracing (quasi-)separatrix field lines that pass through the
high-Q lines of such distributions. These tools allowed us to
fulfill a comprehensive analysis of the magnetic field structure.

Of particular interest to us were large-scale separatrix surfaces
that divide the coronal volume into topologically distinct regions
in which the erupting filaments originated. We have found
that four of these five filaments were initially located in the
lobes of three pseudo-streamers. Such lobes are obtained as
a result of intersection of curtain-like and dome-like separatrix
surfaces of the coronal magnetic field. The SC is a fan separatrix
surface associated with a null point that is called basic one and
located at a certain height in the corona between two adjacent
coronal holes of like polarity. Such a curtain is formed by open
and closed field lines fanning out from the basic null point. The
dome separatrix surfaces are made of two half-domes joined
with each other along the spine line of this null point. The half-
domes are formed by the field lines that also fan out either from
a BP or another null point, which both are located at the flanks
of the pseudo-streamer.

In the middle cross-section passing through the basic null of a
pseudo-streamer, these separatrix surfaces intersect to produce a
�-type shape in which the vertical line and arc represent the SC
and adjoint half-domes, respectively. Above the half-domes in
this cross-section, the curtain separates adjacent coronal holes
of like polarity and observationally corresponds to the stalk of
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pseudo-streamers. At heights below the basic null of the pseudo-
streamer, the coronal holes become disconnected by closed
magnetic fields rooted in parasitic polarities and separated by the
distance equal to the local width of the separatrix half-domes.

The separatrix surfaces of the pseudo-streamers in the August
1–2 events are located relatively far from the pre-eruption
positions of the filaments, so that their contributions to the total
field and hence their influence on these surfaces must be small.
Therefore, our source-surface model should be sufficiently
accurate to reproduce the large-scale structure of real pseudo-
streamers with filaments inside.

The indicated SCs intersect half-domes along closed separa-
tor field lines, or simply separators, that pass through the null
points or BPs at the flanks of the pseudo-streamers. In addition,
these curtains intersect the helmet-streamer separatrix surface
twice along open separator field lines, which connect the basic
nulls of the pseudo-streamers to streamer-cusp points. Invoking
our recent MHD model of sympathetic eruptions (Török et al.
2011), we argue that magnetic reconnection at both these types
of separators is likely a key process in sympathetic eruptions,
because it controls how magnetic fluxes are redistributed be-
tween the lobes of pseudo-streamers during eruptions. It has
been demonstrated here that the configuration which harbored
the first three erupting filaments had a similar magnetic topol-
ogy as was assumed in that model. Thus, the present topological
analysis of the PFSS background field substantiates the previous
assumptions on the initial configuration in Török et al. (2011).

Here, we proceeded with a generalization of this earlier pro-
posed scenario, by noticing, first, that the indicated separators
in our configuration form a huge chain that traverses through
all three pseudo-streamers involved in the eruptions. We have
qualitatively explained how a single eruption at one end of such
a separator chain can trigger a whole sequence of eruptions.

We have also discussed the implications of our obtained re-
sults for the S-web model of the slow solar wind by empha-
sizing those issues that have not been well understood so far.
First, we have demonstrated how the pseudo-streamer struc-
ture accommodates disconnection and merging of two coro-
nal holes, respectively, below and above the basic nulls of the
pseudo-streamers. Second, we have explained the differences
in magnetic topology between pseudo-streamers and separatrix
structures enclosing small parasitic polarities in the polar coro-
nal holes and discussed why such structures were not included
in the original definition of the S-web. Third, we have empha-
sized that the sources of the slow solar wind most likely reside
both at the separators of pseudo-streamers and QSLs originated
in narrow photospheric corridors of the open magnetic field.
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ABSTRACT

It has recently been noted that solar eruptions can be associated with the contraction of coronal loops that are not
involved in magnetic reconnection processes. In this paper, we investigate five coronal eruptions originating from
four sigmoidal active regions, using high-cadence, high-resolution narrowband EUV images obtained by the Solar
Dynamic Observatory (SDO). The magnitudes of the flares associated with the eruptions range from GOES class
B to class X. Owing to the high-sensitivity and broad temperature coverage of the Atmospheric Imaging Assembly
(AIA) on board SDO, we are able to identify both the contracting and erupting components of the eruptions: the
former is observed in cold AIA channels as the contracting coronal loops overlying the elbows of the sigmoid, and
the latter is preferentially observed in warm/hot AIA channels as an expanding bubble originating from the center
of the sigmoid. The initiation of eruption always precedes the contraction, and in the energetically mild events (B-
and C-flares), it also precedes the increase in GOES soft X-ray fluxes. In the more energetic events, the eruption
is simultaneous with the impulsive phase of the nonthermal hard X-ray emission. These observations confirm that
loop contraction is an integrated process in eruptions with partially opened arcades. The consequence of contraction
is a new equilibrium with reduced magnetic energy, as the contracting loops never regain their original positions.
The contracting process is a direct consequence of flare energy release, as evidenced by the strong correlation of
the maximal contracting speed, and strong anti-correlation of the time delay of contraction relative to expansion,
with the peak soft X-ray flux. This is also implied by the relationship between contraction and expansion, i.e., their
timing and speed.

Key words: Sun: coronal mass ejections (CMEs) – Sun: flares

Online-only material: animation, color figures

1. INTRODUCTION

It is generally regarded that solar eruptions are due to a
disruption of the force balance between the upward magnetic
pressure force and the downward magnetic tension force. Since
the eruption can only derive its energy from the free energy
stored in the coronal magnetic field (Forbes 2000), “the coronal
field lines must contract in such a way as to reduce the magnetic
energy

∫
V

B2/8π” (Hudson 2000, p. L75). The contraction must
be associated with the reduction of the magnetic tension force
for each individual loop-like field line undergoing contraction,
as its footpoints are effectively anchored in the photosphere.
Eventually, a new force balance would be achieved between the
magnetic pressure and tension force after the energy release.
From an alternative viewpoint, the average magnetic pressure
B2/8π must decrease over the relevant volume V across the
time duration of the eruption. V can be roughly regarded as the
flaring region, primarily in which magnetic energy is converted
into other forms of energies. The contraction process, termed
“magnetic implosion” by Hudson (2000), is very similar to the
shrinkage of post-flare loops (Forbes & Acton 1996), except
that loop shrinkage is driven by temporarily enhanced magnetic
tension force at the cusp of the newly reconnected field lines,
whereas loop contraction is driven by reduced magnetic pressure
in the flaring region. Additionally, with newly reconnected loops
piling up above older ones, the post-flare arcade as a whole often
expands, rather than shrinks, with time.

Hudson (2000, p. L75) concluded that “a magnetic implosion
must occur simultaneously with the energy release,” based on

no assumption about the energy release process itself. However,
the detailed timing and location of loop contraction might
provide diagnostic information on the eruption mechanism. For
example, when the reconnection-favorable flux emerges inside
a filament channel (Figure 1(a); adapted from Chen & Shibata
2000), it cancels the small magnetic loops below the flux rope,
which results in a decrease of the local magnetic pressure. The
whole dipolar magnetic structure must contract correspondingly.
Meanwhile, plasmas on both sides of the polarity-inversion
line (PIL) would move inward to form a current sheet below
the flux rope and the subsequent evolution could follow the
paradigm of the standard flare model (e.g., Kopp & Pneuman
1976). In that case, overlying coronal loops could be observed to
initially contract and then erupt. In a different scenario, a twisted
flux rope confined by potential-like magnetic fields is found to
be energetically favorable to “rupture” through the overlying
arcade via ideal-MHD processes (Figure 1(b); adapted from
Sturrock et al. 2001). This is clearly demonstrated in MHD
simulations by Gibson & Fan (2006) and Rachmeler et al.
(2009), in which overlying loops can be seen to be pushed
upward and aside as the flux rope kinks and expands, and
after the rope ruptures through the arcade, overlying loops
on both sides quickly contract toward the core region, due to
the reduction of the magnetic pressure in the core field with
the escape of the flux rope. In particular for this scenario
(Figure 1(b)), one would expect to see both the expanding flux
rope and the contracting overlying loops during the eruption
as long as the arcade is only partially opened. Although both
scenarios involve a pre-existing flux rope, they can supposedly
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Table 1

List of Events

Date AR Location Hale GOES vmax
c vmax

e ∆t

(km s−1)a (km s−1)b (min)c

2010 Aug 1 11092 N13E21 α/β C3.2 −51 83 9.0
2010 Sep 3 11105 N19W23 β/− B2.8 −12 94 34.6
2011 Feb 13 11158 S19W03 β/β M6.6 −195 538 1.8
2011 Feb 15 11158 S21W21 βγ/βγ X2.2 −320 401 2.4
2011 Jun 21 11236 N17W19 βγ/βγ C7.7 −57 90 12.4

Notes.
a Maximum contracting speed.
b Maximum expanding speed.
c Time delay of contraction relative to expansion.

(a) (b)

Figure 1. CME models relevant to magnetic implosion. (a) Schematic diagram
of the emerging flux triggering mechanism for CMEs (adapted from Chen &
Shibata 2000). The emerging flux inside the filament channel cancels the pre-
existing loops, which results in the in situ decrease of the magnetic pressure.
Magnetized plasmas are driven inward to form a current sheet beneath the flux
rope. (b) Schematic sketch showing that in the three-dimensional space a twisted
flux rope can rupture the overlying magnetic arcade and erupt by pushing the
magnetic arcade aside (adapted from Sturrock et al. 2001). With the escape
of the flux rope, the arcade field undergoes contraction due to the decreased
magnetic pressure in the core field.

also accommodate those models in which the flux rope forms
immediately prior to (e.g., Moore et al. 2001), or during the
course of (e.g., Antiochos et al. 1999), the eruption.

Corresponding to the aforementioned models (Figure 1),
our previous observational studies also suggest two different
scenarios, i.e., (1) the bunch of coronal loops undergoing
contraction later becomes the front of the eruptive structure
(Liu et al. 2009b) and (2) the contracting loops are distinct
from the eruptive structure (Liu & Wang 2009, 2010). The role
of contraction in the eruption, however, has been unclear in
both scenarios. For Scenario 1, the event reported by Liu et al.
(2009b) remains unique in the literature; as for Scenario 2, the
eruptive structure is not easy to detect before its appearance
as a coronal mass ejection (CME) in the coronagraph, unless
there is dense filament material serving as the tracer (Liu &
Wang 2009). In some cases, its slow ascension and expansion
during the early stage might manifest as the gradual inflation of
overlying coronal loops (Liu et al. 2010b). Only with the advent
of the Solar Dynamic Observatory (SDO; Pesnell et al. 2012),
which provides a continuous and wide temperature coverage, is
the eruptive structure itself more frequently identified beneath
the coronagraph height as a hot, diffuse plasmoid (e.g., Liu et al.
2010c; Cheng et al. 2011).

Here in a further investigation of Scenario 2, we identify
both the erupting and contracting components using SDO data,
and hence for the first time we are able to study in detail

their relationship as well as the implication for the eruption
mechanism and the associated energy release process. In the
rest of this paper, we present in Section 2 the results of
our investigation on five flares (Table 1) observed by the
Atmospheric Imaging Assembly (AIA; Lemen et al. 2012) on
board SDO, and we make concluding statements in Section 3.

2. OBSERVATION

2.1. Overview

In addition to the symbiosis of the erupting and contracting
components, the five flares studied here all occurred in sigmoidal
active regions (Figure 2), which had a sinusoidal shape in
the warm AIA channels such as 211 Å (dominated by Fe xiv,
log T = 6.3) and 335 Å (dominated by Fe xvii, log T = 6.4)
or hot channels like 94 Å (dominated by Fe xviii, log T =
6.8). Upon close inspection, one can see that two groups of
J-shaped loops, which are oppositely oriented with respect to
each other, collectively have a sinusoidal appearance (Figure 2).
In cold channels such as 171 Å (dominated by Fe ix and Fe x,
log T = 5.8) and 193 Å (dominated by Fe xii, log T = 6.1),
these regions were dominated by large-scale loops arched over
the elbows of the hot sigmoid, suggesting that the highly sheared
core field is restrained by the potential-like overlying field.
Since nonpotential (sheared or twisted) fields are reservoirs of
magnetic free energy, it is not surprising that sigmoidal regions
are significantly more likely to be eruptive than non-sigmoidal
regions (Hudson et al. 1998; Canfield et al. 1999; Glover et al.
2000), and are deemed to be one of the most important precursor
structures for solar eruptions.

Of the five flares, both the M6.6 flare on 2011 February 13 and
the X2.2 flare two days later on February 15 occurred in the same
AR 11158. One can see that on February 13, when it was still
classified as a β-region, AR 11158 was only a “rudimentary”
sigmoid compared with its status on February 15. The hot loops
in AIA 94 Å in the center of the active region, however, were
already highly sheared, taking the similar east–west orientation
as the major PIL along which the two bipolar regions interacted
and major flares took place (see Beauregard et al. 2012 for
details).

Utilizing the newly released vector magnetograms with
the 0.′′5 pixel size for AR 11158 (Hoeksema et al. 2012)
obtained by the Helioseismic and Magnetic Imager (HMI;
Scherrer et al. 2012) on board SDO, we constructed the non-
linear force-free field (NLFFF) model using the “weighted
optimization” method (Wiegelmann 2004) after preprocessing
the photospheric boundary to best suit the force-free condition
(Wiegelmann et al. 2006). NLFFF extrapolation using the vec-
tor magnetogram at about 16:00 UT on 2011 February 13
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Figure 2. Pre-flare configuration for the five flares studied. Left column: line-of-sight magnetograms obtained by the Helioseismic and Magnetic Imager (HMI) on
board SDO. Middle and right columns: corresponding EUV images in the cold and warm/hot AIA channels, respectively, showing the sigmoidal morphology and
structure. For AR 11158 (third and fourth rows), we use HMI vector magnetograms to construct nonlinear force-free field (NLFFF; see the text for details). The
extrapolated field lines are color coded according to the intensity of vertical currents on the surface.

(A color version of this figure is available in the online journal.)
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J1
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S-loop

c-loop

Figure 3. AIA 94 Å difference images, displaying the formation of an S-shaped loop via tether-cutting from two J-shaped loops and its subsequent transformation into
a blowing-out bubble marked by an arrow in panel (f). Panel (d) shows the slit through which the space–time diagram in Figure 5(c) is obtained.

(A color version of this figure is available in the online journal.)
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Figure 4. Stereoscopic reconstruction of the contracting loop overlying the northern elbow of the sigmoid. The height information of the loop, which is color coded, is
obtained by pairing AIA 193 Å and EUVI-B 195 Å images. Panel (a) shows the slit through which the space–time diagram in Figure 5(b) is obtained. The expanding
bubble is also visible in both view points, associated with coronal dimming in AIA 193 Å.

(A color version of this figure is available in the online journal.)

4



The Astrophysical Journal, 757:150 (12pp), 2012 October 1 Liu et al.

Flows
-21

-51

77

28

83

(a)

(b)

(c)

Figure 5. Temporal evolution of the contracting loop and the expanding bubble
seen through the slits, in relation to the X-ray emission. Numbers indicate
speeds of various features in km s−1. The vertical line marks the transition of
the exploding bubble from a slow- to a fast-rise phase.

(A color version of this figure is available in the online journal.)

indeed shows highly sheared field lines near the flaring PIL
and potential-like field lines overlying it, similar in morphol-
ogy to the hot and cold coronal loops, respectively (Figure 2).
NLFFF extrapolation using the vector magnetogram at about
01:00 UT on February 15 gives a similar result. The extrapo-
lated field lines are color coded according to the intensity of
vertical currents on the surface. Field lines whose footpoints are
associated with strong current densities (>0.02 A m−2) are in
red. The footpoints of these red field lines are cospatial with the
four footpoint-like flare brightenings in AIA 94 Å images (Liu
et al. 2012; Wang et al. 2012).

2.2. 2010 August 1 Event

The eruption in the sigmoidal region NOAA AR 11093
on 2010 August 1 conformed to the classical “sigmoid-to-
arcade” transformation (e.g., Moore et al. 2001), i.e., prior to
the eruption, the sigmoidal structure consisted of two opposite
bundles of J-shaped loops, and after the eruption, it appeared
as a conventional post-flare arcade. The evolution in between
the two states was revealed in detail for the first time by AIA
observations (Liu et al. 2010c). In the AIA 94 Å difference
images (Figure 3), one can see that an S-shaped loop started
to glow at about 06:40 UT, about 1 hr before the flare onset.
As its glowing was preceded by a heating episode in the core
region (Figure 3(a)), the topological reconfiguration resulting
in the formation of the continuous S-shaped loop was very
likely due to the tether-cutting reconnection (Moore et al.
2001). The S-shaped loop remained in quasi-equilibrium in the
lower corona for about 50 minutes, with the central dipped
portion rising quasi-statically. During this interval, there was
a weak enhancement in GOES soft X-rays (SXRs), whose
source, however, was located at the southeast limb according

(a) (b) (c)

(d) (e) (f)

Figure 6. AIA observation of the 2010 September 3 B-flare. Top panels show original 171 Å images and bottom panels show the corresponding difference images.
The expanding bubble is indicated by arrows.
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Figure 7. Temporal evolution of the contracting loop and the expanding bubble
in relation to the X-ray emission. The space–time diagrams are obtained by
stacking image slices cut by the slits shown in Figure 6. The vertical line marks
the transition of the exploding bubble from a slow- to a fast-rise phase.

(A color version of this figure is available in the online journal.)

to RHESSI observations (see Figure 3 in Liu et al. 2010c). At
about 07:30 UT, about 10 minutes prior to the onset of the C3.2
flare, the speed increased to tens of kilometers per second, as the
S-shaped loop sped up its transformation into an arch-shaped
loop, which eventually led to a CME.

During the eruption, a group of coronal loops overlying the
northern elbow of the sigmoid was observed to contract in cold
AIA channels such as 171 and 193 Å. The contraction was also
visible in EUV images taken by the Extreme-UltraViolet Im-
ager (EUVI; Wuelser et al. 2004) on board the “Behind” satel-
lite of the Solar Terrestrial Relations Observatory (STEREO-B).
The viewing angle was separated by about 70◦ between SDO
and STEREO-B. By pairing EUVI with AIA images, we are
able to derive the three-dimensional location of the loop un-
dergoing contraction via a triangulation technique called tie
point (Inhester 2006), which is implemented in an SSW routine,
SCC_MEASURE, by W. Thompson. From the difference images
(Figure 4) one can see both the contracting loop, whose height
is color coded, and the expanding bubble, which is associated
with coronal dimming in AIA 193 Å. With stereoscopic views,
it becomes clear that the contraction is not simply a projection
effect due to the loops being pushed aside by the expanding
bubble.

We place slits across both the contracting loops (Figure 4(a))
and the expanding bubble (Figure 3(d)). By stacking the resul-
tant image cut over time, we obtain space–time diagrams for a
series of AIA 193 and 94 Å images at 12 s cadence (Figures 5(b)
and (c)). Note that to increase the signal-to-noise ratio, we in-
tegrate over the width of the slit (10 pixels), and that to reveal
the diffuse, expanding bubble, we carry out base differencing
to make the 94 Å space–time diagram, whereas original 193 Å
images are used for the contracting loops which are more clearly

1

2

1

2

(a) (b) (c)

(d) (e) (f)

Figure 8. AIA observation of the 2011 February 13 M flare. Top panels show 171 Å difference images and bottom panels 211 Å difference images. An animation of
211 Å images as well as corresponding difference images is available in the online version of the journal.

(Animation of this figure is available in the online journal.)
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Figure 9. Temporal evolution of the contracting loop and the expanding bubble
in relation to the X-ray emission. The space–time diagrams are obtained by
stacking image slices cut by the slits as shown in Figure 8. The vertical line
marks the beginning of the explosion.

(A color version of this figure is available in the online journal.)

defined in EUV. From Figure 5(c), one can see that the bubble
initially rose slowly by ∼30 km s−1, and then transitioned into
a phase of fast rise by ∼80 km s−1 at about 07:38 UT. The
height–time profile is piecewise-linear fitted although the tran-
sition is smooth and there seems to be continuous acceleration.

The transition time is approximately coincident with the flare
onset in terms of the GOES 1–8 Å flux. A very diffuse erupting
feature can also be marginally seen in the 193 Å space–time
diagram, whose speed is similar to the bubble in 94 Å. The con-
traction of the overlying loops slightly lagged behind the rising
of the bubble, and there was a similar transition from slow to
fast contraction, slightly lagging behind the speed transition of
the bubble by less than three minutes. It is worth noting that the
apparently upward-moving feature in the wake of contraction
was due to flows along the northern elbow of the sigmoid, not
to the recovery of the contracting loops.

2.3. 2010 September 3 Event

In the 2010 September 3 event, both the contracting loops
and expanding bubble were visible in the 171 Å channel. But
the diffuse bubble can only be seen in the difference images
(bottom panels in Figure 6, marked by arrows). The contracting
loops were located to the east of the bubble, overlying the eastern
elbow of the sigmoid (top panels in Figure 6). Similar to the 2010
August 1 event, in the wake of the bubble erupting, obvious
coronal dimming can be seen in the cold AIA channels such
as 171 and 193 Å. The dynamics of the bubble can also be
characterized by a slow-rise followed by a fast-rise phase, the
transition of which coincided with the gradual increase of the
GOES 1–8 Å flux (Figure 7). The bubble shows a deceleration
signature after 14:48 UT. The loop contraction lagged behind
the transition time at about 14:44 UT by about 10 minutes.

2.4. 2011 February 13 Event

The 2011 February 13 M6.6 flare was associated with
irreversible changes in the photospheric magnetic field (Liu
et al. 2012). Using high-resolution and high-precision Hinode
vector magnetograms and line-of-sight HMI magnetograms,
Liu et al. (2012) found that the field change mainly took
place in a compact region lying in the center of the sigmoid,
where the strength of the horizontal field increased significantly
across the time duration of the flare. Moreover, the near-
surface field became more stressed and inclined toward the
surface while the coronal field became more potential. An
intriguing observation is that the current system derived from
the extrapolated coronal field above the region with an enhanced
horizontal field underwent an apparent downward collapse in the
wake of the sigmoid eruption. Liu et al. (2012) concluded that
these results are a superimposed effect of both the tether-cutting
reconnection producing the flare and the magnetic implosion
resulting from the energy release.

Coronal EUV observations agree with the above conclusion
drawn from photospheric field measurements regarding mag-
netic implosion. At the onset of the impulsive phase, two arch-
shaped loops originating from the center of the sigmoid were
observed to expand outward in 211 Å in different directions
(bottom panels of Figure 8) but at similar projected speeds
(Figures 9(d) and (e)), while coronal loops overlying both el-
bows of the sigmoid were observed to contract (top panels of
Figure 8), with the loops overlying the eastern elbow contracting
much faster (Figures 9(b) and (c)). For this relatively energetic
event, the eruption only preceded the contraction by tens of sec-
onds, and the contracting speed becomes as fast as 200 km s−1.
In the wake of the contraction, loops overlying the eastern elbow
underwent oscillation for several cycles (marked by rectangles
in Figure 9), similar to the events studied by Liu & Wang (2010),
Gosain (2012), and Kallunki & Pohjolainen (2012). Beyond the
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Figure 10. Snapshots of the full-disk AIA 211 Å images (top panels) and the corresponding difference images (bottom panels). In the difference images, a diffuse
front can be seen propagating outward from the active region of interest.

(A color version of this figure is available in the online journal.)

expanding loops, one can also see in the animation of the AIA
211 Å difference images (accompanying Figure 8) a diffuse oval
front with enhanced intensity propagating outward, well sepa-
rated from the expanding loops. This oval structure has been
identified in MHD simulations as a shell of return currents sur-
rounding the flux rope (Aulanier et al. 2010; Schrijver et al.
2011). From Figure 10 one can see that the front was prop-
agating anisotropically, apparently restrained by nearby active
regions and the coronal hole in the southern polar region.

2.5. 2011 February 15 Event

The 2011 February 15 X2.2 flare in AR 11158 is the first
X-class flare of the current solar cycle, hence it has generated
a lot of interests and has been intensively studied. Kosovichev
(2011) reported that the flare produced a powerful “Sunquake”
event due to its impact on the photosphere. Wang et al.
(2012) reported a rapid, irreversible change of the photospheric
magnetic field associated with the flare. Beauregard et al. (2012)
studied the shear flows along the PIL as well as the white-light
flare emission. Schrijver et al. (2011) investigated the coronal
transients associated with the flare. In particular, Schrijver et al.
(2011, p. 167) observed “expanding loops from a flux-rope-
like structure over the shearing PIL between the central δ-spot
groups of AR 11158, developing a propagating coronal front
(“EIT wave”), and eventually forming the CME moving into
the inner heliosphere.” Here the expanding loops are identified
as the erupting component.

The active region as seen in the AIA 171 Å channel was
dominated by two groups of potential-like loops overlying the
elbows of the forward S-shaped sigmoid as seen in the hot
AIA channels (Figure 2). Both groups of potential-like loops
were observed to contract during the X2.2 flare. In each group,
loops underwent contraction successively with those located at
lower altitudes starting to contract first, presumably due to the
limited propagation speed of the Alfvén wave (see also Liu &
Wang 2010; Gosain 2012), whereas loops at higher altitudes
had a faster contraction speed (Figures 12(b) and (c)). These
contracting/collapsing features were also independently noted
by Schrijver et al. (2011), Gosain (2012), and Sun et al. (2012)
using different approaches but with similar interpretation, in
agreement with Liu & Wang (2009).

Immediately prior to the loop contraction, a bubble (marked
by red arcs in the middle panels of Figure 11) can be best
seen to originate from the core of the sigmoid and to expand
northeastward in the 211 Å channel and southwestward in the
94 Å channel (bottom panels of Figure 11; marked by red arcs).
A transition from a slow- to fast-rise phase can still be marginally
seen in the 211 Å channel. But the duration of the slow-rise
phase was very short, lasting for only about two minutes.
The transition time at about 01:50 UT still preceded the loop
contraction by about three minutes. The commencement of
the bubble expansion at about 01:48 UT was concurrent with
the onset of the nonthermal hard X-ray (HXR) emission at
35–100 keV. This expanding bubble was also closely associated
with “an expanding intensity front propagating away from the
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Figure 11. AIA observation of the 2011 February 15 X-flare. From the top, middle, to bottom panels, we show the 171, 211, and 94 difference images, respectively.
The expanding bubble is highlighted by red arcs.

(A color version of this figure is available in the online journal.)

flaring region seen on the disk, and the leading edge of the
intensity signature of the CME propagating outward from the
Sun into the heliosphere,” as identified by Schrijver et al. (2011,
p. 181). These three distinct features are suggested to be different
observational aspects of the eruption of a flux rope (Schrijver
et al. 2011). Similar to the February 13 event, in the wake of the
contraction, loops overlying both elbows underwent oscillation
(see Figure 12, also see Liu & Wang 2010; Gosain 2012;
Kallunki & Pohjolainen 2012).

2.6. 2011 June 21 Event

In the 2011 June 21 event, the group of coronal loops
overlying the eastern elbow of the sigmoid was observed to

contract in the 171 Å channel (top panels in Figure 13). At the
same time, a bubble originating from the center of the sigmoid
was observed to expand eastward in the 94 Å channel (bottom
panels in Figure 13). Both the contraction and the expansion
occurred prior to the C7.7 flare. The transition time of the
bubble from a relatively slow- to a fast-rise phase was roughly
coincident with the onset of the flare (Figure 14).

3. DISCUSSION AND CONCLUSION

We have investigated four sigmoidal active regions, in which
five eruptions with signatures of magnetic implosion occurred.
The magnitudes of the flares associated with the eruptions
span almost the whole flare “spectrum,” from GOES class B
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Figure 12. Temporal evolution of the contracting loop and the expanding bubble
in relation to the X-ray emission. The space–time diagrams are obtained by
stacking image slices cut by the slits as shown in Figure 11. The vertical line
marks the beginning of the explosion.

(A color version of this figure is available in the online journal.)

to X. In all of the flares studied, there are both contracting and
erupting components: the former is only observed in cold EUV
channels and the latter is preferentially visible in warm/hot
EUV channels. This is because the contracting component is
composed of large-scale, potential-like coronal loops overlying
the elbows of the sigmoid, while the erupting component is
associated with newly reconnected flux tubes originating from
the center of the sigmoid (cf. Liu et al. 2010c; Aulanier et al.
2010; Schrijver et al. 2011). Several important aspects of these
observations are discussed as follows.

1. Consequence of loop contraction. The overlying loops un-
dergoing contraction never regain their pre-flare positions,
which implies a new equilibrium with reduced magnetic
energy as the eruption is powered by magnetic energy. One
may argue that the apparent contraction of coronal loops
could be a projection effect, i.e., the loop plane tilts due to
the flare impulse. But in that case, one would expect the
restoration of the loops once the flare impulse has passed
away. In observations, however, the contracting loops may
oscillate about a lower height (e.g., Figure 9; see also Liu &
Wang 2010), but never reach the original heights after the
eruption. Thus, the contraction within the loop plane must
make a significant contribution.

2. Correlation between contraction and eruption. The con-
traction speed seems to depend on the intensity/magnitude
of the eruption. From Figure 15, one can see that despite
this very small sample size, the peak GOES SXR flux as a
proxy of the flare magnitude is linearly correlated very well
with the measured maximal contraction speed in the log–log
plot, although not so well with the maximal erupting speed.
Unlike contracting loops which are clearly defined, how-
ever, the measurement of the erupting speed involves larger
uncertainties as the front of the expanding bubble tends to
get more and more diluted and eventually overwhelmed by
the background during propagation, thereby leading to un-
derestimation of its speed. One more caveat to keep in mind
is that these speeds are not necessarily measured at the time
of the peak SXR flux.

3. Timing. The eruption precedes the contraction in all of
the flares studied, thus establishing loop contraction as a
consequence of eruption. There is also a trend that the
more energetic the eruption, the smaller the time delay of
the loop contraction relative to the onset of the expansion of
the erupting component, which is demonstrated in Figure 15
as a strong anti-correlation between the time delay and the
peak GOES SXR flux in the log–log plot. This time delay
is presumably determined by the expansion speed of the
erupting component. In addition, in the relatively weak
B- and C-flares, the initiation of the erupting component
precedes the increase in GOES SXR fluxes, but in the
stronger M- and X-flares, it is concurrent with the increase
in nonthermal HXR fluxes. This may lend support to Lin
(2004), who concluded that CMEs are better correlated
with flares if there is more free energy available to drive
the eruption. However, since the CME progenitor, i.e., the
expanding bubble, forms before the flare onset as the weak
events clearly demonstrate, the CME must be independent
of the conventionally defined flare, or, the flare is only a
byproduct of the CME, unless the eruption mechanism for
the weak events is different from that for the energetic ones.

4. Asymmetry of contraction. The two groups of coronal
loops overlying the elbows of the sigmoid often contract
asymmetrically, i.e., not only do they contract at different
speeds but either group could show little sign of contraction,
which depends on the detailed interaction between the
core field and the arcade field, including, presumably, their
relative strength and the spatial distribution of the decay
index of the restraining field (Kliem & Török 2006; Liu et al.
2009a, 2010a). For the 2010 August 1 event in particular,
Liu et al. (2010c) concluded that the majority of the flare
loops were formed by the reconnection of the stretched legs
of the less sheared loops overlying the southern elbow and
the center of the sigmoid, based on the reconnection rate
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Figure 13. AIA observation of the 2011 June 21 C-flare. The top panels show the 171 Å difference images and the bottom panels the 94 Å difference images.
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Figure 14. Temporal evolution of the contracting loops and the expanding
bubble in relation to the X-ray emission. The space–time diagrams are obtained
by stacking image slices cut by the slits as shown in Figure 13. The vertical line
marks the transition of the exploding bubble from a slow- to a fast-rise phase.

(A color version of this figure is available in the online journal.)
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Figure 15. Correlation of the maximal contraction/expansion speed, V, and the
time delay of contraction relative to expansion, ∆t , with the flare magnitude in
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(A color version of this figure is available in the online journal.)

inferred from the Hα ribbon motion. The eruption therefore
left most loops overlying the northern elbow unopened.
This explains why only these loops underwent obvious
contraction. The intensity/magnitude of the eruption could
be another relevant factor as among the events studied
only those greater than M class show contraction of loops
overlying both elbows of the sigmoid.

5. Implication for eruption mechanism. As the contracting
component is distinct from the erupting component, we
conclude that these eruptions conform to the “rupture
model” in which the arcade field is partially opened
(Sturrock et al. 2001; Figure 1(b)). We can further exclude
the breakout model because the coronal loops undergoing
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contraction are arched over, rather than located to the side
of, the sheared core field. The loop contraction in the latter
occasion results from reconnection at the magnetic null
above the central lobe in the breakout model.

In conclusion, these observations substantiate that loop con-
traction is an integrated process in eruptions of sigmoidal active
regions in which the restraining arcade field is only partially
opened, consistent with theoretical expectations. The conse-
quence of loop contraction is a new equilibrium of the coronal
field with reduced magnetic energy, and the process itself is a
result of the flare energy release, as evidenced by the strong
correlation of the maximal contracting speed, and strong anti-
correlation of the time delay of contraction relative to expansion,
with the peak SXR flux.
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ABSTRACT

We study an active-region dextral filament that was composed of two branches separated in height by about 13 Mm,
as inferred from three-dimensional reconstruction by combining SDO and STEREO-B observations. This “double-
decker” configuration sustained for days before the upper branch erupted with a GOES-class M1.0 flare on 2010
August 7. Analyzing this evolution, we obtain the following main results. (1) During the hours before the eruption,
filament threads within the lower branch were observed to intermittently brighten up, lift upward, and then merge
with the upper branch. The merging process contributed magnetic flux and current to the upper branch, resulting in
its quasi-static ascent. (2) This transfer might serve as the key mechanism for the upper branch to lose equilibrium
by reaching the limiting flux that can be stably held down by the overlying field or by reaching the threshold of
the torus instability. (3) The erupting branch first straightened from a reverse S shape that followed the polarity
inversion line and then writhed into a forward S shape. This shows a transfer of left-handed helicity in a sequence of
writhe–twist–writhe. The fact that the initial writhe is converted into the twist of the flux rope excludes the helical
kink instability as the trigger process of the eruption, but supports the occurrence of the instability in the main
phase, which is indeed indicated by the very strong writhing motion. (4) A hard X-ray sigmoid, likely of coronal
origin, formed in the gap between the two original filament branches in the impulsive phase of the associated flare.
This supports a model of transient sigmoids forming in the vertical flare current sheet. (5) Left-handed magnetic
helicity is inferred for both branches of the dextral filament. (6) Two types of force-free magnetic configurations
are compatible with the data, a double flux rope equilibrium and a single flux rope situated above a loop arcade.

Key words: Sun: coronal mass ejections (CMEs) – Sun: filaments, prominences – Sun: flares

Online-only material: animations, color figures

1. INTRODUCTION

It is generally accepted that the magnetic field plays a crucial
role for dense and cold filaments to be suspended in and
thermally isolated from the surrounding hot, tenuous coronal
plasma. Filaments are always formed along a polarity inversion
line (PIL) of the photospheric field. Studies utilizing Zeeman
and Hanle effects demonstrated that the flux threading the
filament is largely horizontal and mainly directed along the
filament axis (Leroy 1989; Bommier et al. 1994). This is also
manifested in the chromospheric fibril pattern (Martin 1998 and
references therein): fibrils near the filament are nearly parallel
to the filament axis, but away from the filament they tend to
be perpendicular to the filament axis. This pattern implies the
presence of two types of filament chirality: for an observer
viewing the filament from the positive-polarity side, the axial
field in a dextral (sinistral) filament always points to the right
(left). Independent of the solar cycle, dextral (sinistral) filaments
are predominant in the northern (southern) hemisphere (Martin
et al. 1994; Zirker et al. 1997; Pevtsov et al. 2003).

Most quiescent filaments have what is known as inverse po-
larity configuration, i.e., the magnetic field component perpen-
dicular to the axis traverses the filament from the region of
negative polarity to the region of positive polarity in the pho-
tosphere, opposite to what would be expected from a potential
field. Normal polarity configuration is mainly found in active-

region filaments, i.e., the field lines pass through the filament
from the region of positive polarity to the region of negative
polarity (Leroy 1989). Magnetic configurations with either a
dipped field or a helically coiled field have been invoked to ex-
plain the equilibrium and stability of filaments, which leads to
three basic filament models as reviewed by Gilbert et al. (2001):
the normal polarity dip model (e.g., Kippenhahn & Schlüter
1957), the normal polarity flux rope model (e.g., Hirayama
1985; Leroy 1989), and the inverse polarity flux rope model
(e.g., Kuperus & Raadu 1974; Pneuman 1983; Anzer 1989;
Low & Hundhausen 1995). In addition, by transporting the core
flux into regions of increasingly weak field via shear flows,
Antiochos et al. (1994) were able to produce a dipped, inverse-
polarity configuration of sheared field lines. By applying greater
shear, DeVore & Antiochos (2000) find that magnetic reconnec-
tion produces helical field lines threading the filament. In all
these models, the magnetic tension force pointing upward pro-
vides mechanical support for the filament material against grav-
ity. Alternatively, Karpen et al. (2001) found that cool plasma
can be supported in a dynamic state on flat-topped arcade field
lines and argued that magnetic dips are not necessary for the
formation and suspension of filaments.

The correspondence between the filament chirality and the
helicity sign has been controversial due to different opinions
on how the filament is magnetically structured. Rust (1994)
conjectured that sinistral (dextral) filaments are threaded by
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right-handed (left-handed) helical fields, considering that barbs,
which are lateral extensions veering away from the filament
spine, should rest at the bottom of the helix. Martin & Echols
(1994), on the other hand, noticed that the ends of barbs are
fixed at patches of parasitic polarities (also termed minority
polarities), which are opposite in polarity to the network ele-
ments of majority polarity, and suggested that dextral filaments
are right helical. Chae et al. (2005), however, reported that the
barbs terminate over the minority PIL. This lends support to the
suggestion that the barb material is suspended in field line dips
which form due to the existence of parasitic polarities. The latter
scenario is consistent with force-free field models (Aulanier &
Démoulin 1998; Aulanier et al. 1998), in which the filament
spine, the barbs, and the surrounding fibrils are all modeled as
the dipped portions of the field lines. With projection effects,
a continuous pattern of dipped field lines could give the illu-
sion that barbs are made of vertical fields joining the spine to
the photosphere. Projection effects also contribute to the confu-
sion about the chirality-helicity correspondence of the sigmoidal
structures in the corona: the projection of a single twisted field
line includes both forward and inverse S shapes (Gibson et al.
2006). Furthermore, a left-handed flux rope can take either for-
ward or reverse S shapes depending on whether it kinks upward
or downward (Kliem et al. 2004; Török et al. 2010).

Considerable attention has been given to the eruption of fil-
aments, with the dense filament material tracing the otherwise
invisible progenitor of the coronal mass ejection (CME). Rel-
evant models can be roughly classified into two categories:
those that rely on magnetic reconnections to remove the teth-
ering field so that the filament can escape (Moore et al. 2001;
Antiochos et al. 1999) and those in which the eruption occurs
when a flux rope loses equilibrium, due to a catastrophe (e.g.,
van Tend & Kuperus 1978; Forbes & Priest 1995) or due to
ideal MHD instabilities (e.g., Hood & Priest 1979; Kliem &
Török 2006). While the torus instability almost certainly plays
a role (Liu 2008; Aulanier et al. 2010; Fan 2010), the occurrence
of the helical kink mode has recently been quite controversial.
It is motivated by observations of writhed eruptive structures
(e.g., Rust & Kumar 1994, 1996; Ji et al. 2003; Romano et al.
2003; Rust & LaBonte 2005; Alexander et al. 2006; Liu et al.
2007c; Liu & Alexander 2009; Cho et al. 2009; Karlický &
Kliem 2010), most of which are filaments. It is also supported
by successful MHD numerical modeling of key properties of
eruptions, e.g., writhe, rise profile, and sigmoidal features, and
of specific eruptive events (e.g., Fan & Gibson 2004; Fan 2005,
2010; Gibson & Fan 2006b; Török et al. 2004; Török & Kliem
2005; Kliem et al. 2010). On the other hand, signatures of the
required amount of twist prior to the eruption remain difficult
to detect (e.g., Chae 2000; Su et al. 2011). Eruptions driven by
the kink instability also provide an opportunity to determine the
helicity sign of the filament. Due to helicity conservation, an
unstable flux rope only writhes into a kink of the same hand-
edness, which can be inferred from the writhing motion of the
filament axis (e.g., Green et al. 2007), especially if stereoscopic
observations are available.

In this paper, we address these issues in analyzing the
observations of an eruptive filament which showed strong
writhing motions preceded by unwrithing motions. The filament
had a special “double-decker” configuration and formed a hard
X-ray (HXR) sigmoidal source of coronal origin between the
rapidly rising upper branch and the stable lower branch, which
provides some unique insight into the physics of solar filaments
and their eruption. The observations and data analysis are

presented in Section 2. Interpretations are discussed in Section 3.
Section 4 summarizes the main results.

In Paper II (Kliem et al. 2012b) we consider the existence,
stability, and instability of equilibria containing two vertically
arranged force-free flux ropes in bipolar external field, which
further corroborates our interpretations based on the present data
analysis and suggests new models for partial eruptions.

2. OBSERVATIONS AND DATA ANALYSIS

2.1. Instruments and Data Sets

The key data sources in this study include the EUV imaging
instruments on board the Solar Dynamic Observatory (SDO),
the Solar Terrestrial Relations Observatory (STEREO; Kaiser
et al. 2008), and the Reuven Ramaty High Energy Solar
Spectroscopic Imager (RHESSI; Lin et al. 2002).

The Atmospheric Imaging Assembly (AIA; Lemen et al.
2012) on board SDO takes EUV/UV images at multiple wave-
lengths with a resolution of ∼1.′′2 and a cadence of 12 s for
each individual wavelength, covering an unprecedentedly wide
and nearly continuous temperature range. AIA Level-1 data are
further processed using the standard SSW procedure AIA_PREP
to perform image registration.

The Extreme-Ultraviolet Imager (EUVI; Wuelser et al. 2004)
of the Sun Earth Connection Coronal and Heliospheric Investi-
gation (Howard et al. 2008) imaging package on board both
STEREO satellites provides three passbands, namely, 171 Å
(Fe ix), 195 Å (Fe xii), and 304 Å (He ii). The top panel of
Figure 1 shows the positions of the STEREO “Ahead” and
“Behind” satellites (hereafter referred to as STEREO-A and
STEREO-B, respectively) in the X–Y plane of the Heliocentric
Earth Ecliptic (HEE) coordinate system. In the bottom panel,
the red and blue arcs mark the corresponding limb positions of
the STEREO satellites in the AIA image obtained at 18:11 UT
on 2010 August 7. The active region of interest, NOAA Active
Region 11093, was located at N12E31, connecting with AR
11095 (S19E20) in the southern hemisphere through a group of
transequatorial loops as indicated by an arrow.

2.2. Pre-eruption Configuration

The filament located in AR 11093 was composed of two
branches, hereafter referred to as the lower branch and the upper
branch. As shown in Figure 2, the lower branch was aligned
along the PIL as filaments usually do, while the upper branch
was projected onto the region of positive polarities, owing to
the fact that it was located high in the corona (Section 2.3). The
southern ends of both branches were apparently rooted in the
penumbra of the sunspot that was of negative polarity. (Note
that due to the projection effect the field in the eastern periphery
of the penumbra possessed a positive component along the
line of sight. This is clearly demonstrated in the line-of-sight
magnetogram taken two days later (bottom panel of Figure 2),
in which the sunspot was close to the disk center and the positive
patch to the east of the sunspot has disappeared.) Hence, the field
direction along the filament axis must be pointing southward,
spiraling counterclockwise into the sunspot. Therefore, both
branches of the filament were dextral, according to the definition
of the filament chirality (Martin 1998). This is consistent with
the empirical hemispheric chirality rule of filaments.

2.3. 3D Reconstruction and Analysis

By using a pair of EUV images taken from different per-
spectives, the three-dimensional location of the filament under
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Figure 1. Top: positions of the pair of STEREO satellites in the Heliocentric
Earth Ecliptic (HEE) coordinate system at about 18:00 UT on 2010 August 7;
bottom: red and blue curves indicate the limb positions of the STEREO “Ahead”
and “Behind” satellites, respectively, on an SDO image taken near the onset of
the eruption. The arrow marks a group of transequatorial loops connecting AR
11093 in the northern hemisphere, where a sigmoid is visible, and AR 11095 in
the south.

(A color version of this figure is available in the online journal.)

investigation can be derived by a triangulation technique called
tie point (Inhester 2006). This is implemented in an SSW rou-
tine, SCC_MEASURE, by W. Thompson and has been utilized to
obtain the three-dimensional shape and height of filaments ob-
served by STEREO (e.g., Li et al. 2010; Xu et al. 2010; Seaton
et al. 2011; Bemporad et al. 2011; Thompson et al. 2012). In
our case, STEREO-B images are to be paired with Earth-view
images provided by SDO, as the filament was occulted from the
STEREO-A view (Figure 1). In EUVI images, the filament is
more clearly defined with better contrast in 171 Å than in 195 Å
or 304 Å, but 171 Å images are often not available, suffering
from much lower cadence (2 hr) than the other two channels
(usually 5–10 minutes).

Figure 2. Hα image taken by Kanzelhöhe Solar Observatory (KSO; top panel),
overlaid by an HMI line-of-sight magnetogram taken at the same time. Contour
levels indicate the magnitude of magnetic flux density at 50, 200, and 800 G for
positive (red) and negative (blue) polarities. Yellow contours indicate the major
PIL of the active region. The bottom panel shows a line-of-sight magnetogram
taken two days later when the sunspot was close to the disk center.

(A color version of this figure is available in the online journal.)

The two observers, SDO and STEREO-B, and the point in the
solar corona to be triangulated define a plane called the epipolar
plane. For each observer, the epipolar plane intersects with the
image plane in the epipolar line. The basis for triangulation
is known as the epipolar constraint (Inhester 2006), i.e., a
point identified on a certain epipolar line in one image must
be situated on the corresponding epipolar line in the other
image. Matching features that appear on a pair of epipolar lines
therefore establishes a correspondence between pixels in each
image, and the reconstruction is achieved by tracking back the
lines of sight for each pixel, whose intersection in the same
epipolar plane defines a unique location in three-dimensional
space.

Figure 3 shows two pairs of EUV images from AIA on
board SDO and from EUVI on board STEREO-B taken on
2010 August 5 and 7. On August 5, both branches of the
filament can be clearly seen in the AIA image (Figure 3(b)),
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Figure 3. Three-dimensional reconstruction of the filament height using the tie-point method. Points on the upper branch (UB) are indicated by crosses and those on
the lower branch (LB) by diamonds. The heights of these points above the solar surface in Mm are color coded as indicated by the color bar on the right.

(A color version of this figure is available in the online journal.)

while only a single thread-like structure of reverse S shape was
displayed by the corresponding STEREO-B image (Figure 3(a)).
For STEREO-B the filament was located close to the disk center,
suggesting that the upper branch was located right above the
lower branch. Hence, we will refer to the configuration as a
“double-decker filament.” By triangulation, we obtain the height
of the upper branch, which was at about 30 ± 3 Mm above the
solar surface. The reconstruction error is ∼w/ sin α ≃ 2.6 Mm,
where w ≃ 2.5 Mm is the width of the observed filament thread
in the STEREO-B image and α ≃ 71◦ is the separation angle
between STEREO-B and SDO on August 5.

On August 7, the two branches were visible in both the
STEREO-B and SDO views (Figures 3(c) and (d)). About 4
hr later, the upper branch in the SDO view moved eastward
and then erupted, while in the STEREO-B images, one can see
that the branch in the west moved westward and then erupted.
Hence, we are able to match the two branches unambiguously
in the image pair (Figures 3(c) and (d)). For the upper branch,
the triangulation results show that its upper rim was located
at about 36 ± 2 Mm above the surface, 6 Mm higher than it
was on August 5, corresponding to an average rising speed of
about 0.1 km s−1. Its lower rim was 25 ± 3 Mm high, hence the
vertical extent of the upper branch was about 11 ± 4 Mm. For
the lower branch, its upper rim had a height of about 12±3 Mm,
which was separated from the lower rim of the upper branch by
a distance similar to the vertical extension of the upper branch.

2.4. Filament Rise and Eruption

The evolution of the active region’s photospheric field in
the course of the one to two days during which it was well
visible before the eruption was mainly characterized by the

moat flow around the sunspot and ongoing gradual dispersion
of the positive polarity flux in the northern hook of the filament.
Episodes of significant new flux emergence, shearing, or can-
cellation were not observed. Weak-flux cancellation proceeded
at the north–south-directed section of the PIL under the middle
of the filament. The two filament branches did not show strong
changes in position either. However, there were quite dramatic
signs of interaction between them, which appeared to be the
most significant changes associated with the filament system,
in addition to the weak-flux cancellation under its middle part.
Episodes repeatedly occurred in which a dark thread within the
lower branch was heated, brightened, lifted upward, and merged
with the upper branch, apparently cooling down again. To show
this evolution, we place a virtual “slit” across the center of the
double-decker filament in the AIA 304 Å images and generate a
stack plot from these data. The slit is taken to be 260 by 10 pix-
els spanning from −719.′′7 to −564.′′3 in the east–west direction
and from 119.′′1 to 124.′′5 in the north–south direction (see the
animation accompanying Figure 4). The intensities are summed
in vertical direction, and the solar rotation and differential rota-
tion are removed. The resulting space–time diagram is plotted
in Figure 4 in the range of 07:00:10 to 19:59:10 UT. Three ex-
emplary mergers occurring within 10 hr prior to the eruption are
visible. Each merger corresponds to a small bump in the light
curve of the AIA 304 Å channel (top panel of Figure 4), which
is obtained by integrating over a region enclosing the filament
(Figure 5(a), green box). The bumps manifest the heating of the
filament, due to the reconnection associated with flux transfer
from the lower to the upper branch. Assuming dominantly hor-
izontal field direction in the filament, the mass transfer implies
a corresponding flux transfer.
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Figure 4. Intermittent merging process observed in AIA 304 Å. Top panel: GOES and AIA light curves. The AIA light curve (red) is obtained by integrating over the
green box in Figure 5(a). Three bumps in the light curve corresponding to the heating at the start of each merging process are marked by arrows in the bottom. Bottom
panel: a space–time diagram (stack plot) obtained from the slit displayed in the accompanying animation of AIA 304 Å images for the same time interval, with all
images being registered with the first image at 07:00:10 UT. The intensities in the space–time diagram are displayed in logarithmic scale. The first two sloping lines
are adjusted to the western edge of the upper branch, which is better defined than its eastern edge, and the third sloping line follows the eruptive feature, which briefly
swept across the slit from 18:07 to 18:17 UT. Dashed lines are simply extensions of the solid lines which outlines the corresponding features. The implied velocities
are quoted in km s−1. The two vertical lines mark the crossing of the first two sloping lines and the onset of the GOES flare, respectively.

(An animation and a color version of this figure are available in the online journal.)

The merging episodes cannot be associated with significant
changes in the position of the branches, but they occurred in a
long-lasting phase of very gradual displacement (likely gradual
rise) of the upper branch, as indicated by the first of the three
sloping lines in Figure 4. The slope of the line represents a
velocity of 0.1 km s−1 in the plane of the sky, consistent with
the average rise velocity since August 5 (∼0.1 km s−1) estimated
from the three-dimensional reconstruction in Section 2.3. Both
the transfer of flux into the upper branch and the weakening
of the overlying field by the gradual cancellation are plausible
causes of the indicated very gradual rise of the branch.

Following the mergers, the upper branch appeared thicker
and darker, presumably due to the mass loading effect. A few
other factors could also affect the observed absorption, such
as Doppler shift, change in perspective, shift of the filament
structure, and condensation of coronal plasma. It is difficult
to evaluate how these effects impact on filament darkness and
thickness in relation to the mass loading, which is the most
obvious factor.

About 1.5 hr prior to the eruption, the displacement of
the upper branch accelerated slightly to reach more typical
velocities of a slow-rise phase; the slope of the second line
in Figure 4 corresponds to about 0.9 km s−1. Whether this
change occurred abruptly at the crossing time (16:34 UT) of the
lines or gradually, and whether it was due to external influences
or changing conditions in the filament, cannot be determined
from the available data. No significant external influence on the
filament can be discerned near this time.

Threads in the upper branch lightened up in the EUV from
about 17:42 UT. The resulting mix of dark and bright structures

strongly increased the visibility of the internal motions in
both branches (see the animation accompanying Figure 5). At
earlier times, motions directed toward the sunspot could be
seen throughout the lower branch and in the southwest half
of the upper branch. With the onset of the brightening, the
motions in the upper branch intensified, becoming faster in the
southwest half. Additionally, motions toward the other end of
the branch became very visible in the northeast half (this may
be a true enhancement or be due to the improved perception).
The motions toward the ends of the upper branch continued into
the onset phase of the eruption.

The eruption of the upper filament branch commenced in
relatively close temporal association with the soft X-ray (SXR)
flare. It can be seen from Figure 4 that the brightening and
acceleration of the upper branch (marked by an arrow) started
slightly earlier (about 10 minutes) than the onset of the GOES-
class M1.0 flare at about 17:55 UT. Due to the acceleration,
the crossing time of the second and third sloping lines slightly
lagged (about seven minutes) behind the onset of flare. Within
about two minutes, also a flare spray was ejected from the
vicinity of the sunspot, but into a different direction (Figure 5).
The flare spray propagated along the transequatorial loops
connecting with AR 11095 in the southern hemisphere (see
also Figure 1). The lower branch of the filament, on the other
hand, obviously remained stable at its original location, flanked
by a pair of conjugate flare ribbons in 304 Å separating from
each other (Figure 5; see also Vemareddy et al. 2012 for
a study of the ribbon separation in relation to the filament
eruption). The eruption evolved into a fast CME detected by the
SOHO/LASCO and STEREO/COR coronagraphs.
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Figure 5. Filament eruption observed in He ii 304 Å in two different viewpoints. Panels (a)–(f): snapshots of AIA 304 Å images, overlaid by contours indicating
RHESSI emission at 3–9 keV (red) and 15–40 keV (blue), respectively. Contour levels are set at 50%, 70%, and 90% of the maximum brightness of each individual
image. Yellow curves highlight the upper branch of the filament which was too diffuse to be seen in static images but visible in the animation accompanying the figure;
in the animation, the left panel shows an original AIA 304 Å image and the right panel shows the same image enhanced with a wavelet technique. White arrows mark
the flare spay propagating along the transequatorial loops connecting to AR 11095 in the southern hemisphere. Panels (g)–(i): 304 Å images obtained by the Ahead
satellite of STEREO. The green box in panel (a) marks the integration area to obtain the AIA 304 Å light curve in Figure 4. It is slightly slanted due to differential
rotation, as the box is defined in the image at 07:00:08 UT.

(An animation and a color version of this figure are available in the online journal.)

The upper filament branch experienced a dramatic change of
shape in the course of its eruption. Originally, it had a strong
reverse S shape following the PIL (Figures 3 and 5). The AIA
images in Figure 5 first indicate a straightening of the branch
(panel (c)), followed by a strong writhing into a forward S
shape (panels (d)–(e)). With yellow curves, we highlight the
shape of the branch, which was too diffuse to be clearly seen
in static images, but is visible in the animation of these images
accompanying in Figure 5. Both the reverse S shape of the
low-lying filament branches and the forward S shape of the
erupted, high arching upper branch are signatures of left-handed
writhe (Török et al. 2010), indicating left-handed chirality for
this dextral filament.

These considerations are supported by the STEREO data.
In the STEREO-A 304 Å images in which the upper branch
of the filament was above the east limb from 18:06 UT, a
leg-crossing loop configuration developed (Figures 5(g)–(i)),
indicative of strong writhing. By examining the animation of
AIA 304 Å images, one can see that the filament leg that was
fixed at the sunspot penumbra was more perceptible than the
other leg, which became too tenuous to be seen by 18:05 UT.
Assuming a similar visibility for the corresponding STEREO-A
images in the same wavelength, we identify the filament leg that
was apparently attached to the surface in the STEREO-A view
(Figures 5(h)–(i)) with the leg fixed at the sunspot penumbra
in the Earth view (Figures 5(a)–(f)). Since this footpoint is

closer to the observer, the filament traces a left-handed helical
curve, consistent with the left-handed writhe inferred from the
counterclockwise rotation of the filament’s upper section in the
AIA images (Figures 5(c)–(e)).

2.5. Associated Flare

X-ray flaring activity associated with the eruption com-
menced as a microflare at 17:30 UT, detected by RHESSI in
the energy range ≈ 3–9 keV (Figure 6(b)). In the GOES SXR
flux, the signal was very weak, barely above the background
noise (Figure 6(a)). RHESSI images at 3–9 keV show a com-
pact source located to the west of the sunspot. The source
location and morphology was almost identical to the early
phase of the GOES-class M1.0 flare starting at about 17:56 UT
(Figures 5(b)–(d)), suggesting that the magnetic configuration
stayed largely unchanged in this interval. No specific change in
the filament can be associated with the microflare. It appears that
this tiny event did not play any significant role in the evolution
toward the eruption.

The spatial and spectral evolution of the M1 flare is shown in
Figures 7 and 8, respectively. Throughout the flare interval, the
spatially integrated spectra can be well fitted by an isothermal,
exponential component below about 10 keV (red line) and a
nonthermal, power-law component above about 15 keV (blue
line) plus a narrow Gaussian component emulating the iron-
line complex at 6.7 keV (green line). Toward the flare peak,
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Figure 6. Time evolution of the filament eruption in X-rays and radio.

(A color version of this figure is available in the online journal.)

the power-law section hardened significantly, and the flare
morphology underwent a drastic change as the upper branch
of the filament rose and writhed. Until 18:08 UT, the compact
source to the west of the sunspot was still visible, but new
emission began to develop to the east of the sunspot from
18:06 UT, whose shape roughly followed the curved filament.
At the peak of the nonthermal emission at about 18:09 UT
(Figure 6(a)), a sigmoidal HXR source was fully developed
(Figures 7(h) and (i)), outshining the compact source to the
west of the sunspot.

In the dynamic spectrograms obtained by the Green Bank
Solar Radio Burst Spectrometer7 on the ground (Figure 6(c))
and the WAVES instrument on board STEREO (Bougeret et al.
2008) (Figure 6(d)), one can see a fast-drift burst (type III)
starting at about 08:12 UT near 35 MHz, indicating the escape
of some nonthermal electrons along open field lines, presumably
due to the interaction of the filament field with the surrounding
field. One can also see a slow-drift (type II) burst commencing

7 http://gbsrbs.nrao.edu/

at about 18:20 UT near 50 MHz, which reveals the formation of
a large-scale coronal shock by the fast CME.

2.6. Coronal HXR Sigmoid

The HXR nonthermal emission at 15–40 keV was composed
of four kernels, K1–K4 (Figure 9(a)), at the flare peak. Overall
it took a reverse S shape, and K1–K3 were cospatial with the
thermal source (3–9 keV) that possessed a continuous, reverse S
shape passing over the PIL. This thermal sigmoidal source was
roughly projected to the gap between the two filament branches
in the AIA 304 Å image (Figure 9(a)), and was cospatial with a
hot ridge in the temperature map (Figure 9(b)) which is obtained
with the differential emission measure (DEM) method utilizing
the six AIA coronal wavelengths (131, 171, 193, 211, 335, and
94 Å; Aschwanden & Boerner 2011). The temperature of this
hot ridge is consistent with the isothermal temperature of the
SXR emission derived from spectral fitting (∼12 MK; Figure 8),
confirming that the flaring plasma was observed by both RHESSI
and AIA. Thermal sources are usually coronal sources, not
footpoint sources. The continuous structure, passing over the
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Figure 7. Evolution of flare morphology in HXRs. The figure shows a series of RHESSI CLEAN images at 3–9 keV, overlaid by contours at 50%, 70%, and 90% of
the maximum brightness, Imax (photons cm−2 s−1 arcsec−2) of each image obtained for the same time interval at 15–40 keV. Imax is given in the bottom left (right) of
each panel for the 3–9 (15–40) keV energy ranges; also quoted is Ctot, the total counts accumulated by Detectors 3–8.

(A color version of this figure is available in the online journal.)
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(A color version of this figure is available in the online journal.)

PIL, clearly favors a coronal source in the present event as well.
The hot ridge must show plasma in the flare current sheet above
the arcade of flare loops or the tops of the flare loops, which are
known to often have the highest brightness in the arcade.

From the above observations, we conclude that the sigmoid
featured by SXR emission was of coronal origin. But were the
nonthermal kernels, K1–K4, coronal or footpoint sources? First
of all, we believe that these kernels are unlikely “ghost” images
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RE
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Figure 9. Sigmoidal HXR source in relation to (a) the double-decker filament, (b) flaring loops in the corona, (c) flare ribbons in the chromosphere, and (d) photospheric
line-of-sight magnetic field. Panel (b) is a temperature map obtained with the DEM method using six AIA coronal channels. Red and blue contours show the 3–9 and
15–40 keV emission, respectively, integrated over 18:09:16–18:09:56 UT.

(A color version of this figure is available in the online journal.)

due to the pulse pileup effect (Smith et al. 2002; Hurford et al.
2002), as the fractional live time is relatively high (87.96% at the
peak of the nothermal emission) and the count rate is relatively
low (the peak count rate at 12–25 keV is ∼200 s−1 det−1 with
no attenuators in front of the detectors). The spatially resolved
spectra of K3 and K4 (Figure 11) were significantly harder than
the other two kernels, making these the strongest candidates for
footpoint sources. The source K4 coincided with the southern
end of the western, negative-polarity ribbon RW (Figures 9(c)
and 10), and it was spatially distinct with both the SXR source
and the EUV hot ridge (Figure 9(b)); hence it was very likely a
footpoint source. The sources K1–K3 had projected locations
on the positive-polarity side of the PIL. While the stronger
source K1 fell on the eastern, positive-polarity ribbon RE, the
centroids of K2 and K3 were clearly displaced from the ribbon.
(Note that RE was shorter, ending near K3, while RW ended
at K4.) Moreover, both UV ribbons were formed as early as
18:04 UT, before the HXR sigmoid appeared (Figure 10). This
is in contrast to previously reported cases, in which UV-bright
kernels tended to be both cospatial and co-temporal with HXR
footpoints (e.g., Warren & Warshall 2001; Liu et al. 2007a;
Qiu et al. 2010), although the latter are often more compact.
This timing, the spatial association of K2 and K3 with the
SXR source, and their displacement from the UV ribbon are all
naturally explained if K2 and K3 were coronal sources. The
nature of kernel K1 is less clear: its location is consistent with
a footpoint source (although not inconsistent with a coronal
source falling on the ribbon only in projection), while its soft
spectrum, similar to K2 (Figure 11), indicates a coronal source.
Overall, the HXR sigmoid observed here is at least partly of

coronal origin, different from that reported by Ji et al. (2008),
which appeared in a typical flare morphology with two conjugate
footpoints and a looptop source.

3. INTERPRETATION

3.1. Filament Chirality and Magnetic Configuration

The writhing motion and the consequent formation of the left-
handed kink clearly indicate that the upper branch of the filament
was embedded in a left-handed flux rope. Thus, the inverse
polarity configuration is indicated for this branch. The helicity
sign of the lower branch can be inferred from its magnetic
connections at the ends, which were the same as for the upper
branch, and from its interaction with the upper branch. The
MHD simulations by Linton et al. (2001) showed that two
parallel flux tubes with the same sign of helicity tend to merge
while those with the opposite sign of helicity tend to bounce off
each other. Thus, left-handed helicity is indicated for the lower
branch as well.

However, the lower branch could be either embedded in a
flux rope with the inverse polarity configuration (Figure 12(a))
or in a sheared arcade (Figure 12(b)) with the normal polarity
configuration. The latter case simply corresponds to a flux rope
configuration bounded below by an X-type structure, i.e., in
general a hyperbolic flux tube (HFT; e.g., Titov et al. 2002).
It is well known that this configuration admits both stable and
unstable states for the flux rope (while the arcade below does not
erupt): the helical kink mode and the torus instability have been
demonstrated to occur if the flux rope’s twist or height exceeds
a threshold (e.g., Török et al. 2004; Török & Kliem 2007).
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Figure 10. UV flare ribbons in relation to HXR emission represented by contours (same as in Figure 5).

(A color version of this figure is available in the online journal.)

The consideration of the former case in Paper II shows that it
likewise admits of both stable and unstable states for the upper
flux rope, with the lower flux rope being stable (in addition
to states with both ropes being unstable). Consequently, both
configurations sketched in Figure 12 represent plausible models
for the observed double-decker filament.

3.2. Formation Mechanism

A question naturally arises as to how a double-decker config-
uration containing two flux ropes in equilibrium can form. We
provide two possible scenarios as follows.

1. The lower branch emerges from below the photosphere
after the upper branch has formed above the PIL. This is
motivated by the recent Hinode observation which suggests
that a flux rope can emerge under a pre-existing filament
(Okamoto et al. 2008). In this particular observation, the
upper and lower flux systems appeared to merge within
a couple of hours right after the emergence of the lower
flux system (Okamoto et al. 2009). Such merging may be
delayed or inhibited if the upper flux system is elevated to
substantial heights or if the ambient field between the flux
systems is very strong (see Paper II for the latter case).

2. Both branches originally belong to a single flux rope or
flux bundle and are separated later. This is motivated by
the “partial eruption” scenario proposed by Gilbert et al.
(2001), in which the reconnection within a stretched flux
rope splits it into two ropes with the same handedness.
However, it is unclear whether the two ropes can remain
in equilibrium for an extended period of time (a few days),
since in previous simulations (e.g., Gibson & Fan 2006b)
and observations (e.g., Gilbert et al. 2001, 2007; Liu et al.
2007c; Tripathi et al. 2009; Régnier et al. 2011) the splitting
often occurs during the eruption or, in some cases, shortly
before the eruption (e.g., Contarino et al. 2003; Guo et al.
2010). See Paper II for a new simulation addressing this
problem.

We suggest that a double-decker configuration is not a unique
occurrence, since it is possible for either branch to be void of
filament material so that only a single-branch filament is visible.
In particular, it is sometimes observed that a filament survives
the eruption directly above it (e.g., Pevtsov 2002; Liu et al.
2007b, 2007c, 2010). This could be similar to the eruption
studied here except that the upper branch is not traced by
filament material. As the upper branch rises, reconnection occurs
between the oppositely directed legs of the overlying field which
recloses between the two branches, so that the lower branch is
confined by the newly reconnected field (similar to the middle
panel of Figure 3 in Gilbert et al. 2001).

3.3. Flux Transfer

The transfer of material from the lower to the upper filament
branch implies a corresponding transfer of flux if the field in
the filament has a dominantly horizontal direction, which is the
standard configuration at least for active-region filaments. Such
transfer of flux through the HFT between the filament branches
is different from a conventional reconnection process at the HFT
(e.g., tether-cutting reconnection), which would exchange flux
in both branches with the ambient flux. Thus, it must be due
to upward Lorentz forces of the current-carrying flux in the
lower branch which enforce part of this flux to rise even through
the HFT. Such a process is conceivable if part of the flux in
the lower branch is particularly stressed (sheared or twisted) by
appropriate photospheric changes in its footpoint areas. It is also
natural to expect that such flux rearrangement is accompanied
by reconnection between the flux of the lower branch and that
of the upper branch. We conclude that the transfer of flux as
indicated by the observed mass transfer must involve a transfer
of current from the lower to the upper filament branch. This will
be further considered in the modeling of the partial eruption in
Paper II.
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K1

K2

K3 K4

Figure 11. Imaging spectroscopy for a 48 s interval at the peak of the HXR burst at about 18:09 UT on 2010 August 7. Pixon images are made with detectors 2–8 in
14 energy bins from 3 to 40 keV. Indicated in the bottom left corner of each image are the maximum brightness, Imax (photons cm−2 s−1 arcsec−2), of each individual
Pixon map, and the total counts accumulated by the detectors used, Ctot. The spatially resolved spectrum for each region as marked by polygons is fitted with an
isothermal function (dotted line) plus a broken power-law function (dashed line) with the spectral index below the break energy being fixed at 1.5. Resultant fitting
parameters, as in Figure 8, are given for each spectrum. Emission measures given as EM47 are to be multiplied by 1047.

3.4. Eruption Mechanism

3.4.1. Role of the Helical Kink Instability

The pronounced writhing of the upper filament branch into a
projected forward S shape in the course of its rise is an indication
for the occurrence of the helical kink instability. However,
since the filament had a low-lying, reverse S shape prior to
the eruption, it must have temporarily straightened out during
the initial rise before it could adopt the high-arching, forward
S shape. Both a low-lying reverse S-shaped structure and a
high-arching forward S-shaped structure have negative (left-
handed) writhe, while a straight loop (lying in a plane) has no

writhe (Török et al. 2010). Therefore, the straightening implies
a reduction of writhe, excluding the helical kink instability as
the trigger of the eruption. This is because the helical kink which
transforms twist into writhe is supposed to increase the writhe.
The only exception is an opposite sign of the initial twist and
writhe, which would be a very unusual case and is in no way
supported by the data of the considered event, which all indicate
left-handed helicity.

As has also been noted in Török et al. (2010), the initial
increase of the flux rope twist by the transformation of writhe
helicity supports the occurrence of the helical kink in the further
evolution. Part of the acquired twist would thus be transformed
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W

(b)

(a)
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Figure 12. Schematic illustrating the cross section of the two suggested double-
decker filament configurations as viewed from the south. The axial field of
both filament branches points out of the plane. Regions to the east (west) of
the filament are associated with positive (negative) polarity. Slabs of gray color
indicate the filament body.

back into left-handed writhe. Inferring the occurrence of the
instability from an observed writhing (helical kinking) alone
is often not conclusive, however, since a writhing of the same
sign is given to a rising flux rope by the shear component of
the ambient field (Isenberg & Forbes 2007). This component is
usually present and acts quite efficiently (Kliem et al. 2012a).
In AR 11093, it must have been rather strong because the main
polarities were situated near the ends of the filament. In order to
infer the helical kink unambiguously, one needs to find a super-
critical amount of twist (through observation of highly twisted
substructure, magnetic field extrapolation, or a parametric study
as in Kliem et al. 2012a) or features incompatible with a
writhing driven (nearly) exclusively by the shear field. The
latter—approaching flux rope legs, apex rotation considerably
exceeding 90◦, or more than one helical turn—were justified in
Kliem et al. (2012a).

In the present case, we find an indication against a purely
shear-field-driven writhing from the filament shape in the SDO
images in Figures 5(d) and (e). The filament exhibits two strong
and localized bends in this phase, which, at the given oblique
perspective, indicate an apex rotation exceeding 90◦ (with
respect to the line connecting the footpoints) by a considerable
amount. Projection effects can easily produce such a bend on

one side of a gently writhed loop with �90◦ apex rotation.
However, the other leg would then appear quite straight. Two
strong and localized bends are seen from many perspectives if
the apex rotation clearly exceeds 90◦. Such a strong rotation
is not expected to result from the shear field mechanism alone
because the shear field causes the flux rope legs to lean to the
side in opposite direction perpendicular to its own direction. If
there were no further effect, the resulting rotation would always
stay below 90◦. In fact, there is an additional contribution to the
rotation from the relaxation of the twist in a rising force-free flux
rope even if the twist is insufficient to trigger the helical kink.
Kliem et al. (2012a) have found that this contribution is about
40◦ if the shear field is very small, and it should be smaller for
larger shear field because the shear-field-driven rotation then
has a share in reducing the twist. Hence, a total rotation of
≈130◦ or more represents an indication for the occurrence of
the helical kink instability. The two strong bends in Figures 5(d)
and (e) are consistent with a rotation of this magnitude. The
alignment of the filament section between the bends with the
solar-y-axis in Figure 5(e) is suggestive of a rotation beyond
the meridional plane, since the height of the structure is initially
still increasing if one goes southward from the northern bend
(compare the STEREO image in Figure 5(h)). If this section of
the filament were lying in the meridional plane, then it would
run slightly southeastward in the plane of the sky for SDO. This
suggests a rotation even slightly exceeding 135◦ with respect to
the diagonal line between the footpoints of the filament, which
is an indication that the helical kink instability did occur in the
main phase of the eruption.

3.4.2. Flux Imbalance and Torus Instability

Which other mechanism could have triggered this event? We
suggest that it was a loss of equilibrium caused by flux imbalance
or by the torus instability. Both mechanisms, which may actually
be closely related, are supported by the main characteristics of
the gradual evolution prior to the event’s onset: the transfer of
flux from the lower to the upper filament branch and the slow
rise of the upper branch (Figure 4).

Through parametric study of flux ropes in numerical models
of erupting active regions, it has been found that the amount
of axial flux in the rope, relative to the total amount of flux in
the region, possesses a limiting value for the existence of stable
equilibria (Bobra et al. 2008; Savcheva & van Ballegooijen
2009; Su et al. 2011). The limiting value appears to be rather
small, in the ∼(10%–20%) range (although compare Green et al.
2011, who presented support for a higher value for a flux rope
still in the process of formation). The conjectured flux rope in the
present event was lying rather high, thus likely well developed,
so that the given small limiting value appears to be relevant and
a rather modest amount of flux transfer to the upper branch may
have led it to a point where no neighboring equilibrium was
available.

The torus instability (Kliem & Török 2006; Török & Kliem
2007) sets in if a flux rope rises to a critical height at which the
overlying field declines with height at a sufficiently steep rate
(Liu 2008; Aulanier et al. 2010; Olmedo & Zhang 2010; Fan
2010). Thus, the observed slow rise of the upper filament branch
makes this instability a potential trigger mechanism.

3.4.3. Mass (Un-)Loading

The observations in Section 2.4 show that mass is transferred
from the lower to the upper branch of the filament. Mass
“loading” in some form may often play a role in the final
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evolution of filaments toward an eruption, since their darkness
and thickness often increase in this phase (e.g., Kilper et al.
2009; Guo et al. 2010). Since this darkening is not yet fully
understood, other effects, listed in Section 2.4, may be relevant
in addition, or alternatively. Mass loading is very suggestive
as a mechanism that helps holding down current-carrying flux,
thus raising the amount of free magnetic energy that can be
stored in the configuration (Low et al. 2003). A destabilizing
influence of “mass unloading” may also be conjectured from
the observation that the internal motions in filaments tend to
amplify prior to eruption, which happened also in the event
analyzed here. Moreover, these motions were systematically
directed from the middle toward the ends of the upper branch
for an extended period of time, at least ≈15 minutes prior to
the onset of the fast rise (Section 2.4). However, a consideration
of the typical gravitational and magnetic energy densities in
active regions leaves mass unloading at most the role of a
“final drop” in an equilibrium sequence approaching the point
where the equilibrium is lost. Forbes (2000) estimates that the
magnetic energy of an average active region (B ∼ 100 G)
exceeds the gravitational energy by three orders of magnitude,
based on a typical coronal density of 109 cm−3. For the denser
filament material, the measured values of the electron density
vary greatly, ranging from 109 to 1011 cm−3 (Labrosse et al.
2010), due to differences among the techniques that have been
used, as well as to an unknown filling factor, but the temperature
is often better constrained (T � 104 K). Thus, to maintain a local
pressure balance, filaments must be about 100 times denser than
their typical coronal surroundings (T ≃ 106 K, n ≃ 109 cm−3).
Still, the energy density of the gravitation is at least one order of
magnitude smaller than that of the magnetic field. This renders
gravity largely irrelevant for the energy storage in active regions.
Thus, while mass unloading of the upper filament branch may
have played a minor role in the evolution toward the eruption,
a role in the actual driving process can almost certainly be
excluded.

3.5. Transient HXR Sigmoid

An important structure associated with the dynamic evolution
of a twisted flux rope is a sigmoidal current sheet under the
rope, as revealed in various MHD simulations. The current
sheet may form at a bald-patch separatrix surface (e.g., Titov
& Démoulin 1999; Magara & Longcope 2001; Gibson & Fan
2006a; Archontis et al. 2009; Fan 2010), at an HFT (e.g., Titov
et al. 2003; Galsgaard et al. 2003; Kliem et al. 2004), or simply
in a layer of highly sheared field (Török & Kliem 2003; Aulanier
et al. 2005). In each of these cases, a reverse S-shaped current
sheet is associated with a left-handed flux rope whose axis
writhes into a forward S shape when the rope rises (Gibson
& Fan 2006a; Kliem et al. 2004). The dissipation process in this
current sheet and the resultant heating of plasma are suggested
to be responsible for transient sigmoidal structures that brighten
in SXRs prior to or during coronal eruptions. Our observation of
the reverse S-shaped HXR sigmoid underlying the left-handed
kink is also consistent with these simulations.

As demonstrated in Figure 5, the coronal HXR sigmoid only
formed after the upper branch of the filament had risen to
relatively high altitudes above the surface. As the X-ray sigmoid
is largely of coronal origin (between ∼12 and 25 Mm; recall
Section 2.3 and see also Figure 9(a)), it is likely associated with
the flare current sheet formed at the HFT. We therefore suggest
that accelerated electrons trapped in this current sheet produced
the HXR sigmoid.

4. SUMMARY

We investigate the pre-eruptive evolution and the partial
eruption of a filament which is composed of two branches
separated in height, combining SDO, STEREO, and RHESSI
data. This is complemented by MHD modeling in Paper II. To
our knowledge, such a double-decker configuration is analyzed
in detail for the first time. We summarize the major results as
follows.

1. With stereoscopic observations from SDO and STEREO-B,
we obtain the three-dimensional height information of the
two filament branches. They are separated in height by
about 13 Mm, and the vertical extension of the upper branch
is about 10 Mm.

2. The strong writhing of the upper branch into a left-handed
helical kink, unambiguously determined by combining
SDO and STEREO-A observations, clearly indicates the
structure of a left-handed flux rope for this branch. Since the
lower branch has the same magnetic connections at its ends
and transfers some of its flux into the upper branch in the
course of the pre-eruptive evolution, left-handed helicity
is indicated also for the lower branch, and hence for the
dextral filament as a whole.

3. This structure is compatible with two model configurations,
a flux rope above a sheared magnetic arcade with dips and
a double flux rope equilibrium. In either case, the filament
material in each branch can be supported against gravity
by upward concave field lines, and an HFT separates the
branches. The first configuration is well known to possess
stable and unstable states of the flux rope, with the arcade re-
maining stable (Titov & Démoulin 1999). Equilibria of the
second type are analytically and numerically constructed
in Paper II. MHD simulations demonstrate that they pos-
sess stable as well as unstable states with only the upper
flux rope erupting (and also unstable states that lead to the
ejection of both flux ropes).

4. The pre-eruptive evolution of the filament is characterized
by a slow rise of the upper branch most likely driven by the
transfer of current-carrying flux from the lower to the upper
branch in a sequence of partial merging episodes. Weak-
flux cancellation may also have contributed to the rise.
These properties suggest that the eruption was triggered
by reaching a point of flux imbalance between the upper
branch and the ambient field (e.g., Su et al. 2011) or the
threshold of the torus instability.

5. The initial straightening of the erupting upper filament
branch from its original reverse S shape excludes the helical
kink instability as trigger of the eruption, but it supports
the occurrence of the instability in the main phase of the
eruption, which is indeed indicated by the strong forward
S shape acquired in this phase.

6. The main acceleration of the erupting branch commences
very close in time with the impulsive phase of the associated
M1-class flare. The eruption results in a reverse S-shaped
HXR sigmoid which is at least partly located in the
gap between the two branches from about 12 Mm to
25 Mm above the surface. To our knowledge, this is
the first time that a coronal sigmoid is clearly observed
in HXRs. We suggest that electrons accelerated in the
vertical (flare) current sheet under the rising filament branch
produced the coronal HXR emission, in agreement with
a previous model for transient sigmoids (Kliem et al.
2004).
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Abstract. It has been a challenge to explain theoretically how fast CMEs (exceeding ∼ 1,000km/s) occur. Our numerical
models suggest that it is not easy to release enough magnetic energy impulsively from an active region. We have been studying
CME models that are constrained by observed magnetic �elds, with realistic coronal plasma density and temperature pro�les,
as derived from thermodynamic models of the corona. We �nd that to get fast CMEs, the important parameters are the
magnetic energy density, the magnetic �eld drop-off index, and the Alfvén speed pro�le in active regions. We describe how
we energize active regions, and how we subsequently initiate CMEs via �ux cancellation. We contrast CMEs from idealized
zero-beta models with more sophisticated models based on thermodynamic solutions.

Keywords: Coronal Mass Ejections, Solar Corona, Magnetohydrodynamics (MHD)
PACS: 96.60.P-, 96.60.ph, 96.60.qf, 95.30.Qd

INTRODUCTION

It has been dif�cult to develop successful models of fast

coronal mass ejections (CMEs). By fast CMEs we mean

those whose speed signi�cantly exceeds the ambient so-

lar wind speed (i.e., exceeding ∼ 1,000km/s). In order
to explain fast CMEs, we need to demonstrate that a sig-

ni�cant fraction of the magnetic energy in an active re-

gion can be converted into kinetic energy to accelerate

the CME, produce a shock wave low in the corona, open

overlying closed magnetic �eld lines, and accelerate en-

ergetic particles. Our numerical models suggest that it is

not easy to release enough magnetic energy impulsively

for these purposes. This has to be done using realistic pa-

rameters (magnetic �eld strength, coronal density, active

region size, solar wind, and global �eld model). It is de-

sirable to use self-consistent CME initiation mechanisms

(e.g., photospheric shearing �ows, �ux cancellation, �ux

emergence), rather than starting from con�gurations that

are initially out of equilibrium.

To understand CMEs theoretically it is helpful to ide-

alize the problem to the simplest possible con�guration

that retains the essential characteristics of CMEs. This

is a dif�cult task, since this simpli�cation might com-

promise the very goal of getting a fast CME. The pho-

tospheric magnetic �eld that is used in models is typ-

ically smoothed because simulations with large Alfvén

speed and high-resolution meshes are computationally

challenging. This smoothing tends to reduce the size of

the photospheric �eld. In our experience, models with

overly smoothed �elds do not tend to produce fast CMEs.

The smoothing process reduces the magnetic energy den-

sity in the active region and the magnitude of the Alfvén

speed in the corona, and it is likely that these reductions

may lower the speed of CMEs.

The plasma density can also affect the speed of CMEs

(presumably via the Alfvén speed). Therefore, the mod-

els need to have a realistic density pro�le, requiring an

accurate energy equation in the model, and a reason-

able coronal heating model. With a sophisticated energy

equation [1], we are able to model the cold, dense promi-

nences that frequently erupt together with the CME. As

we describe below, the mass trapped in the prominence

may affect the speed of the CME, requiring an accurate

model of the lower corona and chromosphere.

Finally, the magnetic �eld overlying the active region

may affect how the CME is con�ned and the nature of

the eruption. Since this �eld arises from distant magnetic

�eld sources, a global model whose scale is much larger

than the source active region may be required to properly

model the CME.

It is apparent that all these aforementioned considera-

tions make the modeling of fast CMEs dif�cult. This may

be the reason that models have generally not been able to

produce fast CMEs.

AN IDEALIZED MODEL

We illustrate our methodology by developing an ideal-

ized model of a CME that was observed on 12 May

1997. We have studied this event for many years. Even

though this CME occurred in the SOHO era, it is still

relevant today, simply because it is not very well under-

stood yet. The halo CME originated in a “simple” small

bipolar active region (AR 8038) at N21◦W08◦, and was

accompanied by a C1.3 �are at 04:42UT. The projected

CME speed was ∼ 250km/s; the estimated actual CME
speed was∼ 600km/s. This CME has been described by
Plunkett et al. [2] (LASCO); Thompson et al. [3] (EIT

waves); Webb et al. [4] (interplanetary magnetic cloud);
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Idealized Model of the 12 May 1997 Photospheric Magnetic Field Br
MDI Synoptic Map Model v1 Model v2

50250-25-50

Br [Gauss]

FIGURE 1. The two idealized models of the 12 May 1997
photospheric magnetic �eld, compared to the SOHO/MDI
magnetogram.

Ambastha and Mathew [5] (�ux cancellation); Gopal-

swamy and Kaiser [6] (Type II radio); Attrill et al. [7]

(coronal dimmings); and Crooker and Webb [8] (inter-

change reconnection).

Despite the fact that this was not a fast CME, it is

an excellent case to study for the following reason. Our

simulations of the pre-eruption corona with a thermo-

dynamic model reproduce several characteristics of the

observations, including signatures in EUV and X-ray

emission (coronal hole morphology, quiet Sun and active

region emission, sigmoid). Furthermore, our simulated

eruptions also match the observations, including promi-

nence formation, dimming regions in EUV and X-rays,

post-�are loops, and EIT waves. Nevertheless, all our at-

tempts to simulate this CME produce an eruption that is

less energetic than the observed CME.

A procedure for developing a simpli�ed model using

a global sun-centered dipole and a sub-surface bipole to

represent the active region (AR) was described by Titov

et al. [9]. We adopt a similar procedure, matching the

observed AR �ux (∼ 5× 1021Mx) and the total global

�ux (∼ 4.3× 1022Mx). The resulting global dipole has
Br = 2.8G at the poles.
We are studying two versions of the model: v1 has a

smoother version of the magnetogram with Br(max) =
50G in the AR; v2 has less smoothing with Br(max) =
180G. The idea is to determine if the reduction of pho-

tospheric magnetic �eld by smoothing reduces the speed

of the CME. Both models match the observed AR mag-

netic �ux. Figure 1 shows the models compared to the

photospheric �eld observed with the SOHO/MDI mag-

netogram.

The simulations are performed with our spherical 3D

resistive MHD code, using a semi-implicit technique to

overcome the time step limit imposed by the Alfvén

speed, and a fully implicit scheme to advance the resis-

tive, viscous, and thermal conduction terms [10, 11]. In

the transverse direction, the smallest cells (in the AR)

have a size of 2,300km (690km) for a medium (high)
resolution mesh. In the vertical direction, for the thermo-

dynamic model, the smallest cells have a size of 220km

(60km) for a medium (high) resolution mesh. The resis-
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FIGURE 2. The �eld drop-off index (vertically above the
neutral line) for the high-resolution MDI data and for Models
v1 and v2.

tivity is chosen to be uniform, with a Lundquist number

S= 106.
Kliem and Török [12] have described how the drop-

off of the poloidal component of the potential �eld that

con�nes a �ux rope affects its stability. Assuming that

locally Bpol = B0(h/h0)
−n, where h = r − R⊙ is the

height above the photosphere, the local drop-off index is

n=−d(lnBpol)/d(lnh). A heuristic condition for stabil-
ity is: when n � 1.5 above the �ux rope, the rope erupts
more easily; when n � 1.5, the rope tends to be sta-
ble [12]. Démoulin and Aulanier [13] consider the criti-

cal value to be closer to 1.1–1.3. Török and Kliem [14]
have investigated the effect of n on the speed of CMEs.

Fields that fall off rapidly with height (larger n) are eas-

ier to disrupt, and may produce faster CMEs. An exam-

ple is a quadrupolar con�guration, as exempli�ed by the

Breakout Model [15]. Figure 2 compares n for the high-

resolution MDI magnetogram, and for Models v1 and

v2 (using a PFSS model). It can be seen that Model v2

matches n of the high-resolution data, whereas Model v1

has a lower n. This is an indication that Model v1 may

have been smoothed too much and may have dif�culty

producing fast CMEs, consistent with our preliminary re-

sults. Full con�rmation will require a detailed compari-

son of models v1 and v2 (work in progress).

ACTIVE REGION ENERGIZATION AND

CME TRIGGERING

We brie�y describe how we typically energize the active

region in our model, and how we trigger the eruption.

We start with a potential �eld, and energize the AR by

emerging transverse magnetic �eld along the polarity

inversion line (PIL), speci�ed via a boundary condition

at r = R⊙ on the transverse electric �eld, Et = ∇tΦ.
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FIGURE 3. The potential Φ used to energize the AR by
emerging transverse magnetic �eld along the PIL (green).

The potential Φ is chosen to change sign across the

PIL; see Fig. 3. Since Et is the gradient of a scalar, this

electric �eld does not change Br in the photosphere. We

�nd that the transverse magnetic �eld emerged by this

process introduces shear at the neutral line. The magnetic

energy in the active region is raised signi�cantly above

the potential �eld energy.

After the energization is complete, the eruption is trig-

gered by applying �ux cancellation at the PIL. There

is evidence that �ux cancellation preceded the 12 May

1997 CME [5], and may have been its trigger. MDI mag-

netograms show clear evidence of cancellation of �ux at

the PIL. This �ux cancellation is speci�ed by imposing

converging �ows at r = R⊙, together with photospheric
diffusion [e.g., 16, 17, 18]. Figure 4 shows a typical ex-

ample of the �ow used. In its early stages, �ux cancella-

tion converts the highly sheared �eld along the PIL into

a �lament. We have found these techniques to be a very

�exible way to energize and trigger CMEs.

ZERO BETA AND THERMODYNAMIC

MODELS

The full thermodynamic model with an improved en-

ergy equation is very costly to run, since it requires

high-resolution meshes and small time steps. A “zero-

beta” model, in which gravity and pressure forces are ne-

glected, is a useful approximation. In this model, the en-

ergy equation is not solved (since p = 0). The zero-beta
model is numerically more ef�cient, and is frequently

used for the rapid investigation of stability. It is important

to note that the coronal density pro�le ρ(x) can be cho-
sen freely in this model. This choice affects the Alfvén

speed pro�le. In general, it is dif�cult to choose a real-

istic ρ pro�le, especially when the magnetic �eld varies

over a large range (as is the case for global simulations
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FIGURE 4. Flow applied at r = R⊙ that converges towards
the PIL (green), resulting in cancellation of �ux. This fre-
quently triggers the initiation of a CME. The contours show
the photospheric resistivity.

with high resolution in active regions). That is a primary

reason to use a thermodynamic model in which ρ is de-

termined self-consistently. We have found that the choice

of ρ(x) can dramatically in�uence the assessment of a
fast CME model.

We studied the energization and eruption of Model

v1 using the zero-beta and thermodynamic models. We

found that when an arbitrary, though reasonable, density

pro�le was speci�ed in the zero-beta model, the CME

reached a certain speed. When we repeated this case us-

ing a density pro�le that was derived from the thermo-

dynamic model (which is more realistic), the CME speed

was signi�cantly different. The case with the “fake” den-

sity pro�le was appreciably more energetic. (It turned out

to have a higher coronal Alfvén speed.) This ought to be

a cautionary tale for users of zero-beta models.

Furthermore, we noticed that the thermodynamic

model generally gave less energetic eruptions for the

same conditions (energization and �ux cancellation), as

illustrated in Fig. 5. The thermodynamic model has a

smaller burst of kinetic energy, and a correspondingly

more gradual release of magnetic energy, than the zero-

beta model. (In this case the zero-beta model used the ρ

pro�le from the thermodynamic model to make the com-

parison as similar as possible.) In the thermodynamic

model, the lower �eld lines in the erupting �lament ap-

pear to be trapped by the dense plasma in the chromo-

sphere/low corona, in contrast to the zero-beta model, as

seen in Figure 6. The thermodynamic model shows the

self-consistent formation of a prominence (cool, dense

material) in the �lament channel, an exciting develop-

ment in its own right. Since the physics in the thermo-

dynamic model is more accurate, conclusions about the

speed of CMEs based on the zero-beta model need to be
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Zero Beta vs. Full Thermodynamic Cases
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FIGURE 5. The magnetic and kinetic energy for zero-beta
and a full thermodynamic simulations. The kinetic energy for
the thermodynamic case is that above the initial value.
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FIGURE 6. The evolution of selected �eld lines for zero-beta
and full thermodynamic simulations.

made carefully.

CONCLUSIONS

It is apparent that models of fast CMEs do not come

easily. Although our analysis is not complete, there are

strong indications that magnetograms of active regions

used in models must not be smoothed too much, to max-

imize the chances of getting a fast CME. It appears to

be necessary for the models to maintain high Alfvén

speeds. The presence of a large �eld drop-off index low

in the corona also helps. Zero-beta models are very use-

ful, but need to be used carefully when making con-

clusions about the speed of CMEs. Full thermodynamic

models offer promise to model the formation of promi-

nences and their eruption within CMEs.
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